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Abstract—We present the results of multi-frequency polarization VLA observations of radio sources from the
complete sample of northern, radio-bright BL Lac objects compiled by H. Kiihr and G. Schmidt. These were
used to determine the integrated rotation measures of 18 sources, 15 of which had never been measured previ-
ously, which hindered analysis of the intrinsic polarization properties of objectsin the complete sample. These
measurements make it possible to correct the observed orientations of the linear polarizations of these sources
for the effect of Faraday rotation. The most probable origin for Faraday rotation in these objectsis the Galactic
interstellar medium. The results presented complete measurements of the integrated rotation measures for all
34 sources in the complete sample of BL Lac objects. © 2001 MAIK “ Nauka/Interperiodica” .

1. INTRODUCTION

BL Lac objects are an extreme class of active galac-
tic nuclei characterized by anumber of peculiar proper-
ties: weak or absent optical line emission, rapid and
strong variability in all parts of the electromagnetic
spectrum, a high degree of linear polarization, and
compact radio and pointlike optical structure.

In 1990, Kuihr and Schmidt [1] compiled a complete
sampleof radio-bright BL Lac objectsinthe Northern sky,
consisting of 34 sources satisfying the following selection
criteria (1) total flux at 5 GHz | > 1 Jy at the epoch at
which the sample was compiled, (2) two-point spectral
index between 11 and 6 cm a,,_c = —0.5 (S~ v*®), and
(3) equivalent width of emission linesW < 5 A. The
sampleincluded sourcesbrighter than 20™in the optical
with declinations & > 20° located outside the Galactic
plane (|b| > 10°). We are currently analyzing multi-fre-
guency, polarization-sensitive Very Long Basdline Inter-
ferometry (VLBI) datafor al sourcesin the sample.

VLBI polarization observations can yield radio
images of compact sources such asBL Lac objectswith
angular resolution of the order of a millisecond of arc.
Such observations contain information about all four
Stokes parameters, i.e., both the total intensity and the
linear and circular polarization of the radiation. The
emission of BL Lac objectsischaracteristically linearly
polarized, sinceit is synchrotron radiation. Thus, polar-
ization-sensitive observations carry information not
only about the energetics and kinematics of the sources
observed, but also about the degree of order and orien-
tation of the magnetic fieldsin their jets, which arevery
important when analyzing the physical conditions in
these objects.

There are a number of factors that can complicate

deduction of the direction of the magnetic field in apar-
ticular region in asource. Three properties of theregion

must be known: first, the orientation of the electric vec-
tor of its linear polarization, second its optical depth,
and finaly, its rotation measure.

The first two properties flow directly from any
multi-frequency polarization observations, and yield
the orientation of the magnetic field in the radiating
region relative to the observed polarization el ectric vec-
tor. When a sufficiently high degree of polarization is
detected at even one frequency, this indicates that the
radiating plasma must be optically thin, since optically
thick radiation cannot be more than =10-15% polar-
ized [2]. If the plasma is optically thin, the magnetic
and electric fields are mutually perpendicular, whereas
the two fields are parallel if the plasma is optically
thick. The core of the sourceis usually considered to be
optically thick, while the jet becomes increasingly
transparent—opticaly thin—with distance from the
core. This is demonstrated by the presence of highly
polarized jet components [3] (isolated regions of
brightening of the total intensity), whose degree of
polarization can reach 60—-70%—the limit for optically
thin synchrotron radiation [2]. The high degrees of
polarization that are sometimes observed in the VLBI
jets of BL Lac objects testify that the magnetic fields
arewell ordered in theseregions. Asarule, thejet emis-
sion has a steep spectrum, confirming that we are deal-
ing here with an optically thin plasma.

Faraday rotation of the plane of linear polarization
occurs when polarized radiation passes through a
region containing thermal plasma and a magnetic field
with anon-zero component along the line of sight. The
rotation measure can only be derived from multi-fre-
guency polarization observations. However, wide-band
polarimetry (1.4, 5, 8, 15, 22 GHz, for example) is not
suited to thispurpose. Asisdiscussed in [5], the best suited
observations are those made with the NRAO VLA at
1.3-1.7 GHz. When planning observations designed to
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Fig. 1. Total-intensity maps of 0119 + 115 at 1.41 GHz (left) and 1.63 GHz (right) with linear polarization vectors superposed. The
peak flux densities are 892 and 891 mJy, respectively, and the lowest contours are 0.35% left and 0.25% right of the peaks, respec-

tively. The horizontal and vertical scales are in arcseconds.
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Fig. 2. Total-intensity maps of 0235 + 164 at 1.41 GHz (left) and 1.66 GHz (right) with linear polarization vectors superposed. The
peak flux densities are 833 and 1032 mJy, respectively, and the lowest contours are 0.125% of the peaks. The horizontal and vertical

scales are in arcseconds.

derive the rotation measures of compact extragalactic
sources, several requirements on the frequency interval
to be used should be taken into consideration. First,
there should be alarge enough spacing between the cor-
responding wavel engths (more precisely, the squares of
the wavelengths) to detect the rotation of the plane of
linear polarization. Second, these wavelengths should
be long enough not to give rise to large ambiguities
when calculating the rotation measures. Finally, the
wavelengths should not be very different from each
other, since otherwise, there isthe possibility of detect-

ing radiation from el ectrons with qualitatively different
energies—i.e., from physical different regions in the
source—at the different wavelengths.

2. OBSERVATIONS

We obtained VLA observations (C or D configura-
tion) during four sessions: January 19, 1996 (Session 1),
January 29, 1996 (Session 2), February 7, 1996 (Ses-
sion 3), and June 26, 1998 (Session 4). The 1998 obser-
vations were conducted in order to refine our initia
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Fig. 3. Coverage of the u—v planefor the VLA observations of 0119 + 115 (left, three scans) and 0235 + 164 (right, six scans). The

horizontal and vertical scales are thousands of wavelengths.
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Fig. 4. Dependence of the polarization position angle x (in degrees) on the square of the wavelength (in cmz) for the sample sources.
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determination of the rotation measure for 0119 + 115,
since the 1996 data for this source were of compara-
tively low quality, leading to a large uncertainty in its
rotation measure. All the observations were carried out
at six frequencies (1664.9, 1635.1, 1515.9, 1467.7,
1417.5, and 1365.1 MHZz), with bandwidths of 50 MHz
for the observations at 1664.9 and 1635.1 MHz and
25 MHz for the remaining frequencies. The data were
calibrated inthe AIPS (Astronomical Image Processing
System, NRAO) package. The primary flux calibrators
were 3C 286 (Sessions 2 and 3) and 3C 48 (Sessions 1
and 4). The polarization position angleswere calibrated
using 3C 286 (Sessions 2 and 3) and 3C 138 (Sessions 1
and 4), for which we assumed the polarization position
angles x = + 33° and X = —9°, respectively, at al fre-
guencies, since these sources do not have significant
rotation measures [8]. The instrumental polarizations
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were determined using sources with observations span-
ning a large interval (>90°) in parallactic angle—
2150 + 173 (Session 1), 0917 + 624 (Session 2),
1147 + 245 (Session 3), and 0235 + 495 (Session 4).
Theunpolarized sources 2352 + 495 (Session 1, m < 1%),
1323+ 321 (Sessons2 and 3, m <0.6%), and 0134 + 329
(Session 4, m_ < 0.8%) were used to check the results
of the solutions for the instrumental polarizations.

3. RESULTS

Structure on VLA (kiloparsec) scales was detected
in the two sources 0119 + 115 and 0235 + 164. Figures 1
and 2 show images of the distributions of total intensity
for these sources, with linear-polarization vectors
superposed. The remaining sources were unresolved at
the sengitivity level reached in our observations, and so
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their images are not shown. The imagesin Figs. 1 and
2 were made at different frequencies, and variationsin
the polarization angles are clearly visible. The orienta-
tion of these vectors correspondsto that of the polariza-
tion electric vectors, and their length is proportiona to
the degree of polarization. The sizes and shapes of the
antenna beams are indicated in the lower |eft corner of
each image. Figure 3 shows the u-v coverages for
0119 + 115 and 0235 + 164 for our observations, which
are typical for VLA “snap-shot” observations of
sources at these declinations.

Figure 4 presents the dependence of the polarization
position angle X on the square of the wavelength for the
18 sources. In all cases, these plots show alinear depen-
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dence on A%. The desired rotation measure is the slope
of theline

X(A\%) = Xo+RMA®, RM = 0.81J’NeBcosedI, (1)

where N, is the density of thermal electrons (cm),
B the magnetic field (UG), O the angle between the direc-
tion of propagation of the radiation and the magnetic-field
direction, and dl an element of path length from the source
to the observer (pc). This expression for the rotation mea:
sureisvalidfor quasi-longitudina propagation (so that the
angle B issmall) and aweak magnetic field [4].

As arule, errorsin X are several degrees, and are
presented at the 20 level; we had several observations
for each source at each frequency, enabling usto estimate
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Integrated rotation measures for all sourcesin the complete sample of BL Lac objects

Source ang%ﬂg;k[s] Rusk [6] Wrobel [7]  |Our observations| z Kpgl(ﬁgéecl
0003 — 066 13+2 0.347 29
0048 — 097 -28+7 - -
0119 + 115 240+ 18 0.570 37
0138 — 097 9+2 0.440 33
0235+ 164 57+20 57+21 85+9 0.940 4.2
0256 + 075 -13+2 0.893 4.2
0454 + 844 5+6 0.112 13
0716 + 714 -30+£3 - -
0735+ 178 9+13 9+12 0.424 33
0745 + 241 21+2 0.410 32
0814 + 425 19+9 0.245 24
0820 + 225 81+10 0.951 4.2
0823 + 033 1+2 0.506 3.6
0828 + 493 —-6+5 0.548 3.7
0851 + 202 31+2 31+3 0.306 2.8
0954 + 658 -15+4 0.368 31
1147 + 245 19+2 - -
1308 + 326 —-4+4 —-4+4 0.996 4.3
1334 -127 -23+3 0.539 3.7
1418 + 546 177 0.151 1.7
1538 + 149 17+£2 0.605 38
1652 + 398 42? 0.033 0.5
1732 + 389 67+8 0.970 4.2
1749 + 096 105+ 22 94+6 0.322 3.0
1749 + 701 33+22 165 8+13 0.770 4.0
1803 + 784 -70+5 —-61+4 —-61+2 0.680 39
1807 + 698 20+ 46 5+5 14+4 0.051 0.7
1823 + 568 34+5 36+4 0.664 39
2007 + 777 -20+3 0.342 31
2131 -021 6+7 1.285 43
2150 + 173 -39+4 - -
2155-152 19+4 0.672 3.9
2200 + 420 -205+6 0.068 0.8
2254 + 074 -30+£3 0.190 20

L For auniformly expanding Universe (g = 0.5) with Hy = 100 km s> Mpc ™.
2 Author does not present errors for this measurement.
ASTRONOMY REPORTS Vol.45 No.9 2001



MEASUREMENT OF

THE INTEGRATED FARADAY ROTATIONS

[RM], rad m—2
100 - }
i
50+ {-
; # }; ' ]
[]
} l l* §§ } | i {l : * l *
0 20 40 60 80°
|b|

673

Fig. 5. Dependence of the absolute value of the rotation measure on the absolute value of the Galactic latitude. For sources with
several RM measurements, we chose the RM value obtained at the latest epoch. The new value for the Galactic contribution to the

rotation measure of BL Lac found by Reynolds et

al. [9] is shown by the hollow circle.
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Fig. 6. Dependence of the degree of polarization on wavelength using six sources as examples. Thereis no evidence for depolarization.

ASTRONOMY REPORTS Vol. 45 No. 9

2001



674

RM, rad m?

Fig. 7. Dependence of the relative degree of polarization
mymy at various wavelengths on the rotation measure, where

m is the intrinsic degree of polarization in the absence of

internal Faraday rotation and misthe degree of polarization
expected for a plane-layer model [9] in which a substantial
fraction of therotation measureisinternal to the source. The
dashed curve shows the theoretical dependence of the ratio

of the degrees of polarization m, /m)\2 for wavelengths AA
18 and 22 cm predicted by this model.

the errors in X by comparing these independent mea-
surements. We determined linear |east-squares fits to
the observed x dependences. Note that the polarization
angleis determined with accuracy to within £nrt(n =
0, 1, 2, ...), which can lead to ambiguity in the rotation
measure RM, since we are dedling with observations a a
discrete set of frequencies. The square of the minimum
difference between neighboring wavelengths will deter-
mine this ambiguity, which in our case is +1190 rad/m?.
Nevertheless, the presence of six observing frequencies
and their proximity to one another enables usto determine
the rotation measures with certainty.

The integrated rotation measures for the 18 sources
from the complete sample of Kihr and Schmidt [1] are
presented in the table, together with results for the
remaining 16 sample sources obtained in earlier obser-
vations [5-7]. These values are primarily in the interval
[RM| = 0-100 rad/m?, which coincide with the Galactic
rotation measures derived from observations of 555 radio
sources [8]. Only two objects have [RM| > 200 rad/m?. It
is probable that the Faraday rotation we have detected
occurs primarily when the radiation passes through the
intergtellar medium of the Galaxy. Further evidence for
thisis provided by the digtribution of the [RM| values for
all the sample sources relative to the absolute value of
the Galactic latitude, where we can see a tendency for
[RM| to decrease with increase |b| (Fig. 5).

Figure 5 does not show the two highest vaues of |RM|,
for the sources 0119 + 115 and 2200 + 420 (BL Le&).
Results obtained by Reynolds et al. [9] (persona com-
muni cation) based on multi-frequency VLBI observations
show that the Gal actic contribution to the observed inte-

PUSHKAREV

grated rotation measure of BL Lacis—110 + 19 rad/m?,
indicated in Fig. 5 by the hollow circle. We can see that
this new value agrees well with the genera tendency
shown by the remaining rotation measures of the sample
sources. It is not ruled out that the rotation measure for
0119 + 115 dsoincludes an appreciable contribution from
regions near the source.

In addition, we do not detect evidence for depolar-
ization (Fig. 6); the degree of polarization remains essen-
tidly congtant with frequency. Depolarization ariseswhen
the thermal plasma associated with the RM is mixed in
with the source [10]. In this case, the polarizations from
the far and near regions of the source add incoherently,
and the resulting observed polarized decreases as the
Faraday depth increases. This is shown for a plane-
layer model [10] in Fig. 7, which presents theoretical
depolarization curves for various wavel engths when an
appreciable fraction of the rotation measure is internal
to the source.

Moreover, another piece of evidence supporting a
Galactic origin for most of the observed rotation mea-
suresisthat the RM values apparently do not vary with
time, asindicated by the valuesin the table for sources
for which there are observations at more than one
epoch; note that al the results in the table were
obtained using the same observing and reduction tech-
niques. In addition, as was shown in [11], the rotation
measures remain constant over periods of decades, in
spite of the presence of appreciable variations of the
source polarizations.

4. CONCLUSIONS

We have derived integrated rotation measures for
18 sources, completing such RM measurements for all
34 BL Lac objectsin the complete sample, using simul-
taneous VLA polarization observations at six frequen-
cies below 2 GHz. The mean value of |RM| for the
entire sample is ~40 rad/m?. The observed RM values
are associated with thermal plasma external to the
source, and probably arise when the radiation passes
through the interstellar medium of the Galaxy.

However, such overall modest values for the inte-
grated rotation measures do not rule out the presence of
substantialy higher RMs and sharp RM gradients in the
inner regions of the compact VLBI jets of afew of these
sources. Our multi-frequency VLBI polarization observa-
tions, currently being analyzed, will enable us to iden-
tify such cases of non-uniform Faraday rotation in the
immediate vicinities of the compact radio sources.
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Abstract—We present the results of three-dimensional numerical simulations of flow structuresin binary sys-
temswith spiral shock waves. Variations of the mass-transfer rate perturb the equilibrium state of the accretion
disk; consequently, a condensation (blob) behind the shock breaks away from the shock front and moves
through the disk with variable speed. Our computations indicate that the blob is along-lived formation, whose
mean parameters do not vary substantially on timescales of severa tens of orbital periods of the system. The
presence of the spiral shocks maintains the compact blob in the disk: it prevents the blob from spreading due to
the differential motion of matter in the disk, and dissipative spreading on thistimescale is negligible. A humber
of cataclysmic variables display periodic or quasi-periodic photometric variations in their light curves with
characteristic periods ~0.1-0.2P,,,, where P, is the orbital period. The blobs formed in systems with spiral
shock waves are examined as a possible origin for these variations. The qualitative (and, in part, quantitative)
agreement between our computations and observations of |P Peg and EX Dra provides evidence for the efficacy

of the proposed model. © 2001 MAIK “ Nauka/Interperiodica” .

1. INTRODUCTION

Thelight curves of cataclysmic variables with large
orbital inclinations, particularly eclipsing stars, provide
information about the structure of matter flows between
the components of the system. The light curves of such
cataclysmic variables are extremely complicated; sub-
stantial brightness variations are seen even out of
eclipse [1, 2]. Some of these fluctuations, so-called
flickering, are non-periodic, and have low amplitudes
and short timescales. At the same time, along with spo-
radic short-period fluctuations, the light curves of cata-
clysmic variables display periodic (or quasi-periodic)
photometric modulations with characteristic periods
~0.1-0.2P,,,, where P, is the orbital period.

Various mechanisms have been proposed to explain
out-of-eclipse brightness variations, from instabilities
inthe accretion disk and stream—disk system to changes
in the rate of mass transfer from the donor star (see, for
example, [2]). Based on three-dimensional numerical
simulations, it was concluded in [3] that, in the pres-
ence of spiral shock waves, perturbations in the disk
result in the formation of a condensation (blob) that
moves through the disk with variable speed. The sub-
stantial (factor of 1.5) difference between the densities
of the blob and disk, as well as the variable speed of
rotation of the blob inthe disk (~0.1-0.2P_,,), while the
disk rotates with aroughly constant period, suggest this
formation as a possible origin of the quasi-periodic
variations observed in the light curves of cataclysmic
variables out of eclipse. If the blob is more luminous
than the disk—as could be the case, for example, for

recombination radiation, for which the intensity is pro-
portional to the square of the density—brightness fluc-
tuations could occur due to the eclipse of the blob by
the optically thick disk. If the blob islessluminousthan
the disk, brightness fluctuations could be associated
with eclipses of parts of the disk by the optically thick
blob.

The aim of the current paper is a more detailed
(compared to [3]) study of the formation of the blab,
and of therange of variations of its properties asafunc-
tion of the model parameters. We aso analyze observa-
tions of two eclipsing binaries with spiral shock waves
(IP Peg and EX Dra), to test the ability of the proposed
mechanism to explain the observed fluctuations of their
light curves.

2. NUMERICAL SIMULATIONS
OF CATACLYSMIC VARIABLES
WITH VARIABLE MASS-TRANSFER RATES

In [3], we presented results for three-dimensional
gas dynamical simulations of matter flows in a semi-
detached binary after termination of the mass transfer
between the system’s components. Investigation of the
structure of the residual accretion disk indicated that
the flow pattern is substantially atered, even about
0.2P,,, after the time of mass-transfer termination. The
stream from the Lagrange point L, disappears, and its
effect on the flow structure stops. The shape of the
accretion disk changes from initially quasi-elliptical to
essentially circular. The gravitation of the donor star
leads to the formation of a second spiral shock wavein

1063-7729/01/4509-0676%$21.00 © 2001 MAIK “Nauka/Interperiodica’
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the disk. In systems with a constant mass-transfer rate,
however, this spiral arm is suppressed by the stream
from L,. The results of the simulations presented in [3]
indicate that a blob moving through the disk with vari-
able speed forms in the residual accretion disk. The
blob is a condensation located behind the spiral shock
wave in the steady-state solution. When the stream
ceasesto feed the disk with matter—i.e., when the equi-
librium state of the disk is disrupted—the blob breaks
away from the wave front and begins to move in the
disk. It is obvious that, in the course of its motion, the
blob should spread due to both differential rotation of
the disk and to dissipation. Dissipative spreading of the
blob occurs on the viscosity timescale, which is from
tens to hundreds of orbital periods of the system, for
values of the parameter a ~ 0.01-0.1 that are typical for
cataclysmic variables (where a is the dimensionless
Shakura—Sunyaev parameter):

_ Rl — Ris _ RasVik _ 1

Tyie = = = ,
v acH  gc®  ap®Qq

where Ry, is the characteristic radius of the disk, v is
the kinematic viscosity, ¢ is the sound speed, H is the
height of thedisk, B = H/R;y = ¢/Vk, and Q, and Vi are
the angular and linear rotational velocities of the Keple-
rian disk, respectively. This expression can be rewritten
in the more convenient form

B/lg: — Qg —_ 1+ q[RdiS‘DSIZ
Porb ZHGBZQK ZTIGBZD Al

where P, istheorbital period, g theratio of the masses
of the donor star and accretor, and A the distance
between the system components. In our computations,
the characteristic values of these parameters are 3 ~
0.1-0.15 and Ry /A ~ 0.3-0.4, which for a ~ 0.1 yields
Tyise ~ 25P,, and for a ~ 0.01 yields 1, ~ 250P,,,. In
[3], we computed disk lifetimesfor various values of a,
which yielded slightly smaller, but comparable, values
for 1,;.. Note that these viscosity timescalesfor spread-
ing of the blob only set a lower limit for its lifetime,
since the probability of recurrent disruption of the disk
equilibrium due to variations of the mass-transfer rate
isfairly high over such appreciable time intervals.

Spreading due to the differential motion of matter in
the disk should influence the fate of the blob more
strongly. This process occurs on dynamical timescales,
and can lead to the disappearance of the blob over sev-
eral disk rotations, i.e., over lessthan one orbital period
of the system. However, our three-dimensional compu-
tations of the flow pattern in [3] indicated that dynami-
cal spreading of the blob is hindered by the spiral shock
wave in the disk. The blob condenses and becomes
more compact each time it passes through the spiral
wave front, and this effect remains up to thetime of dis-
appearance of the wave. Note also that the density con-
trast in the blob does not begin to decrease until the spi-
ral shocks disappear.
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Sincethetotal termination of masstransfer in asys-
tem is rare, the question arises of whether a blob can
originate in the presence of relatively small variations
of the mass-transfer rate. Here, we present the results of
a study of the flow structure in a semi-detached binary
after decrease of the mass-transfer rate by factors of
two and ten. Unlike the case of total termination of the
mass transfer, when the computations stop after thedis-
appearance of the disk, these computations indicate
that, after non-stationary variations of the flow structure
due to the decrease of the mass-transfer rate, arecurrent
quasi-steady mode is established, characterized by other
values for the disk density. In principle, the establish-
ment of afinal, recurrent, steady-state mode requiresthat
computations be carried out over atimescale that iscom-
parable to the viscous lifetime of the disk. However, we
restricted our consideration to about the first twenty
orbital periods, sincethisisthe characteristic timescale
for theflare activity in cataclysmic variabl esthat gener-
ates the spiral shocks.

Here, we note only the main features of our numer-
ical model, sinceit isdescribed in detail in [3]. We used
a system of three-dimensiona Euler equations to
describe the flow. The system was constrained by the
equation of state of an ideal gaswith an adiabatic index
closeto unity (y = 1.01), making it possible to imitate a
system with radiation losses. The remaining dimen-
sionless parameters of the problem specifying the gas
dynamical solution were the component massratio g = 1
and ratio of the sound speed at L, and the orbital speed
e = c(L,)/AQ = 0.1. The flow was simulated within the
paraldepiped [0.5A..1.5A] x [-0.5A..0.5A] % [0..0.25A]
(due to the symmetry of the problem about the equato-
rial plane, computations were made only in the upper
half-space). The accretor was represented by a sphere
with radius 0.01 cut out of the computation region.
Computations were made on a61 x 61 x 17 grid, and
the numerical viscosity in a-disk terminology corre-
sponded roughly to a = 0.05. To solve the system of equa-
tions, we used a high-order Roe—Osher TVD scheme
[4, 5] as modified by Einfeldt [6]. We used the previoudy
obtained solution for steady-state masstransfer ratefor the
initial conditions. Further, we assumed that, at timet = t,,
corresponding to the steady-state flow regime, the
mass-transfer rate decreases by afactor of two for case
A and ten for case B.

Figure 1 presents the time dependence of the aver-
age density of matter passing through the half plane
perpendicular to the plane of the system and intersect-
ing the disk along the line connecting the components
in the direction from the accretor to the outer Lagrange
point for cases A (upper curve) and B (lower curve). We
can see quasi-periodic density fluctuations due to the
blob’s passage, along with the generd density variations.
These curves indicate that, after varying (decreasing) the
mass-transfer rate, acondensation formsin the disk and
moves with period ~0.15P,,, for case A and ~0.18P,,,
for case B. After the establishment of arecurrent quasi-
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Fig. 1. Time variation of the average density of matter passing through the half plane perpendicular to the plane of the system and
intersecting the disk along the line connecting the system componentsin the direction from the accretor to the outer Lagrange point,

for computations A (upper curve) and B (lower curve).

steady regime—i.e., on atimescale t > t, + 3P, for
caseA andt >t,+ 13P,,, for case B—the orhital period
of the blob increases dlightly to ~0.16P,,, for case A
and ~0.2P_,, for case B. Note aso that Fig. 1 shows
long-period oscillations of the density after the estab-
lishment of the recurrent steady regime; the modulation
periods for case A and B are ~5.1P.;, and ~2.5P,
respectively.

Let usnow consider a Fourier analysis of the curves
in Fig. 1. Figure 2 presents the relation between the
amplitudes of the Fourier harmonics and the oscillation
period for casesA and B. Figure 2aclearly displaystwo
dominant harmonicswith periods0.155P,,, and 0.165P, ;..
The beating between these harmonicsyieldsasupplemen-
tary frequency corresponding tothe period ~5.1P,, of the
long-period oscillationsin caseA. For case B (Fig. 2b), we
can see two peaks with periods 0.18P,,,, and 0.21P_;; the
besting between these results in long-period oscillations
with period ~2.5P,,

Let us consider the variationsin the flow structure that
occur after the decrease in the mass-transfer rate. Figure 3
presentsfor density contourscaseA intheequatorid plane
of the system for the six timest =t + 0.44P,, 0.47P,
0.49P,, 0.52P,, 0.54P,,,,, and 0.57P,,, which cover
the orbital period of the blob. The maximum density in

Fig. 3isp = 0.035p(L,). The datain this figure corre-
spond to the transition period, when the stream of dense
matter from L, present in the steady-state solution at
t = t, decreases. At this time, the relatively dense disk
determines the entire flow pattern, while the gas of the
rarified stream, whose density has been halved, does
not affect the solution appreciably. This time interval
begins when remnants of the former stream join the
disk, i.e. after ~0.2P,,,,, and finisheswhen anew steady-
state solution and a single morphology for the stream—
disk system have been established. In thistimeinterval,
the denser disk matter determines the solution. The
shape of the residual accretion disk changes from ini-
tially quasi-elliptical to essentialy circular. In the com-
puted structure of the accretion disk, a second spiral
shock armisformed in the third and fourth quadrants of
the coordinate plane, apart from that already existing in
the first and second quadrants.

Also for case A, Fig. 4 presents density contours in
the equatoria plane of the system for the additional six
timest =t, + 17.64P,,, 17.67P,,, 17.70P,,, 17.73P,,
17.76P,, and 17.79P,,. This set of times again covers
the orbital period of the blob, in the time interval after
the establishment of the recurrent quasi-steady regime.
The maximum density in Fig. 4 is p = 0.02p(L,). The
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Fig. 2. Amplitudes of the Fourier harmonics as a function of oscillation period for cases (a) A and (b) B.

computed flow structure does not differ dramatically from
the solution for the steady-dtate case (see, for example,
[3,7, 8]). Inthe flow pattern abtained, the stream flowing
from the inner Lagrange point dominates. A single mor-
phology can clearly be seen for the stream—disk system,
manifest, in particular, in the quasi-dlliptical shape of the
disk and the absence of a“hot spot” at the point of con-
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tact of thestreamand disk (X =0.8A, Y =-0.1A). Atthe
same time, it is clear that the interaction between the
binary envelope and the flow results in the formation of
an extended shock wave (hot line) along the boundary
of the stream facing the orbital rotation. Figure 4 also
shows that only one arm of the spiral shock located in
the first and second quadrants of the coordinate plane
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Fig. 3. Density distributions in the equatorial plane of the system (case A). Results are presented for the six timest =ty + 0.44P 4,
0.47P 11, 0.49P 1, 0.52P 1, 0.54P ., and 0.57P;,, which cover the orbital period of the blob (the values for (t — t)/P,, areindi-
cated on the plots). In all plots, the maximum density isp = 0.035p(L ). The asterisk denotes the accretor.

remainsin the system. In the place where the other arm
was formerly located, the flow is now determined by
the stream from L,, which hinders the formation of the
second arm of the spiral shock. The distinction of this
case from the steady-state solution [3, 7, 8] is that the
blob continues to exist, resulting in periodic variations
of the disk structure. We can seefrom Fig. 4 that, asthe
blob moves in the disk, there is atendency for it to be
redistributed uniformly, due to the differential maotion
of the disk matter. However, when the condensation
passes through the remaining spira arm, the matter
behind the wave decelerates, reforming or maintaining

the compact condensation. Consequently, we can see
periodic variations of the disk structure in the resulting
solution, even after the establishment of the recurrent
quasi-steady regime.

Recall that the Fourier analysis (Fig. 2a) revealed
two harmonics with periods 0.155P,,, and 0.165P,,
which dominate the solution for case A and result in
long-term oscillations with period ~5.1P,,. The com-
putations indicate that the first harmonic, with the
shorter period, is due to the interaction between the
blob’s central region (core) and the spiral shock in the

ASTRONOMY REPORTS  Vol. 45

No. 9 2001



A POSSIBLE MANIFESTATION OF SPIRAL SHOCK WAVES

Y/A

681

0.2

0.1

T
17.64|

1773 |

Fig. 4. Same asFig. 3 for the six timest =ty + 17.64P, 17.67Py, 17.70P 1, 17.73Pyy,, 17.76P, and 17.79P 4. In al plots,

the maximum density isp = 0.02p(L,).

first and second quadrants of the coordinate plane. The
second harmonic is associated with the interaction
between peripheral areas of the blob and the stream
fromL,, and its period is somewhat longer than that of
the first harmonic. This increase of the period of the
second harmonic is due to the fact that, after the blob
breaks away from the spiral shock, its various parts
begin to move in accordance with the differential
motion of the disk matter. Accordingly, when they pass
from the wave to the stream, the edges of the blob lag
behind its core, and the period corresponding to the
interaction between these peripheral regions and the

ASTRONOMY REPORTS  Vol. 45
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stream becomes larger than the period of the first har-
monic. Further, as the blob reaches the spiral wave, the
lag between the edges and core of the blob decreases
and the blob becomes compact again.

Comparison of the data in Figs. 1-4 shows that, in
spite of the decrease in the number of spiral waves
maintaining the blob, the blob’s average period remains
essentially the same during the change from the transi-
tiona (two waves) to the new steady-state (one wave)
solution. At the sametime, thelong-period modulations
lead to appreciable variations of the density contrast in
the blob—disk system. Figure 5 presents the density
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Fig. 5. Time dependence of the blob—disk density contrast
for caseA.

contrast in the blob—disk system for the case A compu-
tations. At the time of restructuring of the solution,
when the flow structure is determined by the denser
disk, the contrast is ~1.5. Further, after the establish-
ment of the recurrent quasi-steady regime, when the
second harmonic appears due to the blob—stream inter-
action, resulting in long-period oscillations, the density
contrast variesfrom ~1.1 to ~1.8.

As noted above, after the establishment of the new
quasi-steady regime, solution A is determined by the
stream from L, and variations in the flow pattern due to
the blob essentialy reduce to periodic variations of the
disk structure. In case B, however, the mass-transfer rate
has decreased by afactor of ten, and the gasin the stream
has asubstantially lower density. Therefore, even after the
establishment of the new quasi-steady regime, the blob
alters the entire flow pattern rather than smply affecting
the disk dtructure. One manifestation of this is that the
dense gas of the blob sweeps away the stream matter when
it reaches the stream. This is illustrated in Fig. 6, which
presents density contours in the equatoria plane of the
system for six times t = t, + 22.45P,,, 22.48P,,
2251P,,, 22.54P,,, 22.57P,,, and 22.61P,,, which
cover the orbital period of the blob after the establish-
ment of the new steady-state regime for case B. The
maximum density in Fig. 6isp = 0.0035p(L,,). Thistes-
tifies that, in the case of a substantial decrease of the
mass-transfer rate in the system, the forming blob
affects the flow pattern appreciably at all stages of the
computations. The dominant harmonics in solution B
have periods 0.18P,,, and 0.21P,,, and yield the period
for long-term oscillations ~2.5P,,,. AsincaseA, these
harmonics appear to originate dueto theinteraction of the
blob with the spiral shock and with the stream from L,.
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The computation results presented hereand in [ 3] indi-
cate that, in a semi-detached binary with spiral shocksin
its disk, even a smal perturbation of the steady flow
regime due to a decrease in the mass-transfer rate results
in theformation of ablob. Moreover, since the mechanism
for maintaining the blob on dynamical timescaes—the
presence of spira waves—is not associated with varia
tionsin the mass-transfer rate, it is natural to suppose that
not only variations of the masstransfer rate, but also
other perturbations of the equilibrium structure of the
disk will lead to the formation of a moving blob in the
disk. The lifetime of the blob is determined by the pres-
ence of spiral wavesin the disk, which hinder its dynam-
ical spreading, and also by dissipation in the disk.

3. PARAMETERS OF THE BLOB
AND VARIABILITY OF THE LIGHT CURVES
FOR CATACLYSMIC VARIABLES
WITH SPIRAL SHOCK WAVES

Spira wavesin the disk or, more precisay, condensa-
tions located behind the arms of the spiral wave fronts,
have been considered as a possible origin of variability in
astrophysical objects in a number of studies (see, for
example, [9]). In [3], we first showed that a condensation
behind a spiral wave in the disk could break away from
the wave front, and then move through the disk without
spreading over tens of orbital periods. In the computa-
tions of [3] and the present study, the disruption of the
disk equilibrium that results in the breakaway of the
blob wasinduced by variationsin the mass-transfer rate
in the system. Once it has appeared, this condensation
experiences a tendency to spread over the disk uni-
formly, due to the differential motion of matter in the
disk; however, when the condensation passes through
the spiral shock, the matter behind the wave deceler-
ates, reforming or maintaining the compact condensa-
tion. Further, as the density contrast between the blob
and disk increases, and with it the pressure gradient
between the condensation and disk, there comes atime
when the blob again begins its movement through the
disk. However, with the next passage of the spiral wave
front, the matter behind the wave again decel erates, and
the process of reforming or maintaining the condensa-
tion recurs.

Our compuitationsindicatethat the blob movesthrough
the disk over tens of orbitd periods, keeping its basic
parameters essentially unchanged. Note that the parame-
ters of the blob should vary under the action of dissipation
processes; however, the characteristic timescales for the
disk viscosity are much longer than those over which the
computations were carried out, so that these variations of
the blob parameters are negligible. Note also that the lim-
ited time for the computations (restricted to ~25P,,)
was not chosen arbitrarily, and was determined by the
characterigtic time from an outburst maximum to the
egress from outburst (of the order of tensof P,). It isat
the stage of egress from an outburst that a decrease of the
mass-transfer rate is possible in cataclysmic variables; in
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Fig. 6. Same as Fig. 3 for case B. Results are presented for the six times t = ty + 22.45P 4, 22.48P, 22.51P, 22.54P 4,
22.57P ., and 22.61P,, which cover the orbital period of the blob. In all plots, the maximum density is p = 0.0035p(L,).

addition, spiral waves are observed in cataclysmic vari-
ables (or, more exactly, there is the strongest evidence
for their possible existence) at these times.

Determining the blob characteristics typical for cat-
aclysmic variables requires a broad range of computa-
tions. Nevertheless, the results of [3] and the current
study enable us to conclude even at this stage that the
main orbital period of the blob depends on the viscos-
ity: for the solution with a ~ 0.03, it isroughly equal to
0.15-0.2P_, whileit is aout 0.1-0.15P_,, for a ~ 0.01.
This means that, for the characteristic viscosities in
accretion disks a ~ 0.01-0.1, the orbital period of the
No. 9
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blob will be 0.1-0.25P,,,. An important parameter of
the blob determining its observational manifestationsis
the contrast of its density relative to that of the disk. As
shown above, the density contrast in the blob—disk sys-
tem depends on the changes in the mass-transfer rate,
and varies periodically with time; the density contrast
~1.5 can be adopted as an average value for the various
computations. The unified mechanism for the forma-
tion and maintenance of the blob suggests that the aver-
age density contrasts for the blob—disk systemsin dif-
ferent cataclysmic variables may not differ too substan-
tially from this value.
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Let us consider possible observational manifesta-
tions of ablob in the accretion disk of abinary system
and compare these with observations. Since the exist-
ence of the blob is maintained by spiral shocks, we will
use observations of the systems IP Peg, for which the
presence of spiral shocks was first suggested [10, 11],
and EX Dra, in which spira shocks very likely exist
[12-14].

Since spiral shock waves in the disk maintain the
blob (prevent it from spreading), we will consider to
what extent variations in the light curves are related to
the formation and/or disappearance of the spiral shocks
in these systems. Interpretations of the available obser-
vations for IP Peg and EX Dra propose that, during an
outburst, the accretion disk in the system swells, and, at
some stage, spiral shock waves ariginateinit. After the
outburst, the radius of the disk decreases and, in the
transition to the inactive state, it probably becomes so
small that tidal perturbations can no longer maintain
spiral waves. Accordingly, thelight curves of these sys-
tems should display pronounced quasi-periodic varia-
tions only during and some time after outburst. Note
that the dissipative spreading in a disk with low viscos-
ity is small, so that the blob can exist for afairly long
time even after the disappearance of the spira shocks;
accordingly, light-curve oscillations may be seen after
the disappearance of the spiral shocks, though with
decreased amplitude. During and immediately follow-
ing outburst, both systems do display pronounced vari-
ations in the out-of-eclipse portions of their light
curves, with periods~0.1-0.2P_,,; for both EX Dra[15]
and 1P Peg [16, 17], these variations decrease apprecia-
bly during the transition to the quiescent state. Thus, the
proposed mechanism is justified qualitatively: oscilla
tions in the out-of-eclipse portions of the light curves
can occur due to the appearance of spiral shocks and,
accordingly, of ablab in the disks. Note that the period
of these variations corresponds to the computed orbital
period of the blab.

As asecond test of the applicability of the proposed
mechanism, let us consider some quantitative predic-
tions. Analyses of light curves during outburst indicate
that most of the luminosity isfrom the disk (~5/6 for IP
Peg [18]); therefore variations of the light curve and of
the density contrast between the blob and disk should
be comparable. The computations yielded an average
density contrast of ~1.5; taking into account the contri-
bution from the disk to the total luminosity, we should
expect luminosity variations of ~40%. Observations
show that the characteristic amplitudes for out-of-
eclipse variations are ~30% for |P Peg (see, for exam-
ple, [19, 20]) and ~15% for EX Dra [15]. Unfortu-
nately, analysis of variations in the quiescent state is
appreciably complicated by the fact that, in addition to
the decrease of the blob—disk density contrast, the con-
tribution from the disk itself to the total luminosity
decreases (~1/5 for IP Peg [18]). Therefore, we will
restrict our consideration to quantitative estimates
made for outburst. A comparison of these estimates
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indicates that the proposed mechanism isalso plausible
quantitatively.

Additional support for our mechanism is its ability
to qualitatively explain observed variations of emis-
sion-line profiles in cataclysmic variables. For exam-
ple, observations of H, profilesin the disk of the SS Cyg
system [21] reveded appreciable asymmetry, as well as
substantial variations of the distance between the two
peaks of the profile. The presence of spira waves in the
disk aone can explain the asymmetry in thedisk lines[9];
however, it provides no explanation for the variation of
the distance between the profile peaks. Our mechanism
is able to explain both the profile asymmetry (in the
same way as in the case of spiral shocks alone) and the
variability of the distance between the peaks (via vari-
ability of the projection of the rotational velocity of the
blob). Note also that sporadic small-amplitude varia-
tions of light curves, so-called flickering, may aso be due
to the presence of the blob in the disk. Perturbations of the
disk structure due to the periodic passes of the blob, as
well as the interaction of the blob with the stream, could
lead to a variety of small-scale oscillations, observed as
sporadic fluctuations of the light curve.

4. CONCLUSION

Thelight curves of cataclysmic variableswith spiral
shock waves indicate the presence of periodic or quasi-
periodic photometric variations with characteristic
periods ~0.1-0.2P,,;. Three-dimensional gas dynami-
cal simulations of the matter flows in binary systems
with spiral shocks show that, when their accretion disks
are perturbed by variations in the mass-transfer rate, a
steady condensation (blob) originates and subsequently
moves through the disk with variable speed. The long
lifetime of the blob, the computed blob—disk density
contrast (on average about 1.5), and the characteristic
blob orbital period (~0.1-0.2P,,,) suggest this object as
a possible origin of the observed quasi-periodic varia-
tions of the light curves of cataclysmic variables out of
eclipse. If the proposed mechanism does operate, the
presence of thistype of variability in thelight curves of
cataclysmic variables can provide additional evidence
for the existence of spiral shock wavesin these systems.
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Abstract—We analyze the brightness variability of six Herbig Ae/Be stars: V1331 Cyg, LkHo 198 =V 633 Cas,
AS 442, XY Per, V517 Cyg, and WW Vul. The last two objects are UX Ori stars showing Algol-like brightness

dipswith amplitudes of 270-2"'5. AS 442 and XY Per also exhibit brightness dips but with considerably lower
amplitudes, 07'3—0"6. On the contrary, such dips are not present in the light curves of V1331 Cyg and

LkHo 198, where stochastic variability with amplitudes of 0™'1-0""2 on timescales of about aday can be seen.

AS 442 and XY Per also show stochastic variability, but with lower amplitudes (=07'05). These different types
of variability could be related to the orientations of the star—disk systems. We suggest that the brightness vari-
ations in young stars whose disks are viewed edge-on are mainly due to non-uniform absorption, whereas the
character of the variability in starswith pole-on disks is determined by non-stationary accretion. © 2001 MAIK

“ Nauka/Interperiodica” .

Herbig Ae/Be stars are currently thought to be young
stars with spectra types earlier than FO and masses from
2-10M, located in star formation regions. About 90 per
cent of Herbig Ae/Be stars exhibit brightness variations,
thought to be irregular with amplitudes varying from

071 (V) for the least to 3™ 37’5 for the most active
stars. Asarule, for arswith large variability amplitudes,
a considerable fraction of the amplitude is contributed by
so-called irregular Algol-like brightness dips. These are
probably due to occultations of the star by circumstellar
formations orbiting in a gas-dust disk [1]. Stars with
Algol-like minima have been separated out as a special
subgroup, named “UX Ori stars’ after one of their most
typical representatives.

Algol-like brightness dips make a considerabl e con-
tribution to the light curves of only some of the most
active UX Ori stars. In addition, most UX Ori stars
alternate intervals of activity, with maximum variation
amplitudes and many Algol-like dips in their light
curves, and relatively quiet intervals with variation

amplitudes of 07'3-0"'6, which can last for years[2, 3].
During a quiet state, the shape of the light curve of a
UX Ori star isfairly similar to those of ordinary Herbig
Ae/Be stars.

The second important source of light variations in
Herbig Ae/Be stars could be accretion of circumstellar
matter onto the star. Accretion is an efficient source of
energy; for example, the computations of Hillenbrand
et al. [4] show that the accretion luminosity of some
stars can be as high as 1200-1800L .

Grinin et al. [1] assumed that the photometric activ-
ity of UX Ori stars was closely related to their spatial
orientation, and was highest when the angle i between
the symmetry axis of the circumstellar disk and theline
of sight was close to 90°. Grinin and Kozlova [5]
attempted to relate the photometric activity to v sini;
i.e., to the orientation of the star—disk system.

We decided to analyze the light curves of several
Herbig Ae/Be stars, based on theinitial assumption that
the circumstellar disks (envelopes) of UX Ori stars are
viewed edge-on. We use many years of UBVR photom-
etry acquired in the course of the ROTOR program at
the Mt. Maidanak Observatory to analyze the light
curves of the Ae/Be stars, and attempt to identify the
origins of brightness variations.

From among the many stars observed, we selected
six (WW Vul, V517 Cyg, AS 442 = V1977 Cyg, XY
Per, V1331 Cyg, and LkHa 198 = V633 Cas), whose
light curves, in our opinion, can be subdivided into sev-
eral subgroups. Below, we present the characteristics of
the photometric variability of these stars.

WW Vul (A3ea) isawell known UX Ori star show-
ing brightness dips with amplitudes exceeding 2™Min the
V band. Its brightness and color variability have been
analyzed in anumber of studies(cf., for example, [6, 7]
and references therein), and we accordingly use WW
Vul only for comparison purposes. Observations of
another star, V517 Cyg (A0-5), reved ed brightness dips

with amplitude2™'5 and photometric features similar to
those of WW VUl [8]; combined with the presence of

1063-7729/01/4509-0686%$21.00 © 2001 MAIK “Nauka/Interperiodica’
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V1331 Cyg (1991)
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687

11+ @ 13.1F- (b)
12| ,s'v?’.;':c:w’.’“ '“'-*‘? Sl . 14.1+ o \.\:‘} P2 ,?\'t'% N, e
13 ] 1 1 1 15.1¢ ] 1 1 1 1

48430 48480 48530 48580 47330 47380 47430 47480 47530
AS 442 (1989) XY Per A + B (1987)
101 (c) 8.5 (d)

. ’.“/\;"'.'l',: '.. ..:..' * ees R
v " M.'wn.-v\.:".m: Sryeece o 951 b "
S .
12r I I I I I 10.57 I I I I
47680 47730 47780 47830 47880 47000 47050 47100 47150
V517 Cyg (1988) WW Vul (1993)
12+
P *. € 10.5- R RPN . R .""«'(f)
,J'b~ - he "3 4 . o
oo ™ ST “ el : .
13 %' v A 1Sk ~
',' " °

14+ . : 125F "

I I I I I I I I |

47300 47350 47400 47450 47500 49150 49200 19250 49300
JD 24..

Fig. 1. Light-curve fragments for WW Vul, V517 Cyg, AS 442, XY Per, V1331 Cyg, and LkHa 198, demonstrating different pho-
tometric behaviors, depending on the orientations of the star—disk systems.

Ho emission split by a central absorption [9], these
factstestify that thisstar isalso aUX Ori variable. Typ-
ica light-curve fragments for V517 Cyg (1988) and
WW Vul (1993) are presented in Figs. 1e and 1f.

Figures 2e and 2f present changesin B-V as afunc-
tion of V, which provide evidence that the variability of
the two stars has a similar nature. The solid line is the
reddening line. Thefigure showsthat, during brightness
dips, the color index first increases approximately in
accordance with the interstellar reddening law, then,
when the magnitude has dropped below a certain level,
beginsto decrease (the so-called “blueing effect”). This
color-index behavior is characteristic of most UX Ori
stars[10].

Algol-like brightness dips are also exhibited by
AS 442 (B6-7) and XY Per (A211+B6) [11, 12], but, in
contrast to thosein typical UX Ori stars, these dipshave

much lower amplitudes, 07'3-0"6. In addition, the dips
occur less frequently. For example, 14 years of obser-
vations of XY Per, from 1985 until 1998, showed only

two dips with amplitude 076. Light-curve fragments
for AS 442 (1989) and XY Per (1987) are shown in
Figs. 1c and 1d. Rapid (apparently stochastic) variabil-

ity with an amplitude of about =0"05 also appears in
these light curves. The many years of observations have
ASTRONOMY REPORTS  Vol. 45

No. 9 2001

revealed the existence of active periods of AS 442,
when the star changes its brightness by 077-0"'8, and

quiet periods, with brightness changes of 07'2. Similar
alternating behavior, though with awider range of vari-
ations, occurs for other UX Ori stars. It is interesting
that both AS 442 [13] and XY Per (= ADS 2788) are
visual binaries.

Figures 2c and 2d show the dependence of B-V on
V for these stars. We can see that B-V becomes redder
approximately in accordance with the interstellar red-
dening law during brightness dips. However, in contrast
to classical UX Ori stars, the color tracks do not show
any significant turn toward the blue. This is probably
due to the small range (<1™ in V) of the brightness
changes during the Algol-like dips: for UX Ori stars,

thetracksturnat dip levelsAm> 1m-1 ™2 inV. However,
there is some reason to suspect that the data points for
some of the dips for AS 442 (Fig. 2c) are displaced
toward the blue, while the data points remain at the red-
dening line during other, deeper, brightness dips. This
effect could be real: similar behavior of color indices
during Algol-like dipswas observed for another UX Ori
star, HR 5999 [14].
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Fig. 2.V — (B-V) diagramsfor the six stars showing different spatial orientations.

V1331 Cyg (FO) and LkHa 198 (A5) do not seemto tic variability with amplitude 071-0"2 (Figs. 1a, 1b).
experienceAlgol-likebrightnessdips. Nolight decreaseof  Smooth brightness changes with timescales of 70 to
thiskind wasrecorded in the 12 years of our observations. 150 days are visible in the long-term light curves; these
Thelight curvesof these starsnearly alwaysshow stochas-  could be part of variations with still longer periods that
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Fig. 3. Long-term light curves of V1331 Cyg and V517 Cyg.

could not be traced completely due to the limited dura-
tion of the observing seasons.

It appears from Fig. 2 that the ranges of the B-V
variations for V1331 Cyg and LkHa 198 are even
smaller than for AS 442 and XY Per, since the ampli-
tudes of their V changes are smaller, and the tracks
show no blueing effect.

Thus, we can tentatively subdivide the program stars
into three groups:

Group | (V517 Cyg, WW Vul): Classical UX Ori
stars, with the amplitudes of their brightness varia-
tions reaching 2"'5-3™ (and amplitudes of Algol-like
minima2m);

Group Il (AS 442, XY Per): Low-amplitude UX
Ori stars, with the amplitudes of their brightness varia-
No. 9
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tions reaching 1™-1"2 and amplitudes of Algol-like
minima=0"5-0"7; the light curves of these stars can
display stochastic variability with amplitudes of 0705;

Group 111 (V1331 Cyg, LkHa 198): Stars without
Algol-like brightness dips, but showing stochastic vari-

ability with amplitudes=0"2.

In this subdivision, the Algol-like brightness dips
have their maximum amplitude for V517 Cyg and WW
Vul (Group 1), alower amplitude for AS 442 and XY
Per (Group 11), and completely disappear for V1331
Cygand LkHa 198 (Group I11). The stochastic variabil-
ity amplitude correspondingly increases from Group |

to Group 111

Taken as awhole, the light curvesin Fig. 1 demon-
strate gradual changes of the variability characteristics
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Physical parameters of the six Herbig Ae/Be stars
Star Spectral type A, P, % v sini EW(H,), A Ha profile
V1331 Cyg B0.5-F0 24 25 —48.4 PCyg
LkH, 198 B3e-A5 45 1.87R —66.3 Single
AS 442 B6-7 26 3 -18...-23 Double
XY Per A211+B6 2.3 95-130 -6 Double
V517 Cyg A0 2.0 0.88 -15 Double, single
WW Vul A3e 0.48 15 150 —-20...-42 Double

from one group of starsto another. In our opinion, these
differencesin brightness variability can be explained as
follows.

The disks of V517 Cyg and WW Vul are probably
viewed edge-on (the inclination of the rotation axis to
theline of sight isi = 90°), so that the motion of gasand
dust clouds along their Keplerian orbits leads to occul-
tations of the central object, and therefore Algol-like
brightness dips with amplitudes =2™.

According to McMuldroch et al. [15] and Bastien
and Menard [16], the rotation axes of V1331 Cyg and
LkHa 198, members of Group I11, probably have incli-
nationsto the line of sight i = 60°. This conclusion was
reached in [15, 16] based on an analysis of the orienta-
tions of the bipolar molecular flows observed for these
stars, whose axes probably coincide with the stellar
rotation axes. If these stars are also surrounded by
disks, occultations of the central star probably do not
occur, and there are different observing conditions for
the innermost parts of the accretion disk, where the
accretion is actually taking place. It is possible that
these zones are no longer screened from terrestrial
observers by the outer parts of the optically thick disk.
In this case, the stochastic variability in the light curves
of V1331 Cyg and LkHa 198 could be the result of
non-stationary accretion.

In contrast, the outer parts of the circumstellar disks
of UX Ori stars screen the accretion zone, so that the
stochastic variability is small or even absent. At some
epochs, UX Ori stars also exhibit low-amplitude irreg-
ular variability, but we think that it is probably due to
variable extinction in the disk rather than non-station-
ary accretion, though it is impossible to distinguish
between these two possibilities without additional
spectroscopic studies. Figure 3 presents the long-term
light curvesof V1331 Cyg and V517 Cyg, which, in our
opinion, demonstrate changes in the character of the
variability, depending on the orientation of the star—
disk system.

AS 442 and XY Per probably have intermediate ori-
entations. On the one hand, they still exhibit Algol-like
brightness dips; on the other hand, stochastic variability
appearsintheir light curves (Figs. 1c, 1d). Thefact that,
in some cases, the scatter of the data pointsin the light
curves decreases during minima (occultations) pro-
vides evidence for a connection between the stochastic

variability and non-stationary accretion in the stars
immediate surroundings. It is also possible that the
disks of these stars are more evolved than those of other
UX Ori stars, so that the low amplitude of their Algol-
like dips is due to the absence of circumstellar forma-
tions with high optical depth in their disks.

The table presents parameters from the literature
that can be used to describe the orientations of star—disk
systems. Generally speaking, the absorption, A, and
degree of polarization, P(%), depend on orientation. On
average, these parameters should be largest for stars
with disks viewed edge-on. However, it is possible that
the relation between these parameters and the orienta-
tion is not unique, due to the complex structure and
dynamics of circumstellar formations and differences
intheinterstellar absorption. Thevalue of v sini may be
a good orientation diagnostic. This quantity is known
for three of our objects, and is consistent with our sug-
gestions for the orientations of the three groups. The
equivalent width EW(Ha) and profile of the Ha emis-
sion line are consistent with gradually changing incli-
nation i of the rotation axisto the line of sight. The flux
in Ha emission should increase with decreasing i, since
we see an increasing area of Ho emission, and, in addi-
tion, the screening of this zone by the optically thick
disk decreases. Stars whose disks are viewed at low
inclinationsi should show single Ha emission profiles,
whereasthe Ha linesin the spectra of starswhose disks
areviewed edge-on should have double profiles divided
by a central absorption [9]. The dependence of the
intensity of emission lines and the appearance of the
UV spectrum on the inclination of star—disk systems
was considered by Blondel and Tjin aDjie [17].

We can seein Fig. 2 that, from one group of starsto
the next, we observe a gradual increase of the slope of
the color index—brightnessrelation of the star relativeto
theinterstellar reddening line. Since the presence of hot
gasinfluencesthe color indices, steepening thisslopein
the color index—brightness diagram, the change of the
dopein Fig. 2 could be due to an increasing contribu-
tion from a gaseous component.

Another view is that the accretion rates of Herbig
Ae/Be stars are not sufficiently high for variations in
the accretion rates to give rise to the observed ampli-
tudes of the short-timescale (stochastic) variability (for
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example, [18] gives M = 108-10""Mg/yr). Grinin [1]
has suggested that, in this case a so, the main source of
variability remains variable circumstellar extinction;
strong brightness dips are due to large gas—dust forma-
tions, while the short-timescale variability is associated
with small inhomogeneities in the absorbing medium.
Asthe orientation of the star—disk system changes, the
amount of gas along the line of sight will decrease, but
itsinfluence on the brightness will remain fairly strong.
In this model, the small changes of the color-index
slopes relative to the reddening line in Fig. 2 can be
explained as the result of differencesin the mean sizes
of the absorbing dust grains near different stars[19].

Let us now attempt to estimate the accretion rate
needed to bring about the observed brightness variabil-

ity (=0"71-0"2 in V). We will consider V1331 Cyg,
using the following parameters determined by Chavar-
ria[20]: Sp = FO, Rj= 5Ru, M[j= 3Mg, L= 90Lo, T=

7400K, A, =274, and r = 700 pc. Let us suppose that,
during brightness minima, we observe only radiation
from the star, and that the excess radiation observed
during brightness maxima is completely due to accre-
tion. We adopted the mean values for two subsequent
dates, JD 2448427 and JD 2448428, for the low state
(U=13.70,B=13.19,V=12.10, R=11.04)), and the
values for JD 2448509 for the high state (U = 13.40,
B=12.91, V=11.86, R=10.83). After converting the
UBVR magnitudes at the minimum and maximum
brightnessesinto radiation fluxes, E,, (erg cm? st A-Y),
and taking interstellar absorption into account, we
obtained optical spectral energy distribution (SED)
curves for the star’s minimum and maximum states.
Both curves grow appreciably towards the UV. Sub-
tracting the first from the second curve, we obtain the
curve of the radiation flux change, which also rises
toward short wavelengths. The optical flux correspond-
ing to this last curve is =25% of the flux generated by
the star itself (i.e., the flux at minimum brightness), but
the slope of the residual SED curveis less steep in the
UV than the SED curvefor the star. Thismeansthat the
total flux dueto accretion islessthan 10 percent of the
star’s luminosity. Using the known luminosity of the

star and the formula AL = M2Mx

2R,
the accretion rates in units of My/yr. Thisyields M =
1077 Mglyr, afarly redlistic value.

, We can estimate

Confirmation of one or the other of these possibili-
ties requires a more detailed photometric and spectro-
scopic study of Herbig Ae/Be stars with known orienta-
tions relative to the line of sight; in particular, it is neces-
sary to determine whether these stars show correlations
between the parameters of spectral lines emitted by hot
gas and the character of their short-timescale variability.
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Abstract—We investigate the physical characteristics of single, rapidly rotating white dwarfs, which could
form as aresult of amerger of two white dwarfs with different masses and filled Roche lobes, due to the radi-
ation of gravitational waves. When the merging of the binary components occurswithout loss of mass and angu-
lar momentum, the merger products are subject to secular instability, and the density in their cores does not
exceed ~10% g/cm?. Models are constructed for rapidly rotating neutron stars, which could form after the col-
lapse of rotating iron cores of evolved massive stars. Dynamically unstable neutron-star models are character-
ized by a shift of the maximum density from the rotational axis. The total momentum of such neutron starsis
about half the maximum possible momentum for the evolved cores of massive stars. © 2001 MAIK

“ Nauka/Interperiodica” .

1. INTRODUCTION

Modern theories for supernova explosions of al
types and for gammarray bursts compel studies of very
rapidly rotating degenerate stars. For example, one of
the most probable mechanisms for the formation of the
precursors of type | supernovae is the approach of two
white dwarfsin aclose binary system as a consequence
of gravitational radiation, with the subsequent disrup-
tion of the less massive component due to the filling of
its Roche lobe and the associated mass loss [1-3]. This
could lead to the formation of amassive disk around the
more massive component, or of asinglerapidly rotating
white dwarf.

Explosions of type Il supernovae cannot be
accounted for in a spherically symmetrical treatment,
and this problem requires inclusion of a natural prop-
erty of stars—their rotation [4]. The idea of relating
supernovae to the instability of rapidly rotating collaps-
ing stars againgt fragmentation was expressed very early
by Weizsacker [5]. Skhlovsky [6] also suggested the pos-
sibleimportance of rotationa instability for type Il super-
novae. These ideas were initialy expressed only in a
very general form, and it was much later that Imshennik
[7] developed a detailed scenario in which such insta-
bility played a very important role. The collapse of the
rapidly rotating, central part of a massive star can be
accompanied by the formation of a system of two neu-
tron stars. The approach of the components of this
binary system as a consequence of gravitational radia-
tion canrapidly lead to aflow of matter from and explo-
sion of the less massive neutron star, for example, via
the mechanism described in [8]. This explosion can
result in overall asymmetry of the supernova explosion
and bring about strong mixing.

The merging of neutron starsis one of the most plausi-
ble models for gammarray bursts [8]. The magnetorota
tiona mechanism for supernova explosions [9, 10] aso
requires rapidly rotating configurations. Dynamica com-
putations of such explosionsmust begin with the construc-
tion of stationary, rapidly rotating configurations, whichis
aready anon-trivial task [11, 12]. The current paper rep-
resents one step along this path. We have constructed
models for stationary, rapidly rotating configurations
for a single-parameter family of rotation laws, such
that, for one extreme value of this parameter, the rota-
tion of the star is close to rigid with Q = const, while,
for its other extreme value, the star rotates with nearly
constant linear speed v = const, where Q and v are the
angular and linear speeds of the rotation, respectively.
Thisfamily of rotation laws enablesusto trace therela-
tion between the star's internal distribution of angular
momentum and its integrated characteristics. The anal-
ysis assumes Newtonian gravitation, which is a good
approximation for white dwarfs. Treatment of neutron
stars requires general relativistic corrections, and our
analysis is only a zeroth-order approximation to the
series of post-Newtonian corrections, representing a
necessary step toward exact account of relativistic grav-
itation [13, 14]. However, for very rapidly rotating neu-
tron stars, even this zeroth-order approximation is not
poor, if the massis concentrated at large distances from
the center; i.e, if the star’s equatorial radius is much
larger than the Schwartzschild radius.

Thus, the aim of the current study isto construct sta-
tionary models for very rapidly differentially rotating
degenerate stars, including models in the domain of
dynamical-instability losses, for further application in
dynamical computations associated with supernova
explosions.

1063-7729/01/4509-0692%$21.00 © 2001 MAIK “Nauka/Interperiodica’
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2. FORMULATION OF THE PROBLEM

Let us consider an axially symmetric stellar config-
uration in astate of stationary rotation. The equation of
motion of avolume element has the form

p(vO)v+OP+pl@® =0,

where p is the density of the matter, ® is the gravita-
tional potential, which satisfies the Poisson equation

0°® = 4TGp, (1)
and P is the pressure of the matter, which is related to
the density by the barotropic equation of state

P=P(p).

In the case of abarotropic equation of state, the sur-
faces of constant pressure and of constant density coin-
cide, and the angular velocity of rotation Q( @) depends
solely onthe distance @ from therotationa axis; i.e., it
is constant along cylinders coaxial with the rotational
axis[15]. Thus, thelinear speed of an element isrelated
to its angular speed by the expression

VvV = (T)Q((_L)) eq),
where g, is a unit vector in the direction of the azi-
muthal angle ¢.

Integrating the equation of motion, we can obtain
the Bernoulli integral

H(p) + ® + ¥(w) = C, 2

where C is the constant of integration; H(p) is the
enthal phy, which is defined by the expression

H(p) = de(p)/p;

and W(w) isthe centrifugal potential, which is related
to the angular speed by the expression

Y(®) = —Inz(a)mdm
We adopted the rotation law
W(@) = -C,In(@’ +d%)/2, 3)

where d is a parameter. In the limit d — 0, the linear
speed of rotation is constant inside the star, and the
rotation approaches that of a solid body as d increases.
We constructed a series of models for the case of rigid
rotation,

W(@) = -C,&°/2.

If we use the Bernoulli integral (2) to express the
density as afunction inverse to the enthal py and substi-
tute this into the Poisson equation (1), we obtain an
equation containing the gravitational potential ® and
the constants C and C,. This equation is then written in
finite differences on atwo-dimensional grid (r, 8), with
theradia coordinate of the grid outside the star being a
guantity inversely proportional to the distance [16];
r is the distance from the center of the configuration
and 6 is the polar angle measured from the rotational
axis. The boundary conditions are symmetry at the cen-
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ter and the condition @ =0 asr — oo, Specifying inaddi-
tiontheratio of the polar and equatorial radii € = R/R, and
the maximum density enables determination of C and
C, smultaneously with thefield @ [11]. The density at
each grid node can be found using (2). The position of
the node at which the maximum density is reached is
found during the computation process.

Due to our use of the differential relation (1) between
the gravitational potentia and the density, the matrix of
coefficients for the system of difference eguations is
sparse; i.e., it has many zero elements. We solved the sys-
tem of difference equations using the method for solv-
ing systems of equations with sparse matrices
described in [17], realized in the applied package
SPARSE [18].

The accuracy of the computationsis monitored with
the virial test [19]

VT = |2T + W+ 3M|/|W,

where T isthe kinetic rotational energy of the star, Wis
the star's gravitational energy, and the quantity M is
defined by the expression

M =IPdr,

where dr is a volume element. For all the computed
models, VT < 103,

3. WHITE DWARF MODELS

We constructed white-dwarf models for the case of
an ideal electron gas, for which the equation of stateis
given by the parametric relation between the pressure
and density [20]

P(x) = a{ x(1+ x3) " (2x%/3 - 1)
+In(x + (1 +x3) ")} /812
p(x) = b,
a = mc/A, b = m/(3PAY,), x = pe/(m.C),

where m, and my; are the electron mass and unit atomic
mass, respectively, A, the Compton wavelength of the
electron, c the velocity of light, pr the Fermi momen-
tum of the degenerate electron gas, and Y, the molecu-
lar weight of the gas.

Figure 1 shows the mass of the white dwarf as a
function of the ratio € for several fixed values of the
maximum density p,.... When rotation is taken into
account, the mass of the white dwarf becomes larger
than in a non-rotating model with the same maximum
density. In the case of rigid rotation, the white-dwarf
mass can grow by no more than 5%. When theratio€ is
decreased below 0.67, the effective acceleration (sum
of the gravitational and centrifugal accelerations) at the
equator vanishes. This behavior is in full agreement
with previous computations [21], and is due to the fact
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Fig. 1. Mass of the white dwarf as afunction of theratio €
of the polar to the equatoria radii for maximum densities
(@ 107, (b) 10'°, and (c) 10! g/em?. The solid curve shows
the case of rigid rotation and the circles the case of rotation
in accordance with the law (3) for d = 0.1. The maximum
density isreached either on therotational axis (filled circles)
or displaced from it (hollow circles). The crosses show the
results of [21] for the rotation law (3) with d = 0.1.

that, in the case of rigid rotation, a substantial fraction
of the momentum is concentrated in surface, near-equa-
torial layers of the star [15]. In the case of differential
rotation (3), in contrast, an appreciable fraction of the
momentum is contained in inner layers of the star. For
this reason, the mass of a differentially rotating white
dwarf can significantly exceed the mass for the corre-
sponding non-rotating model, and there is no flow of
matter from the equator, even for very flattened models.
For example, when d = 0.1 and logp . = 9, the mass
for the model white dwarfs grows monotonically to
4.87M,, as € is decreased to zero (Fig. 1). However, at
large maximum densities, the elastic properties of the
matter change, and this is reflected in the integrated
characteristics of model white dwarfs rotating in accor-
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dance with (3). When logp,..x = 10, the changesin the
mass become nonmonotonic, and there is a break near
€=0.23. When logpo =11, itispossibleto construct

models of stationary rotating white dwarfs only in the
intervals0<€<0.194 and 0.250 < €< 1, and, when € =
0.250 and € = 0.194, the effective acceleration at the
equator vanishes.

The decrease in the éasticity of the matter with
growth in the density that occurs for the equation of
state of an ideal electron gas can be considered analo-
gous to an increase in the polytropic index n. It was
shown in [21] that models of polytropes rotating in
accordance with (3) and with d = 0.1 can exist over the
whole range of variation of € for n = 0 and n = 3/2.
When n = 3, there appears an interval of € in which
there are no stationary models, with models with zero
effective equatorial acceleration at the boundaries of
thisinterval. Theintegral equation

= p(r)dr’
iU =)

was used in [21] to determine the gravitational poten-
tials for rapidly rotating model white dwarfs. The
white-dwarf models obtained in [21] for the rotation
law (3) withd=0.1aredso showninFig. 1. Theintervals
for which stationary white-dwarf models can be con-

structed appear for logp,x = 105 and logp = 11.
Thus, when d = 0.1 and logp. <9, it is possible to

construct models with differential rotation in accor-
dance with (3) of white dwarfs with any degree of flat-
tening.

The precursors of type | supernovaein éliptical gal-
axies form as a result of the evolution of close binary
systems with moderate masses [1, 2]. In the last stages
of the evolution of such close binaries, the two white
dwarfs approach due to the radiation of gravitational
waves, and the less massive of the two fills its Roche
lobe. Further, the evol ution of this component proceeds
on the dynamical time scale. This evolution can lead to
the formation of asingle object whose mass exceedsthe
Chandrasekhar limit, or of a single star surrounded by
a massive torus. If the masses of the two components
are the same, the total momentum of the binary system
is less than that required to support a torus in equilib-
rium [22]. Thus, if the component masses are equal, we
can rule out the formation of atorus, and we expect the
formation of a single massive object.

Assuming that the disruption of the binary systemis
conservative (i.e., the total mass and momentum of the
system are conserved) and results in the formation of a
rapidly rotating white dwarf, we can estimate its char-
acteristics. The total energy of a white dwarf whose
mass and momentum are similar to those of abinary at
the stage of Roche-lobe filling is only dlightly lower
than the total energy of the binary if the white-dwarf
rotation law is given by (3) and d = 0.1. In the case of
rigid rotation, the maximum momentum of the white

ASTRONOMY REPORTS  Vol. 45

No. 9 2001



MODELS FOR HIGHLY FLATTENED

dwarf is much lower than that of a binary system with
the same mass. Consequently, the formation of rigidly
rotating white dwarfs during the conservative disrup-
tion of abinary is not possible. The formation of a dif-
ferentialy rotating white dwarf with the same inte-
grated characteristics as the corresponding binary sys-
tem at the stage of Roche-lobe filling and lower total
energy is possible, even if two components with the
Chandrasekhar mass merge.

Since the momentum of the merger products is the
same as that of the binary system, the model white
dwarfs are highly flattened. The semi-axis ratio grows
from € = 0.23 for a model with a mass of 1M to € =
0.33 for amodel with amass of 2.8M. Theratio of the
rotational kinetic energy to the absolute value of the
gravitational energy in these cases is 3 = 0.18-0.20.
Thus, axially symmetric models for the merger products
are subject to secular instability [15]. In thiscase, themax-
imum density in the models changes from 7.6 x 103 to
1.9 x 10® g/cm?® for the same mass range. The densities
in the products of binary white-dwarf mergers are
insufficient to support carbon-burning piconuclear
reactions. Thisis adirect consequence of our assump-
tion that momentum is conserved during the disruption
of the binary system. The characteristics of the products
of abinary white-dwarf merger when the disruption of
the binary is not conservative, with loss of mass and
momentum during the common-envelope stage, are
considered in[22]. However, in this case, theremaining
momentum is sufficiently high that the densities in
most of the merger products with masses higher than
the Chandrasekhar mass remain insufficient to sustain
piconuclear reactions. Only in systems with total
masses exceeding 2.4Mg, can a white dwarf form with
amass of ~1.7M, and adensity sufficiently high to sus-
tain explosive nuclear burning in the degenerate matter.

Thus, in most cases, the merger of binary degenerate
dwarfs with equal masses probably result in single,
highly flattened, differentially rotating white dwarfs
with masses exceeding the Chandrasekhar limit and
densities below ~10® g/cm?®. The density may increase
during the subsequent evolution of the star, in connec-
tion with the transport of momentum from the inner
regions of the star, possibly accompanied by a loss of
excess momentum and matter from the equatorial
region.

4. NEUTRON STAR MODELS

When computing the neutron-star models, we adopted
an equation of dtate that was an optimal “joining” of the
equations of Feynman, Metropolis, and Teller [23] for
p < 10* g/cm?, Baym, Pethick, and Sutherland [24]
for 10* < p < 4.3 x10'' g/lem?, and Baym, Bethe, and
Pethick [25] for 4.3 x 10! < p<2.2 x 10'* g/cm?. We used
Table 12 from the review [26] for nuclear densities
2.2 x 10" < p < 10" g/em’. In intervals between pairs
of values (P;, p;), we adopted the polytropic depen-
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dence P = Kp', using the parameters K and I deter-
mined from the values (P,, p;) at the edges of the inter-
vals[12, 27].

Type Il supernovae are associated with the collapse
of the evolved cores of massive stars and the formation
of neutron stars. When rotation is taken into account,
the core collapse may occur in two stages [4, 7, 28]. In
the first stage, the iron core of an evolved massive star
collapses, with the formation of a (proto)neutron star.
Thekinetic energy of therigidly rotating iron core com-
prises only a few percent of the absolute value of the
gravitational energy. If the core momentum is con-
served during the collapse, the fraction of the rotational
kinetic energy relative to the gravitational energy
grows. As a result, the highly flattened, differentially
rotating, dynamically unstable (proto)neutron star that
formsat this stage is characterized by a maximum den-
sity of ~3 x 10'* g/cm?, and rotation plays the leading
role in supporting its equilibrium [28]. In the second
stage, after the stage of neutrino cooling, dynamical
instability can lead to fragmentation of the cool, rapidly
rotating (proto)neutron star, with the formation of a
close neutron-star binary system [7].

Let us consider the construction of dynamically
unstable modelsfor cool neutron starsrotating in accor-
dance with (3). In dynamicaly unstable models, the
rotational kinetic energy exceeds 27% of the absolute
value of the gravitational energy [15]. The kinetic
energy and other integrated characteristics of the neu-
tron star are determined by both the absolute value of
the momentum and its distribution in the stellar matter.
For example, increasing the parameter d in the rotation
law (3) leads to a growth in the ratio B of the model
kinetic energy to the absolute value of the gravitational
energy. However, when d is increased, the rotation of
the star approaches that of a solid body. A substantial
fraction of the momentum is concentrated in a surface,
near-equatorial layer of the star. As a result, as
d approaches some critical value, the effective acceler-
ation at the egquator tends to zero. The critical value of
d is determined by the maximum density for the model
and the ratio € (Fig. 2). For neutron stars with masses
typical of the iron cores of evolved massive stars, a
range of values for d corresponding to dynamically
unstable models (3 = 0.27) appears only for rather highly
flattened models. For example, model neutron stars
with masses of 1.4-2.0M, are dynamically unstablefor
0.40<d<045if£=0.20,andfor0.35<d<0.62if =0
(Fig. 2). Thelargest range of semi-axisratios0 < € < 0.20
for dynamically unstable models is achieved when
d = 0.41. Asdisincreased, the upper boundary for this
range approaches zero. The maximum value of d for
which it is still possible to construct a neutron-star
model with a mass not exceeding 2M, is closeto 0.62.
When d < 0.35, al model neutron stars with masses
1.4-2.0Mg, are dynamically unstable.

Stationary modelsfor differentially rotating neutron
stars with d = 0.41 can be constructed for any ratio of
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Fig. 2. Mass of the neutron star as afunction of the param-
eter d in the rotation law (3). The dotted curves show mod-
els for five maximum densities (from top to bottom):
Prmax/10'* g/cm® = {3, 4, 5, 6, 7} For all models, the semi-
axis ratio is € = 0.0004. Models for which = 0.27 are
shown by the solid curvefor € = 0.0004 and the |ong-dashed
curvefor e=0.1936. Modelsthat are close to aconfiguration
with outflow from the equator are shown by the dot—dash curve
for € = 0.0004 and the short-dashed curve for € = 0.1936. We
also present curvesfor M = 2Mg and M = 1.4Mg,.

the polar and equatorial radii if the maximum density in
the models exceeds 5.57 x 10'* g/lcm?. The mass of the
neutron star grows monotonically as € decreases from
one to zero for a fixed value of the maximum density
(Fig. 3), asoccursfor white dwarfswith rlatively modest
densities (Fig. 18). When p,, = 5.57 x 10" g/cm?®, the
variation of the masswith € becomes nonmonotonic. If the
maximum density is lower than 5.57 x 104 g/lcm?, sta
tionary neutron-star models can be constructed only for
small and large values of €; there are no stationary mod-
elswithintermediate valuesof €. With the use of our equa-
tion of state, a decrease in the density can be considered
analogous to a corresponding increase in the polytropic
index n. As in the white-dwarf case, an interval of € for
which there are no sationary solutions appears as the
polytropicindex isincreased. Model computations carried
out on a specialy chosen grid nonuniform in r show a
decrease in the absolute value of the effective accelera-
tion at the equator as € approaches the boundaries of
regions in which stationary solutions exist. The sharp
decrease in the effective acceleration with increasein €
in the right branches of the dependences in Fig. 4 for
Pmax/10' glcm? = {4, 5} requires the introduction of
till finer grids in the regions of compression € = 0.18
and € = 0.23. Consequently, asin the white-dwarf case,
models with zero effective acceleration at the equator
are found at boundaries of intervals of € in which there
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pmax’ 1014 g/cm3

Fig. 3. Mass of the neutron star as a function of the maxi-
mum density for d = 0.41 and various values of €. The solid
curves show models with € = 1 (lower) and € = 0.0004
(upper), the dashed curves show curves of constant angular
momentum J/10* gem? s™1 ={2, 4, 6, 8} (curvesfor higher
values of J are lower), and the dot—dash curve corresponds
to the constant value 3 = 0.27. The position of models with
zero effective acceleration at the eguator is roughly indi-
cated by the dotted curve.

are no stationary solutions. With a constant maximum
density p,.x < 5.57 x 10 g/lem?® and d = 0.41, the
model masses first grow as € is decreased from unity,
then decrease dightly until the effective acceleration at
the equator becomes zero. When € < 0.23, the model
masses grow as € is decreased. Qualitatively, the varia-
tion of the masses for model neutron stars as € is
decreased with a fixed maximum density p,,.x < 5.57 X
10'* g/cm? is the same as that for model white dwarfs
with p,.. = 10" g/lem?® (Fig. 1c). In a diagram plotting
mass versus maximum dengty, the highly flattened,
dynamicaly unstable neutron-star models with d = 0.41
are located in the region ddineated by the vaues € =
0.0004, 3 = 0.27 and by the line corresponding to mod-
elswith zero effective acceleration at the equator (Fig. 3).
The densities in these models do not exceed 5.5 %
10 g/lcm?.

When d =0.62, intervals of € for which it isnot pos-
sible to construct stationary models of neutron stars
rotating in accordance with (3) appear when the maxi-
mum density islower than 8.4 x 10'* g/cm?. Inthis case,
theratio of the polar to the equatoria radii for dynamically
unstable neutron-star models is zero for a wide range of
maximum densities4.5 < p,,,,/10'* g/lcm’ < 6.5. However,
only when p,..x = 4.5 x 10'* g/lcm’ is the mass of the
neutron star similar to those of the evolved cores of
massive stars.

Thus, dynamically unstable neutron-star models are
characterized by ahigh degree of flattening and relatively
modest densities (Fig. 3). Thislatter circumstanceis prob-
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Fig. 4. Ratio of the effective acceleration at the equator to
the maximum value in a series of computations with con-
stant maximum density as a function of the semi- axns ratio
e for d = 0.41. The maximum densities p,,,/10'* g/cm?
were 7 (long-dashed curve), 6 (short-dashed curve), 5.57
(solid curve), 5 (dot—dash curve), and 4 (dotted curve).

ably associated with adecreasein the dadticity of the mat-
ter as the dengity decreases. In this case, the role of the
centrifugal forcein counteracting the gravitational forceto
support the star in an equilibrium state grows compared to
that of the pressure. Accordingly, thefraction of thekinetic
energy increases relative to the gravitationa energy. The
characteristics of some dynamically unstable models for
neutron stars with a mass of 2M, are presented in the
table, and the density distribution in these models is
shown in Fig. 5. The maximum density in the dynami-
cally unstable neutron-star models we have obtained is
reached in the equatorial plane on the side that is fur-
thest from the rotational axis.

The ratio of the gravitational to the centrifugal
acceleration in the equatorial plane changes sign aswe
move from the center toward the surface (Fig. 6), since
the minimum in the gravitational potential is shifted
from the rotational axis and is located on a circumfer-
ence G between the center of the configuration C and
the circumference O where the density reaches its max-

1 1
02 03

1 1
04 05

1 1 | y!
06 07 08 09 1.0

I I I I ‘
04 05 06 07 0.8 0 9 1.0

0 0.1

0.2 03 04 05

M .
06 07 08 09 10

Fig. 5. Density distribution in the meridional plane for models (a) A, (b) B, (c) C, and (d) D. The densities of neighboring equal-
density contours differ by afactor of two. The characteristics of the models are presented in the table.
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Characteristics of dynamically unstable neutron-star models
, J, 10%
Model d £ 1051%%”13 D MMo | R 10°em | ooy B.%
A 041 0.221 5.15 0.42 1.98 2.48 3.70 27.0
B 0.41 0.102 4.90 0.50 197 2.49 397 27.2
C 041 0.0004 4,90 0.52 2.02 251 421 27.3
D 0.62 0.0004 4.50 0.48 2,01 2.99 4.61 29.0

The columns present the model notation; value of d in the rotation law (3); €, the ratio of the polar to the equatorial radii; pmax.
the maximum density and w4, the distance in the equatorial plane (in fractions of the equatorial radius) from the rotational axis to the
point with the maximum density; M, the model mass; R,, the equatorial radius; J, the total angular momentum; and 3, the ratio of the

kinetic energy to the absolute value of the gravitational energy.

imum. Near the equatorial plane between C and G, the
joint action of the centrifugal and gravitational forces
balances the pressure gradient. In the region between
G and O, the centrifugal force balances the gravita-
tional force and the pressure. In the region between O

-4

0 01 02 03 04 05 0.6 0.7 08 09 1.0
@

Fig. 6. Ratio of the gravitational to the centrifugal accelera-
tion as a function of relative distance from the rotational
axisfor modelsA (solid curve), C (long-dashed curve), and
D (short-dashed curve).

0 1.0 09 08 0.7 0.6 0.5 04 03 0.2 0.1
M/Mmax

Fig. 7. Fraction of the momentum as a function of therela
tive mass contained in a cylinder of radius @ . The solid curve
shows mode A, the dotted curve modd B, and the dot—dashed
curves with single and double dots models 1 and 2 roteting in
accordance with the law a = const from [12].

and the surface, the pressure and the centrifugal force bal-
ance the gravitationa force. Only in this last region does
the gravitationa accel eration exceed the centrifugal accel-
eration. In thefirst two regions, the gravitational accelera
tion can act in the same direction as the centrifugal force
or the pressure gradient, and be weaker than the centrifu-
gd acceleration. The motion of matter in these regions
depends appreciably on the pressure gradient. At a fixed
vaue of d, the ratio of the gravitationa to the centrifugal
acceleration at the equator approaches—1 as¢ isincreased
(moddsCandA, Fig. 6).

The relative drop of the angular velocity between
the center and equator in the dynamically unstable neu-
tron-star modelsis determined by d. The central region
rotates at approximately twice the speed of the region
near the equator. The linear speed grows with distance
from the rotational axis. The central regions of models
in which the density increases with distance from the
rotational axis rotate nearly rigidly.

Our dynamically unstable models rotating in accor-
dance with (3) differ from the models obtained in [12]
rotating with a = const, where a istheratio of the cen-
trifugal to the gravitational acceleration, in their larger
concentration of the angular momentum toward the
rotational axis (Fig. 7). For this reason, the maximum
density in the models rotating in accordance with (3) is
shifted from the rotational axis. At the same time, the
total momentum in these models (see the table) is
roughly half the maximum momentum allowed for rig-
idly rotating cores of evolved massive stars [28].

5. CONCLUSION

Themerging of binary white dwarfswith equal masses
can give rise to highly flattened (0.23 < € £ 0.33), single,
rapidly rotating white dwarfs whose masses exceed the
Chandrasekhar limit by afactor of two, if the mass and
momentum are conserved during the merger of the
binary components. For this reason, rotation plays an
important role in supporting the equilibrium of the
products of such binary mergers. The ratio of the rota-
tional kinetic energy to the absolute value of the gravi-
tational energy in the merger products reaches 20%.
Thus, axialy symmetric products of white-dwarf merg-
ers are subject to secular instability [15].
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The densities in such rapidly rotating white dwarfs
are insufficient to support carbon burning in the degen-
erate matter, in spite of the fact that their mass can
exceed the Chandrasekhar limit by afactor of two. The
further evolution of the merger products may be associ-
ated with the transport of momentum from inner to
outer parts of the star, possibly with a subsequent loss
of momentum and mass from the equatoria region. We
cannot rule out theformation of atriaxid figure of equilib-
rium asaresult of the merger of two white dwarfs of equal
mass. Study of the characteristics of such triaxia figures
requires three-dimensional computations. We will investi-
gate the possibility of forming a torus around the more
massive component in abinary system with white dwarfs
with different massesin a separate paper.

Our dynamically unstable models for cool neutron
stars rotating in accordance with (3) are characterized
by densities at which the elasticity is relatively modest
and by a high degree of flattening (0 < € < 0.20); this
was also found for equilibrium configurations obtained
in numerical simulations of the collapse of a rotating
iron core [28] and for models of neutron starsin which
the ratio of the centrifugal and gravitational accelera-
tionsin the equatorial planeisconstant [12]. In contrast
to these last models, our dynamically unstable neutron-
star models show a higher concentration of momentum
toward the rotational axisand, asaconsequence, a shift
of the maximum density away from the rotational axis.
At the same time, the total momentum in our modelsis
about half the maximum possible momentum for rig-
idly rotating iron cores of evolved massive stars. This
suggests that rotation does not play an important rolein
theinitial stages of collapse. The ratio of the rotational
kinetic energy to the absolute value of the gravitational
energy in our model rapidly rotating neutron stars can be
considered to result from thefirst collapse of aniron core
of an evolved massive star [4]; the values we have
obtained arein theinterval 0.27-0.29, near the boundary
of dynamicd instability. Since the maximum density in
such dynamically unstable neutron stars is displaced
from the rotational axis, fragmentation could lead to the
formation of systems of two or more neutron stars.

In conclusion, we note that the relatively simple
two-dimensional computationsfor stationary models of
rapidly rotating cool stars considered here were
intended only to identify likely characteristics of the
products of white-dwarf mergers, and do not eliminate
the need to conduct more complex, three-dimensional
dynamical computations.

ACKNOWLEDGMENTS

This study was supported by the Russian Founda-
tion for Basic Research (project no. 99-02-16205).

REFERENCES

1. A. G. Masevich and A. V. Tutukov, Sellar Evolution:
Theory and Observations[in Russian] (Nauka, Moscow,
1988).

ASTRONOMY REPORTS Vol.45 No.9 2001

2.

3.

10.

11.

12.

13.

14.

15.

16.

17.

18.

19.

20.

21.

22.

23.

24,

25.

26.

27.

28.

699

I. Iben and A. V. Tutukov, Astrophys. J., Suppl. Ser. 54,
335 (1984).

L. R. Yungelson, M. Livio, A. V. Tutukov, and R. A. Saf-
fer, Astrophys. J. 420, 336 (1994).

V. S. Imshennik, in Eruptive Sars, Ed. by A. G. Masavich
[in Russian] (Moscow, 1996), p. 7.

C. F. Weizsicker, Z. Astrophys. 24, 181 (1947).
I. S. Shklovsky, Astrophys. J. Lett. 8, L101 (1970).

V. S. Imshennik, Pis' maAstron. Zh. 18, 489 (1992) [ Sov.
Astron. Lett. 18, 194 (1992)].

S. 1. Blinnikov, I. D. Novikov, T. V. Perevodchikova, and
A. G. Polnarev, Pis maAstron. Zh. 10, 422 (1984) [Sov.
Astron. Lett. 10, 177 (1984)].

G. S. Bisnovatyi-Kogan, Astron. Zh. 47, 813 (1970)
[Sov. Astron. 14, 652 (1971)].

N. V. Ardeljan, G. S. Bisnovatyi-Kogan, and S. G. Moi-
seenko, Astrophys. Space Sci. 239, 1 (1996).

A. G. Aksenov and S. I. Blinnikov, Astron. Astrophys.
290, 674 (1994).

A. G. Aksenov, S. I. Blinnikov, and V. S. Imshennik,
Astron. Zh. 72, 717 (1995) [Astron. Rep. 39, 638
(1995)].

S. Bonazzola, E. Gorgoulhon, M. Salgado, and J. A. Marck,
Astron. Astrophys. 278, 421 (1993).

P. Haensel, M. Salgado, and S. Bonazzola, Astron.
Astrophys. 296, 745 (1995).

J.-L. Tassoul, Theory of Rotating Stars (Princeton Univ.
Press, Princeton, 1979; Mir, Moscow, 1982).

M. J. Clement, Astrophys. J. 194, 709 (1974).

O. Osterby and L. Zlatev, Direct Methods for Sparse
Matrices (Springer-Verlag, Berlin, 1983; Mir, Moscow,
1987).

O. S. Bartunov and S. |. Blinnikov, Astron. Astrophys.
273, 106 (1993).

J. P. Ostriker and P. Bodenheimer, Astrophys. J. 151,
1089 (1968).

S. L. Shapiro and S. A. Teukolsky, Black Holes, White
Dwarfs, and Neutron Stars. the Physics of Compact
Objects (Wiley, New York, 1983; Mir, Moscow, 1985).

I. Hachisu, Astrophys. J., Suppl. Ser. 61, 479 (1986).

I. Hachisu, Y. Eriguchi, and K. Nomoto, Astrophys. J.
308, 161 (1986).

P. R. Feynman, N. Metropolis, and E. Teller, Phys. Rev.
75, 1561 (1949).

G. Baym, C. J. Pethick, and P. Sutherland, Astrophys. J.
170, 299 (1971).

G. Baym, H. A. Bethe, and C. J. Pethick, Nucl. Phys. A
175, 225 (1971).

V. Canuto, Annu. Rev. Astron. Astrophys. 12, 167
(1974).

E. Mller and Y. Eriguchi, Astron. Astrophys. 152, 325
(1985).

V. S. Imshennik and D. K. Nadezhin, Pis' maAstron. Zh.
18, 195 (1992) [Sov. Astron. Lett. 18, 79 (1992)].

Trandated by D. Gabuzda



Astronomy Reports, Vol. 45, No. 9, 2001, pp. 700-710. Translated from Astronomicheskii Zhurnal, \Vol. 78, No. 9, 2001, pp. 807-818.

Original Russian Text Copyright © 2001 by Antipova, Boyarchuk.

The Chemical Composition of the Red Giant n Ser

L.I. Antipovaand A. A. Boyar chuk

Institute of Astronomy, Russian Academy of Sciences, Pyatnitskaya ul. 48, Moscow, 109017 Russia
Received December 8, 2000

Abstract—The paper presents the results of an analysis of elemental abundancesin the atmosphere of n Ser—
ared giant of spectra type K2I11abCN1, according to Hoffleit and Jaschek [4]. The resulting atmospheric
parameters correspond to a KO giant, and the peculiarities of the star’s chemical composition provide evidence
that the assignment of n Ser to the class of CN stars was erroneous. © 2001 MAIK “ Nauka/Interperiodica” .

1. INTRODUCTION

In the early stages of the evolution of a star, various
nuclear reactions take placein its core, leading to the for-
mation of aseriesof chemical eementsin theseregions of
nuclear burning. When the star evolves off the main
sequence into the region occupied by red giants in the
Hertzsprung—Russell diagram, it develops a convective
envelope. This envelope gradually expands, reaches the
inner layers where nuclear reactions were taking place
during the star’s lifetime on the main sequence, and car-
ries the products of nuclear burning to the stellar surface.
As a consequence, the atmospheres of red giants exhibit
anomalous abundances of certain elements compared to
those observed for the atmospheres of main-sequence
stars.

Studies of these anomalies can yield important
information about the internal structure of stars and the
nuclear synthesis that occurs in their cores at various
stages of their evolution. It is also known that the pop-
ulation of red giants is not uniform. Subgroups having
certain spectral characteristics can be distinguished.
For example, thereisasubgroup of barium stars, whose
spectraexhibit strong lines of barium and s-process ele-
ments, compared to so-called “normal” red giants (field
red giants, which do not exhibit any spectral features).
There also exist subgroups of stars with strong CH and
CN molecular-band emission (CH and CN stars). Stars
associated viaa common origin (cluster members) also
display certain features, and so forth. It is of interest to
carry out comparative analyses of the physical condi-
tions and chemical compositions of the atmospheres of
red giants of various spectral subgroups, based on uni-
form spectral observational material and asingle reduc-
tion technique. This will make it possible to establish
relationships between observed spectral properties and
evolutionary stages or age characteristics.

In our previous studies (see, for example, [1-3]), we
performed such analyses for severa field red giants,
three “moderate” barium stars, and giants of the young
Hyades cluster. Here, we present results for the red

giant n Ser, which we selected for our program asarep-
resentative of the class of CN stars. When choosing
objects for our program, we have been guided by the
catalog of bright stars[4], which givesthe spectral type
of n Ser asK2l11abCN1.

2. OBSERVATIONS, DATA REDUCTION,
AND DETERMINATION
OF ATMOSPHERIC PARAMETERS

As for the other stars in our program, the observa-
tions of n Ser were carried out using a spectrograph
mounted at the Coudé focus of the 2.6-m telescope of
the Crimean Astrophysical Observatory in 1996. The
data were recorded on a CCD array. The observations
were obtained in 19 selected spectral bands with widths
to 60 A. The resulting spectra have signal-to-noise
ratios of 150-230; the resolution, determined by the
spacing between pixels, is0.066 A.

The reduction of the observations, measurement of
the equivalent widths, and estimates of the atmospheric
parameters were carried out using the same methods as
in our earlier studies. These methods are described in
detail in [3], which also discusses the accuracy of the
resulting parameter estimates. Therefore, we present
here only the results of our analysisfor n Ser.

Figure 1 shows the abundances of iron-group ele-
ments rel ative to their solar abundances,

[X] = Iog(Nelem/H)*_Iog(NeIem/H)Qv

calculated from the observed equivalent widths of
absorption lines in the spectrum of n Ser using various

temperatures and logg = 3.01. We also constructed
such plots for other values of logg. On each plot, we
estimated the scatter of the lines at the point where they
intersect. The minimum of this scatter can be used to
determine the parameters of the atmosphere of n Ser, as

1063-7729/01/4509-0700$21.00 © 2001 MAIK “Nauka/Interperiodica’
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-0.5

-1.0r

-1.5

4500 5000 T, K

Fig. 1. Abundances of iron-group elements relative to their
solar values, calculated from the equivalent widths of
absorption linesin the spectrum of n Ser for various temper-

aturesand logg = 3.01.

isclearly illugtrated in Fig. 2. Plots such asthosein Fig. 1
also yield the metdlicity of the star—the ratio of the
abundances of iron-group elements in the star’'s atmo-
sphere to their solar abundances.

Scatter of [X]
5

5000

4750 T,=4933 K

log g =3.01

4500

4250

2.0 25 3.0 35 4.0 0

logg

Fig. 2. ToHogg diagram for determining the main parame-
ters of the atmosphere of n Ser (see [1] for more informa-
tion about the construction of this diagram).
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Our estimates of the parameters of the atmosphere
of n Ser are given in Table 1; we a so present the anal-
ogous values obtained in other studies for comparison.
Itis clear from this table that our temperature estimate
isin fairly good agreement with those found in other
studies; however, it is appreciably higher than expected
for aK2 giant, and corresponds to type KO. Our value
for logg isalso closetothose derived in earlier studies.

3. RESULTS AND DISCUSSION

Table 2 presents a list of the spectral lines used to
derive the elemental abundances for the atmosphere of
n Ser and the measured equivalent widths. Table 3 pre-
sents the abundances cal culated from these datausing a
model atmosphere corresponding to T, = 4333 K and

logg = 3.01. It follows from this table that the metal-
licity (mean abundance of iron-group elements) of n
Ser isnearly 0.2 dex higher than the solar value. Figure 3
shows ratios of elemental abundancesto the metallicity
(M) in the atmosphere of n Ser in comparison with the
corresponding “solar” values; i.e.,

[XIM] = [X/M]. —[X/M]o. (1)

Itisclear that the abundances of Na, Mg, Al, and Si are
somewhat higher than their “normal” values, as is
observed in other red giants[3]. The overabundances of
Na, Al, and Si fit well in the corresponding dependence
on the gravitational acceleration constructed on the
basis of analyses for other red giants and supergiants
(see Figs. 24 in [3]). We also observe an overabun-
dance of s-process elements (relative to the metallicity),
as was found earlier for other red giants [3]. However,
on average, these overabundances are somewhat lower
than thosefor field red giants. In this sense, they occupy
an intermediate position between field giants and the
young Hyades giants.

Note that field giants do not represent a uniform
groupin either T,and logg or in the abundances anom-

_0‘6 1 1 1 1 1 1 1 1 1 1 1 1 1 1 1 1 1 1 1 1 1
C Na Al Ca Tt Cr Co Y La Pr Eu

O Mg St Sc V Fe Nt Ba Ce Nd

Fig. 3. Chemica composition of the atmosphere of n Ser
calculated using amodel atmosphere with T, = 4933 K and

logg =3.01.
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Fig. 4. Positions of starsfrom Table 4 on evolutionary tracks
from[9].

aliesfor individual elements. Therefore, when compar-
ing the abundances of s-process elements in the atmo-
sphere of n Ser with those for other giants, we chose
stars whose parameters were most similar to those of
n Ser. Figure 4 showsthe positions of these stars on the
Hertzsprung—Russell diagram, together with evolution-
ary tracks constructed using the data of [9]. It is clear
from this figure that these stars form a distinct group in
luminosity and mass; the masses estimated from the
evolutionary tracks are presented in Table 4, which also
gives the atmospheric parameters and metallicities for
these stars obtained in the current and earlier studies.

We investigated the possibility of arelation between
a star's overabundance in s-process elements and its
mass. The overabundances of each of the s-processele-
ments as a function of the corresponding stellar mass
areplotted in Fig. 5. This plot was constructed using the
dataof [3] and Table 3; the horizontal axis plotsthe stel-
lar masses in solar units and the vertical axis the s-pro-

Table 1. Atmospheric parameters of n Ser

T, K logg Vi, km/s | [Fe/H] |References
4933 3.01 0.9 —0.21 | This paper
4890 321 21 -0.42 [5]
4940 2.91 2.4 +0.08 [6]
4912 3.10 0.85 -0.31 [7]
4830 2.90 (1.7)* -0.20 [8]

* In [8], a single turbulence velocity of 1.7 km/s was adopted for
all the studied stars.
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Fig. 5. Comparison of abundances of s-process elementsin
the atmospheres of n Ser and severa stars with similar
atmospheric parameters (Table 4).

cess element overabundances derived from (1). We are
inclined to exclude the s-process element barium from
this analysis, since its abundances in red giants can be
strongly affected by non-LTE effects. It is clear from
Fig. 5 and Table 4 that there is a tendency for the over-
abundances of s-process elements to increase with the
stellar mass (or equivalently the luminosity). This is
evidently associated with the fact that the process of
convective mixing is developed to different degreesin
stars of different masses when they reach the red-giant
stage: the higher the mass, the stronger the convection,
the deeper the layers to which it penetrates, and the
larger the amount of material that is carried from the
core to the surface of the star.

Note, however, that the overabundances of these ele-
ments also depend on the star’'s metallicity, which is
obvioudly related to its age; with increase in the metal-
licity (or decrease in the age), these overabundances
decrease. It was shown earlier that red giants of the very
young Hyades cluster do not show any overabundances
in s-process elementsin their atmospheres, due to their
young ages and the corresponding limited devel opment
of mixing processes [2]. Figure 5 also shows some
decrease in the overabundances for star with metallici-
ties higher than the solar value.

Dueto the limited number of red giantsinvestigated
by usthus far, we cannot at this time analyze this ques-
tion in more detail. Preferring to undertake homoge-
neous studies in terms of observational material and
technique, we decided not to include here data of stud-
ies by other authors. However, we hopeto return to this
guestion later, after expanding our investigations to
additional red giants.

ASTRONOMY REPORTS  Vol. 45
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Table 2. List of spectral data

THE CHEMICAL COMPOSITION OF THE RED GIANT n SER

A A EP., eV loggf W, mA A E.P., eV loggf W, mA
1 2 3 4 1 2 3 4
Cl Sil
5380.31 7.68 —1.68 8.8 6145.08 5.59 -1.41 38.0
6155.20 5.62 -0.80 72.7
Ol 6155.70 5.62 —-2.22 8.7
6300.34 0.00 —-9.76 19.2
Cda
Nal 5260.39 2.52 -1.74 52.4
6154.22 2.10 -1.51 60.4 5867.57 2.92 -1.59 39.8
6160.75 2.10 -1.21 79.0 6156.10 251 —-2.46 23.3
6166.44 251 -1.15 87.7
Mgl 6455.60 2.52 -1.34 82.6
6318.71 511 -1.94 57.5
6319.24 511 —2.22 48.4 Scll
5711.09 4.34 -1.46 130.5 5318.34 1.35 -1.69 28.1
5334.22 1.49 -2.10 135
All 5357.20 1.50 -2.15 104
6698.67 3.13 -1.86 394 5526.81 1.77 0.21 92.0
5552.22 1.45 -2.10 111
Sil 5669.03 1.50 —0.99 56.8
5517.55 5.08 -2.40 20.2 6300.68 151 -1.97 17.9
5684.47 4.95 -1.57 61.9 6320.84 1.50 -1.83 22.0
5690.43 493 -1.73 534 6604.59 1.36 -1.11 59.2
5701.12 4.93 -1.96 45.9
5772.25 5.06 -1.70 54.8 Til
5793.05 493 -1.89 46.9 5145.47 1.46 —-0.45 72.7
6112.93 5.62 -2.19 12.8 5147.48 0.00 -1.96 90.0
6125.03 5.59 -157 33.6 5223.63 2.09 —0.53 45.0
6131.54 5.59 -1.75 28.2 5251.49 0.82 —-2.49 18.9
6131.86 5.59 -1.68 20.2 5259.96 2.74 -0.27 17.7
6142.53 5.59 -1.49 35.8 5282.40 1.05 -1.53 49.8
ASTRONOMY REPORTS Vol.45 No.9 2001
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Table 2. (Contd.)

A E.P., eV loggf W, mA A E.P, eV loggf W,, mA
1 2 3 4 1 2 3 4

5295.78 1.06 ~165 476 6599.11 0.90 ~1.99 452
5313.25 1.06 225 17.1 6716.68 2.48 ~1.14 0.3
5351.07 2.77 ~0.07 28.0

5366.65 0.81 —254 22  ||vI

5384.63 0.83 —2.78 11.3 5240.88 2.37 0.33 185
5426.24 0.02 —2.87 43.0 5507.77 2.36 -0.17 9.2
5438.29 1.43 ~1.87 13.1 5668.37 1.08 -0.96 26.6
5448.91 2.33 ~1.32 93 5670.85 1.08 -0.39 65.0
5449.16 1.44 —2.00 16.9 5703.56 1.05 -0.26 77.9
5503.89 2.58 ~0.09 37.0 5731.25 1.06 -0.76 44.6
5673.41 3.11 ~0.36 8.2 5743.43 1.08 -0.01 31.9
5679.92 2.47 ~0.63 19.8 5776.67 1.08 ~1.49 10.4
5689.46 2.30 ~0.40 36.7 5830.68 3.11 0.69 9.4
5702.64 2.29 ~0.65 26.8 6039.69 1.06 -0.64 49.1
5713.88 2.29 ~0.93 138 6058.18 1.04 -1.39 14.0
5716.45 2.30 ~0.78 19.9 6081.44 1.05 -0.63 56.5
5774.03 3.30 0.45 235 6090.21 1.08 -0.13 79.3
5823.69 2.27 ~1.22 14.7 6111.62 1.04 -0.71 53.4
5832.48 3.34 ~0.31 76 6119.50 1.06 —0.44 67.7
5839.77 1.46 —2.40 75 6135.36 1.05 -0.76 51.5
5880.27 1.05 ~1.94 35.8 6150.13 0.30 -151 59.4
5999.67 2.23 ~0.78 202 6216.35 0.28 -0.88 89.3
6031.68 0.05 —3.92 9.2 6224.50 0.29 -1.82 42.9
6064.63 1.05 ~1.82 43.0 6285.16 0.28 -156 56.4
6092.80 1.89 ~1.36 17.4 6292.82 0.29 ~1.47 62.7
6098.66 3.06 ~0.10 18.1 6326.84 1.87 -0.76 14.5
6121.01 1.87 ~1.34 19.2 6504.16 1.18 -0.74 38.0
6126.22 1.06 ~1.34 68.2

6149.74 2.15 ~1.26 90 ||Vl

6303.77 1.44 ~1.50 40.0 5303.26 2.27 -1.98 14.2
6312.24 1.46 ~152 39.2 6031.07 ‘ 251 ‘ ~1.59 ‘ 8.8
6325.15 0.02 ~357 18.4

6336.10 1.44 ~1.69 340 ||cn

6497.68 1.44 ~1.93 26.8 5122.12 | 1.03 | -3.14 | 46.1

ASTRONOMY REPORTS Vol. 45 No.9 2001
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Table 2. (Contd.)
A E.P., eV loggf W, mA A E.P, eV loggf W,, mA
1 2 3 4 1 2 3 4
5238.97 2.71 -1.34 37.0 5334.88 4.07 -1.62 39.6
5240.46 3.67 —0.59 24.4 5502.09 4.17 -1.89 20.1
5241.46 2.71 -2.05 16.0 5508.62 4.15 -2.01 19.3
5243.35 3.39 -0.59 40.7
5247.56 0.96 -1.65 113.2
5272.00 3.45 —-0.47 39.8 Fel
5285.62 3.37 -1.48 10.6 5136.09 4.17 -1.90 40.3
5287.18 3.44 -0.87 22.7 5143.73 2.20 -3.74 59.6
5296.69 0.98 -1.39 128.4 514511 2.20 -3.12 76.4
5300.75 0.98 -2.07 97.9 5159.06 4.28 -0.82 71.1
5304.21 3.45 —0.63 28.6 5223.19 3.63 -2.21 45.8
5312.88 343 -0.54 33.6 5228.37 4.22 -1.05 70.0
5318.78 3.43 -0.68 29.4 5242.50 3.63 -0.91 100.3
5345.81 1.00 -0.90 169.8 5243.78 4.26 —-0.94 77.4
5348.32 1.00 -1.20 1334 5249.11 4.47 —-1.53 28.2
5719.82 3.01 -1.66 17.9 5253.48 3.28 -1.45 91.6
5729.20 3.84 -1.18 6.6 5285.13 4.43 -1.42 38.7
5783.11 3.31 -0.34 50.5 5293.97 4.12 -1.72 46.5
5787.99 331 -0.09 60.9 5294.55 3.62 —-2.64 312
5788.39 3.00 -1.60 185 5295.32 4.40 -1.50 419
5843.24 3.00 -2.03 8.3 5315.07 4.35 -1.44 444
5884.44 3.01 -1.81 12.6 5315.78 3.62 -3.13 12.3
6135.78 4.80 0.55 231 5320.05 3.63 -2.43 37.9
6330.09 0.94 -2.83 78.8 5321.11 4.42 -1.24 50.7
6501.21 0.98 -3.61 21.3 5322.05 2.27 -2.81 87.9
6630.02 1.03 -3.48 394 5358.10 3.29 -3.23 24.2
6680.14 4.16 -0.40 144 5365.40 3.56 -1.05 90.1
6734.16 4.19 -0.71 12.2 5373.71 4.47 —-0.69 70.5
5376.84 4.29 -2.00 284
Crll 5379.57 3.69 -1.44 74.6
5237.32 4.07 -112 53.2 5385.55 3.69 -3.08 10.6
5305.85 3.81 —2.00 29.2 5386.34 4.15 -1.67 44.6
5310.70 4.05 -2.18 121 5389.45 441 -0.26 86.2
5313.59 4.06 -161 36.1 5395.22 4.44 -1.67 33.0
ASTRONOMY REPORTS Vol. 45 2001
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Table 2. (Contd.)
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A E.P., eV loggf W, mA A E.P, eV loggf W,, mA
1 2 3 4 1 2 3 4
5398.28 4.44 -0.51 78.3 5827.88 3.28 -3.10 28.7
5401.29 4.32 -1.68 38.9 5835.11 4.26 -2.09 26.2
5406.78 4.37 -1.35 49.2 5837.70 4.29 -2.13 175
5412.79 4.43 -1.73 323 5838.42 3.93 =221 36.8
5417.04 441 -1.37 46.5 5844.88 414 -2.83 8.6
5432.95 4.44 —0.61 78.1 5845.27 5.01 -1.70 115
5441.35 431 -1.55 449 5849.70 3.68 -2.82 19.0
5445.04 4.39 -0.01 109.0 5852.19 4.53 -1.17 57.0
5522.40 4.21 -1.40 554 5853.18 1.48 -5.03 35.2
5539.83 4.29 -2.29 141 5855.13 459 -1.54 36.9
5544.04 4.22 —-0.92 74.4 5856.08 4.28 -1.51 49.7
5546.63 4.37 -1.04 62.9 5858.77 4.20 -2.13 26.2
5552.70 4.95 -1.69 11.8 5859.61 4.55 —0.49 82.9
5554.90 455 -0.23 94.2 5861.11 4.26 -2.31 154
5560.38 443 -1.01 58.5 5862.36 4.53 —-0.36 92.0
5677.70 4.10 —-2.56 154 5864.24 4.28 -2.40 14.0
5679.02 4.65 -0.57 66.8 5873.22 4.26 -1.97 32.0
5686.54 4.55 —0.56 83.3 5879.49 4.61 -1.88 20.1
5701.56 2.56 -2.02 113.2 5983.69 4.55 —-0.54 72.3
5705.47 4.30 -1.40 52.2 59084.82 4.74 -0.14 79.6
5720.90 4.55 -1.81 253 6003.03 3.86 -1.12 97.6
5724.47 4.28 —-2.46 11.9 6007.96 4.63 -0.62 727
5731.77 4.26 -1.06 63.1 6019.36 3.56 -3.20 20.7
5732.30 4.99 -1.40 20.7 6024.07 4.53 0.12 108.5
5752.04 455 -0.80 66.6 6027.06 4.07 -1.03 80.2
5753.13 4.26 —0.55 92.0 6034.04 4.29 —-2.28 17.9
5760.35 3.63 -2.32 41.3 6054.10 4.35 -2.16 195
5775.09 4.20 -1.10 74.5 6056.01 4.73 -0.30 77.5
5778.47 2.58 -3.42 51.0 6078.50 4.79 —0.26 84.5
5784.69 3.38 -2.24 515 6079.02 4.65 -0.91 59.8
5793.91 4.22 -1.55 50.0 6089.57 5.02 -0.79 52.4
5806.73 4.61 -0.82 61.6 6093.65 4.61 -1.30 415
5809.22 3.88 -1.59 62.0 6094.38 4.65 -1.50 30.9
5826.64 4.28 -2.83 7.2 6096.67 3.98 -1.71 55.6
ASTRONOMY REPORTS Vol.45 No.9 2001
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Table 2. (Contd.)
A E.P., eV loggf W, mA A E.P, eV loggf W,, mA
1 2 3 4 1 2 3 4
6098.25 4.56 -1.74 29.0 6653.88 4,14 —-2.42 215
6102.18 4.83 -0.07 89.1 6699.14 4.57 -2.07 15.8
6105.13 4.55 -1.94 214 6703.57 2.75 -2.95 64.0
6120.25 0.91 -5.81 314 6704.48 4.20 -2.55 14.6
6148.65 4.30 -2.61 9.8 6710.31 1.48 —-4.77 59.8
6151.62 2.17 -3.18 79.4 6712.44 4.97 -2.04 10.7
6157.73 4.06 -1.11 83.4 6713.76 477 -1.39 33.7
6159.41 4.59 -1.82 235 671541 4.59 -1.48 47.2
6165.37 4.12 -1.37 59.7 6716.24 4.58 -1.74 32.7
6173.34 221 —2.76 101.3 6726.67 459 -0.98 65.6
6187.99 3.94 -1.58 66.2 6732.06 458 —2.06 15.0
6200.32 2.61 -2.30 108.6 6733.16 4.64 -1.38 45,5
6213.44 2.22 —2.46 111 6737.98 4,56 -1.64 415
6219.28 2.20 -2.25 125.8 6739.54 155 —-4.82 47.7
6226.72 3.88 -2.04 50.9 6752.72 4.62 -1.17 59.3
6290.97 4.73 —-0.54 77.1 6783.71 2.58 -3.83 46.3
6297.80 2.22 —-2.58 1104 6786.88 4.17 -1.87 42.9
6307.85 3.64 -3.21 12.6 6793.27 4.12 —-2.34 304
6322.68 2.59 —2.26 113.6 68704.01 4.65 -1.57 42.7
6330.85 473 -1.14 50.1 6806.86 2.73 -3.05 69.7
6385.73 473 -1.78 18.0 6810.27 461 —-0.92 66.9
6392.54 2.28 -3.89 513
6436.41 4.19 -2.35 23.0 Fell
6481.87 2.27 -2.83 99.7 5100.66 2.81 —-4.09 26.4
6495.78 481 -0.93 58.8 5234.63 3.22 -2.19 80.0
6496.46 4.77 —0.50 82.8 5325.56 3.22 -3.27 44.0
6498.95 0.95 —4.55 91.2 5414.07 3.22 -3.53 29.2
6593.87 242 -2.18 116.2 5425.26 3.20 -3.22 43.8
6597.60 4.77 —0.95 52.2 5991.38 3.15 -351 36.2
6608.04 2.28 -3.88 474 6084.10 3.20 -3.76 27.0
6609.12 2.56 —2.56 100.8 6113.33 3.21 -4.09 16.9
6627.56 4.55 -1.46 44.6 6149.24 3.87 -2.67 37.3
6646.98 2.60 -3.86 383 6416.93 3.89 —2.69 41.8
6648.08 1.01 -5.76 42.2 6432.68 2.89 -3.50 47.8
ASTRONOMY REPORTS Vol.45 No.9 2001
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Table 2. (Contd.)

ANTIPOVA, BOYARCHUK

A E.P., eV loggf W, mA A E.P, eV loggf W,, mA
1 2 3 4 1 2 3 4
6456.39 3.90 -2.03 58.7 5760.85 4.09 -0.72 459
5805.22 4.17 -0.51 49.9
Col 5847.01 1.67 -3.39 54.7
5149.79 173 -2.16 335 5996.74 4.23 —0.96 29.2
5287.78 4.05 -0.31 11.8 6007.31 1.67 -3.30 55.5
5325.27 4.02 —0.03 18.3 6025.77 4.23 —1.68 9.2
5342.70 4.00 -0.62 43.0 6053.68 4,23 -1.01 30.7
5352.05 3.56 -0.02 44.2 6086.28 4.26 -0.39 55.8
5359.19 4.15 0.11 16.8 6108.12 1.68 —-2.54 98.4
5368.93 351 -1.18 7.3 6111.06 4.07 -0.75 47.6
5381.76 4.24 -0.13 13.8 9118.06 4.09 -2.08 7.5
5523.34 2.32 -1.58 27.3 6128.99 1.67 -3.30 60.6
5530.78 1.70 -2.04 53.0 6130.17 4.25 —-0.92 30.2
6000.67 3.61 -0.80 9.0 6133.95 4.07 -1.76 13.2
6005.03 1.70 -3.40 8.0 6175.37 4.09 —-0.45 56.4
6093.15 1.70 -2.27 40.4 6176.82 4.09 -0.17 71.2
6117.00 1.78 -2.45 275 6177.25 1.83 -3.47 39.8
6188.98 171 -2.19 41.8 6186.71 4.10 -0.87 44.7
6347.84 4.39 -0.09 11.8 6204.60 4.09 -1.09 36.9
6455.00 3.63 —0.26 325 6223.98 4.10 —-0.93 434
6632.44 2.27 -1.83 347 6316.58 4,15 -1.90 145
6322.17 4.15 -1.16 28.0
Nil 6327.60 1.68 -3.01 80.1
5102.98 1.68 —-2.86 74.6 6424.86 4.17 -1.32 23.2
5115.40 3.83 -0.03 78.6 6598.59 4.22 —0.88 34.6
5155.13 3.90 —0.60 56.6 6635.15 4.40 -0.71 37.0
5155.77 3.90 0.06 74.0 6643.64 1.67 -1.86 135.3
5157.98 3.61 -153 30.6 6767.78 183 -1.95 113.3
5259.48 3.74 -1.80 16.9 6772.36 3.64 —-0.89 67.2
5392.33 4.15 -1.28 23.8
5435.87 1.99 —-2.43 79.6
5682.20 4.10 -0.34 61.6 Yl
5748.35 1.68 -3.15 62.4 5119.12 0.99 -1.35 324
5749.31 3.9 -1.95 10.8 5289.82 1.03 -1.84 12.0
ASTRONOMY REPORTS Vol.45 No.9 2001
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Table 2. (Contd.)

A A EP.,ev loggf W, mA A A E.P., eV loggf W,, mA
1 2 3 4 1 2 3 4
5402.78 184 -0.57 24.6 Pril
5544.61 174 -1.08 14.3 5219.02 0.79 0.11 11.2
6795.41 172 -1.12 16.4 5259.73 0.63 —-0.04 14.2
5322.78 0.48 -0.31 125
Zrll 5352.40 0.48 —0.60 1.7
5350.10 1.82 -0.87 16.6
6114.78 1.66 -1.66 5.8 Ndil
5306.49 0.86 —0.65 7.3
Ball 5356.99 1.26 -0.14 9.2
5853.68 0.60 -0.80 95.0 5385.89 0.74 -0.83 8.7
6141.72 0.70 0.17 147.2 5431.53 112 -0.29 11.0
6496.89 0.60 —0.08 1431 5842.39 1.28 —0.49 6.0
6790.37 0.18 -1.58 8.8
Lall
6774.28 0.13 -1.63 13.3 Eull
6437.70 132 0.05 14.6
Cell 6645.11 1.37 0.20 174
5274.24 1.04 0.34 22.6 Pril
5330.58 0.87 -0.30 10.1 5219.02 0.79 0.11 11.2
6043.39 121 -0.25 7.9

We noted above that n Ser was chosen for our pro-
gram as a red giant with enhanced CN bands (a CN-
strong star), based on the classification of its spectrum
as K2l11abCN1 in the catalog of bright stars[4]. How-
ever, we have not found any features characteristic for
red giants of this subclass in the chemical composition
of its atmosphere. Indeed, we note the following.

(1) According to [10], most CN stars have
enhanced metal abundances, while we found for n Ser
M = -0.18 dex.

(2) CN stars do not display overabundances of s-
process elements [10], while we have found such over-
abundances for n Ser.

(3) Itisnoted in the review [11] that enhanced abun-
dances of nitrogen ([N/Fe] ~ +(0.5-1.0) dex) are char-
acteristic of CN stars, while a smaller value ([N/Fe] =
+0.10 dex) was found in [12] for n Ser. The carbon

ASTRONOMY REPORTS Vol.45 No.9 2001

abundance of n Ser is[C/Fe] =-0.38 dex [12], in good
agreement with our estimate —0.39 dex (Table 3), and
the essentially normal oxygen abundance[12] istypical
of “normal” red giants.

(4) Earlier, based on studies of globular clusters [12],
overabundances of Na and Al were considered charac-
teristic of CN stars. Currently, the presence of over-
abundances of these elements has also been established
for “normal” field giants and supergiants [3, 12, 13],
and arelation between these overabundances and lumi-
nosity has been demonstrated. Thus, this property of
n Ser isnot characteristic of CN stars.

Thus, we concludethat n Serisan ordinary field red
giant, and that its classification asa CN star in [4] was
erroneous. Thisis confirmed by thefact that, in the later
electronic version of the catalog of bright stars[14], the
spectrum of n Ser is classified as KOl V.
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Table 3. Elemental abundances in the atmosphere of n Ser

ANTIPOVA, BOYARCHUK

Element %;Jlrlnnb;r X Xo X
1 2 3 4 5
Cl 1 -3.98 -341 | -057
ol 1 -3.27 -3.02 | -025
Nal 2 -5.84+ 0.00 -569 | -0.15
Mgl 3 -4.52+0.08 -4.48 | -0.04
Al 1 -5.64 -560 | -0.04
Sil 14 -4.61+0.06 -449 | -012
Cal 5 -5.82+0.05 -5.75 | -0.07
Scll 9 —-9.04 £ 0.06 -892 | -012
Til 42 -7.19+0.10 -6.99 | -0.20
VI 23 -814+0.11 -796 | -0.18
VII 2 -8.15+0.19 -7.99 | -0.16
Crl 29 —-6.49+0.10 -6.31 | -0.18
Crll 7 -6.52+0.11 -6.30 | -0.22
Fel 151 -470+0.11 -453 | -017
Fell 12 —-4.69 + 0.07 -449 | -0.20
Col 18 -7.24+0.11 -711 | -013
Nil 40 -5.092+0.11 -575 | -017
Yl 5 —-9.86+ 0.06 -9.70 | -0.16
Zrll 2 -9.38+0.02 -9.45 +0.07
Ball 3 —-9.80+ 0.05 -9.90 +0.10
Lall 1 -10.02 -10.79 | -0.13
Cell 3 | -1065+0.08 | -1047 | -0.18
Pril 3 | -11.38+0.03 | -11.37 | -001
Ndll 6 | —-10.70+0.07 | —-10.63 | -0.07
Eull 2 | -1043+0.01 | -11.49 +0.06

M*) =—0.18 + 0.02

* The metallicity M was taken to be the average of the abundances

of iron-group elements.

Table 4. Red giants with similar atmospheric parameters

Star T, K logg M il Die
n Ser 4933 3.01 -0.18 18
B Gem 4933 3.00 +0.09 2.3
6 Dra 4897 2.86 —0.10 2.8
n Cyg 4906 2.85 +0.15 3.1
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Abstract—Hipparcos trigonometric parallaxes and observational data for open clusters are used to determine
the absolute magnitudes My, of O and B stars of various spectral subtypes and luminosity classes, including
those with broadened lines and hydrogen emission lines. The same data are used to derive a relation between
My and the index [ of the Strémgren photometric system. The resulting calibrations and the spectroscopic-par-
allax method are used to determine the distances to young open clusters. © 2001 MAIK “ Nauka/Inter peri-

odica” .

1. INTRODUCTION

Asthe most luminous stars in our Galaxy, OB stars
are very convenient objects for investigations of the
structure and kinematics of the Milky Way and Magel-
lanic Clouds. The high luminosities of these stars make
it possible to study a large fraction of the total volume
of the Galaxy using large samples of several thousand
stars. The luminosities of these stars are sufficiently
high to enabl e determination of distancesto young stel-
lar groupings—open clusters and OB associations—in
both the Milky Way and other galaxies. Unfortunately,
the luminosity calibrations now available for OB stars
are not very trustworthy, due primarily to the fact that
they have been based on data for starsin open clusters,
and the underlying distance scale for the youngest clus-
ters which contain OB stars has always been the most
poorly determined. In the past, open-cluster distance
scales were based on the distance to a single cluster—
the Hyades, which contains no bright main-sequence
stars. Moreover, the upper Zero-Age Main Sequence
(ZAMS), which determines the distance scale for OB
stars, was constructed by fitting the Hyades main
sequence to the main sequences of younger open clus-
ters. This procedure is inevitably fraught with substan-
tial systematic errors, due to the appreciable width of
the cluster main sequences. See Kholopov’s [1] mono-
graph for a discussion of the problems encountered in
constructing the ZAMSs for young stars.

The situation with open-cluster distances improved
substantially recently following the release of trigono-
metric parallaxes measured by the Hipparcos satellite.
Robishon et al. [2], Loktin and Beshenov [3], and other
researchers used Hipparcos parallaxes to refine the dis-
tance scale of the nearest open clusters. Using Hippar-
cos trigonometric parallaxes, Loktin and Beshenov [3]
found that the distance scale for young open clustersis
in satisfactory agreement with that for intermediate-age
clusters. However, the accuracy of this result remains

fairly low due to the small number of very young clus-
ters in the nearest solar neighborhood (i.e., those
younger than the Pleiades). Problemswith the luminos-
ity calibrations of B stars have been pointed out by Jas-
chek et al. [4]. The current work was undertaken in
response to the need to refine the luminosity calibra-
tionsfor O and B starsand improvethereliability of the
distance scale for the youngest open clusters.

2. ABSOLUTE MAGNITUDES OF CLASS YV, IV,
AND |1l B STARS

Loktin and Beshenov [3] showed that Hipparcos
trigonometric paralaxes enable the determination of
the absolute magnitudes M,, for afairly large number of
distant stars. For example, at a distance of 1000 pc, the
mean error in the absolute magnitude My, inferred from

a trigonometric parallax is 07, and, naturally, the
errors are smaller for more nearby stars. It follows that
10-20 stars are needed to achieve a calibration accu-

racy of 0"'1. Such samples can be drawn from the Hip-

parcos catal og for many spectral subtypes and luminos-
ity classes of O and B stars.

We based our calibration sample on a continually
updated catal og containing the kinematical characteris-
tics of O and B stars. We first selected from this list all
stars having Hipparcos pardlaxes (atotal of 873 objects).
Since this list contains no B6-B8 sars (except super-
giants), we added 367 such stars drawn from the Bright
Star Catalogue [5] for which Hipparcos parallaxes are
available. The combined 1240-object sample contains
very few O stars and supergiants, and we accordingly
further expanded our calibration database by adding a
number of open-cluster stars (see below). However, we
first determined the calibration for stars of luminosity
classesV, 1V, and 111 based exclusively on the Hippar-
cos data. We excluded from our initial sample al stars

1063-7729/01/4509-0711$21.00 © 2001 MAIK “Nauka/ Interperiodica’
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Table 1. Mean absolute magnitudes of classV, 1V, and 111 B stars derived from Hipparcos parallaxes

Sp Luminosity classV Luminosity class IV Luminosity classlI|
BO —-342+0.25(11) —-3.49+0.34 (6) —4.00+ 0.43 (5)
BO.5 -3.16 £ 0.39 (11) -3.89+0.29 (6) -3.58+0.34 (12)
B1 —2.83+£0.14 (37) -3.94+0.33(4) -3.79+£0.47 (7)
B15 —2.21+0.20 (128) —2.99+0.18 (6) -3.60+0.27 (5)
B2 —2.11+0.08 (115) —2.60 + 0.11 (51) —2.77+£0.23 (21)
B3 —1.56 + 0.06 (128) —1.95+ 0.11 (52) —2.33+£0.15(35)
B4 -1.44 +0.17 (21) -1.16+0.12 (9) —2.09 + 0.62 (6)
B5 —1.20 + 0.08 (65) -1.32+0.18 (16) —1.46 + 0.17 (29)
B6 —0.86 £ 0.13 (31) —1.06 + 0.21 (18) —1.40+0.18 (13)
B7 —0.58 £ 0.12 (25) —-0.43+0.15(13) -1.12+0.18(21)
B8 —0.12+ 0.08 (82) -0.29+0.23(12) —0.95+ 0.13 (44)

with nonstandard spectra; i.e., those with “n” or “¢€”
indices in their spectral types. We analyzed such stars
separately. Thisleft uswith atotal of 935 normal stars,
whose absolute magnitudes we derived from their Hip-
parcos trigonometric parallaxes.

We took into account interstellar extinction as fol-
lows. We determined the color excesses of the sample
stars in two ways: (1) using the intrinsic color indices
and (2) using the so-caled Q method, taking into
account the stars' luminosity classes in both cases. We
included in our sample only stars with published [umi-
nosity-class estimates, since color index depends
strongly on luminosity class within the given spectra
subtypes. We adopted the intrinsic (B-V), color indices
and Qgy indices from the corresponding tables in the
monograph of Straizys [6]. Stars for which the two
methods yielded discrepant color indices (i.e., differing

by more than 07'1) were excluded from the sample due
to the possihility of large photometric errors or variabil-
ity. We adopted a total-to-sel ective extinction ratio of
R=A,/E(B-V) =3.3for al stars as the mean value for
the spectral-type range considered [6]. We did not allow
for the dependence of R on Galactic coordinates, since
substantial deviations of R from its mean value occur
only in limited areas of the sky, where no heliocentric
distance dependences of this parameter have been
investigated.

We then averaged the resulting absolute magnitudes
over each spectral subtype/luminosity class combina
tion with weights inversely proportional to the frac-
tional errors of the trigonometric parallaxes. We
excluded all absolute-magnitude estimates that devi-
ated by more than 20 from the mean, in order to mini-
mize distortion of the distributions due to errorsin the
assigned spectral subtypes and, more importantly, in
the assigned luminosity classes. The resulting absolute
magnitudes are summarized in Table 1, whose columns
give the mean M,, values derived from the Hipparcos
trigonometric parallaxes for the corresponding spectral

subtype/luminosity class combination, followed by the
standard errors of these quantities. The number of stars
used to determined each particular mean My isgivenin
parentheses.

Table 1 shows that the Hipparcos data are sufficient

to achieve an accuracy of 071 for certain spectral sub-
type/luminosity class combinations, whereas additional
data are required for most others, aswell asfor O stars
and supergiants.

3. LUMINOSITY CALIBRATION FOR O
AND B STARS OF ALL SPECTRAL SUBTYPES
AND LUMINOSITY CLASSES

To extend the calibration toward the domain of
supergiants and O stars and refine it for some other
types of stars, we decided to use data for open-cluster
stars. To this end, we used the Lausanne database cre-
ated under the supervision of J.-C. Mermilliod to select
clusters for which spectral types were determined both
for starsin the intervals listed in Table 1 and for stars
lying outside theseintervals. We used theformer datato
determine the distances to the open clusters using the
spectroscopic-parallax method (to ensure consistency
with the distance scale based on the Hipparcos paral-
laxes), and the latter data to extend the calibration
toward other spectral subtypes and luminosity classes.
To extend the calibration, we selected atotal of 49 clus-
ters, each containing at least four stars whose absolute
magnitudes could be determined based on the data in
Table 1. We determined the distances to these clusters
using the spectroscopic-parallax method.

Figure 1 compares the resulting distance moduli to
those given in the latest version of the Homogeneous
Catalog of Open Cluster Parameters[9], wherewe have
corrected the distance moduli from [9] by adding a

-0"15 offset, which we inferred from trigonometric
parallax datain[3]. It isevident from the figure that the
distance scale based on Table 1 coincides with the

ASTRONOMY REPORTS Vol. 45 No.9 2001
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corrected distance scale of [9]. Therefore, weconclude  (V-My),,
that we can use the open cluster starsto expand thecal- 13~
ibration. Table 2 summarizes the results of the calibra-
tion including the additional open-cluster stars. 12k
Note that we have added cluster stars only for those
entries of the table where we considered the previous 11
calibration to be insufficiently accurate. A comparison
of the values presented in Tables 2 and 1 clearly shows ||
that our use of the cluster stars enabled a substantial
improvement of the accuracy of the calibration in terms
of the random errors for many spectral subtype/lumi- o
nosity class combinations without introducing appre-
ciable systematic errors. 8
7 -
4. CALIBRATION
OF THE STROMGREN 3 INDICES 6l
Another way to estimate the absol ute magnitudes of
O and B starsisto usethe luminosity dependence of the ! ! ! ! ! ! ! !
B index of the Stromgren photometric system [6]. 3 6 7 & 9 10 1 12 13
Determining the absolute magnitudes based on the Vo=My)phor

B indices has an important advantage over the use of the
spectroscopic-parallax method, since B is a continuous
function of absolute magnitude, whereas the spectro-
scopic parallax is a discrete measure. To calibrate the
My/(B) dependence for B stars, we used stars with non-
peculiar spectral types and Hipparcos trigonometric
parallaxes. Our sample containsatotal of 791 starswith
[ indices adopted from [7]. These stars have absolute
magnitudes M,, (derived from Hipparcos trigonometric

parallaxes) ranging from—874 to+1"1 and B indicesin
the range from 2.42 to 2.88. Since our sample contains

Table 2. Mean absolute magnitudes of O and B stars

Fig. 1. Comparison of open-cluster distance moduli deter-
mined using spectroscopic-paralax and photometric methods.

stars spanning a wide range of interstellar extinctions,
we tried to investigate the possible dependence of the
calibration on the interstellar extinction by including
the corresponding termsin our regression models.

When deriving aformularelating My, to 3, we com-

puted the coefficients for three |east-squares regression
models. We analyzed three models rather than one to

Sp |Luminosity class V|Luminosity classIV|Luminosity class |1l |Luminosity class I|Luminosity class|b Ll::rlnalsrgols":lty

06 |-5.38%0.16(6) - -5.67+£0.14 (5 - - -

O7 |-4.80+0.13(14) - -5.20+£0.52 (5) - - -

08 |-4.66+0.18(21) - —-4.67+£0.37(7) - -

09 |-4.18+0.25(20) - —4.66 + 0.30 (10) - - -

09.5 [-3.81+0.14 (21) - -4.34+0.31(12) |-4.65+0.27(6) |—-452+0.55(4) |-6.69+0.95(3)
BO |-355%+0.15(32) [-359+0.21(13) |-4.12+0.25(9) |-4.28+0.21(23) |-5.15+0.24(16) |-6.11+0.52(3)
BO.5 |-3.27+£0.16 (38) |-3.98+0.23 (10) |—3.67 +0.23(20) - - -

Bl |-2.84+0.10(69) |-3.52+0.29 (10) |—3.89+0.20(17) |—4.28+0.16 (21) |—-4.61+ 0.18(25) |-6.51+ 0.18 (4)
B15 |-224+0.11(54) |-3.00£0.14(9) |-3.57+0.22(7) - - -

B2 |-2.11+0.08(115)|-2.61+ 0.09 (66) |—2.79+0.20(27) |-3.50+0.17 (24) |-4.70£0.29 (10) |-6.77 +0.45 (4)
B3 |-1.56+0.06(128)|-1.95+0.11(52) |—-2.34+0.15(36) |—2.79+0.45(11) |-5.16+0.45(4) |-6.66+ 0.15 (7)
B4 |-1.38+0.13(34) |-1.15+0.10(15) |-2.01+0.57 (7) - - -

B5 |-1.20+0.08(65) |-1.33+0.18(17) |-1.46+0.17 (31) |—2.60+0.84(8) |-4.80+0.42(6) |-6.54+0.63(4)
B6 |-0.86+0.13(31) |-1.06+ 0.20 (20) |-1.43+0.16 (17) |-1.39+0.59 (4) - -

B7 |-0.58+0.12(25) |-0.45+0.13 ()15 |-1.12+0.18(21) |-2.16 + 0.51 (6) - -

B8 |-0.12+0.08(82) |-0.31+0.19(16) |—0.95+0.12(50) |-1.22+0.41(5) |-3.87+0.27(4) |-6.34+0.31(3)

ASTRONOMY REPORTS Vol.45 No.9 2001



Fig. 2. Comparison of three regression modelsfor the My, — 8
relation.

minimize errors due to possible inadequate model
selection. We obtained the following formulas based on
all the sample stars.

Moded I:
M, = —28.18—0.42A,

+61.33(B—2) —32.37(B - 2)°, (1)
o =070
with standard errors of the coefficientsequal 1.19, 0.05,

3.44, and 2.47, respectively;
Model 11:

+57.60e P72 _90,00e2*~?, (2)
o = 0.70

with standard errors of the coefficients equal 2.50, 0.05,
9.96, and 9.90, respectively;
Model 111:

My = 9.02—0.43A,

—6.46(B—2)"-045(B-2)7, A3)
o = 0.70

with standard errors of the coefficientsequal 1.12, 0.05,
1.52, and 0.51, respectively.

Aswe can seg, al three modelsyield virtually iden-
tical standard errors o for the residuals, so that none of
them can be discarded. However, when deriving the
coefficients of the regression equations, we ignored one
fact that could prove to be very important. Least-
squares estimates are unbiased only if al the errors are
concentrated on the left-hand sides of the equations.
However, in our case, we have, on the one hand, signif-

LOKTIN, BESHENOV

icant errorsin the absol ute magnitudes M,, derived from
the trigonometric parallaxes, and, on the other hand,
errors of about 0.015 in the published 3 indices. More-
over, the sample could contain stars with undetected
hydrogen emission features, which decrease the mea-
sured 3 indices. It isknown (seg, e.g., [8]) that the esti-
mates of regression-model parameters can be biased in
this case, with the actua biases depending on the
parameters of the distributions of the errorsin the fac-
tors and the left-hand sides of the equations. Unfortu-
nately, estimating the corresponding corrections for
multifactor modelsis hindered by the fact that the cor-
responding methods have not been fully developed.
Numerical simulations are also difficult to perform, due
to difficulties in modeling errors in absolute magni-
tudes (M,) derived from trigonometric parallaxes with
unequal accuracies and the impossibility of determin-
ing the parameters of the error distributions for A, and
B for a particular sample. Therefore, we artificialy
decreased the scatter in the residuals by gradually
excluding stars with the highest residuals. In all three
models, we excluded stars with residuals exceeding

270, which, in our case, correspondsto approximately 30.
Thisyielded the following relations.
Modd I:

M, = —29.64—0.32A,

+65.34(B — 2) — 35.08(B - 2)°, “4)
o = 063

with standard errors of the coefficientsequal 1.11, 0.05,
3.19, and 2.29, respectively;
Model 1I:

M, = —9.79—-0.30A,

+67.36e P72 _100.44e72*-2, &)
o = 0.63

with standard errors of the coefficients equal 2.32, 0.05,
9.27, and 9.23, respectively;

Model 111;
M, = 6.88—-0.30A,

—339(B-2)"-154(B-2)7, (6)
o =064

with standard errors of the coefficientsequal 1.10, 0.05,
1.49, and 0.50, respectively. Again, al three models
yield virtually identical dispersions in the residuals.
Note that, although the coefficient of A, has decreased,
it remains statistically significant and has the same
valuein al three models. The plots of the dependences
determined by these models in Fig. 2 show that the
models are in good agreement throughout the range of
[ indices of interest to us. Recall that we derived these
relations using Hipparcos trigonometric parallaxes as
the only source of the absolute magnitudes.
ASTRONOMY REPORTS  Vol. 45
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To refine the calibration for luminous stars, we used
O stars and supergiants in open clusters. We added a
total of 103 starsto our sample. A procedure similar to
that described above yielded the following relations.

Moded I:
M, = —35.51-0.54A,

+82.01(B—2) —46.78(B - 2)°, (7
o =061

with standard errors of the coefficients equa to 1.07,
0.03, 3.08, and 2.22, respectively;

Model II:

+120.79 P2 _ 15438622, (®)
o = 061

with standard errors of the coefficients equal to 2.27,
0.03, 9.02, and 8.97, respectively;

Model I11:
My = 0.56—0.51A,

+549(B-2)"-463(B-2)7, o = 061

with standard errors of the coefficients equal to 1.06,
0.03, 1.43, and 0.48, respectively.

Notethat, in this case, we excluded from our sample

stars with residuals exceeding 178, leading to the
smaller dispersions in the residuals compared to the
previous case. Theresulting dispersionsin theresiduals
show that, in spite of thewider 3 interval considered, all
the models remain adequate. It is interesting that the
coefficient of A, increased, suggesting an appreciable
correlation between M,, and A, and, consequently,
between A, and 3 for the stars in our sample. Indeed,
the corresponding coefficient of the correlation matrix
is equal to —0.51. This correlation for our sample of
stars could reflect the fact that, on average, more lumi-
nous stars are located at greater heliocentric distances
and have greater reddenings than less luminous stars.
Therefore, the above results should not be interpreted
asimplying astrong dependence of 3 on theinterstellar
extinction. The solution for model 111 obtained for the
expanded sample including cluster stars and without
the A, term has the form

My = —3.55+11.53(B—2) " —6.87(B—2)
o = 0.63.

The increase of the dispersion prevents us from unam-
biguously deciding whether the A, term should be
included in the model: the dispersion in the residuals
of (10) does not significantly exceed the corresponding
dispersion for (9). It iswell known that adding an arbi-
trary factor to aregression model decreases the disper-
sion in the residuals. This leads us to conclude that the

)

" (10)
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Fig. 3. My, — B relation determined from the loci of maxima
(modes) of the 3 frequency distributions (see text).

index B is independent of interstellar extinction for

small interstellar extinctions (A, < 270 m).

Further, we used a somewhat modified technique to
determinethe M,, — 3 rel ation. We separated our sample
into 3 binswith widths of 0.01, and constructed the fre-
guency distribution of the absolute magnitudesfor each
bin. We then determined the modes of these distribu-
tions. Figure 3 shows the resulting dependence (dots)
plotted along with the least-squares fit

My = —7.19+ 16.54(B—2) " —858(B—2) 7,
o = 0.24.

Of the three regression relations considered here, we
adopted the power-law model, since it yielded a some-
what lower dispersion in theresiduals and better fitsthe
data points corresponding to the most luminous starsin
Fig. 3. The solution based on the modes of the distribu-
tions for the 3 bins is better than all the previous solu-
tions, due to the reduced effect of outliers, especially of
stars with undetected hydrogen emission.

We introduced no separate term to allow for the pos-
sible dependence of My, on color index within a given
subtype, since any temperature index should be
strongly correlated with 3 and My

Our preferred relation for the determination of abso-
lute magnitudesis (11), which is least affected by sys-
tematic errors and possible biases due to stars with
undetected emission lines. However, due to the small
number of starsin the extreme 3 bins, Eq. (10) is pref-
erable at the edges of the overall 3 range.

(11)

5. LUMINOSITY CALIBRATION FOR STARS
WITH “n” AND “€’ INDICES

Among the B stars there are objects whose spectral
lines are broadened, probably due to rapid rotation.
These objects, whose spectral types include the index
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Table 3. Mean absolute magnitudes of Bn stars

Sp My N (B-V)o (B-V)o(Str)
BO | -4.04+£0.25 3 | —-0.24+0.02 -0.30
Bl -347+024 | 13 | -0.24+0.01 -0.27
B2 -257+020 | 17 | -0.24+0.01 -0.25
B3 | -151+£025 | 13 | -0.16+£0.01 -0.21
B4 | -196+0.26 4 - -

B5 | -129+017 | 14 | -0.12+0.02 -0.17
B6 | -0.69+0.19 8 | -0.14+0.01 -0.14
B7 -0.08+0.25 6 | —0.12+0.01 -0.13
B8 | -019+0.10 | 25 | -0.10+0.01 -0.10

“n,” are primarily of luminosity class V. This index is
rarely found in stars of other [uminosity classes, and the
number of such objectsis clearly insufficient to deter-
mine their mean absolute magnitudes. The processes
broadening the spectral lines could also result in the
luminosities of these stars differing from those of nor-
mal stars.

We used both Hipparcos catalog objects and cluster
stars to determine the mean absolute magnitudes of On
and Bn stars. Thefirst three columns of Table 3 summa-
rize the resulting mean M, values. These columns
present (1) the spectral subtype (only for stars of lumi-
nosity class V, since there are very few such stars in
other luminosity classes), (2) the estimated mean abso-
lute magnitude and its standard error, and (3) the num-
ber of stars used. The intrinsic color indices of such
stars, required to estimate the interstellar extinctions,
can be determined only from the cluster stars. The cor-
responding clusters should exhibit no differential

E(B_V)sp
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1.3F
L1F .
0.9 .
0.7
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.

-0.1 0.1

| | | |
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1 ]
I 13 15
E(B=V)phot

Fig. 4. Comparison of the mean color excesses of 106 young
open clusters determined using spectroscopic and photo-
metric methods.
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extinction, so that the mean (B-V), color excess aver-
aged over the cluster can be used to correct for interstel-
lar extinction. The mean (B-V), indices and their stan-
dard errors are summarized in the fourth column of
Table 3 and, for comparison, the fifth column gives the
intrinsic col ors adopted from the corresponding tabl e of
Straizys[6] for normal B stars. It isevident that the dif-
ferences between the color indices of On and Bn stars
and those of normal stars are barely discernible for late
B subtypes, and gradually increase toward earlier sub-

types.

A comparison of the data in Table 3 with the abso-
lute magnitudes of normal B stars shows that Bn stars
are somewhat brighter than normal stars.

We now turn to the determination of absolute mag-
nitudes of starswith hydrogen line emission. Emission-
line stars are marked by the index “€" in their spectral
types. Note that spectroscopic parallaxes provide the
only means for estimating the absolute magnitudes of
these stars. The reason is that the index 3 cannot be
applied inthiscase, sinceit isappreciably decreased by
emission features. Unfortunately, there are few emis-
sion-line starsin clusters with weak differential extinc-
tion, and we could estimate the intrinsic color indices
only for afew B subtypes. The mean color indices for
B1Ve stars are (B-V), = —0.19 + 0.02 (10 stars); for
B2Ve stars, (B-V), =-0.19 + 0.02 (11 stars); for B3Ve
stars, (B-V), =-0.19 £ 0.01 (3 stars); and for B6Ve
stars, (B-V), =-0.11 £ 0.06 (3 stars). B emission-line

stars are, on average, 0703 redder than normal stars of
the same spectral subtypes, and we accordingly applied
this correction to estimate the color excesses of such
stars. The resulting mean absol ute magnitudes are sum-
marized in Table 4, whose layout is similar to that of

(VO_MV)sp
141

13

T
L[]

12

11

o 0o 4% i
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6 7 8 9 10 11 12 13 14
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Fig. 5. Comparison of distance-modulus estimates for
106 young open clusters based on photometric and spectro-
scopic-parallax methods.
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Table 4. Mean absolute magnitudes of Be stars

Sp Luminosity Luminosity Luminosity
classV classIV classlll

BO - -4.04+£0.11(5) -

Bl [-2.97 £0.23 (14) - -

B2 |-2.56 £ 0.17 (29) |—3.21 £ 0.27 (5) |-2.81 £ 0.77 (4)
B3 |-2.69+0.27 (12) |-3.33+ 0.64 (4) -

B5 |-1.64+0.26 (10) - -

B6 | —0.76 £ 0.15(31) |—2.37 £ 0.39 (4) -

B7 |-1.56+0.31(25) |-0.85+ 0.39 (4) -

B8 |-0.69 £ 0.15 (10) - -

Tables 1 and 2. Despite the small number of emission-
line starsin our sample, the data of Table 4 indicate that
emission-line stars are more luminous than normal
stars, and that their absolute magnitudes are, on aver-

age, 075 lower than those of normal stars.

6. DISTANCES
TO THE YOUNGEST OPEN CLUSTERS

Having derived the calibrations for normal, rapidly
rotating, and emission-line O and B stars, we deter-
mined the distances to the maximum possible number
of open clusters using the spectroscopic-parallax
method. We included all open clusters with at least
three stars for which the Lausanne database gives two-
dimensional spectral classifications, so that their abso-
lute magnitudes can be determined using Tables 2—4.
We found atotal of 106 such clusters. Figures 4 and 5
compare our mean color excesses and distance moduli,
respectively, with those of [9]. Naturally, the accuracies
of the distance moduli differ from cluster to cluster, and
some data points in Fig. 3 lie far from the 45° line.
However, on average, the two sets of estimates are in
satisfactory agreement.

Weincluded the resulting col or-excess and distance-
modulus estimates in the Homogeneous Catalog [9] in
order to improve the mean accuracy of the distance
determinations for the youngest open clusters. The lat-
est version of the catalog (Version 2.1), including the
results of this paper, can be obtained from the authors
at the e-mail address Alexander.Loktin@usu.ru.

7. CONCLUSIONS

The calibrations of the spectroscopic parallaxes and
B3 indices reported in this paper are based on extensive
samples, are highly trustworthy, and were derived from
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direct trigonometric parallax measurements. The cali-
brations for Bn and Be stars will enable the use of a
large number of stars that were previously neglected or
had incorrect absolute magnitudes in investigations of
Galactic structure and kinematics.

The good agreement, on average, between the open-
cluster distances derived using the spectroscopic paral-
laxes and the photometric method support the conclu-
sion of Pinsonneault et al. [11] that the latter method is
highly trustworthy. Doubts about the reliability of the
photometric method raised after thefirst determinations
of distancesto nearby open clusters based on Hipparcos
trigonometric parallaxes (see, eg., [10]) should be
readdressed to the Hipparcos paralax system, which
apparently is not free of systematic errorsin some areas
of sky, in particular, in theregion of the Pleiades cluster.
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Abstract—We analyze the X-ray emission and chromospheric activity of late-type F, G, and K stars studied in
the framework of the HK project. More powerful coronas are possessed by stars displaying irregular variations
of their chromospheric emission, while stars with cyclic activity are characterized by comparatively modest
X-ray luminosities and ratios of the X-ray to bolometric luminosity Ly/Ly,;. This indicates that the nature of
processes associated with magnetic-field amplification in the convective envel ope changes appreciably in the
transition from small to large dynamo numbers, directly affecting the character of the (a — Q) dynamo. Dueto
the strong dependence of both the dynamo number and the Rossby humber on the speed of axial rotation, earlier
correlations found between various activity parameters and the Rossby number are consistent with our conclu-
sions. Our analysis makes it possible to draw the first firm conclusions about the place of solar activity among
analogous processes developing in active late-type stars. © 2001 MAIK “ Nauka/Interperiodica” .

1. INTRODUCTION

The first systematic investigations of solar-type
activity in other stars were begun in the middle of the
1960s by Wilson at Mt. Wilson Observatory, and have
continued since that time in the framework of the so-
caled “HK project” [1, 2]. Observationa studies of
chromospheric activity include determinations of the
ratio of the central fluxes of the Call H and K lines
(3968 A and 3934 A, respectively) to the flux in the
nearby continuum (4001 A and 3901 A)—the quantity
S, 11 (the mean ratio for the two lines). This approach
has provided auniform description of levels of chromo-
spheric activity and made it possible to monitor such
activity over several decades.

Several dozen fairly bright stars with spectral types
from F2 to M2, in which it was believed solar-type
magnetic activity could devel op, were chosen for study.
Beginning in 1977, the number of program stars grew
to 111, and this database became fundamental for
investigations of chromaospheric variability on time
scales from decades down to the rotational periods of
the stars.

The quantity &, iy (further S) proved to be a good
indicator of chromospheric activity [3]. Objects with
both large and small values of Sare encountered among
stars with similar spectral types. Baliunas et al. [3]
attributed these differences in the level of chromo-
spheric activity primarily to differencesin age, at least
inthe case of single stars. The mean (for the given inter-
val of effective temperatures) value of S varies some-
what with spectral type.

It has now become clear that the processes giving
rise to the complex of activity phenomena manifest in
the interiors—convective zones—of stars encompass
virtually the entire atmosphere from the photosphere to
the corona. The first results on variations of the optical
continuum of starsin the HK project over roughly the
last ten years are presented in [4]; results for some
BY Dra stars (spotted red dwarfs) are presented in
[5, 6]. In general, these data testify that the photo-
spheric activity of these stars resemblesthat of the Sun,
but, in some cases, the relative areas occupied by star
spots are two to three orders of magnitude larger than
on the Sun at the solar-cycle maximum. Data that can
be used to compare the properties of activity in differ-
ent levels of the outer atmospheres of specific stars and
the Sun are aready available.

Long-term, uniform data sets on the coronal fluxes
of specific late-type stars are not yet available, except
for the Sun. However, measurements of the soft X-ray
emission of more than 1000 active late-type stars have
been made. These are primarily data obtained for nearby,
bright stars by the ROSAT satdllite at 0.1-2.4 keV [7, 8].
The ROSAT data confirmed and expanded the general
results obtained by the Einstein observatory concerning
the dependence of the X-ray luminosity on the speed of
axial rotation, at least for main-sequence stars; the sat-
uration of the X-ray luminosity relative to the bolomet-
ric luminosity Ly/L,, for red dwarfs (discovered by
Vilhu and Walter [9]); and the presence of high-temper-
ature patches in the coronas of some late-type stars [10].
Important information has been obtained for active late-
type starsin RS CVn binary systems, enabling in a num-
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ber of cases a better understanding of the regularities
observed for active processes on single late-type stars.

An analysis of the X-ray emission of stellar coronas
based on Einstein data was presented by Katsova et al.
[11], who determined the densities at the bases of the
uniform coronas of dwarfs of various spectral types.
The coronas with the highest densities are possessed by
the most active red dwarfs, with spectral types K5-M3;
their coronal densities are an order of magnitude higher
than the corresponding solar value.

The X-ray emission of HK-project stars detected by
ROSAT was considered by Hempelmann et al. [12],
who compared the X-ray emission of late-type stars
with constant levels of Call line emission and with reg-
ular and irregular (chaotic) long-term variations of this
emission. They found that the distribution of X-ray
fluxes associated with the stellar coronasis appreciably
different for stars with variable Ca Il line fluxes. on
average, stars with irregular chromospheric activity
have higher X-ray fluxes. Hempelmann et al. [12]
attempted to relate this result to a dependence of coro-
nal activity on the Rossby number, and to the possible
existence of a Maunder minimum at the current epoch
for some quiescent late-type stars.

Uniform X-ray catalogs of the nearest bright stars
are now available [7, 8], as well as the results of new
analyses of long-term chromospheric and photospheric
activity. Therefore, it isvaluableto investigate the coro-
nal activity of HK-project stars with different types of
cycles and compare the results with the main expecta-
tions of dynamo theory. This can provide information
about the effectiveness of the dynamo mechanism on
F—K stars with differing levels of activity.

2. CHROMOSPHERIC ACTIVITY
AND POSITION OF A STAR
ON THE HERTZSPRUNG-RUSSELL DIAGRAM

In most stars with variable Call line emission, the
calcium-line flux shows modulations with the period of
rotation of the star. Thisrotational modulation virtually
disappears for stars of similar spectral types with the
smallest and largest values of S, due to either alack of
active regions on these stars or, on the contrary, the
presence of avery large number of active regions more
or less uniformly distributed over the surface (if the
stellar rotational axis is perpendicular to the line of
sight, thisimplies a uniform distribution in longitude).

Observations carried out over the past 35 years have
enabled the detection of long-term variations of this
activity index for selected variable stars. Roughly one-
third of the studied stars show no periodicities in these
variations (this type of chromospheric variability is
designated after [3] as“Var”). Long-term periodicity in
variations of Swere directly detected in 50 of the 111
HK-project stars. Applying spectral analyses to the
long-term data on chromaspheric activity made it pos-
sible to determine for each star the degree to which

ASTRONOMY REPORTS  Vol. 45

No. 9 2001

719

cycles analogous to the solar cycle were present and
well defined. The periods for the cycles were from sev-
eral yearsto decades.

Using formal statistical criteria, Baliunas et al. [3]
categorized stars into four groups according to the
degree to which their chromospheric-activity cycles
were well defined: “Excellent” “Good,” “Fair,” and
“Poor.” Thisdivision was carried out based on the prob-
ability that the periodicity for starsin agiven group was
not associated with Gaussian noise. A quantitative index
for thisdivision isthe false alarm probability (FAP), or
the probability that the observed behavior is the result
of Gaussian noise; for “Excellent” cycles FAP < 107,
for “Good” cycles 10 < FAP < 107, for “Fair” cycles
10° < FAP< 107, and for “Poor” cycles 102 < FAP <
107!, A standard statistical treatment indicates that the
critical value of the FAP for which the null hypothesis
of the presence of cyclicity can be rejected is about
0.05. Formally, this means that one out of 20 cases that
arein fact due to Gaussian noise will be taken to repre-
sent cyclic behavior. However, between these extreme
cases of pure Gaussian hoise and strictly periodic vari-
ations, there are many different possible types of vari-
ability that formally contain some periodic compo-
nents, which can be revealed by Fourier anaysis. In
some cases, it is also important to accurately exclude
harmonics. Therefore, a trustworthy identification of
cycles requires the application of not one but severa
methods and criteria. Recent progress in finding solu-
tions to this problem has come about with the devel op-
ment of wavelet analysis, which enables the analysis of
non-uniform time series. In summary, the FAP can
serve as a certain relative measure of the extent to
which cyclic variations are well defined. The broad
range for the Good group (10~ < FAP < 107°) essen-
tially means that there is aready a watershed here
dividing cycles that can be distinguished with certainty
from cases with more complex activity on time scales
of several years.

In their analysis, Baliunas et al. [3] note that cycles
aremore easily distinguished for K starsand for G stars
with small Svalues, while the chromospheric activity
of some F starsis higher, but more chaotic (cyclicity is
virtually absent). This result can be represented pictori-
aly by plotting the HK-project objects with chromo-
spheric activity on a Hertzsprung—Russell diagram. We
determined the stars' bolometric luminosities using the
fundamental parameters given in [13, 14] (see Tables 1
and 2). Figure 1 illustratesthe behavior of the starswith
chromospheric activity by plotting their bolometric

luminosities (in solar units) logL,,, /L asafunction of

their effective temperatures logT . Here, we have

drawn the conventional zero-age main sequence and
two evolutionary tracks demonstrating the arrival to
and departure from the main sequence of solar-mass
stars[15].
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Fig. 1. Position in the Hertzsprung—Russel diagram of late-
type stars with chromospheric activity included in the HK
project. The various symbols correspond to different mani-
festations of chromospheric activity, from chaotic irregular
variations (crosses) to cyclic activity (filled squares). The
solid curve shows the main sequence; the dashed curve
shows the track for the arrival to the main sequence of a
solar-mass star from the evolutionary status of T Tauri (T)
through the post-T Tauri stage (P). The dotted curve shows
the departure of a star of the same mass from the main
sequence. The position of the Sun is marked with a solar
sign. A number of stars with the same spectra type are
superposed, so that the number of stars in the diagram is
fewer than the number in Tables 1 and 2.

We can seethat these stars are located fairly closeto
the main sequence. Thisreflects the fact that the young-
est stars, with spectral types later than FO, and evolved
objects were not considered either in the HK project or
in the current paper. However, there is some scatter in
the ages of the stars studied, which may affect their
activity levelsto some extent. Our independent analysis
and the analysis of [3] show that the cyclicity of long-
term chromospheric variations begins to be manifest in
stars of spectral type GO, and is clearly defined in spot-
ted K gars, while this activity is irregular in F gars.
Recent data on chromospheric activity and new observa
tions of long-term variations in the optical continuum of
the HK-project stars enable us to refine this conclusion.

Beginning with [16], the idea has been developed
that all these late-type stars can be divided into two
groups according to their activity levels. This division
becomes more obvious when considering the calcium
emission fluxes. In other words, in place of theindex S
the flux of a star in both calcium emission lines normal-
ized to the bolometric luminosity, logRy« [17], was
introduced as a measure of activity, and began to be used
in subsequent studies. In relations plotting logR, as
functions of spectrd type or other stellar parameters, two
groups can clearly be distinguished, with stars with well
defined cycles being less active. This tendency has been
traced in several studies, in particular in [4], which pre-
sents the results of ten years of optical-continuum obser-
vations of a number of HK-project gtars. It has aso
become possible to compare long-term activity at the
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chromospheric and photospheric levels, which increases
our ability to determine the extent to which variations
display well defined cyclicity.

Notethat the differencein the activity levelsof these
two groups of stars depends on their speeds of axial
rotation, which also indirectly reflects the influence on
rotation of several factors, first and foremost age. All
these considerations lead us to believe that cycles can
be di stinguished with ahigh degree of certainty only for
starsin the Excellent group. We have aready noted that
stars in the Good group have FAPs that cover a very
wide range (four orders of magnitude). This means that
this group includes both stars with well defined cycles
(with periods, however, that have not been strictly
maintained over the forty years of observations) and
stars with irregular variations of their chromospheric
and photospheric emission. Notethat Baliunaset al. [3]
ascribe only 13 stars, including the Sun, to the “Excel-
lent” group; well defined cycles are observed in only a
few of the 8 stars in the Good group.

3. X-RAY EMISSION AND CYCLIC ACTIVITY
OF LATE-TYPE STARS

To analyze the coronal emission of late-type stars, we
used ROSAT observations of more than 1500 nearby,
bright main-sequence stars and subgiants, contained in
thetwo X-ray catalogs of Hiinsch et al. [7, 8]. Both cat-
alogs present measurements in the 0.1-2.4 keV range
carried out either as part of the ROSAT all-sky survey
or during directed observations. We were able to find
X-ray flux measurements for 78 of the HK-project
stars. We used the data for these objects from [7, 8]
reduced to a unified system. In several cases when the
total X-ray flux from a binary system was registered
(HD 131156AB, HD 165341AB, HD 201091, and
HD 201092, HD 219834AB), we ascribed this flux
equally to both componentsif their speeds of axial rota-
tion were essentialy the same. In two such cases, we
divided the total flux of the binary in proportion to the
rotational speeds of the two stars. Note aso that the
X-ray luminosity of HD 81809 may be overestimated,
since thisis a spectroscopic binary.

The X-ray luminosities Ly for the HK-project stars
(when observed) are presented in Table 1 (for starswith
more or less regular chromospheric activity) and Table 2
(for starswith chaotic variability). Thesetablesalso list
a number of other physical characteristics of these
stars: their color indices, spectra, periods of axial rota-
tion P, [18], bolometric luminosities L,,;, €tc. For the
Sun, we present the X-ray luminosity in the ROSAT band
for epochs of high activity (Ly =5 x 10% erg/s) [19].

Figure 2a presents the X-ray luminosities of the
HK-project stars and the Sun together with characteris-
tics of their chromospheric activity asfunctions of their
rotational periods. The main tendency for more rapidly
rotating late-type starsto possess higher X-ray fluxes—
first discovered in Einstein data [20]—can clearly be
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Table 1. Stars with regular chromospheric activity
HD Gliese Star BV | Spectrum ['grgg&gi Prow day | Py, year [lgr%&éi DIDg
“Excellent”
Sun 066 |G2V 26.70 25 10.0 33.58 1.00

4628 0.88 |K4(K2V) 27.59 39 8.4 33.33 041
10476 68 107 Psc 084 |KIV 35 9.6 33.37 051
16160 098 |K3V 27.26 48 13.2 33.22 0.27
26965 0% Eri A 082 |KIV 27.61 43 10.1 33.38 0.34
32147 1.06 |K5V 27.18 47 111 33.18 0.28
81809 064 |G2V 28.10 41 8.2 33.59 0.37

103095 451 Grmb 1830 0.75 | G8VI 31 7.3 33.44 0.65

152391 641 V 2292 Oph 076 |G7V 28.94 11 10.9 33.42 517

160346 688 096 |K3V 27.48 37 7.0 33.25 0.46

166620 706 087 |K2V 43 15.8 33.34 0.34

201091 820 A 61 Cyg A 118 |K5V 27.15 35 7.3 33.08 0.51

219834B 894.2 94 Agr B 091 |K2V 27.58 43 10.0 33.31 0.34
“Good”

3651 27 54 Psc 085 |KOV 44 13.8 33.36 0.32

78366 060 |GOV 28.95 10 12.2 33.60 6.25
114710 3 Com 057 |GOV 28.06 12 16.6 33.72 4.34
115404 505 093 |K1V 28.02 18 124 33.28 1.93
149661 V 2133 Oph 082 |KOV 28.16 21 174 33.38 142
156026 664 V 2215 Oph 116 | K5V 27.75 21 21.0 33.13 142
201092 820B 61 CygB 137 |K7V 27.15 38 11.7 32.93 043
219834A 94 Aagr A 080 |G5IV=V 27.59 42 21.0 33.40 0.35

“Fair”

1835 17.3 BE Cet 066 |G2V 28.99 8 9.1 33.54 9.77
18256 p%Ari 043 |F5V 28.69 3 6.8 34.05 69.44
20630 137 K Cet 068 |G5V 28.89 9 56 33.50 7.72
26913 V 891 Tau 0.70 |G8V 29.20 7 7.8 33.49 12.76
82885 SV LMi 0.77 | G8IV-V 28.38 18 7.9 33.42 1.93

100180 88 Leo 057 |Frv 27.77 14 3.6 33.72 3.19
154417 654.1 V 2213 Oph 057 |F8V 28.82 8 74 33.72 9.77
157856 046 |F5V 29.21 4 15.9 33.93 39.06
161239 84 Her 065 |G6V 29 5.7 33.58 0.74
165341A 702 700ph A 086 |KOV 28.31 20 51 33.35 1.56
187691 0 Adq| 055 |F8V 28.05 10 54 33.75 6.25
190007 775 117 | K4V 27.81 29 13.7 33.10 0.74
190406 779 15 Sge 061 |G1V 27.80 14 26 33.64 3.19
“Poor”

3229 14 Cet 044 |F2V (FIV) 29.53 2 4.9 33.00 156.25
37394 084 |K1V 28.55 11 3.6 33.37 517
76572 61 Cnc 043 |F3V 4 7.1 34.05 39.06
82443 354.1 077 |KOV 29.30 6 2.8 3342 17.36

111456 046 |F6V 2941 1 7.0 33.93 625.00
120136 527 AB| 1 Boo 048 |F7V 28.95 4 11.6 33.87 39.06
155885 36 Oph B 086 |K1V 28.28 21 5.7 33.35 142
176051 059 |GOV 28.06 16 10.0 33.69 244
182101 044 |F6V 28.97 2 51 34.00 156.25
188512 |771AB B Adl 086 |G8IV 28.56 52 41 33.35 0.23
194012 051 |F5V 28.36 7 16.7 33.82 12.76
206860 HN Peg 059 |GOV 29.25 5 6.2 33.69 25.00
224930 (914 AB 85 Peg 067 |G3V 2751 33 10.2 33.52 0.57
ASTRONOMY REPORTS Vol.45 No.9 2001
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Table 2. Stars with chaotic chromospheric activity

HD Gliese Star BV | Spectrum |logly[erg/s| P days "[’g;;’g]' ' | DIDg
3443 25 0.72 G5V 30 33.77 0.69
3795 27.2 070 | G3V 3 33.49 0.57
6920 44 And 060 | F8V 29.48 14 33.66 3.19
9562 064 | G2V 29 33.59 0.74
10700 T Cet 072 | G8V 27.00 34 33.47 0.54
10780 081 | KOV 28.34 23 33.40 118
12235 83.2 112 Psc 062 | GV 28.46 14 33.63 3.19
13421 64 Cet 056 | F8V 17 33.73 2.16
16673 052 | F8V 28.54 7 33.79 12.76
17925 117 087 | KOV 28.08 7 33.34 12.76
22049 ¢ Eri 088 | K2V 28.32 12 33.33 434
22072 089 | GTV 55 33.32 0.21
23249 5 Eri 092 | KOV 26.95 71 33.30 0.12
25998 50 Per 046 | F7V 29.54 2 3393 | 156.25
26923 V774Tau | 059 | GOV 29.21 7 33.69 12.76
29645 057 | G3V 17 33.72 216
30495 58 Eri 063 | GV 28.83 11 33.61 5.17
33608 046 | F6V 29.15 3 33.93 69.44
35296 111 Tau 053 | F8V 29.44 4 33.78 39.06
39587 XL Ori 059 | GOV 29.08 5 33.69 25,00
43587 231.1A 061 | GOV 20 33.64 156
45067 056 | F8V 8 33.73 9.77
61421 280AB | o CMi 042 | F5IV-V 28.28 3 34.08 69.44
72905 it UMa 062 | F7V 29.11 5 33.63 25,00
75332 049 | F7V 29.56 4 33.87 39.06
76151 067 | G3V 28.33 15 33.52 2.78
88355 34Leo 046 | F6V 5 33.93 25,00
88737 056 | F5V 8 33.73 9.77
89744 054 | F6V 9 33.77 7.72
95735 411 Lid 21185 151 | M21Ve 26.78 53 32,50 0.22
97344 061 | GOV 8 33.64 9.77
100563 89 Leo 046 | F5V 29.13 4 33.93 39.06
101501 434 61 UMa 072 | G8V 28.21 17 33.47 216
106516 046 | F6V 27.93 7 33.93 12.76
107213 9 Com 050 | F8V 9 33.85 7.72
114378 501AB | o Com 045 | F5V+F5V| 2034 3 33.95 69.44
115043 503.2 060 | GV 28.95 6 33.66 17.36
115383 59 Vir 058 | F8V 29,51 3 33.70 69.44
115617 506 61 Vir 071 | GBV 29 33.48 0.74
124570 14 Boo 054 | F6V 26 33.77 0.92
124850 L Vir 052 | F7IV 29.63 7 33.79 12.76
126053 547 063 | G3V 22 3361 1.29
129333 550.1 EK Dra 061 | GOV 30.01 3 33.64 69.44
131156A 566A | {BooA 076 | G8V 28.90 6 33.42 17.36
ASTRONOMY REPORTS Vol.45 No.9 2001
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HD Gliese Star B-V Spectrum  |logLy [erg/s]| P, days l([)g;;’g]' ’ D/Dg
131156B 566 B (BooB 1.17 K4V 28.34 11 33.10 5.17
136202 5 Ser 0.54 F8Iv-Vv 14 33.77 3.19
137107AB 584AB ncCrB 0.58 G2V+G2V 28.41 14 33.70 3.19
141004 598 A Ser 0.60 GOV 27.66 26 33.66 0.92
142373 602 X Her 0.56 FovV 15 33.73 2.78
143761 606.2 pCrB 0.60 G2V 17 33.66 2.16
155885 36 Oph A 0.86 KOV 28.28 21 33.35 1.42
158614 678 0.72 G8 v~V 34 33.47 0.54
159332 0.48 F4V 7 33.89 12.76
165341 70 Oph B 1.16 K6V 28.38 34 33.13 0.54
176095 0.46 F51V 29.00 4 33.93 39.06
178428 0.70 G4V 28.23 22 33.49 1.29
182572 759 31 Ad 0.77 G811V 27.59 41 33.42 0.37
185144 764 o Dra 0.80 KOV 27.61 27 33.40 0.86
187013 17 Cyg 0.47 F5V 28.68 6 33.90 17.36
190360 777 0.73 G6 IV 38 33.46 0.43
207978 15 Peg 0.42 FOvV 3 34.08 69.44
212754 9782 34 Peg 0.52 F5V 12 33.79 4.34
216385 9801 o Peg 0.48 F71Vv 7 33.89 12.76
217014 882 51 Peg 0.67 G5V 37 33.52 0.46

traced here. Recall that the starsin Fig. 2 are near the
main sequence (Fig. 1), for which the relationship
between X-ray luminosity and rotational speed is
undoubted. The presence of some scatter among the
points, especially the deviation from thelower envelope
toward larger luminosities, is due to the fact that some
stars, even those near the Sun, are younger than the
Sun. Theinfluence of ageis manifest first and foremost
in the rotation speed: younger stars have shorter rota-
tional periods. However, the shift of the pointsin Fig. 2a
due to the influence of age is not strictly along the
X axis; this becomes clear, for example, if we join the
points from [10] for G stars with different ages. This
means that, even if we consider a single rotational
period, younger objects are higher in this diagram than
starsthat are older or the same age as the Sun.

The uniform data considered here clearly show a
result noted earlier in [12]: the X-ray luminosities of
stars with irregular, chaotic activity are higher than
those of objects with well established activity cycles.
One exception is the rapidly rotating star V2292 Oph
(HD 152391; P, = 11 days), whose unusual chromo-
spheric and photospheric variations were recently
noted in [21].

Analysis of the X-ray data for the groups of stars
with different degrees of cyclicity shows that stars
within a single group tend to cluster ina logLy — P,
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diagram. Thisis especially true of the eight starsin the
Excellent group and two stars in the Good group with
clearly defined cycles. These stars, with spectral types
G7—K7 (except for HD 81809, whose spectral typeis

close to that of the Sun), are clustered near logLy =
27.5 and P,, = 40 days. They aso occupy avery small
regioninthe logL /L, — P, diagramwith logL /L, =
-5.7.

Stars with other activity parameters, which rotate
more rapidly, and which have poorly defined cycles
demonstrate less strong clustering; their X-ray lumi-

nosities are factors of three to one hundred higher than
those of stars with better defined cyclicity.

Similar behavior can be seen in Fig. 2b, which plots
the ratio of the X-ray to the bolometric luminosity asa
function of the B-V color index. We can see that stars
with well defined cycles have roughly the same ratio

logLy /L., =-5.7. At the sametime, for most starswith
irregular chromospheric activity, this ratio covers the
widerange logLy /L, =—4.2t0—-6.0. These values are

far from the limiting value for X-ray saturation for
active red dwarfs and components of RS CVn binary

systems, logLy /L, =—-3.

Themeanvaueof logL, /L, for the Sunisroughly
a factor of 30 lower than for most of the HK-project
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Fig. 2. () X-ray luminosity as a function of the period of axial rotation for HK-project stars (from ROSAT data). (b) Ratio of the
X-ray to the bolometric luminosity for HK-project stars as a function of B-V. Notation isthe same asin Fig. 1.

stars considered here. Thisis primarily due to the dif-
ferent ages for these stars and the Sun. In addition, this
could reflect individual properties of the Sun’s activity
compared to the analogous processes developing on
other stars. Note that the Sun is the most rapid rotator
among the stars with well defined cycles (with the
exception of V2292 Oph, discussed above).

It isinteresting to ask what determines the duration
of thecycleof anindividual star. The avail able observa-
tions made over 35 years contain only limited informa-
tion about this question. Figure 3 compares the cycle
durations and rotational periods for the groups of stars

with differing degrees of cyclicity. In a number of
cases, a statistical analysis leads to poorly defined,
long-term variations being represented as a superposi-
tion (as a rule, of two) periodic components; clearly,
such cycle durations should be treated with caution.
Therefore, we have presented two pairs of valuesin Fig. 3
(the duration of the cycle and its harmonic) only for the
three stars HD 78366, HD 114710 (3 Com), and HD
149661 (V2133 Oph), whose main cycles are charac-
terized as Good.

Stars with well defined cycles rotate slowly, and the
durations of their cyclesare from 7 to 17 years. In con-
ASTRONOMY REPORTS  Vol. 45
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trast to the earlier opinion that well defined cycles usu-
ally have durations of 10-11 years, Fig. 3 shows that
the scatter in the durations is appreciable. As noted
above, V2292 Oph has an exception cycle, as can aso
be seen in thisfigure.

The durations of the cycles of rapidly rotating stars
with poorly defined periods for their long-term varia-
tions cover awide range from 2.8 to roughly 20 years,
but nearly half of them have “cycles’ shorter than
8 years. This provides evidence that decreasing the
rotational speed not only leadsto the formation of asta-
ble cycle, but that the duration of this cycle will exceed
the values typical of rapidly rotating stars.

The information discussed above can be used to
address the question of the place of solar activity
among similar processes occurring on late-type stars.
Here, we should bear in mind several important factors.
The Sun has the earliest spectral type in the group of
stars with well defined cycles. The chromospheric
activity of the Sun asastar is similar to the mean activ-
ity level for stars of thisgroup, asisindicated by acom-

parison of the flux in the Call H and K lines logRy ;

this can be seenin Fig. 8aof [4]. On the other hand, the
X-ray luminosity of the Sun isappreciably smaller than
those of other starswith cycles, asisclearly reflected by
the ratio of its X-ray to its bolometric luminosity. In
addition, the Sun rotates appreciably more rapidly than
the remaining stars with well defined cycles. It is possi-
blethat the Sunislocated near the boundary where cha-
otic, irregular activity istransformed into more regular,
cyclic behavior. This could be animportant argument in
searching for the origin of the Maunder minimum.

Thus, we can seethat starswith well defined activity
cycles and those whose activity is fairly irregular form
two clustersin our diagrams. Well defined cycles corre-
spond to longer durations of the activity cycles, longer
rotational periods, and lower X-ray fluxes; i.e., lower
magnetic-field strengths. This last correlation can also
be seen in thefigure presented in [23], although it is not
specially discussed in that work.

Thislast conclusion may, at first glance, seem para-
doxical from the point of view of dynamo theory, which
explains both the magnetic-field strength and the cycle
duration in the framework of a single mechanism for
the generation of the magnetic field. Below, we will
demonstrate that this correlation can fit into the stellar-
dynamo mechanism.

4. PARAMETERS OF STELLAR CYCLES
AND THE PARKER DYNAMO

The explanation of the origin of stellar cyclesin the
framework of dynamo theory proposed by Parker in
1955 can be reduced to the following. The poloidal
component of the large-scale magnetic field of a star,
which can be expressed in terms of the azimuthal com-
ponent of the vector potential of the magnetic field A, is
wound up by differential rotation, leading to the forma-
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Fig. 3. Periods of axial rotation and cycle durations for HK -
project stars with more or less well defined activity cycles.
Notation isthe same asin Fig. 1.

tion of an azimuthal component of the magnetic field B.
Inturn, the helicity of the convectiveflowsa actson the
azimuthal field component, giving rise to a poloidal
magnetic field and closing the cycle of self-excitation.
This process can be described quantitatively using the
Parker dynamo equations, which, in the simplest case,
have the form

0A _ 0°A

a = aB+ aez, (D)
0B 0A  9°B
ot - PG5t g @

where@islatitude,and G =r-! %—? istheradial gradient

of the angular velocity in units of its maximum value.
The quantity a is also measured in units of its maxi-
mum value. The dimensionless number D, called the
dynamo number, characterizes the intensity of sources
of magnetic-field generation. This number is expressed
in terms of parameters characterizing the hydrodynam-
ics of the convective envelope; in the simplest case, we
can use the approximate expression

D _ ORI eon) 0Q 7 3)
~ RO OnOGy_ 0 o0

whereRis the radius of the zone of magnetic-field gen-
eration, h isthe scale height, Q is the angular velocity
of the stellar axia rotation, and v, is the convective

velocity. Here, when calculating G, we exchanged %—?

with % and estimated a using the so-called Krause for-

mula (see, for example, [24]).
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Fig. 4. Variation of the dynamo number (relativeto the solar
value) as a function of B-V for HK-project stars. Notation
isthesameasin Fig. 1.

When deriving the Parker dynamo equations, it is
assumed that the convective zone, indeed, forms a sort
of envelope. If the convective zoneis very narrow, then
the term corresponding to radial diffusion of the mag-
netic field must be kept in equations (1) and (2). In the
case of very narrow, vanishingly thin convective zones,
this term becomes dominant and disrupts the dynamo
action, so that the magnetic field decays. If the convec-
tive zone occupies the entire star, the generation of
magnetic field is possible, but it has an appreciably dif-
ferent character than in the case of a convective enve-
lope. In particular, the generation sources must usually
have appreciably higher intensitiesthan in the case of a
convective zone with moderate thickness. The question
of the character and origin of the change in the type of
dynamo in the presence of a degenerate point radiative
core remains poorly studied theoretically. We empha-
size that our stars have convective zones of moderate
thickness.

Applying (3) to specific late-type stars, we should
note that the first three multiplicative factors on the
right-hand side compensate each other to alarge extent.
For example, if we use classical modelsfor the convec-
tive zones, the products of these three factors for stars
from F5 to M3 differ by only a factor of two. Thus, if
we do not consider the limiting cases of stars with very
thin convective zones and the latest M stars with com-
plete convection, the dynamo number can be taken to
be proportional to the square of the angular velocity of
rotation of the star.

Traditionally, the behavior of periods of stellar
activity has been analyzed using the Rossby number.
Since both the dynamo numbers and the Rossby num-
bers of our stars are primarily determined by the angu-
lar velocity of rotation (relative to that of the Sun), the
two parametrizations are similar in practice. However,
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conceptually, the dynamo number characterizes the
sources of field generation in the dynamo mechanism
and appears in the Parker equations explicitly, so that
we will use this quantity in our analysis.

We estimated the dynamo numbers using (3), and
present the dependences of parameters of the stellar
cycles on the dynamo number (in units of the solar
value) in Fig. 4. We can see that well defined cycles cor-
respond to comparatively low dynamo numbers D and
modest magnetic-field strengths. When the dynamo
number increases, the magnetic-field strength also
increases, as seems natural (increased intensity of the
generator leads to agrowth in the generated field). How-
ever, the degree of organization of the cycle decreases,
so that stars with very well defined cycles give way to
stars with higher, less constant levels of activity and
weakly defined cycles.

To explain this correlation, we turn to the properties
of Egs. (1) and (2). They have solutions in the form of
travelling waves, called dynamo waves, whose propage-
tion through the convective zone reflects the phenome-
non of stellar activity. The dispersion relation linking the
complex eigennumber of these equations—i.e., the
growth rate and cycle frequency—and the dynamo
wavelength separates out the dynamo wave with the
maximum growth rate. It is natural to suppose that it is
this wave that determines the formation of waves of
stellar activity, and that precisely its parameters are
inherited at the stage of evolution of the magnetic field
when non-linear effects ceasethe exponential growth of
the dynamo-wave amplitude. It is not difficult to con-
vince oneself that the wavelength and period of thisdis-
tinguished dynamo wave decrease with growth in D.
Precisely this tendency can be seen in Fig. 4 (see[23]).

The decrease in the wavelength of the dynamo wave
with growth in the dynamo number for a fixed convec-
tive-zone radius means that more and more half-waves
of magnetic activity begin to be present between the
poles and equator. It isnatural to expect that, in the non-
linear regime, each of these half-waves lives a compar-
atively independent life; in the language of the theory
of dynamical systems, Egs. (1) and (2) describing the
magnetic field as a distributed system with an infinite
number of degrees of freedom can be approximately
reduced to a certain dynamical system. The number of
variables (degrees of freedom) in this system is deter-
mined by the number of half-waves present in the direc-
tion of propagation of the dynamo wave. This effective
number of degrees of freedom increases with the
dynamo number. Similar phenomena are typical of a
wide circle of problems in non-linear dynamics. This
was first noted by Hopf in hisformulation of a scenario
for the transition from laminar to turbulent flow. The
growth in the number of degrees of freedom occursina
discrete fashion, making it tempting to interpret the
existence of discrete groups with different characters of
stellar activity—though, of course, distinguished some-
what arbitrarily—as a reflection of real discreteness
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associated with an increase in the number of half-
waves.

An increase in the number of degrees of freedom of
a dynamical system usually leads to a qualitative
changein its behavior. In the case of asmall number of
degrees of freedom (modest dynamo number), the non-
linear evolution of the dynamical system has the char-
acter of self-excited oscillations (the system has
extreme cyclicity). As the number of degrees of free-
dom grows, aregime of chaotic behavior in the form of
strange attractors usually arises. We suggest that the
numerous cases of aperiodic variations of stellar activ-
ity are associated with large dynamo numbers, with
their corresponding chaotic regimes. The transition
from extreme cyclicity to strange attractors and chaotic
behavior represents a modern scenario for the develop-
ment of turbulent flow from laminar flow; at its base
lies a bifurcation that increases the dimension of the
corresponding dynamical system. We propose that the
appearance of discrete classes of stellar activity has
analogous origins. In other words, we propose to inter-
pret the fact that stars with well defined cycles display
comparatively low-intensity magnetic-field generation,
while stars with more intensive field generation do not
have well defined cycles, as observational confirmation
of a“cyclic behavior—chaotic behavior” bifurcation in
the stellar dynamo, associated with an increase in the
effective dimension of the system as the dynamo num-
ber isincreased.

A possible aternative interpretation is that, in the
case of large dynamo numbers, the magnetic fieldinthe
depths of the convective zone preserves cyclic behav-
ior, but, for some reason, the link between the magnetic
field and surface activity tracers is disrupted. We
believe that this point of view encounters more difficul-
ties, sincethe overall level of activity isincreased when
the dynamo number is increased, and only its cyclic
character disappears.

In connection with our proposed interpretation, it is
valuableto consider the position of the Suninthesedia-
grams separately. Of course, the assignment of the Sun
to theranksof starswith very well defined activity peri-
odsis due to the anomalously small distance of the Sun
from the Earth, and the associated exceptionally
detailed study of solar activity that has been possible. It
is well known that the intensities of different solar-
activity cycles can differ substantially; observing two
such cycles on a distant star, it is doubtful that we
would classify its cyclic activity asideal. On the other
hand, to a first approximation, the Hale polarity law is
fulfilled on the Sun; i.e., data on sunspots specify in
each hemisphere only asingle half-wave of solar activ-
ity. At the same time, data for other tracers of solar
activity specify additional waves, such as the polar
wave, visible in analyses of polar facculae. Finally, the
time dependence of solar activity revealsawell defined
periodic component with an added chaotic component
in the form of rare long-term drops in activity such as
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the Maunder minimum. All these data are consistent
with the idea that the position of the Sun in our dia-
grams is near the edge of the region of well defined
periodic behavior.

5. CONCLUSION

Thus, among late-type stars, the soft X-ray luminos-
ities and ratios Ly/L,,,; are substantially higher for stars
with irregular activity than for those with well defined
cycles. Thisisconsistent with the result obtained earlier
in[12]. A detailed analysisfor starswith reliably distin-
guished activity cyclesindicatesthat, for comparatively
slowly rotating stars of spectral typeslater than GO, the
power of the corona decreases with the development of
well defined cyclicity. This conclusion does not pertain
to flare stars, for which a new effective mechanism for
coronal heating probably begins to operate, associated
with the occurrence of numerous weak flares (microflar-
ing). Theinfluence of age on the X-ray flux can be traced
in our sample, however it is not strong for these solar-
neighborhood stars, and cannot be responsible for the
observed variations of Ly and Ly/L, ;.

Our conclusions are relevant for stars with spectral
types from F5 to M3, in which the thickness of the sur-
face convective zones is neither very small, nor very
large compared to the stellar radius. This is consistent
with theideathat realization of the dynamo mechanism
requires the existence of an envelope in which the mag-
netic-field amplification can develop. It goes without
saying that efficient operation of the dynamo mecha-
nism requires differential rotation and turbulent con-
vection.

Our analysis demonstrates that the level of X-ray
emission is primarily determined by the parameter that
also determines the efficiency of the dynamo mecha-
nism—the dynamo number. In the stars considered
here, the influence of factors connected with the structure
of their convective zones compensate each other to alarge
extent, so that, in accordance with (3), the dynamo number
is determined by the square of the speed of axia rotation.
Thetrangtion from small to large dynamo numbers gives
rise to a change in the character of the dynamo process,
increasing its chaotic component.

We note especidly that the genera dependence of the
activity on Rossby number discovered earlier is aso pre-
served, due to the strong influence of the speed of axid
rotation on both characteristic numbers—the Rossby and
dynamo numbers. The behavior we have found hasamore
direct relationship to the theory of the (a — Q) dynamo.
This behavior can be disrupted in stars with anomalously
weak differential rotation, such as members of close
binary systems, whose differential rotation is damped
by tidal forces.

In conclusion, we note that these results prompt us
to re-evaluate the position of solar activity among anal-
0gous processes occurring on other stars. If we do not
consider the exceptional star V2292 Oph, the Sun is
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located at the boundary of the region in Fig. 2a occu-
pied by stars with cyclic activity, with the Sun rotating
more rapidly than the other stars with well defined
cycles. Note that the Sun’s level of chromospheric
activity is fairly high: the ratio of the luminosity in
chromospheric emission to the bolometric luminosity is
roughly the same asthat of other starswith well defined
cycles (see, for example, [4]). On the other hand, the
solar corona is appreciably weaker than the typical
coronas of active late-type stars: the solar ratio Ly/L,,
is about 107, while this ratio for other active stars on
the lower part of the main sequence is several orders of
magnitude higher.
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Abstract—A two-dimensional polarization image of the inner regions of the solar corona (R < 1.5R) during
the total solar eclipse of August 11, 1999 is presented. This image clearly exhibits both small- and large-scale
structure in the distribution of deviations of the plane of polarization from its theoretical direction for coronal
emission inthe near infrared (570-800 nm). An accuracy for the deviation angles of <1° was achieved by reduc-
ing the instrumental scattered light in the telescope, installing a continuously rotating polaroid near the image
plane of the entrance pupil (i.e., the Lyot stop plane), and developing a special algorithm for constructing the
pol arization images based on the IDL software, in which the properties of the light are described in terms of the
Stokes parameters. This algorithm was used to process 24 digitized polarization images of the corona, corre-
sponding to one compl ete rotation of the polaroid. Analysis of the polarization image for angles of 0°-5° indi-
cates the existence of significant deviations in the inner corona. The polar and equatoria corona regions are
characterized by diffuse and aimost uniform structure of the deviation angles, 0.5° + 0.5°, corresponding to
Thomson scattering of the photospheric radiation by free el ectrons. Four large-scale structures over the NE, SE,
NW, and SW limbs covering about 60° in position angle have deviations of 1°-3°. Numerous small-scale struc-
tures with dimensions up to 30" and deviation angles of 3°-5° tracing strongly curved coronal streamers were
detected in active coronal regions, especially over the NE limb. Interpretation of these deviations in terms of
flows of moving electrons implies tangential velocities of up to 2.5 x 10* km/s, i.e., electron energies of up
to 2 x 103 eV. © 2001 MAIK “ Nauka/Interperiodica” .

1. INTRODUCTION

Both space and ground-based observations in the
continuum and cool and hot emission linestestify to the
presence of appreciable structure in the upper atmo-
sphere of the Sun. Knots, loops, arches, streamers, and
gjectionswith transverse spatial sizesinthe plane of the
sky lessthan 1" (=725 km at the solar surface) are typical
of both cool prominences and the hot corona, whose emis-
sion is associated with three components. Continuum
observations show the so-called white-light corona, which
iscomposed of the K component, dueto Thomson scatter-
ing of photospheric radiation by free coronal eectrons,
and the F component, associated with scattering by inter-
planetary dust. On the other hand, observationsin hot or
cool emission lines reved the structure of the E (emis-
sion-line) corona and of prominences, respectively.
Fine structure becomes more prominent in polarized
light, since the emission of the upper atmosphere (in
particular, of the corona and prominences) becomes
polarized due to the disruption of the spatial symmetry
that occursin various physical processes giving rise to
the observed emission [1], such as excitation by radia-
tion or a directed particle beam, the influence of mag-
netic fields (the Zeeman and Hanle effects) and macro-
scopic electric fields (the Stark effect), and so on.

Polarimetric data provide information about the
emission mechanisms and physical conditions in the
upper layers of the solar atmosphere. We shall briefly
consider problems associated with polarization mea-
surements of the white-light corona and present the
results of our own measurements of the coronal plane
of polarization on August 11, 1999, during the total
solar eclipsein Shabla (Bulgaria).

1.1. Problems Associated with Polarization
Measurements of the Weak Upper Solar Atmosphere
near Bright Inner Layers

Accurate polarization measurements in the upper
solar atmosphere remain quite difficult. The main
sources of errorsare [2]

(1) polarization of the sky,
(2) instrumental polarization,

(3) nonuniform characteristics of the polaroids over
their surface.

The brightness of the day-time sky at high-mountain
corond observatories, on average (1—5) x 10°B, (where
B, isthe brightness at the center of the solar disk), iscom-
parable to that of the white-light corona (5 x 10-B,,) at
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adistance of =1.2R. (Distances are measured from the
center of the solar disk, and R isthe apparent radius of
the solar disk.) Therefore, noneclipse coronographic pola-
rimetric observations suffer from appreciable errors and,
asarule, are used primarily for the quditative identificar
tion of the electron component. On the other hand, the sky
brightness decreases to (10°-10-*)B,, during total solar
eclipses. Asaresult, the conditionsimitate those for space
observations, without instrumental errors due to the
contribution of the sky, at least for polarimetric stud-
iesat R< 1.5R..

The instrumental polarization for coronal mea-
surements during atotal solar eclipseis due primarily
to the emission of the innermost regions in the corona
(R< 1.15Ry), which is diffracted by the entrance aper-
ture, and to the microroughness of the telescope’s pri-
mary optical system. This polarization can be apprecia-
ble, since the variations in brightness at (1.15-1.5)R,
can reach two to three orders of magnitude. In the case
of arefractive primary optical system, its contribution
can be minimized using the Lyot coronographic
method [3]. Unfortunately, there are have been no the-
oretical or experimental studies of this problem.

To our knowledge, the nonuniform characteristics
of the polaroids over their surfaces has likewise not
been studied in detail previously. This factor is espe-
cialy important when polaroids based on polaroid
films are mounted near the image plane of the object
being studied; i.e., when the rays from different points
in the object pass through different parts of the
polaroid. In thiscase, thisnonuniformity in the polaroid
characteristics, in particular the transmission, leadsto a
considerable decrease in the accuracy of the polariza-
tion measurements and to blurring of the structure of
the polarization images.

1.2. Summary of Polarization Studies
of the White-Light Corona

We will now briefly discuss polarization studies of
the white-light coronaduring total solar eclipses, which
were initiated in the beginning of the last century but
were conducted successfully only in the late 1940s.

Most studies have indicated that the degree of polar-
ization increases with distance, reaches its maximum
of =50% at 1.5R, then decreases in accordance with
expectations for Thomson scattering of photospheric
photons by free coronal electrons, described by the
model of van de Hulst. A review of al the steps
involved in measuring the degree of polarization was
given in [4]. In our opinion, the problem of the exist-
ence of regions with anomal ous degrees of polarization
(60-80%) detected in some studies[5-8] remains unre-
solved.

The determination of the plane of polarization of
solar coronal emission is even more difficult. The theo-
retical prediction is that the plane of polarization (i.e.,
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plane of oscillations of the magnetic vector) should

coincide with the radial direction.® A rotation of the
plane of polarization would provide evidence for the
presence of a directed high-speed electron flow [9] or
nonuniform photospheric emission field [10, 11]. Early
photographic [5, 12] and photoelectric [13] measure-
ments revealed deviations of the plane of polarization
from the radia direction as large as 20°. Contradictory
resultsfor the orientation of the plane of polarization of
the white-light coronal emission have been obtained
over the past decade, in particular for the coronaon July
11, 1991, by two groups working at the same observing
site. On the one hand, photoelectric measurements
using a scanning electropolarimeter (with a polariza-
tion resolution of 1'-3") indicated deviations aslarge as
9° [14]. Another study [15] with arather high polariza-
tion resolution (=10") using a rotating sectorial
polaroid near the image plane and an original photo-
graphic method for analysis of the isophotes found that
the orientation of the polarization plane was in agree-
ment with the theoretical prediction everywhere in the
corona within the measurement accuracy of 1°.

1.3. The Accuracy of Polarization Measurements

Polarimetric studies of the white-light corona are
usually based on the analysis of three coronal images
corresponding to three different orientations of the
polaroid, to derive three characteristics of the linearly-
polarized light: the intensities of the polarized and
unpolarized components and the orientation of the
plane of polarization. The degree of polarization P is
described by the expression

_ It -1 r
P= L+
wherel, and |, are the tangential and radial components
of the intensity. To estimate the error in the degree of
polarization, we differentiate this expression and
assume as afirst approximation that di, = dl; = dl. Then,
after some manipulation, we obtain

sl
Pl

The accuracies of intensities determined using photo-
graphic methods is 3-4%. Conseguently, the actual
error in the degree of polarization will be >6-8%.

The deviation of the plane of polarization from the
radial direction x isgiven by the expression

_ P
2 = arctanEr,

where P, and P, are the projections of the polarization
onto the tangential and radial directions, respectively,

1 Note that the theoretical orientation of the plane of polarization is
defined by various authors as the orientation of the plane of oscil-
lation of either the magnetic or electric vectors.
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Fig. 1. Optical scheme of the coronographic polarimeter.

in a coordinate system whose origin is at the solar-disk
center. When these angles are less than 10° and the
radial degree of polarization is P, = 0.2-0.5, asis typi-
cal for the solar corona, we can write

- 2P, ij‘

Pi— 3 b

since the second term in parentheses is one to two
orders of magnitude lessthan thefirst term. If theradia
degree of polarization is 30-50% and the error in the
tangential degree of polarization is 10%, typical of the
photographic method, we find that the accuracy of the
deviation anglesin theinner coronais5°-9°. Use of the
equidensity method and the subsequent registration of
the equidensities will inevitably increase these errors,
due to the considerable radia gradient of the coronal
brightness.

The accuracies of photodectric methods reach 1-2%
and 1°-2°, but their spatial resolution is relatively low.
As a rule, photoelectric methods based on successive
scanning of different coronal regions cannot be used to
obtain an “instantaneous’ distribution of the polariza-
tion parametersin the corona.

The main problem faced by polarization studiesisto
increase the actual accuracy of the measurementsto 1—
2% for the degree of polarization and 1° for the plane
of polarization.

2. OUR CINECORONOGRAPHIC
POLARIMETER

To achieve accuracies of 1-2% in the degree of
polarization and 1° in the plane of polarization, we
developed the following techniques for polarization
studies of the inner corona, taking into account the fac-
tors noted in the Introduction.

(1) We considerably reduced the instrumental back-
ground due to the diffraction of light from the inner
corona by the entrance aperture using the Lyot corono-
graphic method. We believe this procedure to be neces-
sary, since the brightness of the innermost corona regions
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at 1.05-1.2R, can exceed the corond brightnessat 1.5R,
by two to three orders of magnitude.

(2) We filmed continuously through the polaroid,
whose rotation was strictly synchronized with the oper-
ation of the movie camera. Thisyielded alarge number
of pictures corresponding to different polariod orienta-
tions, whose subsequent statistical analysis was
designed to remove systematic errors.

(3) The polaroid was mounted near the Lyot aper-
ture, making it possible to obtain uniform polarization
measurements in which the nonuniform polariod char-
acteristics made the same contribution at each point of
the corona.

(4) Recording the coronal emission in the infrared
during the total solar eclipses made it possible to
neglect the contribution of the sky.

(5) We have developed a specia algorithm for con-
structing the polarization images, based on the IDL
software and on the description of the light in terms of
the Stokes parameters. The first version of this algo-
rithm was used in our polarization studies of the corona
on November 24, 1994 [16].

2.1. Optical Scheme

The development of a portable, expeditionary
cinecoronographic polarimeter began at the Sternberg
Astronomica Institute in 1991. The instrument was
subsequently modernized taking into account the
results of observations during the total solar eclipsein
1994 [17]. Figure 1 shows an optical scheme of the ver-
sion used for our observations on August 11, 1999, in
which the contributions of instrumental effects were
minimized to an appreciable extent. The light from the
expeditionary coelostat was directed to the main objec-
tive O, (D = 60 m, F, = 339 mm). The image of the
entrance pupil was formed by the lens O, (we used a
photographic objective with foca distance 50 mm,
whose focal plane was coincident with that of the main
objective). A rotating polaroid P was placed behind the
image plane of the entrance pupil (D). In this
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scheme, collimated beams of rays from each point of
the corona image passed through the same polaroid
surface. The diameter of the corresponding light beam at
the polaroid was less than 9 mm. The corond image was
reconstructed in the foca plane of a full-sze KONVAS
professional movie camera using the objective O;, with
afocal length 50 mm. The filming rate was five frames
per second, with an exposuretime of 0.1 s. Therotation
of the polaroid was strictly synchronized with the oper-
ation of the movie camera. One complete rotation of the
polaroid corresponded to 24 film frames, with the
period of rotation being 5 s.

A set of filters IF was mounted in front of the Lyot
stop for usein the relative and absol ute calibrations and
for polarization studies in the continuum and emission
lines using neutral and narrow-band interferencefilters.
The optical alignment of such a coronograph iscompli-
cated, however the reliability of the measurements is
considerably increased.

2.2. Nonuniformity of the Polaroid Characteristics

Polaroid filters based on polaroid film are widely
used in polarization studies of the Sun. The most wide-
spread version—a polaroid film placed between two
optical glass plates—is manufactured by severa firms.
We tested polaroids produced by the Zagorsk Mechan-
ical Factory (Russia) and SOLIGOR (Japan). The uni-
formity of transmission of the polaroids over their sur-
faces was carefully measured in various spectral ranges
using the spectrograph of the solar tower telescope of
the Sternberg Astronomical Institute. A collimated light
beam was transmitted through a polaroid mounted
10 mm from an spectrograph entrance dlit. The light
source was an incandescent or cadmium lamp (CdE).

A MOPS-series TCD 1301D device manufactured
at the Ingtitute of Spectroscopy of the Russian Acad-
emy of Sciencesrecorded the signal and redirected it to
a personal computer for subsequent processing via the
corresponding interface. The Japanese CCD used in the
TCD 1301D device has 3648 elements, with the each
element being 8 um x 200 um, and operates at 270—
950 nm. Devices of the MOPS series have a dynamic
range of 1300, exposures of 10-10000 ms, 1-10000
frames, and 12 hitsin the analog-to-digital converter.

A number of diameter cross sections corresponding to
the central part of the polaroid with a diameter of 29 mm
were recorded for each filter. We measured the spectra
at three wavel engths (6438, 5085, and 4799 A) for each
cross section without the polaroid (marked |), with the

polaroid oriented aong the dlit (I5), and with the

polaroid oriented perpendicular to the dit (IE). These
last two spectra were normalized to the |, for a certain
element using the corresponding coefficients. A spec-
trum obtained without the polaroid (1) was subtracted
from the normalized spectra. The resulting cross sec-
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tion (with the errors due to nonuniform illumination of
the dlit, variationsin the sensitivity of the el ements, and
so on minimized) describes the nonuniformity of the
polaroid transmission along the corresponding direc-
tion.

Figure 2a presents an exampl e of the resulting cross
section at 5085 A for a polaroid manufactured by the
Zagorsk Mechanical Factory. The element (pixel) num-
ber is plotted along the horizontal axis and the intensity
in relative units (where I, = 3000) along the vertical
axis. Part of this cross section (with length is 2 mm,
centered relative to the element marked by the dotted
line) is presented in Fig. 2b. The marked element was
used in the normalization of the spectra. The central
=1000-1300 elements (i.e., 8-10.5 mm) of the spec-
trum under consideration are characterized by a quasi-
periodic transmission structure, with periods of about 7,
14, 50, and 100 elements (corresponding to 0.06, 0.12,
0.4, and 0.8 mm on the polaroid surface). Variationsin

|, between neighboring points can reach 50; i.e., =3% of
0.51,. Peripherd zonesinclude someregions2—2.5mmin
size whose transmission variations reach 10-12% of
0.51,. A comparative analysis of the characteristics of
polaroids manufactured by different firms will be pre-
sented in more detail in other publications.

Qualitative estimates of the polaroid characteristics
in various spectral intervals can be obtained by observ-
ing the bright filament of an incandescent lamp through
two polaroids with perpendicular orientations. Motion
of the eye along the polaroid surface resultsin scintilla-
tion of the lamp filament, whose color is characteristic
of the polaroid quality in the corresponding spectral
range.

We chose one of the five polaroids manufactured by
the Zagorsk Mechanical Factory for mounting in the
cinecoronographic polarimeter used during the total
solar eclipse of August 11, 1999 for polarization studies
of the upper solar atmosphere.

2.3. Infrared Spectrozonal Air Photofilm

A PION-500 spectrozonal, negative, perforated
35-mm aerial photofilm was used as the detector. This
film was recently developed by FOMOSfor daytimeair
photography in relative colors from moderate and high
altitudes in space. The sensitivity limits of the film in
layers beyond the OS-14 filter are 570-690 nm (orange—
red, OR) and 670-800 nm (near-infrared, IR); the sensitiv-
ity S5 beyond the OS-14 filter is 1000 GOST at IR and
500 GOST at OR wavelengths. The contrast yis 2.5 at
IR and 2.1 at OR wavelengths, the optical fog density
D,is0.14 a IR and 0.25 at OR wavelengths, and the
resolution is 120 line/mm. The film is processed using
C-41 developer at 30-38°C for six minutes.
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Fig. 2. Nonuniformity of the polaroid transmission along its diameter. The horizontal and vertical axes plot element humber and
intensity in relative units. The dotted line marks the position of the element whose intensity was used in the normalization of the

polaroid transmission.

3. OBSERVATIONS AND PHOTOMETRY

3.1. Observations of the White-Light Corona
During Totality

We carried out polarization observations of the
upper solar atmosphere using the cinecoronographic
polarimeter on August 11, 1999 near Shablain Bulgaria
(A =28°35.5", @=+43°32"), which was near the center
of the totality pass. The duration of the totality was
about 2 min 30 s, and the time of maximum eclipse was
T = 111122 30 UT. Wefilmed continuoudy, accompa-
nied by rotation of the polaroid, during the totality. An
orangefilter OS-14 was mounted in front of the primary
objective. Our observers (V.V. Popov and E.V. Popova)
changed the neutral and interference filters in accor-
dance with our program of studies of the upper solar
atmosphere. They recorded the white-light corona in
two 10-sfilming runs centered about the center of total-
ity using the NS-8 and NS-9 neutral filters (with trans-
mission coefficients of =1.7 x 10! and =2.1 x 1072).
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3.2. Absolute and Relative Calibrations

Observations for the absolute calibration were con-
ducted 30 min before the center of totality in the opera
tiond regime, using two 10-s filming runs of the crescent
Sun with the neutral-filter combinations NS-11 + NS-10
and NS-11 + NS-9 (with transmission coefficients
=3 x 10~ and =2 x 107®).

We carried out the relative calibration in two ways.
Before and after the expedition, we printed a 21-step
photometric wedge with an exposure of 0.05 sfrom an
incandescent lamp whose color temperature corre-
sponded to the solar disk (5500 K). In addition, under
the expedition conditions, we used a specia setup to
photograph a nine-step quartz attenuator illuminated by
sky light passed through an OS-14 orange filter and a
set of neutral filters. The corresponding exposureswere
1/60-3 s. The materials obtained during the eclipse and
the films with the absolute and relative calibrations
were devel oped simultaneously (for the process C-41 at
36°C).
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3.3. Digitizing

The films were digitized using a Perkin—Elmer
1010 GM microdensitometer at the Korea Astronomy
Observatory, enabling us to measure the coordinates
and optical density of theimage elements. A dlit of size
0.01 x 0.01 mm? correspondsto 6” x 6" on the film. We
scanned along both coordinates in steps of 0.01 mm,
with the scanned area of each frame equal to 701 x 701
pixels. We scanned the photometric-wedge and quartz-
attenuator fields over an area of 200 x 200 pixels.

3.4. Photometry

We constructed a characteristic curve from mea-
surements of the 21-step wedge with a logarithmic
brightness gradient logl = 0.15. Our previous experi-
ence working with photoemulsions has shown that, in
the underexposed region and linear interval, the charac-
teristic curve can be approximated very well by the
function D,, = D, + ylog(J + ), where J = I/1,. We
found the function D,, by searching for and testing
expressions satisfying the factsthat D ~ |2 in the under-
exposed region and D ~ logl in the linear interval of
the characteristic curve.

Fifteen wedge fields, corresponding to dendity varia-
tions by two orders of magnitude in the coronal image a
distances of 1.1-1.5R, were sufficient to make the trans-
formation from dengties to intendties. We obtained a
least-squaresfit for three approximation parameters of the
developed emulsion—the background density D, con-
trast y, and so-called senditivity 1/1,—using the 15 wedge
fidds. In the case under consideration, the mean-square
density residual was~0.012. The measured mean back-
ground was in agreement with the calculated value of
D, with accuracy to 0.01, which is within the detected
irregularity of the background over the emulsion.

An exact inversion of D,, = D,,(J) to the function
J(D,,) can be carried out only iteratively. A sufficiently
good approximation with an error 8J/J < 0.6% that is
acceptable for a photographic process is given by the
expression
x—1
J(D,) = e
(Do) X+ 4x—2

which we used in the computer reduction of the data.

-Doly
1

-1+ , X = 10(Dap

4. ALGORITHM FOR CONSTRUCTING
THE POLARIZATION IMAGES

The polarization pattern is repeated cyclically after
a haf turn of the polaroid (i.e, in our case, after
12 frames). Flare spots are unavoidable in amulti-com-
ponent optical system, which result in a modulation of
the signal at the polaroid rotation frequency due to the
large brightness gradients in the corona. Therefore, we
separated the polarization film of the white-light corona
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we obtained into several series containing 24 succes-
siveframes, corresponding to acompleterotation of the
polaroid. We selected only one series centered relative
to the center of totality for subsequent processing. All
frames of this series were processed simultaneously in
order to suppress the instrumental contribution.

We used the IDL software in the datareduction. The
optimal procedure for mutual registration of the frames
proved to be blink comparison with visual control on a
display screen. We measured the background of each
frame in two corners free of the image emission and
averaged over an area of 50 x 50 pixels.

After centering 24 successive frames, we obtained
an image of the corona averaged over the density D =
Dd, j), wherei and j are the integer Cartesian coordi-
nates of an image pixel with the coordinate origin at the
center of the solar disk. We later used the density distri-
bution in this frame as an indicator of the noiselevel in
various statistical procedures.

Transforming the densities into intensities yielded a
succession of frames S, which contain information on
the distribution of the polarization parameters. There
are three such parameters for partially linearly polar-
ized sources. the intensity |, degree of polarization P,
and orientation of the plane of polarization x. However,
using these parameters before applying statistical pro-
cedures leads to systematic errors (biased estimates).
On the other hand, a set of parameters in the form of the
Stokes vector does not suffer from thisdrawback. Thefirst

parameter of this set is the same intensty | =I+ 1,
which is a sum of the intensities of the unpolarized I

and linearly polarized |, components of the light flux.

Two other parameters are the sign-variable quantities Q
and U. They arethe projections of thelinearly polarized
component onto the axes of an arbitrarily chosen Carte-
sian coordinate system in theimage plane. Q and U can
beinterpreted as the projections of avector with length

I, = J/Q?+U? and orientation ¢ given by the expres-
sion tan¢g = U/Q. Then, the degree of linear polariza-
tionisP = I, /I, and the angle of the plane of polariza-
tion is defined to be x = ¢/2.

In accordance with Malus' law, partidly linearly

polarized light (I, Q, U) will have the following inten-
sity after passage through an ideal polaroid:

SOl +21 Icosz()(—u)
=(lx +1,)+1,cos(2x —20a) =1 + Qcos2a + Usin2a,

where a is the orientation of the polaroid plane of
polarization in the same coordinate system in which the
angle x is defined. From here on, we shall consider the
intendities|, Q, and U asfunctions of the coordinates (i, j)
introduced above; i.e., we shall consider the frames| =
1(1,]),Q=Q(,]),and U = U(, | ). In our experiment,
the polaroid plane of polarization changed by the con-
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stant value 360°/24 = 15° between successive frames,
sothat a, = o, + 1k/12 for the kth frame. Here, a,, isthe
orientation of the polaroid planein thefirst frame.

Thus, we can use resultsfor 24 successive frames S,
to write the 24 equations

e oy . TK K
S(=S(i,j) = 1+Q'cos 2+Usm12
k=01,..,23,

for each pixel with the coordinates (i, j). Here, the vec-
tor (Q', U") isrelated to the vector (Q, U) viaarotation
through the angle 2a,, which is not known in advance
with sufficient accuracy:

DQ H - E cos2a, Sin2d, EDQD
D u'd 0O-sin2a, cos2a,00U 0O

O —s 0o U
QD - g U cos2a, SanGODDQ a.
D ud 0Osn2a, cos2a, O0OU' O

Theleast-squares sol ution of the system of equations S,
with respect to I, Q', and U’ has the form

23 23
_ 4 1S T
' = 24kzosk’ Q= 12KZOSKC0512’

23
Lo gk
U= 12KZOSkS'”12

Due to the presence of large brightness gradientsin
the corona, subsequent statistical procedures associated
with spatial smoothing in regions of small densities
(where the noise associated with the photographic pro-
cesses can reach £100% of the polarization amplitude)
are carried out more efficiently using frames of the type

g=dq(@,j)=Q/N u=u(,j)=Ul.

These quantities are the sign-variable components of
the degree of polarization, whose absolute valueisP =

A/q2 +u”. In contrast to Q' and U', the gradientsin the
q' and u' frames are usually expected to be small. We
should emphasize that smoothing aP framein the pres-
ence of noise inevitably results in overestimated
(biased) polarization values. The spatia structure of the
q' andu' framesissubstantially simplified if we assume
that the coronal emission is polarized due to scattering
by electrons and afinely-dispersed aerosal. In this case,
the plane of polarization is aways perpendicular to the
scattering plane and to the radius vector of a scattering
point in the plane of the sky. In the ideal case, atrans-
formation to a coordinate system (specific for each
image point) in which one axis is always directed
toward the center of Sun leads to a zero radial projec-
tion of the polarization vector, while the tangential pro-
jection coincides with the absolute value of the polar-
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ization vector. In the presence of measurement noise,
thisremains valid for the mathematical expectations of
the projections. On the other hand, this property is vio-
lated if regions of anomal ous polarization are present in
the corona[6-8].

We can transform to the local coordinates of the
polarization vector by rotating the vector (q', u')
through theanglequ 2, j ). It can easily be shown

I—j _2ij

/I1+Jz /I2+12'
example, the tangentia t' and radial r' frames can be

obtained from the Cartesian projectionsq' and u' viathe
transformation

that cos2y = , and sin2y = For

O¢0 O : 00 O
Dt 0= cqsqu sin2y o9 o
dr'd  0O-sin2y cos2y U0u'

Recall that we introduced the primed quantities because

theinitia orientation of the polaroid o, was uncertain.

Assuming that theradial component of the polariza-
tion averaged over the corona, [¥[J) must equal zero, the
angle a, is given by the expression tan2a, = [¢' [/ [J
The corresponding rotation of the (t', r') frames
through the angle 2a, transforms them into the (t, r)
frames with zero meanr.

To calculate the mean values [#' Jand [f'[) we used
only regions of the coronal image in which the densities
in the averaged frame D were in the interval 0.2-0.8.
We estimated the actual level of the “polarization”
noise in various coronal zones from the level of fluctu-
ations in the radia component in the r frame. These
fluctuations were well correlated with the density inthe
D frame. To suppress the noise, we used a parametric
procedure for the calculation of moving smoothed val-
ues for the t and r frames. Each pixel in the t and r
frames was assigned a value averaged over a square of
(2k + 1) x (2k + 1) pixels with its center in the current
pixel. The smoothing parameter k was determined by
the density in the corresponding pixel of the D frame,
which was previousdy smoothed over a 66" x 66"
square. The dependence of k on the density interval in
the D frame was found empirically, checking the level
of fluctuations in the r frame; the following parametri-
zation in k was used:

Dw<_1_>DO.3<_2—>D0_15<_3

- D0.10 ~—5— D0.03 ~— 10 — Do-

5. RESULTS

Figure 3 presents an image of the deviation of the
plane of polarization from the radial direction for the
solar coronal emission on August 11, 1999 in the near-
infrared at distances of <1.5R,. As noted above, the
accuracy of the orientation of thisplaneis<1°. Northis
at the top, and East isto the left. A relative color scale



Fig. 3. Orientation of the plane of polarization for coronal
emission in the near-infrared continuum. A relative color
scale for the deviation of the polarization plane from the
radial direction in degreesis given in the left upper corner.
A picture of the corona structure is superposed on the lunar
disk.

for the absolute values of the deviation angles in
degreesisgiven in theleft upper corner. Superposed on
the image of the Moon is a picture of the coronal struc-
ture constructed during our reduction of a series of dif-
fering exposures of the corona, obtained at the same
observing site with the same spatial resolution using an
MS 3M-5SA photographic objective (F = 500 mm, 1/8)
and the sametype of spectrozonal infrared aerial photo-
film (the observer was N. L. Krusanova). The position
angles were aligned with an accuracy of 0.5°. We used
the knots of a high-altitude active prominence at the
SW limb as reference points. The actual spatial resolu-
tion, determined by blurring at the Moon's limb, was
equal on average to 15"-20".

Both large-scale and small-scale structures in the
distribution of the deviation angles can clearly betraced
in Fig. 3. Comparison with the coronal structure leads
to the following conclusions. The polar and equatorial
regions are characterized by a diffuse and almost uni-
form structure, corresponding to angles 0.5° £ 0.5°, in
agreement with the van de Hulst model. Individual
occasiona filamentary and quasi-pointlike structures
with angles 1°-3° do not appreciably affect the general
pattern.

There are four large-scale regions over the NE, SE,
SW, and NW limbs covering a position-angle range of
about 60° that are characterized by angles of 1°-3°.
These regions include small-scale structures with sizes
up to 30" with deviation angles of 4°-5°. In particular,
multiple pointswith angles of 4°-5° observed inthe NE
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sector to heightsof 0.17R, (=100000 km) over thelimb
clearly follow curved coronal streamersto distances of
1.6R,,. Thiscoronal region is characterized by the pres-
ence of coronal condensations and bright loop H,
prominences.

As was shown by Molodensky [9], scattering of
photons by moving electrons rotates the plane of polar-
ization due to aberration of the light in the coordinate
system moving with the electron flow. Consequently,
deviations of the plane of polarization from the radia
direction reflect the presence of high-speed electron
flows. Thisdeviationisequal to d = v,/c, where v, isthe
velocity component tangent to the limb and c is the
speed of light. His search for such angle deviations in
eclipse data led Koutchmy et al. [15] to conclude that
there were no deviations exceeding 1° in the inner
corona at distances below 1.5R..

However, our measurements in the inner corona indi-
cate that the component of the electron flow velocity tan-
gent to the limb can reach 2.6 x 10° km/sin the polar and
equatorial regions, 10* km/s in large-scale structures cen-
tered on the boundaries of corona streamers or tracing
strongly-curved streamers, and 2.6 x 10* km/sin individ-
ual small-scale structures with sizes below 30" local-
ized in active regions.

6. CONCLUSION

We have presented the results of our determination
of the plane of polarization for emission from inner
regions of the solar coronato distancesof <1.5R inthe
near-infrared continuum (570-800 nm). These mea-
surements have aspatial resolution of 15-20" and yield
an accuracy of the plane of polarization of <1°. To our
knowledge, these resultsfor the orientation of the plane
of polarization for the white-light corona are the most
accurate made thus far. We were able to achieve an
accuracy of <1° by implementing the following tech-
niques.

(8) decreasing the instrumental background level
(due primarily to scattering of light from the bright
inner corona by the entrance aperture) by using the
classic coronographic method of Lyot;

(b) installing a polaroid near the plane of the Lyot
aperture, which results in averaging of the polaroid
characteristics over a surface with adiameter of 9 mm;

(c) developing a special algorithm for statistical
reduction of the numerical images using the IDL soft-
ware package, based on representing the light in terms
of the Stokes parameters.

Assuming the existence of moving electrons, the
observed deviations of the plane of polarization from
the radial direction suggest that the electron energies
canreach 2 x 103 eV. A careful comparative analysis of
the fine coronal structure and the distribution of the
degree of polarization enabling us to calculate the elec-
tron density and, thereby estimate the currents in the
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upper solar atmosphere, will be presented in a future
paper.
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Abstract—A mixing-length approximation is used to calculate KA for a Parker dynamo wave excited by the
dynamo mechanism near the base of the solar convection zone (K is the wave number of the dynamo wave and
A the extent of the dynamo region). In aturbulent-dynamo model, this number characterizes the modes of the
global magnetic field generated by a mechanism based on the joint action of the mean helical turbulence and
solar differential rotation. Estimates are obtained for the helicity and radial angular-velocity gradient using the
most recent helioseismological measurements at the growth phase of solar cycle 23. These estimates indicate
that the dynamo mechanism most efficiently excites the fundamental antisymmetric (odd), dipole, mode of the
poloidal field (KA =—7) at low latitudes, while the conditions at |atitudes above 50° are more favorable for the
excitation of the lowest symmetric (even), quadrupole, mode (KA = +8). The resulting north—south asymmetry
of the poloidal field can explain the magnetic anomaly (“monopole” structure) of the polar fields observed near
solar-cycle maxima. The effect of a quenching increasesthe cal cul ated period of the dynamo-wave propagation
from middle latitudes to the equator to about seven years, in rough agreement with the observed duration of the

solar cycle. © 2001 MAIK “ Nauka/Interperiodica” .

1. INTRODUCTION

Magnetographic studies indicate that the poloidal
field of the Sun can usually be described by a simple
dipole that has asymmetric polarity with respect to the
equator. However, at recent solar-activity maxima, both
poles of the poloidal magnetic field had the same sign:
the reversals of the northern and southern polar fields
occurred one to two years apart. To account for this
magnetic anomaly, some investigators have suggested
that a quadrupolar mode of the poloidal field (magneti-
cally symmetric about the equatoria plane) was domi-
nant at those epochs[1, 2]. According to the model cal-
culations by Parker based on the turbulent dynamo
mechanism [3], the excitation thresholds for the dipole
and quadrupol e modes of the global field are very close.
For this reason, excitation of the quadrupolar mode due
to random factors, or, more likely, changesin the phys-
ical conditionsin the solar interior, cannot be ruled out.
For example, helioseismological measurements sug-
gest that regions with different angular velocities of
rotation can exist inside the Sun. Here, we use turbu-
lent-dynamo theory and recent helioseismological
measurements of the rotational velocity of the solar
interior to investigate the possibility of exciting the
guadrupolar mode of the poloidal magnetic field at a
specified phase of the activity cycle.

Helioseismological data [4-9] testify that the rota-
tional pattern depends strongly on both depth in the
solar convection zone (SCZ) and heliographic latitude.
The regular velocity field in the SCZ can be divided
into domains of fast (equatorial) and slow (polar) rota-

tion, with different signs of the radial angular-velocity
gradient 0Q/dr. The angular velocity decreases with
depth (0Q/dr > 0) near the equator and, in contrast,
increases with depth near the poles (0Q/or < 0). The
transition from fast to slow differential rotation occurs
in the relatively narrow latitude zone 40°-50° with a
radius-independent angular velocity; this zone sepa
rates the SCZ in each hemisphere into two spatial
domains with opposite signs of 0Q/dr. Moreover, in a
relatively thin layer near the base of the SCZ [10, 11],
known as the tachocline, the latitudinally differential
rotation sharply changes into amost uniform rotation
of theradiative zone, with an angular velocity typical of
the SCZ at latitudes 40°-50°. Finally, the recent heli-
oseismological discovery of substantial temporal and
spatial angular-velocity variationsinthe SCZ [8, 9] was
quite unexpected.

During the four and a half years from May 1995 to
November 1999, at the growth phase of solar cycle 23,
two independent research teams carried out comple-
mentary, nearly continuous helioseismological mea-
surements of the Doppler velocity field over the entire
solar disk. The first team conducted observations using
the GONG (Global Oscillation Network Group) ground-
based network of six observatories, while the other
used the Michelson Doppler Imager (MDI) aboard the
SOHO space station. Solving for therotational splitting
of the frequenciesfor acoustic and gravity (p andf) glo-
bal-oscillation modes enabled the detection near the
tachocline of appreciabletime variationsin the angular
velocity Q about its mean values over 4.5 years [8].

1063-7729/01/4509-0738%$21.00 © 2001 MAIK “Nauka/Interperiodica’
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Near the equatoria plane, the amplitude of variationsin
theresidual angular velocity 6Q hasaperiod of ~1.3 years
and reaches 6 nHz, whereas, at high latitudes, this
period decreases to one year and the amplitude
increases to 12 nHz. It is also interesting that the time
variations in the angular velocity are in antiphase at
fixed points of the solar radius above and below the
tachocline.

Another important result of these observations has
to do with the structure of coupled zonal streams with
velocities of up to 600 cm/s (0Q ~ 1.5 nHz), which
migrate from the poles to the equator over 22 years.
This structure is usually determined from direct Dop-
pler observations of the solar surface (so-called tor-
sional oscillations). However, helioseismological mea-
surements[9] show that it extendsinward in the SCZ to
depths of at least 60 Mm (r = 0.92R), which is much
deeper than 35000 km where the angular velocity
reaches its maximum value in the layer of negative
radial shear at low and middle latitudes. Systematic
time variations in the residual rotational velocity dQ
were also detected for subphotospheric oscillations. In
the equatoria plane, the angular velocity Q continu-
ously decreased during the 4.5-year interval, while a
transition to a more complex pattern of faster rotation
was noted at higher latitudes.

Obvioudly, in view of the magnetic nature of
dynamical variations within the SCZ, changes in the
strong toroidal magnetic field in the course of the solar
cycle should primarily perturb the parameters of the
low-energy turbulence—the eddy viscosity and, espe-
cially, the turbulent-convection helicity, which is the
most ordered. Unfortunately, even the unperturbed val-
ues of the turbulence parameters deep in the SCZ can-
not be determined using currently available techniques.
At the same time, helioseismology, which has aready
proven itself a powerful tool for studies of the interior
rotation, has recently demonstrated its use in identify-
ing spatial and temporal variationsin the regular veloc-
ity field. Detailed numerical models of the SCZ taking
into account variations of the turbulence parameters as
functions of the magnetic induction have not been cal-
culated (and it is not quite clear what kind of magnetic
field should be considered—small-scale or large-scale,
continuous, fragmented, or intermittent). At the same
time, the influence of rotation and large-scale magnetic
field (the excitation of macroscopic magnetism by heli-
cal turbulence) in convective envel opes was studied by
solving MHD equations. Rotation leads to the tensor
nature of the helicity parameter, while the magnetic
field causes the generation to slow down (a quenching)
[12]. Moreover, our computations show that the helicity
parameter changes sign near the base of the SCZ [13],
since the contributions to this parameter from radial
plasma-density inhomogeneities and turbulent pulsa
tions vary with depth. In this region, the large-scale
magnetic field also significantly inhibits the turbulence
diamagnetism acting against the magnetic buoyancy
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[14], which is important for estimates of the magnetic
fields retained near the base of the SCZ.

Therefore, it isimportant to concentrate on the ques-
tion of how the specific features of the interior rotation
detected in helioseismic measurements, together with
the variations in the helicity and turbulence-diamagne-
tism parameters deep in the SCZ reveaed by solutions
to the MHD equations, affect the conditions in which
the turbulent dynamo operates. We now turn to the
guestion of how these factors can be reflected in the
structure of the global magnetic field that is generated.

2. A TURBULENT DYNAMO AND THE MODES
OF THE GLOBAL SOLAR MAGNETIC FIELD

It is currently believed that the axisymmetric global
magnetic field B of the Sun consists of two compo-
nents—a stronger toroidal (azimuthal) field By stretched
along the solar parallels and aweaker poloidal (merid-
ional) fidld Bp, which is mainly localized at middle and
low latitudes on both sides of the equator, and is observed
mainly in polar regions[15-17]. The observed regularities
of solar magnetic activity testify that the poloidal and tor-
oidal fields are coupled and are evidently generated by a
single process, with the 22-year magnetic cycle being
the physical basis of solar activity. The most wide-
spread view isthat aturbulent magnetic dynamo acts as
the trigger for the solar cycle. Thisdynamo islocalized
in the SCZ, where the interaction between rotation and
convection produces a combination of rotational inho-
mogeneity and helical turbulent convection [15, 16].

We introduce a spherical coordinate system (r, 6, ¢)
with itsorigin at the center of asphere of radius R, and
its polar axis directed along the rotational axis of the
Sun (the heliographic latitude 6* often used by observ-
ersis90°- 08). The vector magnetic fieldsin a spherical
region can be described by surface and radial spherical
functions; the components B, and B can thus be rep-
resented by sums of individual fields corresponding to
particular degrees of multipolarity of spherical func-
tions: | = 1, dipole; | = 2, quadrupole; | = 3, octupole;
etc. [17]. The degree of multipolarity | characterizesthe
dependence of the field structure on the polar angle 6
and azimuth ¢, giving the number of nodal (zero) lines
(circles on the spherical surface) where the sign of the
magnetic field changes. In the case of axia symmetry,
when the field configuration is independent of azimuth ¢
(zero azimuthal order for the spherica functions, m=0),
the nodal lines will be parallel to the equator, dividing
the solar surface into | + 1 latitude zones with definite
magnetic-field signs (polarities).

The observed manifestation of the structure of the
surface global magnetism is the distribution of unipolar
magnetic fields, whose boundaries are defined by
prominences, filaments, filament channels, and plage
couloirs. These distributions are used to construct H,
maps of the polarity (sign) of the radial magnetic-field
component [18]. Another source of information about
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Fig. 1. Thefundamental antisymmetric (AQ) and symmetric
(S0) poloidal-field modes excited by the aQ process.
(@) right: dipolefield lines (thefirst odd term in the poloidal -
field expansion), |eft: dipole latitude zones with positive (+)
and negative () polarities of the surface (background) field
(I + 1 = 2); (b) right: quadrupole field lines (the first even
term in the poloidal-field expansion), |eft: quadrupole lati-
tude zones with positive (+) and negative (=) polarities of
the surfacefield (I + 1 = 3).

the sign of the surface field is magnetographic observa-
tions. Anayses of the zona structure of large-scale
photospheric magnetic fields based on Mt. Wilson mag-
netographic observations [19] and H, maps [20] indi-
cate that the degree of the latitude zonal mode | on the
solar surface can range from one to nine at different
phases of the cycle.

A model with aturbulent dynamo generating amean
(global) magnetic field through the combined action of
helical (cyclonic) turbulence and solar differential rota-
tion was first suggested by Parker [21], who called his
solutions to the magnetic-induction equations in the
form of migratory waves of magnetic field “dynamo
waves.” The observed migration of bipolar magnetic
regions and high-latitude carriers of weak magnetic
fields in the course of the solar cycle can be accounted
for in dynamo modelsif the angular velocity of rotation Q
varieswith radiusin the SCZ.

Accordingly, if we take into account only the radial
shear dQ(r, 8)/0r in the regular velocity field V(r, 6) =
Q(r, ©) x r =rsin0Q(r, 0) i, (Wherer is distance from
the center of the Sun), the induction equation describ-
ing the evolution of the global magnetic field in the
kinematic problem can be broken down into two equa-
tions[15-17, 21]:

0A/0t = aBy + DAA, (1)
0B/0t = rsinB(Bp1)Qiy, + curl(aBp) + DrABy.  (2)

Here, A isthetoroidal vector potentia (Bp = curlA); iy is
an azimuthal unit vector; = 9/0r, a O—(t/3) - rotul1]
-(2/3)QI%0In(pv,) is the parameter of the mean helic-
ity (gyrotropy) of the turbulent motion (helicity neces-
sarily arisesin arotating turbulent (convecting) plasma
with nonuniform density p); u, T, and | are the velocity
vector, the characterigtic time for turbulent pulsations, and
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their mean mixing length, respectively; v, is the radia
component of the rms turbulent velocity v = V2,
O= 0/dr, Dy = v, + vy = c¥/4Tior Uy IS the magnetic
eddy diffusivity; v, = ¢?/4ntcand vy (1/3)vI are the
magnetic and eddy viscosities, respectively, (in the
solar plasma, vy < v, so that D Ovy); o and o7 arethe
gas-kinetic and the eddy electrical conductivity, respec-
tively; and iy is the magnetic eddy permeability. The
action of the nonuniform rotation on the original poloi-
dal field Bp generates atoroidal field B (the Q effect);
helical turbulence acts on this toroida field, exciting a
poloidal field with polarity opposite to that of the orig-
inal field (the a effect), closing the solar dynamo cycle.
The inductive effect of the solar differential rotation is
several orders of magnitude stronger than the excitation
of fields due to the a effect; therefore, the second term
on theright-hand side of (2) can be neglected. Thus, we
arrive at a system of equations describing the so-called
0oQ mechanism for the generation of the global mag-
netic field [15-17, 21].

The simplest solutions to the system of induction
equations (1), (2) are the antisymmetric mode A0 and
symmetric mode SO of the fundamenta (first two)
terms in the multipolar expansion, representing purely
dipolar (I = 1) and purely quadrupolar (I = 2) fields (see
Fig. 1 for anillustration of the basic modes of the poloi-
dal field). Higher-degree multipoles (1 =3, 4, 5, ...) are
similar to the dipole and quadrupole in terms of their
symmetry about the equatoria plane. The field that is
actually realized is determined by the particular condi-
tions for the field excitation.

3. WAVE NUMBERS OF THE DYNAMO WAVES

Parker [3] suggested seeking solutions to the induc-
tion equations (1) and (2) in the form of dynamo waves
migrating in the meridional direction:

Cexp[t/T— i(gKr)], 3)
where

K = (aGIv)™* = NSk @)

isthe wave number of the dynamo wave, which charac-
terizes the scale of the field variations. Here, k is the
normal wave number, g = k/K the dimensionless wave

number, C an arbitrary constant, N, = aG/v3 K the
dimensionless dynamo number, which reflects the inten-
sity of the dynamo process, and G = roQ/dr a measure
of the radially differential rotation. Substitution of the
required wave-type form of solution into the system of
dynamo equations (1) and (2) yields a dispersion rela
tion (algebraic equation for the dimensionless wave
number q) characterizing the dynamo effect:

(A+0»)*-igq=0, (5)
where
A= 1/tv;K2 + K¥YK2, (6)
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The rate of field production or annihilation is deter-
mined by the growth exponent

Re(1/1) = +

1/2
%a Gk‘ —v2k, %

whereasthe oscillation frequency of thefield wisdeter-
mined by

Im(1/t) =

1 1/2
Ea Gk‘ (for a Gk > 0), 8)
or

Im(1l/t) = ¥

1 12
éaGk‘ (for a Gk < 0).
Accordingly, the dynamo-wave period is
1 12
T=21Ww = ZH‘éaGk‘ : 9)

The direction of the meridional migration of the wave
depends on the sign of the product aG [22]: for aG <0
[and K < O, in accordance with (4)], the wave travels
toward the equator (in the northern hemisphere); for
oG >0 (K> 0), thewavetravels poleward. A necessary

condition for growth of the field is |aGk| > 2v$ k4,
which acquires the very simple form |Np| > 2 if the
dimensionless dynamo number is used.

We note that, when treated using new analytical
methods [23, 24], the Parker dynamo equations predict
the existence of three dynamo waves of the solar mag-
netic field with different intensities, localizations, and
directions, even for the same (negative) sign of the
product aG. In aregion extending over most of a solar
hemisphere, the most intense, direct Parker dynamo
wave travels toward the eguator from high latitudes.
However, the migration of the wave is opposite in the
polar zone. Thus, at high latitudes (=80°), an inverse
Parker dynamo wave (incident polar wave) can beiden-
tified, which travels poleward and is much weaker than
the direct wave. Finally, athird, even weaker, reflected
polar wave propagates from the pole toward the equa-
tor, decaying exponentialy as it travels from the pole.
Here, we restrict our consideration to applying classic
Parker techniques to the structure of the global mag-
netic field, leaving investigations of the evolution and
dynamics of the fields using new methods to future
analyses.

Parker [3] analyzed several spatidly localized
dynamo modelsin order to demonstrate the possibility
of generating various magnetic-field modes under vari-
ous excitation conditions. To simplify the model calcu-
lations, he considered a very thin spherical layer, which
can be taken to be planar, and used a Cartesian rather
than spherical geometry. From his solutions to the
dynamo equations in a spherical and locally Cartesian
coordinate system (with theradia direction chosen for the
X axis, the azimutha direction of rotation for the y axis,
and north for the z axis), Parker found that quantitative
2001
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Fig. 2. Radial distribution of time-averaged (over 1995—
1999) velocities of the interior rotation of the Sun for vari-
ous latitudes, measured helioseismologically using the
ground-based GONG network (from [8]). Directly above
the base of the SCZ (r J0.71Ry), in the tachocline [r =
(0.66-0.71)R)], an abrupt transition from the latitudinally
differentid to dmogt uniform rotation of the radiative zone
takes place. The verticd bars (for latitudes 0°, 30°, and 60°)
mark the amplitudes of time variations in the angular velocity,
which arein antiphase at fixed points above (r = 0.72R) and
below (r = 0.63R) thetachocline. The period of these ocilla-
tions varies from ~1.3 years (in the equatoria plane, where
[0Q]is~6 nHZz) to ~1 year (at latitude 60°, where |5Q|~
12 nHz). The shading at distances (0.92-1.00)R, indicates
the region where the structure of the torsional oscillationsis
maintained. The vertical bars at 0.95R- mark the range of
time evolution of these oscillations over four years, [6Q|~
5-6 nHz (results of observations on the GONG network and
with MDI aboard the SOHO space station [9]). The region
of efficient aQ generation studied here, r = (0.73-0.77)Rp,
is aso shown.

estimates for the relatively thin solar convective envelope
are essentidly independent of the geometry. Itisimportant
that stationary fields vanish in extended thin layers, while
primarily oscillatory modes are excited. To determine the
Sizeof therectangular dynamo region, Parker introduced
the parameter A describing the horizontal dimension of
the dynamo region, which extends in the (meridional)
z direction from the equatorial planeto the poles (see
Fig. 3in[3]). By definition, A > O for the northern and
—A < 0 for the southern hemisphere. The parameter
describing the vertical extent of the dynamo region is
its thickness measured dong aradius, which corresponds
to a relatively thin sublayer of the convective envelope.
The (larger) horizontal size of the dynamo region deter-
mines the efficiency of field generation and the (smaller)
vertical sizefield dissipation.

The boundary conditions of the problem (field con-
tinuity at the equator and vanishing of the azimuthal
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dQ/dr >0

Dynamo region 2

10°

40°
dQ/dr >0

Dynamo region 1

—t—t—t———1-—

Tachocline

i Convection
Si zone

Radiative
zone

Fig. 3. Dipole and quadrupole poloidal-field modes excited
by the 0Q-dynamo mechanism in the lower part of the SCZ
(in the neighborhood of the tachocline) at the growth phase
of activity cycle 23. Right: magnetic field lines of thedipole
(6* < 40°) and quadrupole (6* > 50°); left: the correspond-
ing latitude zones of positive (+) and negative () magnetic
polarity of the surface (background) field.

and latitudinal magnetic-field components at the poles)
reduce the solution to separate treatments of the disper-
sion relations for the wave numbers KA of the even and
odd dynamo-wave modes. The character of the excita-
tion depends on KA. By solving the dispersion rela-
tions, Parker found [3] that a stationary dynamo
(Im(1/t) = w = 0] is more likely for moderate KA
(JKA] = 3-6), while a tendency for the excitation of
oscillatory fields (w # 0) can be observed as this num-
ber isincreased.

Since we are primarily interested in periodic fields,
we will consider in detail the requirements for the KA
eigenvalues for which a globa oscillatory magnetic
field can be excited:

Odd modes (dipole, octupole, etc.):
for negative KA:

KA =—7.43 (dipole), —16.1 (octupole), —24.8,-33.5, ...
for positive KA:
KA =+9.10 (dipole), +17.8 (octupole), +26.5, +35.2, ...
Even modes (quadrupole, etc.):
for positive KA:
KA =+ 7.43 (quadrupole), +16.1, +24.8, +33.5, ...
for negative KA,
KA =-9.10 (quadrupole), +17.8, +26.5, +35.2, ...

Clearly, for negative KA, the fundamental odd (anti-
symmetric), i.e., dipole, mode can be excited most
effectively, sinceit requires KA =—7.43, whereas KA =
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—9.10 is required for the excitation of the even (sym-
metric), i.e., quadrupole, mode. In contrast, the quadru-
pole modeis preferred for positive KA, sinceit requires
KA =+7.43, whichissmaller than thevalue KA =+9.10
required for the dipole mode.

It isimportant that the excitation thresholds for the
fundamental modes of the globa field, A0 and SO
(dipole and quadrupole), do not differ greatly. There-
fore, as aready noted, excitation of the quadrupole
mode due to small changes in the physical parameters
of the SCZ cannot be ruled out. An important source of
the information needed to resolve this question is heli-
0sel smic measurements, which provide invaluable data
on spatial and temporal angular-velocity variations in
the solar interior.

4. MODEL CALCULATIONS

The aQ dynamo cannot operate in the upper region
of the SCZ, since thefield losses due to magnetic buoy-
ancy are very large [16]. The overshoot layer near the
base of the SCZ is believed to be most favorable for
efficient dynamo action, due to two factors that facili-
tate the generation of strong fields in that region. First,
therate at which the magnetic field rises should be low-
est in deep layers because of the high density there[16].
Second, diamagnetism due to the highly devel oped tur-
bulence in the lower half of the SCZ counteracts mag-
netic buoyancy and, according to our studies [14, 25],
can suppress the rising of especialy strong magnetic
fields over long times. Moreover, in the lower part of
the SCZ, the relative radial gradient of turbulent pulsa-
tions, Ov,/v,, makesalarger contribution to the helicity
parameter o = —(2/3)QI2O1n(pv,) than doestherelative
vertical gradient of the density, [p /p. As a result, the
o effect changes sign there from positive to negative (in
the northern hemisphere) [13, 26]. In combination with
the positive 0Q/dr, this yields a negative product aG
near the equator, which is necessary for dynamo waves
to propagate toward the equator.

We add the following notes concerning the differen-
tial rotation to the above considerations. By analogy to
the tachocline, we will refer to the region of a radius-
independent angular velocity at latitudes 40°-50°
extending from the solar surface to the radiative zone
(of amost rigid rotation) asthe “tachoconst.” It plays a
very important role in distributing the angular velocity
in the solar interior, dividing the SCZ into domains of
fast (dependent on distance from the rotational axis)
and slow (dependent on distance from the equatorial
plane) rotation with opposite signs of dQ/adr, in contact
with the radiative zone. Obviously, the signs of the cal-
culated dynamo wave numbers KA will be different in
these domains. Therefore, the conditions for the dynamo
effect should be studied for the deepest SCZ layersand for
thetwo latitude ranges 0°—40° and 50°-90°. In our calcu-
lations, we will use the SCZ modéd of Stix [27].
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We specify a rectangular local-dynamo region as
follows. We consider a relatively thin convective layer
of thicknessAz 030 Mm (Ar 00.04R) in the lower part
of the SCZ, at depths z [Jranging from 160 to 190 Mm,
where the helicity parameter a is negative [13, 26].
Then, the midplane of the vertical extent of the dynamo
region (z[0175 Mm) is located a distance rp [15.2 x
10'° cm from the center of the Sun, where the eddy vis-
cosity isv 03 x 10'2 cm?/s[14]. We define the merid-
ional horizontal extent A, of the low-latitude (equato-
rial) dynamo region as its size on the spherical surface
r'o = const from the equator to the tachoconst, i.e., to the
latitude 6* = 40°; specifically, A, 021 5(40°/360°) 0
3.6 x 10'° cm. We will refer to this equatorial region as
dynamo region 1 (DR1). Similarly, the extent of the
high-latitude (polar) dynamo region 2 (DR2) from the
tachoconst (latitude 6* = 50°) to the poleis A, [13.6 x
10'° cm.

Wewill now directly estimate KA for deep SCZ lay-
ers in a mixing-length approximation using our sche-
matic rectangular dynamo model. To this end, we must
averaged(r, ) and 0Q(r, 8)/0r over thevertica (radial)
and horizontal (latitudinal) extents of the dynamo
region in each domain. We will use here the values of
these parameters at the points corresponding to depth
z 0175 Mm and latitudes of 20° and 70° (the centra
latitudes of DR1 and DR2) as the average physical
parameters.

To determine the magnitude and sign of 0Q(r, 6+)/or,
we used helioseismological data obtained at the growth
phase of activity cycle 23 (1995-1999) [8], in the form
of curves representing the angular velocity averaged
over the entire observation period as a function of the
relative solar radius r/R, for five heliographic lati-
tudes—0°, 15°, 30°, 45°, and 60° (Fig. 2), and interpo-
lated these dependences. The angular-velocity curves
were analyzed using the Mathcad 2000 software pack-
age. To find the latitude distribution of the angular
velocity, we constructed a 6 x 41 matrix of angular-
velocity values along aradius in the SCZ for five lati-
tudes. A harmonic analysis using the trapezia method
was applied to these values to find the coefficients of
the Fourier series for the given latitudes. The correla
tion between the experimental data and the values
obtained from the Fourier series was 0.93-0.99 when
sixth-order coefficients were used. The |atitude-depen-
dent (as the latitude cosine squared) Fourier coeffi-
cients of the polynomial regression were used to obtain
continuous latitude dependences for the angular velocity.
The Fourier series determines the angular-velocity distri-
bution in polar coordinates (r, 8*). According to these
interpolations, in the region DR1, the radia decrease in
angular velocity over depths 160-190 Mm in the 20° lati-
tude plane is AQ [0 +3 nHz, which corresponds to the
radid gradient 0Q/or OAQ/dr +3 nHz/30 Mm [0+1 x
10° nHz/cm =+ 6.3 x 1078 rad/s cm. Accordingly, the
magnitude of the differential rotation will be G, =
rp0QM/or 0+3.3 x 1077 rad/s.
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The kinematic numerical ssimulations produced in a
number of studies based on the aQ-dynamo mecha
nism and the actual physical parameters of the SCZ
reproduce well the basic observed regularities of the
magnetic activity of the Sun. However, the dynamo-wave
period T computed according to (9) is much shorter (about
one year) than the observed mean duration of the solar
cycle (about 11 years) [15, 28]. This compels searchesfor
ways to lengthen the caculated dynamo-wave period.
The main source of hope for thisis nonlinear effects.

As shown by Ridiger and Kichatinov [12, 29], a
global magnetic field B that gives rise to turbulence
anisotropy sows magnetic-field excitation viathe a effect
(so-cdled o quenching) and inhibits macroscopic diamag-
netism in a nonuniform turbulent plasma. Magnetic
quenching of field generation is described by the expres-
sion a(B) = a,W4(B) (where q, is the nonmagnetic
value of the turbulence-helicity parameter and W, (B) is
the quenching function normalized to unity a B = 0
[12]), whereas the suppression of turbulence diamagne-
tism is given by the expression Vp(B) = 6V,Wp(B)
(where Vp(B) and V,, = -V /2 are the field-transport
rates in the nonlinear and kinematic regimes, respec-
tively, and Wy(B) is the diamagnetism-suppression
function normalized to 1/6 at B = 0 [29]).

According to our calculations [25], turbulence dia-
magnetism is substantialy inhibited in nonlinear
regimes near the base of the SCZ, but even the reduced
velocity of the downward field transport is sufficient to
compensate the magnetic rising of strong fields. For
this reason, strong magnetic fields (B [13000-4000 G)
can be held there for a long time, substantially sup-
pressing the a effect. The quenching function is 0.4
[26]; therefore, the helicity parameter a assumes much
smaller values than predicted by calculations in the
kinematic approximation. This meansthat a quenching
will considerably lengthen the calculated dynamo-
wave period. Moreover, the helicity parameter changes
sign at a depth of 155 Mm (from positive to negative
with increased depth in the solar interior) [13, 26],
which is important in determining the direction of
dynamo-wave propagation. According to our estimates
taking into account a quenching, the azimuthal compo-
nent of the helicity tensor, dye/cos8 0-(2/3)Q|*Cin(pv,)
(where Q, isthe surface value of the angular velocity at
the equator), reaches about —10° cm/s near the base of
the SCZ [26]. If we adopt the mean value ag, [0-5 %
102 cm/sfor z[J175 Mm, the helicity parameter at these
depths at alatitude of 20° in domain DR1 will be a, =
Oy c08(90°-20°) -2 x 10* cm/s.

Based on the estimates for all the necessary param-
eters, we can directly calculate the wave number KA of
the dynamo wave in DR1 (for the northern hemisphere)
to be

KA, = (0,6 A2 =7,

which is close to the eigenvalue required for a dipole
(KA = =7.43) derived by Parker from the dispersion
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relations. Thus the turbulent dynamo excites, first and
foremost, the lowest antisymmetric oscillatory mode of
the poloidal field—the dipole mode (Fig. 3). Theinten-
sity of the dynamo process is characterized by the
dimensionless dynamo number Np; as aready noted, a
necessary condition for the growth of thefield is [Np| > 2.
The dynamo number can conveniently be represented
in terms of the specia magnetic Reynolds numbers R, =

oA vrand Ry =G, )\f /1, which characterize theinten-

sities of the a- and Q effects, respectively: Np = R,R,.
A typical indication of the aQ processis the condition
|Rq| > |R,|- According to our calculations, |R,| 2.5,
|Rq| 0140, and [Ny | 0350, so that the physical param-
eters of the SCZ providethe conditions necessary for an
0aQ dynamo in DR1. Theradial shear 0QV/or produces
astrong two-ring toroidal field from the dipole field. Our
estimatesyield thefollowing period for the propagation of
thedynamo wave from latitude 40° to the equator (K, < 0):

1. V2
Tl = 2T[/‘§S|n(90°—40°)(Xllel

~ oL anene &) vz _
~2TU§sm50 (a,0Q/0r)(rp/A,)| =7 years,

in satisfactory agreement with the mean duration of the
solar cycle (here, we have assumed k; = 1/A)).

In the polar domain, the radial nonuniformity of the
rotation changes sign. Our estimates indicate that the
radia gradient of the angular velocity within thefield-gen-
eration region in the 70° latitude plane is 0Q@/or -8 x
108 rad/scm (G, =rp0Q®/or 0—4 x 1077 rad/s), and the
helicity parameter is d, [ 0y[Q(rp, 70°)/Qp]cos(90°—
70°) O-3 x 102 cm/s. Therefore, the calculated wave
number will be positive (K,A, = +8) in DR2, and the
conditions will be more favorable for excitation of the
fundamental symmetric, quadrupole mode (which,
according to Parker, requires KA = +7.43); see Fig. 3.
In this case, the period for the dynamo wave's propaga-
tion toward the pole (K, > 0) is about half that in the
equatorial domain.

5. DISCUSSION

Thus, the physical parameters of deep SCZ layers
near the tachocline provide the conditions necessary for
the aQ process. A schematic model with alocally rectan-
gular Parker dynamo taking into account the time-aver-
aged interior rotation of the Sun suggests that the funda-
menta antisymmetric (odd) poloidal-field, dipole, mode
can be excited more easily at low latitudes, whereas the
conditions at |atitudes higher than 50° are more favor-
able for the excitation of the lowest symmetric (even),
guadrupole, mode. For thisreason, the net poloidal field
is asymmetric about the equatorial plane. In one—e.g.,
the northern—hemisphere, the poloidal field should be
reduced at middle latitudes, where the magnetic field
lines of the dipole and quadrupole are oppositely
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directed. At the same time, the poloidal field will be
enhanced at middle latitudes in the southern hemi-
sphere, since the dipole and quadrupolefield lines have
the same direction (see Fig. 5).

In this case, observations of large-scale magnetic
structures should reveal a surface north—south asymme-
try (anomaly)—three latitude zones of aternating mag-
netic polarity in the northern hemisphere and two such
zones in the southern hemisphere, with the same polar-
ity in both polar zones (Fig. 3). This“monopole’” mag-
netic structure of the polar zones can account for the
even symmetry of the polar magnetic fieldswith respect
to the equator observed near the maxima of solar
cycles.

Sincethe helicity of the turbulent convection is sub-
stantialy inhibited by the globa magnetism (W, 0.4),
the calculated period of the dynamo wave's propaga-
tion from the middle latitudes to the equator is length-
ened to about seven years, which agrees to order of
magnitude with the observed mean duration of the sun-

spot cycle.

To compare our model calculations with observa-
tions, it is of interest to determine the surface structure
of the poloidal field using the method of Yoshimura
[28] and magnetic synoptic maps based on magneto-
graphic observations. To this end, we divide the solar
surfaceinto 30 equal zonesin latitude 6* and 36 sectors
(of 10° each) in longitude (azimuth) ¢, covering the
entire solar disk with agrid of 1080 points. At each of
these points, the observed field will be B(6*, ¢). The
technique used to determine the surface poloidal field
Bp(6*) involves averaging the observed field B(6*, ¢)
over longitude ¢ for agiven latitude 6* according to the
formula

2n

Bo(6%) = 5 [ B(6*, $)do (10)

(with the integration performed over al longitudes of
the synoptic map). To reveal the asymmetry of the
large-scale magnetism, the field observed during 1995—
1999 should be averaged over many solar rotations (no
fewer than 14 rotations, corresponding to atime span of
about a year).

The appreciable time variations in the angular
velocity (612 nHz) detected in recent heliosei smol og-
ical measurements over all latitudes near the base of the
SCZ [8] are comparable with the angular-velocity
decrease across the tachocline (Fig. 2), which opens
new possibilities for the turbulent dynamo mechanism
to explain variations in the magnetic asymmetry with
the phase of the cycle. The coupled zonal flows deeply
penetrating into the SCZ revealed by the same measure-
ments [9] may be time-dependent phenomena related to
the propagation of rotational disturbances from the inter-
face between the radiation and convection zones to the
solar surface and back, along magnetic field lines (tor-
siond oscillations migrating inward in the Sun) [30].
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Despite difficulties in the interpretation of magneto-
graphic measurements, based on studies of oscillations
of the overall magnetic field in time using the zero-res-
olution method, Severnyi [31] concluded that the spa-
tial magnetic asymmetry of the Sun is areal phenome-
non, and one of the most enigmatic problems in solar
physics. It may be possible to resolve this problem if
the regions with different angular velocities are mag-
netically isolated from one another [32, 33].

One of the leaders of the Kiev corona-physics school
V.I. Ivanchuk, who has studied relationships between
the coronal structure and the N—S asymmetry of mag-
netic activity over the past 50 years based on observa
tions of solar eclipses, suggested that two—a northern
and southern—magnetic suns should be considered
separately. Thus, from the standpoint of the generation
of “northern and southern global magnetism,” it would
be interesting to derive the interior rotation of the Sun
from helioseismological data separately for the north-
ern and southern hemispheres.
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Abstract—The latitudes of the zonal boundaries of the global magnetic field of the Sun are determined from
the magnetic neutral lines on synoptic Ha maps obtained during 1878-1999. The area of the polar zone occu-
pied by magnetic field of a single polarity at solar minima has doubled over the last 120 years. This provides
an explanation for the secular increase in heliospheric characteristics, which differs from the two-fold increase
of the magnetic field strength predicted for this period. The temporal variations of the magnetic flux from the
polar regions and their role in global changes of the Earth’s climate are discussed in connection with secular
variations in the structure of the internal magnetic field of the Sun. © 2001 MAIK “ Nauka/Interperiodica” .

1. INTRODUCTION

A number of indirect pieces of evidence for the
growth in the solar magnetic field with time have
recently been published [1]. This is related to both
changes of the internal structure of the Sun and to the
global warming and growth of the surface temperature
of oceans on the Earth [2]. Recently, warming was
detected in both meteorological observations and den-
drology measurements. As a rule, global warming is
associated with human activity. An analysis of mea
surements of the radial component of the interplanetary
magnetic field detected at the Earth’s orbit during
1964-1996 was performed in [1]. This analysis shows
that the magnetic field in the solar corona has grown by
40 per cent over the last 32 years. The behavior of the
[Aallgeomagnetic-activity index over the last 100 years
suggests that the solar magnetic field has grown by a
factor of 2.3 [1].

This conclusion is very important from atheoretical
point of view, since it presents fundamental new prob-
lems and restrictions for dynamo theory. In addition, it
is obvious that this effect could be significant for geo-
physical phenomena and long-term climatic variations.
On the one hand, the magnetic field is the source of
every activity on the Sun. On the other hand, thereisa
correlation between the Wolf number (as an index of
local activity) and the total flux of the solar radiation.
Consequently, we expect that the flux of solar radiation
should change with time. Indeed, the solar radiation
changes with a period of about 11 years. However, we
are interested here in the long-term trend, namely, the
growth of the solar radiation by 0.036 per cent each
decade[3].

Note, however, that a direct comparison of the
results of [1] and [3] israther complicated. One usually
associates variations in the solar radiation with local

fields (numbers of sunspots and flocculi). At the same
time, the heliospheric magnetic field is determined by
open configurations, which, in turn, are determined by
global and large-scale magnetic fields. The contribution
of local magnetic fields is rather small. These fields
exhibit an 11-year periodicity, while variations in the
global magnetic field of the Sun lead those of the local
magnetic field by 5-6 yrs[4, 5]. In addition, it is shown
in[6, 7] that the global magnetic field, together with the
local field, is responsible for variaionsin the solar radia-
tion to an appreciate extent. The results presented in [1]
agree with the previous results of [8], which showed that
computations of the magnetic field near the Earth and in
the heliogphere based on observations of the photospheric
magnetic field are in agreement with direct measurements
made by instruments on spacecraft.

Theresults of [1] and [8] were recently criticized in
[9, 10], where it was pointed out that solar observations
over the last 32 years do not indicate any “secular” or
long-term variations in the magnetic field. Kotov and
Kotova [9, 10] attribute the agreement between the
computations and measurements of the magnetic field
to the application of an artificial correction that depends
on the latitude of the measurement point. However, we
do not accept all the arguments presented in[9, 10]. For
example, the observations of the Sun as a star inter-
preted in [9, 10] as observations of the total magnetic
field of the Sun are not unambiguously related to the
interplanetary magnetic field. In fact, the “magnetic field
of the Sun as a star” reflects the imbalance between the
magnetic fluxes of opposite polarities detected in the visi-
ble solar hemisphere. The magnetic fields of various
structures contribute to this quantity, with weights pro-
portional to the radiation intensity. The peripheral por-
tions of the visible solar hemisphere make a small con-
tribution. It is particularly important that the polar mag-
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netic field, which dominates in the formation of the
heliospheric magnetic field, also makes a small contri-
bution. These magnetic fields of various structures con-
tribute to the “magnetic field of the Sun as a star” and
the heliospheric magnetic field with different weights,
which is of fundamental importance.

Note that some of these remarks are aso applicable
to the Stanford measurements of the magnetic field
used in [8]. It is well known that the solar polar mag-
netic fields indicated by magnetograph measurements
are strongly underestimated. A correction taking into
account the latitude dependence of the polar field is not
unquestionable and, in part, wasintroduced precisely to
provide agreement with measurements performed near
the Earth. Therefore, we cannot consider an agreement
between the computations and spacecraft measure-
ments as an independent verification of the relation
between them. Note also that the “coronal” magnetic
field used in[1], infact, isthe magnetic field at the base
of the heliosphere; i.e., at distances of (2.5-3.5)R, from
the center of the Sun. As arule, the coronal magnetic
field is defined as the field at distances considerably
smaller than 2.5R,.

2. OBSERVATIONAL DATA

We consider here data on the latitude-temporal dis-
tribution of unipolar regions of large-scale solar mag-
netic field accumulated over 120 years (1878-1999).
These datawere derived from synoptic Ha maps of the
distribution of magnetic neutral lines constructed using
thetechnigque presented in[11, 12]. Although these data
are based only on the polarity of the magnetic field,
they provide reliable statistic information on long-term
variations of the global field. Studies of magnetic Ha
maps have led to detailed analyses of changes in the
polarity of the solar magnetic field [13], the discovery
of three-fold changes in the polarity of the polar mag-
netic field [14], the detection of the 55-year cycle of
solar activity in torsional vibrations [15], and the con-
clusion that the large-scale magnetic field of the Sunis
primary with regard to the local fields of active regions
[5, 16]. The magnetic Ho maps were tested via compar-
isonswith various solar and geophysical data: the num-
ber of polar faculae and the divergence of polar mag-
netic field linesindicated by eclipse data[17], and vari-
ationsof Galactic cosmicrays[18, 19]. We can estimate
the polar activity of the Sun at the photospheric level
from the number of polar faculae observed at the Kislo-
vodsk Mountain Station of the Main Astronomical
Observatory in 1960-1999 [20]. There is a correlation
between the number of polar faculae and the strength of
the polar magnetic field [21].

3. VARIATIONS OF THE AREA
OF POLAR REGIONS

The axially symmetric component of the solar mag-
netic field exhibits a zonal structure with a characteris-
tic scale that is determined by either the mean latitude
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of the magnetic neutral lines or the boundaries of the
zona structure [13, 14]. Asarule, a solar minima, | =3
for m =0, where | and m are numbers of harmonics of
the magnetic field expanded in spherical functions.
During an activity minimum, the boundaries of the
zonal structure are located near latitudes of 40° and 0°,
but vary from cycleto cycle. At solar maxima, the mag-
netic-field structure is described by | ~5-7 for m= 0.
During these periods, in addition to two high-latitude
boundaries that drift toward the poles, there are two
zonal boundaries at |atitudes of about 20° in both hemi-
spheres.

Asisnoted in [1], solar magnetic-field data for the
last 100 years were derived from analyses of the geo-
magnetic index [dall This planetary magnetospheric
index has been determined since 1868 from three-hour
measurements of the geomagnetic field at two antipo-
dal stations[22]. The high correlation between [daland
the velocity of the solar wind near the Earth reflects the
fundamental relationship between solar and geomag-
netic activities. It is known that the cycle of the geo-
magnetic index [dallincludes severa components [23].
The component related to the poloidal magnetic field
(polar coronal holes) is shifted with respect to the sun-
spot cycle by 5-6 yrs [23]. The heliospheric magnetic
field is determined by collections of open magnetic
lines associated with the solar polar regions.

We can estimate the secular variations of the helio-
spheric field by estimating long-term variations in the
ratio of the areas occupied by local and global fields.
The concept of aboundary separating regions of global
(polar) and local magnetic fields was introduced in
[24]. This boundary characterizes secular variationsin
theratio of the areas occupied by local and global fields
in the clearest manner at the minima of 11-year cycles.
Table 1 and Fig. 5b of [24] present the locations of
high-latitude boundaries of the zonal structure of the
magnetic field at solar minima. These boundaries sepa-
rate the high-latitude unipolar magnetic field of the Sun
from the local magnetic fields of active regions of sun-
spots and faculae. Table 1 and Fig. 5b of [24] show that
the high-latitude zonal boundary separating polar and
sunspot activities moved toward the equator by on aver-
age 15° over the 12 solar cycles from 1878 to 1999
(Fig. 1). The northern zonal boundary shifted from 55°
in 1878 to 36° in 1996. A similar phenomenon takes
place in the southern hemisphere, where the zonal
boundary shifted from 51° in 1878 to 39° in 1996. Dur-
ing this whole time, the behavior of the high-latitude
boundary clearly exhibitsthe magnetic 22-year cycleas
apair of even and odd 11-year cycles. On average, the
latitude of this high-latitude boundary is 4° higher in
even cyclesthan in odd cycles. Thismeansthat the area
of the solar polar zone occupied by magnetic field of a
single polarity and, probably, the flux of the dipolar
magnetic field change during the 22-year cycle. This
behavior is less clearly visible for the low-latitude
boundary. Nevertheless, a reversed law can be
observed; i.e., apair of odd and even cycles. Note that
the northern hemisphere was more active than the
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Latitude southern hemisphere over the last 120 years, since it
55¢% displayed a shift of the zona boundary toward the
equator of 19°, while the southern shift was only 12°.
Nevertheless, the total increase in the area of the solar
polar zone occupied by magnetic field of asingle polar-
ity at solar minimais clearly observed.

Let us consider variations of the area of the polar
zone of single polarity of the solar magnetic field during
1878-1999. A spherica segment with angle 172 — ¢,
where ¢ is the latitude of the high-latitude boundary,
occupies arelative area S= (1 — sin$)/2 in units of the
. total solar surface. Table 1 from [24] showsthat, at solar

minima, the polar region of magnetic field of a single

: polarity occupied a relative area of 0.202 in 1878 and
0.392in1996; i.e., thisareaincreased by afactor of 1.9.
Thisamost twofold increasein the area of the high-lat-

. . itude zone of unipolar magnetic field over the last 120

Fig. 1. Thelatitude of the zonal boundary of the large-scale S : ; :

mggnetic field of the Sun at minima of 1:L¥year cyclegs 12-23 yearsisin agreeme.”t with the Increase m.the geomag-

from 1878 to 1996 from magnetic synoptic Ha maps (the netic index [dalduring the same period (Fig. 2). There-

filled and empty circles correspond to odd and even cycles). fore, we attribute the doubling of the solar magnetic
field obtained in [1] to an increase in the magnetic flux
from the polar regions of the Sun, associated with an
aa Apz  increasein the area occupied by field of asingle polar-
ity. Obviously, this polar magnetic flux is determined
by polar coronal holesand isdirectly related to the geo-
magnetic activity expressed by [dallThis result is con-
nected with the problem of long-term changes in the
internal structure of the Sun, which, inturn, isrelated to
global variations of solar activity and the Earth's cli-
mate. The Maunder minimum of solar activity and cor-
responding “littleice age” on the Earth isaclear exam-
ple of climatic changes due to the global changes in
solar activity.
Let usintroduce as an index of variations of the glo-

50

45

40

35 1 1 1 1 1 1
12 14 16 18 20 22

Solar cycles

Or Apz 12 bal magnetic field the area of the solar polar cap (with
! ! ! ! ! ! ! ! latitudes higher than 40°) occupied by magnetic field of
1920 1930 1940 1950 1960 1970 1980 199 a single polarity. We denote this area Apz. Figure 2
Years compares the temporal variations of [dalJand Apz in

1915-1999; itisclear that variationsin [dalland Apz are

Fig. 2. The annual average geomagnetic index [daland area virtually identical. The asterisksin Fig. 2 mark epochs
Apz of unipolar magnetic regions of the solar polar caps for of polarity reversals for the polar magnetic field during
latitudes above 40° and corresponding linear approxima- this period (according to [20]). We can see an abrupt

tions. The asterisks mark epochs of polarity reversals of the

polar magnetic field derived from Ha maps. increase in @daldimmedi ately after pOIarIty reversals.

This is clearly associated with the formation of polar
coronal holes, which enhance the solar wind and,
accordingly, the geomagnetic index [dall Figure 3
shows [dalJand Apz smoothed over six years. We can
see that the behavior of the two indicesis virtually the
same over these 85 years.

We can obtain another estimate of this effect by cal-
culating the sum of the magnetic moments of the solar
dipole and octupole fields [5] using the coefficients of
the expansion of the magnetic field into spherical func-
tions for Ha maps for 1915-1999 [17]:

hip = using, gy = HcosdcosA,

aa Apz
30

1 1 1 1
1920 1940 1960 1980 Years h;; = pcosdsinA,
Fig. 3. Theindex [aland area Apz of polar caps smoothed where [ isthe dipole magnetic moment, ¢ and A arethe
with awindow of six years during the period 1915-1999. latitude and longitude of the north pole of the dipolein
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Fig. 4. The latitude of the solar magnetic dipole “equator.”

a Carrington coordinate frame, and g,,, 9;, and h,, are
the expansion coefficients presented in [17]. Note that
these coefficients do not include a polar correction. We
can determine the dipole magnetic moment and the | at-
itude of its“equator” ® = 90° — ¢ using these relations
for each Carrington rotation. We then smoothed these
quantitieswith aten-year window. Figure 4 presentsthe
position of the solar dipole equator ®. We can see agrad-
ua trend of ® to move toward lower |atitudes. Thismeans
that the average (over 10 years) position of the solar dipole
equator and the similar tilt of the heliospheric current sheet
decrease with time. Figure 5 shows the magnetic dipole
moment L of the Sun. We can seethat thereisaclear trend,
which can be interpreted as a growth in the magnetic
dipole field. However, we should remember that our cal-
culations use only neutral lines of the magnetic field
derived from Ha maps. This means that the increasein
actually describes the growth of the polar-cap area dis-
cussed above.

Therefore, this suggests that the area of the polar
region occupied by magneticfield of asingle polarity at
solar minima has nearly doubled over the period 1878—
1996. Thisisdirectly related to the conclusion drawnin
[1] based on an analysis of the geomagnetic index [dall
that the magnetic field increased by afactor of two over
the past 100 years [1]. Here, we show that the increase
in [daldis more likely due to an increase in the area of
the solar polar cap and the corresponding increase in
the magnetic flux from the Sun, which had been inter-
preted as an increase in the magnetic field strength.
However, our result does not resolve the problem of
global secular variations of the solar magnetic field, but
only turnsit in another direction. The nature of secular
variations of the zonal structure of the solar magnetic
field remains unclear.

4. POLAR MAGNETIC FIELD OF THE SUN

High-latitude and polar activity of the Sunisnot dis-
played only by corona holes. Polar faculae in white
light accompanied by kilogauss magnetic fields, bright
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Fig. 5. The magnetic dipole moment of the Sun.

X-ray points, and transient active regions represent a
special class of solar activity at |atitudes above 40°. We
have a uniform series of measurements of the number
of polar faculae performed in Kislovodsk since 1964
and the dependence of the polar magnetic field on the
number of polar faculae [21]. We can use these data to
estimate changes in the polar magnetic field of the Sun
from 1964 to the present and compare these with obser-
vations.

We will consider the 20th to 23rd cycles of solar
polar activity (1965-1999) separately. According to
[1], the total magnetic flux from the Sun has increased
by afactor of 1.4 since 1964. Since a substantial frac-
tion of the flux is associated with the solar polar region,
we can use the available data on the area of the polar
cap and the mean number of polar faculae per cycle
[21]. Using these data, we can easily show that the area
of the polar cap occupied by magnetic field of asingle
polarity (at solar minima) has increased by a factor of
1.5 over this period. This provides evidence that
changes in the magnetic flux from the Sun are mainly
associated with changes in the high-latitude region
occupied by field of asingle polarity.

According to [1], the annual average amplitude of
the radial component of the interplanetary magnetic
field near the Earth has increased by a factor 1.4 since
1964. It is well known that the mean number of polar
faculae per cycle increased by a factor of three from
1965 to 1996. There is a relation between the number
of polar faculae (NPF) observed at Kislovodsk and the
polar magnetic field (in Gauss) measured at Kitt Peak.
According to [21], we obtain

B (G) ~ 3/40 NPF + 1.0.

Using the published data, we can easily see that the
mean magnetic field of the Sun has increased by afac-
tor of 1.5: from2 Gin 1965 to 3 G in 1996. Taking into
account our estimates and the correlations presented in
[1], we find that the solar polar magnetic field did,
indeed, increase, but over a shorter time interval of
about two—three 11-year cycles. Since the Mount Wil-
son polar-faculae observations do not indicate any
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long-term increase in the number of polar faculae over
80 years[25], this suggeststhat the polar magnetic field
did not change. Thus, we conclude that the long-term
increase in the magnetic flux from the Sun and in the
index [dalds associated with a growth in the area of the
solar polar cap during this period.
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