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Original Russian Text Copyright c© 2003 by Khoperskov, Zasov, Tyurina.
Minimum Velocity Dispersion in Stable Stellar Disks.
Numerical Simulations

A. V. Khoperskov1, A. V. Zasov1, and N. V. Tyurina1

1Sternberg Astronomical Institute, Universitetskiı̆ pr. 13, Moscow, 119992 Russia
Received February 20, 2002; in final form, November 27, 2002

Abstract—N-body dynamical simulations are used to analyze the conditions for the gravitational stability
of a three-dimensional stellar disk in the gravitational field of two rigid spherical components—a bulge and
halo whose central concentrations and relative masses vary over wide ranges. The number of point masses
N in the simulations varies from 40 to 500 000 and the evolution of the simulated systems is followed
over 10–20 rotation periods of the outer edge of the disk. The initially unstable disks are heated and, as
a rule, reach a quasi-stationary equilibrium with a steady-state radial-velocity dispersion cr over five to
eight turns. The radial behavior of the Toomre stability parameter QT (r) for the final state of the disk is
estimated. Simple models are used to analyze the dependence of the gravitational stability of the disk on
the relative masses of the spherical components, disk thickness, degree of differential rotation, and initial
state of the disk. Formal application of existing, analytical, local criteria for marginal stability of the disk
can lead to errors in cr of more than a factor of 1.5. It is suggested that the approximate constancy of
QT � 1.2–1.5 for r � (1–2) × L (where L is the radial scale of disk surface density), valid for a wide range
of models, can be used to estimate upper limits for the mass and density of a disk based on the observed
distributions of the rotational velocity of the gaseous component and of the stellar velocity dispersion.
c© 2003 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

Galactic disks, which consist mostly of old stars,
can be considered as collisionless systems in quasi-
stationary equilibrium with very slow evolution. This
state is characterized by certain radial dependences of
the stellar velocity dispersions (cr, cϕ, cz) that ensure
stability of the disk. Knowledge of the stability con-
ditions makes it possible to develop self-consistent
models for the disks of real galaxies for which both
the rotational velocities and stellar velocity disper-
sions have been measured at various galactocentric
distances.

The problem of determining the minimum stel-
lar velocity dispersion sufficient to ensure stability of
the disk against arbitrary perturbations is especially
important if, as many authors have suggested (see,
e.g., [1–7]), real galaxies are in a state of threshold
(marginal) stability. This approach enables the local
density or integrated mass of the disk to be estimated
from the observed velocity dispersion. In the general
case, the old stellar population of a galactic disk can
have an excess velocity dispersion in the presence of
other factors that heat the disk, which are not directly
related to the gravitational instability. However, even
in this case, the conditions for marginal stability pro-
vide valuable information by yielding an upper limit for
the mass of the disk that enables it to be stable.
1063-7729/03/4705-0357$24.00 c©
Fridman and Polyachenko [8, 9] carried out a de-
tailed theoretical analysis of the stability of thin ro-
tating disks against various perturbations (including
bending modes). Together with certain advantages
over numerical simulations (the mathematical rig-
orousness of the solutions in the framework of the
problem formulated), the analytical approach to the
dynamics of perturbations in a gravitating disk and
the conditions for stability has the drawback that it
can be implemented only using very simple models
and can yield only coarse estimates for the parameters
of the disk component when applied to real objects.
Let us consider these simplifications in more detail.

First and foremost, the simple analytical models
for collisionless disks that are used in stability anal-
yses usually assume that the disk thickness is small;
they actually consider an infinitely thin layer. Despite
the smallness of the ratios hz/r and hz/L over most
of the stellar disk (here, r is the radial coordinate, hz

the vertical scale height, and L the radial scale length
for inhomogeneity of the disk), this condition may not
be sufficient to justify neglect of vertical motions (see
Gor’kavyi and Fridman [10, Appendix II1] for a de-
tailed discussion of this issue; in the general case, the
dynamics equations for astrophysical disks cannot be
adequately treated in a two-dimensional formulation).
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Analytical studies of the dynamics of small pertur-
bations in a stellar disk usually assume that the disk
parameters have small radial gradients (see, e.g., [1,
11, 12]). Attempts to allow for gradients have thus
far been made only in terms of WKB approxima-
tions (see, e.g., [2, 13–15]). This means that the
characteristic perturbation wavelength must be short
compared to the local scale lengths for variations of
the equilibrium rotational velocity V (r), stellar radial-
velocity dispersion cr(r), and surface density σ(r).
In many cases, these conditions are barely satisfied
or even not satisfied. Taking into account differen-
tial rotation may pose the most difficult problem.
Allowance for weakly differential rotation is possible
for weakly nonradial perturbations [13, 16]. How-
ever, nonaxisymmetric (in the limiting case, spoke-
like) perturbations are more unstable. Their stabiliza-
tion under the same conditions requires significantly
stronger disk heating, i.e., a higher stellar velocity
dispersion [17], and these very perturbations appar-
ently increase the stellar velocity dispersion at the
nonlinear stage in the case of initially cool systems.

Analytical studies of the gravitational stability of
disks usually apply the epicyclic approximation cr �
V , which is valid at the peripheries of most galaxies,
where cr/V � 0.1–0.3, but breaks down near their
centers, where cr � V .

Another important limitation of analytical ap-
proaches is that the criteria derived are local, whereas
a number of studies suggest that the disk stability
conditions have a global nature [18, 19]. This means
that variation of the equilibrium parameters, e.g.,
at the center, while leaving their values at the disk
periphery unchanged, it may affect the conditions for
gravitational stability throughout the disk. In contrast
to a local approach based on the analysis of dis-
persion equations, global analyses aim to determine
the eigenfrequency for the entire disk by solving a
boundary-value problem, which determines the influ-
ence of the conditions in one part of the system on the
dispersion properties of the perturbations throughout
the disk. Therefore, in a rigorous approach, the disk
must be considered as a whole. However, global
analyses have been performed only for certain specific
power-law distributions [18–20]. For example, Bertin
et al. [21] considered global modes in galactic disks
as possible mechanisms for maintaining long-lived
spiral density waves.

Numerical simulations of collisionless systems
are more flexible in terms of the choice of model.
They make it possible to go beyond simple two-
dimensional models and directly follow the devel-
opment of perturbations in a disk that is initially in
equilibrium. However, this approach has drawbacks
of its own. The most serious problems of N-body
simulations include (1) certain mathematical simpli-
fications that are inevitable when a disk is modeled
as a system of N gravitating bodies, where N is
incomparably smaller than the number of stars in
real galaxies, and (2) the dependence of the final state
of the system (after it reaches quasi-equilibrium) on
the initial parameters, which are poorly known for
real galaxies. When comparing simulation results
with real galaxies, it can also be difficult to allow for
the dissipative galactic medium (gas), in which the
sound speed is much lower than the stellar velocity
dispersion. We consider these problems in more detail
below.

The principal goal of this study is to determine
for galaxies with various mass distributions the
minimum local disk velocity dispersions that enable
their three-dimensional disks, which are initially in
a weakly unstable equilibrium, to reach a quasi-
stationary state. Sections 2 and 3 give a concise
review of previous results of analytical and numerical
approaches to estimating the stellar velocity disper-
sions required to ensure the stability of collisionless
disks. Section 4 describes the principles underlying
the construction of the dynamical models and the
determination of the stability threshold used in this
paper. Section 5 considers various three-dimensional
models of galaxies, and the last section presents and
discusses our main conclusions.

2. ANALYTICAL STABILITY CRITERIA

Several criteria for gravitational instability derived
analytically using various models have been pub-
lished. Let us review those we consider to be most
important.

(a) The Toomre Criterion
In order for an infinitely thin, uniform, rigidly ro-

tating stellar disk to be gravitationally stable against
axisymmetric perturbations, it must satisfy the fol-
lowing condition derived by Toomre [1]:

cr ≥ cT =
3.36Gσ

κ

, QT =
cr
cT

≥ 1, (1)

where κ = 2Ω
√

1 + rdΩ/2Ωdr is the epicyclic fre-
quency and σ is the surface density. Condition (1)
assumes that the epicyclic approximation is valid, i.e.,
that the difference between the velocity V (r) and the
circular velocity Vc(r) can be neglected. Although
this relation was derived in a local analysis, the study
of Evans and Read [19] of the eigenmodes for self-
similar disks in a corresponding approximation over-
all supports its validity. Miller [22] compared the the-
oretical increments derived for a Toomre model with
the results of simulations of axisymmetric modes in
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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which all other perturbations were artificially sup-
pressed. Experimental gradients were shown to be
consistent with the theoretical results.

(b) Allowance for Finite Disk Thickness
Finite thickness is a stabilizing factor for grav-

itational instability in the plane of the disk [9, 12].
The generalization of the Toomre stability criterion (1)
for the case of a disk of finite thickness obtained by
Morozov [13, 14, 16] has the form

Q
(1)
T =

1
1 + 0.974∆κ/cr

< 1, (2)

where ∆ is the half-thickness of the isothermal self-
gravitating disk. However, this condition proved to
be far from sufficient to ensure the stability of real
systems. This became clear from the first numerical
simulations performed in the 1970s, which showed
that cr � (1.5–5) × cT at the periphery of a station-
ary, collisionless disk [23–30].

(c) Simplified Allowance for Nonaxisymmetric
Perturbations

The stronger instability of spiral waves compared
to axisymmetric modes is one of the factors that
makes the Toomre criterion inadequate. Polyachenko
and Shukhman [31], Kalnajs [32], and Polyachenko
and Fridman [9] were the first to show that nonax-
isymmetric modes are the dominant instabilities in
a gravitationally unstable disk. As pointed out by
Polyachenko and Fridman [9], the azimuthal-velocity
dispersion cϕ is smaller than cr (except in the inner-
most regions). Therefore, the relation

cϕ = cr
κ

2Ω
, (3)

implies that, in order for an azimuthally cooler disk to
be stabilized, it must be heated more strongly, so that,
in view of (3), the condition (1) can be rewritten in the
form

Q
(2)
T ≥ S, S =

2Ω
κ

. (4)

The parameter S characterizes the degree of differ-
ential rotation of the disk. In most cases, we can
assume that 1 ≤ S ≤ 2, based on the observed shapes
of galactic rotation curves. This form of the stability
condition is discussed in [13–16].

Thus, the azimuthal-velocity dispersion deter-
mines the elasticity of the medium against strongly
nonaxisymmetric perturbations, and the suppression
of gravitational instability requires stronger heating
of the disk by a factor of 2Ω/κ.

Criterion (4) can be considered the Toomre crite-
rion with a simplified allowance for nonaxisymmetric
perturbations.
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(d) The Morozov Criterion
Morozov [13], Morozov and Khoperskov [14], and

Morozov [16] analyzed the dynamics of weakly non-
radial perturbations in a nonuniform disk in a WKB
approximation. The resulting stability criterion takes
into accountmany factors (radial nonuniformity of the
surface density σ and radial-velocity dispersion cr, the
disk thickness, and differential rotation):

Q
(M)
T = c(M)/cT , (5)

c(M) = SDcT

{
1 + 1.07 ×

∣∣∣∣∣1.87S cTκ
(
dσ

σdr
+
dS

Sdr

− 1.09
dc(M)

c(M)dr

)∣∣∣∣∣
2/3}

,

where S = 2Ω/κ andD = (1+ 0.974κ∆/(S2cT ))−1.
In the general case, determining c(M) from (5)
amounts to integrating a reduced differential equa-
tion [33]. The main drawback of this criterion is that
it was derived in the context of the dynamics of tightly
wound spiral waves (m/r � kr, where kr is the radial
wavenumber) and then formally applied to spokelike
perturbations.

If the scale length Lc ≡ (d ln c(M)/dr)−1 is fixed,
the differential equation (5) reduces to a simple alge-
braic relation [13, 14, 16]. For typical rotation-curve
shapes, we have D � 0.6–0.8. Introducing the factor
D also makes it possible to formally allow for the disk
thickness in criteria (3) and (6).
(e) The Polyachenko–Polyachenko–Strel’nikov
Criterion

Unlike the criteria discussed above, the analysis of
Polyachenko et al. [17] focused on extremely nonax-
isymmetric perturbations in a thin disk. Under the as-
sumptions made, the rotation curve is the sole factor
determining the stability boundary, since this bound-
ary depends only on the parameter n ≡ −rdΩ/(Ωdr).
Figure 1 in [17] shows the dependence of the dimen-
sionless velocity dispersion at the stability boundary
on the parameter α = 2/n. We will use the approxi-
mating function

Q
(P )
T =

c(P )

cT
= 1.88

√
1.1 +

8
exp(α− 1/4) − 1

, (6)

where Q(P )
T is the minimum Toomre parameter for a

stable disk.
This approximation has sufficient accuracy for our

needs when 1.2 < α2. The criterion of Polyachenko
et al. [17] depends on a single parameter, since the
form of the rotation curve fully determines the stability

boundary. In particular, it follows thatQ(P )
T � 3 in the

region with constant rotational velocity (n = 1).
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(f) Allowance for the Gaseous Subsystem in a
Stability Analysis for Stellar Disks

The presence of a cooler component also con-
tributes to destabilization of the stellar disk. A num-
ber of authors [34–38] have analyzed this problem
in detail as applied to radial perturbations. Ortega
et al. [38] considered a more general problem: they
analyzed how the inhomogeneous composition of a
thin disk influences the stability of the disk against
small radial perturbations when the disk consists of
particles having a mass spectrum such that more
massive particles have lower velocity dispersions.

The problem is simplified if the mass of the “cool”
component is relatively small. Assuming the gas sur-
face density σgas to be usually much lower than the
surface density of the stellar disk σstar and cs � cr
(where cs is the adiabatic sound speed in the gas), we
can write for the velocity dispersion of a stellar disk
containing gas at the stability boundary [37]

ccritr

cT
= 1 +

σgas
σgas + σstar

1 − (cs/cT )2

1 + (cs/cT )2
. (7)

For example, for the parameters of the solar neigh-
borhood in the Galaxy, it follows from (7) that the
gaseous subsystem, which contributes about 20%
of the disk surface density, increases the minimum
stellar-velocity dispersion sufficient for stabilizing ra-
dial perturbations by ≤ 10%.

Finally, we note that attempts have also beenmade
to determine the parameters of the disk subsystem
using other approaches based on the possible exis-
tence of various structures in the disk (spiral den-
sity waves or a bar) rather than on local stability
conditions, assuming certain mechanisms that form
and sustain these structures. However, the analysis
of these approaches is beyond the scope of this paper.

3. ANALYSIS OF GRAVITATIONAL
STABILITY IN NUMERICAL SIMULATIONS

Numerical simulations describing the dynamical
evolution of disks can be used to analyze disk instabil-
ities for given initial conditions allowing for nonuni-
form distributions of the mass and angular velocity.
Such simulations naturally take into account the for-
mation of appreciably nonlinear and nonaxisymmetric
structures such as bars or transient spirals. The main
problem with this approach is that the results depend
on the initial conditions, since the evolution of a disk
starting from a strongly unstable state can proceed
very differently from the evolution of a disk starting in
a subcritical state. Moreover, the disk can suffer from
slow secular instabilities that are difficult to take into
account in numerical simulations.
N-body evolutionary models are usually aimed at

studying the development of instability or—which is
of the most interest for us—analyzing the states of a
system after many disk rotations. Of the large number
of published studies of this type, we will mention those
that are, in our view, most important in the context of
establishing the conditions for stability of a disk.

Carlberg and Sellwood [39, 40] analyzed the in-
fluence of small, nonstationary perturbations of the
potential on the evolution of the velocity-distribution
function. In particular, they analyzed scattering by
nonstationary spiral waves; the resulting growth of
the stellar-velocity dispersion agrees well with the
results of numerical simulations.

The critical velocity dispersion for stellar disks (the
parameterQT ) has been computed many times based
on the results ofN-body dynamical simulations (see,
e.g., [7, 24, 28, 33, 40–46]). None of the simulations
yielded a stable disk with QT < 1. As a rule, QT (r)
increases with distance from the center of the galaxy.
This pattern appears both in simulations of three-
dimensional disks [5, 46–48] and in some theoretical
analyses [49].

The work of Athanassoula and Sellwood [34] can
be considered to be classic. They concluded that a
two-dimensional disk is always stable if its Toom-
re parameter exceeds QT � 2.2–2.4. However, this
conclusion did not take into account vertical mo-
tions. Since three-dimensional disks are gravitation-
ally more stable, two-dimensional models underesti-
mate the mass of a marginally stable disk. In addition,
Athanassoula and Sellwood [34] used a radially aver-
aged QT and simulated a specific density distribution
based on a Toomre–Kuz’min model. It is therefore
not clear whether their results are applicable for real
three-dimensional disks.

4. CONSTRUCTION OF NUMERICAL
MODELS. SPECIFYING INITIAL

CONDITIONS

The dynamical models used in this paper are based
on numerical integration of the equations of motion
for N gravitationally interacting particles taking into
account the external field produced by the steady-
state mass distribution in the bulge and halo.

For the halo, we adopted the commonly used spa-
tial distribution of the volume density in the form

�h(ξ) =
�h0

(1 + ξ2/a2)k
, (8)

where ξ =
√
r2 + z2 is the radial coordinate. Choos-

ing k = 1 yields a flat rotation curve in the halo-
dominated region. The relative central density of the
spherical component increases with k, imitating the
influence of the bulge. Because the bulge enters our
model as a separate spherical component, we restrict
our analysis to a halo model with k = 1.
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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The following set of equations describes the dy-
namics of theN gravitating bodies:

d2ri
dt2

=
N∑
j

fij + Fs (i = 1, ..., N). (9)

Here, the radius vector ri(t) determines the position
of the ith particle, fij is the force of interaction
between the ith and jth particles, and the force Fs =
Fb + Fh is due to the bulge/halo spheroidal subsys-
tem. The halo mass distribution (8) with a central
density of �h0 = Mh/{4πa3[R/a− arctan(R/a)]}
yields for the force

Fh(ξ) = −4πGa3�h0

ξ2

{
ξ

a
− arctan

(
ξ

a

)}
r
ξ
, (10)

which is determined by the spatial scale lengths a and
mass Mh inside the sphere ξ = |r| < R. We adopt a
King model for the density distribution in the spheri-
cal bulge:

�b =

{
�b0/

[
1 + (ξ/b)2

]3/2
, r < (rb)max

0, r > (rb)max,
(11)

where

Mb = 4πb3�b0 (12)

×
{

ln
[
(rb)max/b+

√
1 + ((rb)max/b)2

]

− (rb)max/b√
1 + ((rb)max/b)2

}

is the mass of the bulge.We have for the gravitational
force inside ξ ≤ (rb)max

Fb = −4πGb3�b0

ξ2

{
ln

(
ξ

b
+

√
1 +

ξ2

b2

)
(13)

− ξ/b
√

1 + ξ2/b2
}

r
ξ
.

It is obvious that Fb = −GMbr/ξ3 in the domain r >
(rb)max.

The dynamical model must adequately describe
the Newtonian interactions between stars and ensure
that the system is collisionless. This is achieved by
modifying the gravitational force at small distances
by introducing a potential-cutoff radius rc for any pair
of interacting particles i and j. The optimum choice
of cutoff radius and number of particles has been
discussed many times in the literature (see, e.g., [50–
53] and references therein).
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Here, we use a Plummer model for the potential:

Φij = −G mimj√
r2ij + r2c

, (14)

where rij is the distance between particles and rc
is the cutoff radius. For a fixed number of particles
N , it is always possible to choose a cutoff radius rc
that ensures that the model is collisionless. However,
the number of particles must be sufficiently large to
minimize the error introduced by the modification of
the particle-interaction potential at small distances.

We characterize the disk surface density by the
scale length L, which determines the exponential
law σ(r) = σ0 exp(−r/L). We assumed that the disk
surface density is zero in the region r ≥ 5L at the
beginning of the simulations. We used a system of
units in which G = 1, R = 4L = 1, and the mass of
the disk is Md = 1. We normalized the mass of the
halo Mh inside the radius ξ ≤ 4L to the mass of the
disk, µ ≡Mh/Md. In this system of units, one period
of rotation of the outer edge of the disk lies in the
range t ∼ 3–4 for µ = 1–4.

Let us now describe the procedure for specifying
the initial density distribution in z and the residual
velocities of the equilibrium disk.

The vertical structure of the disk is determined by
the equations [54]

1
r

∂

∂r

(
r
∂Φ
∂r

)
+
∂2Φ
∂z2

(15)

= 4πG(� + �s), c2z
∂�

∂z
= −∂Φ

∂z
�,

where � and �s are the spatial density in the disk
and spheroidal subsystems, respectively, and cz is
the vertical-velocity dispersion, which is assumed to
remain constant with z at the initial time t = 0. Elim-
inating the potential Φ from (15) and introducing the
circular velocity

Vc(r) ≡
√
r

(
∂Φ
∂r

)
∣∣z=0

, (16)

we can transform the set of partial differential equa-
tions to an approximate equation for the disk volume
density �(z) in the form of an ordinary differential
equation [54]:

�
d

dz

(
c2z
d�

dz

)
− c2z

(
d�

dz

)2

(17)

+ 4πG�2
(
�+ E + �s(z)

)
= 0,

E = − 1
4πGr

dV 2
c

dr
.
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Together with the conditions �(z = 0) = �0,

d�(0)/dz = 0, and
∞∫

−∞
�(z; r)dz = σ(r), this equa-

tion determines the vertical structure of the disk at
the radius r for a given surface-density distribution
σ. The E term can produce a large error in the
estimated density at the disk center, and, in practice,
it is assumed that E(r → 0) → 0. To determine �0
and �(z) for specified �s(z, r), cz(z, r), and σ(r),

we construct the function F (�0) = 2
∞∫
0

�(z)dz − σ.

We solve the equation F (�0) = 0 iteratively jointly
with numerical integration (17). After determining
the density distribution in z, the particles are ar-
ranged along the vertical axis on a grid zk = k∆z
(k = −K, . . . ,K). The kth cell contains particles in

proportion to σk/σ, where σk =
zk∫

zk−1

�(z)dz.

Equation (17) is approximate, since it was derived
neglecting the dependence of the potential on the
vertical coordinate in the first term in (15). Strictly
speaking, a disk constructed in this way is not in equi-
librium.However, we are interested in initial, unstable
states that evolve to new stationary states of the disk.
Therefore, the lack of an exact equilibrium in the
vertical direction plays the role of a small additional
initial perturbation.

The initial velocity distribution is a Schwarzschild
function and has the form of an anisotropic Maxwel-
lian distribution:

f(u, v,w) = A exp
{
− u

2

2c2r
− (v − rΩ)2

2c2ϕ
− w2

2c2z

}
,

where {u, v,w} are the velocity components of the
particles in cylindrical coordinates.

To obtain the model with the minimum velocity
dispersion in the final, stable disk state, we chose
a subcritical disk state whose dynamical evolution
ensured at the end of the computations both the
preservation of an exponential surface-density pro-
file and stability against initial perturbations in the
plane of the disk and against bending perturbations
(responsible for the increase in the vertical velocity
dispersion).

In practice, the initial radial-velocity dispersions
cr in models with low-mass bulges corresponded to
Toomre parametersQT � 0.8–1.1 andQT � 1.2–2.2
in the central region (r � 2L) and at edge of the disk,
respectively. In the case of massive bulges, themodels
started from higher central values of QT . We set the
initial vertical-velocity dispersion cz proportional to
cr . We considered two types of models with differ-
ent initial disk thicknesses: “thin” disks unstable in
the z direction,2 which had central (cz/cr)0 values
(cz/cr)0 = (0.4–0.5) at t = 0, and “thick” disks with
(cz/cr)0 = (0.6–0.8), which are close to the stability
limit against bending perturbations.We assumed that
these ratios varied slowly in radius in accordance with
an exponential law with a radial scale length appre-
ciably exceeding L. This choice of velocity dispersion
ensured weak instability of the disk at all r with the
exception of specially stipulated cases, below we de-
scribe numerical models of thick disks.

In none of the models did the velocity dispersion cr
remain constant: the disk “heated up” in the course of
its evolution.

We found the mean tangential velocity of the
model point masses by solving the Jeans equation
assuming the absence of systematic radial motions,
axial symmetry, and symmetry about the plane z = 0:

V 2 = (< v >)2 = V 2
c + c2r (18)

×
{

1 −
c2ϕ
c2r

+
r

�c2r

∂(�c2r)
∂r

+
r

c2r

∂ < uw >

∂z

}
.

Here, < . . . > denotes averaging of the velocities and
the last term in (18) is due to the chaotic components
of the radial velocity u and vertical velocity w. When
specifying the initial state of the model, we assumed
that < u >= 0 and < w >= 0 and specified the ro-
tational velocity in accordance with (18). Thus, we
have a balance of the radial and vertical forces at the
initial time, and the disk begins to evolve from a nearly
equilibrium state.

In all the computations, we specified the initial
distribution of the velocity dispersion cϕ at t = 0 in
accordance with (3). We verified that the condition
Qc ≡ cr

cϕ

κ

2Ω = 1 was satisfied as the disk evolved. In
models with fairly massive halos (µ � 2), the mean
deviations at a given r did not exceed 3% over several
dozen rotations of the disk edge. This error is par-
tially due to the numerical differentiation performed to
compute the epicyclic frequencyκ. In themodels with
massive halos, the domain in which cr/κ > r is small
(for µ = 3, it has a size of r � 0.03). In the case of µ �
1, this domain expands to r � 0.15. In addition, the
vertical disk scale length increases in such models,
and these factors result in stronger deviations from
the equality (3). The amplitude of fluctuations Qc(t)
decreases as the number of particles increases and
does not exceed 2% in models with µ � 2 and N =
2 × 105 (except for the innermost region of the disk,

2The bending instabilities of the oscillation mode lead to the
heating of a thin disk in the vertical direction and, as a
result, to its thickening. As our numerical models show, the
axisymmetric bending oscillation mode plays an important
role.
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r � 0.5L), reflecting the collisionless nature of the
models constructed.

Using the approach described above, we per-
formed more than 40 numerical simulations of the
dynamical evolution of a disk toward a steady state
as a function of the initial velocity dispersions cr(r)
and cz(r). We considered a wide range of parameters
for the bulge (Mb/Md = 0–3, b/L = 0.02–0.8) and
halo (Mh/Md = 0–3.5, a/L = 1–4). The number of
particles was N = (40–500) × 103 in the TREEcode
computations.

We verified the stability of the solutions against
our choice of computational method by comparing
results for several models obtained using very differ-
ent methods to compute the gravitational force: the
TREEcode method and direct “particle to particle”
(PP) integration, in which each particle interacts with
each of the other particles, for N = (20–80) × 103.
As an example, Figure 1 shows the time dependence
of the radial-velocity dispersions for one of the mod-
els computed using these two methods, with similar
initial conditions.3 A comparison of the two results
reveals no significant differences between the final
disk states.

5. DETERMINING THE THRESHOLD QT
VALUES

5.1. Disk Heating Mechanism

An initially axisymmetric, equilibrium disk is
heated, increasing its velocity dispersion with time.
The question of greatest importance for dynamical
simulations is the heating mechanism. To correctly
describe the processes in stellar disks, it is important,
in particular, to ensure that the heating is not due
to the collisional relaxation of the particles, whose
number N is many orders of magnitude smaller than
the number of stars in real systems. This is achieved
via appropriate choices of the number of particles
and the cutoff radius. Our criterion for the absence
of significant collisional-relaxation effects is that the
character of the system’s evolution be preserved when
the computations are performed for an increased
number of particles, as we verified for many models.4

3The velocity-dispersion components in the plane of the disk
cr and cϕ increase rapidly during the initial stage (t < 10)
of the heating of an initially cool disk with initial Toomre
parameter QT (r < 2L) � 0.85. The relaxation of the disk in
the vertical direction is appreciably slower, so that small local
decreases of cr are possible when the disk is heated in z and
there are radial motions (see curve 1 in Fig. 7 after t > 7).

4The minimum number of particles Ncrit for which this crite-
rion is satisfied to sufficient accuracy (i.e., to within random
fluctuations of the estimates of the final parameters) depends,
in particular, on the form of the rotation curve. The number
ASTRONOMY REPORTS Vol. 47 No. 5 2003
Below, we summarize the most important features
of the disk heating shown by the numerical simula-
tions.

(1) The disk-heating time is much greater than the
mean rotation period of the particles (Fig. 2a). In the
initial stage (t � 1), cr remains virtually constant, as
long as the disk remains axisymmetric. In the case of
a low-mass or nonexistent halo, the evolution of the
disk is determined by the bar mode, and the disk is
heated due to the formation of an nonaxisymmetric
bar and associated two-armed spiral. Models with
sufficiently massive halos show no enhancement of
the bar mode but develop a complex transient system
of small-scale spiral waves (Fig. 2b). The decrease
of the amplitudes of these waves with time is ac-
companied by a transfer of rotational kinetic energy
to the chaotic component of the velocity, resulting in
heating of the disk.

(2) The heating of an initially cool disk (0.5 �
QT � 1) begins in its central region (Figs. 2a, 2b).
The heating at the periphery proceeds much more
slowly. The velocity dispersion at the periphery usu-
ally begins to rise when the center has already reached
a quasi-stationary state (Fig. 2a). At the same time,
the processes at the center and at the periphery are
interrelated: rapid instability in the central region can
speed up the heating of the outer part of the disk,
while stability of the central region can slow down this
process.

(3) If the system does not develop a bar, the am-
plitude of the perturbations begins to decrease with
increasing velocity dispersion. In turn, the increase of
the radial-velocity dispersion cr slows with decreas-
ing wave amplitude. The heating virtually ceases after
the decay of the transient spiral waves (Figs. 2a, 2b).
The integrated amplitude of the Fourier harmonics

Â(m; t) =
√∑

p

A2(m, p, t),

A(m, p, t) =
1
N

N∑
j=1

exp {i [mϕj(t) + p ln(rj(t))]}

decreases with time for all mode numbersm, butmost
slowly form = 2 (Fig. 2c). The density distribution in
the disk becomes almost axisymmetric (if the mass of
the spherical components is large enough to prevent
the development of a bar), and, on the whole, the
velocity dispersion cr maintains its level over several

Ncrit is larger for highly concentrated nuclei (bulges), due to
the higher rotational angular-velocity gradient in the central
region of the disk. In the limiting case of a very short, rigidly
rotating region,Ncrit can reach 3× 106 [20]. Our simulations
showed that, if the rotation curve grows monotonically to
r � 2L, then Ncrit can be set equal to� 4 × 104.
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Fig. 1. Time dependence of the radial-velocity dispersion cr(r) for particles at 20 different galactocentric distances (1 is the
central zone, and each zone has a width of 0.05R) at the initial stage of heating of a cool, thin disk (t = 10 corresponds to
∼3 rotations of the outer edge of the disk) for two methods of computing the gravitational force with N = 80 000: (а) the PP
algorithm and (b) the TREE-code algorithm.
dozen rotations, provided that relaxation processes
have ceased in the vertical direction.

(4) Whereas three- and even four-armed modes
can dominate at the initial stage of evolution of an
initially cool disk (QT (r � 2L) < 1; Figs. 2b, 2c), the
spiral pattern changes if we choose a subcritical initial
state (i.e., a state that is unstable, but not so cool that
QT � 1). The spatial structure of the perturbations
depends to a considerable degree on the relative mass
of the spheroidal subsystem. Figure 3 shows the dis-
tributions of the logarithm of the disk surface density
at various times. The two-armed mode is dominant
in this model, although the m = 3 harmonic is also
important, especially in initial stages of the evolution.
It is typical for the spirals to join in the outer region of
the disk to form a ring-shaped structure.

(5) Models with low-mass spheroidal subsystems
starting from a very cool initial state undergo a sub-
stantial mass redistribution in the disk, accompanied
by a change in the form of the rotation curve V (r) in
the process of heating and formation of a bar. In this
case, the final distribution of the surface density σ(r)
differs strongly from an exponential law (Fig. 4).5

Another feature of model disks starting from a very
cool initial state (QT � 1) is that the velocity disper-
sion at the end of the computations (after 10–15 rota-
tions) is somewhat higher than is required for gravi-
tational stability. This is due to heating by collective
processes—high-amplitude wave motions that de-
velop in the presence of strong instability. When the
disk is heated and reaches marginal stability, these
perturbations die out, but the wave-decay process has
a certain inertia: the velocity dispersion is already high
enough to maintain the stability of the disk, but the
spiral waves have not yet decayed (as is confirmed
by Fourier analysis of the density perturbations in
the disk) and continue to heat the disk. Therefore, to
obtain the minimum velocity dispersion required for

5It is possible, in principle, to choose an initial density profile
that yields an exponential profile at the end of the compu-
tations (dashed line in Fig. 4); however, this approach is
artificial. It seems that the stellar disks of most of the galaxies
do not pass through a stage of strong dynamical instability.
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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The parameters Â reach their maximum values in the interval 1 � t � 4, and it is in this time interval that the perturbations
reach their maximum amplitudes (Fig. 1b). After t > 4, Â decreases, corresponding to the beginning of wave dissipation and
a slowing of the increase in the dispersion cr (Fig. 2a).
disk stability, we used an iterative algorithm to make
the initial velocity dispersion approach the stability
limit.

Our iterative approach is based on a series of
several (two to four) consecutive computations, each
of which starts with an initial dispersion that is some-
what closer to the critical level than that for the
previous computation. For each radius r, we chose
an initial velocity dispersion that was intermediate
between the initial and final values (after five to ten
rotations) in the previous computation.

As expected, the stability limit also depends on
the initial disk thickness.6 If the disk is initially thick

6The initial thicknesses of the disks of real galaxies depend on
the conditions under which they were formed. For example,
if the collapse of a gaseous disk involved violent star forma-
tion before it reached a quasi-stationary state, the resulting
stellar disk may be much thicker and have a higher velocity
dispersion cz than the minimum value required for stability.
However, such a scenario is difficult to reconcile with the
existence of very thin (hz/L < 0.2) stellar disks in edge-on
galaxies. The dependence of the disk thickness on the relative
mass of the halo is also consistent with the assumption that
the stellar-velocity dispersion is close to the value expected
for marginal stability [7].
ASTRONOMY REPORTS Vol. 47 No. 5 2003
(with a vertical scale height hz � 0.2L) and unstable
only in its plane (cr < ccritr ), its heating proceeds more
slowly and ceases at lower radial-velocity dispersions
than in the case of an initially thin disk. This is due
to two factors: the stabilizing effect of the finite thick-
ness of the disk and the slowness of the relaxation in
the vertical direction compared to the heating in the
plane of the disk.

The results of dynamical simulations can be used
to determine the disk parameters at the gravitational-
stability limit (when the velocity dispersion ceases to
change, after 5–20 rotations of the outer edge of the
disk).

5.2. Gravitational-Stability Threshold for Bulgeless
Models

We computed a series of bulgeless galaxy models,
differing in the relativemass µ = Mh/Md and the halo
scale length a, with a fixed radial disk scale L.

When a � L, the rotation curve has an extended
section Vc(r) (which we will call the “rigid-rotation”
section), which makes a transition to a plateau Vc �
const at r � 2L (curve 1 in Fig. 5a). Figure 5a
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the end of the computations.

shows for a bulgeless galaxy with µ = 1 the radial
distributions of the circular rotational velocity Vc(r)
(curve 1), mean particle rotational velocity V (r)
(curve 2), radial-velocity dispersion cr(r) (curve 3),
and the differential-rotation parameters S = 2Ω/κ
computed separately for Vc(r) and V (r) (4 and 5).

Knowing the final velocity dispersions, disk den-
sity, and rotational velocity, it is possible to compare
the Toomre stability parameters QT (1) for the cor-
responding model with the analytically derived local
criteria discussed above and compare these criteria
with each other. Note that the analytical criteria were
derived assuming that the circular rotational velocity
Vc(r) differs little from the mean velocity V (r) of
the gravitating point masses. However, the difference
between these velocities can be quite significant for
collisionless disks. We therefore determined the sta-
bility parameters for both Vc(r) and V (r).

Figure 5b shows for this model the computed
QT and the Toomre parameters required for marginal
stability according to the criteria of Polyachenko,

Polyachenko, and Strel’nikov (PPS) Q(P )
T (6) and

Morozov Q(M)
T (5) calculated separately using the

circular velocity and the mean rotational velocity of
the particles. In the case of amassive halo (µ � 2), the
difference between the stability parameters for Vc(r)
and V (r) is small, but it can become appreciable for
µ � 1 (Figs. 5a, 5b). This is due to the fact that the
difference Vc − V increases with increasing velocity
dispersion in accordance with (18).

The condition S � Q(M)
T � QT � Q

(P )
T is satisfied

both in the case considered here and for most of the
models (recall that QT = S is the Toomre condition
for marginal stability with crude allowance for nonax-
isymmetric perturbations; see Section 2).

Figures 5c and 5d compare the stability criteria in
a different way. These figures show the radial depen-
dences of the ratio of the model velocity dispersion
cr of the disk when it becomes stable to the critical
velocity dispersion for the various criteria considered
in Section 2. The ratio cr/ccrit = 1 corresponds to full
agreement with the model dependences.

Although none of the criteria explain the model
dependences QT (r) at all r, the closest results are
given by the PPS criterion generalized for the case
of finite thickness (2) and the Morozov criterion (5)
(symbols 15 and 16 in Fig. 5c). When the stability
criteria are determined in terms of the mean rota-
tional velocity (Fig. 5b), the radial variations of cr/ccrit
maintain their form (Fig. 5d), and the ratio cr/ccrit
is closest to unity in the interval 0.1 < r < 0.8 for
the Morozov criterion (curve 16). It is striking that
the PPS criterion (curve 12) overestimates ccrit in all
cases, but cr/ccrit remains nearly constant over a wide
range of r, enabling easy introduction of a correction
factor for ccrit.

One important result is that the radial depen-
dence of the Toomre parameter QT (r) computed for
the circular velocity Vc(r) shows qualitatively similar
behavior for all the bulgeless models we considered
(Fig. 5e). Moreover, QT (r) remains approximately
constant at the levelQT � 1.2–1.6 in the interval 0 �
r/L � 2 (see Fig. 5e). At the disk periphery (r � 2L),
QT increases with radius, reaching QT � 2.5–3 at
the edge of the disk (r � 4L). However, the scatter
of the QT values for the various models is small,
enabling us to adopt the following function as a lower
envelope

Q
(∗)
T = A0 +A1 ×

( r
L

)
+A2 ×

( r
L

)2
, (19)

where A0 = 1.25, A1 = −0.19, and A2 = 0.134 (bold
curve in Fig. 5e). This function reaches its minimum,
equal to 1.2, at r/L = 0.7.

The observational estimates of the stellar-velocity
dispersions are usually based on data for the inner
region of the disk r < 2L. Therefore, the approximate
constancy of QT in this region makes this quantity a
convenient tool for estimating the surface density and
mass Md of a disk (assuming it is stable) based on
the known rotation curve of the galaxy and the radial
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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✛

Fig. 5. Parameters of a disk that has evolved to a stable state at the stability limit, for bulgeless models. (a) Radial dependences
of the circular velocity Vc(r) (curve 1), disk rotational velocity V (r) (curve 2), radial-velocity dispersion cr(r) (curve 3), and
parameters S = 2Ω/κ computed for the circular velocity (curve 4) and disk rotational velocity (curve 5), respectively. Results
are shown for a model in which the mass of the halo within r ≤ 1 = 4L is equal to that of the disk and the halo scale length a
is equal to the radial disk scale lengthL. (b) Radial dependences of the Toomre parameter at the stability limit computed using
various stability criteria for the model shown in Fig. 5a: 6QT determined from Vc, 7QT determined from V , 8Q

(P )
T determined

from Vc, 9Q
(P )
T determined from V , 10Q

(M)
T determined from Vc, and 11Q

(M)
T determined from V . (c) Radial distributions of

the ratio cr/ccrit of the radial-velocity dispersions in the numerical models (curve 3 in Fig. 5a) to the critical values computed
using the circular rotational velocity Vc(r) (curve 1 in Fig. 5a) for 12 the Polyachenko–Polyachenko–Strel’nikov criterion (6)
and 13 the Morozov criterion (5). Also shown are 14 cr/(cT 2Ω/κ) derived using the simplified criterion (4); 15 cr normalized

to c(P )Q
(1)
T , which is a generalization of criterion (6) for the case of a finite-thickness disk, derived using (2); and 16 the ratio

obtained for theMorozov criterion (5) in the case of an infinitely thin disk (D = 1). (d) Same as Fig. 5c using the disk rotational
velocity V (r) (see curve 2 in Fig. 5a). (e) The Toomre parameter QT (r) at the stability limit for a series of bulgeless models
with various halo parameters. The bold thick curve is computed using (19).
exponential disk scale L. The equation relating these
quantities is

cr = Q
(∗)
T (r)

3.36Gσ0 exp(−r/L)
κ

, (20)

where Q(∗)
T for galaxies with extended intervals of

increasing Vc(r) is determined by (19). In turn, the
disk mass estimate Md = 2πσ0L

2 makes it possible
to separate out the mass of the dark halo within a
specified radius.

5.3. Models with Formation of a Bulge

In the case of a low-mass or very “loose” ha-
lo and no bulge, the evolution of an initially cool
dynamical model inevitably results in the develop-
ment of a bar. As a rule, the formation of a bar
involves an appreciable radial redistribution of the
mass, whose intensity increases when the velocity
dispersion in the initial state decreases. The outer
boundary of the disk shifts outward. As a result,
the radial scale for the azimuthally averaged surface
density L = −(d lnσ/dr)−1 varies, which can lead
to deviations from an exponential profile (L = const
throughout the disk). In the innermost region (r �
0.3L), the surface density can increase appreciably
over its initial value (Fig. 4), bringing about a de-
crease of QT in accordance with (1). A similar con-
clusion concerning the increase in the central density
during the formation of a bar was also reached for
models with “living” (evolving) halos [55]. Numerical
simulations have shown that, under certain condi-
tions, the interaction between the bar and “living”
halo can appreciably affect the dynamical evolution of
the bar [56].

The stability conditions considered above were de-
rived for and applied to axisymmetric disks. How-
ever, it is of interest to formally compute these crite-
ria based on azimuthally averaged parameters in the
absence of axial symmetry in the inner region—for
example, for barred galaxies. As an example, Figure 6
shows the radial distributions of the parameters of a
disk that has developed a bar (Figs. 6a–6c show re-
sults for a model with a low-mass halo and Figs. 6d–
6f results for a model with a halo whose initial mass
within r = 4L is twice that of the disk). The radial
distributions of the surface density in the bar region
can differ from those outside the bar (Figs. 6c, 6f).
The development of a bar usually results in additional
thickening of the disk. The function QT (r) depends
on the bar parameters (essentially, on the initial con-
ditions), but the conditionQT � 1.5 is satisfied when
r � L, and the radial dependence QT (r) is qualita-
tively similar to that observed for an axisymmetric
disk. Other conditions being the same, the develop-
ment of a bar in models with more massive halos
is accompanied by weaker deviations from the initial
exponential surface-density profile (Fig. 6f).

The characteristic dependences for the model with
amassive halo (Figs. 6d–6f) differ little from the cases
shown in Fig. 5 for barless models. As expected, sup-
pressing the bar mode requires a higher initial velocity
dispersion cr or a more massive halo, in accordance
with classical concepts (see, e.g., [29, 44]).

5.4. Models with Bulges

Let us consider now model galaxies whose ro-
tation curves in the central region (r � L) are de-
termined primarily by the bulge. As a rule, the
rotations curves outside the bulge (r � L) are almost
flat V � const. Figure 7 shows typical model radial
dependences of the disk parameters for this case. In
the presence of a bulge, QT increases strongly in
the central region of the disk, where the dynamics
are determined by the bulge potential (Figs. 7b, 7e).
However, outside this region, at r � (1–2) × L, the
radial dependence of QT retains its form [see (19),
Fig. 5e]. QT increases monotonically with r to values
2.5–3.5. The resulting radial dependence of QT

is typical of systems with bulges that are not too
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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Fig. 6. Bulgeless models that develop bars in the course of their evolution. (a)–(c) Mh = 0.7Md, and a = 2L; (d)–(f)
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massive (Mb/Md � 0.3) and not very extended
((rb)max � L).

The more massive and more compact the bulge,
the higher the value of QT at the disk center. This
increase of the Toomre parameter is due mainly to
the increase of the epicyclic frequency κ. The radial-
velocity dispersion in the central region also increases
somewhat with increasing mass of a strongly con-
centrated bulge. Additional heating of the center of
the disk subsystem (r � 0.5L) in the model shown in
Fig. 7a has no direct bearing on gravitational insta-
bility. At the initial stage of its evolution, the model
with µ = 1 develops a bar, which disrupts with time
as a result of scattering of particles passing near the
concentrated nucleus, which has a scale length of
b = 0.01. This mechanism for bar disruption is similar
to the effect produced by a black hole [57].

As a result, the disk undergoes additional heating
and becomes thicker in the central region (Fig. 7f).
ASTRONOMY REPORTS Vol. 47 No. 5 2003
The degree of additional heating and the circular ve-
locity Vc at the disk center are very sensitive to the
bulge parameters, first and foremost, the core radius b
(in particular, the bar disruption described above does
not take place if b � 0.05L). Therefore, the Toomre
parameterQT can vary very strongly in different mod-
els at distances r � 0.5L (Fig. 7f).

5.5. Differential Rotation as a Factor Increasing
the Threshold for Gravitational Stability

Consider two limiting cases: a disk that rotates
almost rigidly and a quasi-Keplerian disk whose ro-
tational velocity decreases as V ∝ r−1/2. Since differ-
ential rotation is a destabilizing factor, rigidly rotating
disks are expected to have lowerQT , other conditions
being the same.

Galaxies usually exhibit an extended interval of
almost rigid rotation if the mass of the disk domi-
nates throughout most of the disk (r � 2L), so that
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suppression of the bar instability requires stronger
disk heating than in the presence of massive spher-
ical components. Therefore, to elucidate the role of
differential rotation, we analyzed a model in which
the development of a bar is suppressed by a massive
halo and the outer part of the disk (r � L) contains a
rigidly rotating section. The differential-rotation pa-
rameter in this model S(r > L) = 2Ω/κ = 1.1–1.2 is
close to S = 1, which corresponds to completely rigid
rotation (Fig. 8a). Figure 8a shows the radial depen-

dences of QT , Q
(P )
T , Q(M)

T , and S characterizing the
stability of the system. It is clear that, on the whole,
the disk is stable at lower values ofQT (curve 6) than
in the cases considered above. We have QT � 1 and
QT � 2 at the disk center and periphery, respectively.

Consider now another limiting case, correspond-
ing to a nearly Keplerian rotation curve (Fig. 8b).
Such behavior is very rarely seen in the rotation
curves of real galaxies, but we are interested in the
fundamental question of how strong differential rota-
tion affects the minimum velocity dispersion required
for stability. To produce quasi-Keplerian disks, we
introduced massive concentrated components into
our dynamical model. The resulting series of models
is a natural extension of those with very massive
bulges (Mb > (2–4)Md). Figure 8b shows the results
obtained for such models. The Toomre parameter
increases appreciably for disks with strong differential
rotation, so that the condition QT > 2 must be met
for stability, even in the region where QT reaches its
minimum (r � (1–2)L).

Since the central region is dominated by the
spheroidal system, no bar develops, and the increase
in the velocity dispersion pointed out in Section 5.4
does not arise (Fig. 7a).

6. DISCUSSION AND CONCLUSIONS

We have carrid out numerical simulations of the
evolution of disks that are initially unstable, collision-
less, and in equilibrium for a whole series of three-
dimensional models. The aim of our analysis was to
compare the minimum radial-velocity dispersions cr
at which the disks reach their final, quasi-stationary
state (as a rule, after 5–10 rotations of the outer
edge of the disk) with the velocity dispersion cT =
3.36πGσ/κ required to suppress gravitational insta-
bility of a thin disk against axially symmetrical pertur-
bations (the Toomre criterion), as well as with other
local stability criteria. We separately analyzed the
influence of the bulge, dark halo, differential rotation,
and initial disk parameters on the radial behavior of
QT = cr/cT .

Our numerical simulations show that differential
rotation and inhomogeneity of the disk, the action of
global perturbations, and the finite thickness of the
disk can change the local velocity dispersions (or the
local Toomre parameters) of marginally stable disks
by �50%. The numerical models enable a separate
analysis of the effects of each of these factors.

The models considered here clearly demonstrate
rapid heating of initially unstable disks during the
formation and disruption of transient spiral arms. The
low-contrast “remnants” of these arms can be traced
over more than ten rotations. A similar pattern of
disk evolution was obtained for models with different
numbers of particles and derived using a different
(PP) computational algorithm.

As expected, the minimum radial-velocity disper-
sion at the end of the simulations (in units of the
circular velocity) is higher the lower the relative mass
of the halo, the smaller the initial disk thickness, and
the higher the degree of differential disk rotation. Al-
though the radial dependence of QT differs for differ-
ent models and is determined primarily by the relative
mass and degree of concentration of the spherical
components, in all cases, QT (r) passes through a
minimum QT � 1.2–1.6 at a galactocentric distance
of (1–2)L, and this behavior depends only slightly
on the choice of model. This fact can be used to ap-
proximately estimate the density (and, consequently,
the mass) of a galactic disk (or place limits on these
quantities) from observed radial-velocity dispersions
using formulas (19) and (20) without the use of nu-
merical simulations or analytical stability criteria. If
the halo is not too massive (Mh/Md � 2), a disk
that begins its evolution from a strongly unstable
state rather than a subcritical state can experience a
substantial mass redistribution over one or two rota-
tions. The fact that galaxies usually have exponential
brightness distributions indicates that the formation
of stellar disks, apparently, was not accompanied by
the development of strong gravitational instability.

The thicker is initially the disk, the lower is the
minimum radial velocity dispersion cr , which deter-
mines its stability. Therefore, the minimum critical
dispersions in both coordinates z and r are reached
if the disk begins to evolve from a subcritical state,
both for gravitational perturbations in the plane and
for bending perturbations (global, primarily axisym-
metric mode, and small-scale ones).

The disk evolution traced by the numerical models
clearly demonstrates the interrelations of processes at
different r. Initial stability of the central disk region
slows while strong initial instability accelerates the
increase of the velocity dispersion at the disk periph-
ery, having, however, no significant effect on the final
state.

Existing analytical criteria for the stability of thin
disks are based on other considerations, and, strictly
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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speaking, there is no reason why they must coincide
with theQT valueswe have found, due to the local na-
ture of the criteria applied, as well as due to the use of
two-dimensional analytical models, while dynamical
models treat the disk heating in three dimensions. The
model velocity dispersions differ significantly from
those predicted by various criteria (Figs. 5b–5d, 6b,
6e, 7b–7d, 8a, and 8b). However, there is no doubt
that the formal application of these criteria will yield
results that are correct to order of magnitude. In par-
ticular, like model estimates, they imply that QT > 1
at all r and that this parameter increases at the disk
periphery. However, in none of the cases considered
do the QT (r) relations derived using local criteria
agree with those found in this work for all radial
distances (0 < r < 4L), and that they can differ from
the model estimates by more than a factor of 1.5 at
some distances r.

After passing through its minimum, the Toomre
parameter QT (r) for a disk that has reached a stable
equilibrium state increases monotonically with r from
QT � 2–3 at a radius of (3–4)L (this is usually close
to the optical boundary of the disk in real galaxies).
A similar increase of QT (r) from 1.5 to 2.5 at the
periphery was obtained earlier by Pichon and Lynden-
Bell [49] using a different method (by constructing
stable equilibrium distribution functions for flat sys-
tems over a wide range of free parameters) and has
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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T computed using (5) with Vc(r). The

notation is analogous to that in Fig. 5.
also been noted in results obtained for a number of
dynamical models [5, 21, 24, 44–47].

The disks of galaxies whose halos are not too
massive (µ � 1.5) are subjected to bar instability. The
suppression of the development of a long-lived bar
in galaxies with low-mass spherical components re-
quires not only a higher velocity dispersion (as shown
long ago by Ostriker and Peebles [29] in their classic
work) but also a higher value of the Toomre parameter
QT , compared to galaxies possessing a massive halo
or bulge. In this case, the development of a bar is
accompanied by an increase in QT even in regions
of the galaxy beyond the bar. This effect is apparently
associated with the system being “overheated” above
the threshold level: the development of the bar is ac-
companied by a redistribution of mass in the disk, so
that the local decrease of the disk surface density for
the given velocity dispersion results in an additional
increase inQT . However, in this case, our models fail
to yield bona fide quantitative estimates, since the
parameters of the bar depend strongly on the initial
conditions in the system. We have not analyzed here
the conditions for the development of the bar mode in
detail.

Our results make it possible to use numerical
models to estimate the degree of dynamical heating
ASTRONOMY REPORTS Vol. 47 No. 5 2003
of stellar disks and to derive estimates for the a priori
unknown mass and density of a galactic disk from the
observed velocity dispersion of the old stars making it
up.
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Abstract—The results of spectroscopic observations of the host galaxies of objects in the RC catalog
(the “Big Trio” program) obtained using the new SCORPIO spectrograph of the Special Astrophysical
Observatory are presented. The spectroscopic redshifts of the objects are compared with their photometric
color redshifts, and the errors in the latter are estimated. Based on BV RI observations obtained on the
6-m telescope of the SAO, the errors for the population of powerful radio galaxies are close to those found
previously for radio quiet galaxies (about 10–20%). The detection of Ly α in the B filter in RC 1626+0448
is confirmed. This object is the second spectrally studied FR II radio source from the RC catalog to have
a redshift z > 2.5. Star formation in its host galaxy began at a redshift z > 3.3. This first use of the new
SCORPIO spectrograph demonstrates its promise for studies of very distant steep-spectrum radio galaxies
brighter than 23m–24m in V . c© 2003 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

It has become clear that the sensitivities of modern
radio and optical observations are sufficiently high
to detect radiation from the most distant high-
luminosity objects in the Universe, in particular
quasars and powerful radio galaxies. The “Big Trio”
(RATAN-600, VLA, and 6-m telescope of the Special
Astrophysical Observatory) project [1–3] was aimed
at searching for candidate distant radio galaxies in a
strip of sky with an area of about 100 square degrees
deeply surveyed using the RATAN-600 telescope.

It is not possible to physically interpret the results
of these observations without knowledge of the dis-
tances of the radio galaxies and of their spectra in
all wavelength ranges. Radio spectra can be obtained
relatively easily, but they enable only crude distance
estimation based on the statistical “α− z” depen-
dence for these objects, where α is the radio spectral
index and z the redshift of the source [4]. Refined
estimates can be obtained once the objects are op-
tically identified, based on the“m− z” dependence,
where m is the apparent magnitude [5]. Analysis of
the color characteristics enables two important new
steps: refining the redshift and estimating the age of
the host galaxy. The most complete information about
the nature of an object can be derived only if its line
and continuum radiation throughout the electromag-
netic spectrum has been studied [6].

However, the dramatic growth in the volume of
catalogs (to 106 or more objects) and the interest
1063-7729/03/4705-0377$24.00 c©
posed by weak (distant) objects makes it infeasi-
ble to perform deep spectroscopic observations of
all cataloged objects due to the low photon fluxes
involved. Exposures of hours are required for many
objects, even using multichannel spectrographs to
observe modest-size fields [7]. Therefore, the main
thrust in research outside Russia has been surveys
based on multicolor photometry with very accurate
ties to direct spectral methods (for example, the Sloan
survey [8, 9]).

Here, we report the results of photometric and
color (BV RI) observations of some objects included
in the Big Trio program using the 6-m telescope of
the Special Astrophysical Observatory (SAO). These
objects are powerful radio galaxies with supermassive
black holes, and their photometric and color proper-
ties may differ from those of standard field galaxies.
The use of non-Russian color data for calibration
purposes is hindered by the absence ofBVRI data for
this population of distant, powerful radio galaxies [10,
11].

Results of the first attempts to carry out spectro-
scopic observations of the host galaxies of objects
from the RC catalog were published in [12]. Here,
we present observations of four RC galaxies obtained
using the new-generation SCORPIO spectrograph
of the SAO. A brief description of this instrument is
given on the web page

http://www.sao.ru/∼moisav/scorpio/scorpio.html.
2003 MAIK “Nauka/Interperiodica”
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Table 1. Log of SAO 6-m spectral observations

Source name Date Texp, s Seeing z PA

RC 0908+0451 March 17/18, 2001 4 × 600 2.0′′ 42◦ 107◦

RC 1154+0431 March 17/18, 2001 2 × 600 1.6 40 108

RC 1626+0448 July 27/28, 2001 2 × 900 1.0 45 83

RC 1722+0442 July 26/27, 2001 2 × 360 1.3 47 62

Table 2. Comparison of redshifts obtained in different ways

Source name zcol zsp ∆zcol m−mlim Comments

RC 0908+0451 0.48 0.525 −0.03 −2.2 FRII, BLRG

RC 1722+0442 1.01 0.604 0.25 −0.1 FRII, NLRG

RC 1626+0448 2.35 2.656 −0.08 0.3 FRII, NLRG

Table 3. Ages

Source name t(zsp) Myr t(zcol) Myr TU Myr tsf Myr zsf Comments

RC 0908+0451 3250 3500 9050 <5800 >1.1 FRII, BLRG

RC 1722+0442 3500 4500 8450 4950 1.4 FRII, NLRG

RC 1626+0448 115 500 2600 2500 2.8 FRII, NLRG

RC 0444+0501 290 3000 2560 2270 3.0 FRII, NLRG
The SCORPIO spectrograph has made it possible
to unambiguously determine the redshifts of such ob-
jects and consequently their absolute luminosities in
both the radio and the optical. In principle, combined
with color data, this enables the refinement of esti-
mates of the ages of the galaxies’ stellar populations
and of the redshifts corresponding to the formation of
the host galaxies.

Spectroscopic data are essential for the calibration
of other indirect methods for estimating the distances
and ages of objects in the special population of power-
ful radio galaxies. An initial selection of objects based
on their radio properties has known advantages—a
high relative radio luminosity compared to a galaxy’s
optical or infrared luminosity is a simple and efficient
indication that the object is a giant stellar system with
an old, supermassive black hole in its nucleus.
2. OBSERVATIONS

Spectroscopy

The observations were carried out during the test-
ing phase of the new SCORPIO aperture-ratio re-
ducer mounted at the primary focus of the 6-m tele-
scope of the SAO. The maximum quantum efficiency
of the instrument in its spectral regime was approx-
imately 30% (at a wavelength of about 6500 Å).
A direct-view prism with 300 lines/mm was used,
which enabled observations at 3500–9500 Å with a
spectral resolution of about 20 Å. This resolution is
close to optimal for studies of FR II radio galaxies,
which have narrow emission lines whose luminosities
are close to the bolometric luminosity of the stellar
population of the host galaxy [5]. The receiver was a
TK1024 CCD detector with 1024 × 1024 pixels. The
scale along the slit was 0.3′′/pixel and the slit width
was about 1.5′′. A He–Ne–Ar calibration lamp was
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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Fig. 1. Radio image of RC 0908+0451 at 1435 MHz (VLA) superposed on the R optical field (6-m telescope of the SAO). The
axes plot right ascension and declination (2000). The contour levels are 0.0034, 0.0054, 0.0085, 0.0135, 0.0215, and 0.0340.
The coordinate tie was carried out using the USNO catalog.
used to calibrate the wavelength scale. The abso-
lute energy scale of the spectra were calibrated using
nightly observations of a spectroscopic standard star
in a slitless regime.

An interference pattern associated with the trans-
mitted light (a moiré pattern) is observed for the CCD
detector at wavelengths longer than 7500 Å. Since
bright night-sky lines are included in this wavelength
interval, we carried out the following procedure to
subtract these lines more accurately. We made several
exposures with the object shifted along the slit by
∼10′′ between each one. In the subsequent reduction
of the object spectra, a “pure” sky spectrum was
subtracted from the same position but on the shifted
frame. Table 1 presents a log of the observations
indicating the object name, observation date, total
exposure time, mean seeing, mean zenith distance of
the object, and the position angle of the slit.

RC 0908+0451. Figure 1 presents a radio im-
age of this object superimposed on the correspond-
ing optical field. The galaxy spectrum obtained us-
ing the new SCORPIO spectrograph is presented in
Fig. 2. The slit passed through a neighboring star.
The object was shifted along the slit between expo-
sures of 2 × 600 s. The result of summing four 600-s
exposures is shown. The MgII 2798, [NeV] 3426,
[OII] 3727, Hγ, Hβ, and [OIII] 4959 and 5007 emis-
sion lines can be seen in the spectrum. The last line
is distorted by an atmospheric absorption band. The
stellar population of the radio galaxy can be identified
fairly certainly from the CaII K and H absorption-line
blend. Since the Hβ and MgII 2798 lines are rather
ASTRONOMY REPORTS Vol. 47 No. 5 2003
broad, we classify the object as a broad-line radio
galaxy (BLRG) with a redshift of z = 0.525.

RC 1154+0431. The spectrum of this source is
presented in Fig. 2. The slit passed through a neigh-
boring star. The result of summing two 600-s expo-
sures is shown. MgII 2798, [NeV] 3346 and 3426,
[OII] 3727, and [NeIII] 3869 emission lines with a
redshift of z = 0.998 can be seen in the spectrum. The
MgII 2798 line is very broad and strong, while the
remaining lines are narrow. It appears reasonable to
classify this object as a quasar. No compact core is
visible on the VLA map, and we estimate the core-
dominance ratio to be R = Score/Slobes < 0.1. The
spectrum of the object resembles the mean spectrum
for quasars with R < 0.1 from the MRC survey [13].

RC 1626+0448. The radio image superimposed
on the optical field is presented in Fig. 3, and the spec-
trum is presented in Fig. 2. The observations were
carried out in the presence of significant contamina-
tion by moonlight, and it was difficult to estimate the
stellar continuum in the spectrum. Figure 2 presents
only the gaseous component of the spectrum, which
is of primary use for determining the redshift of the
object. The spectrum is typical for high-z radio galax-
ies: narrow Lyα 1216, CIV 1549, HeII 1640, and
CIII 1909 emission lines at a redshift of z = 2.656 are
visible.

RC 1722+0442. The radio image superimposed
on the optical field is presented in Fig. 4. The ratio of
the object’s radio luminosity to its optical luminosity
is typical for powerful radio galaxies (m−mlim = 0.1,
which corresponds to Lrad/Lopt ∼ 1; Table 2). The
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Fig. 2. Spectra of the radio sources RC 0908+0451, RC 1154+0431, RC 1626+0448, and RC 1722+0442.
object is situated in a group of galaxies. Its shape and
size are typical of gE galaxies. The galaxy’s spectrum
is presented in Fig. 2. [OII] 3727, [NeIII] 3869, and
H β emission lines are visible, as well as the [OIII]
4959, 5007 doublet. The line-intensity ratios are close
to the standard values for powerful steep-spectrum
radio galaxies [5]. The object’s redshift is z = 0.604.

The absolute calibration of the spectra of weak
objects requires additional study, and we have thus
far used these spectra only to determine the source
redshifts.

Spectral Energy Distributions

The color redshifts and ages of the stellar popu-
lation were determined from the BV RI observations
obtained on the 6-m telescope and the PEGASE [15]
and GISSEL98 [16, 17] model evolutionary spectral
energy distributions (SEDs) [14]. The program used
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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Fig. 3. Radio image of RC 1626+0448 at 4860 MHz (VLA) superposed on the R optical field (6-m telescope of the SAO). The
axes plot right ascension and declination (2000). The contour levels are 0.0008, 0.0020, 0.0050, and 0.0127.
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Fig. 4. Radio image of RC 1722+0442 at 1425 MHz (VLA) superposed on the R optical field (6-m telescope of the SAO). The
axes plot right ascention and declination (2000). The contour levels are 0.006, 0.015, 0.038, and 0.095.
for these calculations is accessible in an interaction
regime at the “Radio-Galaxy Evolution” web page
http://sed.sao.ru. The main uncertainty in estimating
the ages of the host galaxies is correct selection of
an evolutionary model, even in the case of isolated
galaxies.

Figure 5a presents contours of the normalized
likelihood function in the z − log(t) plane for the radio
galaxy RC 0908+0451, where t is the age of the
galaxy; Figure 5b shows the corresponding model
SED curve log S − log λ for which the sum of the
square residuals for the fit to the observed flux den-
sities S in the four bands is lowest (for an age of
3500 million years and the GISSEL98 model).

According to its colors, this is a “blue” object,
and it is located in the (B −R) − (V − I) two-color
ASTRONOMY REPORTS Vol. 47 No. 5 2003
diagram halfway between the position of normal ellip-
tical galaxies with z = 0.5 and the region occupied by
quasars. The jump in the spectrum at 4000 Å (in the
rest frame of the object) is not prominent, suggest-
ing that the spectrum at wavelengths shorter than
4000 Å is probably determined by the nonthermal
continuum of the active nucleus and not the stellar
population of the galaxy. This is supported by the
fact that a core component is firmly detected in the
FIRST radio map. Nevertheless, there is good agree-
ment between the spectral redshift and the color es-
timates: zPEGASE = 0.49, zGISSEL98 = 0.48. The age
of the stellar population according to the PEGASE
and GISSEL98 models is 1600 and 3500 million
years, respectively. Due to the presence of a nonther-
mal continuum, these estimates should be considered
lower limits for the true age of the galaxy.
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The crosses show the observed flux densities in the four filters in relative units (Jy).
Figure 6 presents the optical field of RC 1626+0448
in the BV RI bands [18]. The brightness of the radio
galaxy in the B band compared to nearby objects
is striking. This is associated with the presence of
powerful Lyα emission in this filter.

It was not possible to unambiguously determine
the age of the stellar population of this galaxy on the
basis of the model SEDs and four-color photometry.
Figures 7a and 7b show two model SED curves for
ages of 350 and 6000 million years. The x’s denote the
BV RI flux densities obtained on the 6-m telescope.
The redshift was taken to be equal to the spectral
redshift (z = 2.66). It follows from Fig. 7 that the
sums of the square residuals are roughly the same for
ages from 350 to 6000 million years. Note that the age
of the stellar system cannot exceed the age of the Uni-
verse at z = 2.66, or 2640 million years for a flat model
with a Λ term (ΩΛ = 0.7, H0 = 65 km s−1 Mpc−1).
The UV spectrum suggests the presence of a young
stellar population with an age of 115 million years,
which apparently dominates over the radiation of the
older bulge stellar population. In such situations, IR
observations are required to properly distinguish the
population of old stars.

Figure 8a presents the normalized likelihood
function in the z − log(t) plane for the radio galaxy
RC 1722+0442, while Fig. 8b shows the correspond-
ing model SED curve log S − log λ for which the sum
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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of the square residuals for the fit to the observed flux
densities in the four bands is lowest (for an age of
3750 million years and the GISSEL98 model).

3. DISCUSSION

Redshifts

All the objects already show several emission lines
in short exposures of about ten minutes, and their
redshifts are easily determined. This is associated
with the presence of a powerful gaseous component
in the spectra of radio galaxies and quasars. A com-
parison with the multicolor photometric data is given
in Table 2, which presents the name of the source,
its color redshift zcol, spectroscopic redshift zsp, the
relative errors of the spectroscopic and color redshifts
∆zcol = (zcol − zsp)/(1 + zsp), and the value of m−
mlim [4], which characterizes the closeness of the
radio and optical luminosities.
The mean and rms deviation of the color redshifts
for the three FR II radio galaxies were 0.01 and 0.16,
respectively. The errors in the color redshifts were no
more than 25% for all the objects, in agreement with
the pioneering results of the 1980s for nearby radio
galaxies with z � 1 [19].

Ages of the Host-Galaxy Stellar Populations

We estimated the ages of the host galaxies with
measured spectroscopic redshifts t(zsp) using evolu-
tionary model SEDs for the integrated radiation of
the stellar populations of gE galaxies, applying the
method described in [14, 4] and evolutionary schemes
in accordance with the GISSEL98 models [16, 17].
The results are summarized in Table 3, which in-
cludes high-luminosity FR II radio galaxies from the
Big Trio sample whose spectra we had obtained by
February 2002. Table 3 presents the source name, age
of the host-galaxy stellar population calculated using
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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the GISSEL98 model t(zsp), the age of the stellar
population derived simultaneously with the color red-
shift from the multicolor (BV RI) photometry t(zcol),
the age of the Universe at the epoch of the measured
spectroscopic redshift for a flat model with a Λ term
(Ωλ = 0.7, H0 = 65 km s−1 Mpc−1) TU , the epoch of
the last burst of star formation tsf , and the redshift
corresponding to tsf for a flat model with a Λ term
zsf .

Formally, it follows from Table 3 that the epoch of
the last burst of star formation is not very different
from the epoch of high activity of galaxies in the radio.

4. CONCLUSION

(1) The use of the new SCORPIO spectrograph
of the SAO for observations of radio galaxies has
demonstrated qualitatively new capabilities for in-
vestigations of the early Universe based on studies
of distant radio galaxies with emission lines in their
spectra. Exposures comparable with those required
for simple optical identification are able to remove
ambiguity in estimates of the photometric and color
redshifts of such radio galaxies and increase the ac-
curacy of estimates of the ages of their stellar popula-
tions.

(2) The color redshifts of powerful radio galaxies
are in satisfactory agreement with their spectral red-
shifts at least to redshifts of about three if the radiation
of the stellar population dominates and quasars and
radio galaxies are not confused. Closeness of the radio
and optical luminosities can provide a useful criterion
for selecting powerful radio galaxies. In the case of
more distant (weaker) galaxies, only spectroscopic
observations or the Lyman-break method [20] can re-
move ambiguity in the photometric and color redshift
estimates.

(3) Spectroscopic observations of distant radio
galaxies are required to estimate the ages of their
stellar populations based on their metallicities, as
well as to calibrate indirect methods (including multi-
color photometry). However, this requires exposures
of many hours. Such expenditure of observing time
will surely be justified by new, model-independent
methods for obtaining information about the evolu-
tion of the equation of state of the Universe from
the dependence of the ages of old galaxies on their
redshifts.
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Original Russian Text Copyright c© 2003 by Tutukov, Cherepashchuk.
Wolf–Rayet Stars, Black Holes, and Gamma-Ray Bursters in Close
Binaries

A. V. Tutukov1 and A. M. Cherepashchuk2

1Institute of Astronomy, Russian Academy of Sciences, ul. Pyatnitskaya 48, Moscow, 109017 Russia
2 Sternberg Astronomical Institute, Universitetskiı̆ pr. 13, Moscow, 119899 Russia

Received September 10, 2002; in final form, October 10, 2002

Abstract—We consider the evolutionary status of observed close binary systems containing black holes
and Wolf–Rayet (WR) stars. When the component masses and the orbital period of a system are known,
the reason for the formation of a WR star in an initial massive system of two main-sequence stars
can be established. Such WR stars can form due to the action of the stellar wind from a massive OB
star (MOB ≥ 50M�), conservative mass transfer between components with close initial masses, or the
loss of the common envelope in a system with a large (up to ∼25) initial component mass ratio. The
strong impact of observational selection effects on the creation of samples of close binaries with black
holes and WR stars is demonstrated. We estimate theoretical mass-loss rates for WR stars, which are
essential for our understanding the observed ratio of the numbers of carbon and nitrogen WR stars in
the Galaxy ṀWR(M� yr−1) = 5× 10−7(MWR/M�)1.3. We also estimate the minimum initial masses
of the components in close binaries producing black holes and WR stars to be ∼25M�. The spatial
velocities of systems with black holes indicate that, during the formation of a black hole from a WR star,
the mass loss reaches at least several solar masses. The rate of formation of rapidly rotating Kerr black
holes in close binaries in the Galaxy is ∼3× 10−6 yr−1. Their formation may be accompanied by a burst of
gamma radiation, possibly providing clues to the nature of gamma-ray bursts. The initial distribution of the
component mass ratios for close binaries is dN ∼ dq = dM2/M1 in the interval 0.04 � q0 ≤ 1, suggesting
a single mechanism for their formation. c© 2003 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

A primarily qualitative scenario for the evolution
of massive close binaries from two initial main-
sequence components to a final system of two rela-
tivistic stars was formulated in [1, 2]. In this scenario,
the formation of Wolf–Rayet (WR) stars with OB
companions results from the loss of the envelope
by the primary in the course of its interaction with
its companion, with the subsequent exposure of
its helium core, which essentially is a WR star.
The observed variation of the nitrogen and carbon
abundances along the sequence WN → WC [3] was
explained by the gradual baring of the helium core
of the OB star due to mass loss via an intense
stellar wind [4]. The existence of such winds is now
beyond doubt [5], though their origin remains unclear.
Theoretically, the evolution of aWR star ends with the
collapse of its core and, as a rule, the formation of a
black hole or neutron star. Therefore, the evolution
of WR stars and black holes appear to be closely
related and should be analyzed together using modern
observations of massive close binaries (Tables 1, 2).
Note, however, that details of the formation of a
1063-7729/03/4705-0386$24.00 c©
neutron star or black hole during the collapse of a
WR core remain unclear [6].

WR stars are among the brightest stars; their
basic parameters and distribution in the Galaxy have
been well studied [7]. The ratio of the numbers of
carbon and nitrogen WR stars NWC/NWN increases
toward the Galactic center. This is clearly a conse-
quence of the increase in the abundance of heavy
elements Z toward the Galactic center, with the gra-
dient d logZ/dR ∼= −0.05/kpc [8]. As a result, in a
neighborhood around the Sun with radius ∼4 kpc [7],
the heavy-element abundance in young stars varies
by almost a factor of two. The increase in the fraction
of carbon WR stars toward the Galactic center can
be understood if we assume that the mass-loss rate
of these stars is proportional to their heavy-element
abundance.

Studies of the local density of WR stars in the
vicinity of the Sun can be used to estimate their total
number in the Galaxy [7]. This number is close to
103 and will be used below to estimate the mini-
mum initial masses of the OB components in close
binaries that are transformed into WR stars during
their evolution. Currently, about 200 Galactic WR
2003 MAIK “Nauka/Interperiodica”
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Table 1. Binary systems with WR components from [5, 24, 57]

System Spectrum MWRM� M0, M� P , days e± δe Evolution

HD 63099 WC5+O7 9 32 14.3 0.0 CE

γ2Vel WC8+O7.5 III- V 9.5 30 78.5 0.33± 0.01 CE

HD 90657 WN5+O4-6 19 37 8.25 0.04± 0.03 CE

HD 92740 WN7h+O9 III- V 55 21 80.3 0.60± 0.01 W

HD 94305 WC6+O6-8 16 34 18.8 0 CE

HD 94546 WN4+O8 V 9 26 4.83 0.0 CE

HD 97152 WC7+O7 V 14 23 7.89 0.0 CE

HDE 311884 WN6+O5 V 51 60 6.24 0 W

HD 152270 WC7+O5-8 11 29 8.89 0 CE

CV Ser WC8d+O8-9 IV 13 27 29.7 0.19± 0.03 CE

HD 186943 WN3+O9.5 V 17 36 9.56 0.07± 0.04 CE

HD 190918 WN5+O9 I 17: 34: 112 0.39± 0.07 CE

V444 Cyg WN5+O6 III- V 9.3 27.9 4.21 0.04± 0.01 CE

HD 193793 WC7pd+O4- 5 27: 60: 2900 0.85± 0.01 W

CX Cep WN4+O5 V 20 28.3 2.13 0 CE

HD 211853 WN6/WCE+O6 I(+WN+O) 15 27 6.69 0.0 + 0.000 CE

CQ Cep WN6+O9 II-Ib 24 30 1.64 0.01± 0.01 W, CE

B22 WC6+O5-6 V-III: 12: 35: 14.9 0.17 C, CE

B32 WC4+O6 V-III: 5 30 1.92 0 CE

AB8 WO4+O4 V 14 52 16.6 0.19 C

HD 5980 WN4+O7 I 8: 27: 19.3 0.49 CE

AB6 WN3+O7 8 47 6.68 0 C

HD 193928 WN5+O5 V-III 45 30 21.7 0.02± 0.03 W

System Spectrum fWR(M),M� P , days e

HD 62910 WN7/WCE+? 0.20 85.4 0.4

HD 192641 WC7pd+O9 12.1 4760 > 0.12

HD 193077 WN5o+B? 4.7 1538 0.28± 0.07

AS422 WN+WC+? 7.7: 22.0 0

B26 WN7+? 2.4 1.91 0 CE

B65 WN7+? 4.2 3.00 0 CE

B72 WN6+B1 Ia 3.8 4.31 0 CE

B82 WN6+O5 0.02 4.38 0 CE

B86 WNL/Of 1.6: 52.7: 0

B87 WN6+? 0.10 2.76 0 CE

B90 WN7+? 1.4: 25.2 0

HD 16523 WC5+? ∼0.01 2.41 0.0 CE
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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Mv,M� Vpec, km/s Comments Evolution

Cyg X- 33± 9 49 ± 14 Stationary CE

LMC X 6± 2 – Stationary CE

LMC X 22± 4 – Stationary CE

SS433 19 ± 7 – Stationary C

A0620- 0.6± 0.1 −15± 5 Transient CE

GS 202 0.7± 0.1 8.5 ± 2.2 Transient CE

GRS 1 0.8± 0.1 26 ± 5 Transient CE

GS 200 0.5± 0.1 – Transient CE

GRO J 0.4± 0.1 – Transient CE

GRO J 2.4± 0.4 −114± 19 Transient CE

H1705 0.4± 0.1 38 ± 20 Transient CE

4U 154 ∼2.5 – Transient CE

GRS 1 0.5–0.7 – Transient CE

SAX J .53(+1.6– 1.03) – Transient CE

XTE J1 0.09–0.5 126 Transient CE

GRS 19 1.2± 0.2 Transient CE

Note: Her v the masses of the relativistic object and optical star, respectively,
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arameters of binaries with black holes from [5, 54, 56]

System Spectrum of
optical star

Porb,
days fv(M),M� Mx,M�

1 (V 1357 Cyg) O9.7Iab 5.6 0.24± 0.01 16± 5

-3 B3 Ve 1.7 2.3± 0.3 9± 2

-1 O (7–9) III 4.2 0.14± 0.05 7± 3

∼A7Ib 13.1 ∼1.3 11± 5

00 (V616 Mon) K5V 0.3 2.91± 0.08 10± 5

3+338 (V404 Cyg) K0 IV 6.5 6.08± 0.06 12± 2

124-68 (GU Mus) K2 V 0.4 3.01± 0.15 6(+5, –2)

0+25 (QZ Vul) K5 V 0.3 4.97± 0.10 10± 4

0422+32 (V 518 Per) M2 V 0.2 1.13± 0.09 10± 5

1655-40 (XNSco1994) F5 IV 2.6 2.73± 0.09 6.3± 0.5

-250 (V2107 Oph) K5 V 0.5 4.86± 0.13 6± 1

3-47 (HL Lup) A2 V 1.1 0.22± 0.02 4.0–6.7

009-45 (MM Vel) (K6-M0)V 0.3 3.17± 0.12 3.6–4.7

1819.3-2525 (V4641 Sgr) B9III 2.8 2.74± 0.12 9.61(+2.08–0.88) 6

118+480 (K7-M0)V 0.17 6.1± 0.3 6.0–7.7

15+105 (K-M)III 33.5 9.5± 3.0 14± 4

e, Porb is the orbital period, fv(M) =
M3

x sin3 i

(Mx + Mv)2
the mass function of the optical star, mx and m

e peculiar radial velocity of the center of mass of the binary.
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stars are known, 24 of which are members of (WR +
OB) spectral binaries with known orbital periods and
component masses (Table 1 [5]). In addition, 12 WR
stars are components of spectral binaries with known
orbital periods but unknown masses (and sometimes
natures) of their invisible components, which may be
A stars, B stars, or black holes. These observational
data form an invaluable basis for detailed studies of
both the WR stars themselves and of the evolution
of the massive close binaries from which they origi-
nate. We present here a quantitative analysis of the
evolution of binaries that give rise to WR stars, with
the aim of refining their basic evolutionary parame-
ters and constructing a fuller picture of the previous
evolution of certain particularly interesting systems.

According to the currently accepted scenario for
the evolution of massive close binaries and the results
of numerical simulations, nuclear burning in the core
of a WR star ultimately results in its collapse and the
formation of a relativistic remnant: a black hole (BH)
or neutron star (NS) [1, 2]. Therefore, OB+ WR and
OB+BH systems are closely related in terms of their
evolution. This evolution cannot be understood with-
out a joint consideration of the observed parameters
of these systems, which provides a basis for estimat-
ing the mass loss that occurs during the supernovae
accompanying the formation of black holes in close
binaries. Table 2 presents the main observed param-
eters of X-ray binaries with black holes according to
[5]. We will use these data to estimate the minimum
initial masses of the black-hole progenitors, as well as
the mass loss from WR stars in supernova explosions.

Modern theories acknowledge three basic ways to
bare the helium cores of massive stars, resulting in the
formation of WR stars. In a close binary with compa-
rable initial component masses, one component can
lose its hydrogen envelope in the semidetached phase
via conservative mass transfer between the compo-
nents [4, 9, 10]. The total mass of the system remains
constant; we call this the conservative (C) scenario.
When the initial component mass ratio is large (q0 �
1.5), conservative evolution becomes impossible due
to limitations on the accretion rate [11]. Under these
conditions, the inevitable rapid and substantial ex-
pansion of the accretor during the accretion results
in the formation of a common envelope, which is lost
over a short time (possibly years) due to the orbital
energy of the system [12]. For simplicity, the mass
of the accretor is usually assumed to remain con-
stant in this case. We call this the common-envelope
(CE) scenario. The other currently known way for
WR stars to form is related to the intense stellar
winds from the most massive O stars [13, 14]. The
possibility of such evolution for stars with masses
exceeding ∼50M� is confirmed by the absence of
red supergiants with these masses [15]. In this case,
ASTRONOMY REPORTS Vol. 47 No. 5 2003
binarity is not necessary, and the main-sequence star
is transformed into a WR star with essentially no
expansion [14–17]. We denote this the stellar-wind
(W) scenario. For completeness, we should also note
another previously discussed possible mechanism for
the formation of a massive helium star: the continu-
ous and total mixing of a massive star by Eddington
rotational circulation. Standard estimates for the rate
of this circulation can formally sustain the chemical
homogeneity of the star if the velocity of its rotation is
close to the critical velocity required to maintain equi-
librium. We will consider this case in the Conclusion.

The above scenarios specify the variations of three
basic parameters of close binary systems in the pro-
cess of forming WR stars: the masses of the two com-
ponents and the semimajor orbital axis. We will show
that analyses of the main parameters of known bina-
ries with WR components can be used to reconstruct
the previous evolution of these systems. Secondary
components with sufficiently large masses can also
undergo a WR stage [2]. However, in the absence
of a significant number of observed systems of this
type (excepting possibly Cyg X-3), we will consider
here only the evolution of the massive primary com-
ponents.

2. THE EVOLUTIONARY STATUS OF WR
STARS AND BLACK HOLES IN CLOSE

BINARIES

Our quantitative estimates of the evolutionary pa-
rameters of massive close binaries are based on com-
puted grids of evolutionary tracks for components
with initial masses of 10M�–64M� [9]. Our results
were confirmed by subsequent calculations [16], both
qualitatively and quantitatively.

Let us present the main data required for numer-
ical estimates of the key parameters of WR stars.
Figure 1 displays the positions of a number of singular
points that depend on the initial mass of the star.
Line 1 indicates the relation between the mass of the
convective stellar core and the initial mass of the star.
If the mass of the star becomes smaller than the initial
mass of its convective core due to mass loss, the
abundance of hydrogen in its envelope will decrease,
and the ratio of the nitrogen and carbon abundances
will exceed unity. Starting from this moment, the
massive OB star is transformed for an observer into a
nitrogen WR star [4]. Mass loss in the most massive
O stars is also followed by a WNL stage [18], when
the helium core is enshrouded in an envelope with
a substantial abundance of hydrogen. The optical
component of the SS 433 system, which is a massive
close binary near the completion of the second mass-
transfer stage, can serve as an example of a massive
star approaching its WNL stage. Line 2 in Fig. 1
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Fig. 1. Dependences of the (1) initial mass of the con-
vective core, (2) mass of the helium remnant of the OB
component, and (3) maximum mass of the convective
helium core of the helium remnant on the initial mass of
the star M0. The evolutionary status of the remnant (WN
or WC) is indicated.

indicates the relation between the mass of the helium
remnant of the OB starMR and the star’s initial mass
M0. This dependence can be expressed analytically by
the simple formula [2]

MR

M�
= 0.1

(
M0

M�

)1.4

. (1)

Finally, line 3 indicates the dependence of the max-
imum mass of the convective stellar core in the
helium-burning phase on M0. These cores are en-
riched in carbon, which is produced by helium burn-
ing, so that their exposure by their stellar wind
transforms the nitrogen WR star into a carbon star
[4].

Numerical models can be used to estimate the
lifetime of a WR star in the core-burning phase [9]:

TWR(years) = 1.8 × 106

(
M�
MWR

)0.5

. (2)

It is important for estimates of the mass-loss rate
in WR stars that the time for helium burning in the
core is almost independent of the mass loss in the
transition from the WN to the WC stage [9].

Observations indicate that the numbers of nitro-
gen and carbon WR stars in the solar neighborhood
are comparable [7]. The relative abundance of WC
stars probably depends on the heavy-element abun-
dance [6, 19]; near the Sun, however, we can assume
that the masses of the nitrogen-enriched and carbon-
enriched layers ejected by a star in the WR stage are
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Fig. 2. Correlation between the masses of WR stars
(MWR) and black holes (MBH) and the masses of the
optical components (MV ) for the systems in Tables 1
and 2. See notation in the figure. The ellipses denote
elliptical orbits (e > δe), while the circles correspond to
circular orbits. The dashed lines delineate the region of
comparable luminosities of the components of WR + OB
systems. See the detailed description of these lines in the
text.

comparable. Since the total mass loss by a WR star
in this case is ∆M/M� ≈ (MWR/M�)0.8 (Fig. 1),
the intensity of the stellar wind required to provide
NWN = NWC should be

ṀWR(M�/yr) ∼= 5× 10−7(MWR/M�)1.3 (3)

≈ 2.3× 10−9

(
LWR

L�

)0.7

.

This assumes that there is no additional mixing in the
interior of the star, except for convection. For V444
Cyg, formula (3) yields the observed mass-loss rate
for the WR component [20], ∼10−5M� yr. Figure 1
indicates that the mass-loss rate (3) will be insuf-
ficient to expose the carbon-rich core of a star with
an initial mass exceeding ∼50M�. Indeed, observa-
tions have shown that there are virtually no WC stars
among the brightest [7] and most massive WR stars
(Table 1, Fig. 2).

The mechanism by which WR stars maintain their
intense stellar winds remains unclear [5]. Let us com-
pare the momentum flux for the stellar wind from
a WR star with the momentum flux for the star’s
radiation, orLWR/c and ṀLv∞, whereLWR is the lu-
minosity of the WR star, c—the speed of light, ṀL—
the intensity of the stellar wind, and v∞ ∼= 103 km/s
the velocity of the stellar wind at infinity. Then, the
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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ratio of the intensities of the momentum fluxes is

ṀWR

ṀL

= 115
(
L�
LWR

)0.3

≈
(
86M�
MWR

)0.56

. (4)

This clearly indicates that the wind momentum flux
required to provide a comparable number of WN and
WC stars exceeds the momentum flux of the radiation
of a typical WR star with a mass of ∼10M� by
a factor of a few. For an OB star, empirically esti-
mating the mass loss via the stellar wind in accor-
dance with Conti [13] and Stothers [21] and adopt-
ing ṀOB(M�/yr) ∼= 10−20(LOB/L�)2.5, and v∞ ≈
1000 km/s, this ratio is

ṀOB

ṀL

≈
(

LOB

1.6× 106L�

)1.5

≈
(
MOB

85M�

)3.4

. (5)

When (4) is compared with (5), it is apparent that
the relations between the mass-loss rate and the lu-
minosity are dramatically different for WR and OB
stars. While the stellar wind from an OB star could
be due to radiative acceleration, the nature of the WR
stellar wind remains unclear. Though the pulsation
instability of helium stars has not been exhaustively
studied, this a very likely mass-loss mechanism for by
WR stars.

The mass-loss rate of a star pulsating with an
amplitude ∆R = αR can be estimated by equating
the work of the pressure forces in its atmosphere to
the energy needed for mass loss from its surface. As
a result, we obtain dM/dt = 4πdvr/κ, where v is the
parabolic velocity on the surface and R is the radius
of the Wolf–Rayet star, κ is the opacity. Substitut-
ing in the numerical values from [9] yields dM/dt =
10−6α(MWR/M�)0.8M�/year. The estimate shows
that at α = 1, this rate is high enough for the Wolf–
Rayet stars to expose their carbon-rich layers in the
time of helium burning in their nuclei. As a result,
pulsation instability can actually be responsible for
the mass loss by Wolf–Rayet stars and deserves fur-
ther numerical studies.

Figure 1 shows that it is sufficient for a star with a
mass exceeding ∼50M� to lose ∼15M� in order for
it to be transformed into a nitrogen WR star. A simple
estimate of the total mass loss at the above empirical
rate [13] by an O star with luminosity LOB/L� =
63(MOB/M�)2.25 over its lifetime on the main se-
quence (TMS ≈ 5.6 × 107(M�/MOB)0.75 years, ac-
cording to the models of [2]) shows that a single
O star whose initial mass exceeds ∼68M� has time
to lose a hydrogen envelope with the ratio C/N > 1
and so to be transformed into a nitrogen WR star
(Fig. 1). The large (a factor of five) dispersion of
the “observed” mass-loss rates of O stars and un-
certainty in empirical upper limits for the masses of
stars reaching the red-supergiant domain (∼50M�)
ASTRONOMY REPORTS Vol. 47 No. 5 2003
prevent us from estimating the significance of the dis-
crepancy between the two limits above. This incon-
sistency can be removed by a quite plausible increase
of the empirical mass-loss rates for OB stars by a
factor of 4–5, or alternatively by taking into account
the impact of rotational mixing on the evolution of
the most massive stars. This latter possibility will be
discussed in the Conclusion. Penetrating convection
(overshooting) may also play a role.

Let us now consider the positions of close binaries
with WR components from Table 1 in the MWR–
MOB plane (Fig. 2). Close X-ray binaries with black-
hole components from Table 2 are also plotted here,
as well as two lines indicating the obvious influence
of observational selection effects. It is clear that, in
order for both components of a close binary to be
detected, their apparent luminosities must be com-
parable. The appropriate bolometric correction for a
WR star, which is determined by its effective tem-
perature, is not completely clear. We therefore plotted
one line for the case when this correction is equal to
that for an OB star (MWR

bol = MOB
bol ) and another line

corresponding to the assumption that the bolometric
corrections for OB and WR stars can be derived
from their theoretical temperatures using the models
of [22] and the bolometric-correction tables of [23]
(MWR

V = MOB
V ).

The positions of the systems from Table 1 with
known component masses are consistent with those
expected based on the obvious observational selection
effects. The fact that several systems are located be-
yond the delineated region may be due to remaining
uncertainties in their effective temperatures, bolomet-
ric corrections, or component masses. The group of
three WN stars with masses 30–55M� is especially
worthy of attention. Their unusual position may be
due to high hydrogen abundances in their cores re-
sulting from total mixing during their evolution. This
possibility is discussed in more detail in the Conclu-
sion. It is evident that the frequently noted weak cor-
relation (with correlation coefficient 0.07) between the
masses of the OB and WR stars [24] is probably the
result of the observational selection of systems whose
components have comparable apparent magnitudes.

The scarcity of WR + OB systems beyond the
strip marked in Fig. 2 does not indicate a real scarcity
or absence of such systems. This is confirmed by
the positions of close binaries from Table 2 with
black-hole components in this diagram. Three sys-
tems whose optical components have masses of
∼ 20–40M�—Cyg X-1, LMC X-1, and SS433—
are located among their immediate progenitors—
(WR+OB) stars. In most known systems with black
holes, the donor masses do not exceed
∼M�. Evolutionary computations indicate that the



392 TUTUKOV, CHEREPASHCHUK
initial masses of the donors in these systems did
not exceed ∼M� [25]. Since the initial masses of
main-sequence stars that produce black holes exceed
∼25M� [25, 26], this implies that the initial mass
ratio for the main-sequence components in massive
close binaries reaches values as low as ∼0.04. This
is close to the value for recently detected plane-
tary systems with massive planets around solar-
type stars: ∼0.01 [27]. Studies of spectral binaries
have shown that the distribution of initial mass
ratios q0 for close binaries is flat, with q0 ≥ 0.2;
i.e., dN ∼ dq [28]. The lifetimes of X-ray binaries
with massive donors are on the order of the time for
hydrogen burning in their cores, ∼3× 106 yrs, while
the lifetimes of systems with solar-mass donors are
∼109 yrs [25]. For massive X-ray binaries, q0 ∼= 1;
for low-mass systems, q0 ≈ 0.04. As a result, the
ratio of the numbers of X-ray systems with solar-
mass donors and massive donors should be ∼10,
given comparable intervals of initial semimajor axes
of the systems and masses of their primaries. The
observed ratio is close to this value (Table 2), which
to first approximation confirms the validity of the law
dN ∼ dq0 to q0 ≈ 0.04. This may provide evidence for
a single mechanism for the formation of close binaries
with a broad range of initial component-mass ratios.
Note that X-ray systems with orbital periods shorter
than ∼10 days are intrinsic and are not the result of
exchange collisions in the cores of globular clusters.

Figure 2 indicates that carbon WR stars possess
smaller average masses than nitrogen WR stars. This
is clear evidence for intense mass loss in WR stars
due to their stellar winds. It is difficult to estimate
these effects quantitatively on the basis of Table 1,
which is incomplete and is not representative due to
observational selection effects.

A formal comparison of the characteristic masses
of the WR stars and black holes in Fig. 2 suggests
that the transformation of a WR star into a black hole
is accompanied by the loss of ∼5M�. However, as
follows from Fig. 2, this estimate may be distorted
by observational selection effects, which inhibit the
detection of systems with low-mass WR stars, and
also by the fact that the mass of the pre-supernova
is ∼30–50% [5] lower than the mass of the WR
star, due to mass loss via the wind. We can estimate
the mass loss accompanying a type Ib, Ic supernova
resulting in the formation of a black hole using the
peculiar spatial velocities of close binaries with black
holes (Table 2). Assuming a cylindrically symmetrical
supernova explosion, the spatial velocity of the system
can be estimated from the conservation of momen-
tum [2]:

v(km/s) = 210
M2(MWR −MBH)

(MWR +M2)2/3(MBH +M2)P
1/3
orb

.

(6)
Here, M2 is the mass of the WR star’s companion,
assumed to remain constant during the explosion,
MWR is the mass of the WR pre-supernova taking
into account radial mass loss via the wind, MBH is
the mass of the black hole produced by the supernova,
and Porb is the orbital period of the system in days. All
masses in (6) are given in solar units.

Using this expression, we will now estimate the
mass loss during the supernovae (MWR −MBH)
for a number of systems with known spatial ve-
locities (Table 2). In phases preceding the X-ray
stage, systems with low-mass donors M2 < M�
have initial donor masses �1.5M� [25]. Adopting
for XTE J1118+480 M2

∼= 1.5M�, we find that the
required mass loss during the supernova is∼15.5M�.
However, the preservation of the binary as a bound
system during a cylindrically symmetrical explosion
requires MWR −MBH < MBH +M2, which yields
an unacceptably large mass loss. It may be that
the current estimates of the system parameters,
particularly its spatial velocity, are still uncertain.
Alternatively, it may be that the high velocity of this
system is provided by a “kick” accompanying the
supernova that formed the black hole. Such kicks
are frequently introduced to explain the high spatial
velocities of some radio pulsars. However, the need for
kicks in connection with neutron stars is not obvious,
since their high velocities can also be understood
as a result of the decay of close binaries due to a
second supernova in the system [28]. In addition, the
preservation of XTE J1118+480 as a bound system
after the supernova requires fine tuning of the kick:
its value and direction must be close to those of the
orbital velocity of the companion of the WR star at
the time of the explosion. However, the other X-ray
systems from Table 2 with close component masses
and orbital periods do not display such high spatial
velocities. This casts doubt on the existing estimates
for the spatial velocity of XTE J1118+480.

The other system with a high spatial velocity is
XN Sco1994. According to (6), the mass loss from
this system during the supernova must have been
∼ 35M�. However, as in the previous case, this con-
tradicts the preservation of the system during a sym-
metrical explosion. The estimated mass loss can be
decreased to 14M� by varying the system parameters
within the uncertainties indicated in Table 2. How-
ever, this value is still larger than is reasonable for the
preservation of the system. It is likely that the accu-
racy of the main observed parameters of this system
is also overestimated. For the systems V2107 Oph,
GU Mus, and V616 Mon, the mass losses during the
supernovae required to explain the observed spatial
velocities for M2 ≈ 1.5M� are 3.5, 2, and 2M�, re-
spectively.
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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Summarizing the results of our estimates of the
mass loss accompanying the formation of black holes
in close binaries, we conclude that the currently avail-
able spatial velocities of X-ray binaries with black
holes indicate mass losses comparable to the mass of
the forming black hole. However, the preservation of
the binaries as bound systems during the supernova
requires that the mass loss not exceed the mass of the
remaining black hole over a broad interval of black-
hole masses. Refinement of these estimates requires
that the accuracy of the parameters of X-ray systems
be increased and the mass loss of the WR star due to
its wind be taken into account [5]. An alternative ex-
planation for the appearance of a high-velocity X-ray
binary could be its ejection from a globular cluster [55]
with a low minimum escape velocity (∼30 km/s) and
a high spatial velocity (∼200 km/s).

The preservation of a system after a spherically
symmetrical supernova can be used to derive an upper
limit for themass loss during the formation of its black
hole. Since the minimum mass of the black hole is
4–5M� (Table 2) and the initial mass of the donor
is ∼M�, the total mass loss during the supernova in
such a system should not exceed ∼6M�. Hence, the
mass of a WR star producing a black hole with the
minimum mass does not exceed ∼10–11M� , while
the minimum mass of an OB star producing a black
hole at the end of its evolution does not exceed 27–
29M�, according to (1).

The maximum masses of black holes in close bi-
naries can be estimated based on the maximum lu-
minosity of X-ray sources in the nearby Andromeda
Galaxy and NGC 1316: ∼1040 erg/s [29]. Assuming
that this is equal to the Eddington luminosity for
helium accretion, we obtainMBH

∼= 50M�, while the
initial mass of a star producing a black hole with this
mass is ∼100M�.

Returning to Fig. 2, we note that the four most
massive WR stars are nitrogen stars. This is con-
sistent with the possibility that WR stars with such
large masses form due to a stellar wind. As we noted
while discussing formula (3), these stars should lose
appreciably more matter during the “nitrogen” stage
than their less massive analogues (Fig. 1). According
to Fig. 1 and formula (1), the masses of the progen-
itors of the most massive WR stars can reach 65–
90M�. The characteristic minimum masses of WR
stars (Fig. 2) are ∼5–8M�, which corresponds to
OB progenitors with initial masses 23–28M�, taking
into account mass loss during the WR stage. Massey
et al. [30] derived a similar limit of ∼20M� by ana-
lyzing the rate of occurrence of WR stars in 12 young
stellar clusters and associations for which the exact
positions of the main-sequence turning points are
known. Frequently used estimates of the minimum
masses of stars undergoing the WR phase based on
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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Fig. 3.Distribution of scenarios for the previous evolution
of WR + OB and BH + M–O systems from Tables 1 and
2. W denotes systems with WR components formed due
to outflow in the form of a stellar wind.

the star-formation function are less reliable due to
uncertainties in the total number of WR stars [4, 7]
and in the current star-formation rate in the Galaxy
[28]. Comparing the lower limits on the masses of OB
stars producing black holes and WR stars in close
binaries, we conclude that they coincide within the
remaining uncertainties and are equal to 25± 5M�.
It is presently difficult to tell whether this proximity
has a physical basis or is purely coincidental.

Finally, let us note another feature of the distri-
bution of WR binaries in Fig. 2. Stars with OB-
component masses lower than 23M� are absent from
the strip delineated by the observational selection
effects. However, it appears that close binaries with
black holes populate this domain uniformly. The ab-
sence of systems with less massive OB components
could be explained partly by the cessation of the in-
tense stellar wind in helium stars with masses lower
than ∼8M�. Such stars become ordinary helium
sub-dwarfs, which produce neutron stars and white
dwarfs at the end of their evolution. Another reason
for the lack of these systems in this domain could
simply be that the total number of WR binaries with
known orbital parameters is small. It remains unclear
whether these two reasons suffice to explain this pe-
culiarity.

Now, using the basic parameters of close binaries
containing WR stars, we will attempt to reconstruct
their evolution preceding the formation of the WR
stars. We will adopt the component masses and or-
bital periods of the systems as the main identifying
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parameters (Table 1, Figs. 3 and 4). We can use
theoretical evolutionary tracks [9] and the relation
(1) together with Fig. 3 to determine the regions in
which close binaries that have undergone qualita-
tively different evolutionary paths are located. Due
to the stellar wind, components with initial masses
higher than ∼50M� are transformed into WR stars
with initial masses exceeding ∼24M�, without sig-
nificant mass transfer. According to (1), evolution
that conserves the total mass transforms a system
with initial component masses M +M into a system
with 0.1(M/M�)1.4 + (2M − 0.1(M/M�)1.4). This
boundary is plotted in Fig. 3 as the lineMt = const.

After the end of hydrogen burning in the core of the
primary, close binaries with large initial mass ratios
evolve through a stage associated with the forma-
tion of common envelopes, due to the expansion of
the accreting star [28]. In this case, the formation
of a WR star is determined by the virtually com-
plete loss of the extended hydrogen envelope of the
primary, with the mass of the secondary remaining
constant. In Fig. 3, the lower boundary of the region
in which such systems can be located is indicated by
the line M2 = const. This line nearly coincides with
that corresponding to the positions of WR+OB sys-
tems with initial mass ratios for their main-sequence
components q0 = M1/M2 ≈ 2. This latter line can be
adopted as an upper boundary for the region in which
massive close binaries evolving conservatively during
the WR-component formation phase are located.

As the result of this procedure, the MWR–MV

plane (Fig. 3) becomes divided into four parts. The
domain below the lines Mt = const, q = 1 should be
inaccessible for WR +OB close binaries originat-
ing via any of the three currently known scenarios.
Indeed, these binaries are absent from this region.
Unfortunately, the fact that this domain coincides
with that excluded by observational selection effects
(Fig. 2) prevents us from knowing whether the ab-
sence of WR + OB systems from this forbidden re-
gion is significant. A zone of conservative systems (C)
containing several systems with nitrogen and carbon
WR stars is situated above this region. Above this
zone is a region in which systems that have under-
gone a common envelope (CE) stage are located.
About half of the WR stars in close binaries lie here,
as well as nearly all known black holes in close bina-
ries. Finally, the most massive WR stars in binaries
are the products of mass loss by the primaries via their
stellar wind (W). As expected, most of the WR stars
in this domain are nitrogen stars. Since mass loss by
WR stars decreases their masses by at least 20–30%
(Fig. 1), the lower boundary of the W zone is actually
situated near ∼19M�. As a result, seven of the eight
WR stars whose masses exceed ∼19M� are nitrogen
stars. This makes it possible to place limits on the
mass loss by themost massive WR stars (Fig. 1), 15–
20M�.

The positions of WR binaries with eccentric orbits
(Table 1) are interesting (Fig. 3). Nearly all belong to
systems that have undergone a conservative mass-
transfer phase or common-envelope stage. Known
semidetached binaries undergoing a mass-transfer
stage—Algol-type stars and cataclysmic binaries—
possess circular orbits. The most massive Algols are
HD 115071, with component masses 7M� + 17M�
[31], and RY Sct, with component massesM1(He) =
11M�, M2(O7) = 35M� [32]. One reason for the
rareness of such systems may be that the massive
progenitors of WR stars undergo short mass-transfer
stages, whose duration coincides with the thermal
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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timescale, ∼3× 107

(
M

M�

)2(R�L�
RL

)
yrs. During

the brief common-envelope stage, the system will be
observed as a single massive star displaying intense
mass loss. The very likely formation of dust in the en-
velope may turn the star into a bright infrared source.
Stars like η Car may be massive close binaries in a
common-envelope phase.

It is important to note that the example of Algols
with circularized orbits is obviously not appropriate
for the progenitors of WR+ OB systems, which re-
tain substantial orbital eccentricities [24] (Table 1).
The reasons for this evident difference remain unclear.
As a rule, the envelopes of the donors in Algol and
cataclysmic binaries are convective, and the duration
of the Algol phase is usually not specified by the
thermal timescale of the donor envelope but instead
by the much longer time for the growth of the helium-
core mass and the magnetic stellar wind [28]. These
circumstances probably promote the comparatively
rapid circularization of the orbits of observed Al-
gols and cataclysmic binaries in the semidetached
phase. As is shown in [24], the orbits of most Al-
gols have already been circularized in the detached
main-sequence stage, and the role of mass transfer
in this process is secondary. For most of the observed
massive WR+ OB binaries in Table 1 and Fig. 3, the
circularization of their orbits was probably excluded
by the short time for the interaction between the com-
ponents of the massive progenitors of these systems
and by the low-viscosity radiative envelopes of these
components. As a result, the orbits of WR+ OB
systems with orbital periods exceeding ∼14–15 days
[24, 30] (Table 1) retain substantial eccentricities, de-
spite the fact that they have undergone a conservative
mass-transfer stage or common-envelope stage.

The orbital periods of the binaries should also be
taken into account in order to ensure reliable identi-
fication of the WR+ OB systems according to their
preceding evolution. This is illustrated by Fig. 4,
which presents the positions of the studied binaries
in a plot of the mass of the optical componentMV vs.
the orbital period of the system P . Several theoretical
lines in this figure serve as guidelines for their evolu-
tionary paths.

Line 1 denotes the lower limit for the orbital pe-
riods of systems consisting of main-sequence stars
with equal masses. Line 2 marks the position of sys-
tems with equal initial component masses after con-
servative mass transfer, for the case when the mass
of the remnant is described by formula (1). All con-
servative systems should be located above line 2. As
a result, all systems lying within the domain bounded
by lines 1 and 2 may appear in this region only in the
common-envelope stage. Generally speaking, sys-
tems with initial primary masses exceeding ∼50M�
ASTRONOMY REPORTS Vol. 47 No. 5 2003
could also fall into this region if they have an in-
tense stellar wind; however, none of the systems from
Table 1 whose WR stars have masses higher than
∼25M� appear there.

Numerical models [9] indicate that the bolometric
luminosity of a massive star in the red-supergiant
stage is given by the equation

LOB/L� ≈ 100(MOB/M�)2.35. (7)

Assuming the temperature of the red supergiants to
be ∼2500 K, we can find the dependence of the maxi-
mum radius of a star on itsmass and therefore also the
maximum possible semimajor axes for massive close
binaries:

Rmax

R�
∼= 24

(
M

M�

)1.2

;
Amax

R�
= 60

(
M

M�

)1.2

.

(8)

After the common-envelope phase, the maximum
semimajor axis of a system with equal initial com-
ponent masses will be

Af

R�
=
Amax

R�

MR

M
∼= 6

(
M

M�

)1.6

,

while the orbital period of the system in theWR+OB
stage is

Porb = 1d.5(M/M�)1.9. (9)

The boundary (3) is plotted in Fig. 4. After the
common-envelope phase, a system can become even
closer if the mass of the secondary is lower than the
adopted value. However, this boundary represents
an upper limit for the orbital periods of systems that
have undergone a common-envelope phase. In Fig. 4,
the lower boundary for these systems is specified by
the limit (1). The boundary between close and wide
systems can be estimated using formula (4) for the
limiting semimajor axes of close binaries:

Porb ≈ 33d(M/M�)1.3. (10)

This is plotted as line 4 in Fig. 4.
Before proceeding to an evolutionary analysis of

WR + OB systems with known orbital parameters,
we will estimate the role of another obvious obser-
vational selection effect. Spectroscopic detection of
the binarity of such massive stars with broad spectral
lines requires that the amplitude of the WR star’s
radial-velocity variations due to the orbital motion
exceed some value. For an observer located in the
orbital plane of the system, this amplitude is

∆v(km/s) = 430
MOB

M�

M
2/3
�

(MOB +MWR)
2
3

1

P
1/3
orb

,

(11)



396 TUTUKOV, CHEREPASHCHUK
where Porb is the orbital period of the system in days.
Adopting MWR = MOB/3 and ∆v = 250 km/s, we
derive for the upper limit of the orbital periods of de-

tectable spectroscopic binaries Porb
∼= 5

MOB

M�
days,

plotted in Fig. 4 by the dashed line. It is obvious
that nearly all WR + OB systems with known orbital
periods satisfy this constraint. It is interesting that
WR binaries with unknown secondary masses (Ta-
ble 1) also obey this constraint. This testifies that the
component masses are high—as a rule, comparable
to the masses of the WR stars. This means that most
of these components are either OB stars or massive
black holes. Low-mass main-sequence stars or neu-
tron stars are unlikely in these systems, if they are
possible at all.

Let us now consider the evolutionary identifica-
tion of the various domains in Fig. 4, delineated by
the boundaries indicated above. First and foremost,
the entire space above the boundary for extremely
close systems (1) is accessible to (WR + OB) stars
in which the WR stars originated as a result of mass
loss due to their stellar wind. Therefore, Fig. 3 re-
mains the sole basis for the evolutionary identifica-
tion of systems with the most massive WR com-
ponents. The domain confined between lines 1 and
2 (Fig. 4) is only accessible to systems after the
common-envelope stage. Lines 2 and 3 restrict the
domain accessible to systems that have undergone
both a conservative mass-transfer stage (C) and a
common-envelope phase (CE). Finally, the zone be-
tween boundaries 3 and 4, populated by systems from
Table 1, should contain (WR+OB) systems after the
conservative mass-transfer stage (C). We can now
use Figs. 3 and 4 for the evolutionary identification of
these systems, whose main parameters are contained
in Table 1.

A group of six WR + OB binaries in the domain
occupied by systems that have undergone a common-
envelope stage stands out in Fig. 4. The masses of
their components also suggest that their origin was
associated with these common envelopes (Fig. 3).
Only the star B32 presents a problem (Table 1). Judg-
ing from the masses of its components (Fig. 3), it has
undergone conservative mass exchange; however, its
short and reliably determined orbital period rules out
conservative mass transfer during the formation of the
WR star (Fig. 4). To explain the position of this sys-
tem in Fig. 3 as a result of evolution via a common-
envelope stage, we must assume (if the extremely low
mass for the WR star ∼5M� is accurate) that the
WR star already lost more than half its mass in the
WR stage. Since this is a carbon WR star, it seems
more probable than overestimation of the mass of the
O component by nearly a factor of two. This would
make it possible to shift the system into the domain of
CE systems in Fig. 3.

It is interesting that, in the distribution of WR +
OB stars in Fig. 4, 12 of 14 WR stars in systems with
Porb < 7 days are nitrogen stars. Since the sample is
small, it is difficult to estimate the significance of this
fact; in Table 1, 25 of 36 WR stars are nitrogen stars.

Table 2 presents the evolutionary statuses of
WR + OB binaries from Table 1, based on the lo-
cation of these systems in Figs. 3 and 4. In prin-
ciple, knowing the type of evolution a system has
undergone makes it possible to estimate its initial
parameters. Several systems seem peculiar from this
point of view. According to Figs. 1 and 2, HD 193793
was produced by mass loss from a primary with an
initial mass exceeding ∼60M�; however, judging
from its orbital period, it is a close binary (Fig. 4).
Figures 3 and 4 indicate that the WR component
in the system AB6 was produced by conservative
evolution in a system with initial component masses
28M� + 27M�. The initial semimajor axis of this
system was ∼14R�; i.e., it was essentially a contact
system. In this connection, we should note that, in
such close massive binaries, the evolution of the
components does not result in the formation of hot
helium WR stars [9]. In this case, an intense stellar
wind must be invoked to remove the remnant of the
hydrogen envelope. To obtain a WR star with the
mass of the WR component in AB8, the initial mass
of the progenitor must exceed 40M�. However, since
the initial mass of the secondary in this system was
∼26M�, the evolution of this system was conserva-
tive. Judging from its current mass, the initial mass
of the progenitor of the WR star in HD 190918 also
exceeded 40M�. At the same time, its initial mass
could not exceed∼46M�, since this is a nitrogen WR
star (Fig. 1). This rules out a defining role of the wind
in the formation of the WR component in HD 190918.
The large mass of the WR star makes a conservative
scenario impossible. As a result, only a common-
envelope scenario is possible for this system, with
the initial component masses being 45M� + 34M�
and the initial semimajor axis of the system being
∼103R�.

Summarizing our evolutionary identifications for
the WR+ O systems (Table 1), we conclude that
most have undergone a common-envelope stage.
This is a result of the observational selection effects
(Figs. 2, 3) and the comparatively small number of
initial OB+OB systems with close initial component
masses. This last factor is a necessary condition in
order for the mass exchange to be conservative.

Once the origins of the WR stars in close binaries
from Table 1 have been established, we can return to
our estimation of the minimum mass of an O star that
is transformed into a WR star during evolution in a
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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close binary. The initial mass of the progenitor of a
WR star in a conservative system is half the sum of
the current masses of the components. The lowest
initial mass is observed for AB6 (27M�; Table 1).
In systems that have undergone a common-envelope
stage, the minimum mass of the progenitor is close to
the current minimum mass of the OB component of
the WR star. According to Table 1, this value is∼23–
27M�.

The minimum masses of OB stars that are trans-
formed into WR stars during the helium-burning
stage can also be estimated from their number in the
Galaxy, based on the initial star-formation function
for binaries [28]:

d3N = 0.2d log a
dM10

M2.5
10

dq0, (12)

where a is the semimajor orbital axis, q0 is the initial
component mass ratio, and M10 is the initial mass of
the primary in solar units. Using expression (2) for
the lifetime of WR stars and assuming ∆ log a = 5
for stars with M10 > 50, we conclude that ∼360 of
∼1000 WR stars [7] were produced by the evolution
of these most massive stars. For stars with M10 <
50,∆ log a ∼= 2, since only close binaries undergo a
WR stage. To provide the “missing” WR stars, we
must assume that the minimum mass of an OB com-
ponent in a close binary that evolves into a WR star
is 24M�. Summarizing the above estimates for the
minimum masses of OB stars in the Galaxy that
are transformed into WR stars in close binaries, we
obtain ∼25± 2M�. A decrease in the heavy-element
abundance by a factor of ten (the SMC) increases
this limit to ∼70M� [33], emphasizing the role of the
stellar wind in the formation of WR stars.

To conclude our analysis of the minimum masses
of the OB components of close binaries in the Galaxy
that are transformed into WR stars and black holes,
we note that these two limits are similar and equal
to ∼25–30M�. In other words, with time, virtually
all WR stars are transformed into black holes. Since
the presence of a companion or a hydrogen envelope
around a helium star does not affect the final prod-
uct of its evolution, this conclusion remains valid for
both the components of wide binaries and for single
massive stars. The transformation of a WR star into
a black hole is accompanied by mass loss compara-
ble to the mass of the black hole, which is probably
formed in a type Ib, Ic supernova. For example, su-
pernova SN 2002ap (Ic) displayed evidence for a pre-
supernova wind with ṀWR

∼= 10−6M�/yr [34], which
is typical for WR stars.

3. GAMMA-RAY BURSTERS
Recently, evidence has accumulated that at least

some such supernovae are accompanied by gamma-
ray bursts [35–37]. Such a burst was detected during
ASTRONOMY REPORTS Vol. 47 No. 5 2003
the explosion of SN I998bw and identified with the
gamma-ray burst GRB 9804425 [38]. One possible
explanation for the origin of gamma-ray bursts is
that they are associated with the formation of rapidly
rotating (Kerr) black holes [39, 40]. The condition for
the formation of such a black hole is

ω2R3
BH � GMBH, (13)

where ω is the angular velocity of rotation of the
black hole, G is the gravitational constant, and RBH

and MBH are the radius and mass of the black hole.
The rotation of the cores of single pre-supernovae or
of the components of wide binaries probably slows
during their evolution to such small velocities that
the products of the stellar collapse (radio pulsars
and black holes) rotate with velocities that are far
from their limiting values. The presence of a close
companion of a compact helium pre-supernova re-
stricts the angular velocity of rotation of its core—
the future black hole with the orbital angular ve-
locity of the system. Estimates indicate that, in or-
der to obtain a rapidly rotating black hole, the iron
core of the pre-supernova must have its minimum
density, and the pre-supernova star must undergo a
red-supergiant phase, which results in the formation
of a compact final system. In other words, M10

∼=
50M�, ∆M10

∼= 10M�. If the mass of the progenitor
is known, the Galactic rate of supernovae that are ac-
companied by the formation of Kerr black holes from
WR stars can be estimated from the star-formation
function (12); with dq0 = 0.1 and ∆ log a0 = 0.3, we
obtain ∼3× 10−6/yr. If we take the number of galax-
ies with masses on the order of the mass of the
Milky Way within the horizon to be 109 [41, 42], the
theoretical gamma-ray burst rate will be ∼3000/yr,
much higher than observed rate of∼300/yr, or 10−6–
10−7 per year per galaxy [22, 43]. This discrepancy
obviously can be explained by invoking collimation
of the gamma-rays within a narrow solid angle [45,
46]. It is interesting that, for a specified energy, col-
limation acts in the required direction only if there is
a spatial horizon. In Euclidean space, the narrowing
of the “beam” increases the rate of the corresponding
events. Therefore, the formation of a Kerr black hole
in a system in which the secondary has a mass of
∼50M� and fills its Roche lobe, with this event being
accompanied by the generation of directed gamma ra-
diation, may serve as a model for gamma-ray bursts.
The orbital period of such a system at the moment of
the supernova is ∼2.5 hours. It is interesting that the
explosion of SN 2002ap (Ic) was accompanied by the
ejection of a relativistic jet of gas [44].

4. CONCLUSION
We have analyzed two types of observed massive

close binaries based on current concepts about their
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formation and evolution. Our main result is the con-
clusion that the qualitative scenarios for the forma-
tion and evolution of these systems suggested about
30 years ago remain valid. A quantitative analysis of
the basic parameters of WR stars and black holes in
close binaries in Tables 1 and 2 can be used to find
the observed analogs of these scenarios and thereby
confirm the existence of three main mechanisms for
the formation of WR stars: conservative mass trans-
fer, evolution with a common envelope, and evolution
with a stellar wind.

The formation of WR stars during the evolution of
massive, rapidly rotating OB stars with circulation-
induced total mixing remains unclear. Formally, the
HR diagram for the most massive stars [15] does
not contain stars to the left of the main sequence.
Stars evolving with total mixing should be situated
precisely in this region. However, determination of the
bolometric luminosities and effective temperatures of
massive stars with intense stellar winds remains dif-
ficult, and the transition stage (Of–WR) is short.
Therefore, the few stars that are observed in this
stage may be classified as either Of or WR stars. WR
stars that have originated during evolution with total
mixing should primarily be found among the most
massive components of close binaries with MWR �
MOB. According to Table 1, such systems include
HD 92740, HD 193928, and SMC WR7. However,
we should keep in mind that, in the framework of
our analysis, the evolution of these systems does not
differ substantially from that of systems undergoing
mass loss due to their stellar wind. In addition, it is
evident that all massive stars rotate at close to the
critical rate, and only a strengthening of the stel-
lar wind with mass (5) rules out the formation of
red supergiants from stars with masses exceeding
∼50M�. The appropriate scenario can be chosen on
the basis of observational and theoretical studies of
variations of the chemical compositions of OB and
WR stars. Circulation results in total mixing in the
star, during which most of the initial carbon should
be transformed into nitrogen in the core. As a result,
a star evolving in the presence of total mixing should
have N/C > 1, unlike nonmixed stars, in which this
ratio retains its initial sense: N/C < 1. Stars with ni-
trogen (OBN) and carbon (OBC) excesses are known
[47]. The most massive stars in the LMC and SMC
are nitrogen stars (ON) and display an excess of
nitrogen compared to carbon [48]. Further studies
of the statistics of these stars, and especially of the
correlation between the N/C ratio and the rotational
velocity, are needed to establish the role of mixing in
creating the observed C and N abundance anomalies
in the most massive OB stars.

The conservative mass-transfer phase, which
continues over the thermal timescale for the donor’s
evolution, is so short that the only known example of
such a semidetached system is RY Sct [32]. To realize
this scenario, the initial masses of the components
must be close. It was shown in [32] that the massive
close binary RY Sct is in the final stage of quasi-
conservative mass exchange and is being transformed
into a WR+OB system. The number of (WR+OB)
systems in Table 1 that have undergone a conserva-
tive mass-transfer phase is small. Most WR+ OB
systems with known parameters have undergone a
common-envelope phase. Systems in a common-
envelope phase cannot be identified unambiguosly.
This phase is very short and should be accompanied
by intense mass loss [28]. According to theoretical
estimates, this mass-loss rate can reach 10−4–
10−2M�/yr. Unique objects with large IR excesses,
such as η Car, may be such stars. Intense mass loss
is manifest in the expanding ring-like shells that are
visible around a considerable fraction of WR stars
[49]. Since the period when such a shell can be
detected is short, it is natural that nearly all WR stars
with shells are nitrogen stars. The existence of such
objects provides evidence in favor of the common-
envelope scenario for close binaries. The system
Cyg X-3, which contains the star WN3-7 and an
accreting relativistic object, probably also underwent
a common-envelope stage during the secondary mass
transfer [50].

Numerical simulations of the evolution of massive
close binaries can be used to quantitatively estimate
the mass-loss rates of WR stars that are required to
provide approximately equal numbers of carbon and
nitrogen WR stars in the solar neighborhood. The
resulting estimate is close to the observed WR mass-
loss rate derived from variations of the orbital period of
V444 Cyg. Further verification of the theoretical re-
lations requires observational estimates of the mass-
loss rates of other WR stars in close binaries from
Table 1. When the observed mass-loss rates for WR
stars and main-sequence OB stars with the same
bolometric luminosities are compared, it is clear that
WR stars have substantially higher mass-loss rates.
The reasons for this difference remain unclear, as does
the mechanism for the formation of the intense stellar
winds from WR stars.

The spatial velocities of close binaries with black
holes can be used to estimate the variations of the
masses of the WR progenitors of black holes during
the supernova explosions in which the black holes are
formed. It was found that the WR star loses several
solar masses during the explosion. Further reliable
spatial-velocity estimates will enable refinement of
this value. We also considered several methods for
the estimation of the minimum masses of the main-
sequence stars that are transformed at the end of
their evolution into black holes or WR stars in close
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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binaries. This limiting mass was∼25± 5M�. Within
the remaining uncertainties, this value appears to be
the same for black holes and WR stars.

Our analysis of X-ray close binaries with black
holes and known component masses in Table 2 con-
firmed the validity of the previously found [28] distri-
bution of the component mass ratio q0 for forming
close binaries (dN ∼ dq0) to values q0 ∼= 0.04. This
value is comparable to the mass ratios of solar-type
stars with massive planets (∼0.01M�). This may
provide evidence that the massive planets around
solar-type stars detected in recent years extend the
family of close binaries to smaller mass ratios. Further
study of this problem is needed, since the observed
X-ray binaries with low-mass donors from Table 2
fill the mass interval for the companions of massive
stars that is analogous to the “brown-dwarf desert”
in extrasolar planetary systems.

We demonstrated the large role of observational
selection effects in the analysis of the evolutionary
status of WR + OB binaries and black holes in close
binaries. The determining role of selection effects in
many cases is widely known, but taking these into
account when analyzing observational data has not
become general practice.

An interesting property of WR + OB close bina-
ries from Table 1 that have undergone either a conser-
vative mass-transfer or a common-envelope phase is
that they frequently display substantial orbital eccen-
tricities, up to 0.6. For reasons that are currently un-
clear, the well-known mechanisms acting in semide-
tached cataclysmic and X-ray binaries, as well as
in Algols with circular orbits, appear not to act in
interacting massive binaries. One possible origin of
this obvious difference is the short duration of the
interacting phase in massive systems and the reduced
viscosity of the radiative envelopes of the components,
which prevent circularization of the orbits. This prob-
lem has been analyzed in [24] and deserves further
study.

A comparison of the orbital periods of WR+ OB
stars and of WR stars in close binaries with one
optical spectrum (Table 1) indicates that the average
periods of the latter are substantially shorter. This
is another obvious observational selection effect and
testifies to the low masses of the secondaries, which
are probably, as a rule, A or B components in binaries
with one optical spectrum. The same is indicated by
the small mass functions, which result in the esti-
matesM2

∼= 2– 20M�. In other words, these systems
fill the empty region in Fig. 2 with MV � 20M�.
Close binaries with black holes (Table 2) display even
shorter orbital periods, again primarily due to obser-
vational selection effects. The lifetimes of wide X-
ray binaries are close to the thermal timescales of
their giant donors and are therefore short. The nuclear
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timescale for a massive main-sequence donor is also
short. The X-ray stage is longest (∼108–109 yrs)
when the donor is a solar-mass star, and the mass
transfer is maintained by its magnetic stellar wind or
the radiation of gravitation waves by the system [18].
It is obvious, that, as a rule, the orbital periods of these
last systems are short. Consequently, the duration
of the X-ray phase is a main factor determining the
orbital-period distributions for X-ray binaries with
accreting black holes.

The collapse of the core of a massive WR star in an
extremely close system with a black-hole secondary
inevitably results in the formation of a rapidly rotating
Kerr black hole. This is a possible mechanism for
gamma-ray bursts. The estimated rate of such events
in the Galaxy is consistent with the observed rate of
gamma-ray bursts, within the remaining (substan-
tial) uncertainties in these quantities. It may be that
the most likely observable progenitors of gamma-ray
bursts are WO stars [35] in the closest systems, since
precisely these are produced by the evolution of the
most massive O stars [4]. This possibility requires
further study. Note that the same path for the forma-
tion of young neutron stars with critical rotation rates
is probably not possible, due to the large density of the
degenerate cores of the pre-supernovae producing the
neutron stars and the “large” radii of the neutron stars
themselves.
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Abstract—Using the “ScenarioMachine” (a specialized numerical code formodeling the evolution of large
ensembles of binary systems), we have studied the physical properties of rapidly rotating main-sequence
binary stars (Be stars) with white-dwarf companions and their abundance in the Galaxy. The calculations
are the first to take into account the cooling of the compact object and the effect of synchronization of
the rotation on the evolution of Be stars in close binaries. The synchronization time scale can be shorter
than the main-sequence lifetime of a Be star formed during the first mass transfer. This strongly influences
the distribution of orbital periods for binary Be stars. In particular, it can explain the observed deficit of
short-period Be binaries. According to our computations, the number of binary systems in the Galaxy
containing a Be star and white dwarf is large: 70–80% of all Be stars in binaries should have degenerate
dwarf companions. Based on our calculations, we conclude that the compact components in these systems
have high surface temperatures. Despite their high surface temperatures, the detection of white dwarfs in
such systems is hampered by the fact that the entire orbit of the white dwarf is embedded in the dense
circumstellar envelope of the primary, and all the extreme-UV and soft X-ray emission of the compact
object is absorbed by the Be star’s envelope. It may be possible to detect the white dwarfs via observations
of helium emission lines of Be stars of not very early spectral types. The ultraviolet continuum energies of
these stars are not sufficient to produce helium line emission.We also discuss numerical results for Be stars
with other evolved companions, such as helium stars and neutron stars, and suggest an explanation for the
absence of Be–black-hole binaries. c© 2003 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

Be stars have attracted the attention of astro-
nomers for many years. “Classical” Be stars are
nonsupergiant stars of spectral type B that show or
have sometimes shown Balmer emission lines in their
spectra. Usually, these are Hα and Hβ lines, while
other lines are present only in absorption, probably
because the excitation of hydrogen atoms to high
levels occurs only in deep layers of the star. The
presence of emission lines provides evidence for large
regions of radiating gas with relatively or even very
low optical depth at the stellar surface; these layers
do not have a “base” of hot, dense gas that produces
intense continuum radiation. All Be stars are rapid
rotators; the Hα emission line is superimposed on
a broad absorption line that indicates rotational
velocities up to 500 km/s. However, Be stars with
narrow absorption lines are also fairly common. It
is evident that such stars are observed pole-on, and
all rapid motions in the equatorial plane of the star
occur in a plane perpendicular to the line of sight and
therefore do not show up in the spectra. An excess of
infrared (IR) radiation is also observed in Be stars
and is especially prominent in the far IR. This is
1063-7729/03/4705-0401$24.00 c©
usually associated with free–free radiation of a hot,
circumstellar envelope.

Be stars are believed to be rapidly rotating stars
with circumstellar disks that tend to be strongly con-
centrated toward the equatorial plane. It is usually
assumed that an ordinary stellar wind accelerated by
radiation pressure acts in the polar region. The evolu-
tionary status of Be stars and the mechanism for their
formation remain incompletely understood. Here, we
adhere to the “intrinsic” binarity hypothesis for Be
stars; i.e., we suppose that these stars form in binary
systems during the first mass transfer. This model for
the formation of the disk-like envelopes of Be stars
was suggested by Křiž and Harmanec [1] and further
developed by Rappaport and van den Heuvel [2] for
Be–X-ray binaries. In themodel, a system containing
a Be star with a helium companion is formed at the
end of the mass-transfer phase. It is assumed that the
initially more massive component of the system fills
its Roche lobe in the hydrogen-shell burning stage;
i.e., case Bmass exchange in the classification of Kip-
penhahn and Weigert [3] is realized. Calculations of
mass and angular-momentum transfer show that the
formation of a rapidly rotating B star is then almost
inevitable. Be stars formed in this way should have
2003 MAIK “Nauka/Interperiodica”
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an evolved companion, such as a helium star, white
dwarf, neutron star, or black hole.

Thus far, only X-ray binaries containing Be stars
and neutron stars have been detected. More than
50 such systems are known in our Galaxy and in the
neighboring Magellanic Clouds. The φ Per system,
which has recently been intensively studied, may be
an example of a Be binary with a helium companion.
It appears that the 59Cyg system belongs to the same
class. The absence of observed Be stars in pairs with
white dwarfs must be explained, since the most recent
computations [4] show that they should comprise
almost 70% of all binaries with Be stars.

The formation of white dwarfs in pairs with Be
stars, the expected number of such systems, and the
possibility of their detection were discussed in [5–8].
Here, we perform population-synthesis computations
of the number of binary Be stars with white-dwarf
companions and their expected orbital and physical
characteristics. These are the first such calculations
that take into account the cooling of the compact
object and the effect of tidal synchronization on the
evolution of the Be star in the binary. We discuss
the influence of various parameters of binary systems
on the observational features of the white dwarf and
possibilities for detecting this star. We also briefly
discuss the properties of Be stars with other evolved
companions—helium and neutron stars—and sug-
gest an explanation for the lack of detections of Be
stars in binaries with black holes.

All statistical computations were made using
the “Scenario Machine” [9], a specialized numer-
ical code developed in the Department of Rela-
tivistic Astrophysics of the Sternberg Astronom-
ical Institute, designed to model the evolution of
large ensembles of binary stars. A demonstration
version of this code is available at the web site
http://xray.sai.msu.ru/sciwork/scenario.html.

2. THE WHITE-DWARF COOLING PROBLEM

The problem of cooling is a key issue in studies
of the evolution of white dwarfs. It is known that the
dominant source of a white dwarf’s luminosity is the
thermal energy of ions stored in the stellar interior. In
the formation and early cooling stages of the evolution
of a white dwarf, an important role is played by neu-
trino losses. The theory of single white-dwarf cooling
predicts a relation between a dwarf’s luminosity and
age, as is confirmed by observations. An approximate
theory of white-dwarf cooling was developed inde-
pendently by Kaplan [10] and Mestel [11]. In their
model, a white dwarf has a radiative, nondegenerate
envelope and an isothermal degenerate core. It is
assumed that the pressures of the degenerate and
nondegenerate electrons are equal at the interface of
these regions.

We assume here that the overwhelming majority
of white dwarfs were formed with hydrogen–helium
envelopes [12]. It is known that the cooling times of
white dwarfs are determined largely by the mass and
chemical composition of their envelopes [13–15]. In
our calculations, we used the time dependences of
the luminosity derived by Althaus and Benvenuto [15]
and Iben and Tutukov [13].

3. POPULATION-SYNTHESIS
COMPUTATIONS OF THE NUMBER

OF BINARY Be STARS WITH WHITE-DWARF
COMPANIONS AND THEIR PHYSICAL

PROPERTIES

3.1. Basic Principles of the Computations

The “Scenario Machine” code was first described
by Kornilov and Lipunov [16]. Recently, a very de-
tailed description of the code was published in the
review by Lipunov et al. [9] and in [17]. The review [9]
can also be found at http://xray.sai.msu.ru/m̃ystery/
articles/review/. Therefore, we will describe here only
the main principles of the code’s operation and the
parameters that are required for our computations.

The method for modeling the joint evolution of
binary components is based on computing the evo-
lution of a large number of binaries with a random set
of initial parameters from the time of their formation
to the present. The birth times of the binaries are
assigned at random, as are the parameters of the sys-
tems, which are distributed in accordance with known
empirical laws. Further, the model system evolves in
accordance with the adopted evolutionary scenario.
The continuous evolution of each component is con-
sidered as a sequence of a finite number of evolu-
tionary states in which the stellar parameters become
considerably different. Thus, the evolutionary stage
of the binary can be defined as a combination of the
states of the two components, which changes as soon
as the more rapidly evolving component passes into
the next stage. The stellar parameters and mass-loss
rate are considered constant during each stage. De-
pending on the evolutionary stage, the state of the less
rapidly evolving component may change or remain
the same.We followWebbink [18] in his interpretation
of the regimes for the first mass exchange, since this
takes into account the physical state of the star at
the moment of Roche-lobe overflow in more detail
than the classification introduced by Kippenhahn and
Weigert [3].

As a rule, mass exchange in binary systems is not
conservative, since, during the first mass exchange,
the thermal time scale of the more massive star is
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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shorter than the thermal time scale of the secondary.
In stages when one of the components overfills its
Roche lobe, we allow for partially nonconservative
mass exchange. We use the ratio of the mass gained
by the accretor and the mass lost by the donor as a
measure of this nonconservativeness.

To obtain statistically significant results, we com-
puted the evolution of 106 binary systems. We con-
sidered binaries with initial primary masses from 2 to
120M�, distributed in accordance with a Salpeter ini-
tial mass function (α = 2.35). The mass-ratio distri-
bution was assumed to be “flat”; i.e., it was assumed
that binaries with similar masses for both compo-
nents occur as frequently as binaries with signifi-
cantly different component masses. The initial semi-
major axes of the binaries were taken from a loga-
rithmically uniform distribution ranging from 10 to
107R�. It was assumed that Be stars form in bi-
nary systems after a first mass exchange without
the formation of a common envelope, with the donor
transferring a large amount of angular momentum to
the accretor. We took the masses of the Be stars to
be in the range from 2.38 to 20M� (in accordance
with [19]). We assumed that the common-envelope
stage did not occur if the initial component-mass
ratio q exceeded 0.3.We took into account the various
chemical compositions of white dwarfs (He, CO, or
ONeMg white dwarfs). We also allowed for the fact
that the masses of CO and ONeMg white dwarfs can
increase to the Chandrasekhar mass in the course of
their evolution, leading to the formation of a neutron
star.

3.2. Computation Results: Properties of Binaries
Containing Be Stars and White Dwarfs

The existence of white dwarfs in binary systems
with Be stars is important for stellar-evolution theory.
In contrast to single white dwarfs and similar objects
in low-mass systems (cataclysmic variables, polars,
etc.), white dwarfs in systems with Be starsmust form
from fairly massive stars. Indeed, the presence of a B
component suggests that the primary was sufficiently
massive to leave the main sequence earlier than its
companion and evolve into a white dwarf. It is reason-
able to suppose that the maximum of the distribution
of masses of the white dwarfs in Be–white-dwarf
systems should be strongly displaced toward larger
masses, compared to the distribution for single white
dwarfs and white dwarfs in low-mass binaries, where
this maximum is at 0.57M� [20]. This is confirmed by
the results of our computations, shown in Fig. 1. The
maximum of the distribution of white-dwarf masses
is at 0.8–1.0M�. This peak is due to the large abun-
dance of CO and ONeMg white dwarfs. A smaller
peak at 0.3–0.4M� is also visible, due to the large
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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Fig. 2. Distribution of surface temperatures of the com-
pact companion for Be stars with white-dwarf compan-
ion.

number of helium dwarfs in pairs with late-type Be
stars. Another reason for the secondary maximum is
the long lifetime of helium dwarfs.

Figure 2 shows the expected distribution of white-
dwarf surface temperatures for Be–white-dwarf sys-
tems. The initial temperature of the core was assumed
to be 108 K, based on the observational estimate of
the maximum surface temperatures of white dwarfs,
(9–9.5) × 104 K [16]. The computations show that,
despite the large number of relatively long-lived, low-
mass, late-type Be stars, the white-dwarf compan-
ions of Be stars do not cool completely during the life-
time of the Be primary. They have temperatures from
104 K to 9 × 104 K, with a maximum at 2–3 × 104 K.
It is evident that the hottest white dwarfs should be
observed in binaries with early-type Be stars. The
distribution of white-dwarf surface temperatures for
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early-type systems is shown in Fig. 3. Most of the
white dwarfs in these systems have temperatures from
3 × 104 to 5 × 104 K. Based on these computation
results, the detection of hard UV or soft X-ray emis-
sion from the hot surface of the white dwarf might
represent one method for detecting these objects.
However, as has already been shown, e.g., by Appa-
rao [9], this approach is not always suitable, especially
for very close systems. We shall discuss this problem
below.

Let us consider the orbital parameters of the model
Be binaries produced by our computations. Figure 4
shows the distributions of the orbital periods and
semimajor axes. We can see that all the systems are
fairly close, with periods shorter than 1–2 yrs. There
is a deficit of systems with periods of 10–30 days. The
absence of short-period X-ray binaries may be due
to the effect of tidal synchronization of the rotation
of the binary systems [21]. It is clear that the same
effect is operating in the Be–white-dwarf systems.
We take into account tidal synchronization following
the theory of Tassoul [22], who suggested a purely
hydrodynamical mechanism for the synchronization
of the spin and orbital motions of the components of
close binaries. This supposes a large-scale meridional
flow superposed over the rotational motion of a tidally
deformed binary component. These hydrodynamical
flows cease to exist as soon as the motion is synchro-
nized. The theory of Tassoul works well for binaries
whose components are early-type stars with radia-
tive envelopes. According to Tassoul [22] and Claret
et al. [23], the synchronization time scale for low-
eccentricity orbits is

τsyn = 5.35 × 103−N/4 1 + q

q
L−1/4M5/4R−3P 11/4,

(1)

where the stellar massM , luminosity L, and radiusR
are in solar units, the period P and τsyn are in days,
and q is the component-mass ratio. The parameterN
is related to various ways of transporting energy to the
outer layers of the star. For stars whose envelopes are
in radiative equilibrium,N = Nr = 0.

In the evolutionary computations, we must keep
in mind that the time scale for synchronization may
be shorter than the main-sequence lifetime of the
Be star. This strongly influences the orbital-period
distribution for binary Be stars. A critical orbital pe-
riod for a Be binary can be obtained by equating
the main-sequence lifetime of the Be star and the
synchronization time. If the orbital period is shorter
than the critical period, the Be star has enough time to
synchronize its rotational and orbital motions. In this
case, the Be phenomenon will disappear before the
star leaves the main sequence. The deficit of short-
period systems of Be stars with degenerate compan-
ions can be explained by this effect.

Note the absence of short-period systems among
known binary Be stars. This remained unexplained for
a long time, though the action of tidal interactions
was suspected. This problem can be resolved by tak-
ing into account the effect of synchronization via the
Tassoul mechanism on the evolution of Be stars in
binary systems.

The semimajor orbital axes of most of the systems
do not exceed 300R�. These systems have circular
orbits, since the formation of a white dwarf does not
require a supernova explosion. For the same reason,
the equatorial plane of the Be star is coincident with
the orbital plane. The observed sizes of the circum-
stellar disks of Be stars are from several tens to several
thousands of stellar radii. Therefore, the white dwarfs
are always embedded in the dense circumstellar mat-
ter surrounding the primary. As we shall show later,
this seriously hampers detection of white-dwarf com-
panions to Be stars.

Be stars can have degenerate companions with
various chemical compositions. These companions
are predominantly CO and ONe white dwarfs. He-
lium white dwarfs accompany Be stars of the latest
spectral types. The evolutionary track resulting in the
formation of a helium degenerate dwarf (Fig. 5) shows
that, in the first mass exchange, themoremassive star
loses its envelope completely before helium ignition
in its core. As a result, a hot naked core is exposed,
which is almost entirely degenerate except for its
outer layers. Nuclear reactions no longer occur in this
core, and it cools and contracts, producing a helium
white dwarf.

In more massive systems, the first mass trans-
fer is interrupted when helium is ignited in the core
of the Roche-lobe-filling star. These systems pass
through a stage with a nondegenerate helium star and
form predominantly Be stars in pairs with CO white
dwarfs. The maximum initial mass of the primary,
which is not able to ignite carbon in its core at the
corresponding temperature, is ∼10M�. For initial
masses exceeding this limit, carbon burning contin-
ues until the formation of a degenerate ONe core. This
is the way in which systems with degenerate ONe
dwarfs are formed.

As we can see from the scenario in Fig. 5, the
main qualitative difference between the scenarios for
the formation of He dwarfs and of more massive CO
and ONe dwarfs is the absence of an intermediate
stage with a nondegenerate helium star in the former
case. The hot degenerate core left after the complete
loss of the envelope due to mass transfer in a system
that is not too massive cannot really be considered a
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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helium star, since nuclear reactions do not occur in its
interior.

If the mass of the primary is 5.6–14M�, the he-
lium star may fill its Roche lobe after the depletion of
helium in its core. The relatively rare “BB” case [24]
of mass exchange occurs. This can produce both CO
and ONe white dwarfs.

4. BE STARS IN PAIRS WITH OTHER
EVOLVED COMPANIONS

4.1. Ве Stars with Helium Companions and their
Possible Prototype φ Persei

Van der Linden [25] has suggested that Be stars
can have helium companions. In the process of mass
exchange in a binary system, the hydrogen envelope
of the initially more massive component can be com-
pletely lost, leaving behind a hot naked core if the ini-
tial mass is M ≤ 2.5M� or a nondegenerate helium
star (Wolf–Rayet star) if M > 10M�. The lifetime
of the helium star is determined by the core helium
burning time [26]. We have adopted the formulas for
calculating these lifetimes from [18, 27].

The helium star can also fill its Roche lobe. This
relatively rare case of mass transfer can occur only
after depletion of helium in the stellar core and can
begin either before or after the ignition of carbon in
the core. In the case of helium stars with masses
below the Chandrasekhar limit, this mass exchange
produces a CO white dwarf with a companion that
is still on or close to the main sequence. In relatively
rare cases, for stars with initial massesM > 10.3M�,
an extended stage of carbon burning leads to the
formation of a degenerate ONe core.

The distributions of the orbital parameters of Be
stars with helium companions are shown in Fig. 6.
We can see the same deficit of short-period systems,
due to the effects of synchronization. Very long-period
systems, with periods in excess of 2–3 yrs, are absent
as well. This suggests that the secondaries in these
systems are likewise virtually always embedded in
the dense circumstellar envelope of the Be star. The
distributions are similar to those for Be–white-dwarf
systems. This is not a coincidence, since nothing that
can significantly change the orbital period happens
between the formation of the helium star and of the
white dwarf. One exception may be the relatively rare
occurrence of a stage in which the helium star overfills
its Roche lobe, resulting in an increase in the orbital
period.

One of the best candidate Be–helium-star sys-
tems is the long-period binary φPer (Porb = 127 day).
The first evidence for this was provided by Poeck-
ert [28], who obtained a radial-velocity curve for the
HeII 4686 Å emission line and concluded that it is
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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Fig. 3. Distribution of the surface temperature of the
compact companion for early-type Be stars with white-
dwarf companions.

formed in hot gas surrounding the companion. Since
the ionization of helium requires a high temperature,
Poeckert concluded that the companion must be a
very hot star, possibly a remnant of the first mass
exchange in the system. Gies et al. [29] analyzed the
radial-velocity curve to derive the component masses:
9.3 ± 0.3M� for the Be star and 1.14 ± 0.04M� for
the companion. The identification of this system has a
large significance for stellar evolutionary theory, since
it could confirm the intrinsic binarity of Be stars. It
is interesting to consider the evolutionary track for
a binary resulting in the formation of such a system,
shown in Fig. 7; this track also includes evolutionary
stages following the phase corresponding to a φ Per-
type system. To obtain this track, we assumed com-
pletely conservative mass exchange in the system.
This was necessary to obtain component masses in
agreement with those determined by Gies et al. [29].
It is interesting that a system such as φ Per will
never turn into a system with a Be star and white-
dwarf, since the primary evolves into a giant while its
companion is still a helium star.

4.2. Be Stars with Neutron-Star Companions:
Massive X-ray Transient Binaries with Be Stars

We have discussed the properties of these systems
in detail in [21], where we presented computations
of evolutionary tracks for some observed X-ray bi-
naries containing Be stars. A supernova explosion in
a binary system will change the semimajor axis and
eccentricity of the orbit, even if the explosion is spher-
ically symmetric. If the explosion is weakly asym-
metric, the nascent compact object (neutron star)
obtains additional momentum, which substantially
increases the eccentricity of the orbit. An anisotropic
velocity (“kick”) of no more than 50 km/s proved
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Fig. 4. Distributions of binary orbital parameters for Be stars with white dwarf-companions.
to be sufficient to obtain good agreement with the
observed parameters of X-ray binaries. However, the
possible anisotropy of the collapse cannot be ne-
glected completely, since the peak of the distribution
of orbital eccentricities for observed X-ray binaries
containing Be stars is at 0.3–0.4, and there are some
systems with e > 0.8 [21]. A velocity anisotropy of
w = 50 km/s is sufficient to obtain eccentricities of
0.8–0.9 (see Fig. 8). With w = 0 km/s, our results
are in clear disagreement with the observations. A
deficit of systems with low orbital periods becomes
apparent as well. Note that it was precisely the need
to explain the absence of observed short-period X-ray
binaries with Be stars that forced us in [21] to con-
sider various processes influencing the parameters of
binary systems and to conclude that the action of the
tidal mechanism suggested by Tassoul may be the
main reason for the absence of these systems.

4.3. Black Holes in Binaries with Be Stars

Thus far, no Be–black-hole binary has been
detected. The Be stars in such systems must be more
massive than those in Be–neutron-star binaries,
since the black-hole progenitor must be a massive
star itself, and the formation of a common envelope in
the first mass exchange due to the large component-
mass ratio may prevent the formation of a Be star.
An evolutionary track resulting in the formation of a
black hole in a pair with a Be star is given in [30]. In
that case, the mass of the nondegenerate component
was ∼ 20M�, which corresponds to spectral type
O8–O9.

The absence of Be–black-hole binaries could be
related, for instance, to the existence of some interme-
diate evolutionary stage that prevents the formation of
the Be star. One candidate could be the luminous blue
supergiant variable (LBV) stage, which is identified
with the phase of hydrogen shell burning in a star
with an initial mass greater than ∼ 50M� [31]. The
mass-loss rate via the stellar wind of such a star can
be as high as 10−4–10−5M�/yr. This is sufficient to
prevent the further expansion of the star [32, 33]. Re-
cently, Vanbeveren et al. [34] have suggested another
scenario for the evolution of very massive binary stars,
in which components with initial masses greater than
40–50M� evolving through the LBV stage have such
high stellar-wind mass-loss rates that Roche-lobe
overflow is prevented.

An observational lower limit for the initial masses
of black-hole progenitors of ≥50M� was suggested
by Kaper et al. [35], based on new lower limits for the
mass of the supergiant WRAY 977, a component of
the binary X-ray pulsar GX 301-2. Since the initial
mass of the black-hole progenitor certainly fits in
the range of stellar masses for which the LBV stage
is inevitable, the formation of a Be star in such a
massive system seems impossible. For a Be star to
form in a binary, the primary must fill its Roche lobe
and transfer enough angular momentum to the sec-
ondary to spin it up to the critical rotation rate. In the
LBV stage, the mass loss by the donor is spherically
symmetric, and the secondary does not gain enough
angular momentum to bring about critical rotation
and the formation of a disk, so that a Be star does not
form.

5. DISCUSSION

Our computations have shown that the number of
binary systems with Be stars and white-dwarf com-
panions is large: 78% of all Be stars formed in bina-
ries should have white-dwarf companions. Nineteen
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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Fig. 5. Scenario for formation of Be stars with white-dwarf companions with various chemical compositions. MS refers to a
main-sequence star, Be to a Be star, Giant to an evolved giant not filling its Roche lobe, RLO to a star filling its Roche lobe
(“RLO fast” corresponds to mass transfer on the thermal time scale, and “RLO slow” to slow mass transfer on the nuclear-
burning time scale), He star to a helium star, He RLO to a helium star filling its Roche lobe, Hot core to the naked core of a
star that is a remnant of the first mass transfer, which becomes a white dwarf (WD) after it cool. All numerical data refer to the
beginning of the corresponding evolutionary stage.
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Fig. 6. Distributions of orbital parameters for Be stars with helium-star companions.
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Fig. 7. Evolutionary track for the formation of a φ Per-like system. Notation is as in Fig. 5.
percent of Be binaries have hot subdwarf compo-
nents (helium stars, in our classification), and only
3% are Be–X-ray binaries (systems with neutron-
star components). Our results are quantitatively sim-
ilar to those of van Bever and Vanbeveren [4], who
found similar percentages of systems of various types
based on statistical calculations (70, 20, and 10%,
respectively). Our computations assumed that the
distribution of the component-mass ratio was flat;
i.e., systems whose components have similar masses
occur as frequently as those whose components have
appreciably unequal masses. To facilitate compari-
son of our results with those of Waters et al. [5],
who were the first to consider Be stars with helium
and white-dwarf companions, and to investigate the
influence of the initial component-mass distribution,
we made additional computations in which we as-
sumed an initial mass-ratio distribution f(q) ∝ q−1
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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Fig. 8. Distributions of orbital parameters for Be stars with neutron-star companions.
for q = M2/M1 < 1, as in [5]. The results are listed
in the table. We can see that our computations pro-
duce many fewer systems with helium components
than obtained in [5], while, on the contrary, systems
with white dwarfs dominate. The difference between
our results and those of [5] can be explained by the
following.

(1)We have used new estimates for the lifetimes of
helium stars (this appears to be the dominant factor
explaining the lower number of systems with helium
components).

(2) Our computations took into account the fact
that, as a rule, the first mass exchange is noncon-
servative, since the more massive star has a shorter
thermal time scale. This factor can be used to com-
pute the accretion rate and the fraction of the mass
lost by the donor that is lost from the system. In their
estimates of the numbers of Be stars with various
types of companions, Waters et al. [5] considered this
fraction to be constant and equal to 0.3.

(3) We took into consideration the effect of tidal
synchronization on the evolution of a Be star in a close
binary system.

The tabulated numbers of Be stars with various
companions also show that the percentage of sys-
tems with various companions changes if the initial
distribution of component-mass ratios is not flat. It
is evident that comparable initial component masses
are necessary for scenarios in which Be stars have
white-dwarf companions. This is precisely why the
fraction of Be stars with white-dwarf companions
among all Be stars decreased for the distribution
f(q) ∝ q−1, which has a larger fraction of stars with
initial q < 1 than the flat mass distribution. However,
our main conclusion is not changed: among binary
systems with Be stars that are formed as a result of
ASTRONOMY REPORTS Vol. 47 No. 5 2003
the first mass transfer, systems with high surface-
temperature white dwarfs must be dominant.

Despite the theoretical predictions, no Be–white-
dwarf systems have been detected thus far (the exis-
tence of a degenerate component in the γ Cas system,
which is the first Be star discovered and was long
considered a candidate Be–white-dwarf system, is
currently strongly doubted; see, e.g., [36–39]). At
the same time, more than 30 Be–X-ray binaries are
known in the Galaxy, while this is the least expected
type of Be system in our model! If most Be stars
form in binaries (as is supported, for instance, by the
existence of Be–X-ray-transient binaries), then the
deficit of white dwarfs in pairs with Be stars must
be explained, and the selection effects preventing the
detection of these binaries must be identified.

Three systems containing a white dwarf and
a massive optical component are known—y Pup,
θ Hya, and 16 Dra [40–42]. The optical components
of these systems do not display atmospheric activity
and are not Be stars, although they have spectral
type B (B5 Vp, B9.5 V, and B9.5 V, respectively).
The white dwarfs in these systems were discovered in
the extreme ultraviolet (fromEUVE observations) via
their high surface temperatures (3–4 × 104 K). Our
computations show that white-dwarf companions to
Be stars must be hot (see Figs. 2, 3). This raises
the question of whether such a white dwarf could
be detected via its hard ultraviolet continuum, at
wavelengths shorter than 1000 Å, where the main
component is no longer the main source of radiation.
This is how these three systems with B stars were
detected. Unfortunately, the answer to this question
is probably negative, as follows from a more detailed
consideration of the conditions under which a white
dwarf in a binary with a Be star exists. First, our
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Estimates of numbers of binary Be stars

Parameter of the distribution α1 = 0 αq = −1 Paper [5]

Be stars among all binaries with B components 6% 13% 5%

Be stars with white-dwarf companions among
all binaries with Be components

78% 73.3% 22.6%

Among them:

Be star + ONe dwarf 35% 30%

Be star + CO dwarf 58% 59%

Be star + He dwarf 7% 11%

Be stars with helium-star companions among
all binaries with Be components

19% 24.3% 75.1%

Be stars with neutron-star companions among
all binaries with Be components

3% 2.4% 2.3%
computations show that the dwarf is essentially
always embedded in the dense circumstellar disk of
the main component. Therefore, in addition to being
hot, it will accrete material. X-ray observations of
cataclysmic variables with accreting white dwarfs
show that their spectra have a black-body component
with a temperature of about 40 eV and a harder
component with a kT of several keV. The bulk of the
energy is radiated by the black-body component. The
presence of a massive optical star with an equatorial
disk fundamentally changes the conditions for the
manifestation of a white dwarf in a close binary. The
reason for this is that all hard ultraviolet and soft X-
ray photons are absorbed in the gaseous envelope
of the Be star. Calculations for the disk of a Be star
with a radial size of 1012–1013 cm and a density of
1010–1012 аtoms/cm2 carried out by Apparao [8]
led him to conclude that the hydrogen column den-
sity was sufficient to absorb all hard photons. The
orbital periods of the systems we are considering
are certainly within the range of the calculations of
Apparao [8]. Therefore, the possibility of observing
the hard ultraviolet continuum emission of a white
dwarf in a pair with a Be star is of little practical use.

Some optimism may be warranted about the idea
that a region of ionized hydrogen (HII zone) should
arise due to the absorption of the hard radiation of the
companion; this zone would radiate both optical line
and continuum emission. It is known that Be stars
ionize their own circumstellar disks, which contain
mainly hydrogen. The Lyman continuum of the star
can ionize hydrogen and, after recombination, cas-
cade transitions producing the observed spectral line
occur. In such a system, the white dwarf would act as
an additional source of ionization of the circumstellar
disk of the Be star. Apparao [8] showed that, if the
hard ultraviolet luminosity of the white dwarf is 4 ×
1036 erg/s, this forms an HII zone with a luminosity
of L = 1.6 × 1035 erg/s in the Hα line and L = 2.7 ×
1034 erg/s in the continuum. Apparao [8] calculated
the change in the stellar magnitude of the Be-star
binary due to the presence of the accreting white
dwarf and concluded that the increased luminosity
in the Hα line and the continuum will exceed the
luminosity variations due to ionization by the Lyman
continuum only for stars of spectral types later than
B1. If a white dwarf is accreting from the stellar wind
of a Be star, its X-ray luminosity should be in the
range 1032–1036 erg/s. Therefore, the calculations
of Apparao [8] give only the maximum variation of
the optical luminosity of the Be star due to the pres-
ence of the compact companion. In practice, these
variations may be much smaller than those calcu-
lated for Luv = 4 × 1036 erg/s; the detection of such
fluctuations will be much more difficult, especially
since the nonstationarity of the Be-star envelope also
contributes to the star’s variability.

The strongest evidence for the possible presence
of hot, compact companions (and nondegenerate he-
lium stars) in the systems considered is the discov-
ery of λ5876 and λ10 830 HeI emission lines in the
spectra of some Be stars. Apparao and Tarafdar [43]
have shown that the energy emitted by these stars
in the hard ultraviolet continuum above the ioniza-
tion potential for HeI is not sufficient to give rise
to these lines, which can form only in stars earlier
than B1. An additional source of ionization energy
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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is required to explain the observed emission in later-
type stars. Apparao and Tarafdar [43] have shown
that the HeI emission can be explained by the for-
mation of a Strömgren zone by the X-ray and hard
ultraviolet emission of the compact accreting com-
ponent. Be stars sometimes throw off their disklike
envelopes, becoming transformed into ordinary main-
sequence B stars. The newly formed envelope will
expand, but, during some time, helium emission lines
will be not observed, while Hα emission will already
be present. The helium lines will appear when the
envelope reaches the compact component. Simulta-
neously, increased emission in the Hα line and con-
tinuum should be observed. This provides a means for
detecting a hot degenerate companion to a Be star.
However, Be stars do not throw off their envelopes
frequently, and this effect is not observed in all Be
stars.

The study of helium emission lines seems to be
the most promising means of spectroscopic detection
of nondegenerate helium-star and white-dwarf com-
panions to Be stars (recall φPersei). The component-
mass ratios in post-first-mass-transfer Be binaries
are small (∼0.1–0.3), while their orbital periods ex-
ceed 30 days. This results in very small radial-velocity
variations in Be spectra. For example, a 5M� Be star
with a 0.5–1.0M� companion would have a radial-
velocity semiamplitude of K/ sin i < 10–20 km/s for
orbital periods greater than 30 days. It is difficult to
detect such small radial-velocity variations in the
spectra of Be stars, since the stars have strong in-
trinsic variability and broadened spectral lines, which
limits the effective spectral resolution to 	 10 km/s.
However, the presence of helium emission could
enable the detection of a hot white dwarf or helium
companion. Radial-velocity variations of the helium
lines could, indeed, be observable. For instance, the
helium-line radial-velocity semiamplitude expected
for a 5M� Be star with a 1.0M� companion is
K/ sin i > 70 km/s for orbital periods< 100 days.

6. CONCLUSION

In spite of our conclusion that there should be
a large number of Be stars with white-dwarf com-
panions, selection effects limit possibilities for their
detection. The loss of a Be star’s disklike envelope
is a rare event that is observed in far from all Be
stars. Therefore, the detection of the white dwarf via
its hard radiation during the transient absence of the
circumstellar disk surrounding the main component
is difficult. A good opportunity for detecting white-
dwarf and helium-star companions may be provided
by studies of helium emission lines of Be stars of
not too early spectral types; the energy radiated by
these stars in the hard ultraviolet continuum above
ASTRONOMY REPORTS Vol. 47 No. 5 2003
the ionization potential of helium is not sufficient to
form helium emission lines. The companions in such
systems must have a high surface temperature. Our
computations show that the white dwarfs in such
systems do not have enough time to cool appreciably
during the lifetime of the Be star. This gives rise to
some optimism for the detection of Be stars with
compact companions in the future.
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Abstract—The detection of pulsed radio emission from the recently discovered X-ray pulsar J0205+6449
in the young supernova remnant 3C 58 is reported together with the results of first studies of this emission.
The observations were carried out at 111 and 88 MHz on radio telescopes of the Pushchino Observatory.
The pulsar period, 65.68 ms, and period derivative, Ṗ = 1.9 × 10−13, have been confirmed. The integrated
pulse profile at 111 MHz has been obtained and the flux density and spectral index α = 2.8 measured.
The pulsar dispersion measure DM = 141 pc cm−3 has been confirmed. This dispersion measure yields a
distance to the pulsar of d = 6.4 kpc, a factor of two or more greater than the previously favored distance
to the supernova remnant 3C 58 (2.6 kpc). The problem of the age and distance of the pulsar–SNR
system is discussed. If the age of the pulsar J0205+6449 is equal to that of the SNR (820 years), this
pulsar is the youngest known radio pulsar. The synchrotron mechanism for the radio and X-ray emission is
proposed to explain the lower radio and X-ray luminosity of this new pulsar compared to the Crab pulsar,
which is similar to it in many ways. Optical emission with luminosity Lopt = 1031 erg/s and gamma-ray
emission with Lγ = 7 × 1035 erg/s are predicted, and the steep radio spectrum (α ≈ 3) can be explained.
c© 2003 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

The search for pulsars in known supernova rem-
nants (SNRs) began almost immediately after their
discovery and became especially intense after the de-
tection of a pulsar with the very short period of 33 ms
at the center of the Crab Nebula [1]. In spite of the
fact that modern scenarios for the formation of pul-
sars from low-mass supernova precursors predict the
appearance of short-period pulsars in SNRs, until
recently, only a few pulsars could confidently be asso-
ciated with SNRs [2, 3]. In recent years, two groups
of pulsars have been detected in hard X-rays (see,
for example, [4]): Anomalous X-ray Pulsars (AXPs)
and Soft Gamma-ray Repeaters (SGRs), almost half
of which are in SNRs [4]. Although these objects
may be young, they have long rotational periods (from
5 to 11 s) and therefore do not fit into a picture
in which short-period pulsars are formed in young
systems such as the Crab Nebula. It is possible that
a different energy source operates in them, such as a
superstrong magnetic field; Thompson and Duncan
[5] have even proposed the special term “magne-
tar” for such objects. With the launch of the RXTE
and Chandra X-ray observatories, it is now becom-
ing possible to detect more radiating objects at the
centers of SNRs. For instance, the youngest known
pulsar, with an age of 700 years, has recently been
detected in the SNR Kes 75 [6]. Counting AXPs,
SGRs, and new pulsars, the number of candidates for
1063-7729/03/4705-0413$24.00 c©
genetically related SNR–pulsar systems has grown
to more than 40 in the last two years [7].

Even so, any new object detected in a SNR is
of special interest, since it provides opportunities for
studies of the evolution of young neutron stars and for
obtaining independent estimates of the object’s age
and distance, based on the time of the supernova and
methods for determination the distances of SNRs.

At the end of August 2001, Murray et al. [8]
reported the detection of an X-ray pulsar with a period
of 65.68 ms in the SNR 3C 58, in the direction toward
its central X-ray source, which was discovered in
1982 [9]. 3C 58 is classified as a plerion SNR and is
similar to the Crab Nebula in many ways. Estimates
of the distance to the SNR based on observations of
two HI absorption features range from 1.5–3 kpc [10]
to more than 6.5 kpc [11] for a distance to the center
of the Galaxy of 8.5 kpc. At present, the distance
2.6 kpc [12] is used most frequently in the literature.
The distance to the Crab pulsar (PSR B0531+21) is
2 kpc [13]. It is supposed that 3C 58 originated from
SN 1181 CE 820 years ago [14]. This age is close
to that of the Crab Nebula, 948 years. The angular
sizes of the two remnants in the radio are similar, and,
taking into account their distances, their physical
sizes are also nearly equal. An important distinction
between the two systems (SNR + pulsar) is the large
difference in the X-ray luminosities of the two nebulas
2003 MAIK “Nauka/Interperiodica”
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and pulsars. The X-ray luminosities of the Crab Neb-
ula and pulsar are 1000 times and 6000 times higher
than those of 3C 58 and PSR J0205+6449. The radio
luminosity of the Crab Nebula is a factor of ten higher
than the radio luminosity of 3C 58. Interest in the new
pulsar in 3C 58 will be especially high if it proves to be
a strange, rather than a neutron, star [15].

Supposing that young pulsars in SNRs could have
steep radio spectra (for PSRB0531+21α = 2.8 [16]),
we have included a number of SNRs in our pulsar-
search program using the sensitive Pushchino Large
Phased Array (LPA) at 111 MHz. Application of the
FFT-based search program [17] yielded no source
detection toward 3C 58, except for a few suspected
cases of a faint periodic signal at several Fourier fre-
quencies.

With the detection of the X-ray pulsar PSR
J0205+6449 in 3C 58 [8], the period, period de-
rivative, and precise position of the pulsar were
measured: P = 0.06567895(1) s, Ṗ = 1.935(2) ×
10−13 s/s (MJD = 51901.330), RA = 02h05m37.s8,
DEC = +64◦49′41′′ (2000). Using these data and
our well-established technique for detecting pulsed
signals (applied, for example, to measure the fluxes
of 235 northern pulsars [18]), we were able to detect
faint periodic emission from PSR J0205+6449 at
111 MHz and later at 88 MHz [19]. More recently (in
January 2002) Ranson [20] confirmed the presence
of an X-ray pulsar with a period of 65.6 ms in
3C 58. While our paper was in preparation, Camilo
et al. [21], knowing about our results, detected
PSR J0205+6449 at 820 and 1375 MHz, enabling
us to estimate its spectral index, α = 2.8. Here, we
present the results of our observations and discuss the
age, distance, and emission mechanism of the pulsar
J0205+6449 (PSR J0205).

2. OBSERVATIONS

We began a standard program of observations for
the integration of a signal with a known period on
September 10, 2001, and they have continued since
then in sessions of one or two weeks per month. We
present here data obtained up until August 11, 2002
(a total of 80 days). The main observations were car-
ried out on the LPA in Pushchino (Lebedev Institute
of Physics, Russian Academy of Sciences), which op-
erates at 110.6 ± 1.3 MHz and has an effective area of
∼20 000 m2. On eight days, observations were carried
out in parallel on the LPA and at 87.746 MHz on the
east–west track of the DKR-1000 radio telescope,
which has an effective area of 5000–8000 m2. Both
radio telescopes are meridian instruments, and the
observation durations were 7.5 min for the LPA and
22.1 min for the DKR-1000.
At both frequencies, the receiver was a filter-
bank spectrum analyzer with a channel bandwidth
of 20 kHz and either 32 or 64 channels. The sampling
interval was 2.5600 or 2.2016 ms, and the receiver
time constant was 3 ms. To ensure reliable recording
of the pulsar pulses, all observations were carried out
over six (LPA) or ten (DKR-1000) pulsar periods
(i.e., Pobs = 0.066 s× 6 or Pobs = 0.066 s× 10). We
developed this group-recording technique during
observations of millisecond pulsars oriented at flux
measurements at 102.5 and 111 MHz [18], as well
as studies of the Geminga-pulsar profile [22]. This
approach yields an additional criterion for the detec-
tion of a weak periodic signal when the integrated
recording contains up to six (ten) pulses separated
in time by the pulsar period. The observation and
data-reduction techniques are described in more
detail in our paper on flux-density measurements for
235 pulsars at 102.5 MHz [18]. We add here only
that some of the observations were carried out with
a calibration signal to enable referencing to discrete
sources with known fluxes. Our pulsar complex
enables the synchronous recording and storage of
pulsar pulses with the computed period together
with the start time, while preserving the pulse arrival
phase, thanks to the high-precision time service of
the Pushchino Radio Astronomy Observatory [23].
When processing the data, in addition to the standard
procedures (baseline subtraction, equalization of the
amplification in individual channels, summation over
channels applying a dedispersion delay), we used an
original method for rejecting channels with interfer-
ence based on two criteria: the noise variance and
the ratio of the calibration signals in the current and
reference channels [18].

3. RESULTS

The first days of observations taking into ac-
count the known period and period derivative already
showed a weak periodic pulsed radio signal. Fig-
ure 1 presents examples of the integrated profile of
PSR J0205 at 111.23 MHz from observations of the
best four days, which have signal-to-noise ratios from
5 to 10 and fluxes a factor of a few higher than the
mean level. In addition to the integrated profile, we
were able to detect a sequence of five pulses in a group
with a duration equal to four periods when the signals
for 4580 such groups were summed over four days
(Fig. 2a). The phase tie during the summations for
individual days was realized using the precomputed
period and period derivative based on the X-ray data
[8] and the observing epoch. Figure 2b shows the
integrated profile for the same four days, obtained
by summing 18 320 pulsar periods. In all the figures,
we increased the signal-to-noise ratio by averaging
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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Fig. 1. Sample integrated profiles of PSR J0205+6449
for four days of observations: (a) August 1, 2002; (b)
August 2, 2002; (c) August 3, 2002; and (d) August 5,
2002. On all four days, the observations were carried out
at 111.23MHz, and 4580 periodswere added. The arrows
show the center of gravity of the arrival of the pulses
integrated over the four days of observations, shown in
Fig. 2b.

over three readings. An interpulse is probably present
on two of the three days in Fig. 1, whose amplitude
becomes 50% of the main pulse in the profile of
September 15, 2001 (Fig. 1b). A comparison of the
integrated profile duration at 111.23 MHz and in
the X-ray [8] shows a striking broadening of the
radio pulse (up to 25 ms at halfpower, as compared
to ∼2 ms in the X-ray). Given the large dispersion
measure (see below), which yields a pulse broadening
of 17 ms in a single channel at 111 MHz, the true
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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Fig. 2. Sum of four days of observations at 111.23 MHz:
(a) group containing a segment equal to the observation
interval PH = 4P (integrated over 4580 PH), (b) in-
tegrated profile of the same group (the sum of 18 320
periods), obtained by convolving the data with the pulsar
period. The arrows show the pulse arrival phases.

pulse shape and duration at low frequencies remain
unknown. The mean estimate 25 ms was obtained
taking into account the effect of the integration
constant (3 ms) but neglecting broadening due to
dispersion and scattering in the interstellar medium.
In spite of the approximate nature of the estimated
profile at 111.23 MHz, we observe a composite mean
profile that probably consists of two components
separated by approximately 19 ms (∼ 0.29P ) in both
the signals for individual days (Figs. 1a–1d) and in
the integrated pulse (Fig. 2b).

To confirm the existence of periodic pulsed emis-
sion, we carried out observations on the DKR-1000
radio telescope at 88 MHz. Though this antenna has
a smaller effective area, the duration of the pulsar
observations could be increased by almost a factor
of three thanks to its scanning system, leading us to
hope that we could detect the pulsar at this frequency
as well. Indeed, the pulse amplitude had a signal-
to-noise ratio of about 4–5 on four of eight days of
observations.

A very important criterion for the presence of
the pulsar signal is its dispersion drift across the
frequency channels. When summing a signal with
the correct dispersion measure (DM), we obtain a
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Fig. 3. Sample integrated pulsar profile at 111.23 MHz
for August 1, 2002, obtained by summing over 32 fre-
quency channels using various dispersion measures:
DM = (a) 111, (b) 121, (c) 131, (d) 141, (e) 151,
(f) 161 pc cm−3.

pulse with the maximum amplitude and minimum
duration. In the case of J0205, the DMwas unknown,
but, judging from the most commonly used distance
to 3C 58 of 2.6 kpc [12], we expected it might be
about 70 pc cm−3. We searched for the DM over a
wide range from 5–220 pc cm−3. When observing a
pulsar with a small period at meter wavelengths, the
pulsar signal drifts quickly in phase due to dispersion,
and the shift across several channels can exceed
the period if the DM is large. We therefore had to
observe over a time that covered six to ten rotational
periods of the neutron star. For a long time we
were unable to find the optimal DM, although we
had four or five DMs for which the pulsar signal
displayed the highest signal-to-noise ratios. We
adopted the value DM = 24 pc cm−3, which was
the smallest of these values of the dispersion mea-
sure [19]. After the submission of this paper, Camilo
et al. [21] reported that they had measured the value
DM = 140.7 ± 0.3 pc cm−3 based on observations
at 800 and 1400 MHz. Reprocessing our data with
this new DM, we found that, in most cases, this
value yields the best signal-to-noise ratio; there-
fore, we derived all the pulse profiles (Figs. 1, 2)
using the dispersion measure DM = 140.7 pc cm−3.
Figure 3 shows an example of a summation over
32 channels at 111.23–110.58 MHz using six dif-
ferent DMs for data obtained on August 1, 2002.
The amplitude maximum and duration minimum
at DM = 141 ± 10 pc cm−3 are readily visible. The
same picture is observed on the other best days,
including those for the observations at 88 MHz.
Using the model for the electron-density distribution
in the Galaxy [24], we obtain a distance to the pulsar
of 6.4 kpc. This is somewhat unexpected, since the
distance to 3C 58 is usually taken to be 2.6 kpc [12].

Over 25 days, observations were obtained at both
frequencies with flux-calibration information, en-
abling us to measure the flux density at 111.23 MHz,
S = 88 mJy, with the variance roughly equal to this
value, and to obtain an upper limit for the flux at
88 MHz, S < 150 mJy. Since the pulse was cer-
tainly visible at a level of ≈40 mJy on 34 of the 80
days of observations (this follows from an analysis
of the calibrated flux measurements for 25 days),
while the flux was apparently much lower on other
days, we estimate the mean flux for all 80 days of
observations to be 88 mJy× 34/80 ≈40 mJy, with a
variance of ≈40 mJy. Our flux densities at 111 MHz
(S ≈ 40 mJy) and 88MHz (S < 150 mJy), the recent
measurements S ≈0.13 mJy and S ≈ 0.045 mJy at
820 and 1375MHz [21], and the estimates S < 3mJy
at 400 MHz [25], S < 1.1 mJy at 606 MHz [26], and
S < 0.15 mJy at 1400 MHz [27] yield the spectral
index α = 2.8, which is large and equal to the spectral
index of the Crab pulsar.

In spite of the fairly short interval of our obser-
vations, we attempted to measure the period and
period derivative and compare them with the X-ray
data. In the 28-day interval from September 10 to
October 7, 2001, we found P = 0.0656789 (1) s and
Ṗ = 1.9 (1) × 10−13 for the same epoch as in [8],
MJD = 51901.330. Our measurements are in good
agreement with the data of [8], while the accuracy
of our data is an order of magnitude poorer for the
period and two orders of magnitude poorer for the
period derivative. This is quite natural, since Murray
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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et al. [8] used measurements obtained over three
years to derive the period and period derivative.

4. DISCUSSION

The detection of radio emission from the pulsar
J0205 not only yields information in a new region
of the electromagnetic spectrum but also enables us
to measure an important new parameter—the dis-
persion measure—and thus to obtain an independent
estimate of the distance to this object. Unfortunately,
our new data have not resolved the three main ques-
tions concerning the SNR–pulsar system and have
even raised new questions. These questions are the
age of the system, the distance of the system, and
the nature of the emission mechanism, for example,
compared to the similar Crab Nebula system.

As is noted above, the SNR 3C 58 is considered
an historical remnant, formed 820 years ago [14]. The
characteristic age of the pulsar, defined as

Tx =
P

2Ṗ
, (1)

is 5.4 × 103 yrs. A similar age (5 × 103 yrs) was ob-
tained from the expansion velocity of the radio nebula
[28]. Our values of P and Ṗ also confirm the value
∼5 × 103 yrs. There seems to be a clear discrepancy
between the pulsar and SNR data. In fact, this prob-
lem can be removed almost entirely if we use the com-
plete formula for the age based on the magnetodipole
emission of the pulsar:

Tx =
P

(n− 1)Ṗ

[
1 −

(
P0

P

)n−1
]
, (2)

where P0 is the initial rotational period of the pulsar
and n is the braking index. The age 5.4 × 103 yrs is
obtained from (1) if we adopt P0 � P and n = 3 in
(2). However, as correctly noted by Murray et al. [8],
if we adopt an age for the pulsar of T = 820 years
and take n = 3, we obtain P0 = 60.57 ms from (2).
This value depends only weakly on n; in particular,
P0 = 60.86 ms for n = 1.5. Thus, the most critical
parameter for determination of the pulsar age is the
unknown value of P0; this means that the age esti-
mate of 5.3 × 103 yrs for the pulsar could be incorrect,
and its true age could be 820 years.

The second uncertainty is connected with the “ev-
erlasting” astronomical problem of distance determi-
nations. As we indicated above, observations of two
HI absorption features yielded distances to 3C 58
of from 2 to >6 kpc; the value of 2.6 kpc [12] is
used most frequently in the literature. The dispersion
measure found by Camilo et al. [21] yields a distance
to PSR J0205 of 6.4 kpc, more than twice than the
former preferred value. The distance of 6.4 kpc was
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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Fig. 5. Observed hard luminosity versus magnetic-field
strength at the light cylinder. The cross shows the ex-
pected position of PSR J0205.

obtained using the model for the interstellar medium
proposed by Taylor and Cordes [24], which takes into
account large-scale variations of the Galactic elec-
tron density. If the electron density in the direction
toward 3C 58 is higher than the mean model den-
sity, a different distance estimate can be obtained.
Moreover, as noted in the Introduction, some radio
measurements suggest a distance to 3C 58 >6 kpc
(see, for example, the references in [10]). Thus, the
value in 6.4 kpc we have obtained is near the high end
of the overall range of distance estimates.

The third problem, also noted in [8], is the large
difference in the X-ray luminosities of the 3C 58 and
Crab Nebula systems, whose other parameters are
similar, for both the supernova remnants and the
pulsars in them. The radio flux of PSR B0531+21
is also much greater than that of PSR J0205,
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(W/m2/Hz/ster) versus the rate of loss of the pulsar’s
rotational energy. The open circle shows the position of
the PSR J0205–3C58 system.

though their periods (33 and 66 ms), period deriva-
tives (4.2 × 10−13 and 1.93 × 10−13 s/s), and mag-
netic fields calculated using a magnetodipole model
(7.6 × 1012 and 7.2 × 1012 G) are similar. We obtain
for the flux ratio at 111 MHz 21 000/40 ≈ 530, if we
use the mean flux of the Crab pulsar measured from
the compiled spectrum [16]. The next section con-
siders a possible explanation of this large difference
in the fluxes of these two similar objects in various
regions of the electromagnetic spectrum.

5. INTERPRETATION

The pulsar J0205 has a period of P = 66 ms. Due
to the small size of their magnetospheres, the emis-
sion of such pulsars is generated near the light cylin-
der (r ∼ rLC = cP

2π ) [30]. In this case, the correlation
of the radio luminosity Lr [31] and optical luminosity
Lopt [32] with the magnetic-field strength at the light
cylinder BLC provides nearly unambiguous evidence
that the dominant mechanism for the generation of
the observed emission is synchrotron radiation. The
main features of the emission of PSR J0205 can be
explained in this framework.

First and foremost, the magnetic field strength
at the surface of the neutron star derived from
the power of the magnetodipole emission for
this pulsar, Bs = 7.2 × 1012 G, is approximately
equal to the corresponding quantity for PSR B0531,
Bs = 7.6 × 1012 G (we have taken into account
the correction of the catalog value by a factor of
two; see, for example, [33]). However, the period
of PSR J0205 is approximately twice as long (to
simplify the calculations, we will take the period ratio
to be exactly two); therefore, if its magnetic field has a
dipole structure, the field strength at the light cylinder
is a factor of eight weaker. In addition, the density
of relativistic particles, which is determined by the
density of Goldreich and Julian [34]

n =
B

Pce
=

8π3R3
∗Bs

c4eP 4
, (3)

where R∗ is the neutron-star radius, will be a fac-
tor of 16 lower in this region. The radio luminosi-
ties of short-period pulsars are approximately pro-
portional to B [31]. Since the radio emission should
be coherent, so that L ∝ Bn2, we expect the flux of
PSR J0205 to be a factor of 2000 weaker than the
flux of PSR B0531+21 (for identical conditions for
the generation of the coherent emission and equal
Lorentz factors and pitch angles ψ for the radiating
particles). In the previous section, we showed that the
flux of the Crab pulsar exceeds the flux of PSR J0205
at 111MHz by a factor of 530; in view of the assump-
tions made, this is in good agreement with the above
estimate.

When calculating the X-ray flux, we should keep
in mind that the X-ray emission is not coherent;
therefore, its intensity Iν should be proportional
to the first power of the density n. However, the
dependence of Iν on the magnetic field is also de-
termined by the electron distribution function, and
for the power-law distribution Iν ∝ B

α+1
2 [36]. For

the spectral index α ∼ 2.8 (see above) the ratio of
the X-ray luminosities Lx of the Crab pulsar and of
PSR J0205 should be∼1000, also in agreement with
the observational data: the X-ray luminosity of the
pointlike source in 3C 58 identified with PSR J0205
is Lx = 2 × 1032 erg/s [8], whereas the value for
PSR B0531+21 is Lx ≈ 4 × 1035 erg/s [37].

The Lr(BLC) and Lopt(BLC) correlations noted
above can be represented as

logLr = (1.08 ± 0.17) logBLC + (24.25 ± 0.72),
(4)

ρ = 0.89 ± 0.14, N = 13

and
logLopt = (1.85 ± 0.47) logBLC + (21.00 ± 2.32),

(5)

ρ = 0.91 ± 0.23, N = 5,

where ρ is the corresponding correlation coefficient
andN is the number of objects in the sample.

It follows from these relationships that the
optical bolometric luminosity of PSR J0205 is
Lopt ≈ 1031 erg/s, so that it should be possible
to detect pulsed optical emission from this object;
and its integrated radio luminosity Lr should be
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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≈1030 erg/s. Using this value of Lr together with our
111-MHz data, we can estimate the expected radio
spectral index of the pulsar radiation. The formula for
calculating the luminosity can be written

Lr =
π3d2

P

∞∫
ν∗

Sνwνdν, (6)

where d is the distance to the pulsar, wν is the
pulse width at ν, and ν∗ is the frequency of the low-
frequency cutoff in the spectrum.

We can use the values of Lr, d, and ν∗ and the
measured values of S111 and wν to determine the
expected spectral index:

2 log
(

1.11 × 108

ν∗

)
=log(α− 1)+log

PLr

S111wνπ3d2ν∗
.

(7)

For further estimates, we assumed that the ratio
wν
P = 0.6 does not depend on frequency,

Sν = S111

(
111
νMHz

)α
, ν∗ = 10 MHz, d = 2.6 kpc [12].

In this case, we obtain

α = 0.96 log(α− 1) + 3.16. (8)

The solution of (8) yields α = 3.55, indicating that
the spectrum should be very steep. This estimate
was made before the publication of [21], reporting
the observed value of α = 2.8. Using α = 2.8 for the
calculated value, the given Lr and d values, and the
measured values of S111 and w111, we can determine
the expected cutoff frequency in the spectrum:

ν∗ =
{
π3d2wS111(1.11 × 108)2.7

1.7PLr

}1/1.7

. (9)

Substituting numerical values for the parameters,
we obtain ν∗ = 13.4 MHz. It follows from (9) that the
values of ν∗ and d are related (Fig. 4). If the cutoff
frequency can be measured, an independent estimate
of the distance to the pulsar can be obtained.

The total synchrotron luminosity at all frequencies
can be calculated using the formulas derived in [31,
38], which result in the expression

Ls =
π7/231/2eIγ

3/2
b Ṗ

32m1/2c3/2P 7/2γ2
p

, (10)

where γb is the Lorentz factor of the primary beam and
γp is the Lorentz factor of the secondary electron–
positron plasma. For γb = 106, γp = 3, I = 1045g cm2,
and the P and Ṗ of PSR J0205, we obtain
Ls = 2.75 × 1033 erg/s, which coincides with the
observed luminosity of the central source in 3C 58
at 0.08–10 keV [8].
ASTRONOMY REPORTS Vol. 47 No. 5 2003
Table

P 0.0656789(1) s

Ṗ 1.9(1) × 10−13

MJD 51901.330

DM 141 ± 10 pc cm−3

S111 40 mJy

S88 <150 mJy

w50(111 MHz) ∼25 ms

w10(111 MHz) ∼40 ms

We can derive the same relationship L(BLC) as in
the radio and optical for the hard radiation (X-rays
and γ rays). This is shown in Fig. 5 and can be written

logLX+γ = (0.83 ± 0.14) logBLC + (31.20 ± 0.70),
(11)

ρ = 0.93 ± 0.36, N = 7.

The luminosities LX+γ are taken from [37]. It
follows from this relationship that LX+γ is also
strongly correlated with BLC , again testifying to the
generation of the radiation at the pulsar’s periphery.
Moreover, the LX+γ(BLC) dependence enables us
to predict the luminosity of PSR J0205 from the
known BLC ; this is LX+γ = 7 × 1035 erg/s, making
searches for gamma rays from this pulsar promising.
Note that this estimate of LX+γ is higher than the
total synchrotron luminosityLs indicated above. This
probably implies the need to invoke inverse Compton
scattering to describe the gamma-ray emission of
radio pulsars, in addition to the synchrotron mech-
anism.

There is currently no fully adequate theory de-
scribing the interaction of a plerion SNR with a
young pulsar and its evolution. The difficulties of
modern plerion models and, in particular, problems
connected with 3C 58 have been considered in [39,
40]. A description of the characteristics of 3C 58 as an
individual object is the subject of a dedicated paper.
However, in light of what we have said about the
magnetic-field strength and the density of relativistic
particles at the periphery of the magnetosphere, we
expect weaker emission from 3C 58 compared to
the Crab Nebula at all frequencies. Furthermore, the
possibly similar period and period derivative at the
birth epoch of PSR J0205 [8] make the rate of loss
of its rotational energy |Ė0| = 4π2IṖ0/P

3
0 close to its

present value, 2.7 × 1037 erg/s, considerably lower
than ĖCrab = 4.6 × 1038 erg/s. On a log Σ(log Ė)
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plot (Fig. 6), 3C 58 + PSR J0205 lie very close to
the statistical dependence

log Σ = (1.11 ± 0.24) log |Ė| − (60.37 ± 8.95),
(12)

ρ = 0.87 ± 0.19, N = 9,

derived for nine known plerions [41]. Therefore, this
system appears to be typical of the class of plerions.

6. CONCLUSIONS

(1)Using observations carried out on the Pushchi-
no Radio Astronomy Observatory LPA (111 MHz)
and DKR-1000 (88 MHz) telescopes, we have de-
tected pulsed radio emission from the X-ray pulsar
J0205+6449 in the supernova remnant 3C 58. Its
parameters are listed in the table.

(2) We estimate the distance to the pulsar to be
6.4 kpc, consistent with the maximum estimates of
the distance to the SNR based on other methods
(≥6 kpc).

(3) The model of synchrotron emission near the
light cylinder can explain the difference between the
luminosities of PSR J0205 and PSR B0531+21 in
the radio and X-ray.

(4) We have predicted the optical and gamma-
ray luminosities of this object, which are sufficiently
high to offer hope for successful searches for pulsed
emission in these ranges.

(5) For a distance to PSR J0205 of 2.6 kpc,
we predict the low-frequency cutoff in the spectrum
should be at ν∗ = 13 MHz. The dependence of ν∗ on
the distance d to the pulsar can be used to obtain
an independent estimate of d, and vice versa: if
the distance is known, we can estimate the cutoff
frequency. In particular, if the distance exceeds 6 kpc,
the spectrum should peak at ∼50 MHz, which can
in principle be detected with existing or planned large
radio telescopes.
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Abstract—The non-LTE sodium abundances of 100 stars with metallicities −3 < [Fe/H] < 0.3 are de-
termined using high-dispersion spectra with high signal-to-noise ratios. The sodium abundances [Na/Fe]
obtained are close to the solar abundance and display a smaller scatter than values published previously.
Giants (log g < 3.8) with [Fe/H] < −1 do not display overabundances of sodium, and their sodium
abundances do not show an anticorrelation with the oxygen abundance, in contrast to globular-cluster
giants. They likewise do not show sodium-abundance variations with motion along the giant branch.
No appreciable decrease in the sodium abundance was detected for dwarfs (log g > 3.8) with metallicities
−2 < [Fe/H] < −1. The observed relation between [Na/Fe] and [Fe/H] is in satisfactory agreement with
the theoretical computations of Samland, which take into account the metallicity dependence of the sodium
yield and a number of other factors affecting the distribution of elements in the Galaxy during the course of
its evolution. c© 2003 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

The sodium abundances in the atmospheres of
stars with various metallicities can be used to test
theories of the chemical evolution of the Galaxy,
nucleosynthesis, and stellar evolution. According to
our current understanding of nucleosynthesis theory,
sodium is primarily a product of the hydrostatic
burning of carbon and neon in massive stars [1], in
contrast to iron, which is the product of explosive
nucleosynthesis in massive supernovae (SN II) and
in white dwarfs in binary systems (SN Ia). Additional
sodium can be synthesized during hydrogen burning
via the NeNa cycle in moderate-mass stars [2], after
which it can be carried to atmospheric layers due to
the inward expansion of the convective envelope and
its penetration into the layers in which theNeNa cycle
occurs. During the subsequent evolution of the star,
material enriched in sodium can be ejected with the
stellar wind, enhancing the interstellar medium in
sodium.
The production or yield of an element can be

calculated quantitatively and estimated by comparing
the observed abundance of the element and the
predictions of chemical-evolution models. Here, we
come up against a many-parameter problem, since
the yield of an element depends on many precondi-
tions and components of the theories of nucleosyn-
thesis and chemical evolution. For example, the yield
of elements that form during phases of hydrostatic
burning depends most strongly on the model for the
presupernova star (the criteria for convection, mixing
1063-7729/03/4705-0422$24.00 c©
processes, mass loss, and the cross sections for
nuclear reactions). The sodium yield is also sensitive
to the neutron excess [1] and consequently depends
on the metallicity [3]. However, the total yield of an
element examined in the framework of theories of the
chemical evolution of the Galaxy also depends on
the initial mass function, the inflow of gas, mixing
processes in the interstellar medium, the production
of energy by supernovae, etc.
Observational data play a key role in such com-

parisons. The observational situation with regard
to sodium in stars is currently not entirely clear
and unambiguous, especially in the case of metal-
poor stars. For example, supergiants and giants with
solar metallicity show appreciable overabundances
of sodium [4], which are not fully removed when
the sodium lines are subject to a non-LTE anal-
ysis [5, 6]. The mechanism for forming sodium in
the NeNa cycle was proposed precisely to explain
such overabundances [2]. In their study of halo
giants and subgiants, Pilachowski et al. [7] did not
detect sodium excesses and instead found a small
sodium deficit [Na/Fe] = −0.17 ± 0.22, with some
increase in [Na/Fe] with progression through this
evolutionary stage, and an overall scatter of [Na/Fe]
values from −0.6 to +0.3. Sodium abundances were
also determined by Carretta et al. [8], who found
the mean value [Na/Fe] = −0.09 ± 0.19 for stars
with [Fe/H] < −0.6. In their estimates of [Na/Fe]
for metal-poor stars on the giant branch, Grat-
ton et al. [9] found [Na/Fe] >= −0.09 ± 0.15 for
2003 MAIK “Nauka/Interperiodica”
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stars on the lower part of the branch and
[Na/Fe] >= −0.02 ± 0.15 for stars on the upper part.
The results are in agreement within the errors and
also do not differ significantly from the mean value
for halo giants. In contrast to halo stars, metal-
poor giants in globular clusters ([Fe/H] ≈ −1.5)
display appreciable Na overabundances and an an-
ticorrelation between the abundances of Na and O
(or the abundances of Al and O) [10–12]. The Na
abundances in these stars can be explained in part by
the synthesis of sodium in the NeNa cycle in main-
sequence stars [13, 14] and the subsequent carrying
of material enriched in Na (and depleted in O) to the
stellar surface during the giant stage. The observed
scatter of the Na abundances could also be due to
inhomogeneity of the initial chemical composition of
the stellar material, since a scatter of the CH- and
CN-band intensities and an Na–O anticorrelation
have also been detected among dwarfs in globular
clusters [15]. Note that giants in metal-rich globular
clusters such as M71 ([Fe/H] = −0.8) have [Na/Fe]
ratios that are close to solar.
The picture observed for disk and halo dwarfs is

the following. Disk dwarfs display solar sodium abun-
dances with a moderate tendency for this abundance
to increase with metallicity [16, 17]. The situation
is different for stars that are deficient in metals:
the [Na/Fe] values are scattered over two orders
of magnitude, with a general tendency for values
[Na/Fe] ∼ 0 to be obtained by some authors [18,
19] and a decrease in the sodium abundance with
decreasing metallicity to be obtained by others [20].
In particular, studies of the Na abundances of halo
stars in extreme orbits [20] indicate an appreciable
decrease in [Na/Fe] (to−0.7 dex) as [Fe/H] decreases
from −1 to −2. Note that the abundances of other
elements display behavior that is typical for halo
stars. Studies of thick-disk stars ([Fe/H] > −1.2)
yield the mean value [Na/Fe] = 0.101 ± 0.017 and
a moderate growth in the sodium abundance with
decreasing metallicity [21]. Thus, the metallicity
range −2 < [Fe/H] < −1 is crucial when deter-
mining sodium abundances. High-resolution spec-
troscopy presents new opportunities for studying pre-
viously obtained results inmore detail, based on high-
dispersion spectral material of high quality for large
samples of stars with a wide range of metallicities and
to compare the new results with modern theories of
chemical evolution with the aim to elucidate the main
suppliers of sodium to the interstellar medium.

2. THE OBSERVATIONAL MATERIAL
We addressed the problem at hand by selecting

100 dwarf, giant, and subgiant stars with metallici-
ties −3 < [Fe/H] < 0.3, listed in Table 1. Spectra of
ASTRONOMY REPORTS Vol. 47 No. 5 2003
these stars were obtained on the 1.93-m telescope
of the Haute Provence Observatory equipped with
the ELODIE echelle spectrometer [22]. The resolu-
tion of the spectrometer was 42 000, the wavelength
range observed was λλ4400–6800 Å, and the result-
ing signal-to-noise ratios were 130–230. The pre-
liminary reduction of the spectra (extraction of the
images, removal of cosmic rays, flat-fielding, etc.)
had been performed earlier [23]. We carried out the
further reduction of the spectra (fitting the contin-
uum level, measuring the line equivalent widths EW ,
etc.) using theDECH20 package [24]. The equivalent
widths were measured by fitting the line profiles with
Gaussians. A comparison of the line EW values for
our spectra with those obtained in other studies is
presented in [25]. There is good agreement between
the EW ’s obtained in the different systems.

3. ATMOSPHERIC PARAMETERS

The main characteristics of the studied stars are
presented in Table 1. We took values for the V
magnitude and B − V color index from the SIMBAD
database. We calculated the bolometric magnitudes
Mbol using the bolometric corrections of Alonso
et al. [26] and took the parallaxes π from HIPPAR-
COS observations.

The use of direct methods to determine the ef-
fective temperature Teff is possible only for a limited
number of stars, since this requires knowledge of their
radii and distances. The application of photometric
and spectral methods is subject to a number of ad-
ditional errors. Photometric methods rely on theo-
retical or empirical spectral calibrations and require
corrections for interstellar reddening, while spectral
methods require reliable extinction coefficients and
corrections for possible departures from local ther-
modynamic equilibrium (non-LTE corrections). We
accordingly used the following iterative procedure to
determine Teff. As a first approximation for Teff, we
used the data of Soubiran et al. [22], which are based
on a statistical method that makes use of a large
number of spectral lines, and values for Teff taken
from various sources with corresponding weights. We
then refined Teff based on the condition that the iron
abundance derived from a given line be independent
of the excitation energy of the lower level of that
line Elow. As a check on the resulting Teff, we cal-
culated theoretical Нα profiles using the STARSP
program [27] and compared these with the observed
profiles. A good agreement was obtained for all the
studied stars.

The gravity log g was determined from the con-
dition of ionization equilibrium for the iron lines and
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Table 1. Main atmospheric parameters, NaI equivalent widths, and relative abundances of oxygen [O/Fe] and sodium
[Na/Fe]

Star
Atmospheric parameters Chemical composition EW, mÅ (NaI lines)

V B − V Mbol Teff, К log g Vt, km/s [Fe/H] [O/Fe] [Na/Fe] 5682 6154 6160

HD 245 8.41 0.65 4.29 5400 3.4 0.50 –0.78 0.14 62.0 16.2 27.0
HD 2796 8.48 0.75 −0.27 4900 1.6 1.50 –2.21 −0.06 5.0
HD 3546 4.34 0.87 0.51 4950 2.1 1.50 –0.63 0.18 0.02 32.2 47.0
HD 3567 9.25 0.46 4.04 5950 3.8 0.50 –1.20 0.02 6.3
HD 5395 4.62 0.96 0.30 4800 2.5 1.00 –0.19 0.05 −0.11 121.0 50.3 71.0
HD 5916 6.86 0.90 0.63 4863 1.7 1.20 –0.51 –0.04 −0.12 32.5 50.0
HD 6582 5.17 0.69 5.60 5240 4.2 0.20 –0.89 0.10 67.0 15.0 27.0
HD 6755 7.72 0.72 1.94 5100 2.7 1.20 –1.47 −0.18 13.0 6.0
HD 6833 6.75 1.18 −0.52 4400 1.0 1.50 –0.89 −0.19 28.3 38.0
HD 8724 8.30 0.96 0.34 4600 1.5 1.50 –1.65 0.41 −0.05 21.0 4.6 7.0
HD 10700 3.49 0.72 5.51 5270 4.2 0.50 –0.56 0.05 84.0 27.0 47.0
HD 13530 5.31 0.92 1.05 4750 2.5 1.00 –0.48 0.07 0.38 130.0 70.0 93.0
HD 13783 8.30 0.68 5.21 5350 4.1 0.50 –0.61 0.06 76.0 20.8 40.1
HD 15596 6.21 0.90 0.96 4750 2.5 1.00 –0.67 0.23 0.04 35.0 56.0
HD 18768 6.72 0.59 3.30 5700 3.5 1.00 –0.51 0.08 19.6 30.5
HD 19445 8.04 0.46 4.96 6000 4.0 1.50 –1.89 0.19 5.6
HD 22879* 6.74 0.54 4.75 5900 4.0 0.50 –0.77 0.04 42.0 8.0 15.0
HD 23439 7.67 0.78 5.51 5100 4.3 1.00 –1.14 0.20 15.0 23.0
HD 25329 8.51 0.88 6.87 4850 4.3 1.50 –1.73 0.24 30.6 11.1
HD 26297 7.46 −0.26 4300 0.5 1.70 –1.91 0.28 −0.15 20.0 3.3 6.0
HD 29150* 7.60 4.88 5734 4.4 0.90 –0.07 0.10 119.0 42.2 64.0
HD 30562* 5.77 0.63 3.58 5864 4.1 1.30 0.13 0.05 119.0 47.0 70.0
HD 37828 6.86 1.14 −0.66 4350 1.0 1.50 –1.58 0.28 0.09 44.0 17.0 19.0
HD 43318* 5.63 0.49 2.86 6287 4.1 1.50 –0.13 0.05 78.0 20.4 38.0
HD 43856* 7.95 0.51 3.43 6247 4.0 0.90 –0.10 0.00 75.0 19.3 34.8
HD 44007 8.05 0.84 1.36 4950 2.3 1.50 –1.49 0.38 0.07 26.0 6.0 10.0
HD 45282 8.00 0.66 2.15 5350 3.4 1.30 –1.28 0.62 −0.16 6.0
HD 45654 6.86 2.45 6375 4.0 1.20 –0.17 −0.05 59.0 15.0 28.0
HD 46480 5.94 0.89 1.98 4800 2.7 0.80 –0.49 0.22 0.07 47.0 68.0
HD 49932* 6.97 1.70 6375 4.0 1.50 –0.16 −0.03 16.0 30.0
HD 51419* 6.94 4.93 5714 4.0 0.75 –0.35 −0.08 70.0 18.0 30.0
HD 51530 6.20 0.45 2.76 6100 3.8 0.80 –0.39 0.20 0.08 62.0 16.0 29.0
HD 57006* 5.90 0.53 2.02 6248 3.6 1.45 0.01 0.02 86.0 27.0 42.0
HD 58595* 7.40 5.03 5750 4.1 0.80 –0.22 −0.03 83.7 24.0
HD 62613* 6.56 5.26 5450 4.0 1.30 –0.17 0.05 110.0 42.9 66.0
HD 63791 7.89 0.37 4625 1.8 1.20 –1.67 0.00 27.0 7.3 6.0
HD 64090 8.27 0.61 5.83 5400 4.3 1.50 –1.69 0.08 3.7
HD 64606 7.43 0.83 5.82 5250 4.0 0.50 –0.82 0.10 67.0 17.0 31.0
HD 64815* 7.80 3.24 5850 4.0 0.80 –0.30 0.05 77.0 22.0 37.0
HD 73344* 6.89 4.14 6130 4.1 0.80 0.17 0.03 102.0 40.0 58.0
HD 76932 5.80 0.53 4.06 5840 4.0 1.00 –0.90 0.36 0.11 39.0 6.8 15.0
HD 84937 8.33 0.40 3.68 6250 3.8 1.50 –2.00 0.33 5.1
HD 87140 8.97 0.70 1.95 5100 2.5 1.50 –1.71 0.05 5.0
HD 88609 8.59 0.93 0.91 4600 1.0 1.50 –2.66 0.15 4.0
HD 88725 7.75 0.60 4.85 5650 4.3 1.00 –0.65 0.09 74.0 15.0 24.0
HD 94028 8.21 0.47 4.51 5950 4.0 1.50 –1.43 0.02 3.6
HD 95128* 5.10 0.61 4.29 5885 4.1 0.80 0.07 0.00 40.2 60.0
HD 103095* 6.42 0.75 6.37 5000 4.4 0.30 –1.39 0.57 −0.10 25.0 8.0
HD 105755 8.59 4.01 5800 3.9 1.50 –0.65 0.26 0.00 51.0 15.0 15.0
HD 108076 8.03 0.56 5.07 5700 4.4 0.70 –0.85 0.57 0.21 51.0 14.0 21.1
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Table 1. (Contd.)

Star
Atmospheric parameters Chemical composition EW, mÅ (NaI lines)

V B − V Mbol Teff, К log g Vt, km/s [Fe/H] [O/Fe] [Na/Fe] 5682 6154 6160

HD 108954* 6.15 0.55 4.46 6040 4.4 1.30 –0.14 0.02 87.0 26.0 40.0
HD 110184 8.27 1.17 −0.48 4380 0.6 1.90 –2.27 0.30 0.16 13.0
HD 114762 7.30 0.53 4.16 5800 4.0 1.00 –0.72 0.39 0.14 14.0 20.0
HD 117876 6.11 0.96 −0.01 4750 2.3 1.40 –0.47 0.17 0.22 63.0 88.0
HD 122563 6.18 0.90 −1.30 4570 1.1 1.20 –2.42 0.49 0.06 6.6
HD 122956 7.22 1.01 −0.54 4635 1.5 1.50 –1.60 −0.19 21.0 6.0
HD 124897 –0.05 1.23 −0.83 4350 1.6 1.60 –0.58 0.31 0.14 75.0 102.0
HD 127243 5.58 0.83 0.45 5000 2.3 1.40 –0.65 0.15 0.06 91.0 31.0 43.0
HD 132142 7.77 0.79 5.67 5100 4.0 1.00 –0.51 0.18 0.08 110.0 43.0 57.5
HD 134169 7.67 0.55 3.69 5800 3.9 1.10 –0.72 0.10 45.0 14.9 19.0
HD 150177 6.33 0.48 3.07 6025 3.8 1.10 –0.64 0.10 48.0 12.0 19.0
HD 150680* 2.81 0.64 2.56 5850 3.8 1.50 0.01 0.11 115.0 44.7 63.8
HD 157089 6.95 0.60 3.92 5785 3.8 1.00 –0.56 0.21 −0.01 14.0 23.0
HD 159222* 6.56 0.64 4.60 5763 4.3 1.30 0.00 0.04 114.0 45.0 64.0
HD 159482 8.37 0.57 4.84 5620 4.0 0.80 –0.86 0.16 12.0 20.3
HD 160693 8.39 0.58 4.61 5750 4.0 1.00 –0.46 0.08 70.0 23.0 31.0
HD 161797* 3.42 0.75 3.68 5650 4.0 1.30 0.25 0.11 145.0 71.0 93.0
HD 165195 7.31 1.29 −0.47 4470 1.1 1.90 –2.03 0.50 0.03 17.5 5.0
HD 165908 5.05 0.52 4.00 5925 4.1 1.10 –0.61 0.25 0.13 55.0 15.0 25.0
HD 166161 8.12 0.97 1.89 5250 2.0 1.70 –1.20 0.40 0.00 31.4 5.4 12.9
HD 175305 7.18 0.75 0.86 5050 2.3 1.40 –1.42 0.45 −0.05 4.0 8.5
HD 184499 6.62 0.58 4.00 5750 4.0 1.50 –0.64 0.33 0.16 17.4 28.0
HD 187111 7.71 1.22 −0.60 4250 0.7 1.70 –1.74 −0.14 26.0 6.0 11.0
HD 188510 8.83 0.58 5.68 5500 4.4 1.50 –1.48 0.15 6.0
HD 189558 7.72 0.57 3.45 5785 3.9 1.50 –1.00 −0.09 27.0 3.5 9.0
HD 191026* 5.38 0.85 3.33 5300 3.8 1.40 –0.05 0.10 136.0 62.0 87.0
HD 194598 8.33 0.49 4.49 5890 4.0 1.50 –1.16 0.00 4.2 5.0
HD 195633 8.54 0.53 3.14 6000 3.8 1.10 –0.55 0.23 0.01 53.0 11.0 20.0
HD 196755* 5.07 0.70 2.59 5680 3.7 1.50 0.01 0.00 112.0 40.0 65.0
HD 197076* 6.45 0.62 4.77 5770 4.0 1.30 –0.19 0.01 91.0 28.0 43.0
HD 198149* 3.41 0.91 2.39 5150 3.4 1.20 –0.06 0.01 125.0 81.0
HD 201889 8.06 0.58 4.21 5600 4.1 1.20 –0.85 0.18 52.6 13.4 22.0
HD 201891 7.37 0.51 4.52 5850 4.5 1.00 –0.99 0.51 0.07 29.0 5.0 13.0
HD 204155 8.49 0.58 3.94 5600 3.8 1.00 –0.78 0.17 59.0 15.0 24.5
HD 204543 8.28 −0.43 4620 1.1 1.70 –1.79 0.40 −0.06 6.0
HD 208906 6.95 0.51 4.53 5965 4.2 1.70 –0.71 0.26 0.10 49.0 11.0 18.0
HD 215648* 4.20 0.51 3.12 6160 4.0 1.30 –0.28 0.09 73.0 20.0 31.0
HD 216143 7.80 −0.07 4500 1.0 1.60 –2.11 0.52 0.09 14.0
HD 216174 5.43 1.18 −0.36 4400 1.9 1.50 –0.56 0.16 0.11 137.0 68.0 91.0
HD 216385 5.16 0.47 2.96 6400 4.0 1.40 –0.12 0.03 73.0 18.3 32.0
HD 219617 8.16 0.49 3.45 5870 4.0 1.50 –1.43 −0.21 7.0
HD 221170 7.67 1.08 −0.87 4500 1.0 1.50 –2.05 0.30 −0.07 14.0 3.0
HD 221377 7.56 0.39 2.67 6000 3.4 1.20 –0.88 0.29 0.10 37.0 6.0 14.0
HD 224930 5.80 0.67 5.17 5300 4.1 0.20 –0.85 0.16 16.7 32.0
HD 345957 8.89 0.51 −1.51 5800 3.7 1.00 –1.33 −0.11 3.9
BD+174708 9.46 0.44 3.97 6000 4.0 0.70 –1.56 0.09 9.0
BD+290366 8.76 0.58 4.87 5600 4.2 0.90 –1.01 0.18 43.0 9.8 15.4
BD+292091 10.26 0.50 5.23 5850 4.2 1.60 –1.93 0.15 5.3
BD+302611 9.13 1.24 −0.64 4300 0.7 1.60 –1.41 0.19 −0.26 10.0 14.0
BD+413931 10.28 5.88 5450 4.6 1.00 –1.68 0.26 5.2
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was refined for a number of stars using the standard
formula
log g = 4 log Teff + 0.4Mbol + log(M/M�) − 12.5,

where we adopted Teff = 5770 K and log g = 4.40 for
the Sun. The values of log g derived in these two ways
were in agreement within the errors.
We determined the microturbulence velocity Vt

from the condition that the neutral-iron abundance
derived from a given line be independent of the line’s
equivalent width.
As an estimate of the metallicity [Fe/H], we

adopted the iron abundance derived using the oscilla-
tor strengths of Gurtovenko and Kostyk [28] and the
WIDTH9 program of Kurucz.
The accuracies of these various parameters were

∆Teff = ±100 K for the effective temperature,
∆ log g = ±0.3 dex for the gravity,∆Vt = ±0.2 km/s
for the microturbulence velocity, and ∆[Fe/H] =
±0.1 dex for the metallicity.
The values of the atmospheric parameters are pre-

sented in Table 1. Determination of the atmospheric
parameters for most of the studied stars and a com-
parison with the results of other studies was done by
us earlier in [25]. The stars whose parameters we have
determined here are denoted in Table 1 by asterisks.
There is good consistency between the atmospheric
parameters determined by us and by other authors,
and the values are generally in agreement within the
errors [25]. Discrepancies are primarily due to the use
of different methods for determining the parameters
by some other authors.

4. DETERMINING THE SODIUM
AND OXYGEN ABUNDANCES

We derived the elemental abundances using the
model-atmosphere grid of Kurucz [29]. We selected
the models via a standard interpolation of the model
grid in Teff and log g. We selected the λ6154 Å, 6160 Å
doublet lines and the λ5682 Å line for use in deter-
mining the sodium abundance (the other component
of this doublet is subject to blending by telluric lines).
While non-LTE corrections for the λ6154 Å, 6160 Å
lines are not significant, these corrections become
very important for the λ5682 Å line, as was shown
earlier for various types of stars [6, 30–32].
For this reason, we increased the reliability of our

estimates by taking into account departures from
LTE when deriving the sodium abundance for each
star. The non-LTE computations were carried out
using theMULTI program [33] and themodel sodium
atom of [6]. The oscillator strengths were taken
from [34]. We minimized the possible influence of er-
rors in the oscillator strengths using the solar sodium
abundance determined using the same method and
the lines indicated above, whose equivalent widths
we measured using the solar atlas [35]. We obtained
for the Sun logA(Na) = 6.24 ± 0.02 on the scale
logA(H) = 12, in good agreement with the non-LTE
estimates of [30, 33].
We carried out non-LTE calculations for all the

studied stars. The resulting [Na/Fe] values are pre-
sented in Table 1, which also gives the measured
equivalent widths EW (mÅ) of the sodium lines. The
equivalent widths of a number of stars with strong
metal deficits are very small and have large uncertain-
ties. We estimate the error in an abundance derived
from a line with EW = 5–10 mÅ to be about 0.15–
0.20 dex, and this probably explains much of the scat-
ter in the [Na/Fe] values for [Fe/H] < −1.5. However,
several sodium lines were used for most of the stars,
so that the mean error in the sodium abundances is
no more than 0.05 dex.
Our [Na/Fe] values are in reasonable agree-

ment with those of Gratton et al. [9], which were
also obtained using a non-LTE approximation,
∆([Na/Fe]our − [Na/Fe][8]) = 0.02 ± 0.13 dex (25
common stars). Gratton et al. [9] used both their
own EW measurements and values taken from the
literature. A comparison of our [Na/Fe] values with
those of [31], in which a non-LTE analysis was
applied to derive the sodium abundances, primar-
ily using resonance lines (the NaI D lines), indi-
cates ∆([Na/Fe]our − [Na/Fe][31]) = 0.12 ± 0.19 dex
(6 common stars). A detailed comparison of the
results for each common star indicates that a large
discrepancy (0.5 dex) exceeding the statistical errors
was obtained for HD 19445. A comparison of the two
data sets excluding the results for this star yields
a good agreement, ∆([Na/Fe]our − [Na/Fe][31]) =
0.05 ± 0.09 dex (5 common stars). This small offset
(0.05 dex) lies within the scatter of the individual
values. The sodium abundance of HD 19445 was
also derived in [9] ([Na/Fe] = 0.04), and that value
is in agreement with our own result within the
errors ([Na/Fe] = 0.19). The equivalent widths of the
λ5682 Å sodium line used to estimate the sodium
abundances in our work and in [9] are 5.6 mÅ and
4.1 mÅ, respectively. This difference in the equivalent
widths is apparently due to some small discrepancy
between our data and those of [9]. Unfortunately, the
Na abundance was derived in [31] using the NaI D-
line profiles, so that we are not able to carry out a
similar comparison with those data.
In order to test for the presence of aNa–Oanticor-

relation, we also determined the oxygen abundances
using the [OI] λ6300, 6363 Å and OI λ6156, 6158 Å
lines. These lines are reliable indicators of the oxygen
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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Table 2. Influence of uncertainty in parameters on the O and Na abundances (in dex)

HD51530 HD15596 HD219617 HD122563

Teff/ log g/Vt/[Fe/H]

Element 6100/3.8/0.8/–0.39 4750/2.5/1.0/–0.67 5870/4.0/1.5/–1.43 4570/1.1/1.2/–2.5

Variable parameter (see comment below)

1 2 3 1 2 3 1 2 3 1 2 3

O –0.02 0.10 0.00 0.02 0.14 0.00 0.05 0.12 0.00 0.12 0.14 0.00

Na 0.05 0.02 –0.01 0.08 0.01 –0.02 0.04 0.00 0.00 0.18 0.09 0.00

Note: Columns 1–3 correspond to the variations (1)∆Teff = +100 К, (2)∆log g = +0.3, (3)∆Vt = +0.2 km/s.
abundance in the range of temperatures and metallic-
ities considered, since they are subject to only weak
non-LTE effects [36]. The oxygen abundance we de-
rived in an LTE approximation using the WIDTH9
code of Kurucz is given in Table 1.
A summary of the influence of various uncertain-

ties in the parameters on the resulting sodium and
oxygen abundances is presented in Table 2. We can
see from Table 2 that the accuracy of the sodium
abundances is, on average, 0.04–0.09 dex, and de-
creases to 0.20 dex for metal-poor cool giants. A sim-
ilar situation is observed for the oxygen abundance:
the mean error is 0.10–0.15 dex and increases (to
0.18 dex) as [Fe/H], the temperature, and the gravity
decrease.

5. DISCUSSION

Our sodium abundances show a smaller scatter
(−0.3 < [Na/Fe] < 0.3) than in the earlier stud-
ies [18, 19]. The mean [Na/Fe] we obtained for
75 stars with metallicities from −3 to −0.45 is
0.06 ± 0.13. This is close to the solar value and is
slightly higher than the values obtained in [7, 8]. In
the critical metallicity range −2 < [Fe/H] < −1, our
data show only a moderate decrease of [Na/Fe] (to
−0.3 dex) and do not show the appreciable decrease
obtained in [20] (to −0.7 dex). The mean [Na/Fe]
for 29 dwarfs with metallicities characteristic of the
thick disk −1.2 < [Fe/H] < −0.45 is 0.09 ± 0.07.
This nearly coincides with the mean [Na/Fe] value
obtained in [21] for thick-disk dwarfs.
We investigated the possibility that sodium was

carried to spectroscopically detectable atmospheric
layers inmetal-poor giants (log g < 3.8, [Fe/H]<−1)
by comparing [Na/Fe] and [O/Fe] and also by com-
paring the Na abundances for stars in the upper and
lower parts of the giant branch. Figure 1 shows that
the giants we have selected do not display a Na–
O anticorrelation, in contrast to metal-poor giants
ASTRONOMY REPORTS Vol. 47 No. 5 2003
in globular clusters. Our estimates thus confirm the
existence of differences in the behavior of the Na
abundances of field giants with [Fe/H] < −1 and of
metal-poor globular-cluster giants. We distinguished
giants on the upper and lower giant branches using
theМbol − (b− y) relation (Fig. 2), which was applied
for this same purpose in [9]. We adopted the b− y
values for the studied stars, presented in [25], from
the SIMBAD database. The mean [Na/Fe] for the
five giants with [Fe/H] < −1 located on the lower
giant branch is 〈[Na/Fe]〉 = −0.05 ± 0.11, while the
mean for the 15 stars on the upper giant branch is
〈[Na/Fe]〉 = −0.03 ± 0.12. This is in good agreement
with the results of [9] for metal-deficient giants and
testifies to an absence of any significant increase
in the sodium abundance along the giant branch.
Overall, the data for the giants in our sample suggest
that only a negligible amount of sodium is carried to
atmospheric layers in metal-poor giants.
Let us consider the behavior of [Na/Fe] for dwarfs

with various metallicities [Fe/H] and compare this
with the predictions of models for the chemical evolu-
tion of the Galaxy [37–39] (Fig. 3). In all these mod-
els, massive stars are the main producers of sodium
and the sodium yield is determined from nucleosyn-
thesis calculations [1]. These authors indicate that a
moderate additional source of sodium is possible at
[Fe/H] > −1—moderate-mass stars that synthesize
sodium in the NeNa cycle—but this source is not
included in the calculations. An important question
that arises in calculations of models of the chemical
evolution of the Galaxy and analyses of sources en-
riching the abundance of some element is whether the
given element is a primary or secondary nuclear prod-
uct. Sodium is produced as a primary element directly
in the burning of carbon, and the associated sodium
yield does not depend on metallicity. When sodium
is formed via neutron or proton capture, the yield
depends on the neutron excess, and consequently also
on the metallicity. In this case, the sodium abundance
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poor giants (log g < 3.8, [Fe/H] < −1).

should demonstrate a deficit relative to iron in metal-
poor stars.
As we can see in Fig. 3, the calculations of [37]

(dotted curve) and [38] (dashed curve) do not re-
produce the observed run of [Na/Fe] with metallicity
[Fe/H]. Timmes et al. [37] consider the sodium yield
to be independent of metallicity and treat the halo
and disk as parts of a single system differing only in
their ages, while Gosvami and Prantzos [38] allow
for metallicity dependence of the sodium yield and
treat the halo and disk as two independent systems.
It is curious that, when the sodium yield is taken to
be independent of metallicity (upper dashed curve in
Fig. 3), the sodium behavior in the model of [38] is
similar to that of α elements (Mg, Si); however, this
case was considered by Gosvami and Prantzos [38] to
be unrealistic. The best fit to the metallicity trend of
the sodium abundances we have derived is provided
by the model of Samland [3] (solid curve in Fig. 3),
which allows for metallicity dependence in the sodium
yield and takes into account a large number of other
parameters that appreciably affect the distribution of
elements in the Galaxy, including sodium.

The origin of the smaller scatter of [Na/Fe] for
stars with [Fe/H] > −1, for which the mean [Na/Fe]
for 63 stars is 0.06 ± 0.09, than for stars with
[Fe/H] < −1, for which the mean for 37 stars is
[Na/Fe] = −0.03± 0.14, remains unclear. Non-LTE
corrections lower the total scatter but do not remove
the larger scatter for stars with lower metallicities.
The behavior of theNa abundance when [Fe/H] < −2
also remains an open question. Although a nearly
solar [Na/Fe] ratio was obtained for giants with these
metallicities in [7, 9] and in our own analysis, the
two stars with [Fe/H] < −2 studied in [31] displayed
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Fig. 2. Position of metal-poor giants (log g < 3.8,
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Fig. 3. Comparison of non-LTE values of [Na/Fe] ob-
tained for dwarfs with theoretical chemical-evolution
computations. The dotted curve shows the model of
Timmes et al. [37], the dashed curve the model of Gos-
vami and Prantzos [38], and the solid curve, the model of
Samland [3].

lower values (to−0.7 dex). Does this provide evidence
for inhomogeneity in the enrichment of the interstellar
medium in sodium in the case of low metallicities or
for different behaviors for [Na/Fe] and [Fe/H] (and
hence for other sources of sodium)? The resolution
of this question requires additional data, theoretical
nucleosynthesis computations, and the construction
of improved models for the chemical evolution of the
Galaxy.
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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6. MAIN RESULTS AND CONCLUSIONS

(1) We have determined the non-LTE sodium
abundances of 100 stars with a wide range of metal-
licities.
(2) The sodium abundances [Na/Fe] we have de-

rived are close to the solar value and display a smaller
scatter than in previous studies. However, the scatter
of [Na/Fe] for stars with [Fe/H] < −1 is higher than
for stars with [Fe/H] > −1.
(3) Giants with [Fe/H] < −1 do not display

sodium overabundances and an anticorrelation be-
tween their sodium and oxygen abundances, in con-
trast to globular-cluster giants with [Fe/H] < −1.
We also find no significant variations of the Na
abundance along the giant branch.
(4) Our analysis does not confirm the apprecia-

ble (to −0.7 dex) decrease in the Na abundance for
metallicities −2 < [Fe/H] < −1 reported in [20].
(5) The observed trend of [Na/Fe] with [Fe/H]

is satisfactorily fit by the theoretical calculations of
Samland [3], which take into account the metallic-
ity dependence of the sodium yield and a number
of other factors (inflowing gas, mixing processes in
the interstellar medium, the production of energy by
supernovae, etc.) when constructing models for the
chemical evolution of the Galaxy.
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Abstract—We have confirmed the BY Dra-type variability of the active spotted stars MS Ser, LQ Hya,
VY Ari, and EK Dra using simultaneous UBV RI photometric and polarimetric observations. We have
also reliably detected the intrinsic linear polarization of their radiation and its rotational modulation in
U due to the inhomogeneous distribution of active magnetized regions over the surfaces of the stars.
Modeling of the linear polarization based on the Zeeman effect indicates that all the stars display strong
local magnetic fields (about 2 kG, similar to those in sunspots), with filling factors of up to 40% of the total
stellar surface. The magnetized regions coincide with cool photospheric spots detected in photoelectric
observations. c© 2003 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

Spottedness occurs very frequently in cool, low-
luminosity stars. The axial rotation of an inhomoge-
neously spotted star and the slow (on characteristic
time scales of the order of several months) variations
in the configuration of the spots result in a rotational
modulation of the brightness and slow variations of
the average brightness of the star. This is known as
BY Dra-type photometric variability (see, for exam-
ple, the review [1]).

Like sunspots, spotted regions on red dwarfs dis-
play rather strong (on the order of 1–2 kG) magnetic
fields, which result in Zeeman splitting and polariza-
tion of the absorption lines in the stellar spectrum.
In broadband photometric observations, the stellar
radiation appears weakly polarized due to the super-
position of this effect for lines located near the band’s
edge.

In the late 1950s and early 1960s, broadband linear
polarization was detected in solar active regions [2,
3]. Later, various attempts were made to observe
the same effect in red dwarfs. Piirola [4] detected
variable intrinsic linear polarization in the F8 dwarf
HD 142373; from observations of the nearest stars,
he also found that the degree of polarization tends to
increase toward later spectral types. A similar con-
clusion was reached by Tinbergen and Zwaan [5].
Koch and Pfeiffer [6] considered the linear polarization
of the well-known spotted star BY Dra and detected
variability of the polarization in the R band, which did
not correlate with the orbital rotation. Pettersen and
Hsu [7] studied the polarization of 19 flare and spotted
stars; their attempts to detect rotational modulation
1063-7729/03/4705-0430$24.00 c©
of the polarization of BYDra and EVLac were unsuc-
cessful. Pettersen et al. [8] detected rotational modu-
lation of the V -band polarization of HK Aqr, with the
same period as that of the brightness variations. The
times ofmaximum polarizationwere shifted relative to
those of minimum brightness by 0.29 and 0.58 of the
period. Huovelin et al. [9–11] studied the rotational
modulation of the polarization of ten solar-type stars,
including the well-known spotted star BE Cet, and
compared this modulation with the variability of the
CaII H and K emission lines.

Here, we study variability of the brightness and
linear polarization of four stars with active chromo-
spheres, related to spotted regions on their surfaces:
MS Ser, LQ Hya, EK Dra, and VY Ari. Table 1
presents the basic parameters of these stars.
MS Ser (HD 143313) is a spectral binary consist-

ing of K2Ve and K6Ve components [12] (or, accord-
ing to other data, K2IV and G8V [13]). The earli-
est photometric data for this star were presented by
Eggen [14]. Photometric variability was detected by
Rucinski [15] and Bopp et al. [16], who also deter-
mined the period Prot = 9d.60, which is slightly differ-
ent from the orbital period (9d.01). The shape of the
light curve sometimes varied dramatically, with the
total disappearance of the rotational modulation [17].
Alekseev and Shakhovskaya [18] confirmed the vari-
ability of MS Ser with the above period. The first
polarization observations of MS Ser were made by
Alekseev [19].
LQ Hya (Gl 355 = HD 82558 = BD− 10◦2857)

is a single young K0Ve star that has recently reached
the main sequence. Observations of the LiI 6707.8 Å
line indicate that the age of the star is 7.5 × 107 years
2003 MAIK “Nauka/Interperiodica”
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Table 1. Basic parameters of the studied stars

Star Sp Vmax ∆V ∆〈V 〉 U − B B − V V − R V − I P , days V sin i, km/s

MS Ser K2IVe + G8V 8.11m 0.15m 0.18m 0.61m 0.97m 0.69m 1.19m 9.60 16.0

LQ Hya K0Ve 7.77 0.19 0.10 0.52 0.90 0.76 1.32 1.60 25

VY Ari K(3–4) (IV–Ve) 6.68 0.30 0.27 0.60 0.92 0.72 1.33 16.4 10.2

EK Dra G(1–2)Ve 7.48 0.11 0.06 0.03 0.60 0.54 0.95 2.70 17.3

Table 2. Comparison and standard stars

Star Comparison star V U − B B − V V − R V − I Reference

MS Ser BD+26◦2762 8.08m 0.73m 1.08m 0.65m 1.28m Present study

BD+26◦2723 10.71 1.30 1.29 1.01 1.86 [54]

HD 143455 7.79 1.70 1.48 1.13 1.94 [15]

LQ Hya HD 82508 7.58 0.35 0.71 0.59 1.03 [25]

HD 82447 6.13 0.49 1.18 0.89 1.52 [25]

VY Ari SAO 55886 7.93 0.31 0.74 0.58 1.05 Present study

Gl 112.0 7.88 0.48 0.83 0.63 1.13 [54]

EK Dra HD 129380 7.53 −0.16 0.40 0.38 0.64 [55]

HD 129798 6.23 −0.16 0.40 0.38 0.63 [55]
[20]. Its variability was discovered by Eggen [21]
and Fekel et al. [20], from observations made in
1982. Later, the variable was observed by Strass-
meier and Hall [22] and Boyd et al. [23]. Long-term
series of observations were obtained by Jetsu [24],
Cutispoto [25–29], and Strassmeier et al. [30, 31].
VY Ari (Gl 113.1 = HD 17433 = BD + 30◦448)

is the bright K(3–4)IVe component of a SB1-type
spectral binary [32]. It displays a high lithium abun-
dance and a substantial IR excess and is prob-
ably a PMS rather than a BY Dra-type variable.
Photometric variability of VY Ari was detected by
Chugainov [33]. Later, the star was observed by
Eaton and Poe [34], Bopp et al. [35], Strassmeier and
Bopp [36], Alekseev [37], and Strassmeier et al. [30,
38]. The first polarimetric observations of LQHya and
VY Ari are our own.
EK Dra (Gl 559.1=HD 129333=BD + 64◦1017)

is a young G1Ve single star with an age of about
7 × 107 years that belongs to the Pleiades moving
group. The star displays strong variable chromo-
spheric emission lines [39], flare activity in lines of
the transition region [40], strong nonthermal radio
emission [41], and variable X-ray radiation from
the hot corona [42–44]. Photometric activity was
detected independently by Dorren and Guinan [39]
and Chugainov et al. [45]. The long-term variability
ASTRONOMY REPORTS Vol. 47 No. 5 2003
of the star has been studied by Lockwood et al. [46],
Radick et al. [47], Strassmeier et al. [30, 38], Dorren
et al. [48], and Scheible and Guinan [49]. Cyclic vari-
ations of the average brightness with a characteristic
time scale of about 13 yrs were suspected [48]. The
polarization of EKDra has been observed byHuovelin
and Piirola [50] (linear) and Elias and Dorren [51, 52]
(elliptical).

2. OBSERVATIONS AND RESULTS
All of our observations were carried out with

the 1.25-m telescope of the Crimean Astrophysi-
cal Observatory, equipped with Piirola’s UBV RI
photometer–polarimeter [53]. On each night, three
to five observational cycles were carried out, during
which observations were made of the comparison
star, the variable, a standard star, and the comparison
star. Each pointing at the comparison and standard
stars yielded a set of eight values, corresponding
to different positions of the analyzer. We obtained
four such sets from each pointing at the program
stars. The integration time for each reading was 10 s.
The sky background was measured separately before
each pointing. Thus, we obtained simultaneously the
brightness and color indices of the star, as well as the
Stokes parameters in all five bands. With this pro-
cedure, the errors in the brightness and color indices
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Fig. 1.Master V light curves of the studied stars.
do not exceed 0m. 01, while the errors in the Stokes
parameters Px and Py do not exceed 0.02% in the U
band and 0.01% in the other bands. Table 2 presents
the parameters of the comparison and standard stars.

2.1. Photometry

Figure 1 presents the master V light curves for
the studied stars derived from our observations and
published data.

Photometric observations ofMS Ser were carried
out regularly, starting from 1991 [18, 19, 56]. Over
the total time of the observations (both new and
previously published), the amplitude of the rotational
modulation ∆V varied from 0m. 05 to 0m. 15, while
the average brightness of the star varied by 0m. 18.
According to our observations, ∆V = 0m. 06 in 2000,
with the average brightness of the star being 8m. 33,
while ∆V = 0m. 14 in 2001, with 〈V 〉 = 8m. 32. The
variable reached its maximum brightness Vmax =
8m. 11 in 1980 [16]. In all our calculations for this
star, we will adopt this value for the unperturbed
photospheric brightness. The corresponding absolute
brightness of the unspotted star is MV = 3m. 69 for
the primary component. The color indices of MS Ser
derived from our observations and taken from the
literature do not vary significantly. The entire set of
photometric observations of the star indicate that the
variations of its UBRI brightness depend linearly on
the V brightness, as is characteristic of all BY Dra
stars [56]. The corresponding linear-regression co-
efficients for MS Ser are dU/dV = 1.08 ± 0.03,
dB/dV = 1.08 ± 0.01, dR/dV = 0.84 ± 0.03, and
dI/dV = 0.67 ± 0.02. Based on this linearity and
Vmax, we can easily estimate the color indices of
the unspotted star: U − B = 0m. 61, B − V = 0m. 97,
V − R = 0m. 69, and V − I = 1m. 19 for the primary.
The color indices and absolutemagnitude MV confirm
the spectral type K2IV determined by Osten and
Saar [13]; thus, MS Ser is an RS CVn rather than
a BY Dra star.
LQ Hya was observed by us in 1994, 1995, 1996,

1999, and 2001 [56, 57]. Over the entire time it
has been observed, the amplitude of its rotational
modulation has ranged from 0m. 04 in 1990 to 0m. 19 in
1987, with small variations of the average brightness
(by 0m. 10). The variation amplitude was ∆V = 0m. 14
in 2001, with the average brightness being 〈V 〉 =
7m. 90. A maximum brightness of Vmax = 7m. 77 was
reached in 1984 and 1991 [20, 31]; the corresponding
absolute magnitude of the unspotted photosphere is
MV = 6m. 44. Cyclicity of the brightness variations
of LQ Hya was suspected in [24, 30], described
by two characteristic time scales 6.75 and 11.4 yrs
[58] (solid curve in Fig. 1). The linear-regression
coefficients dU/dV = 1.29 ± 0.15, dB/dV = 1.10 ±
0.11, dR/dV = 0.74 ± 0.01, and dI/dV = 0.67 ±
0.01 yield color indices for the quiescent photosphere
U − B = 0m. 52, B − V = 0m. 90, V − R = 0m. 76, and
V − I = 1m. 32, corresponding to spectral type K2V .
VY Ari was regularly observed from 1991 to

2001 [37, 56, 59]. The amplitude of the rotational
modulation ranged from 0m. 02 in 1974 and 1987 [33,
36] to 0m. 28–0m. 30 in 1988–1989 and 1999 [36, 56,
59], with strong variations of the average brightness
by 0m. 27. In 2001, the variation amplitude was ∆V =
0m. 16, with the average brightness being 〈V 〉 = 6m. 94.
Photometrically, VYAri is one of themost active stars
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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Table 3. Linear polarization of the studied stars in the U band

Star, epoch 〈Px〉 Fvar, % ∆Px, % 〈Py〉 Fvar, % ∆Py, % Ps ∆φ

MS Ser, 1996 0.064 28.2 0.22 0.023 63.1 0.33 0.170 ± 0.016 0.25

MS Ser, 1997 0.077 99.6 0.48 0.046 87.4 0.48 0.241 ± 0.018 0.28

MS Ser, 2000 0.033 >99 0.74 0.192 88 0.60 0.380 ± 0.062 0.07

MS Ser, 2001 0.016 >99 0.67 0.279 >99 0.47 0.399 ± 0.039 0.25

LQ Hya, 2001 −0.150 99.7 0.30 0.157 99.6 0.23 0.284 ± 0.093 0.25

VY Ari, 2001 −0.089 >99 0.15 0.128 71 0.11 0.185 ± 0.014 0.45

EK Dra, 2001 −0.105 89 0.116 96 0.203 ± 0.015

Table 4.Models for the spottedness of MS Ser

Epoch ∆Vmax ∆V φ0 ∆φ fmin βV Smax, % Smin, % Reference

1980.5 0.00m 0.13m 41◦ 17◦ 0.00 0.11 11.0 3.7 [16]

1991.5 0.01 0.15 38 18 0.00 0.11 12.2 4.1 [18]

1994.5 0.06 0.18 24 18 0.05 0.11 12.1 4.5 [19]

1995.5 0.08 0.15 20 16 0.17 0.11 10.8 5.2 [19]

1996.3 0.13 0.05 19 11 0.63 0.13 8.8 7.0 [19]

1997.3 0.13 0.12 17 16 0.38 0.12 11.5 7.3 [19]

2000.3 0.19 0.06 16 15 0.68 0.12 11.6 9.6 Present study

2001.5 0.14 0.14 15 17 0.36 0.11 12.4 7.7 Present study
known [1]. It has been suspected of cyclic variability
on a characteristic time scale Pcyc ≈ 14–15 yrs [30,
40, 58]. The maximum brightness Vmax = 6m. 68 was
reached in 1986 [35], and the corresponding absolute
magnitude of the unspotted star is MV = 6m. 68. The
linear-regression coefficients for VY Ari dU/dV =
1.27 ± 0.04, dB/dV = 1.11 ± 0.02, dR/dV = 0.79 ±
0.03, and dI/dV = 0.64 ± 0.01 yield the color in-
dices for the unspotted photosphere U − B = 0m. 60,
B − V = 0m. 92, V − R = 0m. 72, and V − I = 1m. 33.
The absolute magnitude MV and the color indices
correspond to spectral type K3V.

For EK Dra, we obtained only scattered bright-
ness measurements in 2000 and 2001. The ampli-
tudes of the rotational modulation in these seasons
were 0m. 08 and 0m. 15, respectively, with the average
brightness being 〈V 〉 = 7m. 65–7m. 66 (Fig. 1). Over
the entire time the star has been observed, the am-
plitude of its rotational modulation has ranged from
0m. 02 in 1989 [39] to 0m. 12 in 1995 [46], accompa-
nied by variations of the average brightness by 0m. 15.
The maximum brightness Vmax = 7m. 48 was observed
in 1985 [39]. The corresponding absolute magni-
tude of the quiescent photosphere is MV = 4m. 89.
The linear-regression coefficients dU/dV = 1.33 ±
0.07, dB/dV = 1.31 ± 0.05, dR/dV = 0.88 ± 0.07,
and dI/dV = 0.79 ± 0.05 yield the color indices for
the unspotted photosphere U − B = 0m. 03, B − V =
0m. 60, V − R = 0m. 54, and V − I = 0m. 95. The abso-
lute magnitude MV and the color indices correspond
to spectral type G(2–3)Ve.

2.2. Linear Polarimetry

We carried out polarimetric observations of MS
Ser regularly in 1996 (nine nights), 1997 (nine
nights), 2000 (seven nights), and 2001 (six nights).
The results of the 1996 and 1997 observations were
published in [19]. In all seasons, the radiation of
MS Ser was weakly polarized in all bands. Variability
of the polarization was reliably detected in all bands in
2000, and in the UBV bands in 2001. The maximum
variability of the polarization was observed in the
U band. The variations of the Stokes parameters
in this band were 0.22% for Px and 0.33% for Py

in 1996, 0.48% for Px and 0.48% for Py in 1997,
0.74% for Px and 0.60% for Py in 2000, and 0.67%
for Px and 0.47% for Py in 2001. Figure 2 presents
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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Table 5.Models for the spottedness of LQ Hya

Epoch ∆Vmax ∆V φ0 ∆φ fmin βV Smax, % Smin, % Reference

1983.00 0.014m 0.075m 33◦ 12◦ 0.00 0.37 7.6 2.5 [20]

1984.05 0.020 0.076 32 12 0.00 0.36 7.8 2.6 [21]

1984.07 0.000 0.119 32 16 0.00 0.35 10.4 3.5 [20]

1984.95 0.020 0.088 31 13 0.00 0.36 8.6 2.9 [22]

1985.10 0.034 0.055 31 10 0.20 0.37 7.1 3.6 [22]

1985.23 0.022 0.072 32 12 0.03 0.37 7.7 2.8 [22]

1987.12 0.078 0.120 25 20 0.23 0.33 13.7 7.1 [24]

1987.27 0.053 0.189 24 25 0.03 0.31 16.1 5.8 [24]

1987.95 0.083 0.066 27 15 0.41 0.35 11.0 7.2 [25]

1989.20 0.110 0.080 25 18 0.45 0.34 13.4 9.1 [26]

1990.03 0.065 0.075 28 15 0.30 0.35 10.6 6.1 [24]

1990.16 0.056 0.047 30 11 0.39 0.37 8.3 5.3 [24]

1990.2 0.05 0.04 30 10 0.41 0.37 7.1 4.6 [27]

1990.29 0.042 0.063 31 12 0.22 0.37 8.6 4.4 [24]

1990.87 0.011 0.099 32 15 0.00 0.36 9.8 3.3 [24]

1990.96 0.012 0.114 31 16 0.00 0.35 10.5 3.5 [24]

1991.10 0.010 0.090 32 13 0.00 0.35 8.4 2.8 [31]

1991.15 0.010 0.060 34 9 0.00 0.37 6.1 2.0 [31]

1991.3 0.04 0.08 30 14 0.15 0.36 9.5 4.3 [28]

1991.36 0.014 0.154 29 21 0.00 0.34 13.5 4.5 [24]

1991.83 0.056 0.085 28 15 0.22 0.35 10.6 5.5 [24]

1992.05 0.029 0.133 28 19 0.00 0.34 12.0 4.0 [24]

1992.18 0.034 0.125 28 18 0.02 0.34 11.8 4.1 [24, 29]

1992.30 0.027 0.113 30 17 0.00 0.35 11.1 3.7 [24]

1993.0 0.03 0.10 30 16 0.03 0.35 10.2 3.7 [30]

1993.02 0.01 0.07 34 11 0.00 0.37 7.4 2.5 [70]

1994.0 0.01 0.12 31 17 0.00 0.35 10.9 3.6 [30]

1994.30 0.03 0.09 31 15 0.05 0.36 9.8 3.7 [30, 56, 57]

1995.0 0.08 0.08 27 17 0.35 0.35 11.9 7.2 [30]

1996.0 0.08 0.02 30 10 0.72 0.37 8.2 7.0 [30]

1997.0 0.06 0.06 29 13 0.34 0.36 9.3 5.6 [38]

1999.2 0.15 0.05 24 17 0.67 0.33 13.7 11.2 [57]

2001.1 0.06 0.14 26 21 0.12 0.33 14.3 6.2 [57]
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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the dependence of the degree of polarization P and
the polarization position angle θ on the phase of the
axial rotation of the star, together with its light curve.
The phase shift between the minimum brightness and
maximum degree of polarization was 0.25 in 1996 and
2001, 0.28 in 1997, and 0.07 in 2000, in fractions of
the period. Table 3 presents the polarimetric observa-
tions. For each epoch, we indicate the average Stokes
parameters Px and Py, the probability Fvar that a
given parameter was variable, and the amplitude of
its variations. Table 3 also contains the value Ps
introduced by Houvelin (the degree of polarization
averaged over all values differing from zero by more
than 2σ), which can be considered an estimate for
the maximum observed degree of polarization, and
the phase difference between theminimumbrightness
and maximum degree of polarization.

The linear polarization of LQ Hya was measured
in 2001. The star’s radiation is weakly polarized in all
bands. The Stokes parameters were confidently found
to be variable, with amplitudes of 0.30% for Px and
0.23% for Py . Figure 2c presents the dependence of
the degree and position angle of the linear polarization
of LQ Hya on the rotational phase, together with the
light curve. The rotational modulation of the polariza-
tion is evident; the phase shift between the maximum
degree of polarization and the minimum brightness is
0.25 of the period.

We carried out isolated measurements of the po-
larization of VY Ari in 1996–2000 (six nights) and
regular observations in 2001 (ten nights). Variability
was firmly detected in all bands, both season-to-
season variations for the isolated observations and
the rotational modulation of the Stokes parameters
in 2001. The amplitude of the rotational modulation
was 0.15% for Px and 0.11% for Py . The phase shift
between the maximum degree of polarization and
minimum brightness is about 0.45 of the period. Note
that, in all cases, the phase shift is consistent with
that expected for magnetized spots [60].

Measurements of the linear polarization ofEKDra
were obtained during seven nights in 2001. The radi-
ation of EK Dra is polarized in all bands; variability of
the Stokes parameters was also firmly detected. The
degree of the linear polarization is consistent with the
results of [51, 52] and substantially exceeds the values
obtained for the UBV observations of [50].

3. THE MODELING

Doppler mapping is currently considered the most
promising technique for mapping stellar surfaces.
However, this method has some shortcomings. It
is highly sensitive to errors in the rotational veloc-
ity v sin ι and to the set of spectral lines used. In
addition, it requires spectroscopic observations of
rapidly rotating (v sin ι > 15 km/s) stars with high
spectral resolution and large signal-to-noise ratio.
Therefore, unlike photometric techniques, Doppler
mapping imposes tight restrictions on the detectors
used and the selection of the program stars.

A cool spotted region on the surface of a binary
gives rise to a deficit of the radiation flux at the wave-
length λ in accordance with the formula

∆mλ = −2.5lg((1 − (aλI + bλJ)/(1 − uph/3))
(1)

× (1 − Xλ) + Xλ),

where
Xλ = L2/(L1 + L2), (2)

and L1 and L2 are the luminosities of the system’s
components at the given wavelength [61]. This rela-
tion contains two temperature parameters

aλ = 1 − uph
λ − (1 − usp

λ )βλ, (3)

bλ = uph
λ − usp

λ βλ, (4)

and two geometrical parameters: the area of the spots
projected onto the plane of the sky in fractions of the
visible disk of the star

I =
1
π

∫
cos α sin θdθdφ (5)

and the average cosine of the angular distance α
between the geometrical center of gravity of the spot
and the center of the stellar disk

J =
1
π

∫
cos2 α sin θdθdφ. (6)

In (5) and (6), we integrate over the visible part of
the spotted surface (θ and φ are the polar angle and
latitude of a point on this surface); uλ are the limb-
darkening coefficients and βλ is the ratio of the bright-
nesses of the spot and the quiescent photosphere. The
difference ∆mλ is measured relative to the brightness
of the unspotted photosphere.

To determine the area and temperature of the spot-
ted region, the brightness of the unspotted photo-
sphere and the relations between the brightness dif-
ferences ∆m at various wavelengths (derived from
observations) must be known; in addition, we must
initially assume a configuration for the spotted re-
gions.

3.1. The Zonal Model

Traditional algorithms inevitably yield large, high-
latitude spots in all stars, independent of their spectral
type and luminosity, in sharp contradiction of the
pattern displayed by sunspots. On the other hand,
Eker [62, 63] showed that the photometric effect of
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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Table 6.Models for the spottedness of EK Dra

Epoch ∆Vmax ∆V φ0 ∆φ fmin βV Smax, % Smin, % Reference

1983.5 0.005m 0.058m 53◦ 12◦ 0.00 0.07 7.9 2.6 [39,51]

1984.6 0.009 0.043 53 9 0.00 0.07 6.0 2.0 [39]

1985.5 0.000 0.062 55 14 0.00 0.07 9.4 3.1 [39]

1986.5 0.030 0.041 45 8 0.17 0.08 5.9 2.8 [39]

1987.5 0.053 0.048 45 12 0.29 0.07 8.7 4.9 [39]

1988.6 0.056 0.042 45 12 0.35 0.07 8.4 5.1 [39]

1989.29 0.079 0.030 44 12 0.57 0.07 9.1 6.9 [39]

1989.38 0.082 0.040 43 13 0.49 0.07 10.0 7.1 [39]

1989.45 0.085 0.020 44 11 0.69 0.07 8.7 7.3 [39]

1990.29 0.066 0.060 43 15 0.29 0.07 10.4 5.9 [39]

1991.08 0.087 0.020 43 11 0.70 0.07 8.6 7.2 [39]

1991.16 0.078 0.055 43 15 0.37 0.07 11.1 7.0 [39]

1991.28 0.082 0.060 42 16 0.37 0.07 11.5 7.2 [39]

1991.30 0.065 0.054 44 14 0.32 0.07 10.1 5.9 [39]

1991.35 0.063 0.084 43 18 0.17 0.07 12.6 5.9 [39]

1991.39 0.071 0.063 43 16 0.30 0.07 11.2 6.4 [39]

1991.44 0.077 0.040 43 13 0.48 0.07 9.6 6.7 [39]

1991.5 0.072 0.050 43 14 0.38 0.07 10.0 6.4 [45]

1992.12 0.063 0.055 44 14 0.30 0.07 10.0 5.8 [39]

1992.21 0.058 0.062 44 15 0.20 0.07 10.2 5.4 [39]

1992.29 0.042 0.080 45 17 0.05 0.07 10.9 4.2 [39]

1992.36 0.047 0.070 45 15 0.13 0.07 10.4 4.6 [39]

1993.09 0.030 0.069 47 14 0.00 0.07 9.3 3.1 [39]

1994.3 0.032 0.090 45 17 0.00 0.07 11.1 3.7 [30]

1995.2 0.027 0.100 45 19 0.00 0.07 12.0 4.0 [30]

1995.4 0.047 0.120 42 23 0.00 0.07 14.3 4.8 [30]

1995.5 0.057 0.110 41 21 0.07 0.07 13.6 5.3 [30]

1996.3 0.077 0.080 42 19 0.25 0.07 13.0 7.0 [30]

1997.0 0.067 0.100 41 20 0.14 0.07 13.5 6.1 [55]

1997.4 0.127 0.100 37 23 0.36 0.06 16.6 10.3 [55]

2000.4 0.13 0.08 38 22 0.44 0.05 15.7 10.6 Present study

2001.4 0.10 0.15 35 26 0.17 0.06 17.4 8.3 Present study
a circular polar spot is the same as that of a chain
of small spots homogeneously distributed in latitude.
Eaton et al. [64] demonstrated that the photometric
behavior of any star can be described using a large
number (5–40) of small, low-latitude spots.
ASTRONOMY REPORTS Vol. 47 No. 5 2003
Alekseev and Gershberg [1, 65, 66] showed that
a collection of spotted regions on a star can be
represented by two belts of spots symmetrically
placed relative to the equator, occupying regions with
latitudes from ±φ0 to ±(φ0 + ∆φ). Within the belts,
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the filling factor varies with longitude from unity (at
the phase of minimum brightness of the star) to fmin
(0 < fmin < 1) at the phase of maximum brightness.
We applied this zonal model to 25 active dwarfs with
various spectral types (G1Ve–M4.5Ve), rotational
velocities (4–25 km/s), and luminosities (MV =
4m. 80–12m. 24) [19, 56, 57, 59], and, in all cases,
obtained qualitative consistency with the pattern of
sunspots.

Tables 4–6 present the results of our zonal-
spottedness model calculations for the program stars.
The input variables for these models are the difference
between the seasonal brightness maximum and the
maximum brightness over the entire observation time
∆Vmax and the amplitude of the rotational modulation
of the brightness ∆V (the second and third columns
of the Tables). To take into account brightness vari-
ations in the other bands, we used the coefficients
dB/dV , dR/dV , dI/dV as input parameters. The
other two parameters were the temperature of the
stellar photosphere Tphot and the inclination of the ro-
tational axis ι. The results of themodel calculations—
φ0, ∆φ, fmin, and βV—are presented in columns 4–
7. These are used to derive the areas of the spots in
the darkest and brightest hemispheres Smax and Smin
(columns 8, 9), as percents of the total stellar surface.

In the modeling for MS Ser, we assumed the in-
clination of the rotational axis to be i ≈ 60◦ [19]. This
estimate was obtained from the star’s rotational ve-
locity v sin i = 15 km/s [13], radius R = 3.50R� [13],
and rotational period. The photospheric temperature
Tphot = 4600 K was derived from the V –R and V –
I color indices of the unperturbed photosphere and
coincides with the temperature determined in [13]. We
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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used a four-parameter model to describe the photo-
metric variability of the star, in which the distance
from the belts of spots to the equator φ0 varied from
15◦ to 41◦, the width of the belts ∆φ from 11◦ to
18◦, and the parameter fmin from 0.00 to 0.68. This
yields areas for the spotted regions that do not exceed
21% of the total stellar surface. The spotted regions
are rather cool: their contrast βV is 0.11, which cor-
responds to a difference between the temperatures of
the photosphere and spots of 1300 K.

To estimate the inclination i for LQ Hya, we used
the parameters of the star presented by Jetsu [24]—
R = 0.79R�, v sin i = 25± 2 km/s,Prot = 1d.601136—
and estimated Tphot using the color indices. The
resulting values i = 70◦, Tphot = 5000 K correspond
to the values used for Doppler mapping in other
studies [31, 67–71]. We were able to refine the
coefficients dB/dV , dR/dV , dI/dV using our 1996–
2001 observations and the data published in [29, 30,
38]; as a result, the latitude distribution of the spots
differs from that presented in [56].

Our model has four parameters, with the distance
φ0 from the equator to the belt of spots ranging from
24◦ to 34◦, the width of the belt ∆φ from 9◦ to 25◦,
and the inhomogeneity parameter fmin from 0.00 to
0.67. These geometrical parameters yield a total area
for the spotted regions of Smax + Smin, which reaches
22.5% of the total stellar surface. The spot contrast
βV ranges from 0.31 to 0.37, corresponding to spots
that are 800 K cooler than the photosphere [57]. The
combined areas of the spots are consistent with the
results obtained from light-curve modeling [31] and
Doppler mapping [31, 67–71]. The consistency for
the temperature difference between the spots and qui-
escent photosphere is worse. The light-curve model-
ing of [31] and Doppler mapping of [67–70] predict
spots that are 200 K warmer than ours, while the
Doppler mapping carried out by Berdyugina et al.
[71] and observations of the TiO band [72] yield spot
temperatures that are consistent with our estimates.
Our latitude distribution for the spots is in reason-
able agreement with the results of Doppler mapping,
which predicts middle- and low-latitude spots. How-
ever, the Doppler mapping also yields circumpolar
spots, which are not seen in our results. We compared
the average latitudes of our spots 〈φ〉 = φ0 + ∆φ/2
with the photometric periods determined by Jetsu [24]
and Strassmeier et al. [30, 31, 38]. This indicated
an increase of Pphot with increasing 〈φ〉, due to the
differential rotation of LQ Hya with Dr = 0.09.

The inclination ι and photospheric temperature of
VY Ari are presented by Strassmeier and Bopp [36].
Here, we continue the modeling of the spottedness of
the star carried out in [59], supplemented with data
obtained during the 2001.9 season. The best fit to
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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the photometric variability is provided by a model in
which φ0 ranges from 6◦ to 22◦ (in 2001, φ0 = 9◦), the
width of the belt of the spots ∆φ from 11◦ to 37◦ (in
2001, ∆φ = 21◦), and the parameter fmin from 0.00 to
0.91 (in 2001, fmin = 0.41). The maximum degree of
spottedness reaches 40.6% of the total surface of the
star. The spot contrast βV = 0.09–0.16 corresponds
to a temperature difference of 1260–1410 K [59]. The
temperature and combined areas of the spots are
consistent with the results of light-curve modeling
by Strassmeier and Bopp [36]. A comparison of the
average latitudes of the spots 〈φ〉 and the photometric
periods Pphot determined by Strassmeier et al. [30,
36, 38] reveals solar-type differential rotation with
Dr = 0.05.

When modeling the spottedness of EK Dra, we
used the axis inclination and temperature presented
by Strassmeier and Rice [55]. The photometric be-
havior of the star is also described by a four-parameter
model in which the distance from the equator to the
belt of spots is φ0 = 37◦–55◦, the width of the belt
is ∆φ = 8◦–23◦, and the inhomogeneity parameter
is fmin = 0.00–0.70 [56]. These values correspond to
the total area of the spots reaching 27% of the stellar
surface. The relative brightness of the spots βV is
0.07 of the photospheric brightness, which is close
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to the solar value. This corresponds to spots that are
∆T = 2200 K cooler than the adjacent photosphere
(also close to the effective temperatures of sunspots).
The latitude distribution of the spots is in poor agree-
ment with the Doppler mapping of [55], which, as
for LQ Hya, predicts the presence of circumpolar
features.

3.2. Polarimetry

Here, we will consider primarily the magnetic
mechanism for the creation of linear polarization,
since the effects of binarity and Thomson scattering
can be neglected for spotted red dwarfs. The first
calculations were carried out in [74–77], which as-
sumed that the degree of polarization depends linearly
on the size of the magnetized region. However,
Huovelin and Saar [60, 78] demonstrated that this
dependence becomes nonlinear for large regions. For
example, for a single circular region, the degree of
linear polarization is proportional to a factor A, which
depends on the area of the region roughly as

A(S) = −2.128 × 10−4 + 1.076S (7)

− 4.812S2 + 9.058S3 − 6.26S4.

They also calculated a grid of expected degrees of
polarization in the UBV RI bands for stars with tem-
peratures from 4000 to 5000 K and log g from 2.0 to
4.5. We used these results to estimate the parameters
of the magnetized regions.

Figure 3 presents the degree of polarization Ps for
the program stars in the UBV RI bands averaged
over all cases when it differs from zero by more than
2σ. The maximum possible degree of polarization for
a total spot area of S ≈ 24% is also plotted, derived
from the calculations of [78] for stars with the corre-
sponding spectral types and characteristic magnetic
fields of 2–4 kG. For MS Ser, LQ Hya, and VY Ari,
the observed degree of linear polarization in the V RI
bands is higher than expected theoretically. This sug-
gests the presence of a supplementary source of po-
larization, most likely the remnant of a circumstellar
disk. The observed B-band degrees of polarization
for all three stars are consistent with the maximum
theoretical value for S = 24%. For MS Ser, the U-
band degree of polarization in 1996 corresponds to a
filling factor for themagnetized regions of S = 6%, for
an area of dark spots roughly equal to 16%. In 1997,
the magnetic field occupied approximately 11% of the
stellar surface, while cool spots covered about 19%
of the surface; in 2000 and 2001, the magnetic-field
filling factor was S ≈ 24% and the total areas of cool
spots were 21% and 20% of the surface, respectively.
For LQHya, the U-band degree of polarization corre-
sponded to a filling factor of S = 17%, for a total area
of the spots of 20%. For VY Ari, S = 63%, with the
area of the spots ranging from 20 to 40% of the total
stellar surface.

The observed degree of linear polarization of
EK Dra drastically exceeds the expected values.
However, Elias and Dorren [51, 52] noted that the
detected polarization is not associated with the pho-
tometric behavior of the variable and cannot be due
to the magnetic mechanism. One possible additional
source of polarization is the presence of circumstellar
matter.

Thus, our polarization observations are consistent
with our estimates for the area of the spotted regions
on the surfaces of the studied stars: the magnetic-
field filling factors are roughly equal to the total areas
occupied by the spots.

4. CONCLUSIONS

We have presented the results of simultaneous
photoelectric and polarimetric UBV RI observations
of the four active spotted stars MS Ser, LQ Hya,
VY Ari, and EK Dra.

(1) Our photometric observations substantially
add to previously existing data on the long-term
variability of these stars. Our observations of LQHya,
EKDra, and VYAri are consistent with the previously
suspected cycles of activity in these stars. We have
estimated the absolute magnitudes of all the studied
stars and the color indices of their unspotted photo-
spheres, which we identify with the brightest state of
the stars. We have also refined the position of the stars
in the color–luminosity diagram. The classification of
MS Ser suggested by Osten and Saar [13] has been
confirmed.

(2) We have modeled the spottedness of the stars
based on all previously published and our new photo-
metric observations. Our four-parameter zonal model
describes the photometric variability of the stars with
sufficient accuracy. The total area of the spots on
MS Ser, LQ Hya, VY Ari, and EK Dra reaches 21,
22, 41, and 27% of the total stellar surfaces, with the
difference between the temperatures of the quiescent
photosphere and the spots being 1300, 800, 1300,
and 2200 K, respectively. These results are consistent
with those obtained by other authors from light-curve
modeling, Doppler mapping, and observations of the
TiO band.

(3) The spots on all the stars are located at middle
latitudes. For LQ Hya and EK Dra, this is consis-
tent with the results of Doppler mapping, which pre-
dict the presence of middle- and low-latitude spots.
However, circumpolar spots can yield the same re-
sults for these stars, in contradiction with both our
calculations and the pattern displayed by sunspots.
Our latitude distributions for the spots on these stars
ASTRONOMY REPORTS Vol. 47 No. 5 2003
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are in good agreement with theoretical modeling of
ascending magnetic flux tubes [79, 80]. The agree-
ment between the Doppler-mapping results and our
calculations is much poorer [55].

(4) A comparison of the average latitudes of spots
on LQHya and VYAri with their photometric periods
indicates that both stars display solar-type differential
rotation with Dr = 0.09 and Dr = 0.05, respectively
(for the Sun, this factor is approximately 0.19).

(5)We have reliably detected weak linear polariza-
tion and rotational modulation of the Stokes parame-
ters for three stars—MS Ser, LQ Hya, and VY Ari—
for the first time, presumably due to the magnetic
fields associated with the spotted regions. Our es-
timates of the magnetic-field filling factors indicate
that the areas occupied by magnetized regions are
in agreement with those covered by dark spots in
the same seasons. Note, however, that the magnetic-
field filling factors may be underestimated. We used
estimates obtained for a single circular spot, whereas
the zonal distribution of the magnetic field may yield a
substantially different result. In addition, the magne-
tometric observations of Saar [35, 81] yield substan-
tially larger filling factors for LQHya andVYAri (50–
70%).

(6) The maximum observed V RI polarization of
MS Ser, LQ Hya, and VY Ari and the observed
UBV RI polarization of EK Dra exceed the theoret-
ical values expected for Zeeman polarization models.
This is probably due to the presence of a supplemen-
tary source of linear polarization, such as the remnant
of a circumstellar disk.

(7) We have compared our estimates for the max-
imum observed degree of polarization Ps in the U
band for MS Ser, LQ Hya, and VY Ari with ob-
servations of ten solar-type red dwarfs carried out
using the same equipment and a similar technique
by Huovelin et al. [10]. Our results are consistent
with the dependences of the degree of polarization
on spectral type and Rossby number (Fig.4) derived
in [10]. The observed degree of linear polarization Ps

tends to increase toward cooler stars, in agreement
with the analogous dependences found by Piirola [4]
and Tinbergen and Zwaan [5]. An increase of Ps

with decreasing Ro (i.e., with increasing magnetic
activity) is also observed. In the Zeeman polarization
model, these dependences apparently reflect the well-
known relations between the strength and filling fac-
tor of local magnetic fields and the global parameters
of stars.
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