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Abstract—It is shown that Einstein–Rosen bridges (wormholes)—hypothetical objects that topologically
connect separate locations in the Universe—can be static solutions of the Einstein equations. The
corresponding equations for bridges are reduced to a form convenient for their analysis and numerical
solution. The matter forming the bridge must have a sufficiently hard and anisotropic equation of state. Our
results are compared with a previously known analytic solution for a bridge, which is a special case of the
general solution in the framework of general relativity. The deflection of photons by the bridge (gravitational
lensing) is studied. c© 2004 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

In recent years, there have been an increasing
number of publications in relativistic astrophysics
devoted to so-called “wormholes.” Another term for
these objects proposed by Einstein and Rosen [1] in
1935 is “bridge.”
There are several different definitions of bridges,

depending on the presence or absence of event hori-
zons in them. A common feature of all these defi-
nitions is that the bridge connects two asymptoti-
cally flat spatial regions. The location of such a con-
nection is the bridge, and its central part is called
the bridge’s throat (Fig. 1). Spacetime is strongly
curved near the throat. We shall consider here only
traversable Lorentzian wormholes, i.e., those through
which physical bodies can pass. Consequently, there
must be no event horizons in such bridges.
As was proved long ago [2], bridges can be con-

structed in general relativity only from matter with
exotic equations of state (for more details, see below).
Such matter has not been found in the Universe thus
far. Therefore, bridge solutions were first sought in al-
ternative theories of gravity, such as the Brans–Dicke
theory and theories involving quantum-gravitational
effects.
Despite all these problems, bridges have been at-

tracting increasing interest. This is due, in our view,
to the following four factors.
(1) The existence of dark matter, which may obey

an unusual equation of state.
(2) Bridges could be real and observable astro-

physical objects, such as black holes, whose existence
was likewise long rejected by many scientists.
1063-7729/04/4807-0525$26.00 c©
(3) Huge progress in computer modeling of mul-
tidimensional structures has made it possible to
solve numerically many problems in relativistic as-
trophysics. Most of these problems cannot be solved
using analytic methods because of their extreme
complexity.
(4) There have been serious discussions of solu-

tions of the equations of general relativity containing
time loops, which imply the existence of time ma-
chines (see, for example, [3]).
We shall not discuss here speculations based on

the fourth factor. Our aim is to present the basic ideas
of the physics of bridges and their direct relationship
to the theory of gravity and black-hole physics. The
bridges will be considered in a general-relativistic
treatment.

2. SPHERICALLY SYMMETRIC SYSTEMS

Analytic studies can be carried out most easily for
spherically symmetric systems, for which all quan-
tities depend only on time and radius. The form of
the solutions of the equations of general relativity
does not depend only on the symmetry of the system.
Nevertheless, even in cases with the simplest central
symmetry, exact solutions have been obtained for only
a few cases. These are the case of dust matter (the
pressure is equal to zero) and of the vacuum con-
densate (the pressure is the negative of the energy
density). It is assumed in inflationary cosmological
models that this latter equation of state was dominant
for matter in the initial stage of development of the
Universe after the Big Bang (a de Sitter universe) [4].
In more realistic cases, for example, when the

pressure is proportional to the energy density with a
2004 MAIK “Nauka/Interperiodica”
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Fig. 1. Spherically symmetric bridge connecting two
parts of the Universe (top panel) and a nonspherically
symmetric “door-handle” bridge connecting two distant
parts of the same Universe (bottom panel).

positive coefficient (in particular, an ideal photon gas
is described by the equation of state with a coefficient
of 1/3), we have no exact solutions, and only numer-
ical solutions are available. Moreover, even for the
simplest models in which all quantities depend only
on radius, exact solutions have been found for only a
few cases.

An illustrative example of static solutions are ordi-
nary stars and planets. However, in reality, they obey
a fairly sophisticated nonlinear equation of state. As
a result, only numerical solutions can be obtained for
these objects in a general-relativitistic treatment.

The spherically symmetric metric in general rela-
tivity can be written as

ds2 = exp(ν)dt2 − exp(λ)dr2 − r2dΩ2. (1)

Here, ν = 2φ is twice the red (or violet) shift; φ =
(∆f)/f ; f is the photon frequency at infinity, near the
source; and dΩ2 is an element of solid angle.

In the general case, the energy–momentum ten-
sor in comoving matter with a spherically symmetric
distribution has the form1

4πT 0
0 = ε, 4πT 1

1 = −P||, (2)

4πT 2
2 = 4πT 3

3 = −P⊥.

It is convenient to describe motion in the spherically
symmetric field using the function V 2, which is the

1We use the theoretical system of units in which the speed of
light is c = 1 and the gravitational constant isG = 1.
square of the invariant velocity of the particle with
respect to the spheres r = const:

V 2 =
(
dr

dt

)2

eλ−ν . (3)

A more detailed definition of V 2 is presented in [5].
When a falling particle reaches an event horizon, the
velocity V reaches unity. The corresponding element
of the interval ds is zero, so that V 2 is an invariant
at the horizon; i.e., it does not depend on the choice
of coordinate system. In the case of free fall (along
geodetic trajectories), V 2 = 1 − eνconst. In the non-
relativistic limit, the definition of V 2 coincides with
the usual definition of the velocity.
For the collapse of dust matter or a Schwarzschild

black hole (P|| = P⊥ = 0), we obtain

ds2 = (1 − rg/r)+1dt2 (4)

− (1 − rg/r)−1dr2 − r2dΩ2,

V 2 = [(R0/r) − 1] / [(R0/rg) − 1] .

Here and below, R0 is the initial value of the r coor-
dinate for the falling particle and the event horizon is
defined by V = 1.
For an inflating de Sitter universe (P|| = P⊥ =

−ε), we obtain

ds2 = (1 − r2/a2
H

)+1dt2 (5)

− (1 − r2/a2
H

)−1dr2 − r2dΩ2,

V 2 =
[
(r/R0)2 − 1

]
/
[
(a

H
/R0)2 − 1

]
.

Here,H ≡ 1/a
H
is the Hubble constant.

3. BRIDGES

The relation between the circumference of a circle
and its radius is violated in curved space. Therefore,
to avoid misunderstanding, let us introduce the fol-
lowing new coordinates. Let us choose some point
in space as a central point. Next, we draw rays from
this point in all directions. Distance along the rays
will be measured by the coordinate l, and distance
in the perpendicular direction, by the coordinate r.
Therefore, the circumference will be (by definition)
2πr, while the distance from the center of the circle
to its boundary will be (by definition) l.
In such coordinates, expression (1) for a static

case takes the form
ds2 = exp(2φ)dt2 − dl2 − r2dΩ2. (6)

In a curved space, r �= l. To illustrate this fact, let
us put a small mass (for example, a planet such as
the Earth) at the center of the system. Here, “small
mass” implies a body whose Newtonian gravitational
potential at its surface is much less than the square of
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Fig. 2. The dependence of l on r for various values of the
Newtonian potential ϕg at the surface of a body (r = 1):
(1) ϕg = 0.1 (nearly coincident with the straight line l =
r corresponding to ϕg = 0), (2) ϕg = 0.5, (3) ϕg = 0.9,
and (4) ϕg = 0.99.

the speed of light. For the Earth, this potential is ϕg ∼
10−9; for the Sun, ϕg ∼ 10−5; and for a pulsar, ϕg ∼
0.5. The dependence of l on r is illustrated by the plots
in Fig. 2. This curving of spacetime by gravitating
matter was predicted by Einstein and subsequently
confirmed by numerous experiments.
As the central body becomes heavier, it curves

space more strongly and stretches it along the radii.
When a certain limit is achieved, the space is curved
so strongly that a black hole is formed. What are
the limiting objects just before the formation of black
holes, and are black holes always formed?
One well-known limit is a neutron star (pulsar),

whose mass is of the order of a solar mass and whose
radius is about ten kilometers; the average density of
matter in the neutron star is approximately equal to
the density of an atomic nucleus, ∼1013 g/cm3.
The aforementioned curvature of the space is neg-

ligible for normal stars and planets and is important
only for neutron stars (see curve 2 in Fig. 3).
The limiting curvature occurs when the inclination

of the curve l(r) with respect to the r axis increases
from 45◦ (the uncurved geometry) to 90◦ (the most
curved geometry). In this case, we obtain a zero in-
crement in r for a nonzero increment in l. In Fig. 2,
curve 4 with ϕg = 0.99 is closest to this situation (as
follows from calculations, this limit is not actually
reached: the star collapses before this occurs, when
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Fig. 3.Dependence of the following quantities for bridges
on the equation of state (namely, on w = w|| = −w⊥):
(1) r0/rg , (2) rl/rg , (3) φmax. The left-hand (unshaded)
side of the plots corresponds to the physical region ε > 0,
and the right-hand (shaded) side, to the unphysical region
ε < 0.

ϕg ∼ 0.5). After the collapse of a star to a black hole,
l becomes imaginary after it passes the singularity
indicated above. This is not a physical but a coor-
dinate singularity at the black-hole event horizon,
which can be avoided by an appropriate coordinate
transformation. The condition V = 1 can serve as the
invariant definition of the horizon [see (3)].
There is also an alternative to the curving of phys-

ical space by a black hole. Above, a decrease in l was
accompanied by a decrease in r. If there is a black hole
at the center of the system, the coordinate l becomes
imaginary at its event horizon. However, there are
static solutions in general relativity in which, after
passage of the singularity, r again begins to increase
as l is decreased. Such solutions can correspond to
bridges.
Let us present here the definition of a bridge that

has been adopted in a number of studies (for example,
[6, 7]):
(1) A bridge must have a region where r reaches

a local minimum, r0. This region is called the throat
of the bridge, and r0, the throat radius (Fig. 1). This
is the main difference between a bridge and any other
body.
(2) There must be no event horizons in the bridge;

i.e., bodies falling into the bridge must not reach the
speed of light (V < 1) and, consequently, they should
be observable for an external observer.
(3) Bodies can pass through the bridge throat in

both directions.
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Fig. 4.Probable dependence of r on l in a bridge during its
detachment. The numbers 1 to 5 correspond to successive
times in the bridge’s evolution.

Geometry can be different on the opposite sides
of the bridge throat. We shall consider from here on
only spherically symmetric static solutions for bridges
obeying the equation of state

P|| = w||ε, P⊥ = w⊥ε. (7)

Here, w|| and w⊥ are constant parameters, and the
energy density ε must not be negative. Such matter
is, of course, idealized, but it enables us to study
analytically many important features of bridges.
The matter forming such bridges should have ex-

otic properties, since the allowed range of w|| and w⊥
is restricted by the inequality (see Appendix 1)

ε > 0, −2w⊥ < w|| < −1. (8)

We can see that, in order for a bridge to exist, the
signs of w|| and w⊥ must be opposite. Therefore,
the equation of state must be substantially hard and
anisotropic.
The massm and gravitational radius rg of a bridge

are defined in the same way as for any other body, via
the field asymptotics at infinity:

lim
r→∞

exp(−λ) = 1 − rg/r, m = rg/2. (9)

In addition to its mass, a bridge is characterized by
two dimensions: its length and width. The bridge
width can be identified with the size of its throat r0.
The bridge length can be reasonably related to the
physical characteristics of a body passing through the
bridge, for example, the change in the red (or violet)
shift of the signal received from this body. Therefore,
let us define the bridge length rl to be the distance
between the points at which the red (or violet) shift
from a body at rest is half its maximum value. In the
spherically symmetric case, the ratios r0/rg and rl/rg

depend only on the equation of state of the bridge.
Figure 3 presents the dependences of the ratios r0/rg

and rl/rg on w = w|| = −w⊥ obtained numerically
(see Appendix 1). The first diagram in this figure
clearly shows why bridges exist only when w < −1:
the function r0/rg tends to zero as w → −1. There-
fore, the radius of the throat decreases to zero, and
passage to another part of the Universe is no longer
possible.

4. FORMATION AND EXISTENCE
OF BRIDGES

The question of the formation (and, in general, the
existence) of bridges remain open, and two scenarios
are possible.
1. The trivial scenario: bridges were formed dur-

ing the birth of our part of the Universe and still
exist, preserving the global topology (geometry) of
the Universe. This is the only way to form bridges
connecting two different parts of our Universe (like a
door handle), since the modern geometrical theorems
of general relativity forbid the disruption of such a
topology [7].We cannot currently answer the question
of how this topology was created, since Einsteinian
gravitational theory cannot be applied to the birth of
the Universe (quantum gravity, which remains in-
completely developed, must be used).
2. The dynamic scenario: bridges could be formed

instead of black holes as “branches” in the process of
evolution of the Universe. This process of detachment
is drawn schematically in Fig. 4. First, the matter
(accumulated due to self-gravity) curves space. Next,
the amount of matter becomes sufficient to curve the
geometry to the limiting value at some radius (Fig. 2).
Thematter then begins to inflate the space behind this
radius, similar to the inflation of space by the vacuum
condensate in the observed expanding Universe (as
a consequence of negative pressure). There must be
no event horizons anywhere. The resulting branch
evolves by itself, expands, and forms a new part of the
Universe, connected to our part of theUniverse by the
throat of the bridge.

5. OBSERVATION OF BRIDGES

The simplest way to detect a bridge is to observe
some objects (e.g., stars) through its throat. If the
geometry of the Universe is different on the opposite
sides of the throat (see Appendix 2), the rate of flow
of time will also be different. As a result, photons
passing the bridge’s throat will experience a red (or
violet) shift. An important problem with this method
is to discriminate such shifts from Doppler shifts due
to the source motion.
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Fig. 5. Deflection of photons by a bridge with w = −2. The trajectories of photons deflected through an angle ∆ϕ from the
initial direction are plotted. The trajectories start at l = −32r0, ϕ = −π. Trajectories passing through the throat at small
impact parameters (h < hcr ≈ 2.621r0) and terminating at l → +∞ are shown in the left-hand panel. Trajectories not passing
through the throat (h > hcr) and terminating at l → −∞ are shown in the right-hand panel. The numbers near the ends of
the curves indicate the impact parameters (in units of r0). The coordinates l‖, l⊥ denote the equatorial plane of the photon
scattering (l‖ = |l| cos ϕ, l⊥ = −|l| sin ϕ).
Another method is based on the idea that the
photons in light signals passing through the throat
of a bridge should experience a deflection; i.e., they
should undergo lensing by the curved geometry of the
space (see, for example, [9]). Let us define the impact
parameter h for a photon deflected by a bridge to be
h = L/E, the ratio of the angular momentum and
energy of the photon at infinity.
There are two type of lensing (see Appendix 3).
1. The photon does not pass through the throat,

and so always remains in the same part of the Uni-
verse. This situation takes place for photons that have
sufficiently large impact parameters (in comparison
with the throat radius) and are deflected by the gravi-
tational lens.
2. The photon passes through the throat to another

part of the Universe. This situation takes place for
photons having sufficiently small impact parameters
(compared to the throat radius). One characteristic
feature of this effect is that the deflection of the pho-
tons is given by the formula for a thin converging lens
whose focal distance is approximately equal to the
throat radius. In the case of other gravitating centers,
these photons would be absorbed by the surface of the
body.
The calculated photon trajectories for a bridge

with w = −2 are presented in Fig. 5. If the impact
parameter is close to the critical value hcr, the pho-
tons can be deflected through large angles (greater
than 2π) by the bridge. Note that photons passing
through the throat inevitably intersect the center of
ASTRONOMY REPORTS Vol. 48 No. 7 2004
the bridge; i.e., the point l = 0. There is no singularity
at this point, since the value l = 0 corresponds to a
sphere of finite radius r0.
Since the photon impact parameter does not

change and corresponds to a location in the bridge’s
throat (relative to its center) from which we can
observe the light of a star from another part of
the Universe, the impact parameter can be used to
determine the deflection angle of the photon on its
way to the observer. In fact, this is a method to
determine the coordinates of stars in that part of the
Universe.

6. DISCUSSION

Not only photons but also physical bodies can pass
through a bridge. The main obstacles to this are tidal
forces, which disrupt bodies inside black holes and in
the orbits of compact stars (such as neutron stars).
The tidal forces depend on the curvature of space and
the size of the body. Therefore, they coincide in order
of magnitude with the corresponding forces in black
holes of the same mass. The tidal forces affecting a
body of mass µ and size d are proportional to the
derivative of the gravitational forces. For black holes,
the tidal forces are equal to µc2d/r2

g at the event hori-
zon. In order of magnitude, the same forces should
act in bridges. If a bridge possesses a sufficiently
large mass, then not only macroscopic objects but
also stars, such as the Sun, can pass through its
throat without disruption. This should be the case for
bridges with masses of a few billion solar masses (as
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in some quasars). A personwould not feel the passage
through such a bridge, because the tidal forces would
be extremely small.

7. CONCLUSIONS

Our main conclusion is that bridges can be real
objects which are described by Einstein gravitational
theory in a self-consistent way and can be distin-
guished from other celestial bodies by observations.
The equation of state of the matter in traversable

bridges described by general relativity must be sub-
stantially hard and anisotropic [see (8)].
Gravitational lensing by bridges is fundamentally

different from lensing by other bodies, and precisely
these differences can be used to identify bridges and
study their properties (as well as the properties of
the part of the Universe on the opposite side of the
bridge).
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Appendices

1. NUMERICAL SOLUTION

The Einstein equations corresponding to (6) and
(7) are [9]

2εr2 = −2r′′r + (1 − r′
2), (10)

2w||εr
2 = 2rφ′r′ − (1 − r′

2), (11)

2w⊥ε = φ′′ + φ′2 + (φ′r′ + r′′)/r. (12)

These equations lead to the following expression
(which can be derived most easily from the equality
T k

l;k ≡ 0):

w||(ln ε)′ = (w⊥ − w||)(ln r2)′ (13)

− (1 + w||)φ
′.

Here, a prime denotes a derivative with respect to l,
which is related to r as

dl = ±
√

exp(λ)dr, (14)
l(r) = ±
r∫

r0

√
exp(λ)dr,

r(l) = r0 ±
l∫

0

√
exp(−λ)dl.

Here and below, the upper and lower signs correspond
to positive and negative values of l, respectively. The
new constant r0 appearing here is defined as the
minimum of the function r(l): r′(0) ≡ 0.

Let us introduce the new functions

a(l) ≡ r(1 − eν), (15)

b(l) ≡ r0 +

l∫
0

2εr2r′dl,

in which case (10) can be rewritten as

b′ ≡ 2εr2r′ =
[
r(1 − r′

2)
]′

. (16)

Definitions (14) can be rewritten as

(r′)2 = exp(−λ) = 1 − b/r, (17)

l = ±
r∫

r0

(1 − b/r)−1/2 dr.

Consequently, metric (6) will take the form

ds2 = (1 − a/r)dt2 (18)

− (1 − b/r)−1dr2 − r2dΩ2.

Equation (11) can be rewritten as

w||b
′ ≡ 2w||εr

2r′ = 2(r − b)φ′ − r′b/r. (19)

In order for the quantities a and b (corresponding to
twice themass of the system) to be limited, the energy
density ε(r) must tend to zero at infinity faster than
const/r3. The left-hand side of (19) then tends to zero
as r → ∞ faster than the right-hand side and can,
therefore, be neglected. In this limit, φ′ → ar′/(2r2).
Consequently, a and b tend to the same limit, which
is twice the mass of the system or its gravitational
radius:

lim
r→∞

a = lim
r→∞

b = 2m = rg. (20)

Since b(l = 0) = b0 = r0 and lim
r→r0

(r′) ∝
√
r − b,

Eq. (19) gives

ε0 = − 1
2w||r

2
0

. (21)
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Further, we can exclude the variable l from (13), (15),
and (19) by substituting r. Using the new variables

x = r/r0, y = b/b0, (22)

ξ = ε/ε0,

the resulting equations can be reduced to the integral
form

y(x) = 1 − 1
w||

x∫
1

ξx2dx, (23)

ξ′(x) = ξ

[(
w⊥
w||

− 1
)

2
x

(24)

+
1
2

(
1
w||

+ 1
)

ξx− y/x2

1 − y/x

]
,

ξ(x) = 1 +

x∫
1

ξ′dx, (25)

exp(φ) = exp(φ0)ξ
− 1

1/w||+1x
2

w⊥/w||−1

1/w||+1 . (26)

The factor exp(φ0) can be derived from the equality
exp(φ(+∞)) = 1. These equations are closed and
very convenient for numerical integration.
The parameters w|| and w⊥ must satisfy two re-

quirements. The first was already noted before: the
restriction on the total mass of the system. This con-
dition leads to the inequality xξ′/ξ < 3 and, as can
easily be derived from (24),

2w⊥/w|| < −1. (27)

The second requirement is associated with the inte-
grability of Eq. (17) for l: the absence of an event
horizon in the system. Since y(1) = 1, the inequality
[y(x)/x]′ ≤ 0 must be satisfied at the point x = 1.
This leads to the second condition2 :

1/w|| < −1. (28)

Conditions (27) and (28) taken together lead to the
two possible cases for the range of w|| and w⊥.

The first case is physical and is represented by
inequality (8).
The second case is

ε < 0, 0 < w|| < −2w⊥. (29)

This case is of less practical interest, since it supposes
the existence of matter with negative energy density.

2 In general, the exact equality also corresponds to a static
solution, but, in this case, it follows from (19) that this
solution possesses an event horizon, 2φ = ln(1 − b/r); i.e.,
it cannot represent a bridge.
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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However, we were able to obtain an analytic solution
for a bridge when w|| = −w⊥ = 1 (see below).
It has not yet been possible to find an analyti-

cal solution for a bridge in the first case, but solu-
tions have been obtained numerically (for example, for
w|| = −w⊥ = −2, Fig. 6). This case is of the most
interest, since a positive energy density corresponds
to positive masses. (It is quite unclear what negative
mass is and to what type of matter it corresponds.)
Equations (23)–(25) can be transformed from in-

tegral to differential form. This is the most convenient
form when w = w|| = −w⊥. Equations (23)–(25) are
transformed to the single nonlinear equation for y(x)

2(x− y)(xy′′ + 2y′) (30)

+ (1 + w)(xy′2 + yy′/w) = 0.

The solution of this equation that is finite at infinity
can be written as the series

y(x) =
∞∑

n=0

Cn/x
n,

∞∑
n=0

Cn = 1. (31)

This expression yields the following three exact solu-
tions for the static equations of general relativity.
1. The Schwarzschild solution for a black hole:
w is arbitrary, because ε = 0, y = 1 or (32)

b = rg = r0.

2. The Reissner–Nordstrom solution for an elec-
trically charged black hole [11, 12]:

w = −1, y = C0 + C1/x or (33)
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b = rg −Q2/r,

where Q is the electric charge.
These solutions can easily be verified using formu-

las (17)–(19).
3. The exact analytic solution for a bridge in the

case w = 1 takes the form
w = +1, yw=1 = 1/x or b = r2

0/r. (34)

This solution is described in detail in the next Ap-
pendix.

2. ANALYTIC SOLUTION

The metric of the well-known solution for a stable
macroscopic bridge [6] is (w = w|| = −w⊥ = +1)

ds2 = (1 − 2η/R)m/ηdt2 − (1 − 2η/R)−m/ηdR2

(35)

− (1 − 2η/R)1−m/ηR2dΩ2.

Here, η2 = m2 + q2 are the mass and charge of the
bridge. The metric (35) reduces to the Schwarzschild
metric if the charge is zero.
By substituting for the coordinate R, this metric

can be reduced to real form in the entire space for
η2 < 0:

ds2 = exp(−2m/R̃)dt2 (36)

− exp(2m/R̃)
[
dR2 + (|η|2 + R2)dΩ2

]
.

Here, cos2(|η|/R̃) = R2/(|η|2 + R2).
Using the coordinate transformation r2 = (|η|2 +

R2) × exp(2m/R̃), the metric can be expressed in
terms of the coordinate r:

ds2 =
|η|2 + R2

r2
dt2 − |η|2 + R2

(R−m)2
dr2 − r2dΩ2. (37)

The corresponding derivative takes the form

dr

dR
=

(r/|η|)(R/|η| −m/|η|)
1 + R2/|η|2 . (38)

We can now find a relation between R and l:
l = R−m at r = rmin. (39)

The corresponding right-hand sides of the Einstein
equations take the form

2ε = 2P|| = −2P⊥ =
q2

r2(R2 − η2)
< 0. (40)

If η is imaginary, the coordinate r has a minimum,
corresponding to the bridge’s throat. The bridge is
completely defined by the quantities

r = |η|
√

1 + R2/|η|2 (41)

× exp {(m/|η|) [π/2 − arctan(R/|η|)]} ,
φ = (−m/|η|) [π/2 − arctan(R/|η|)] ,
b/r =

(
1 + 2mR/|η|2 −m2/|η2|

)
/(1 + R2/|η|2),

V 2 = 1 − exp{(2m/|η|)[arctan(R/|η|)
− arctan(R0/|η|)]}.

We can see that this solution is symmetric about the
throat only in the case of zero massm (Fig. 7). In this
case, the expression for b coincides with (34).

3. DEFLECTION OF PHOTONS
BY THE FIELD OF THE BRIDGE

To calculate a photon trajectory in the gravita-
tional field of a bridge, we use the theory described in
[10, § 101]. A photon eikonal in the equatorial plane
of a centrally symmetric field will take the form

Ψ = −Et + Lϕ + Ψl, (42)

where E and L are the conserved energy and angular
momentum of the photon, Ψl(l) is the radial part
of the eikonal, and ϕ is the azimuthal angle in the
equatorial plane. The Hamilton–Jacobi equation for
this eikonal is

e−ν(∂tΨ)2 − (∂lΨ)2 − (∂ϕΨ)2/r2 = 0. (43)

We thus obtain

Ψl =
∫ √

E2/(1 − a/r) − L2/r2dl, (44)

t− t0 =

l∫
l0

E/(1 − a/r)dl√
E2/(1 − a/r) − L2/r2

, (45)

ϕ− ϕ0 =

l∫
l0

(L/r2)dl√
E2/(1 − a/r) − L2/r2

. (46)

Let the photons be emitted in that part of the
Universe characterized by negative values of l. Then,
these photons enter our part of the Universe (with
positive values of l) when they pass through the
bridge. We obtain from the previous three expressions

∂tl = ±
√

(1 − a/r) − (1 − a/r)2h2/r2, (47)

∂tϕ = h(1 − a/r)/r2,

∂tr = ∓(1 − a/r)
√

(1 − b/r)((1 − a/r)−1 − h2/r2).

Particular attention should be paid here to the signs±.
The equation for the trajectory ϕ(r) is obtained

by integrating over the radius r. The sign of the in-
tegrand changes together with the changing sign in
(47) when the point of minimum radius is passed. In
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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the limiting case of infinite initial and final radii, the
change of the angle ϕ is

∆ϕ (48)

= 2

∞∫
rmin

h

r2
√

(1 − b/r)((1 − a/r)−1 − h2/r2)
dr.

This expression can be integrated in explicit form in
two important limiting cases:
(1) h � r0, h � a, h � b is the case when the

impact parameter is sufficiently small that the photon
can pass through the throat. In this case, rmin = r0

and the h2/r2 term in the denominator of (48) can be
neglected. Assuming that a and b are constant, we
obtain

∆ϕI =
2h
b

{
1 −

√(
b

r0
− 1

) (
a

r0
− 1

)
(49)

+
b− a

2
√
ab

× ln

[
(
√

b(a− r0) +
√

a(b− r0))(
√
b−√

a)
(
√

b(a− r0) −
√

a(b− r0))(
√
b +

√
a)

]}
.

This formula is analogous to that for a converging
thin lens.
(2) h � r0, h � a, h � b is the case when the

impact parameter is sufficiently large that the pho-
ton does not pass through the throat. In this case,
a ≈ b ≈ rg is a constant and rmin is determined by
the equation r2

min + armin − h2 = 0. Neglecting terms
quadratic in a/h and b/h and substituting the variable
z = r − b/2, we obtain zmin ≈ h− (a + b)/2,

∆ϕII = π +
a + b

h
. (50)
ASTRONOMY REPORTS Vol. 48 No. 7 2004
This expression coincides with the usual formula for
the gravitational lensing of photons when a = b = rg .
When a photon trajectory corresponds to the first

or second cases depends on the value of the impact
parameter compared to the critical value defined by
the equation

re−φ = hcr = min or 1 − rcrφ
′(rcr) = 0. (51)

For example, for a bridge with w = −2, one can find
numerically that hcr ≈ 2.621r0.
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Abstract—We analyze models for quasi-stationary, ultraluminous X-ray sources (ULXs) with luminosi-
ties 1038–1040 erg/s exceeding the Eddington limit for a ∼1.4 M� neutron star. With the exception of
relatively rare stationary ULXs that are associated with supernova remnants or background quasars, most
ULXs are close binary systems containing a massive stellar black hole (BH) that accretes matter donated
by a stellar companion. To explain the observed luminosities of ∼1040 erg/s, the mass of the BH must be
∼40 M� if the accreted matter is helium and ∼60 M� if the accreted matter has the solar chemical com-
position. We consider donors in the form of main-sequence stars, red giants, red supergiants, degenerate
helium dwarfs, heavy disks that are the remnants of disrupted degenerate dwarfs, helium nondegenerate
stars, and Wolf–Rayet stars. The most common ULXs in galaxies with active star formation are BHs with
Roche-lobe-filling main-sequence companions with masses ∼7 M� or close Wolf–Rayet companions,
which support the requiredmass-exchange rate via their strong stellar winds. The most probable candidate
ULXs in old galaxies are BHs surrounded by massive disks and close binaries containing a BH and
degenerate helium-dwarf, red-giant, or red-supergiant donor. c© 2004 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

The discovery of ultraluminous (Lx � 2×
1038 erg/s) X-ray sources (ULXs) has raised the
question of their evolutionary status [1–3]. If their
emission is isotropic, the inferred luminosities of some
reach ∼1041 erg/s [3, 4]. If this luminosity is due to
accretion onto a black hole (BH), the accretion rates
must be ∼10−5 M�/yr, and the BH masses, up to
103 M�.
Two important features of most ULXs are their

compact size (less than half an arcsecond) and the
variability of their X-ray flux by factors of up to two to
three [3]. Long (∼155 h) series of observations of two
ULXs in the spiral galaxy IC 342 revealed periodic
variations of the intensity of the 7–10 keV emission
of one of the sources with an amplitude of ∼5% and
a period of 30–40 h [5]. A ULX with a luminosity of
∼2× 1039 erg/s in the galaxyM51 displays variations
of its X-ray flux with fmax/fmin ≈ 4 and a period
close to 2 h [6]. The ULX HF 16 in NGC 6946
was also suspected of being a binary [7]. This sug-
gests that at least some, and perhaps a substantial
fraction, of ULXs are binaries. In addition, the rapid
variability of some ULXs rules out their identification
with supernova remnants that expand into a dense
interstellar medium with speeds of several thousands
of km/s.
The observed luminosity function of X-ray

sources [8] suggests that a large fraction of the X-ray
flux from galaxies is due to ULXs, since they provide
1063-7729/04/4807-0534$26.00 c©
the main input to the total flux. The ratio of the X-ray
and optical luminosities of massive spiral galaxies is
∼10−4−10−2 [9–11]. This ratio probably decreases
with decreasing mass of the galaxy [8, 9]. However,
note that the luminosity ratio for a specified optical
luminosity of the galaxy has a large scatter. This
probably reflects a strong dependence of the X-ray
luminosity of these galaxies on the luminosity of
several brightest ULXs.

It is natural to suppose that some ULXs may be
in distant active galactic nuclei (supermassive BHs
in AGN) that overlap by chance with nearby galaxies
on the celestial sphere [12]. However, the positions of
most ULXs are clearly concentrated toward the host
galaxies in the sky, suggesting that most ULXs do
belong to these galaxies [7]. However, some ULXs
are indeed background sources [13], and this must
be borne in mind when interpreting data for particular
ULXs.

Detailed studies of galactic populations reveals an
additional class of potential ULXs: black holes with
intermediate masses (103−104 M� [14, 15]), as have
been discovered in the cores of globular clusters. The
role of such objects is not clear, since the few known
ULXs with Lx ∼ 1041 erg/s can be explained by the
collimation of emission from accretion disks around
stellar-mass BHs [16] or by the chance projection of
distant quasars onto nearby galaxies.
2004 MAIK “Nauka/Interperiodica”
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2. MAIN OBSERVATIONAL
FEATURES OF ULXs

Important information about the nature of ULXs is
provided by their distribution in the host galaxies. The
presence of ULXs in colliding galaxies with vigorous
star formation demonstrates that most ULXs are
located in giant complexes of ionized hydrogen that
trace regions of active star formation. This implies
that most ULXs in galaxies with active star formation
are produced by massive, short-lived, and probably
close binary systems. However, ULXs are abundant
in elliptical as well as spiral galaxies (Figs. 1a, 1b),
with their luminosities in ellipticals (1039–1041 erg/s)
being nearly the same as in spirals [3]. Some ULXs
have been detected in globular clusters [11, 17].
Moreover, the ULXs in the bulge of M31 are brighter
than those in its disk, with its active star forma-
tion [18]. The integrated X-ray luminosity of early-
type galaxies is correlated with the number of globular
clusters in them [19]. This suggests that the ULXs in
these galaxies are formed predominantly in globular
clusters. It follows that there exists at least one family
of ULXs that are related to long-living close binary
systems. The accretors in these sources are BHs
that formed in the distant past, while the donors are
either low-mass (e.g., solar-mass) stars or massive
gaseous disks produced via the tidal disruption of a
companion.

Figure 1c shows the distribution of X-ray lumi-
nosities for 220 AGNs in a region of sky covering
81 square degrees [20] and gives an estimate of the
total number of these objects over the celestial sphere,
Ntot. The masses of the central BHs in these galaxies
MBH can be estimated if we assume that the lumi-
nosity is restricted by the Eddington limit. To estimate
the obvious selection effects, we show separately dis-
tributions for nearby and distant AGNs (R < 3 ×
108 pc and R < 7 × 108 pc). Comparison of Figs. 1a,
1b, and 1c reveals a “gap” between BHs with masses
of 102 M� and 104 M�. However, as a rule, this
gap may be due to the absence of sources of fuel for
intermediate-mass BHs; as a result, the average dis-
tance to ULXs is∼107 pc, while the average distance
to quasars is ∼109 pc. Figure 1c clearly shows that
the typical luminosity (mass) of the BHs decreases
with decreasing distance. Figure 1c can also be used
to estimate the power-law index of the BH mass
function in the range 104–107 M�. Comparison of the
number of BHs with z < 0.05 and the total number of
BHs with M � 104 M� from the catalog [13] gives
dN(Mpc−3) ≈ 7 × 10−3M−1.6±0.2

BH dMBH . Thus, BH
mass function can be used to estimate the number of
nearby BHs (within 20 Mpc), which is close to the
number of observed ULXs listed in the catalog [3].
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Fig. 1. X-ray luminosity distribution of observed ultra-
luminous sources in (a) spiral and (b) elliptical galaxies
(data from [3]) and (c) the same distribution for AGN
(data from [20]). Histogram (c) shows nearby galaxies
with z < 0.05 in dark and galaxies with z < 0.10 in light
gray.

This coincidence may underscore the possibility that
ULXs and AGN are related objects.
Figure 1c also enables us to construct the X-ray

luminosity function for quasars. The limiting dis-
tances to quasars with z = 0.05, 0.1, and 0.35 are,
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respectively, 3.2 × 108, 6 × 108, and 1.6 × 109 pc. If
we assume a luminosity function of the form dN ∼
aL−b

x dLx, we find from Fig. 1c that b ≈ 1.6 ± 0.2 and
a ≈ 5 × 10−18 pc−3. This relation is valid for Lx �
108L� and MBH � 104M�, since the input cata-
log [20] contains only such sources. It is interesting
that the slope of the latter distribution nearly coin-
cides with the slope of the luminosity distribution of
Galactic X-ray sources [13, 21], although the latter
have luminosities of 1035–1040 erg/s and masses be-
low∼100M�.
The birth of a ULX requires a source of mat-

ter for accretion, and it is obvious that BHs spend
only part of their lifetime as ULXs. For instance,
the BH in the nucleus of our Galaxy, with a mass
of ∼3 × 106 M� [22], would be transformed into an
ordinary quasar (Fig. 1c) if it accreted at a rate of
∼3 × 10−2 M�/yr; this, obviously, does not happen,
at least not at present. Thus, in most cases, BHs
are dormant and it is accretion that activates them.
Tidal disruption of individual stars probably cannot
be the main source of matter for the BHs in quasars,
since the timescale for continuous activity in quasars
exceeds 2 × 104 yr [23], requiring the consumption
of more than ∼200M�. The activation of BHs in
quasars is probably a consequence of collisions of
gas-rich galaxies, which sharply enhance the rate of
accretion by the central BHs of the colliding galaxies
via the action of spiral shocks that form in the gaseous
medium. It is possible that the swallowing of a glob-
ular cluster by a galactic nucleus is also able to acti-
vate accretion. An additional possibility for “feeding”
quasars is the gradual disruption of stars that pass
through the circumnuclear gaseous accretion disk.
The aim of the present paper is a comprehensive

investigation of the possibilities provided by the mod-
ern theory of the evolution of close binaries to explain
the evolutionary status of ULXs. In this model, the
formation of a binary with the necessary properties
requires that two main conditions be fulfilled. First,
a BH with the maximum possible mass must be
formed. Second, to provide a high luminosity, the
conditions in the binary must enable a prolonged
stage of intense mass exchange between the com-
ponents. The first requirement is connected with the
evolution of the most massive stars and estimation of
the masses of the BHs produced at its endpoint.
The Hertzsprung–Russell diagrams for our

Galaxy [24] and other nearby galaxies clearly show
the existence of ∼150−200 M� stars. Studies of
star formation in the nucleus of M51 [25] confirm
the presence of young stars with similar masses
there. The presence of very massive stars is especially
probable when the abundance of heavy elements is
low [25–27]. No empirical relation between the initial
mass of a star and the mass of the BH it produces is
known. The highest mass of a BH in a close binary
with known parameters is ∼14 ± 4 M� [28]. This
may be far lower than the maximum masses of BHs
produced by massive stars due to the small number of
BHs with knownmasses. In addition, the shape of the
initial mass function clearly shows that BHs should
be concentrated toward lower masses, ∼5−10 M�,
as is observed [29].
A theoretical estimate of the maximum mass of a

stellar BH can be obtained as follows. The evolution
of the most massive stars is determined mainly by
mass loss via their stellar wind [11, 30–35]. To a first
approximation, the strength of the wind is propor-
tional to the abundance of heavy elements Z in the
interval Z = (0.01–1)Z� [36–39]. It is obvious that
the most massive BHs should have been produced
by the first stars formed in the Galaxy, for which we
can neglect the influence of the stellar wind because
of their lowZ values. Theoretical models of the evolu-
tion of massive stars lead to the relation between the
initial masses of the stars and the masses of their he-
lium cores MHe/M� ≈ 0.1(M0/M�)1.4 [30, 40–42].
Assuming that the maximum initial mass of a star
is ∼150 M� [24–27], we find that the mass of the
corresponding helium remnant (Wolf–Rayet star) is
∼100 M�. The fact that binary systems survive the
supernova explosions that accompany the transfor-
mation of Wolf–Rayet stars into BHs places a limit
on the mass lost in the explosion—half of the ini-
tial mass [38]. Assuming that the initial mass is
∼100 M�, we thus find for the minimum mass of the
resulting BH ∼50 M�. This value can be doubled,
since the components of very close binary BHs will
merge due to gravitational-wave radiation. The rate
of such mergers in our Galaxy is ∼10−5/yr [43]. In
the cores of globular clusters, where the rate of stellar
collisions is high [44], such BHs can acquire close
companions due to exchanges or tidal captures and
become ULXs with the onset of mass exchange.
Thus, the evolution of single and close binary stars

can result in the formation of BHs with masses of
50−100 M�. If the donor transfers matter sufficiently
efficiently, a ULX appears, whose maximum X-ray
luminosity Lx can be estimated by the relation

Lx ≈ 2.5 × 1038

1 + X

(
MBH

M�

)
erg/s, (1)

whereX is the abundance of hydrogen in the accreted
matter. According to this relation, if the BH mass
is MBH ≈ 50–100 M�, the accretion of helium can
support a ULX luminosity of ∼1040 erg/s. The dis-
covery of brighter ULXs either implies collimation of
the radiation of the accretion disk, marks the position
of a dense cluster of ULXs (e.g., related to a com-
pact cluster of young OB and Wolf–Rayet stars), or
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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provides evidence for the presence of an intermediate-
mass (∼103–104 M�) BH that may be the core of
a globular cluster or dwarf spheroidal galaxy. Several
such sources with luminosities up to 8 × 1040 erg/s
are known [3, 45]. Here, we assume in our numerical
study of the evolution of typical ULXs in close bina-
ries with Lx ∼ 1038–1040 erg/s that the BHs have
masses of 30M�.
To estimate the relation between the accretion

rate and luminosity, we assume that ∼1020 erg is
released per gram of matter accreted by the BH.
However, three-dimensional hydrodynamic modeling
of accretion onto a BH with a poloidal magnetic field
shows that the efficiency of the transformation of the
accreted rest mass into energy may be even higher
than 50% [46]. This makes the relation between the
accretion rate and X-ray luminosity of the system
uncertain. An additional uncertainty is introduced if
we allow for the possibility that the radiation is colli-
mated. We adopt here the relation

Lx( erg/s) = 6.3 × 1045Ṁacc(M�/yr) (2)

≈ 1.5 × 1012L�Ṁacc(M�/yr),

assuming that the efficiency of the transformation of
rest mass into energy is ∼0.1. However, if there is a
poloidal magnetic field in the accreted gas [46], the
same X-ray luminosity may correspond to accretion
rates that are almost an order of magnitude lower.
The integrated X-ray luminosity of massiveGalac-

tic binaries are ∼3 × 1038 erg/s, while X-ray bi-
naries with low-mass donors have luminosty of
∼3 × 1039 erg/s [21]. These estimates correspond
to integrated accretion rates of 5 × 10−8 and 5 ×
10−7 M�/yr for high- and low-mass X-ray sources,
respectively.
A number of the models that we consider here

assume that the X-ray emission of BHs arises during
the gravitational capture of matter from the donor
stellar wind in the Bondi–Hoyle regime [47]. Prob-
ably the best example of systems of this kind are
symbiotic stars [48]. The capture radius is found from
the energy-conservation law:R = GMBH/V 2

w , where
G is the gravitational constant and Vw is the wind
speed, which is close to the escape speed at the donor
surface: Vw ≈ (GMd/Rd)1/2, where Md and Rd are
the mass and radius of the donor. As a result, we
obtain the following estimate for the accretion rate:

ṀBH ≈ 1
4

(
MBH

Md

)2 (
Rd

A

)2

Ṁw, (3)

where A is the semimajor orbital axis and Ṁw is
the mass-loss rate of the donor. Three-dimensional
ASTRONOMY REPORTS Vol. 48 No. 7 2004
hydrodynamic numerical studies of accretion in sym-
biotic stars (which are analogs of the systems un-
der consideration) confirm the validity of this rela-
tion [49, 50].

To estimate the number of ULXs produced via
various scenarios, we must know the distributions of
the mass of the primary (more massive) components
M10, semimajor orbital axes A0, and component-
mass ratios q of close binaries. We adopt the distri-
bution from [51]:

d3ν( yr−1) = 0.2d log
(

A0

R�

)(
dM10

M2.5
10

)
dq, (4)

whereM10 is inM� and q = M20/M10. Note that this
expression is derived for our Galaxy. Let us now esti-
mate the number of observed ULXs in theGalaxy. For
ordinary spiral galaxies,Lx/Lopt ≈ 10−3 [9]. If we as-
sume for the Galaxy Lx = 2× 107L� and dN/dLx ∼
L1.6

x [8], then NULX (the number of ULXs in the
Galaxy with luminosities ranging from 2.5 × 104L�
to 2.5 × 106L�) is ∼100. If we take into account
the observed dispersion of Lx/Lopt, this estimate of
NULX is uncertain by about a factor of three.Wemust
have an estimate of NULX in order to estimate the
roles of various channels for the formation of ULXs
in the Galaxy.

3. MODELS OF ULTRALUMINOUS
X-RAY SOURCES

3.1. Accumulative Instability

In general, high mass-exchange rates (∼10−8−
10−6 M�/yr) between the components of close
binaries are not necessary to explain the observed
high luminosities of ULXs. If the instability of the
accretion disk has an accumulative nature, the av-
erage mass-flow rate into the disk can be lower
than the rate noted above, as happens in cata-
clysmic variables [52]. The transient X-ray source
XTE J1859+226 [53] shows that accumulative in-
stability is also relevant for systems that contain
a BH and solar-mass main-sequence dwarf. The
orbital period of XTE J1859+226 is ∼9.16 h [53].
As we show below, such a period does not imply
a high mass-exchange rate. However, during its
1999–2000 outburst, the luminosity of the source
became close to the Eddington limit for an accreting
BH. Currently, 15 similar transients with quiescent-
state luminosities of∼10−2L� are known [54]. Thus,
X-ray transients show that the ULX phenomenon is
also possible in systems with relatively low average
accretion rates.
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3.2. Formation of a Planetary Nebula
in the Vicinity of a Black Hole

The formation of a planetary nebula (PN) at the
end of the evolution of a 0.8−8 M� star is accom-
panied by a superwind phase in the red-supergiant
stage. This wind forms the envelope of the plan-
etary nebula. The rate of mass loss in the super-
wind is ∼10−4 M�/yr. When estimating the effi-
ciency of this channel for the formation of ULXs,
we must take into account the fact that a binary
must be wide in order for a planetary nebula to form;
i.e., its components must not overfill their Roche
lobes and the semimajor axis of the orbit must exceed
∼2 × 103R�. As follows from (3), to obtain ṀBH ≈
10−8–10−6 M�/yr for Md/MBH ≈ 0.1, it is nec-
essary to have A ≈ (105–106)R�. The distribution
of wide binary systems over component-mass ratio
in the range of interest (0.01–0.1) is virtually un-
known because of obvious selection effects [51]. For
our estimates, we shall assume that the fraction of
systems with secondary masses of 1−8 M� and pri-
mary masses exceeding 50 M� is 0.1. Relation (4)
can then be used to estimate the rate of formation
for such systems: ν ≈ 2 × 10−5/yr. The superwind
phase lasts for ∼104 yr; this gives∼1ULX produced
via this planetary-nebula scenario. We conclude that
this scenario is unimportant for the production of the
observed ULXs.

3.3. Accreting Single BHs
in Dense Molecular Clouds

Black holes are products of the evolution of
stars with initial masses exceeding ∼25 M� [29].
Relation (4) provides a lower limit for their total
number in the Galaxy, NBH ∼ 108, since the rate
of star formation was higher in the past [55]. As
BHs travel through the Galaxy, some end up inside
dense clouds of interstellar molecular hydrogen with
densities nH ∼ 104 cm−3. The rate of accretion of this
matter by a BH with speed VBH is specified by the
Bondi–Hoyle formula [47]: Ṁ = πρG2M2

BH/V 3
BH ,

where ρ is the density of the gas in the molecular
cloud. We will assume that the fractional volume
of molecular clouds is inversely proportional to nH.
The resulting expression for the X-ray luminosity
is Lx/L� ≈ 10−3nH(MBH/M�)2V −3

6 , where V6 is
the BH speed in units of 106 cm/s. To estimate
the minimum speed of the BHs, we shall assume
that their speed distribution is Maxwellian with V̄BH

given by n ∼ NBH(V/V̄BH)3. A BH with the lowest
spatial speed in the densest cloud should then have
luminosity Lx/L� ≈ 105(MBH/M�)2(106/V̄BH)3.
It is evident that, if V̄BH � 100 km/s, some single
BHs can attain the high luminosities typical for
ULXs. This mechanism would also be able to explain
the concentration of ULXs in spiral arms, which
harbor most of the molecular clouds in a spiral galaxy.

3.4. Accretion from Massive Disks around BHs

During the evolution of close binaries with mas-
sive BHs, there are at least two situations when a
Roche-lobe filling companion to a BH can be dis-
rupted over the orbital time scale: when the com-
panion to the BH is a convective main-sequence
star with M � 0.5 M� [56] or a degenerate dwarf.
Stars of these two types expand in response to rapid
mass loss. If angular momentum is rapidly and effi-
ciently exchanged between the rotational and orbital
motion, the increase in the semimajor axis of the
orbit is compensated for by expansion of the donor,
supporting stable mass exchange. However, when
the rate of angular-momentum exchange is low, dis-
ruption of the donor over the orbital time scale be-
comes inevitable. As a result, a single BH surrounded
by a massive gaseous disk appears. The absence of
W UMa stars with q � 0.1 [57] may provide evidence
for such disruption of BH companions.

Little is known about the further evolution of such
objects. X-ray emission will be absent in the ab-
sence of accretion viscosity. Otherwise, the rate of
formation of such objects, ∼10−4/yr [43], and the
mass of the disks, ∼0.5 M�, provide an estimate
of the total X-ray luminosity of the Galaxy due to
these objects: Lx ≈ 108L�. The optical luminosity of
the Galaxy is Lopt ≈ 3 × 1010L�, so that Lx/Lopt ≈
1/300. This ratio does not contradict observational
estimates, Lx/Lopt ≈ 10−4–10−2 [9, 58, 59]. If we
allow for the inevitable evaporation of some fraction
of the disk material, the theoretical estimate will be
decreased, while remaining within the limits given by
observations.

3.5. Supernova Remnants
in a Dense Interstellar Medium

The deceleration of supernova envelopes in a dense
interstellar medium generates shocks and strongly
heats the gas. For an expansion speed of several thou-
sands of km/s, the energies of the photons cooling
the gas reach several keV [60], and the correspond-
ing luminosities reach 1041 erg/s [61, 62]. The Crab
nebula demonstrates a realization of this scenario. If
the average kinetic energy of supernova envelopes is
∼1050 erg and their luminosities are∼1039–1040 erg/s
[63–65] (typical for bright ULXs), the lifetimes of
associated ULXs should be 300–3000 yr. For the
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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supernova rate in our Galaxy, ν ∼ 10−2/yr, the im-
plied number of ULXs is 3–30. However, it is clear
that only supernovas that exploded in dense molecu-
lar clouds could be manifest as ULXs. This is pos-
sible for type II supernovae, but it is more likely
that type Ia supernovae will be in a hot interstellar
medium, where the energy is spent on accelerating
the Galactic wind [66]. Another distinctive property
of ULXs associated with supernovae would be con-
stancy of their brightness. However, most observed
ULXs are variable [3], so that this model can be ruled
out, at least for variable ULXs.

3.6. Intermediate-mass BHs (MBH ≈ 102–105 M�)

It is well known that there is a gap between stellar-
mass BHs (5–14 M�) and the BHs in the nuclei
of galaxies (104−1010 M�) [20, 67]. This gap can
be partially filled by BHs originating from stars with
masses as high as ∼100 M�, which have not yet
been observed because of their scarcity. The first in-
formation on BHs in the cores of globular clusters has
recently became available [14, 15, 68]. The existence
of such BHs makes possible high X-ray luminosities
for the cores of globular clusters if the accretion is
sufficiently efficient. It is interesting that the ULXs
in the bulge of M31 are brighter than those in its
disk, consistent with this possibility. Another possible
origin for the high luminosity of ULXs in the spherical
component of the galaxy may be highmasses for BHs
formed from low-metallicity stars with relatively weak
stellar winds.

Intermediate-mass BHs in globular clusters prob-
ably form via a two-stage mechanism for the decel-
eration of stellar-mass (10–100 M�) BHs that are
produced by the most massive stars of the clusters.
In the first stage, the BHs “sink” into the central
regions of the cluster, to the vicinity of the central BH,
due to dynamical friction. This process concentrates
the X-ray sources in globular clusters in their central
regions [44]. In the second stage, gravitational radi-
ation by the “stellar BH + central BH” pair results
in their merger, increasing the mass of the central
BH by up to ∼10−3 of the total mass of the globular
cluster [31, 69]. ULXs are, in fact, observed in glob-
ular clusters [17, 70]. An efficient donor is required to
support the high luminosity of an intermediate-mass
BH. A nearby planetary nebula, red supergiant, or
degenerate dwarf could serve as such a donor. Note
that dynamical deceleration of globular clusters in
their galaxies may be one reason for the appearance
of supermassive (104−106 M�) BHs in the nuclei of
galaxies.
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3.7. BHs in Close Binaries with Degenerate Donors

The evolution of massive close binaries with large
initial component-mass ratios can lead to the forma-
tion of semidetached systems with degenerate donors
via the action of gravitational radiation. The BHs
can have helium, carbon–oxygen, or even oxygen–
neon white-dwarf companions [71]. The Galactic rate
of formation of systems with helium-dwarf compan-
ions can be estimated from (4) to be ∼3 × 10−4/yr,
while the estimated rate of formation of systems with
carbon–oxygen companions is ∼3 × 10−5/yr [43].
The estimated number of such systems in the Galaxy
(300–3000) is certainly higher than the number of
observed ULXs. The most probable way to avoid
“overproduction” of the X-ray luminosity of ULXs
associated with these systems is disruption of the
degenerate dwarfs and their transformation into mas-
sive disks. The formation of common envelopes or
intense stellar winds driven by super-Eddington ra-
diation may also appreciably reduce theoretical esti-
mates of the X-ray luminosity and number of such
systems [72].
To illustrate this model, we computed the evo-

lution of a binary system with a degenerate helium
donor with an initial mass of 0.3 M� and a 30 M�
BH accretor (as in all other tracks). The method
used to carry out the evolutionary computations of a
close binary with an induced stellar wind (ISW) from
the donor and our evolutionary code are described in
detail in [56, 73]. The ISW is a result of the irradiation
of the donor by hard radiation from the accreting
neutron star or black hole. When the ISW is taken
into account, mass exchange becomes possible in
detached systems in which the donor does not fill its
Roche lobe.
Parameters of all the tracks are listed in the table.

The track for the system indicated above in a plot
of orbital period versus mass-loss rate is shown in
Fig. 2. This figure clearly shows that, in the initial
stage of the evolution, the excess of the donor mass-
loss rate over the Eddington limit is high and can
result in the formation of a common envelope and
disruption of the donor. The ISW leaves the evolution
of systems with degenerate donors nearly unaffected.

3.8. BHs with Nondegenerate Low-mass 0.4–1M�
Helium Companions

If the initial mass of the secondary in a massive
close binary is M = 3–10 M�, a nondegenerate he-
lium star with a mass of 0.06(M/M�)1.57 M� [74] is
formed after the common-envelope stage. For helium
stars with masses of 0.4−1 M� andA = 0.4–0.8 R�,
the rate of mass exchange in semidetached sys-
tems driven by gravitational radiation can reach
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Parameters of computed tracks for binaries with 30M� accretors

Track
num-
ber

Mass-
exchange
regime

(M2)0,
M�

D P0, day τ(ULX), yr Macc,M�
(M2)f ,
M�

mHe mCO Pf , day tf , 109 yr

1 with ISW 1.0 1.00 0.32 2.2 × 106 0.49 0.44 – – 2.08 15.0

2 with ISW 1.0 0.30 1.93 – 0.13 0.63 – – 2.92 15.0

3 with ISW 1.0 0.20 3.55 – 0.07 0.69 – – 4.48 15.0

4 with ISW 1.0 0.10 10.1 – 0.51 0.31 0.99 – 173 12.5

5 with ISW 1.0 0.05 28.6 – 0.52 0.40 0.98 – 338 12.6

6 with ISW 1.0 0.03 61.5 3.4 × 106 0.48 0.45 0.94 – 533 12.7

7 with ISW 1.0 0.01 319 8.9 × 105 0.18 0.80 0.57 – 589 12.7

8 without ISW 1.0 1.00 0.32 – 0.99 0.008 – – 0.16 15.0

9 without ISW 1.0 0.30 1.93 – 0.99 0.01 – – 0.09 15.0

10 without ISW 1.0 0.20 3.57 2.1 × 105 0.67 0.33 0.98 – 63.2 12.7

11 without ISW 1.0 0.10 10.1 4.0 × 106 0.62 0.37 0.98 – 166 12.7

12 without ISW 1.0 0.03 61.5 1.3 × 107 0.51 0.45 0.96 – 569 12.7

13 with ISW 5.0 1.00 0.71 2.0 × 107 2.14 0.25 0.95 – 65.1 7.5

14 with ISW 5.0 0.50 2.00 1.9 × 107 2.47 0.60 0.80 – 185 0.21

15 with ISW 5.0 0.30 4.31 4.3 × 105 0.13 3.23 0.15 – 12.5 0.09

16 without ISW 5.0 1.00 0.71 4.1 × 107 3.02 0.66 0.69 – 213 0.12

17 without ISW 5.0 0.50 2.00 3.4 × 105 0.31 2.62 0.14 – 12.0 0.12

18 without ISW 5.0 0.30 4.31 8.3 × 103 0.06 3.53 0.15 – 11.8 0.12

19 with ISW 10.0 1.00 0.85 4.7 × 107 3.56 0.80 0.72 – 171 0.05

20 with ISW 10.0 0.50 2.41 3.3 × 106 0.21 2.63 0.41 – 74.7 0.02

21 with ISW 10.0 0.30 5.18 1.4 × 104 0.02 2.14 0.65 – 408 0.04

22 without ISW 10.0 1.00 0.85 2.6 × 107 4.51 1.68 0.67 – 100 1.26

23 without ISW 10.0 0.50 2.41 – 0.05 2.11 0.59 – 174 0.05

24 without ISW 10.0 0.30 5.18 – 0.01 2.14 0.63 – 399 0.05

25 with ISW 0.5 0.50 0.05 3.8 × 106 0.49 0.007 – – 1.67 15.0

26 with ISW 0.3 1.00 0.002 9.6 × 106 0.13 0.001 – – 0.02 2.25

27 with ISW 30.0 0.90 0.18 – 0.26 10.3 – 0.74 0.39 0.001

28 with ISW 30.0 0.30 0.91 – 0.11 10.5 – 0.66 2.00 0.001

29 with ISW 30.0 0.10 4.72 – 0.01 10.5 – 0.75 10.4 0.001

30 with ISW 30.0 1.00 1.19 1.7 × 106 2.13 5.83 0.95 – 23.2 0.01

31 with ISW 30.0 0.40 4.70 7.4 × 105 0.08 8.58 – 0.59 37.4 0.01

32 with ISW 30.0 0.10 37.6 – 0.06 12.2 0.80 – 169 0.008

(M2)0 is the initial mass of the donor;D, the initial ratio of the donor radius and mean Roche-lobe radius; P0, the initial orbital period;
τ (ULX), the duration of the evolutionary stage when the binary is a ULX (i.e., when the accretion rate is higher than 2× 10−8 M�/yr
and the rate of mass loss by the donor is lower than 10−6 M�/yr);Macc, the amount of mass accreted by the BH during its evolution;
(M2)f , the mass of the donor at the end of the evolutionary track;mHe, the relative mass of the helium core of the donor at the end of
the track;mCO, the relative mass of the carbon–oxygen core of the donor at the end of the track; Pf , the orbital period at the end of the
track; and tf , the age of the system at the end of the track. For tracks 1–24, the donor is initially a main-sequence star; for track 25,
it is a nondegenerate helium star; for track 26, a degenerate helium dwarf; for tracks 27–29, a Wolf–Rayet star; and for tracks 30–32,
an O star.
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Fig. 2. Logarithm of the orbital period plotted against logarithm of the donor’s mass-loss rate for binary systems containing
30M� black holes and three types of donors: a 0.3M� degenerate helium dwarf (WD), a 0.5M� nondegenerate helium star
(He), and a 30M�Wolf–Rayet star. We show both the mass-loss rate (solid curves) and mass-exchange rate (dashed curves)
for the Wolf–Rayet star. The tracks take into account the induced stellar wind. The numbers by the tracks indicate the initial
fraction of the Roche lobe filled by the donorD. Open circles mark times of Roche-lobe overflow. The broad gray strip shows
the range of BH accretion rates that correspond to the model for the ULXs.
∼10−7 M�/yr and Lx can reach ∼1039 erg/s [56].
The parameters of the initial systems given above can
be used to estimate the Galactic rate of formation of
suchULXs and their number via (4). If∆ logA ≈ 0.3,
∆q ≈ 0.1, and themass-exchange timescale is 106 yr,
then ν ≈ 3 × 10−5/yr, and N ≈ 30. The realization
of this scenario requires a common-envelope phase
in a system containing a BH and a 3–6 M� giant.
However, we cannot rule out the possibility that the
stellar wind induced by the X-ray radiation of the BH
prevents Roche-lobe overflow by the donor, closing
this channel for the formation of ULXs.
We computed the evolution of a binary that initially

contains a 0.5M� helium nondegenerate donor. The
evolutionary track for this system is shown in Fig. 2.
The ISW influences the evolution of this type of sys-
tem only weakly: the only difference from the evolu-
tion without the ISW is an evolutionarily insignificant
mass loss in the semidetached stage. As Fig. 2 shows,
the rate of mass loss by the nondegenerate helium star
can reach the Eddington limit.

3.9. Wolf–Rayet Stars with BH Companions

Wolf–Rayet (WR) stars have strong stellar winds
that may be driven by pulsations [29, 75]. The
ASTRONOMY REPORTS Vol. 48 No. 7 2004
mass-loss rate is ṀWR ≈ 10−6(MWR/M�)1.3M�/yr
[76, 77]. Some fraction of the lost matter can be
captured by the nearby BH [see (3)]. If the Wolf–
Rayet star is a 10–30M� pure helium star, its radius
is given by the relationRWR/R� ≈ 0.2(MWR/M�)0.6

[40]. Assuming for our estimates MWR = MBH =
M , we obtain for the accretion rate Ṁacc(M�/yr) ≈
10−9.5(M/M�)1.83P

−4/3
orb , where Porb is in days. The

mass-loss rate will be maximum when the Wolf–
Rayet star fills its Roche lobe: Ṁacc ≈
10−7.4(M/M�)1/3M�/yr.
The birthrate of ULXs in this scenario can be ob-

tained using (4), specifying ∆ logA ≈ 0.3, ∆q ≈ 0.4
and the timescale for helium burning in the core of
the star,∼5× 105 yr. Then, ν ≈ 10−4/yr andN ≈ 50.
The expected orbital periods of such systems range
from several hours to several days. It is interesting
that the collapse of a Wolf–Rayet core into a BH can
produce γ-ray bursts in the closest systems of this
type [77, 78].
The first WR+BH system was probably discov-

ered in the galaxy IC 10 [79]. The position of the
brightest X-ray source in this galaxy coincides with
the position of a Wolf–Rayet star. Estimates show
that absorption of X-rays by the stellar wind of this
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star is negligible in this case [80]. In our Galaxy, this
family of binaries is represented by the Cygnus X-3
system, which contains a ∼17 M� BH and a Wolf–
Rayet star [81, 82]. It is possible that the ULX
Cyg X-1, with an orbital period of ∼8 h [83], also
belongs to this family.
Figure 2 shows evolutionary tracks for close bina-

ries with Wolf–Rayet donors with an initial mass of
30M�, computed taking into account the stellar wind
and assuming various initial ratios of the donor radius
and the mean Roche-lobe radius (filling factor), D.
The evolution was followed up to the depletion of
helium in the donor core. The rate of mass exchange
in these systems is determined by the fraction of the
stellar wind that can be captured by the BH, which
increases with D. For D close to unity, the accretion
rate becomes close to the Eddington limit and Lx

approaches 1040 erg/s.

3.10. O Stars with BH Companions

O stars also have strong stellar winds, whose
rates have been estimated to be ṀO ≈ 10−12.4 ×
(MO/M�)4M�/yr [76, 77, 84]. Some fraction of this
wind can be captured by the nearby BH [see (3)].
Let us find the relation between the orbital period
and accretion rate. If we suppose that the radius of
the O star is RO/R� ≈ 2(MO/M�)0.45 [40] and its
mass is MO = MBH = M , then Ṁacc (M�/yr) ≈
10−13.8(M/M�)4.23P

−4/3
orb , where Porb is in days.

Since the radii of main-sequence O stars provide a
lower limit for Porb, P = (MO/M�)0.18, the maxi-
mum accretion rate is limited to Ṁacc � 10−13.8 ×
(M/M�)4 M�/yr. The appearance of a ULX requires
Ṁacc � 10−8 M�/yr. This requires a ∼40 M� O
companion that is very close to the BH. However,
due to their strong stellar wind, solar-composition
O stars with masses exceeding ∼50 M� do not
expand after the formation of their helium cores [24,
25, 84]. Therefore, the semimajor orbital axes in such
systems increase in the course of their evolution, but
the possibility of forming a ULX remains due to the
enhanced stellar wind. However, the winds of low-
metallicity stars become weaker, and the range of
masses permitting the formation of ULXs broadens.
Possible examples of ULXs of this type include an
object inM81withLx = 2× 1039 erg/s and an orbital
period of two days and an object in IC 342 with
an orbital period of 30–40 h [5]. Another possible
example of an eclipsing system of this type is an
X-ray binary X-7 in M33 with Porb ≈ 3.45 day and
Lx ≈ 1038 erg/s [86].
It is interesting that some ULXs of this type

demonstrate the action of accumulative instability.
One of the closest well-studied sources is X-1 in
IC 342, in which a supernova remnant with an age of
∼105 yr surrounds a variable ULX with a luminosity
of (3−10) × 1039 erg/s in a close binary with a BH.
A ∼18 M� O8V star was discovered at the position
of the variable ULX X-11 in M81, which has Lx ≈
106L� [85], but the expected periodicity of the optical
and X-ray emission has not been detected.
To illustrate this model, we computed the evolu-

tion of a binary system with an O-star (i.e., a main-
sequence star with an initial mass of 30 M�) donor.
Tracks for various initial Roche-lobe filling factors D
taking into account the ISW and the stellar wind of
the O star are shown in Fig. 3. The stellar wind of the
O star governs the evolution of these systems as long
as the system is detached; however, due to its nuclear
evolution, the donor rapidly fills its Roche lobe and
the mass-loss rate increases by almost three orders of
magnitude. Thus, we conclude that the donor mass-
loss rates in these systems are too large for them to be
ULXs for appreciable periods of time.

3.11. BHs with Main-sequence B Companions
(5–10M�)

For typical masses of the main-sequence B com-
panions of 5–10 M�, the rate of mass exchange
regulated by the nuclear evolution of the B star should
be ∼10−10(M/M�)4 M�/yr. Therefore, Roche-lobe
filling B stars are good candidates for ULX donors.
The discovery of an optical star at the position of
a ULX in the spiral galaxy NGC 1313 [87] opens
possibilities for the observational verification of this
scenario. The system X-2 in NGC 1313 [87], with a
10 M� optical component and unknown orbital pe-
riod, probably belongs to this same class. The object
J1819.3-2525, which has an orbital period of 2.82 day
and contains a∼10M� BHand a∼7M� B star, may
be a similar ULX.
To estimate the number of potential ULXs of this

kind, let us assume that M10 = 25 M�, ∆ logA ≈
0.3, and q ≈ 0.1. Then, according to (4), the birthrate
of such ULXs is ν ≈ 3 × 10−5/yr and their expected
number in the Galaxy for a mass-exchange time in-
terval of ∼107 yr is ∼300. This makes such ULXs
the most abundant type in galaxies with continuous
star formation that can provide a supply of 5–10M�
donors [88].
Figures 4 and 5 show tracks for systems with

donors with initial masses of 5 and 10M� computed
for various D values and two evolutionary models
(with and without the ISW). The influence of the ISW
is important only when the initial D values are suf-
ficiently high, while the tracks for D ≈ 0.1 with and
without the ISW are nearly identical: the dominant
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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role in the evolution of the system is played by mass
loss by the evolved donor after it fills its Roche lobe.
Our computations show that the mass-loss rate is
much higher than the Eddington limit, with both this
excess and the duration of the stage when it exists in-
creasing with the initial donormass. However, among
all the tracks for high mass-loss rates, only track 14
for the 5 M� donor and D = 0.5 satisfies the ULX
model, since the formation of a common envelope is
expected for the remaining tracks, which may con-
siderably shorten the ULX stage and decrease the
number of ULX sources.

3.12. Low-mass (0.3–1.5M�) Stars
with BH Companions

The large number of observed systems of this kind
with known parameters [29] and the “cosmological”
lifetimes of the donors makes them attractive can-
didates for ULXs in old stellar populations: elliptical
galaxies and the bulges of spherical systems (Fig. 1).
The evolution of the closest systems of this kind is
determined by the magnetic stellar wind of the donor,
which arises in the presence of a convective envelope
and radiative core [56]. However, the magnetic stel-
lar wind is unable to support mass-exchange rates
higher than 3 × 10−8 M�/yr (Fig. 6). In addition, an
ASTRONOMY REPORTS Vol. 48 No. 7 2004
appreciable fraction of the donor mass is lost via the
ISW. In wider systems, the mass exchange is deter-
mined mainly by the evolutionary expansion of the
donor with its degenerate helium or carbon–oxygen
core if initial mass of the donor is 0.8–2.5 M�. The
radius of the donor in these stars depends only on the
mass of the core [51]. The formation of the carbon–
oxygen core shortens the timescale for the star’s evo-
lution to∼106 yr. The corresponding mass-exchange
rate,∼10−6 M�/yr, is sufficient for the appearance of
a ULX if the accretor is a sufficiently massive BH.
When considering this scenario, we must con-

sider the survival of a low-mass donor during the
evolution of the BH progenitor. If the initial mass of
a solar-composition primary exceeds M10 ∼ 50 M�,
the red-supergiant phase is absent due to the effect
of the strong stellar wind [24]. This enables the sur-
vival of the companion. According to the formalism
for describing common envelopes presented in [43],
the semimajor orbital axes of systems with M10 =
25–50 M� are decreased by nearly a factor of 100.
This excludes the possibility of transforming their
donors into red supergiants and so prevents these
systems from becoming candidate ULXs.

To estimate the number of potential ULXs of this
type, we must estimate the number of secondary
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Fig. 4. Logarithm of the orbital period plotted against the logarithm of the donor’smass-loss rate for binary systems containing
30M� black holes and 5M� main-sequence donors. The tracks in panel (a) and (b) were computed with and without taking
into account the induced stellar wind. The initial Roche-lobe filling factors D are indicated next to the tracks. (For clarity,
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mark times of Roche-lobe overflow. The broad gray strip shows the range of accretion rates by the BH that correspond to the
ULXmodel.
components that become red supergiants. This is
approximately equal to τ2/3TH, where τ is the lifetime
of red supergiants and TH is the Hubble time. We can
estimate the lifetime of the corresponding ULXs as
∼107 yr if the mass-exchange rate is ∼10−7 M�/yr.
Assuming M10 � 50 M� and ∆ logA ≈ 1, we find
using (4) that N ≈ 10−14τ2; i.e., we obtain only one
source per galaxy similar to our own. However, some
ULXs in elliptical galaxies may belong to this class.
Long series of observations may reveal such ULXs as
eclipsing binaries.
The tracks for systemswithmain-sequence donors
with initial masses of 1 M� computed for various D
values and two evolutionarymodels (with and without
the ISW) are shown in Fig. 6. These computations
show that high mass-exchange rates, approaching
the Eddington limit for massive BHs, are possible
only for low initial Roche-lobe filling factors. In this
case, the mass exchange starts after the donor has
sufficiently expanded in the course of its evolution.
However, even then, the mass-loss rate is usually
below the Eddington limit. Track 7 for D = 0.01
(computed with the ISW), for which the donor mass-
loss rate experiences a sharp increase after the relative
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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mass of its core becomes 0.57, is of interest. A
probable outcome of this increase in the mass-loss
rate is the formation of a common envelope.

3.13. Expanding Hertzsprung-gap Stars
with BH Companions

A donor with a mass greater than ∼2.5 M� that
expands when it crosses theHertzsprung gap over the
thermal time scale for its envelope TKH is able to sup-
port the mass-exchange rate necessary for a ULX.
Since the density in the donor envelope decreases as
er/HP , where r is the distance from the center of the
star and HP is the pressure scale height, the typical
lifetime of the corresponding ULXs will be close to
TKHHP/R, whereR is the stellar radius. This lifetime
REPORTS Vol. 48 No. 7 2004
will be close to kTM/µL, where L is luminosity of
the donor, T is the temperature of its envelope, and
µ is the molecular weight of the envelope material.
Assuming T = 104 K, we obtain for the lifetime of
the ULX τ ≈ 3 × 104(M�/M)3 yr. It is clear that
systems with∼2.5M� will have the longest lifetimes.
Relation (4) implies that several ULXs of this kind
may exist in our Galaxy. Note that the existence of
such ULXs is possible only in relatively young stellar
clusters, with ages below ∼109 yr. There should not
be any ULXs of this kind in elliptical galaxies.

4. CONCLUSIONS
The aim of this study was to investigate the evolu-

tionary status of ULXs associated with close binaries
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whose primaries exceed ∼25 M� and form BHs at
the end of their evolution. The masses of the resulting
BHs can be as high as ∼40−100 M�. The forma-
tion of the most massive BHs is facilitated by a low
metallicity. Intermediate-mass (103−104 M�) BHs
can form as a result of dynamical friction of stellar
BHs in the cores of globular clusters. In principle,
they can explain the origin of the brightest ULXs with
Lx � 1040 erg/s. However, such ULXs could also
arise as a result of the collimation of the radiation of
accreting stellar BHs.
ULXs can be separated into three types: ex-

tended regions of hot gas, accreting single BHs
in dense molecular clouds, and close binary sys-
tems containing massive (∼40−100 M�) BHs and
donors with various masses. Sources of the first
type include supernova remnants in a dense inter-
stellar medium and gas that is heated by collisions
of intergalactic gaseous clouds or by collisions of
small satellite galaxies with the gaseous disk of a
giant galaxy. The second group of objects com-
prises intermediate-mass BHs that accrete from a
dense gaseous medium. This group may include
intermediate-mass BHs in the nuclei of globular
clusters or galaxies, as well as stellar BHs that have
ended up in dense molecular clouds, facilitating a
high accretion rate. The formation of intermediate-
mass BHs is probably not a consequence of the
accretion of interstellar gas and instead results from
the accumulation of stellar BHs in globular clusters,
which first lose energy due to tidal friction, then
form binaries that merge due to their gravitational
radiation.

However, most ULXs are close binaries contain-
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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ing a stellar BH and a companion. Figure 7 presents
a sketch of all the close-binary ULXs with mass
exchange that we have studied, indicating the range
of accretion rates that corresponds to ULXs.
Since ULXs are well represented in both young

and old stellar populations (i.e., in both spiral and
elliptical galaxies), several models are necessary to
explain their origin. The most promising models for
young stellar populations seem to be those in which
a BH has a close Wolf–Rayet or ∼7 M� Roche-
lobe-filling main-sequence companion. In the former
case, the mass exchange and X-ray luminosity are
supported by the accretion of some fraction of the
Wolf–Rayet’s stellar wind; in the latter case, they are
supported by the nuclear evolution of the donor.
Several possible explanations of the existence of

ULXs in elliptical galaxies are suggested, which can,
of course, also be realized in spiral galaxies with well-
represented old populations. In these cases, ULXs
can contain BHs with low-mass degenerate helium
dwarf companions or with a massive disk that is
produced by the disruption of a massive degenerate
dwarf companion. In the former case, the evolution
is determined by gravitational radiation, while, in the
latter case, the dominant role is played by the viscosity
ASTRONOMY REPORTS Vol. 48 No. 7 2004
of the diskmaterial. BHs in elliptical galaxies can also
be fed by Roche-lobe-filling low-mass (super)giants
with degenerate helium cores. However, after careful
examination of the observed distribution of ULXs in
28 elliptical and S0 galaxies [89], we cannot rule out
the possibility that ULXs with X-ray luminosities ex-
ceeding 2× 1039 erg/s (Ṁacc > 3× 10−7 M�/yr) are
absent in such galaxies. This may mean (Fig. 6a) that
systems with nondegenerate solar-mass donors fully
account for the range of observed X-ray luminosities
in these galaxies.

Our analysis has shown that binaries containing
BHs and with relatively lowmass-exchange rates can
also be manifest as ULXs if the system’s accretion
disk is subject to accumulative instability. This im-
plies that ULXs may be transient. The identification
of observed ULXs with the various models suggested
in this paper requires systematic observations with
good time resolution, to enable discrimination be-
tween the models. Ultraluminous sources in close
binaries can be discovered via the presence of periodic
X-ray eclipses.
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Abstract—The results of a statistical approach to interpreting a master radial-velocity curve for the X-ray
binary Cyg X-1 are presented. The dependence of the mass of the X-ray component mx on the mass of
the optical component mv is obtained in a Roche model. A method for estimating the orbital inclination
from the radial-velocity curve is described. In contrast to the situation for a pointlike optical star, both the
amplitude and shape of the radial-velocity curve changes as a function of the orbital inclination i in the case
of a tidally deformed star with a complex temperature distribution over its surface. Thus, high-accuracy
radial-velocity curves can be used to impose constraints on the mass and orbital inclination of the black
hole: i < 45◦. Using the information on the optical light curve, radius, and luminosity of the optical star, we
estimate 31◦ < i < 44◦ and 8.5M� < mx < 13.6M�. c© 2004 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

A new method for determining the component-
mass ratio and orbital inclination of an X-ray bi-
nary from the orbital variability of the absorption-
line profiles in the spectrum of the optical star was
proposed by Antokhina and Cherepashchuk [1] and
Shahbaz [2]. The dependence of the absorption-line
profile on the phase of the orbital period is due to the
tidal deformation of the star’s shape and the com-
plex temperature distribution over its surface due to
gravitational darkening and the effect of X-ray heat-
ing. High-resolution spectra (R = λ/∆λ = 50000)
are necessary to apply this method to X-ray novas in
their quiescent state. In principle, such spectra can be
obtained using modern 8–10 m telescopes, but with
considerable difficulties.

The Cyg X-1 system, which is composed of a
O9.7Iab supergiant and a black hole, is sufficiently
bright (V = 9.5m) to obtain high-resolution spectra
suitable for investigations of fine effects in the optical
star’s rotation [3] and obtaining spectroscopic esti-
mates of the parameters of the optical using model
atmospheres [4].

A large number of measurements of the radial
velocity of the optical star in the Cyg X-1 system with
moderate spectral resolution have been accumulated
up to the present. These can be used to construct
a high-accuracy radial-velocity curve, which should
contain the averaged effects of the orbital variability
in the absorption line profiles, as is described in [1, 2].
Therefore, it is of interest to try to estimate simulta-
neously the black-hole mass and orbital inclination of
1063-7729/04/4807-0550$26.00 c©
Cyg X-1 using a high-accuracy mean radial-velocity
curve.

In contrast to the model with two point masses,
both the amplitude and shape of the radial-velocity
curve change with variations in the orbital inclina-
tion of an X-ray binary containing a tidally deformed
optical star. Wilson and Sofia [5] were the first to
draw attention to this dependence. This effect makes
it possible to estimate both the mass and the orbital
inclination of the system based on a high-accuracy
radial-velocity curve of Cyg X-1.

2. OBSERVATIONAL MATERIAL

A master radial-velocity curve was compiled from
the spectral data of [6–12], which were obtained in
1973–1997. Since the test undertaken in [13] demon-
strated that the theoretical radial velocities for the
HeI 4713 Å and Hγ absorption lines are very sim-
ilar, the velocities determined from both hydrogen
and HeI lines were included in the master radial-
velocity curve. Although the spectral data were sepa-
rated by considerable time intervals, they agree with
each other very well (Fig. 1). We took the orbital
period of the X-ray binary Cyg X-1 to be 5d.599829,
as follows from the analysis of a long series of obser-
vations [12].

The observed velocities were corrected for the sys-
temic velocity before their inclusion in the radial-
velocity curve. The systemic velocity of the close
binary derived from the spectral data of [6–12] is
2004 MAIK “Nauka/Interperiodica”
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Fig. 1. (a) Master observed radial-velocity curve for the optical star in the X-ray binary Cyg X-1. Filled circles represent
radial velocities derived from absorption lines of hydrogen and HeI. For comparison, theoretical radial-velocity curves for the
Roche model (solid) and point-mass model (dashed) are also presented. These curves were obtained for mx = 10.86M� ,
which corresponds to the minimum residual in the Roche model with mv = 20M� calculated using method 2 (i.e., excluding
the mean observed radial velocities at phases 0.4–0.6) and with an orbital inclination of 35◦. The parameters of the Roche
model are summarized in Table 2. (b) Radial velocities averaged over phase intervals (the average radial velocities within phase
intervals are presented by the filled circles). For comparison, theoretical radial-velocity curves for the Roche model (solid) and
point-mass model (dashed) with mv = 20M�, mx = 10.86M� , and i = 35◦ are also presented.
presented in Table 1. Let us discuss in more detail
each of these cited works.

A set of summer observations of HDE 226868
carried out in 1973 using a 2.54-m telescope are
presented in [6]. A total of 17 spectra at 6100–6800 Å
with a dispersion of 20 Å/mm were obtained. The
radial velocities were determined from the HeI 6678 Å
absorption line.

The spectral data presented in [7] were collected
from 1972 to 1975. The exposure time for these spec-
tra was 20–65 min. A total of 85 spectra were ob-
tained: 23 with a dispersion of 39 Å/mm obtained
using a 2.1-m Cassegrain telescope and 62 with
a dispersion of 63 Å/mm obtained using a 0.9-m
Cassegrain telescope. The radial velocity was derived
from absorption lines of hydrogen H9, H8, Hδ, Hγ,
helium HeI 4026 Å, and HeI 4471 Å.

Spectra obtained from 1971 to 1981 using a
1.88-m telescope are presented in [8]. A total of
78 spectra at 3700–4920 Å with dispersions of 12
and 16 Å/mm were recorded. The radial velocity
ASTRONOMY REPORTS Vol. 48 No. 7 2004
was measured using both absorption lines of hy-
drogen (Hβ, Hγ, Hδ, Hε, and H8−H16) and he-
lium (HeI 3819.606, 4009.270, 4026.189, 4120.812,
4143.759, 4168.971, 4387.928, 4387.928, 4471.507,
and 4713.143 Å).

Spectral observations obtained from 1980 to 1984
are presented in [9]. A total of 84 spectra were ob-
tained on a 1.22-m telescope with a dispersion of
40 Å/mm (or 0.6 Å per diode), a 1.83-m telescope
with a dispersion of 15 Å/mm (or 0.231 Å per diode),
and a 3.6-m telescope with a dispersion of 2.4 Å/mm
(or 0.036 Å per diode). The radial velocities were mea-
sured separately using absorption lines of hydrogen
and helium. The radial velocity for the hydrogen ab-
sorption lines was determined as the weighted mean
of the velocities for the Hβ, Hγ, and Hδ lines. The ra-
dial velocity for the helium lines was determined as the
weighted mean of the velocities for the HeI 4009.270,
4026.189, 4120.812, 4143.759, 4387.928, 4471.477,
4713.143, 4921.929, 5015.675, and 5047.736 Å ab-
sorption lines.

Observations of HDE 226868 carried out in
1985–1986 are described in [10]. A total of 14 spectra
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Table 1.Observation epoch, element whose line was used
to measure the radial velocity, number of spectra, and sys-
temic radial velocity of the optical component of Cyg X-1

JD 24400000+ Ele-
ment

Number of
spectra

γ veloc-
ity, km/s

Refe-
rence

41844–41290 HeI 17 –3.6 [6]

42205–42910 H, HeI 85 –5.3 [7]

41213–44795 H 78 –2.5 [8]

HeI 78 –4.2 [8]

44513–45895 H 56 –10.4 [9]

HeI 84 –5.6 [9]

46332–46635 HeI 14 –10.5 [10]

50228–50255 H 35 –7.5 [11]

HeI 35 –2.9 [11]

50615–50677 HeI 20 –2.1 [12]

were obtained on a 2.1-m telescope at 6500-6710 Å
with a dispersion of 0.14 Å per pixel. The exposure
time for each spectrum varied from 1–3 h. The signal-
to-noise ratio per pixel was S/N = 100−300. The
radial velocity was measured using the HeI 6678 Å
absorption line.

Observations of the optical component of Cyg
X-1 carried out in 1996 using the Isaac Newton
Telescope are presented in [11]. A total of 37 spec-
tra were obtained at 4100–4900 Å with a disper-
sion of 0.8 Å/mm, exposure times of 100–200 s,
and S/N > 100. The radial velocity was determined
relative to a standard spectrum of Cep 19 using a
cross-correlation method. The velocity was measured
separately for the absorption lines of hydrogen and
HeI. The HeI 4387.928, 4471.477, 4713.143, and
4921.929 Å absorption lines were used.

Spectra obtained using a Coudé spectrograph of
the 2.6-m telescope of the Crimean Astrophysical
Observatory are presented in [12]. A total of 20 spec-
tra with a dispersion of 3 Å/mm and a resolution
of 25 000 were recorded. The mean exposure time
was 1.5 h, yielding final signal-to-noise ratios S/N =
100. The width of the spectra was 60 Å. Before deter-
mining the radial velocity, the spectra were centered
on the HeII 4686 Å line. The radial velocity was
measured using the HeI 4713.143 Å line.

Thus, we collected 502 radial-velocity measure-
ments distributed fairly uniformly in orbital phase
(Fig. 1). To reduce the influence of random errors,
the radial velocities were averaged in phase intervals
with widths of 0.05 to 0.08. The mean radial-velocity
curves are presented in Fig. 1b. Quantrell et al. [14]
have shown that the errors in the observed radial
velocity of the optical star due to tidal gravitational
waves are random and, thus, can be suppressed by
averaging over many observations.

Due to the large number of measured radial ve-
locities (502 values) and the comparatively large half-
amplitude of the radial-velocity curve for the Cyg X-1
system (∼75 km/s), the relative errors of the nor-
mal points in the mean observed radial-velocity curve
are small (∼3%). This provides hope of being able
to simultaneously estimate the black-hole mass and
orbital inclination based on this radial-velocity curve.

3. INTERPRETATION OF THE AVERAGE
RADIAL-VELOCITY CURVE

The optical component in the close binary CygX-1
approximately fills its critical Roche lobe [15]. Due
to the tidal action with the relativistic companion,
the shape of the optical component is not spherical.
The side facing the relativistic component is heated
by X-ray radiation. These effects must be taken into
consideration when interpreting the observed radial-
velocity curve. We accordingly fit the curve in a
Roche model, which enabled us to implement a first
approximation to include these effects. A detailed
description of the Roche model is presented in [16],
and we do not repeat this information here. The
numerical values of the parameters for the X-ray
binary Cyg X-1 are summarized in Table 2.

The orbit was taken to be circular, since the or-
bital period (Porb � 5d.6) is comparable to the periods
of the X-ray binaries SMC X-1 (Porb � 3d.9) and
4U 1538-52 (Porb � 3d.7), whose orbits are circular,
according to the results of timing measurements for
X-ray pulsars [18, 19]. The coefficient of asynchro-
nism of the rotation f was taken to be 0.95, in accor-
dance with the results of Gies and Bolton [3], whose
analysis of the profile of the HeI 4471 Å line led them
to conclude that the coefficient of asynchronism was
close to unity. This also supports our assumption that
the orbit is circular [20, 21]. Since the radius of the
optical star is more than 0.25 of the radius of the rela-
tive orbit of the system, we can assume that the orbit
of the Cyg X-1 system has had time to circularize
since the formation of the black hole [20, 21]. It is
not possible to accurately determine the eccentricity
e from the radial-velocity curve of the optical star due
to the effect of the anisotropy of the stellar wind (for
more details, see [13, 22]).

The masses of both components and the orbital
inclination were treated as unknown parameters. We
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Table 2. Parameters used to synthesize the radial-velocity curves of the optical component of Cyg X-1 in the Roche
model

P , days 5.599829 Period

e 0.0 Eccentricity (postulated)

i, deg 30, 35, 40 Orbital inclination

45, 55, 65

µ 0.95∗ Roche-lobe filling by the optical component

f 0.95 Asynchronism of rotation of the optical component

Teff(K) 32 000∗∗ Effective temperature of the optical component

β 0.25 Gravitational darkening

kx 0.02 X-ray luminosity of the relativistic component/
bolometric luminosity of the optical component, Lx/Lv

A 0.5 Reprocessing of the X-ray radiation

u 0.3∗∗∗ Limb darkening

∗ Data taken from [15].
∗∗ Data taken from [4].

∗∗∗ Data taken from [17].
obtained multiple solutions of the direct problem us-
ing various parameter values. A series of masses of
the compact objectmx were considered for each mass
of the optical component mv from the discrete set of
values 20, 30, 40, 50, 60, and 70M� for a specified
orbital inclination i. This yielded the dependences of
the mass of the compact object on the mass of the
optical component for i = 30◦, 35◦, 40◦, 45◦, 55◦,
and 65◦.

The residual between the mean observed radial-
velocity curve and the theoretical curve was calcu-
lated using the formula

∆mx =

M∑
j=1

(nj − 1)

M

M∑
j=1

nj(Vj
teor − V̄j

obs)2

M∑
j=1

nj(nj − 1)σ2
j

, (1)

where V̄j
obs is the observed mean radial velocity in a

phase interval centered at φ̄j , Vj
teor is the theoretical

radial velocity at this phase, σj is the rms deviation for

V̄j
obs in the given phase interval centered at φ̄j , M is

the number of phase intervals, and nj is the number of
averaged observations of the radial velocity in a given
phase interval.

The quantity ∆(mx) is distributed according to a
Fisher law, FM,

∑M
j=1(nj−1),α [23]. If the significance

level α is specified, we can find a confidence set for the
unknown parameter mx for fixed values of i and mv.
ASTRONOMY REPORTS Vol. 48 No. 7 2004
This set is composed of values of mx for which the
following condition is satisfied [24]:

∆mx ≤ F
M,

M∑
j=1

(nj−1),α
.

In addition to the Roche model, we also found
solutions using a point-mass model. The results were
used to reveal discrepancies between the models.

Let us discuss the stellar wind from the optical
component in the Cyg X-1 binary in more detail. The
optical star is an O supergiant. The nonuniformity of
the gravitational force at its surface and heating of the
surface facing the relativistic companion disrupt the
isotropy of the stellar-wind outflow. The wind velocity
increases near the Lagrange point L1. This ismanifest
as an excess negative radial velocity near phase 0.5,
when the X-ray source is in front of the O supergiant
(Fig. 1). A detailed analysis of the anisotropy of the
stellar wind in an X-ray binary with OB supergiants
was carried out in [13]. This anisotropy leads to sys-
tematic errors in the observed radial-velocity curve.
We accordingly used the following two methods to fit
the mean radial-velocity curve.

Method 1. Using all the averaged observed radial
velocities.

Method 2. Excluding the observed radial veloci-
ties at phases 0.4–0.6, since they are most distorted
by the anisotropy of the stellar wind.

We adopted a significance level of 5%. Both the
Roche and point-mass models can be rejected at a
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Table 3. Dependence of mass of the relativistic component on mass of the optical component in the Roche model for
i = 30◦–65◦

mv ,M�
mx,M�

i = 30◦ i = 35◦ i = 40◦ i = 45◦ i = 55◦ i = 65◦

20 13.03+0.21
−0.21 10.86+0.21

−0.21 9.37+0.09
−0.09 8.31 6.92 6.12

30 16.36+0.24
−0.24 13.71+0.21

−0.21 11.89+0.09
−0.09 10.58 8.85 7.84

40 19.29+0.27
−0.26 16.24+0.21

−0.21 14.13+0.05
−0.05 12.59 10.56 9.36

50 21.98+0.29
−0.30 18.55+0.21

−0.21 16.16 14.43 12.12 10.76

60 24.47+0.31
−0.30 20.70+0.21

−0.21 18.06 16.14 13.58 12.06

70 26.83+0.33
−0.33 22.72+0.21

−0.21 19.85 17.74 14.95 13.29

Table 4. Dependence of mass of the relativistic component on mass of the optical component in the point-mass model
for i = 30◦–65◦

mv,M�
mx,M�

i = 30◦ i = 35◦ i = 40◦ i = 45◦ i = 55◦ i = 65◦

20 12.82+0.26
−0.26 10.68+0.21

−0.19 9.23+0.20
−0.19 8.19+0.16

−0.15 6.84+0.12
−0.12 6.06+0.11

−0.10

30 16.07+0.32
−0.31 13.48+0.25

−0.24 11.69+0.22
−0.20 10.41+0.20

−0.18 8.74+0.16
−0.16 7.76+0.14

−0.13

40 18.94+0.36
−0.36 15.95+0.29

−0.29 13.87+0.25
−0.25 12.38+0.22

−0.22 10.41+0.19
−0.17 9.27+0.17

−0.16

50 21.56+0.40
−0.41 18.20+0.33

−0.33 15.86+0.29
−0.27 14.17+0.25

−0.26 11.95+0.21
−0.20 10.65+0.19

−0.18

60 23.98+0.45
−0.44 20.29+0.38

−0.36 17.71+0.32
−0.31 15.84+0.28

−0.27 13.38+0.23
−0.23 11.93+0.20

−0.19

70 26.27+0.48
−0.48 22.25+0.40

−0.36 19.46+0.34
−0.34 17.42+0.30

−0.30 14.72+0.25
−0.25 13.14+0.22

−0.21
significance level ofα = 5% for method 1.We accord-
ingly identified method 2 as being preferable.

Analysis of the mean observed radial-velocity
curves indirectly taking into account the wind ani-
sotropy using method 2 yielded models that were
acceptable at the 5% significance level. Consequently,
it is important to bear in mind the anisotropy of
the stellar wind when interpreting the radial velocity
curves for OB stars in close binary systems [13,
22]. The behaviors of the residuals obtained using
the Roche and point-mass models for an orbital
inclination of 40◦ are presented in Fig. 2. The results
were used to construct the dependences of the mass
of the X-ray component on the mass of the optical
star (Figs. 3a and 3b). When the orbital inclination
is 40◦ and the optical component mass is speci-
fied to be 50M�, the minimum residual occurs for
mx = 16.16M� and is equal to the quantile of the
critical level. Therefore, the error band in Fig. 3a is
truncated at an optical-star mass of 50M�. At orbital
inclinations of 45◦ or more, no mass of the relativistic
component can fit the mean observed radial-velocity
curve at the 5% significance level, as will be discussed
in more detail below. Therefore, the component-mass
ASTRONOMY REPORTS Vol. 48 No. 7 2004
dependences for inclinations of 45◦, 55◦, and 65◦
derived by minimizing the residuals are presented in
Fig. 3a without error bands. The numerical results of
fitting the mean radial-velocity curve using method 2
in the Roche model are presented in Table 3, and
the results for the point-mass model are presented
in Table 4. The masses of the compact object for
which the models were rejected at the 5% significance
level are presented in Table 3 without the confidence
intervals.

Tables 3 and 4 show that the masses of the com-
pact object obtained in the Roche model are system-
atically slightly greater than those obtained in the
point-mass model (by∼2%).

The similarity of the masses of the compact object
obtained for these two models can be explained by the
following two reasons. First, the temperature of the
“nose” of the optical star is lower than the temper-
ature of most of its surface due to the low gravita-
tional acceleration near L1 (gravitational darkening).
Second, the heating of the part of the optical star
facing the X-ray source is low (kx = 0.02). Therefore,
the nose, which produces the largest perturbation to
the observed radial-velocity curve, contributes only a
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Fig. 4. Dependence of the mass of the compact object in
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presented in [25] and the radial-velocity curve.

small fraction of the integrated emission of the optical
component. This can explain the similarity of the
results for the Roche and point-mass models. The
influence of the heating coefficient on the shape of the
radial-velocity curve is discussed in more detail in [1].

4. MASSES OF THE COMPONENTS
OF Cyg X-1

Constraint on the Mass of the Black Hole
from the Radial-Velocity Curve

As follows from Fig. 3a and Table 3, the high-
accuracy mean observed radial-velocity curve enables
us to impose an upper limit on the orbital inclination
of the Cyg X-1 binary independent of the mass of the
optical starmv: i < 45◦. This upper limit can be used
to obtain a lower limit for the black-hole mass. The
mass of the compact object mx following from the
mass function of the optical star fv(m) is

mx = fv(m)
(

1 +
1
q

)2 1
sin3 i

. (2)

Since q = mx/mv > 0, expression (2) gives

mx > fv(m)
1

sin3 i
, (3)

where fv(m) can be determined from the expression

fv(m) =
P (1 − e2)3/2

2πG
K3

v . (4)
Note that the observed mass function fv(m)
corresponds to the real (nonpointlike) shape of the
star and, thus, is low when compared with a point-
mass model. We can take this into account when
using mass function (4) by substituting the quantity
Kv corresponding to the value of mx obtained in
the Roche model rather than the point-mass model.
We corrected the observed value of fv(m) for the
uncertainty in the parameters of the optical star. For
example, if the orbital inclination is i = 35◦, fv(m) =
0.245 ± 0.002M� in the point-mass model, while
the corrected mass function is fv(m) = 0.2571 ±
0.0006M� .When i = 40◦, fv(m) = 0.248± 0.002M�
in the point-mass model, while the corrected value is
fv(m) = 0.2580 ± 0.0007M� . We will take the mass
function of the optical component to be 0.258M� .
Using this new mass function and the upper limit
for the orbital inclination, i = 45◦, we can derive a
lower limit on the mass of the black hole from (3).
As a result, we find that the mass of the black hole in
the Cyg X-1 binary is mx > 0.73M�. We emphasize
again that this estimate was derived purely from a
single high-accuracy radial-velocity curve.

Estimating the Black-Hole Mass
from the Radius of the Optical Component

Fits of a high-accuracy light curve of Cyg X-1 for
distances to the system of 1.5, 2.0, and 2.5 kpc, which
correspond to radii of the optical component of 13.5,
18.0, and 22.5R�, are presented in [25]. The relation
between the component-mass ratio q and the orbital
inclination i was determined for the corresponding
degree of filling of the Roche lobe by the optical star.
Analysis of the light curve presented in [25] shows
that, if i < 31◦, the optical star must overfill its Roche
lobe if it is to produce the observed amplitude of the
optical light curve (∼0.04m). Overfilling of the Roche
lobe in Cyg X-1 is unrealistic from a physical point of
view, since Cyg X-1 is not associated with an object
such as SS 433. If the optical star in a massive X-ray
system overfills its Roche lobe, the rate of inflow of
material to the accretion disk is so high that the
disk becomes optically thick to X rays, and a bright
optical accretion disk is observed instead of an X-ray
source. Since a powerful X-ray source is observed in
Cyg X-1, we can reject the hypothesis that the optical
star overfills its Roche lobe. Therefore, the analysis of
the light curve provides a lower limit on the orbital
inclination of the Cyg X-1 binary: i > 31◦.

The analysis of spectra of the optical component
in a non-LTE approximation conducted in [4] yields
a radius for the optical star of 17R�. Based on this
radius and the fits to the light curve from [25], we
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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constructed the dependence of the mass of the rela-
tivistic component in Cyg X-1 on the orbital inclina-
tion (Fig. 4). The mass of the compact object for q
and i values corresponding to 17R� was calculated
using (2). Figure 4 shows that, given the limits on the
orbital inclination, i = 31◦−44◦, themass of the com-
pact object obtained in [25] should be 9.2−12.8M�.
We verified the dependence of the estimate of mx

on the radius of the optical star by considering two
additional radii, 16 and 18R�. These Rv values were
also used to construct the dependences of the black-
hole mass mx on the orbital inclination i (Fig. 4)
by fitting the light curve [25]. We can see in Fig. 4
that the corresponding dependences are fairly close to
each other: for the range of allowed orbital inclina-
tions 31◦ < i < 44◦, the range of black-hole masses
is 8.5−12.0M� and 10.0−13.6M�, respectively, for
Rv = 16R� and 18R�.

Therefore, taking the optical-star radius to be
Rv = 17 ± 1R�, we find that the mass of the black
hole in the Cyg X-1 binary is in the range mx =
8.5−13.6M�.

Estimate of the Black-Hole Mass Based
on Luminosity of the Optical Component

The detailed spectroscopic analysis of [4] yielded
both the radius Rv and the bolometric luminosity
log(Lv/L�) = 5.4 of the optical star in the Cyg X-1
system. This luminosity could then be used to obtain
an estimate of the optical star’s mass.

Themass–luminosity relation for the optical com-
ponents of X-ray binaries differs from the relation
for isolated stars [26]. An optical star in a close bi-
nary with a filled Roche lobe or an intense stellar
wind loses the upper layers of its atmosphere. As
a result, its surface temperature and luminosity are
greater than for an isolated star of the same mass.
Let us consider the mass–luminosity relation for OB
supergiants in X-ray binaries (which contain X-ray
pulsars for which eclipses are observed) presented in
Fig. 7 of [27]. The luminosity of the optical component
in Cyg X-1, log(Lv/L�) = 5.4, corresponds to the
mass 22M�, whereas the mass–luminosity relation
for noninteracting binaries gives the mass 28M� for
the same luminosity. We will take the mass of the
optical component to be 22M�. We used the relation-
ship between the masses of the optical star and the
compact object obtained in the Roche model (Fig. 3a)
to derive the dependence of the mass of the compact
object on the orbital inclination when mv = 22M�
(Fig. 4). With the allowed range of orbital inclina-
tions, i = 31◦−44◦, the mass of the compact object
should be in the rangemx = 9.0−13.2M�.

Therefore, the black-hole masses derived from the
radius of the optical component and a fit of the light
ASTRONOMY REPORTS Vol. 48 No. 7 2004
curve, on the one hand, and from the luminosity of
the optical star, on the other hand, agree very well.
Thus, we estimate the mass of the compact object to
bemx = 8.5−13.6M� for the allowed range of orbital
inclinations i = 31◦−44◦.

5. DETERMINING THE ORBITAL
INCLINATION

FROM THE RADIAL-VELOCITY CURVE

Let us consider the relations between the masses
of the components derived in the Roche model for i =
30◦, 35◦, 40◦, 45◦, 55◦, and 65◦ (Fig. 3a). We can see
that, beginning from i = 45◦, the theoretical radial-
velocity curves cannot fit the high-accuracy mean
observed radial-velocity curve at the 5% significance
level for any mass of the optical star.

Figure 5a presents plots of the residuals calculated
when determining the mass of the relativistic compo-
nent in the Roche model for i = 30◦, 35◦, 40◦, 45◦,
55◦, and 65◦ and the mass of the optical component
mv = 22M�. The minimum residual between the ob-
served mean and theoretical radial-velocity curves in
the Roche model increases with the orbital inclina-
tion. In other words, the model is sensitive to both the
mass of the compact object and the orbital inclination.
Additional calculations show that it is not possible
to obtain a description of the observed mean radial-
velocity curve at the 5% significance level for inclina-
tions above i = 44◦ and mv = 22M� for any mass of
the compact object.

Figure 5b shows plots of the residuals calculated
when determining the mass of the relativistic object
in the point-mass model for i = 30◦, 35◦, 40◦, 45◦,
55◦, and 65◦ and the mass of the optical component
mv = 22M�. The minimum residual is constant in
this case; i.e., the model is sensitive only tomx sin3 i.
In other words, some mass of the compact object that
satisfies the mean observed radial-velocity curve at
the 95% confidence level can be determined for any
orbital inclination; the minimum residual is always
the same.

The possibility of determining the orbital inclina-
tion from the high-accuracy mean observed radial-
velocity curve arises due to the method used to cal-
culate the radial velocity in the Roche model. The
radial velocity of a star is calculated from the shift of
the integrated Hγ line profile relative to its labora-
tory wavelength. The position of the core of the Hγ
absorption line at each phase of the orbital period is
determined as the average wavelength at one-third,
two-thirds, and one-half of the residual intensity of
the absorption line (for more details, see [1, 16]).

If the optical star were pointlike, the profile of
the absorption line would not change shape with the
phase of the orbital period and the Doppler shift of the
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point-mass model.
absorption-line core would correspond to the velocity
of the center of mass of the star. On the other hand,
since the optical component is actually a pear-shaped
object with a complex temperature distribution over
its surface, the absorption-line profile at each phase
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Fig. 6. Profile of the Hγ absorption line in the spectrum
of the optical star in Cyg X-1 for mv = 22M�, mx =
11.47M� and i = 35◦ at phase 0.0 (solid) and phase
0.25 (dash–dot) and for mv = 22M�, mx = 6.48M� ,
and i = 65◦ at phase 0.25.
differs from that formed by a point mass. The shift
of the core of the Hγ absorption line relative to the
laboratory value 4340.47 Å will no longer correspond
to the velocity of the center of mass. As a result, there
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0.40 was corrected for the Doppler shift, which was de-
termined as the mean of the shifts at residual-intensity
levels of one-third, two-thirds, and one-half.
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will be a discrepancy between the theoretical radial
velocities in the Roche and point-mass models for a
given orbital inclination.

For example, the core of the Hγ absorption line in
the point-mass model is shifted from the laboratory
value by 1.101 Å at phase 0.25, whereas the core is
shifted by 1.084 Å in the Roche model due to the
asymmetry of the profile. Figure 6 presents the Hγ
profiles in the Roche model at phase 0.0 (when the
optical component is in front of the compact object)
and at phase 0.25 for mv = 22M� and i = 35◦. The
Hγ absorption profile is symmetric at phase 0.0 due
to the symmetric distribution of the temperatures of
the emissive regions of the optical component. At
phase 0.25, the profile is asymmetric relative to the
Hγ profile at phase 0.0 (Fig. 6). To demonstrate the
effect of this asymmetry more clearly, we carried out
additional line-profile calculations for phases 0.0 and
0.40 for an orbital inclination of i = 80◦, with the
optical component filling its Roche lobe (µ = 1.0)
and the remaining model parameters equal to those
for Cyg X-1 (Table 2). The synthesized profiles are
presented in Fig. 7. We can see that the shape of the
Hγ profile varies with the phase of the orbital period.

Note that the theoretical profiles do not suffer from
the effect of smoothing by the instrumental profile of
a spectrograph, while the observed profiles used to
derive the radial-velocity curve were smoothed by the
corresponding instrumental profile. Since the radial
velocity was measured using fairly broad hydrogen
Balmer lines and HeI lines, and the resolution of the
observations was high, we can disregard the effect of
smoothing of the theoretical profiles by an instrumen-
tal profile.

In addition, we synthesized radial-velocity curves
from the Hγ absorption profile convolved with the
instrumental profile. These calculations were carried
out for two instrumental profiles with full widths at
half maximum FWHM = 7 Å and FWHM = 14 Å.
In a special calculation, the mass of the optical com-
ponent was taken to be mv = 22 M�, keeping the
other model parameters the same (Table 2). We con-
sidered a series of masses for the compact object
mx and orbital inclinations i = 30◦, 35◦, 40◦, 45◦, 55◦,
and 65◦. These calculations show that, as before, all
models with orbital inclinations exceeding 45◦ can be
rejected at the 5% significance level. The residuals
between the observed radial-velocity curve obtained
from the undistorted synthesized Hγ profile and the
profile convolved with the instrumental function were
very similar at various values of i. Therefore, the ob-
served radial-velocity curves of binaries withOB stars
(derived from HeI lines and Balmer hydrogen lines,
which are substantially broadened by the Stark effect)
can be interpreted using a synthesized Hγ absorption
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Fig. 8. Theoretical radial-velocity curve of the optical
star in the Cyg X-1 binary calculated for the parameters
corresponding to the minimum residual: mv = 22M�,
mx = 11.47M� , and i = 35◦ (solid curve) and mv =
22M� , mx = 6.48M� , and i = 65◦ (dash–dot curve).
The mean observed radial velocities of the optical star are
shown by the points.Although the amplitudes of the best-
fit radial-velocity curves are similar, the shapes of the
two curves are substantially different. Precisely this fact
enables us to impose constraints on the orbital inclination
i using the high-accuracy radial-velocity curve.

profile, neglecting the influence of the instrumental
function of the spectrograph.

In the case of a point source, if the orbital in-
clination is changed, the speed of the motion at a
given phase will change by the ratio of the sines of
the former and new orbital inclination angle (see, for
example, [28]). In the Roche model, the pattern will
change qualitatively when the inclination of the bi-
nary changes. Formerly hidden regions of the optical
component will appear in the observer’s plane of the
sky, while some previously visible regions disappear.
The observed line profile at a given phase will be
fundamentally different (Fig. 6).

For example, when i = 35◦ and mv = 22M�,
the minimum residual in the Roche model corre-
sponds to the mass of the compact object mx =
11.47M� . When i = 65◦ and mv = 22M�, the min-
imum residual in the Roche model corresponds to
mx = 6.48M�. The theoretical radial-velocity curves
for these cases are presented in Fig. 8. We can see
a qualitative difference between the radial-velocity
curves due to the variation in the orbital inclination.
When mx = 6.48M�, mv = 22M�, and i = 65◦, the
deviations of the radial velocities, determined by
the shift of the integrated Hγ profile relative to the
observed mean velocity, are too large to be acceptable
at the 95% confidence level.

Therefore, the high-accuracy radial-velocity curve
and the Roche model can be used to find an upper
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limit for the orbital inclination. The upper limit to
the orbital inclination of the Cyg X-1 binary is i =
44◦ for mv = 22M�. A light curve with a smaller
observational error (σ � 1 km/s) would enable more
precise estimation of the orbital inclination.

6. DEPENDENCE OF THE SHAPE
OF THE RADIAL-VELOCITY CURVE
ON THE ORBITAL INCLINATION

To study more carefully the effect of the orbital
inclination on the shape of the radial-velocity curve in
the Roche model, we calculated a series of theoretical
radial-velocity curves for various orbital inclinations
for both circular and elliptical orbits.

When synthesizing the radial-velocity curves for a
circular orbit, the mass of the optical star was taken
to be mv = 22M�, and the mass of the relativistic
component, to be mx = 11.47M� . This mass of the
compact object corresponds to the fit of the mean
observed radial-velocity curve for orbital inclination
35◦ (Table 3, Fig. 2a). The values of other parameters
of the Roche model were the same as before (Table 2).
Theoretical radial-velocity curves were synthesized
for orbital inclinations i = 30◦, 60◦, and 90◦. Since
the amplitude of the radial-velocity curves increases
with the orbital inclination, the theoretical radial ve-
locity was normalized to the maximum velocity in
the phase interval 0.0–0.5. These normalized radial
velocities for i = 30◦, 60◦, and 90◦ are presented in
Fig. 9a. Due to the small magnitude of the effect, this
figure presents only fragments of the relative radial-
velocity curves. The shape of the curve is sensitive
to the orbital inclination: the relative radial velocity of
the optical star increases at phases 0.3–0.5 (and the
reciprocal phase interval 0.5–0.8) with increasing i.

Theoretical radial-velocity curves for an orbit with
eccentricity e = 0.05 were calculated formv = 22M�
andmx = 11.47M�, which correspondsmv = 22M�
in the relation between the component masses for
i = 35◦ (Fig. 2a). Radial-velocity curves for i = 30◦,
60◦, and 90◦ were synthesized for the longitudes of
periastron ωv = 0◦, 90◦, 180◦, and 270◦. The theoreti-
cal values of the radial velocity were normalized to the
maximum velocity at phases 0.0–0.5. The theoreti-
cal relative radial-velocity curves for the optical star
for each longitude of periastron ωv = 0◦, 90◦, 180◦,
and 270◦ show variations in the shape of the radial-
velocity curves, with the velocity at phases 0.3–0.5
(and the reciprocal phases 0.5–0.8) increasing with
the orbital inclination. Due to the similarity of the
various figures, we present here only the set of relative
radial-velocity curves for ωv = 90◦ (Fig. 9b). Since
the effect has a small magnitude, only fragments of
the curves are presented in Fig. 9b.
To complete our study of the mean observed
radial-velocity curve, we estimated the eccentricity e.
This search was carried out both using all the ob-
served mean radial velocities and excluding the values
at phases 0.4–0.6.

In the search for the eccentricity using all the ob-
served mean radial velocities, we specified the mass of
the optical component to be mv = 22M�. The initial
value of the eccentricity was taken to be e = 0.05. The
solution was found by obtaining multiple solutions
of the direct problem, with the mass of the compact
object being a variable parameter and the other pa-
rameters of the Roche model being the same as before
(Table 2). The minimum residual, calculated using
(1), was reached for the mass of the compact object
mx = 13.5M� and the longitude of periastron of the
optical star ωv = 270◦−330◦, but this model was re-
jected at the 5% significance level. The mass of the
compact companion for which the minimum residual
was reached depended very weakly on the eccentric-
ity and longitude of periastron of the optical com-
ponent. If the eccentricity is reduced to 0.02–0.04,
models with ωv = 280◦−330◦ andmx = 13.5M� can
be accepted at the 95% confidence level. For other
longitudes of periastron of the optical component, the
models are still rejected. If the eccentricity contin-
ues to decrease to e = 0.01, the models are again
rejected for any longitude of periastron. Therefore, we
conclude that the nominal values of the eccentricity
and longitude of periastron of the optical star for
mv = 22M� and mv = 13.5M� are e = 0.03 ± 0.01
and ωv = 300◦ ± 30◦, clearly suggesting appreciable
influence of anisotropy of the stellar wind on the ob-
served radial-velocity curve [13, 22].

The search for the eccentricity excluding the mean
radial velocities at phases 0.4–0.6 was carried out
in the same way. The mass of the optical star was
specified to be 22M�. The minimum residual satisfy-
ing the critical level was reached for mx = 13.7M�,
e = 0.01−0.02, and ωv = 300◦ ± 40◦. The model is
rejected at the 5% significance level for all longitudes
of periastron beyond 300◦ ± 40◦ and all significantly
nonzero eccentricities.

Therefore, in the case e �= 0, the high-accuracy
radial-velocity curve of the X-ray binary likewise en-
ables us to impose an upper constraint on the orbital
inclination i in the Roche model.

7. CONCLUSIONS

The main results of this work are the relations be-
tween the masses of the optical and compact objects
for orbital inclinations i = 30◦, 35◦, 40◦, 45◦, 55◦, and
65◦ (Tables 3 and 4, Fig. 3) obtained in a Rochemodel
for the optical star.
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Fig. 9. The relative theoretical radial-velocity curves obtained in the Roche model for (a) mv = 22M�, mx = 11.47M� , and
e = 0.0 for i = 30◦, 60◦, and 90◦ and (b) mv = 22M� , mx = 11.47M� , e = 0.05, and ωv = 90◦ for i = 30◦, 60◦, and 90◦.
The remaining parameters of the Roche model are presented in Table 2. As in the case of a circular orbit, we can see the
dependence of the shape of the radial-velocity curve on the orbital inclination i when e �= 0.
Another important result is the basis this work
provides for estimating the orbital inclination i from
the high-accuracy radial-velocity curve of an X-ray
binary in a Roche model. The relations between
the masses of the compact object and optical star
(Fig. 3a) show that it is possible to estimate the
orbital inclination when fitting the observed radial-
velocity curve in a Roche model. Due to its asym-
metry, the synthesized absorption profile is fairly
sensitive to variations in the inclination of the binary.
For nearly any mass of the optical star, the upper limit
on the orbital inclination is i = 45◦; in the particular
casemv = 22M�, the upper limit is i = 44◦.

The mass of the relativistic component was esti-
mated using two independent methods. Using a B
light curve of Cyg X-1 and the fit obtained in [25]
and assuming the radius of the optical star to beRv =
17 ± 1R� [4], we found that the mass of the compact
object should be mx = 8.5M�−13.6M�. Assuming
the mass of the optical component to be 22M� and
using the mass–luminosity relation for X-ray bina-
ries [27] yieldsmx = 9.0M�−13.2M�. Therefore, the
black-hole masses derived from the radius of the
optical component and the light curve and from the
luminosity of the optical star are in good agreement.
Since we do not know the exact orbital inclination, it
is impossible to estimate the mass of the black hole
in Cyg X-1 uniquely; we can specify only a range of
possible masses. Based on the admissible interval of
ASTRONOMY REPORTS Vol. 48 No. 7 2004
orbital inclinations, 31◦ < i < 44◦, the mass of the
compact object in the Cyg X-1 binary should be in
the range mx = 8.5M�−13.6M�, which clearly ex-
ceeds the absolute upper limit on the neutron-star
mass 3M� predicted by general relativity. When the
accuracy of the observed radial-velocity curve is im-
proved, it will be possible to more accurately estimate
the orbital inclination and, consequently, the black-
hole mass. In addition, accurate measurements of
the distance to Cyg X-1 obtained by future space
astrometric observatories (such as GAIA, SIM, etc.)
will provide empirical estimates of the radius of the
optical star, enabling us to resolve the question of the
black-hole mass in the X-ray binary Cyg X-1.
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Abstract—We analyze photometric and spectroscopic observations of the close binary system V664 Cas.
All the characteristics of its radiation are consistent with the star being a cataclysmic variable with powerful
reflection effects. The orbital period is refined (P = 0.5816475 d) and the ephemerides of the system
determined. The U ,B, V , R light curves of V664 Cas display sinusoidal variations with similar amplitudes
near ∆m = 1.1m. This suggests that a hot spot on the surface of the secondary always dominates the
optical radiation of the system. The spectra contain emission lines, two-peaked hydrogen lines, and narrow
lines of helium and heavy elements in high ionization states, whose intensities vary synchronously with
the brightness. The HeII λ4686 Å line has broad absorption wings that form in the atmosphere of the
O subdwarf. The mass function, f(m) = 0.007M�, is the lowest among all precataclysmic variables:
the mass of the secondary exceeds the mass of the primary by more than a factor of 1.6. A full set of
fundamental parameters for V664 Cas is determined based on modeling of the spectra and light curves,
taking into account reflection effects in the system. Most of the emission lines are formed under conditions
of appreciable deviations from local thermodynamic equilibrium. The possibility of carrying out correct
modeling of the Balmer-line profiles assuming the stellar radiation is absorbed in a planetary nebula is
demonstrated. c© 2004 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

Precataclysmic variables form a class of close de-
tached binary systems containing hot subdwarfs or
white dwarfs together with low-luminosity late-type
stars [1]. The grouping together of systems of these
types by Ritter [1] turned out to be fully justified, since
this class includes objects in a general, intermedi-
ate phase of their evolution, between systems with
common envelopes, on the one hand, and cataclysmic
variables, on the other.

However, it is now usual to divide the class of
precataclysmic variables into three groups of objects,
which have appreciably different spectra and variabil-
ity amplitudes, as well as different types of primary
components. The first group includes old precata-
clysmic variables containing cooling white dwarfs (in
which more than 106 yrs have passed since the ejec-
tion of their common envelopes), while the second and
third groups include young precataclysmic variables
containing hot, low-luminosity sdB and sdO sub-
dwarfs. It is clear from models of the evolution of the
primaries of precataclysmic variables [2] that the first
group should contain many more systems than the
second group and even moreso than the third group.
1063-7729/04/4807-0563$26.00 c©
This has been confirmed by the statistics of discov-
ered new objects: among precataclysmic variables
found since the middle of the 1990s, more than 70%
are old systems. In addition, scaled spectroscopic
studies of weak blue stars have made it possible to
appreciably expand the list of precataclysmic vari-
ables containing sdB subdwarfs. One example of the
progress that has beenmade in this area is the work of
Morales-Rueda et al. [3], who determined the orbital
periods of 22 close binary systems, of which about
20% are likely precataclysmic variables. Note also
that, in most cases, studies have not been restricted
to the discovery of new objects, and various multi-
faceted analyses of these systems have been carried
out aimed at determining the largest possible sets of
parameters for the systems.

In contrast, progress in connection with the detec-
tion and investigation of young precataclysmic vari-
ables containing hot (Teff > 60 000 K) sdO subd-
warfs has been relatively modest. For example, only
one or two systems of this type were discovered from
1985 to 2002 (TW Crv [4] and HS 1136+6646 [5]),
with parameters being determined only for two previ-
ously known systems (BE UMa and UU Sge). The
absence of more substantial progress in this area is
2004 MAIK “Nauka/Interperiodica”
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only partly explained by the relatively small number of
young precataclysmic variables in the Galaxy, since
their high luminosities and the unique characteristics
of their radiation (high variability amplitudes ∆m >
0.5m, numerous emission lines, and their association
with planetary nebulas) help make them compara-
tively easy to study. Expansion of the list of well-
studied objects in this group has been appreciably
hindered by the disproportionate attention paid to
certain individual stars. It suffices to point out that, at
present, results have been published for nine studies
of BE UMa, five studies of UU Sge, and only four (!)
studies of other systems. The five stars identified by
De Kool and Ritter [6] as promising young precata-
clysmic variable candidates (V664 Cas, VWPyx, and
the cores of the nebulas Abell 65, SP1 and Ht Tr4)
remained virtually unstudied up to 2000. However, as
is demonstrated by the results of Exter et al. [7], some
of these objects have properties that were discovered
for the first time among precataclysmic variables, in
terms of both the parameters of their components
and their characteristic radiation. This makes ob-
servations and analyses of the remaining candidate
precataclysmic variables with sdO primaries topical.

V664 Cas was first discovered as the core of the
planetary nebulaHFG1 byHeckathorn and Fesen [8],
who estimated the effective temperature of the sub-
dwarf to be Teff = 50000−60 000K.High-amplitude
variability with ∆mB ≈ 1.1m and an orbital period
of Porb = 0.5816d were found by Grauer et al. [9],
who also noted the presence of numerous emission
lines in the spectrum of the system. Grauer et al. [9]
proposed that V664Caswas a close, detached system
that had finished its common-envelope stage, i.e., it
was a precataclysmic variable. Later, based on low-
resolution spectra, Acker and Stenholm [10] classi-
fied this object as a polar with a prolonged orbital
period. However, V664 Cas is listed as a precata-
clysmic variable in the subsequent catalog of Ritter
and Kolb [11], in agreement with the photometric
observations of [12, 13]. Thus, there has been no
conclusive determination of the evolutionary status of
this system, and no estimates of its parameters have
been published.

We carried out photometric and spectroscopic ob-
servations of V664 Cas at various phases of its or-
bital period. We show that the star is a young pre-
cataclysmic variable with an unusual component-
mass ratio for systems of this type. Section 2 con-
tains a brief description of the observations and data-
reduction methods used. In Section 3, we present
the observed spectra, light curves, and radial-velocity
curves of the system, together with the results of our
analysis of these data. We derive a full set of funda-
mental parameters for V664 Cas based on theoretical
modeling of the system’s radiation in Section 4. Sec-
tion 5 contains a discussion of the various features of
the object’s spectra, including its unique, two-peaked
Balmer lines.

2. OBSERVATIONS

2.1. Photometry

Our photometric observations of V664 Cas were
carried out on a three-channel, rapid B,V,R elec-
trophotometer mounted on the 70-cm telescope of
the Kourov Astronomical Observatory. The bright-
ness of the system was measured over three nights
in March 2000, in parallel in the B and R filters,
with exposure times of 2.5 min. We also simultane-
ously made observations of a number of field stars
with mV = 13m−15m in order to exclude variations
of the brightness of V664 Cas due to variations in the
observing conditions. The total duration of the three
sets of observations was about 23 h, and the observa-
tions encompass all phases of the orbital period. The
mean error in a single brightness measurement was
∆mB,R = 0.02m.

2.2. Spectroscopy

Our spectroscopic observations of V664 Cas were
carried out on the 6-m telescope of the Special As-
trophysical Observatory using a long-slit spectro-
graph [14] and a 1024 × 1024 Photometrics CCD
(with pixel size 24 × 24µm) mounted at the prime
focus. The observations were obtained on August
26–28, 2001, March 23, 2002, and August 16, 2002.
In all cases, a diffraction grid with 1302 lines/mmwas
used, providing a dispersion of 1.2 Å/pixel. We chose
to observe thewavelength range∆λ = 3930−5100 Å,
which contains the maximum number of emission
lines of hydrogen and heavy elements. The size of the
stellar images did not exceed 2.3′′, which determined
the resulting resolution of the spectra of V664 Cas,
∆λ = 2.9 Å. On each night from August 26 to 28,
2001, we obtained six individual successive spec-
trograms with exposures of 180 s, while four spec-
trograms with exposures of 300 s were obtained on
each of the nights of March 23 and August 16, 2002.
The mean signal-to-noise ratio for the August 2001
and August 2002 spectrograms was s/n = 45−75.
The March 23 observations were carried out under
unfavorable conditions, resulting in a lower signal-
to-noise ratio, s/n ≈ 20, and could be used only for
the radial-velocity analysis. For use in the calibra-
tion of the wavelength scale and flux level in the
radial-velocity analysis, we also obtained spectra of
an ArNeHe lamp, the spectrophotometric standard
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Fig. 1. Observed (circles) and theoretical (solid curves) light curves for V664 Cas in the (a) U , (b) B, (c) V , and (d) R bands.
BD+28 2106 from the survey [15], and the precata-
clysmic variable BE UMa. A log of the observations
is presented in Table 1, which contains data on the
Julian dates of the observing epochs JD, the orbital
phases ϕ according to our own ephemerides (see be-
low), and the measured heliocentric radial velocities
of the secondary Vr(obs).

The reduction of the spectrograms was carried
out using standard techniques in the MIDAS pack-
age [16].
ASTRONOMY REPORTS Vol. 48 No. 7 2004
3. CHARACTERISTICS
OF THE RADIATION OF V664 Cas

3.1. Light Curves and Ephemerides

A preliminary analysis of ourB-band photometric
observations of V664 Cas showed that the amplitude
of the brightness variations was identical to that for
the data of [12]. This enabled us to use our data
jointly with the data of [12] to construct the light
curves of V664 Cas and determine the ephemerides
of the system. We used the value HJD 2451470.5241
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Table 1.Spectroscopic observations of V664 Cas. JD is Julian date; ϕ, orbital phase; and s/n and Vr, the signal-to-noise
ratio and heliocentric radial velocity of the secondary for the averaged spectrograms

JD 2452000+ ϕ s/n Vr, km/s JD 2452000+ ϕ s/n Vr , km/s

149.455 0.760 109 –4.0 149.469 0.784 103 0.5

149.460 0.768 149.472 0.790

149.465 0.776 149.476 0.797

150.377 0.345 140 92.9 150.389 0.366 127 89.3

150.381 0.351 150.392 0.371

150.385 0.358 150.397 0.379

151.366 0.045 78 58.4 151.381 0.072 84 56.9

151.374 0.058 151.385 0.079

151.378 0.066 151.390 0.086

356.333 0.437 44 62.3 503.510 0.471 101 55.3

356.337 0.443 503.514 0.478

356.341 0.450 503.518 0.485 108 48.1

356.345 0.457 503.522 0.491
obtained in [13] for the epoch of maximum brightness
as a check. The total interval covered by the observa-
tions was 2360 days, which enabled us to derive the
orbital period with an accuracy of about 0.000002d.
Our analysis yielded the following ephemerides for
V664 Cas:

JD = 2451623.059(±0.001)
+ 0.5816475(±0.0000022)E,

whereE = 0.0 corresponds to theminimum reflection
effects. U , B, V , and R light curves calculated using
this ephemerides are presented in Fig. 1. Approx-
imation of the light curves by the three-parameter
relations

m = A + B cosϕ + C cos 2ϕ

showed that C/B < 0.02 for all the bands studied.
The very small value of the coefficientC testifies to the
weakness of effects due to asphericity of the compo-
nents of V664 Cas. As has been noted earlier [9, 13],
the total amplitudes of the brightness variations ∆m
are nearly the same over the entire visible spectrum:
∆mB = 1.12m, ∆mV = 1.15m, and ∆mR = 1.15m.
Note also the similar value ∆mI = 1.12m obtained
in [13] for the infrared variations. The stability of the
brightness-variation amplitude over a broad spectral
interval suggests that the radiation of V664 Cas is
dominated by the flux of a hot spot observed at various
projections, i.e., that the orbital inclination is small.
The contribution of the primary begins to appreciably
increase only at the frequencies of the Balmer contin-
uum, since the U-band amplitude is ∆mU = 1.03m.

3.2. Spectra

Figure 2 presents averaged, normalized spectra
of V664 Cas for several orbital phases, while Fig. 3
presents a mean spectrum with s/n ≈ 280 for phases
near maximum brightness, ∆ϕ = 0.25−0.75, ob-
tained by adding the individual spectrograms tak-
ing into account their radial velocities (see below).
The mean spectrum of the precataclysmic variable
BE UMa for phases ∆ϕ = 0.40−0.60 is presented
for comparison. The spectra of V664 Cas contain nu-
merous emission lines of hydrogen, helium, and heavy
elements in high ionization states, whose intensity
varies synchronously with the brightness variations.
Our identifications of the lines observed in the mean
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Fig. 2.Normalized observed spectra of V664Cas for orbital phasesϕ = 0.78, 0.48, 0.36, and 0.07. The spectra are successively
shifted along the vertical axis by 0.2.
spectrum and data on their equivalent widths Wλ
are presented in Table 2. The initial identifications
were based on synthetic spectra calculated using
the SYNTH program and the model atmosphere
of Kurucz with Teff = 26000 K, log g = 4.0, and
[A] = 0.0 [17]. After determining the parameters
of V664 Cas (see below), we carried out a new
identification of the observed lines using the resulting
synthetic spectra for the system.

Overall, the spectra of the two cataclysmic vari-
ables have a similar set of emission lines, which con-
firm that the lines in V664 Cas are formed under the
action of reflection effects in the vicinity of a hot spot
on the secondary. The lower intensity of the lines of
metals and helium in the spectra of V664 Cas is due
primarily to the lower amplitude of reflection effects
for these lines. Therefore, we suggest that the chemi-
cal composition of the secondary does not differ quali-
tatively from that of the secondary of BE UMa, which
has been shown by Ferguson et al. [18] to be close
to the solar composition. However, comparison of our
set of Wλ values for V664 Cas with the analogous
data of [19] for BE UMa reveals an enhancement of
ASTRONOMY REPORTS Vol. 48 No. 7 2004
the lines of NII, NIII, MgII, and SiIII relative to those
of OII, CII, and CIII, which may provide evidence
for overabundances of nitrogen, magnesium, and sil-
icon. As was analyzed earlier in [20], these overabun-
dances are associated with the accretion of material
from the primary enriched in the products of nuclear
synthesis onto the surface of the secondary during
the common-envelope phase. Overall, the presence of
lines of highly ionized ions in the spectra enables us
to obtain a preliminary estimate of the atmospheric
temperature of the plasma in the hot spot, ∆Te =
19000−25 000 K.

All the emission lines of helium and heavy ele-
ments have half-widths ∆λ < 3.4 Å, determined pri-
marily by the instrumental function of the spectro-
graph. Analysis of the profiles of the narrowest un-
blended lines yielded an upper limit for the rotational
velocity of the secondary of about V sin i = 35 km/s.
The broad absorption wings of the HeII λ4686 Å
line (∆λ ≈ 20 Å) are shifted from the emission core
and do not change their intensity with orbital phase
(Fig. 2). This is consistent with the suggestion by
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Fig. 3. Mean observed spectra of V664 Cas (solid curve) and BE UMa (dashed curve) for phases ∆ϕ = 0.25−0.75.
Exter et al. [21], who detected similar HeII absorp-
tion wings in spectra of the precataclysmic variable
VW Pyx, that these features are formed in the hot
star. However, the weakness of the absorption wings
and the distortion brought about by the emission core
prevents us from reliably measuring the radial velocity
of the primary.

As we can see in Figs. 2 and 3, one distinguishing
feature of the spectra of V664 Cas is the presence
of broad, two-peaked Balmer lines. The widths of
the emission wings of these lines are 10−15% larger
than those in the spectra of BE UMa and corre-
spond to velocity dispersions of∆Vl = 900 km/s. The
strong Stark broadening of the Balmer lines testifies
to their formation in dense layers of the secondary’s
atmosphere where the surface gravity is equal to or
exceeds the value log g = 3.95 determined by Fer-
guson et al. [22] for the red dwarf in the BE UMa
system. Our analysis of the central dips in the Hβ,
Hγ, and Hδ lines shows that their wavelength does
not vary with the orbital period and, thus, they move
through the observed emission profiles. As a conse-
quence, the central dips in Fig. 3 are clearly visible
only in the Hβ line, whose intensity is maximum. The
distance between the two emission peaks for all the
two-peaked lines corresponds to a velocity difference
of ∆Vl = 300−340 km/s, which is smaller than the
characteristic value for cataclysmic variables. We will
consider possible origins of the two-peaked Balmer
lines below.

3.3. Radial Velocities

The large number of emission lines observed
against the background of the flat continuum and
their small widths enable us to determine the radial
velocity of the cool star Vl via a cross-correlation
analysis of the spectra. This analysis requires the use
of comparison spectra with similar sets of lines with
similar intensities. For a preliminary radial-velocity
analysis, we used spectra of the precataclysmic vari-
able BE UMa, which is an excellent spectroscopic
analogue of V664 Cas (Fig. 3) and has a well-
studied radial-velocity curve. Further, after finding
the parameters of the system and numerical modeling
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Table 2. Identified lines in the spectrum of V664 Cas (Wλ is the measured equivalent width in the mean spectrum)

λ, Å Wλ, Å Identification λ, Å Wλ, Å Identification

3945 0.240 OII(3945) 4471 1.110 HeI(4471),

3970 5.010 Hε, He(3964) OII(4465, 4467, 4469)

3995 0.120 NII(3995) 4481 0.260 MgII(4481, 4481),

4009 0.235 HeI(4009) AlIII(4479, 4479)

4026 0.970 HeI(4026) 4489 0.090 OII(4488, 4489, 4489)

4042 0.200 NII(4041, 4043) 4514 0.630 NIII(4510), OII(4514),

4060 0.130 OII(4060, 4061) CIII(4515, 4516)

4070 1.120 OII(4069, 4069, 4072) 4522 0.110 NeII(4522), NIII(4523)

4088 0.480 OII(4089), SiIV(4088) 4529 0.090 NII(4530),

4102 5.370 Hδ AlIII(4528, 4529)

4120 0.530 HeI(4120), 4541 0.360 HeII(4541)

OII(4119, 4120, 4121) 4552 0.170 SiIII(4552)

4131 0.095 OII(4132) 4568 0.230 SiIII(4567)

4144 0.430 HeI(4143), 4591 0.190 OII(4591)

OII(4141, 4142, 4145) 4596 0.210 OII(4596)

4153 0.110 OII(4153), CIII(4152) 4602 0.240 OII(4602), NII(4601)

4163 0.070 CII(4162) 4609 0.310 OII(4609), NII(4607)

4169 0.080 HeI(4168), OII(4169) 4619 0.280 CII(4618, 4619)

4187 0.460 OII(4185, 4189) 4632 1.170 NII(4630), SiIV(4631, 4631)

4199 0.310 HeII(4199), 4640 1.490 OII(4638, 4641), NIII(4640)

NII(4199), NIII(4200) 4649 2.870 OII(4649, 4650),

4211 0.025 SiIV(4211) CIII(4647, 4650, 4451)

4219 0.040 NeII(4219) 4661 0.410 OII(4661)

4241 0.190 NII(4241) 4676 0.110 OII(4676)

4253 0.160 OII(4253, 4254) 4686 0.850 HeII(4685)

4267 0.410 CII(4267) 4705 0.260 OII(4705)

4276 0.260 OII(4275, 4276, 4276, 4277) 4713 0.480 HeI(4713)

4285 0.140 OII(4283) 4751 0.100 OII(4751)

4291 0.220 OII(4291) 4787 0.110 NII(4788)

4303 0.110 OII(4302, 4303, 4303, 4303) 4803 0.100 NII(4803)

4318 0.310 OII(4317, 4319, 4319) 4828 0.055 SiIII(4828)

4340 4.640 Hγ 4862 4.260 Hβ

4367 0.170 OII(4366, 4369) 4906 0.170 OII(4906)

4372 0.190 CII(4372, 4372) 4922 0.780 HeI(4921)

4378 0.490 OII(4378, 4378) 4942 0.310 OII(4941, 4943)

4388 0.410 HeI(4387) 4993 0.085 NII(4994)

4415 0.810 OII(4414, 4416) 5003 0.660 NII(5001, 5001, 5005)

4435 0.190 HeI(4437), NII(4432) 5015 0.390 HeI(5015)

4448 0.300 OII(4446, 4448, 4448), 5047 0.120 HeI(5047), NII(5045)

NII(4447) 5090 0.110 SiIII(5091, 5091)
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Fig. 4. Radial-velocity curves for the V664 Cas sec-
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for models with a circular and elliptical orbit, respectively.

of its spectra (see below), we revised the Vl values
using the new theoretical spectra. We accurately took
into account the radial velocities of various parts of
the surfaces of both components when computing
these spectra. This enabled us to determine values of
Vl for the center of mass of the secondary, which differ
from the values V

′
l obtained using the Doppler shifts

of the emission lines. This difference arises exclusively
during the formation of emission lines in the zone of a
hot spot on the surface of an irradiated star with a high
rotational velocity. Therefore, it is important to take
into account the rotational velocity of the secondary
when deriving its radial velocities. Since we estab-
lished earlier the upper limit V sin i ∼ 35 km/s, our
subsequent theoretical modeling used the fixed value
V sin i = 30 km/s. Note that this rotational velocity
is substantially lower than the velocity that would be
synchronous with the orbital motion, but, as we will
show below, our choice of V sin i has a reasonably
firm physical basis.

The Vl values were computed by minimizing the
integral
λ2∫

λ1

(I1
λ − 1)(I2

λ − 1) dλ, (1)

where I1
λ and I2

λ are the intensities in the normalized
comparison spectra and the spectra of the studied
star, and the integration is carried out over the entire
spectral range studied. To avoid possible errors in Vl
due to the unusual two-peaked profiles of the Balmer
lines, we excluded portions of the spectrum within
∆λ = 2.5 Å of the centers of these lines from the
analysis. To increase the accuracy of the Vl values,
we determined them using spectra summed from all of
the three spectograms for August 2001, the two spec-
trograms for August 2002, and all the spectrograms
for March 2002. This yielded nine heliocentric radial
velocities for the secondary, presented in Table 1 and
Fig. 4. We estimate the accuracy of the Vl values to
be σ = 3−6 km/s, depending on the signal-to-noise
ratios in the spectra.

Our analysis of the radial-velocity curve for the
secondary using a model with a circular orbit showed
substantial deviations (to ∆Vl = 10 km/s) of the ap-
proximating sinusoid from the observational data. We
therefore constructed an alternative Vl curve using a
model with an elliptical orbit. Note that the sinusoidal
shape of the observed light curves does not rule out
the possibility of an elliptical orbit, since such a shape
could come about if the orbit’s perigee is near phase
ϕ = 0.0 or 0.5 and the inclination of the orbit is small.
Table 3 presents the results of our analysis of Vl for
both orbits, while Fig. 4 shows the resulting theoret-
ical curves.

It is clear that using the elliptical-orbit model
makes it possible to bring the approximation curve
into agreement with the observational data within the
likely errors σ. The orbital eccentricity obtained in
this case (e = 0.09) is admissible for close binary sys-
tems that have passed through a common-envelope
stage, and the passage of the perigee point indeed
coincides with phase ϕ = 0.5. However, we consider
the hypothesis that the orbit is circular to be prefer-
able, since no other precataclysmic variables with
appreciable orbital eccentricities (e > 0.05) have been
found. Further spectral observations of V664 Cas are
required to resolve the question of the shape of its
orbit.

We obtained similar radial-velocity amplitudes
for the secondary in both models (Kr = 48.7 and
49.2 km/s), which correspond to the mass function

f(m) =
M3

1

(M1 + M2)2
sin3 i = (0.0068−0.0072)M�.

(2)
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Since the V664 Cas primary is the core of a planetary
nebula with a minimum mass of M1 = 0.55M� [2],
this value of f(m) provides unambiguous evidence for
a large secondary mass, even if the orbital inclination
is close to i = 30◦. Based on their determination of
f(m) = 0.05M� for VW Pyx, Exter et al. [21] stud-
ied in detail the possible existence of precataclysmic
variables whose secondaries have masses equal to
or exceeding their primary masses. Although they
concluded that there was not a sufficiently firm basis
for this hypothesis, we consider this to be a realistic
possibility, since the component-mass ratios for the
FF Aqr and V471 Tau systems have been reliably
determined to be q = 0.25 [23] and q = 0.89 [24].
Therefore, supposing that M1 = 0.55−0.60M� and
i = 26◦−30◦, we obtain the estimates q = 0.48−0.62
andM2 = 0.90−1.30M�.

4. PARAMETERS OF V664 Cas

The modest inclination of the V664 Cas orbit and
the deficiency of observational data on the primary
in the system seriously hinder the derivation of the
fundamental parameters of this star. The only means
for finding these parameters is modeling the reflection
effects in the light curves and spectra of the system.
Therefore, we carried out an analysis of the reflection
effects based on computed models of irradiated stellar
atmospheres [25, 26]. The version of the SPECTR
program we used, which realized this method, was
identical to that used earlier to study the old pre-
cataclysmic variables MS Peg and LM Com [27]. It
is designed for computations of models of irradiated
atmospheres, taking into account radiation from local
areas on the surfaces of both stars and the incident
flux from the neighboring component [26]. We com-
puted the specific intensity Iλ of the radiation emitted
at various angles to the surface in the wavelength in-
terval ∆λ = 3000−11000 Å in steps of ∆λ = 0.04 Å.
The Iλ values were found including the continuous
sources of opacity specified in the SPECTR pack-
age [25], 530 000 lines from the list [17], and the
molecular bands derived by Ya. Pavlenko in accor-
dance with the theory of Nersisyan et al. [28]. The
resulting theoretical spectra of V664 Cas were com-
puted by summing the specific intensities of all areas
at each of 72 orbital phases, taking into account their
sizes, visibilities, and radial velocities relative to an
observer. The resulting spectra were convolved with
the instrumental function of the spectrograph, and
theoretical light curves were obtained by convolving
with the transmission curves in the Johnston system,
in accordance with the data of [29]. Preliminary com-
putation of the atmosphere models for blue subdwarfs
with Teff = 60000−110 000 K and log g = 5.5−6.2
were carried out using the BINARY3 code [30].
ASTRONOMY REPORTS Vol. 48 No. 7 2004
Table 3. Parameters of V664 Cas (the subscripts 1 and 2
denote quantities obtained for models with a circular and
elliptical orbit)

Parameter
Component

primary secondary

Porb, days 0.5816475± 0.0000022

JD(ϕ0) 2 451 623.059± 0.001

K , km/s 48.71 ± 1.2

49.22 ± 1.0

γ, km/s 43.31 ± 0.9

42.82 ± 0.9

e 0.09 ± 0.01

ω 177◦ ± 5◦

q 0.52 ± 0.02

Teff , K 83 000± 6000 5400 ± 500

log g 5.65 ± 0.05 4.23 ± 0.06

M/M� 0.57 ± 0.03 1.09 ± 0.07

R/R� 0.19 ± 0.02 1.30 ± 0.08

A/R� 3.37 ± 0.06

i 28◦ ± 2◦

The computation of the spectra of the system us-
ing this method requires that the effective tempera-
tures, masses, radii, orbital and rotational velocities of
the components, and the semimajor axis and inclina-
tion of the orbit be specified. Our test computations
showed that, when modeling the reflection effects in
V664 Cas, the determining factor is the temperature
of the blue subdwarf. Based on an analysis of ul-
traviolet spectra of the object, Heckathorn and Fe-
sen [8] derived the estimate Teff = 50000−60 000 K
but pointed out the strong effect of interstellar ex-
tinction and the planetary nebula on their results.
This temperature cannot reproduce the observed am-
plitudes of the brightness variations for any values
of the remaining parameters without the addition of
accretion or eclipses. We therefore concluded that the
temperature and luminosity of the primary are higher
than is indicated by the data of [8]. As a result, the
volume of analyzed observational data for V664 Cas
is insufficient for a direct determination of the sys-
tem’s parameters, and we additionally made use of
the evolutionary tracks for hot subdwarfs of [2], which
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Fig. 5.Distribution of the temperatureTe with the Rosse-
land opacity τr in the atmosphere of the secondary for var-
ious points inside and outside the hot spot. The numbers
indicate the angle of incidence of the external radiation.

relate the stars’ temperature and luminosity with their
mass. When searching for the optimal parameters for
V664 Cas, we tried to reproduce the observed ampli-
tudes and shapes of the light curves in all bands, the
mass function f(m) = 0.007M�, and the estimated
temperature in the hot-spot zone ∆Te ≈ 23 000 K
found earlier. The resulting parameters are presented
in Table 3, the corresponding theoretical light curves
in Fig. 1, and the temperature structure of the sec-
ondary atmosphere at various points inside and out-
side the hot spot in Fig. 5.

We can see from Table 3 that the mass of the
V664 Cas primary occupies an intermediate posi-
tion between ordinary blue sdB subdwarfs and the
most massive sdO subdwarfs encountered in pre-
cataclysmic variables, in BE UMa, UU Sge, and
KVVel. The nearest analogue is the subdwarf in V477
Lyr, which has a mass of M1 = 0.52M� and Teff =
60000 K. According to [2], such objects should be
formed in the evolution of stars with initial masses
M ≈ 3.0M� over a time T = 3 × 108 yrs. This sug-
gests that V664 Cas belongs to the thin disk of our
Galaxy, in agreement with the high abundance of
heavy elements in the atmosphere of the G star.

The question of the current physical state of the
V664 Cas secondary requires a separate discussion,
since the derived mass of this component depends
strongly on the adopted rotational velocity. Our use
of the value V sin i = 30 km/s, which provides an
enhancement in the radial-velocity amplitude by
∆Kr = 9.4 km/s, yields a mass for the G star of
about M2 = 1.1M�. In this case, the luminosity
of the star is higher than the corresponding main-
sequence stars by a factor of 1.2−1.3, as is char-
acteristic of the best studied young precataclysmic
variables [18, 31, 32]. This excess luminosity of the
secondary is explained by residual excitation after the
common-envelope phase. Since V664 Cas is clearly
a young precataclysmic variable, the presence of an
excited secondary in the system is quite probable.
Therefore, we do not believe there is a good basis to
lower the rotational velocity of the secondary, which
would lead to an increase in its mass. At the same
time, a substantial increase in V sin i (by more than
8.0 km/s) is likewise unacceptable. For example, with
our resulting set of parameters for V664 Cas, the
radius of the G star is close to the radius of the Roche
lobe (R2 = 1.39R�), which admits the possibility of
weak accretion onto the blue subdwarf via the stellar
wind. When the mass of the secondary is decreased
to M2 = 1.0M�, it should overfill its Roche lobe and
the system should become a cataclysmic variable.
However, none of the observational characteristics
of V664 Cas indicate the presence of mass transfer
in the system, convincing us of the correctness of our
derived value forM2.

5. FORMATION
OF THE SPECTRUM OF V664 Cas

We used the parameters we obtained to compute
a blanketed mean spectrum for V664 Cas for phases
near maximum brightness, ∆ϕ = 0.25−0.75. Fig-
ure 6 shows this spectrum and the observed spectrum
for these phases. This comparison enables us to draw
a number of conclusions about the conditions under
which the lines are formed and the accuracy of our
method for modeling them.

1. There is good agreement between the theo-
retical and observed profiles of many weak lines of
heavy elements in the second ionization state, and
also for most HeI lines. We therefore conclude that
the material in the layers in which these lines are
formed, −1.0 < log τr < 0.0, is close to a thermalized
state. The stronger HeI λλ4026, 4471 Å line is formed
partially in the hot Lyman chromosphere with−2.0 <
log τr < −0.7. As was shown in [33], the appearance
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Fig. 6. Observed (solid curve) and theoretical (short-dashed curve) mean spectra of V664 Cas at phases ∆ϕ = 0.25−0.75.
The long-dashed curve in the lower panel shows the profile of the Hβ line without allowance for absorption in the nebula
(see text).
of a “superrecombination” state is characteristic of
weakly ionized elements in a Lyman chromosphere,
leading to a weakening of emission lines, as is ob-
served for the HeI λλ4026, 4471 Å line.

2. The observed intensities of the strong
OII λ4071 Å NII λ4630 Å, and especially the
NIII λ4640 Å CIII λ4649 Å lines appreciably ex-
ceed the theoretical values. The region of formation
of all these lines lies only in layers of the Lyman
chromosphere with −4.0 < log τr < −1.0, for which
a thermalization approximation would clearly be
erroneous. The excess intensity of the lines of highly
ionized elements indicates their “superionization” by
hard ultraviolet radiation, which can be modeled only
in a non-LTE approach.

3. We were not able to obtain a satisfactory
agreement between the observed and theoretical HeII
line profiles. As we can see from Fig. 6, the observed
HeII λλ4200, 4541 Å line is appreciably weaker
ASTRONOMY REPORTS Vol. 48 No. 7 2004
than the model value, while the discrepancy for the
HeII λ4686 Å line is smaller. At the same time, it
is not possible to reproduce the observed absorption
wings of the HeII λ4686 Å line, since the contribution
of the blue subdwarf to the total flux of the system
does not exceed 15% at these wavelengths. These
problems can be partially eliminated if the helium
abundance in the primary atmosphere is enhanced by
a factor of 2–3; this could be verified by observations
of the HeII λ1640 Å line in the ultraviolet.

The question of the formation of the Balmer lines
requires a special study, since the two-peaked shape
of their profiles cannot be reproduced using our mod-
eling method. Similar two-peaked profiles were de-
tected by Exter et al. [21, 7] in their analysis of
spectra of VW Pyx [21] and TW Crv [7], but they are
absent from the spectra of all classical precataclysmic
variables: BE UMa, NN Ser, etc. There cannot be
an optically thin accretion disk in the V664 Cas sys-
tem, since this would lead to enhancement of the
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300

–3.0
200

–2.5 –2.0 –1.5 –1.0 –0.5 0 0.5 1.0

400

500

600

700

800

900

1000

1100

1200

H

 

β

 

H

 

γ

 

H

 

δ

 

H

 

ε

 
V

 
2

 
, (km/s)

 
2

 

ln(

 

gf

 

)

Fig. 7. Dependence of the velocity dispersion σ(Vi) of the
absorbing atoms in the planetary nebula derived from the
Balmer lines on the oscillator strengths of these lines.

emission lines at minimum brightness, in contra-
diction with the observational data. Our theoretical
computations varying the rotational velocity of the
secondary demonstrated the impossibility of the two-
peaked lines being formed in the spectrum of the
irradiated star. The resulting profiles obtained us-
ing the adopted parameters for V664 Cas (shown in
Fig. 6 only for Hβ) correspond well with the observed
profiles in the wings but have core intensities that
are a factor of 2–3 too high. Deviations from LTE
for the hydrogen atoms may provide an explanation
for the weakening of the cores of the Balmer lines,
since these lines form partially in the Lyman chro-
mosphere. However, the similarity of the conditions
in the irradiated atmospheres of the secondaries in
V664 Cas, VW Pyx, and BE UMa in the presence of
qualitatively different observed profiles demands that
we seek a different explanation. We believe that this is
the presence in V664 Cas and VW Pyx of the bright
planetary nebulae HFG1 and K1-2, while BE UMa
has only a weak, rarified envelope. Indirect evidence
for the influence of the nebula on the formation of the
central dip in the H line profiles is provided by the sta-
bility of its wavelength as the orbital phase changes;
i.e., the dip is not associated with the orbital motion of
the components. We accordingly modeled the Balmer
lines assuming that the radiation within dλ of their
centers is absorbed in the planetary nebula in its path
toward the observer and is replaced by the radiation
of the nebula. Subsequent reradiation of the absorbed
photons by the nebula occurs in all directions, so that
only a small fraction of these reach the observer. We
computed the corresponding intensity in the nebula
lines in accordance with the data of [34], taking into
account the area of the visible disk of the star of
three square degrees. Thismechanism for the removal
of photons from the H lines could be efficient if the
optical depth of the nebula is high in the line cores.
Unfortunately, there are no estimates of the density of
free electrons in the HFG1 nebula. Using the mean
value for planetary nebulae, ne = 5 × 103 cm−3, and
the radius of HFG1 R = 0.7−0.8 pc [34], we find the
optical depth in the core of the Hβ line to be τ ≈ 40.

We can see fromFig. 6 that our computed Balmer-
line profiles are in excellent agreement with the ob-
served profiles. Note especially the enhancement of
the blue peak compared to the red peak, in agreement
with our observations of V664 Cas, as well as the
observations of [21] for VW Pyx. The values of dλ
were selected individually for each line and were found
to be dλ = 0.52, 0.40, 0.32, and 0.28 Å for the se-
quence Hβ—Hε. The corresponding estimates of the
velocity dispersion for the absorbing atoms (σ(Vi) =
21−32 km/s) can be represented as

σ(Vi) = ki∆V ,

where ∆V is their mean square velocity in the nebula
and the parameter ki depends on the line opacity coef-
ficients. If the Doppler broadening due to the thermal
motion of the atoms dominates in the formation of the
absorption profiles, the quantity

gfi exp
(
−(σ(Vi))2

(∆V )2

)

should be constant for all the Balmer lines. The de-
pendence of our values of σ(Vi) on the line oscillator
strengths [17], presented in Fig. 7, fully confirms that
this is the case. The approximate relation ln gf versus
(σ(Vi))2 is a linear function; we estimated the rms
speed of the hydrogen atoms in the absorbing region
to be ∆V = 16.3 ± 0.4 km/s, which corresponds to a
temperature of T = 31500 ± 1500 K.

6. CONCLUSIONS

V664 Cas is the seventh object classified as a
young precataclysmic variable containing an sdO
subdwarf and surrounded by a planetary nebula.
Some of the observed characteristics of its radiation
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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(high-amplitude brightness variations, the presence
of emission lines of highly ionized elements, and the
domination of the flux in the blue part of the spectrum)
are typical of all the members of this group. However,
V664 Cas displays a number of features that make it
unique among known close binary systems that have
passed through a common-envelope stage.

(1) The mass function of the primary—f(m) ≈
0.007M� , as determined in models with both circular
and elliptical orbits—is the smallest of all such values
for precataclysmic variables. It is noteworthy that
the elliptical-orbit model with eccentricity e = 0.09
describes the radial-velocity curve appreciably better.
The low value of f(m) shows that the secondary in
the V664 Cas system has a large mass; this is the
only such case among precataclysmic variables with
orbital periods less than a day.

(2) The amplitude of the V664 Cas brightness
variations remains nearly the same in the visible, in-
frared, and near-ultraviolet. Consequently, a hot spot
on the surface of the secondary dominates the radia-
tion of the system at all orbital phases. A quantitative
analysis of the spectra and light curves of V664 Cas
indicates that the temperature of the atmosphere at
the center of the hot spot is Teff ≈ 23 000 K if the
temperature of the secondary is Teff = 5400 K.

(3) Broad (corresponding to ∆Vl = 900 km/s),
two-peaked Balmer profiles are observed in the spec-
tra of V664 Cas, which are not characteristic of the
spectra of close binaries without accretion. The two-
peaked shape of the profiles is due to absorption of
the radiation of V664 Cas by material in the plan-
etary nebula. The hydrogen atoms in the absorbing
region have an rms velocity of ∆V = 16 km/s and
do not have a significant vector velocity relative to
the center of the star. The detection of two-peaked
H profiles in the spectra of VW Pyx and TW Crv as
well suggests that such profiles are characteristic of
young precataclysmic variables with sdO subdwarfs.
An accurate test of this hypothesis will be carried out
via studies of two promising young precataclysmic
variable candidates: the cores of the planetary nebulae
Abell 65 and SP1.

(4) A detailed analysis of poorly studied cata-
clysmic binaries whose evolutionary status has been
established based on observations of low-resolution
spectra may provide an additional means to increase
the list of precataclysmic variables. Some of these ob-
jects are cores of planetary nebulas and contain nar-
row lines of neutral and ionized helium, CNO-group
elements in high ionization states, and hydrogen with
two-peaked profiles in their spectra. Overall, these
objects appear very similar to V664 Cas and VWPyx,
which, in the light of the results we have presented
here, reopens the question of their classification.
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Abstract—The atmospheric abundances of 30 chemical elements in the halo star HD 221170 are analyzed
by fitting synthetic spectra to observed spectra (i) with a resolution of 60 000 and signal-to-noise ratios of
about 200 taken with the 1.93-m telescope of the Observatoire de Haute Provence and (ii) with a resolution
of 35 000 and signal-to-noise ratios of more than 100 taken with the 2-m telescope of the Terskol Peak
Observatory. The derived parameters of the stellar atmosphere are Teff = 4475 K, log g = 1.0, [Fe/H] =
−2.03, Vmicro = 1.7 km/s, and Vmacro = 4 km/s. The parameters Teff , log g, [Fe/H], and Vmicro can be
determined by analyzing the variations of the rms error of the mean iron abundance derived using different
model atmospheres. The chemical composition of the star’s atmosphere is analyzed. The abundances of
a total of 35 elements in HD 221170 have been derived in this paper and in previous studies. Overall,
the abundances of elements lighter than praseodymium are consistent with the elemental abundances
in the atmospheres of stars with similar metal deficits. Copper and manganese are underabundant by
−2.9 and −2.6 dex, respectively, relative to the Sun (when the analysis includes the effects of hyperfine
structure). Heavy r-process elements (starting from praseodymium) are overabundant compared to iron-
group elements. This can be explained by an enrichment in r-process elements of the material from which
the star was formed. c© 2004 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

According to the modern theory of stellar evolu-
tion, stars of the halo—the spherical component of
the Galaxy—with masses higher than a solar mass
have already completed their evolution and, having
undergone various stages of rapid evolution, can now
be observed as neutron stars, white dwarfs, or other
relativistic objects. Old low-mass stars (with masses
lower than a solar mass) are still evolving. These stars
have been preserved to the present precisely due to the
low rate of their evolution. These are low-luminosity
stars with low metal abundances and probable ages
of the order of ten billion billion years or more. The
chemical compositions of such objects provide data
about the matter from which the stars were formed,
which can help us determine whether the interstel-
lar medium was homogeneous at sites of star for-
mation in different parts of the Galaxy and estimate
1063-7729/04/4807-0577$26.00 c©
stellar ages using the abundances of long-lived ele-
ments. This is possible for a small class of halo stars
that are overabundant in r-process elements. De-
tailed atmospheric-abundance curves for such stars
can help us understand how the enrichment in heavy
elements proceeded in the Milky Way and via what
processes.
The chemical compositions of all generations of

stars in the Milky Way carry important information
about the history of nucleosynthesis in our Galaxy.
The observed elemental abundances are the sum of
the products of nuclear reactions in stars of vari-
ous masses, at various stages of evolution, and with
various initial chemical compositions. Most spectro-
scopic analyses of stellar chemical composition have
focused on stars of the Galactic disk. Deciphering
such analyses for these stars is a complex and ill-
posed inverse problem due to the need to take into
account a large number of factors, such as the mass
2004 MAIK “Nauka/Interperiodica”
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functions of various generations of stars, the produc-
tion functions for various elements, the fraction of
matter enriched in elements heavier than hydrogen
during the evolution of stars of various masses and
its subsequent ejection into the interstellar medium,
binarity, magnetic fields, etc. Old (halo) stars occupy
a special position in this respect and may prove to be
key to our understanding of the chemical evolution of
the Milky Way, since these stars have resulted from
a smaller number of life cycles of stars of various
masses. Their spectra are easier to interpret, since
the smaller number of previous star-formation cycles
involved makes it possible to investigate the origin
of observed anomalies in elemental abundances with
less uncertainty.
Population-II stars may be the products of the

nucleosynthesis in as yet undiscovered metal-poor,
massive Population-III stars. The chemical compo-
sitions of Population-II stars could be reproduced by
one or several stellar generations. We cannot develop
a well-founded theory for the chemical evolution of
the Milky Way, other galaxies, and the Universe as a
whole without accumulating abundance data for the
largest possible number of elements in various types
of stars.
The halo star HD 221170 is underabundant in iron

by slightly more than 2 dex and is a giant ascending
the giant branch for its first time [1]. Characteristic
of old stars of our Galaxy, it has a large heliocen-
tric space velocity; its radial velocity is −121.696 ±
0.027 km/s [2], and the components of its Galactic
velocity are u = −152, v = −133, and w = 59 km/s.
The heliocentric distance of HD 221170 (HIP

115949) has been estimated to be 435 pc (accord-
ing to the HIPPARCOS parallax of 0.00230′′ ±
0.00084′′), 689 pc [3], and 770 pc [4].
The absolute magnitude of the star has been est-

mated to be Mv = −2.4 [1], −1.9 [4], and −1.67 [5].
The apparent magnitude and UBV color indices are
V = 7.70, B−V = 1.70, and U−B = 0.62 [6]. The
star is located in Pegasus, making it convenient to
observe from the Northern hemisphere, and it has
been the subject of numerous studies.
Gilroy et al. [7] and others have pointed out that

one possible type of abundance curve for metal-poor
stars should display an overabundance of lanthanides
compared to the abundance for a solar abundance
curve that has been shifted along the horizontal axis
to make the iron abundance match that of the star
considered.
At present, considerable attention is being paid to

studies of stars with appreciable metal deficiencies,
including stars that are overabundant in r-process
elements. Abundance-curve data are being accumu-
lated for various stars with various degrees of heavy-
element enrichment.
In their model-atmosphere analysis of several
bright halo stars, Gopka et al. [8] found one of
them, HD 221170, to be overabundant in europium,
dysprosium, and erbium (relative to iron). Later,
Yushchenko et al. [9] confirmed the overabundances
in the vicinity of the second and third peaks of
neutron-capture elements using new observations
and synthetic spectra and identified several more
r-process elements that were overabundant.

To refine these results, we analyzed the atmo-
spheric abundances of the halo star HD 221170 by fit-
ting synthetic spectrum using new atomic andmolec-
ular data. We focus on the blue part of the spectrum,
which is of the greatest interest from the viewpoint of
the abundances of neutron-capture elements.

2. SPECTROSCOPIC DATA

We analyze two spectra here. The first is from the
library of the Observatoire de Haute Provence [10].
The spectrum was taken with the ELODIE echelle
spectroscope mounted on the 1.93-m telescope of
this observatory. The standard spectral resolution of
the spectroscope is 42 000, but we took the spec-
tral resolution to be 60 000 based on our analysis
of these particular data; we found this resolution to
yield the best fit between the iron lines in the ob-
served and theoretical spectra when we used the iron
abundance derived using themodel atmospheres. The
spectrum spans the wavelength range from 4500 to
6800 Å and has a signal-to-noise ratio of about 200.
The preliminary reduction of the spectrum (image
extraction, cosmic-ray removal, etc.) was performed
by Katz et al. [11], and the subsequent process-
ing (continuum-level tracing, wavelength calibration,
etc.), by Mishenina and Kovtyukh [12].

The second spectrum was taken with the 2.0-m
Zeiss telescope of the Terskol Peak Observatory in
June 2002. This spectrum spans the wavelength
range from 3812 to 7752 Å and has a signal-to-noise
ratio of more than 100. The standard spectroscopic
resolution of the camera employed is 45 000, but
the actual resolution of this particular spectrum was
35 000. A description of the spectrograph can be
found in [13]. We used the DECH [14] software for
the preliminary reduction (image extraction, cosmic-
ray removal, etc.) and the URAN [15] software for the
remaining reduction. Figures 1 and 2 show examples
of the spectra taken at the Observatoire de Haute
Provence and the Terskol Peak Observatory.
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Fig. 1. Observed spectra of HD 221170 and the synthetic-spectrum approximations. The solid and dashed curves show the
observations made at the Observatoire de Haute Provence and Terskol Peak Observatory, respectively. The squares show the
synthetic spectrum. The synthetic spectrum is convolved with the instrumental profile of the ELODIE spectrograph of the
Observatoire de Haute Provence and the microturbulence velocity. The left part of the figure gives data on the strongest lines
used in the synthetic-spectrum computations in tabular form. The positions and identifications of these lines are shown in the
lower part of the figure. Short dashes indicate weak lines. The table gives the following parameters for strong lines: (1) number
of the line in the figure, (2) ten times the percent contribution of the line to the total line absorption coefficient at the central
wavelength (equal to 1000 for unblended lines), (3) the level of the synthetic spectrum at the central wavelength computed
without convolving with the microturbulence and instrumental profiles, with the continuum scaled to 1000, (4) the last digits
of the wavelength, and (5) the identification of the line. The lines of elements with atomic numbers greater than 28 are indicated
by “=.” This figure and Fig. 2 are screens from the URAN package [15].
3. ATMOSPHERIC PARAMETERS
OF HD 221170

The halo star HD 221170 has been regularly stud-
ied as new telescopes, methods, and atomic data have
become available. Table 1 gives the effective tempera-
tures, logarithmic surface gravities, microturbulence
velocities, and iron abundances relative to the Sun
derived by us and taken from [1, 4, 6, 7, 12, 16–30].

There is considerable scatter among the various
parameter estimates. The effective temperatures differ
by almost 350 K, with most of the values being close
to 4500 K. The logarithmic surface gravity ranges
from 0.0 to 1.5, with most of the log g estimates being
ASTRONOMY REPORTS Vol. 48 No. 7 2004
close to 1.0. The estimated microturbulence velocities
differ by nearly a factor of two.

We first used the atmospheric parameters of
HD 221170 derived by Mishenina and Kovtyukh [12]:
Teff = 4500 K, log g = 1.0, and Vmicro = 1.5 km/s.
We tested the choice of Teff and Vmicro by analyzing
the dependence of the iron abundances derived from
individual lines on the energy of the lower level and
the equivalent widths of the corresponding lines. We
used lines of neutral iron and the solar oscillator
strengths of Gutovenko and Kostyk [31]. We were
able to select only 90 lines due to the substantial
differences in the temperature and metallicity of the
Sun and HD 221170. The correlation coefficient for
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Fig. 2. Observed spectrum of HD 221170 and the synthetic-spectrum approximation in the vicinity of the NdII line at
λ 5319.815 Å. The open and filled squares show observations made at the Observatoire de Haute Provence and the synthetic
spectra, respectively. Three synthetic spectra are shown in the vicinity of the neodymium line, computed with our derived mean
neodymium abundance and with abundances ±0.3 dex higher and lower than this mean. The line under study is indicated
by a vertical dashed line in the plot and a “#” symbol in the tabular part of the figure. The left side of the plot shows two
praseodymium lines with similarly computed synthetic spectra.
each dependence was close to zero, indicating that
the adopted parameters are fairly close to the real
parameters of the star.
We refined themodel parameters using themethod

applied by Yushchenko et al. [32]. The iron abun-
dances based on individual lines are calculated using
a grid of model-atmosphere parameters that are fairly
close to the real values, and the results are then used
as a basis to select the optimal model atmosphere.
Two dependences are commonly used: the de-

pendence of the iron abundance on (1) the equiva-
lent widths of the lines used or log(Wλ/λ) (hereafter
N−W ) or (2) the energy of the lower levels of the
corresponding lines (hereafterN−E). The initial Teff

and log g are set equal to values based on photometric
or other data. The microturbulence velocity is then
selected to make the correlation coefficient for the
first dependence equal to zero. In the next step, the
second dependence is used to test the correctness of
the choice of temperature. The process is repeated
if the correlation coefficients differ significantly from
zero. In recent years, researchers have increasingly
estimated the parameters of stellar atmospheres us-
ing various model-atmosphere grids, as was done,
e.g., by Boyarchuk et al. [33].
Yushchenko et al. [32] pointed out that the rms

error of the mean iron abundance (hereafter sN) com-
puted using a number of different model atmospheres
is smallest near values for the atmospheric parame-
ters that are correct according to other estimations
of these parameters. We thus have at our disposal
an independent variable that enables us to decrease
the degree of ill-posedness in our estimation of the
atmospheric parameters.
We selected the model-atmosphere parameters

on a three-parameter grid. The first two parameters
were the effective temperature and surface gravity. We
interpolated the model atmospheres of Kurucz [34]
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Table 1. Atmospheric parameters of HD 221170 determined by various authors

Authors Reference Teff log g Vmicro [Fe/H]

Wallerstein et al., 1963 [6] –2.60

Bond, 1980 [4] –2.60

Leep and Wallerstein, 1981 [16] 4350 0.0 1.50 –2.20

Luck and Bond, 1981 [1] 4500 0.8 3.0 –2.59

Kraft et al., 1982 [17] 4525 –2.20

Gratton and Ortolani, 1984 [18] 4500 1.1 –1.80

Gratton and Sneden, 1987 [19] 4500 1.3 1.4 –1.96

Gilroy et al., 1988 [7] 4625 1.4 2.80 –2.20

Kraft et al., 1992 [20] 4550 1.3 2.00 –2.10

Pilachowski et al., 1993 [21] 4625 2.00 –1.96

Gratton, 1996 [22] 4444 0.92 –2.12

Pilachowski et al., 1996 [23] 4425 1.0 1.5 –2.15

Shetrone et al., 1996 [24] 4550 1.3 2.0 –2.10

Gratton et al., 2000 [25] 4500 0.9 2.7 –2.19

Burris et al., 2000 [26] 4425 1.0 1.5 –2.15

Fulbright et al., 2000 [27] 4500 0.9 2.7 –2.19

Mishenina and Kovtyukh, 2001 [12] 4500 1.0 1.5 –2.05

Snider et al., 2001 [28] 4610 1.57 –2.12

4686 1.54 −2.11

Melendez et al., 2001 [29] 4460 0.75 1.6 –2.11

4410 1.49 1.6 −1.79

Melendez and Barbuy, 2002 [30] 4410 1.1 –2.00

This paper 4475 1.0 1.7 –2.03
with [Fe/H] = −2.0 dex in temperature from 4250
to 4750 K in steps of 25 K and in surface gravity
from 0.0 to 1.5 in steps of 0.1. The third parameter
was the microturbulence velocity. For each model,
we calculated the iron abundances with various
microturbulence velocities in the interval from 0.1 to
7 km/s with a variable step using theWidth9 program
of Kurucz [35].

We determined the equivalent widths of 187 lines
of neutral iron and 23 lines of ionized iron and then
found the two microturbulence velocities that made
the correlation coefficients of the N−W and N−E
dependences equal to zero, as well as the microtur-
bulence velocity that minimized the quantity sN for
iron. We supposed that these three microturbulence
velocities should coincide if Teff and log g are chosen
correctly. For each model atmosphere, we calculated
the mean microturbulence velocity and its error.
ASTRONOMY REPORTS Vol. 48 No. 7 2004
We also calculated the difference of the mean iron
abundances derived from the lines of neutral and ion-
ized iron for all the model atmospheres and microtur-
bulence velocities considered.
Figure 3 shows the results. The Z axis in Fig. 3a

plots 1/(|corr(N−W )| + |corr(N−E)|), which is the
inverse of the sum of the absolute values of the corre-
lation coefficients for the N−W and N−E relations.
The true parameters of the stellar atmosphere should
be close to the maximum of this function, when both
correlation coefficients vanish. It is clear from Fig. 3a
that the solution is ambiguous—the correlation coef-
ficients are close to zero when Teff is approximately
4475 K for all surface-gravity values considered.
The Z axis in Fig. 3b plots 1/| log N(FeI) −

log N(FeII)|, which is the inverse of the absolute
value of the difference between the mean abundances
inferred for the lines of neutral and ionized iron. It
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Fig. 3. Determination of the parameters of the model atmosphere of HD 221170 by calculating the iron abundance on a grid
of model atmospheres. TheX and Y axes give the effective temperature (in К) and the logarithmic surface gravity, while the Z
axis plots the parameters described in the text. We have normalized the Z axis for better visualization of the three-dimensional
plot.
is reasonable to suppose that this function should
likewise reach its maximum when the effective tem-
perature and surface gravity estimates are correct.
However, the solution is also ambiguous in this case.
The maximum values of this function form a ridge,
which is not parallel to the ridge in Fig. 3a.
Simple multiplication of these two functions yields

a surface with its maximum in the vicinity of the real
parameter values. This is actually a formalization of
the commonly applied iterative method for finding the
parameters of a stellar atmosphere. Note that we face
a number of problems when we compare the abun-
dances of an element derived from lines of a neutral
atom and the corresponding ions, including possible
deviations from local thermodynamical equilibrium
for atoms in the ground state or one of the ions,
the quality of the model atmospheres used, and other
effects. For this reason, researchers typically do not
expect to achieve exact fulfillment of the condition of
ionization equilibrium.
In the real case considered here, simplemultiplica-
tion of the functions shown in Figs. 3a and 3b yields
several local maxima with nearly equal heights due
to the nonsmooth behavior of the functions near the
ridge lines. The choice of the maximum that is closest
to the intersection of the two ridges poses no formal
problems, but its height differs little from those of the
other maxima. If the directions of the ridges are not
known a priori, the iterations can easily converge to
one of the local maxima.
This may explain the usual scatter in the atmo-

spheric parameters published for well-studied stars.
Comparison of Figs. 3a and 3b with Table 1 shows
that all combinations ofTeff and log g listed in Table 1
lie near one of the ridges. It is evident that some
additional criterion is required if we wish to determine
the parameters more confidently.

The Z axis in Fig. 3c gives the inverse of sN for
iron as derived from the lines of neutral iron. This
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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function is more monotonic that the previous two and
reaches its only maximum at Teff = 4500 K, log g =
1.1. These values are close to the mean effective tem-
perature and surface gravity and can be used to deter-
mine the elemental abundances. Themicroturbulence
velocity in this case is 1.762 ± 0.016 km/s.
Thus, it is possible to determine the effective tem-

perature, surface gravity, and microturbulence veloc-
ity by calculating sN from the lines of a single ion of
the element studied. The abundance of the element
considered is then obtained automatically. In the case
of iron, [Fe/H] = −2.03 ± 0.11 at the point consid-
ered.
However, this method is not sufficiently trustwor-

thy in the case of relatively low effective temperatures
considered here. The method is not free of random
and systematic errors due, e.g., to the set of spectral
lines used and imperfection of themodel atmospheres.
We therefore adopted as our final parameters those
found using Fig. 3d, which shows the simple prod-
uct of the functions shown in Figs. 3a–3c. Local
maxima are suppressed and only one sharp maxi-
mum remains, at the point corresponding to Teff =
4475 K, log g = 1.0, and a microturbulence veloc-
ity of 1.72 ± 0.01 m/s. The abundance of neutral
iron remains unchanged within reasonable accuracy:
[Fe/H] = −2.03 ± 0.11.
To study abundances using the synthetic-spect-

rum method, we must also know the values of
parameters characterizing the broadening of the
spectral lines used: rotation, the macroturbulence
velocity, and the magnetic field. We determined the
microturbulence velocity from iron lines with accu-
rately known oscillator strengths and found it to be
Vmacro = 4 km/s. This macroturbulence velocity is
also used to model the line broadening due to the
rotation of the star (v sin i = 7.4 km/s [36]) and the
magnetic field.
We approximated the instrumental profile by a

Gaussian with the halfwidth corresponding to a spec-
tral resolution of 60 000 or 35 000.

4. SYNTHETIC-SPECTRUM ANALYSIS
OF THE ATMOSPHERIC CHEMICAL

COMPOSITION OF HD 221170

We used our earlier results [8] and those of other
authors on the chemical composition of HD 221170
to calculate the synthetic spectrum of the star, in-
terpolating and extrapolating the abundances for el-
ements that had not been studied earlier. We used a
model atmosphere with Teff = 4475 K and log g =
1.0, obtained by interpolating Kurucz’s grid of models
withmetallicity−2.0 dex.We set the microturbulence
velocity equal to Vmicro = 1.72 km/s.
ASTRONOMY REPORTS Vol. 48 No. 7 2004
We adopted the atomic and molecular data from
Kurucz [34], the VALD database [37], the list of spec-
tral lines presented by Morton [38], and the DREAM
database [39]. The calculations for manganese, cop-
per, barium, and europium took into account the hy-
perfine and isotopic splitting of the spectral lines.
We used the SYNTHE program of Kurucz [35]

to calculate the synthetic spectrum throughout the
wavelength interval studied, then compared the syn-
thetic and observed spectra to obtain lists of un-
blended and weakly blended lines, which we subse-
quently used to determine the elemental abundances
in both the atmosphere of the star and in the Sun.
We used the Liège atlas of solar spectra [40] as the
observational data for the solar spectrum. We used
the model of the solar photosphere of Grevesse and
Sauval [41] and set the microturbulence and macro-
turbulence velocities equal to Vmicro = 0.8 km/s and
Vmacro = 1.8 km/s.We corrected the continuum level
in the Liège atlas in accordance with the results
of [42, 43].
The spectrum of HD 221170 abounds in weak

lines, which were fitted well by the theoretical spec-
trum even in the first run. The lines of iron-group ele-
ments that are weakened by two orders of magnitude,
which are often represented in the spectra of solar-
composition stars of the same temperature (or lines
that are just slightly weakened, as in the spectrum
of Arcturus, which is often used as a comparison
spectrum), facilitate the cleaning of the spectrum of
complex blends, which are difficult to analyze quanti-
tatively.
We used the lines selected as a result of this identi-

fication to determine the chemical composition using
the differential synthetic-spectrum method. We used
the SYNTHE [35] and URAN [15] codes to calculate
the synthetic spectrum in a semiautomated regime.
Figure 2 presents an example of corresponding ob-
served and synthetic spectra in the vicinity of the
neodymium and praseodymium lines. The complete
line lists can be found at http://yushchenko.netfirms.
com.
Table 2 gives the mean atmospheric elemental

abundances for HD 221170. The columns of this
table give for each element a running number, its
atomic number, its name, the degree of ionization,
the abundance relative to that in the solar atmosphere
(the last digits of the error for a single determination
are given in parentheses), and the number of spectral
lines used for the analysis. The results based on the
spectra taken at the Observatoire de Haute Provence
and Terskol Peak Observatory are shown separately.
Table 3 compares our results (marked by asterisks)

with those obtained in earlier studies. We averaged
the data for the two spectra with weights proportional
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Table 2. Atmospheric elemental abundances in HD 221170 relative to those for the Sun based on spectra taken at the
Observatoire de Haute Provence and Terskol Peak Observatory

No. Z Ion
Haute Provence Terskol

No. Z Ion
Haute Provence Terskol

[N/NH] n [N/NH] n [N/NH] n [N/NH] n

1 8 OI −1.86 1 17 30 ZnI −1.83 1

2 11 NaI −2.43(00) 2 −2.22(05) 2 18 38 SrI −2.23 1 −2.02 1

3 12 MgI −1.69(08) 2 −1.89(05) 2 SrII −2.15 1

4 13 AlI <−1.73 2 19 39 YII −2.12(10) 10 −2.22(15) 5

5 14 SiI −1.63(08) 6 −1.60(05) 3 20 40 ZrI −2.23 1 −2.12 1

6 20 CaI −1.86(07) 21 −1.84(15) 10 ZrII −2.01 1

7 21 ScII −1.93(08) 9 −1.92(00) 2 21 42 MoI −2.22 1

8 22 TiI −2.00(09) 43 −1.97(07) 8 22 56 BaII −1.86(04) 2 −2.10 1

9 22 TiII −1.77(10) 19 −1.86(14) 9 23 57 LaII −1.89(05) 6 −1.94(03) 3

10 23 VI −2.20(09) 11 −2.10 1 24 58 CeII −1.93(12) 13 −1.95(15) 14

11 24 CrI −2.26(09) 10 −2.20(01) 2 25 59 PrII −1.51(13) 5 −1.56(08) 3

CrII −2.03(12) 3 −2.12(14) 3 26 60 NdII −1.60(08) 25 −1.62(11) 12

12 25 MnI −2.57(08) 8 −2.81 1 27 62 SmII −1.54(11) 6 −1.64(05) 3

13 26 FeI −2.03(11) 187 −2.04(16) 58 28 63 EuII −1.58 1 −1.57(09) 2

FeII −2.04(11) 23 −1.99(07) 5 29 64 GdII −1.55(09) 3

14 27 CoI −1.76(11) 8 −1.77(11) 3 30 66 DyII −1.55 1 −1.25(11) 6

15 28 NiI −2.07(08) 50 −2.12(11) 15 31 68 ErII −1.35 1 −1.38 1

16 29 CuI −2.87(05) 2 −2.88(01) 2
to the number of lines used in the calculations. The
results of other authors are given in inverse chrono-
logical order, i.e., the earliest results are at the end of
the list.
We and other authors have analyzed the atmo-

spheric abundances of a total of 35 elements in the
metal-poor star HD 221170. Figure 4 shows the
chemical composition of HD 221170 relative to the
Sun.
The lithium abundance, log ε(Li) ≤ −0.10, indi-

cates this element to be deficient, in agreement with
the mean lithium abundance for stars on the upper
giant branch derived by Gratton et al. [25]. We deter-
mined the oxygen abundance using the λ 6363.776 Å
line; this element is slightly overabundant, in agree-
ment with the measurements of other authors for this
star and for metal-poor giants as a whole.
The abundances of carbon and nitrogen reported

by Kraft et al. [20] suggest considerable mixing and
dredge-up. The abundances of lithium and CNO el-
ements are consistent with the star being on one
of the evolutionary tracks of [46] on the ascending
giant branch (Fig. 5). The position of HD 221170
is shown in accordance with the range of effective
temperatures determined by various authors and the
absolutemagnitude found by Eggen [5], together with
the quoted errors.

Sodium is underabundant relative to the solar ra-
tio [Na/Fe], in good agreement with the results of
other studies. The alpha-process elements (Mg, Si,
Ca) are overabundant by up to 0.3–0.5 dex in ha-
lo stars. Our results for these elements also show
them to be overabundant relative to iron and to be
in good consistency with the results of other authors.
The strong overabundance of potassium reported by
Gratton and Sneden [19] requires confirmation.

The abundances of most iron-group elements are
close to those obtained in previous studies. The only
exceptions are manganese and cobalt. We find the
former to be underabundant and the latter overabun-
dant relative to iron and compared to the results
of Gratton and Ortolani [18] and Gilroy et al. [7].
The nearly order-of-magnitude underabundance of
copper agrees well with the results of Mishenina
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Table 3. Atmospheric elemental abundances for HD 221170 from this paper and previous studies

Ion Ref. [N/NH] Ion Ref. [N/NH] Ion Ref. [N/NH] Ion Ref. [N/NH] Ion Ref. [N/NH]

LiI [21] <–1.2 SiI * –1.62 VI * –2.19 CoI * –1.76 [18] –2.2

CI [20] –2.7 [12] –1.70 [7] –2.51 [7] –2.09 [1] –2.87

NI [20] –2.10 [23] –1.85 [17] –2.36 NiI * –2.09 [6] –2.2

[17] –1.80 [19] –1.55 CrI * –2.23 [23] –2.31 LaII * –1.92

OI * –1.86 [1] –1.52 [7] –2.10 [7] –2.01 [12] –1.85

[30] –1.79 KI [19] –0.94 [1] –2.73 [19] –1.94 [26] –1.65

[12] –1.75 CaI * –1.85 CrII * –2.08 [18] –2.0 [7] –1.27

[29] –1.71 [12] –1.62 [7] –2.32 [6] –2.0 CeII * –1.94

[17] –1.88 [23] –1.85 MnI * –2.60 CuI * –2.87 [12] –2.20

[24] –1.80 [21] –1.74 [18] –2.1 [45] –2.75 [7] –1.66

[6] –2.0 [7] –1.65 [1] –2.41 [18] –1.9 PrII * –1.53

NaI * –2.32 [19] –1.52 FeI * –2.03 ZnI * –1.83 [7] –1.47

[12] –2.12 [18] –1.6 [12] –2.05 [45] –2.00 NdII * –1.61

[44] –2.40 [1] –2.08 [29] –1.95 SrI * –2.13 [12] –1.73

[24] –2.30 [6] –1.3 [26] –2.15 [12] –2.16 [26] –1.40

[21] –2.40 ScII * –1.93 [44] –2.15 [7] –2.10 [7] –1.48

[19] –2.04 [23] –2.10 [24] –2.10 SrII * –2.15 SmII * –1.57

[18] –2.5 [7] –2.06 [21] –1.96 YII * –2.15 [7] –1.60

[1] –1.71 [17] –2.18 [20] –2.40 [26] –2.29 EuII * –1.57

MgI * –1.79 [1] –2.52 [7] –2.02 [12] –2.11 [26] –1.35

[12] –1.67 [6] –1.6 [19] –1.96 [7] –2.14 [24] –1.44

[44] –1.83 TiI * –2.00 [18] –1.8 ZrI * –2.18 [7] –1.19

[24] –2.30 [7] –1.89 [17] –2.13 ZrII * –2.01 GdII * –1.55

[23] –1.83 [19] –1.72 [1] –2.59 [26] –1.80 [7] –1.40

[19] –1.58 [18] –1.7 [6] –1.9 [7] –1.54 DyII * –1.32

[1] –1.77 TiII * –1.80 FeII * –2.03 MoI * –2.22 [26] –1.30

AlI * <–1.73 [7] –1.87 [7] –2.17 BaII * –1.94 [7] –1.08

[24] <–2.21 [1] –2.29 [30] –2.00 [12] –1.70 ErII * –1.36

[19] –1.80 [17] –2.07 [26] –1.65

∗This paper.
et al. [45], who analyzed copper abundances for a
large sample of halo stars.

Elements that form during neutron-capture pro-
cesses represent a mix of nuclides produced by the s
and r processes. For the first peak of neutron-capture
elements (Sr, Y, Zr), the fraction of nuclides produced
ASTRONOMY REPORTS Vol. 48 No. 7 2004
by the s process is higher than that produced by
the r process. The underabundances of these three
elements in the atmosphere of HD 221170 differ little
from the underabundance of iron.
However, the second peak of neutron-capture el-

ements is dominated by isotopes produced by the r
process. For example, europium is often considered
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Fig. 4. Atmospheric elemental abundances for
HD 221170 relative to the corresponding solar
abundances. Triangles show upper limits. Filled
and hollow symbols show the results of this paper and of
previous studies for the abundances of lithium, carbon,
nitrogen, and potassium.

to be an r-process element, since 97% of europium
nuclei in the solar systemwere formed via fast neutron
capture.
The underabundances in the atmosphere of

HD 221170 decrease beginning with atomic num-
ber 59 (praseodymium). A similar result was ob-
tained by Gilroy et al. [7]. The heaviest elements we
analyzed—dysprosium and erbium—are overabun-
dant relative to iron by about 0.7 dex.
These results suggest that the protostellar cloud

from which the star formed was enriched in r-process
elements.

5. CONCLUSIONS

We have analyzed the atmospheric parameters
of HD 221170. The effective temperature, surface
gravity, microturbulence velocity, and iron abundance
were determined by analyzing the rms variations in
the iron abundances derived from calculations using
a model-atmosphere grid. It is sufficient to use the
lines of neutral iron alone. Data for lines of ionized
iron can be used to decrease the errors and possible
ambiguity of the results.
We calculated the atmospheric abundances of

30 elements for HD 221170 using the differential
synthetic-spectrum method.
A compilation of data reported in earlier studies

of this star was presented and used to check the
trustworthiness of our results and to supplement the
atmospheric abundance curve of HD 221170 with
results for lithium, carbon, nitrogen, and potassium
obtained in other studies.
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shown.

As a result, we obtained an atmospheric abun-
dance curve for this metal-poor star that spans 35
elements, including the first and second peaks of the
neutron-capture elements. On the whole, the abun-
dances of light elements, iron-group elements, and
heavy elements up to cerium are similar to the corre-
sponding abundances in most halo stars with similar
iron abundances.
One property of the abundance curve for the

metal-poor star considered here is that the relative
abundances of elements heavier than cerium increase
with atomic number, indicating that HD 221170
belongs to the small class of halo stars that are
overabundant in heavy elements.
This is usually explained by suggesting that the

star formed from material enriched in the products of
supernova explosions in an early stage of the Milky
Way’s evolution. Such inhomogeneities in chemi-
cal composition were more likely in the past, when
mixing of material in the Milky Way had only be-
gun, suggesting that HD 221170 may be a fairly old
star. We tried to estimate its age using evolutionary
tracks computed by Bergbusch and VandenBerg [46].
HD 221170 is located off the tracks in Fig. 5, in the
region corresponding to masses lower than 0.74M�
and ages greater than 16 Gyr. HD 221170 is thus
one of the oldest objects in the Galaxy. There is no
doubt that further analysis of this interesting star
is required, especially studies of the abundances of
elements heavier than erbium.
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for providing the Liège atlas of solar spectrum.
ASTRONOMY REPORTS Vol. 48 No. 7 2004



CHEMICAL COMPOSITION OF THE HALO STAR HD 221170 587
We are also grateful to the teams maintaining the
NASA ADS, SIMBAD, CADC, VALD, DREAM,
and NIST databases, without whose data this work
would not have been possible. V.F. Gopka acknowl-
edges partial support from a Fundamental Research
Grant from Chonbuk National University of the
city of Chonju (South Korea). A.V. Yushchenko
acknowledges partial support from the Astrophysical
Research Center for the Structure and Evolution
of the Cosmos (ARCSEC) of the Korean Science
and Engineering Foundation (KOSEF) within the
framework of the program of Scientific Research
Centers (SRC).

REFERENCES
1. R. E. Luck and H. Bond, Astrophys. J. 244, 919
(1981).

2. D. Gullberg and L. Lindegren, Astron. Astrophys.
390, 383 (2002).

3. Masashi Chiba and Yuzuru Yoshii, Astron. J. 115, 168
(1998).

4. H. E. Bond, Astrophys. J., Suppl. Ser. 44, 517 (1980).
5. O. J. Eggen, Astron. J. 114, 825 (1997).
6. G. Wallerstein, J. L. Greenstein, and R. Parker, As-
trophys. J. 137, 280 (1963).

7. K. K. Gilroy, C. Sneden, C. Pilachowski, et al., As-
trophys. J. 327, 298 (1988).

8. V. F.Gopka,A. V. Yushchenko, T. V.Mishenina, et al.,
Odessa Astron. Publ. 14, 237 (2001).

9. A. Yushchenko, V. Gopka, Chulhee Kim, et al., J. Ko-
rean Astron. Soc. 35, 209 (2002).

10. C. Soubiran, D. Katz, and R. Cayrel, Astron. Astro-
phys. 133, 221 (1998).

11. D. Katz, C. Soubiran, R. Cayrel, et al., Astron. As-
trophys., Suppl. Ser. 338, 151 (1998).

12. T. V. Mishenina and V. V. Kovtyukh, Astron. Astro-
phys. 370, 951 (2001).

13. F. Musaev, G. Galazutdinov, A. Sergeev, et al., Kine-
mat. Phys. Select. Bodies 15, 282 (1999).

14. G. A. Galazutdinov, Preprint No. 92, SAO RAN
(Spets. Astrofiz. Obs. Ross. Akad. Nauk, Nizhniı̆
Arkhyz, 1992).

15. A. V. Yushchenko, in Proceedings of the 20th Stel-
lar Conference of the Czech and Slovak Astronom-
ical Institutes, Ed. by J. Dusek (ISBN 80-85882-
08-6, Brno, 1998), p. 201.

16. E. M. Leep and G. Wallerstein, Mon. Not. R. Astron.
Soc. 196, 543 (1981).

17. R. P. Kraft, N. B. Suntzeff, and G. E. Langer, et al.,
Publ. Astron. Soc. Pac. 94, 55 (1982).

18. R. G. Gratton and S. Ortolani, Astron. Astrophys.
137, 6 (1984).

19. R. G. Gratton and C. Sneden, Astron. Astrophys.
178, 179 (1987).

20. R. P. Kraft, C. Sneden, G. E. Langer, et al., Astron. J.
104 (2), 645 (1992).
ASTRONOMY REPORTS Vol. 48 No. 7 2004
21. C. A. Pilachowski, C. Sneden, and J. Booth, Astro-
phys. J. 407, 699 (1993).

22. R. G. Gratton, E. Garretta, and F. Castelli, Astron.
Asrophys. 314, 191 (1996).

23. C. A. Pilachowski, C. Sneden, and R. P. Kraft, Astron.
J. 111 (4), 1689 (1996).

24. M. D. Shetrone, Astron. J. 112 (4), 1517 (1996).
25. R. G. Gratton, C. Sneden, E. Carretta, et al., Astron.

Astrophys. 354, 169 (2000).
26. D. L. Burris, C. A. Pilachowski, T. E. Armandroff,

et al., Astrophys. J. 544, 302 (2000).
27. J. P. Fulbright, Astron. J. 120, 1841 (2000).
28. S. Snider, P. C. Allende, T. von Hippel, et al., Astro-

phys. J. 562, 528 (2001).
29. J. Melendez, B. Barbuy, and F. Spite, Astrophys. J.

556, 858 (2001).
30. J. Melendez and B. Barbuy, Astrophys. J. 575, 474

(2002).
31. E. A. Gurtovenko and R. I. Kostyk, The Fraun-

hofer Spectrum and System of Solar Oscillator
Strengths (Kiev, 1989), p. 198 [in Russian].

32. A. V. Yushchenko, V. F. Gopka, V. L. Khokhlova,
et al., Astron. Lett. 25, 453 (1999).

33. A. A. Boyarchuk, L. I. Antipova, M. E. Boyarchuk,
and I. S. Savanov, Astron. Rep. 45, 301 (2001).

34. R. L. Kurucz, CD-ROM No. 1-23 (Cambridge, MA,
Smithsonian Astrophys. Obs., 1993).

35. R. L. Kurucz, Rev. Mex. Astron. Astrofis. 23, 45
(1992).

36. B. W. Carney, D. W. Latham, R. P. Stefanik, et al.,
Astron. J. 125, 293 (2003).

37. N. E. Piskunov, F. Kupka, T. A. Ryabchikova, et al.,
Astron. Astrophys. 112, 525 (1995).

38. D. C. Morton, Astrophys. J., Suppl. Ser. 130, 403
(2000).

39. J. Biemont, P. Palmeri, and P. Quinet, Database
of Rare Earths at Mons University (2002);
http://www.umh.ac.be/∼astro/dream.html.

40. L. Dellbouille, G. Rolland, and L. Neven, Photomet-
ric Atlas of the Solar Spectrum from λ 3000 to λ
10 000 (Institute de d’Astrophisique de l’Universitete
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Abstract—We suggest a new mechanism for the superoutbursts in SU UMa binaries, in which the
increase in the accretion rate resulting in a superoutburst is associated with the formation of a spiral
“precessional” wave in the inner parts of the disk, where gas-dynamical perturbations are negligible. The
existence of such waves was suggested by us previously. The results of three-dimensional gas-dynamical
simulations have shown that a considerable increase in the accretion rate (by up to an order of magnitude)
is associated with the formation of the precessional wave. The features of the precessional spiral wave
can explain both the energy release in the superoutburst and all its observational manifestations. One
distinguishing feature of superoutbursts in SU UMa-type stars is the formation of a “superhump” in the
light curve. Our model reproduces well both the formation of a superhump and its observational features,
including its period, which is up to 3–7% longer than the orbital period, and the detectability of the
superhump independent of the orbital inclination of the binary. c© 2004 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

SU UMa-type variables are dwarf novas with
orbital periods shorter than three hours that dis-
play “superoutbursts.” This traditional definition of
SUUMa stars has been extended to require the pres-
ence of a “superhump” during the superoutburst [1].
The normal outbursts in binaries of this type are fairly
short and irregular and are well explained by standard
models of dwarf novas (see, e.g., [1]). Superoutbursts
are longer, rarer, and periodic. For instance, OY Car
displays normal outbursts with amplitudes up to∼3m

and durations of about three days every 25–50 days.
The recurrence period of the superoutbursts is ∼300
days, their amplitudes reach 4m, and they can last
up to two weeks. The observational data show that
most superoutbursts have very similar profiles: the
brightness rises sharply in a time that is∼1/10 of the
superoutburst duration, after which the brightness
very slowly declines over ∼0.8 of the superoutburst
duration, and the system then rapidly returns to the
quiescent state. Superhumps with periods Ps that
are a few percent longer than the orbital periods Porb

have been observed in all SU UMa stars for which
high-speed photometric data have been obtained
during a superoutburst. The superhumps typically
have amplitudes of ∼0.3−0.4m and are observed in
all SU UMa stars, independent of orbital inclination.

The presence of periodic superoutbursts accom-
panied by superhumps place SU UMa dwarf novas
1063-7729/04/4807-0588$26.00 c©
among the most enigmatic phenomena in astron-
omy. Despite an abundance of observational data and
theoretical models, our understanding of the nature
of the SU UMa phenomenon is far from complete.
We suggest here a new mechanism for the super-
outbursts in SU UMa stars, whose essence is the
following. (1) Between superoutbursts, an accretion
disk is formed in the system and, as its mass grows, it
becomes denser compared to the matter flowing from
the inner Lagrange point L1, and its inner regions
become impervious to gas-dynamical perturbations.
(2) A “precessional” spiral wave is generated in the
inner parts of the disk after the gas-dynamical per-
turbations become negligible [2]. (3) The formation
of this spiral density wave is accompanied by a sub-
stantial (up to an order of magnitude) increase in the
accretion rate and, consequently, by the development
of a superoutburst. (4) The retrograde precession of
the spiral density wave and the compact size of the
inner zone of energy release can explain the appear-
ance of the superhump and its features, such as the
facts that the superhump period is longer than the
orbital period and that the superhump is detectable
irrespective of the orbital inclination of the binary. The
formation of a region that is not disturbed by gas-
dynamical perturbations, along with the accumula-
tion of a certain mass in the disk, can easily explain
the high degree of regularity of the superoutbursts as
a consequence of a constant mass-transfer rate in the
system. This substantially simplifies the model, since
2004 MAIK “Nauka/Interperiodica”
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we do not need to invoke variations in the conditions
on the donor star in order to explain the periodic
superoutbursts.
We present this new mechanism to explain the

superoutbursts in SU UMa stars as follows. Sec-
tion 2 contains a brief review of the observational data
and previous theoretical models for superoutbursts.
Section 3 presents the results of three-dimensional
gas-dynamical simulations of the morphology of the
gaseous flows in semidetached binaries and a de-
scription of the basic features of the precessional spi-
ral density wave that forms in the inner parts of the
cool disk. A comparison of the observational man-
ifestations of superoutbursts and superhumps and
computational results follows in Section 4. This com-
parison confirms the consistency of the new model.

2. OBSERVATIONS OF SUPEROUTBURSTS
AND THEORETICAL MODELS

Following Warner (see his monograph [1]), the
main features of superoutbursts and superhumps in
SU UMa variables can be summarized as follows.
A superoutburst has the following typical features:
A.1. It is ∼0.5−1m brighter than a normal out-

burst. The total energy release in a superoutburst
is E � 1040 erg, about an order of magnitude larger
than that in a normal outburst.
A.2. Superoutbursts last appreciably longer than

normal outbursts and can have durations as long as
several weeks.
A.3. The intervals between superoutbursts are

very long, as a rule, hundreds of days, but even
exceeding several thousand days for some systems.
The intervals between superoutbursts in a given
system are approximately equal.
A.4. All superoutbursts have the same type of

profile: a rapid rise followed by a long, sloping plateau
and rapid decline.
A.5. The slope of the brightness plateau is almost

invariant: ∼9 ± 1 day/mag; i.e., the brightness de-
clines by one magnitude in approximately nine days.
Since superoutbursts last for ∼10 to ∼30 days, the
brightness varies by∼1−3m along the plateau.
A.6. During the rise of the superoutburst, the

brightness and color change in the same way as for
normal outbursts in the same system; i.e., the super-
outbursts begin like normal outbursts.
A.7. No normal outbursts have been detected dur-

ing or immediately after superoutbursts. This sug-
gests that normal outbursts and superoutbursts are
not independent phenomena.
A.8. The superhump appears some time after the

superoutburst maximum, as a rule, 1/20−1/2 of the
plateau duration.
ASTRONOMY REPORTS Vol. 48 No. 7 2004
A.9. The light curves of eclipsing SU UMa sys-
tems have dips at phases ∼0.25 and 0.75, which
are usually interpreted as being associated with an
increase in the vertical thickness of the disk at these
phases. The UV fluxes also show minima at phases
∼0.2 and 0.8.
A.10. Line profiles show that a substantial frac-

tion of the disk is in noncircular motion during a
superoutburst and that the noncircular component
rotates with the superhump period Ps; hence, non-
circular motion is closely linked to the superhump
phenomenon.
A.11. In some SU UMa stars, both normal orbital

humps and a modulation with the superhump period
shifted in phase by ∼180◦ are observed after the end
of a superoutburst. This phenomenon is known as the
“late superhump.”
Superhumps have the following features.
B.1. Superhumps have been detected in all

SU UMa stars for which high-speed photometric
data have been obtained during superoutbursts.
B.2. As is mentioned above, analyses of line pro-

files show that the superhump phenomenon is related
to noncircular motion of some disk components.
B.3. The superhump period is 3–7% longer than

the orbital period.
B.4. In many cases, a continuous decrease in the

superhump period is observed during a superoutburst
(by ≈1.25%).
B.5. Superhumps are detected in all SU UMa

stars, independent of orbital inclination.
B.6. Typical amplitudes of the superhumps are

∼0.3−0.4m.
B.7. The superhump amplitude decreases faster

than the system brightness; therefore, as a rule, the
superhump has already disappeared by the end of the
sloping plateau of the superoutburst.
B.8. Multicolor photometry of superhumps shows

reddening at their maxima, so that there is an inverse
correlation between the color temperature and the
brightness of a superhump.
B.9. The technique of eclipse mapping has made

it possible to identify sources of the superhump light
and to distinguish three regions in the accretion disk
from which this light is emitted.
A number of models have been suggested to ex-

plain these features of superoutbursts and super-
humps. The first models were based on possible asyn-
chronous rotation of the donor [3], a weak magnetic
field of the accretor [4], eccentricity of the binary or-
bit [5], mass-transfer variations [6, 7], and instability
of the accretion disk [8], as well as a combination of
the last two phenomena [9]. A review and critique
of early models can be found in the monograph by
Warner [1].
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In 1982, Vogt [10] suggested that the accretion
disk becomes eccentric during a superoutburst.
Later, Osaki [8] and Mineshigi [11] put forward
the idea of a precessing eccentric disk. In 1988,
Whitehurst [12] numerically confirmed the possibility
of disk precession for sufficiently small component-
mass ratios, q. Currently, models with a precessing,
eccentric accretion disk are most commonly applied
to superoutbursts in SUUMa stars. In these models,
the precession results from instability in the disk
due to the eccentric 3 : 1 Lindblad resonance [13].
This resonance1 is located inside the disk only if the
component-mass ratio is sufficiently small: q � 0.22
(the radius of the disk can be determined by applying,
for example, the formula of Paczyński [14]). These
values of q are in a good agreement with the typical q
values for SU UMa stars.
Thus, according to [8, 13], the onset of a super-

outburst can be explained as follows. In the course of
accretion, matter is accumulated in the disk and the
disk radius increases. Short, normal outbursts occur
until the disk radius grows to a size that corresponds
to the eccentric 3 : 1 Lindblad resonance. The out-
bursts may be triggered by thermal instability [16,
17]. When the resonance is reached, both thermal
and tidal instabilities can set in, the rate of accre-
tion sharply increases, and a superoutburst occurs.
During the superoutburst, the disk becomes eccentric
and begins to precess; this precession results in the
formation of the superhump.
However, this model cannot explain all the ob-

servational manifestations of SU UMa stars. Most
importantly, it cannot explain the formation of su-
perhumps in binaries that do not display normal
humps in their light curves in quiescence, i.e., in sys-
tems with small inclination angles (e.g., V436 Cen,
WX Hyi, SU UMa [1]).
The precessing, eccentric accretion-disk model

also fails to explain the origin of superoutbursts
and superhumps in systems with relatively large
component-mass ratios (q > 0.22, as for VYScl [15]).
It is especially important to note the failure of

this model to explain late superhumps. Osaki [7] and
Whitehurst [12] suggested that the eccentric accre-
tion disk survives for several days after the end of the
superoutburst and that the modulation of the bright-
ness of a hot spot produces the late superhumps (see

1 Nonaxisymmetric perturbations in the disk can be expressed
as exp[i(kϕ − lΩt)], where the integers (k, l) specify a par-
ticular mode. Lubow [13] has shown that coupling between
the density perturbations produced by a tidal perturbation
with a (3,3) mode and an eccentric perturbation with a
(1,0) mode excites two-armed spiral density waves with a
(2,3) mode at the eccentric inner Lindblad resonance; the
location of this resonance is determined by the condition
ω = mΩ/(m − 2) form = 3.
also [18, 19]). However, an independent determina-
tion of the disk eccentricity for OY Car does not agree
with this model [20, 21].

Given these inconsistencies with the observations,
it is fair to say that no fully realistic model for super-
outbursts and superhumps in SU UMa binaries has
been formulated previously.

3. THREE-DIMENSIONAL GAS-DYNAMICAL
SIMULATIONS OF COOL ACCRETION

DISKS: FEATURES OF THE PRECESSIONAL
SPIRAL DENSITY WAVE

Our qualitative analysis and three-dimensional
gas-dynamical simulations of the morphology of
gaseous flows in semidetached binaries for low gas
temperatures (∼104 K) enabled us to identify char-
acteristic features of the structure of cool accre-
tion disks [2, 22]. In general, the flow structure is
qualitatively the same as for the case of high gas
temperatures [23–25]. The gas-dynamical structure
of the flow is governed by the stream of matter from
L1, the accretion disk, the circumdisk halo, and the
circumbinary envelope. The interaction between the
stream and disk is shockless, and the interaction of
the matter of the circumdisk halo and circumbinary
envelope with the stream leads to the formation of
a shock with the form of a “hot line” along the
edge of the stream. However, reduction of the gas
temperature leads to several differences as well. A
cool accretion disk becomes considerably denser
(compared to the matter in the stream) and thinner,
and its shape is nearly circular rather than quasi-
elliptical. A second arm of the tidal spiral shock
(see [26–28]) is formed; neither arm of the shock
approaches the accretor, and both are located in the
outer parts of the disk. The absence of appreciable
action of the stream on the dense inner regions of
the disk and the fact that all the shocks (the hot line
and two arms of the tidal shock) are located in the
outer part of the disk result in a new element of the
flow structure in the low-temperature case: there is an
inner region of the accretion disk where the influence
of the gas-dynamical perturbations noted above is
negligible.

The formation of a region in the inner parts of the
disk that is free from gas-dynamical perturbations
enables us to treat this region simply as a slightly ec-
centric disk immersed in the gravitational field of the
binary; the typical size of this region is ∼0.2−0.3A,
where A is the binary separation. It is known (see,
e.g., [1, 29]) that particles revolving around one of the
binary components will precess due to the influence
of the companion. This precession is retrograde, and
the rate of precession is proportional to the orbit
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Fig. 1. (a) Left: contours of density and velocity vectors in the equatorial plane of the binary; right: contours of the radial flux of
matter in the central parts of the disk. (b–d) Same as (a) for t = Porb, 2Porb, and 3Porb.
radius; i.e., it decreases with approach to the accre-
tor. Retrograde precession obeying this precession-
rate law results in the formation of a “precessional”
spiral density wave in the inner part of the disk [2].
This wave is formed by the locus of the apastrons of
the stream lines. The presence of the density wave
together with the fact that the velocity of the particles
increases after passing apastron leads to an increase
in the radial component of the mass flux Frad = nvr

due to the increase of both the density n and the radial
velocity component vr directed toward the accretor.
The increase in the radial component of the mass flux
behind the wave increases the accretion rate in the
region where the precessional wave approaches the
accretor.
ASTRONOMY REPORTS Vol. 48 No. 7 2004
The left panels of Fig. 1 show the density distri-
bution and velocity vectors in the equatorial plane for
four times, starting from an arbitrary time and then
following with times separated by one orbital period,
i.e., for t = t0, t0 + Porb, t0 + 2Porb, and t0 + 3Porb.
The right panels show the distribution of the radial
flux of matter in the central regions of the disk for the
same times. These distributions show the formation
of a dense, circular accretion disk and a compact
circumdisk halo in the binary. The interaction of the
circumdisk halo and circumbinary envelope with the
stream results in the formation of a hot line located
outside the disk. A two-armed tidal spiral shock is
formed in the disk, with both of its arms located in
the outer part of the disk, so that they do not reach
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Fig. 1. (Contd.)
the accretor. Another spiral wave in the inner part of
the disk is also clearly visible.
These simulations were made for a binary with

characteristics close to those of the dwarf nova
IP Peg: M1 = 1.02M�, M2 = 0.5M�, and A =
1.42R�. The computation results for the four times
show that the precession of the inner spiral wave is
retrograde and the velocity of its revolution in the
inertial frame (i.e., the observer’s frame) is≈ −0.13 of
a revolution per binary orbital period. The distribution
of the radial flux of matter in the disk shows that,
starting from the outer radius of the wave, this flux
increases as it approaches the accretor and reaches
a maximum that is more than an order of magnitude
higher than the flux in regions of the disk outside the
wave. Thus, the accretion rate will be enhanced by
more than a factor of ten due to the formation of this
wave.

The outbursts in IP Peg differ from the superout-
bursts of SU UMa stars. This may be due to the
relatively small size of the disk and, accordingly, the
small size of the region that is free of gas-dynamical
perturbations. However, a typical SU UMa binary
has a component-mass ratio of q = M2/M1 ≈ 0.1,
which is substantially lower than the q for IP Peg.
A decrease in q implies an increase in the size of the
accretor’s Roche lobe (xL1

→ A as q → 0, where xL1

is the distance between the accretor and the inner
Lagrange point L1), so that the system can harbor
a larger accretion disk. According to Paczyński [14],
the relative size of the accretion disk depends on q as
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Rd/A =
0.6

1 + q
; i.e., it can reach values of 0.54A in

SUUMa stars. In turn, this means that the size of the
region that is free of gas-dynamical perturbations can
be large in these systems, making the precessional
spiral-wave mechanism efficient.
To test these ideas, we carried out a gas-dynamical

simulation for a binary with the parameters of OY Car
(q = 0.147):M1 = 0.95M�,M2 = 0.14M�, and A =
0.69R�. The results of this simulation show that the
precessional wave originates≈0.25A from the accre-
tor, its velocity in the inertial coordinate system is
≈ −0.03−0.04 of a revolution per binary orbital pe-
riod, and the accretion rate behind the wave increases
by more than an order of magnitude.
The kinematic properties of the precessional wave

and the substantial increase in the accretion rate due
to this wave suggest that it can provide an explana-
tion for superoutbursts and superhumps in SU UMa
stars.

4. BASIS OF THE NEW MECHANISM
FOR SUPEROUTBURSTS

Let us briefly summarize the basis of the proposed
mechanism for superoutbursts and superhumps in
SU UMa binaries. The mechanism assumes that an
accretion disk forms between superoutbursts, which
becomes denser compared to the matter flowing from
L1 as matter accumulates onto it. Hence, the inner
parts of the disk cease to undergo gas-dynamical per-
turbations. A precessional spiral density wave forms
in the unperturbed part of the disk, accompanied by a
substantial (by up to an order of magnitude) increase
in the accretion rate. The growth of the accretion rate
leads to a brightening of the star, i.e., to the develop-
ment of a superoutburst. The retrograde precession
of the density wave at a rate of a few hundredths of a
revolution per binary orbital period and the compact
size of the central region of energy release can explain
the formation of the superhump, as well as its obser-
vational features.
The observational features of superoutbursts and

superhumps in SU UMa stars are listed in Section 2.
To be sure that the precessional spiral wave can
explain these features, let us compare each of the
computed and observed features of superoutbursts
and superhumps in turn.

Energy release, recurrence time, and dura-
tion of superoutbursts (features A.1–A.3). Our
mechanism proposes that the energy released in
superoutbursts and their periodicity are determined
by the mass and accumulation time of the accretion
disk. About 50% of the disk mass is accreted during
a superoutburst (see, e.g., [1]), resulting in an en-
ergy release of E � 1040 erg. Hence, assuming that
ASTRONOMY REPORTS Vol. 48 No. 7 2004
about half of the energy is radiated away, we can
estimate the mass of the accreted part of the disk(

1
2
md

)
via the formula E � 1

2
GM1

R1

1
2
md. Adopting

values typical for SU UMa stars, M1 � 1M� and
R1 � 109 cm, we obtain for the mass of the disk
md � 1.5 × 10−10M�. Since the outburst recurrence
time (i.e., the time for the accumulation of the mass
1
2
md) is close to one year, the average mass-transfer

rate is close to 10−10M�/year. This estimate is
consistent with estimates for the mass-transfer rates
in cataclysmic variables. Differences in the recurrence
times for different systems are easily explained by dif-
ferences in the mass-transfer rate. The implied range
in the mass-transfer rate is reasonable—the mass-
transfer rate for a superoutburst recurrence time of
∼100d is Ṁ � 3 × 10−10M�/yr and decreases to
�3 × 10−11M�/yr for a recurrence time of ∼1000d.
The high regularity of superoutbursts is determined
by the constancy of the mass-transfer rate within
a given binary (any evolutionary changes occur on
much longer time scales and can be neglected). The
duration of a superoutburst is determined by the ratio
of the mass of accreted matter and the accretion
rate. In a steady-state regime, the accretion rate is
approximately equal to the mass-transfer rate, so
that an increase in the accretion rate by an order of
magnitude or more during a superoutburst implies
ratios of the recurrence time and superoutburst time
of 10–20, in good agreement with observations.

The superoutburst profile (features A.4 and
A.5). The rapid growth of the brightness at the onset
of a superoutburst is due to the increased accretion
rate after the formation of the precessional spiral wave
in the disk. The formation of this wave is due to the
enhanced efficiency of the outward transport of an-
gular momentum in the disk. It is natural to suppose
that the angular-momentum transfer rate is constant
in quiescence (a quasi-steady state). In the proposed
mechanism, the innermost regions of the disk are
accreted first, followed by more distant ones. Since
the angular momentum in the disk is distributed as
r1/2, the accretion of matter from distant orbits re-
quires more and more time. As a consequence, the
accretion rate will decrease with time, manifest as
the extended sloping plateau of the light curve. It is
interesting that, since the angular-momentum trans-
port is determined by the characteristics of the wave
rather than the parameters of the binary, our mecha-
nism provides a natural explanation for the similarity
of the plateau slope for different systems. The slope
is ∼9 ± 1 days/mag; i.e., the brightness declines by
one magnitude (the accretion rate decreases by a
factor of 2.5) in nine days. This means that, every
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nine days, the radius of the disk regions that be-
gin to accrete increases by a factor of 2.52, i.e., by
six to seven accretor radii (∼0.1A). Based on these
considerations and using the observed values of the
superoutburst duration and the plateau slope, we can
estimate the linear size of the wave (the distance
between the outer and inner radii that correspond to
the wave initialization and termination points) and,
consequently, derive certain physical characteristics
of the disk. If both the wave scale (the radius of
the accreted part of the disk) and the energy release
during the superoutburst are known, we can estimate
both the mass and density of the disk. Variations in
the superoutburst duration are due to variations in
the wave size. Hence, for given binary parameters and
known maximum disk radius, there exists an upper
limit for the superoutburst duration in the system. In
a typical SUUMa star, q � 0.1, so that the maximum
radius of the disk and the maximum possible wave
scale cannot exceed 0.54A [14]. As a consequence,
the maximum brightness variations of a typical star
of this type have amplitudes less than ∼4.25m, and
the maximum superoutburst duration is ∼40 days. If
only half of the disk mass is accreted, then, assuming
that the density of the disk matter is constant, we find
that the wave scale is a factor of

√
2 smaller than the

disk radius. Thus, the maximum brightness-variation
amplitude is ∼3.9m, and the maximum duration of a
superoutburst, ∼35 day. Observations to date have
not revealed SU UMa stars that do not satisfy these
criteria.

Relation between superoutbursts and normal
outbursts (features A.6 and A.7). Our mechanism
proposes that superoutbursts are related to a sharp
increase in the accretion rate. Normal outbursts are
likewise due to enhancements in the accretion rate.
Hence, although the physical nature of the increase
of the accretion rate in these two cases is different
(the formation of the precessional spiral wave in the
former case and instability in the disk in the latter
case), the observational manifestations of both types
of outbursts could be similar, especially in their early
stages. This may explain the fact that the superout-
bursts begin in the same way as normal outbursts
(feature A.6). The absence of normal outbursts dur-
ing or immediately after superoutbursts (feature A.7)
does not prove that there is a connection between the
two types of outbursts. In our mechanism, normal
outbursts and superoutbursts have different origins,
but we can explain this feature as follows. The super-
outburst consumes the entire inner region of the disk,
making any kind of outburst impossible before this
region is refilled with newmaterial. The rate of filling is
determined by the efficiency of the outward transport
of angular momentum (for instance, due to turbulent
viscosity), but even if the efficiency is high, the refilling
time is considerable and, in general, comparable to
the duration of an outburst.

Formation of the superhump (feature A.8). The
formation of a superhumpmay also be a consequence
of the development of the precessional spiral wave in
the disk. The increase in the accretion rate behind
the wave is spatially localized in azimuth, so that
matter approaches the surface of the accretor within
a fairly compact zone. As the outburst develops, both
heating of the gas and the difference of the rotational
velocities of the accretor and wave will increase this
impact zone, forming a closed belt. However, in any
case, the system will have a “core” in the region
of energy release, where the accretion rate will be
enhanced. This core is fairly compact and is located
at the accretor surface, so that it will be eclipsed at
some orbital phases. The detection (“formation”) of
the superhump occurs when the core emerges from
eclipse and is oriented toward the observer. The core
is associated with the precessional spiral wave, and its
rotational velocity is determined by the velocity of the
wave. The amplitude of the core is determined relative
to the energy release over the entire surface of the
accretor and, therefore, depends on the properties of
the accretor and disk, not the properties of the wave.
The fact that the superhump is generally detected
some time after the beginning of the superoutburst is
a consequence of the compact size of the core region.
If the wave location (position of the superhump) has
a uniform probability distribution in azimuth at the
onset of the outburst, then, on average, a time equal to
about half of the precession period should pass before
the core emerges from eclipse (i.e., is oriented toward
the observer) and is manifest as a superhump.

Details of the disk structure obtained from
observations of superhumps (features A.9 and
A.10). Observations of superoutbursts in eclipsing
SU UMa systems display dips in the light curves at
phases ∼0.2−0.25 and 0.75–0.8 in both the optical
and UV. In our model, the two arms of the tidal shock
wave are located at these phases. Heating of the gas
in the shocks increases the disk thickness at these
phases, which can explain the observed dips. The
noncircular motion of the part of the disk rotating with
the superhump period Ps (feature A.10) is a natural
property of our model, since the precessional spiral
wave forms in the region of noncircular motion and
moves with the superhump period. The detection of
these regions is a direct confirmation of our model.

Formation of the “late superhump” (feature
A.11). In some SU UMa stars, both the normal
orbital humps and a brightness modulation with the
superhump period but shifted in phase by ∼180◦ are
observed for several days after completion of the su-
peroutburst. This is known as the “late superhump.”
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Our model can explain the formation of the late su-
perhump as follows. (1) The precessional spiral wave
forms in the region of the apastrons of the eccentric
flow lines. (2) During the superoutburst, the accretion
of matter forms an empty zone in the inner part of the
disk (or, more precisely, a zone of reduced density),
which is noncircular in shape—it is elongated where
the wave passed and closer to the accretor on the
opposite side (in the region of the flow-line perias-
trons). (3) After the disappearance of the wave and the
completion of the superoutburst, the accretion disk
has been replaced by an elliptical ring of matter, with
the periastron of the ellipse shifted in phase by ∼180◦
compared to the former location of the wave (or,
in other words, compared to the superhump phase).
(4) After the completion of the superoutburst, the
transport of angular momentum and, consequently,
accretion are due to viscosity, i.e., processes with uni-
form azimuthal distributions. Therefore, matter that
loses angular momentum axially symmetrically will
reach the surface of the accretor more readily if it was
initially closer to the accretor, i.e., in the region of
the periastron of the elliptical ring. This results in the
formation of the late superhump, which will be man-
ifest as a brightness modulation with the superhump
period but shifted in phase by ∼180◦. The lifetime of
the late superhump is determined by the time scale for
circularization of the flow lines in the disk.

Superhump characteristics (features B.1–
B.5). The detection of superhumps in all SU UMa
stars for which high-speed photometric data have
been obtained during superoutbursts provides evi-
dence for a common origin for superhumps and su-
peroutbursts. In our model, both the superhump and
superoutburst are associated with the development of
the precessional spiral wave in the disk. Since this
wave forms in a region of noncircular flow lines and
the velocity of its rotation is determined by the rate of
retrograde precession of the flow lines (of the order of
several hundredths of a revolution per orbital period),
the relation between the superhump and noncircular
rotation of the disk (feature B.2) and the fact that the
superhump period is 3–7% longer than the orbital
period (feature B.3) are natural consequences of
this superhump mechanism. The superhump period
is defined by the period of the wave Pwav and the

orbital period Porb via the relation Ps =
PwavPorb

Pwav − Porb
.

The reduction of the superhump period during the
superoutburst (feature B.4) is also quite natural if the
superhump is a consequence of the development of
the precessional spiral wave in the disk. Indeed, the
precessional period of the wave is determined by both
fast outer and slow inner flow lines. As the outburst
develops, the linear scale of the wave will be reduced
and the slow inner flow lines will exert more influence,
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making the rate of rotation of the wave decrease
(so that Pwav will increase), which is observed as a
reduction in the superhump period. The presence of
superhumps in the light curves independent of the
binary inclination (feature B.5) can be explained by
the existence of a compact core of energy release that
is spatially localized in azimuth. In this case, this core
will not be observable at certain orbital phases and
the brightness of the system will be modulated.

Superhump amplitude (features B.6 and B.7).
Typical superhump amplitudes are ∼0.3−0.4m. This
means that the energy released in the core of the
region of energy generation is ∼10% higher than at
the rest of accretor surface. This is quite natural,
since the accretor will have revolved several times and
the accretion zone will have acquired the shape of a
belt with a small core by the time the superhump is
detected (see also the comparison of the model with
feature A.8). For systems where the superhump is
observed immediately after the onset of the superout-
burst [30], the core is visible from the very onset of the
superoutburst and the belt forms later, as matter is
accreted and smeared over the surface of the accretor.
This effect is manifest as a variation of the super-
hump shape during the outburst: the shape is initially
asymmetric (since the rate of energy release and the
size of the region of energy release are different for
phases before and after the superhump) but becomes
symmetric when the belt is formed. The more rapid
reduction of the superhump amplitude compared to
the brightness of the system (feature B.7) is due
to the accretion from more and more distant orbits
as the superoutburst develops and the consequent
stretching of the core in azimuth. This reduces the
ratio of the energy release in the compact core and the
total energy release; i.e., the superhump amplitude
decreases more rapidly than the outburst amplitude.

Inverse correlation between superhump color
temperature and brightness (feature B.8). A su-
perhump is observed when the core of the zone of
energy release is oriented toward the observer. At this
time, the precessional spiral density wave is located
between the accretor and observer. This may lead to
enhanced absorption (reddening) at the superhump
maximum compared to its minimum, when the wave
does not affect observations of the superhump.

Superhump light sources (feature B.9). Eclipse
mapping of SU UMa stars [31] has revealed three
sources of superhump emission in the outer regions
of the disk. Their locations coincide with the positions
of three components of our model: two arms of the
tidal spiral shock and the hot-line shock. Eclipse
mapping has not detected the compact zone of en-
ergy release at the accretor surface, possibly because
eclipse mapping has “excess azimuthal symmetry”
and so stretches features in azimuth [1]. This does not
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prevent the use of this technique for investigations of
the outer parts of the disk, where the linear scale of the
flow components is large, but the method could fail to
detect a bright spot in a small region on the accretor
surface.
Summarizing our comparison of the computed

and observed features of superoutbursts and super-
humps, it is now possible for the first time to explain
all the observed features, without exception (includ-
ing the late superhumps, which were very difficult to
interpret previously), in a natural way within a single
model.
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Abstract—We present our analysis of elemental abundances in the atmospheres of 16 classical barium
stars derived from high-resolution spectra and model atmospheres. Comparison of the results with
analogous data for moderate barium stars and normal red giants shows that the abundance patterns for
elements before the iron peak are the same for all three groups of red giants, testifying to a similar origin. For
binary systems, we confirm the influence of the orbital period and, hence, the component separation, on the
overabundance of s-process elements. The amount of enrichment in s-process elements is also influenced
bymass,metallicity, and evolutionary phase. Any of these parameters can be important in individual objects.
c© 2004 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

In our previous investigations of the atmospheric
elemental abundances of red giants, we determined
and analyzed the abundances of seven classical bar-
ium stars [1]. However, due to the small number
of stars studied, our plots illustrating certain rela-
tions were not convincing and required verification
[1]. The current study is a continuation of [1], with
the aim of studying the atmospheric elemental abun-
dances of an additional nine classical barium stars
using the same techniques, analyzing the new da-
ta together with those from [1], and carrying out
a comparative analysis of the atmospheric chemical
compositions of three groups of red giants—normal
red giants (without spectral peculiarities), moderate
barium stars, and classical barium stars. We obtained
abundance data for the first two groups in our earlier
papers [2, 3].

2. OBSERVATIONS AND REDUCTION

As in [1], our study of classical barium stars
is based on observations acquired with the 6-m
telescope of the Special Astrophysical Observatory
(Russian Academy of Sciences). The NES echelle
spectrometer at the Nasmyth focus of the tele-
scope [4] provided a spectral resolution ofR = 60000;
the detector was a 2048 × 2048 CCD camera [5]. The
list of classical barium stars studied is presented in
Table 1. Their orbital periods were taken from [6–10].
1063-7729/04/4807-0597$26.00 c©
The equivalent widths selected for our abun-
dance determinations and the corresponding oscil-
lator strengths are presented in Table 2.1 We de-
termined the atmospheric parameters (Teff, log g, Vt)
using techniques developed by us previously [2]; the
results are collected in Table 3.

We determined the elemental abundances using
model atmospheres and the equivalent widths of se-
lected lines. Our computations used the ATLAS9
code of Kurucz [11]. Table 4 presents the derived
atmospheric elemental abundances for the program
stars, which are related to the corresponding solar
abundances by the formula

[X] = log
(

ε(el)
ε(H)

)
∗
− log

(
ε(el)
ε(H)

)
�

.

Table 4 also indicates for each star the number of
lines, N , used to determine a given element’s abun-
dance. Figure 1 shows the abundances of elements
relative to iron, [X/Fe], for each of the program stars.

We can see in Fig. 1 that the atmospheric chem-
ical compositions of all the stars are qualitatively
similar. Three main intervals can be distinguished.
The first consists of the light elements (Na, Mg, Al,
Si), which have positive abundances relative to iron;
i.e., these elements are more abundant than Fe. The
second interval consists of the iron-peak elements.

1 Table 2 is available only electronically through the Center of
Astronomical Data in Strasbourg (ftp://cdsweb.u-strasbg.
fr/pub/cats/J).
2004 MAIK “Nauka/Interperiodica”
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Table 1. Program barium stars and their atmospheric parameters

HD
Coordinates (2000.0)

mv Spectral type Teff, K log g Vt, km/s
α δ

16 458 02h 47m 47.7s +81◦ 26′ 54′′ 5.79m G8II Ba3 4560 1.73 1.53

88 562 10 12 29.9 –15 53 23 8.52 K2III Ba4 4274 1.74 1.49

101 013 11 37 53.0 +50 37 06 6.12 K0III Ba3 5080 3.10 1.40

130 386 14 48 02.3 –05 30 24 7.80 K0III Ba1 4720 2.41 1.44

139 409 15 38 41.4 –17 39 53 7.15 G5II Ba1 4731 2.13 1.47

175 190 18 55 07.1 –22 40 17 4.99 K3II Ba1 4188 1.36 1.50

178 717 19 09 22.0 +10 14 28 7.14 K4III Ba4 4073 0.01 1.81

183 915 19 31 25.5 +11 37 41 7.29 K1II Ba3 4616 1.88 1.56

196 673 20 37 44.3 +33 21 59 6.97 K0III Ba1 4905 2.38 1.53
The abundance ratios, [X/Fe], exhibit only a small
amount of scatter, indicating that the relative abun-
dances of these elements do not differ from those in
the solar atmosphere, within the uncertainties in the
chemical compositions. The third interval consists of
elements heavier than the iron-peak elements, which
are formed predominantly in the s and r processes; all
the program stars display large abundance anomalies
of these elements. We are especially interested in the
s-process elements, whose abundances can change
in the course of a star’s evolution. The elements Mo,
Sm, Eu, Dy, and Hf are mainly created in the r pro-
cess, and we do not consider their abundances in this
paper.

The overabundances of the various s-process el-
ements for the program stars are fairly similar. The
abundances of these elements for each star can be
described by the average of the abundances of the
individual elements:
[s-el/Fe] =
[SrI] + [ZrII] + [YII] + [CeII] + [LaII] + [NdII] + [PrII]

7
− [Fe].
These mean abundance estimates for each star
are given in Table 3. We did not use the BaII lines,
because they are very strong, and we expect non-
LTE effects to have a significant impact on the derived
abundances of this element. Table 3 shows that the
scatter in the abundances about the mean value is not
large and is comparable to the scatter for any given
element from the individual lines used to derive its
abundance.

3. LUMINOSITIES OF THE STARS

Our further analysis of the program stars requires
estimates of their luminosities, which we derived from
the apparent magnitudes and distances to the pro-
gram stars. The data needed for this purpose are col-
lected in Table 5. Columns 2, 5, 6, and 3 contain, re-
spectively, the apparent magnitudes, B−V and U−B
color indices (taken from [12–15]), and parallaxes
(from the HIPPARCOS catalog [16]). The distances
to the program stars do not exceed 400 pc.

We estimated the interstellar extinction from
the stars’ positions in the (B−V , U−B) two-color
diagram (Fig. 2). When undistorted by interstellar
reddening, a star’s position in this diagram de-
pends on its effective temperature, surface gravity,
and metallicity. We analyzed each star individually.
Using the set of normal color-index curves of [17],
we selected those whose parameters had minimal
deviations from the gravity and metallicity we had
determined for the star. The observed position of
each star in the (B−V , U−B) plane was reduced
to its normal position ((B−V )0, (U−B)0) on the
normal color-index curve along the reddening line.
We then used the difference between (B−V )0 and
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Table 3. Parameters of the barium stars

HD Spectral type [Fe/H ] [s-el/Fe] Porb, days Data on the companion

Classical barium stars in binary systems

16 458 K1IIBa3 −0.27 ± 0.09 1.32 ± 0.27 2018.0

46 407 K0IIIBa3 −0.14 ± 0.08 1.39 ± 0.24 457.4

77 247 G8IIIBa2 +0.09 ± 0.05 0.54 ± 0.22 80.5

88 562 K2IIIBa4 −0.16 ± 0.07 1.05 ± 0.23 1445.05

101 013 K0IIIBa3 +0.00 ± 0.07 1.23 ± 0.25 1710.9

178 717 K4IIBa4 −0.31 ± 0.14 1.06 ± 0.26 2866.0

196 673 K0IIIBa1 +0.27 ± 0.08 0.13 ± 0.20 6500.0 visual binary [36]

199 394 G8IIBa1 +0.02 ± 0.12 0.89 ± 0.27 4382.6

199 939 K0IIIBa4 −0.34 ± 0.11 1.49 ± 0.34 584.9

204 075 G4IIBa3 −0.04 ± 0.11 1.00 ± 0.47 2378.2

205 011 G9IIIBa2 −0.03 ± 0.05 0.82 ± 0.21 2836.8

Classical barium stars with no evidence of binarity

65 854 G8IIIBa1 −0.20 ± 0.08 0.77 ± 0.25 –

130 386 K0IIIBa1 +0.01 ± 0.07 0.24 ± 0.31 –

139 409 G5IIBa1 −0.51 ± 0.06 0.63 ± 0.31 –

175 190 K3IIBa0.8 −0.13 ± 0.08 0.63 ± 0.32 –

183 915 K1IIBa3 −0.43 ± 0.10 1.13 ± 0.32 –

Moderate barium stars

49 293 K0 + IIIaBa0.2 +0.08 0.21 1760.9 spectroscopic binary [32]

74 739 G7.5IIIaBa0.1 −0.21 0.29 – visual binary [32]

83 618 K2.5IIIBa0.3 −0.06 0.29 –

133 208 G8IIIaBa0.3 +0.07 0.21 –

158 899 K3.5IIIBa0.1 +0.00 0.24 –

176 411 K1-IIIBa0.2 −0.05 0.03 1270.6

202 109 G8IIIBa0.6 −0.03 0.39 – spectroscopic binary [32],
white dwarf [33]

215 665 G8IIIaCN1Ba0.3 +0.09 0.21 –
(B−V ) to determine the V -band extinction: AV =
3.2((B−V ) − (B−V )0).

The data from [17] were also used to determine
bolometric corrections, BCV , also using our gravity
and metallicity estimates. We can thus find the star’s
luminosity:

log
(

L∗
L�

)
= 0.4(4.69 − (m∗ + 5 + 5logπ∗

+ AV + BCV )).

The (B−V )0 color index was used to estimate
ASTRONOMY REPORTS Vol. 48 No. 7 2004
the effective temperatures of the stars. Recall that,
as is noted in [2, 18], the atmospheric parameters
we determined (Teff , log g) correspond to that part
of the atmosphere best describing the observed line
spectrum. They do not always coincide with the real
effective temperatures derived from the continuum
energy distribution or with the gravities computed
from estimates of the star’s mass. This is probably due
to imperfections in the model atmospheres.

We used the (B−V )0 values given in column 7 of
Table 5 to determine the stars’ temperatures applying



600
A
N
T
IP
O
V
A
et

al.

78 717 HD 183915 HD 196673

[X] N [X] N [X]

– –
60 ± 0.04 1 −0.31 2 0.47 ± 0.08

– –
34 ± 0.08 6 −0.25 ± 0.08 4 0.19 ± 0.06

0.84 1 0.36 –
30 ± 0.07 3 −0.35 ± 0.06 2 0.32

12 ± 0.02 6 −0.49 ± 0.07 2 0.28 ± 0.05

64 ± 0.02 4 −0.39 ± 0.05 2 0.22 ± 0.01

01 ± 0.10 40 −0.50 ± 0.11 9 0.23 ± 0.08

46 ± 0.11 7 −0.32 ± 0.11 3 0.26 ± 0.07

07 ± 0.15 12 −0.55 ± 0.08 7 0.16 ± 0.07

35 ± 0.10 14 −0.47 ± 0.17 4 0.14 ± 0.11

0.03 3 −0.32 ± 0.13 1 0.16

51 ± 0.17 3 −0.72 ± 0.12 3 0.14 ± 0.21

31 ± 0.14 93 −0.42 ± 0.10 25 0.27 ± 0.08

30 ± 0.09 9 −0.46 ± 0.07 4 0.22 ± 0.08

15 ± 0.11 12 −0.40 ± 0.07 3 0.25 ± 0.11

59 ± 0.15 37 −0.46 ± 0.12 13 0.15 ± 0.05

0.63 – – 2 1.69 ± 0.04

−0.65 1 −0.59 1 0.20

1.24 1 0.64 –
0.84 1 −0.69 –

64 ± 0.06 4 0.44 ± 0.01 5 0.31 ± 0.06

76 ± 0.18 9 −0.05 ± 0.21 1 0.04

83 ± 0.06 3 0.81 ± 0.14 –
60 ± 0.18 4 0.13 ± 0.06 –

0.96 3 0.75 ± 0.22 –
– – – –
0.92 1 0.68 1 0.78

63 ± 0.03 3 0.71 ± 0.04 4 0.40 ± 0.05

66 ± 0.12 12 0.77 ± 0.14 3 0.23 ± 0.11

89 ± 0.07 11 0.74 ± 0.15 2 0.41 ± 0.07

83 ± 0.17 26 0.79 ± 0.15 2 0.63 ± 0.01

03 ± 0.34 2 0.12 ± 0.01 2 0.88 ± 0.07

– 1 0.14 –
– 1 −0.13 –
0.33 1 0.47 –
0.74 1 0.45 –
0.49 1 0.14 –
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Table 4. Elemental abundances in the atmospheres of barium stars

HD 16 458 HD 88562 HD 101013 HD 130386 HD 139409 HD 175190 HD 1

N [X] N [X] N [X] N [X] N [X] N [X] N

AlI 2 −0.02 – 1 0.10 – – – –
NaI 5 −0.02 ± 0.05 3 −0.12 ± 0.05 4 −0.01 ± 0.07 3 0.21 ± 0.05 1 −0.36 2 0.06 ± 0.06 2 0.

MgI 1 −0.02 – 1 −0.01 – – – –
SiI 8 −0.32 ± 0.08 4 −0.10 ± 0.03 7 0.01 ± 0.08 4 0.00 ± 0.05 5 −0.19 ± 0.05 9 0.16 ± 0.09 4 −0.

KI 2 0.79 ± 0.04 2 0.33 ± 0.07 1 0.83 1 0.59 – – – – 1

CaI 7 −0.21 ± 0.09 2 −0.21 ± 0.06 6 0.00 ± 0.09 2 −0.03 4 −0.34 ± 0.09 2 −0.16 ± 0.22 2 −0.

ScI 6 −0.22 ± 0.02 3 −0.06 ± 0.09 4 0.02 ± 0.04 3 −0.02 ± 0.05 2 −0.51 ± 0.10 5 −0.42 ± 0.10 2 −0.

ScII 5 −0.22 ± 0.08 5 −0.03 ± 0.06 4 0.12 ± 0.03 4 −0.02 ± 0.09 6 −0.24 ± 0.04 4 −0.14 ± 0.08 3 −0.

TiI 24 −0.29 ± 0.09 14 −0.19 ± 0.06 37 0.05 ± 0.08 33 −0.08 ± 0.08 18 −0.42 ± 0.06 23 −0.16 ± 0.10 25 −0.

TiII 6 −0.28 ± 0.08 6 −0.01 ± 0.08 7 0.25 ± 0.08 7 0.04 ± 0.10 7 −0.16 ± 0.05 4 −0.09 ± 0.08 8 −0.

VI 10 −0.32 ± 0.05 6 −0.16 ± 0.08 10 0.01 ± 0.06 7 0.02 ± 0.04 11 −0.53 ± 0.05 9 −0.14 ± 0.07 4 −0.

CrI 13 −0.39 ± 0.07 17 −0.36 ± 0.09 15 0.01 ± 0.08 18 −0.02 ± 0.09 6 −0.66 ± 0.10 19 −0.16 ± 0.09 12 −0.

CrII 1 −0.10 – – 5 0.09 ± 0.11 1 0.10 2 −0.53 ± 0.05 2 −0.15 ± 0.08 1

MnI 4 −0.60 ± 0.11 4 −0.36 ± 0.14 4 −0.31 ± 0.09 3 0.05 ± 0.15 5 −0.66 ± 0.07 5 −0.21 ± 0.13 2 −0.

FeI 76 −0.27 ± 0.09 42 −0.16 ± 0.07 95 0.00 ± 0.07 83 0.01 ± 0.07 49 −0.51 ± 0.06 60 −0.13 ± 0.08 64 −0.

FeII 5 −0.34 ± 0.08 5 −0.17 ± 0.09 9 −0.02 ± 0.04 11 −0.02 ± 0.08 4 −0.47 ± 0.04 5 −0.15 ± 0.07 5 −0.

CoI 5 −0.13 ± 0.12 8 0.02 ± 0.07 14 0.06 ± 0.10 7 0.09 ± 0.09 5 −0.31 ± 0.06 12 0.05 ± 0.10 7 −0.

NiI 22 −0.42 ± 0.08 14 −0.24 ± 0.07 43 −0.07 ± 0.09 33 −0.03 ± 0.08 24 −0.49 ± 0.07 26 −0.13 ± 0.09 18 −0.

CuI 2 1.12 ± 0.74 1 0.72 3 1.66 ± 0.08 1 0.98 2 1.11 ± 0.05 1 0.83 1

ZnI 1 −0.61 – – 1 −0.15 1 −0.15 1 −0.31 1 −0.32 1

SrI 1 0.93 1 0.74 2 1.10 ± 0.01 1 0.55 – – 1 0.70 1

YI 2 0.55 ± 0.08 1 −0.54 – – 1 1.01 – – 1 0.58 1

YII 6 0.74 ± 0.08 5 0.69 ± 0.04 6 1.14 ± 0.09 5 0.60 ± 0.10 6 0.18 ± 0.10 5 0.71 ± 0.11 3 0.

ZrI 12 0.43 ± 0.13 8 0.35 ± 0.11 11 0.77 ± 0.09 8 0.14 ± 0.08 4 −0.20 ± 0.08 8 0.27 ± 0.04 3 0.

ZrII 3 0.99 ± 0.06 2 0.92 ± 0.01 5 1.36 ± 0.10 2 0.56 ± 0.06 2 0.32 ± 0.03 3 0.83 ± 0.07 2 0.

MoI 5 0.51 ± 0.09 3 0.27 ± 0.03 4 0.82 ± 0.08 2 0.22 ± 0.04 2 −0.33 ± 0.01 5 0.29 ± 0.16 4 0.

RuI 5 0.78 ± 0.14 4 0.63 ± 0.19 3 1.47 ± 0.12 2 1.29 ± 0.01 – – 3 0.58 ± 0.33 3

CdI 1 0.63 – – – – – – – – – – –
BaII 1 1.21 1 0.90 1 1.37 1 0.51 2 0.19 ± 0.01 2 0.51 ± 0.09 1

LaII 4 1.25 ± 0.11 4 0.99 ± 0.10 5 1.23 ± 0.06 4 0.19 ± 0.04 2 0.16 ± 0.21 3 0.55 ± 0.07 2 0.

CeII 11 1.09 ± 0.07 9 0.83 ± 0.11 14 1.26 ± 0.10 5 0.02 ± 0.11 2 −0.16 ± 0.09 12 0.30 ± 0.09 7 0.

PrII 8 1.07 ± 0.09 5 0.97 ± 0.09 7 1.14 ± 0.11 3 −0.06 ± 0.06 – – 6 0.26 ± 0.11 5 0.

NdII 31 1.17 ± 0.11 13 0.94 ± 0.10 28 1.24 ± 0.12 7 0.21 ± 0.06 9 0.24 ± 0.06 21 0.32 ± 0.10 11 0.

SmII 5 0.50 ± 0.05 1 0.72 3 1.03 ± 0.27 2 0.14 ± 0.02 – – 2 0.05 ± 0.12 3 0.

EuII 1 0.55 1 0.50 1 0.40 – – – – 2 0.11 –
GdII – – – – – – – – – – – – –
DyII 1 0.72 1 0.67 1 1.10 1 1.18 – – 1 0.62 1

HfI 1 0.93 1 0.51 – – 1 0.53 – – 1 0.08 1

WI 1 0.52 – – – – – – – – – – 1
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Fig. 1. Elemental abundances of the studied barium stars relative to those in the solar atmosphere. The circles show
abundances determined from lines of neutral atoms, and asterisks, abundances derived from lines of ions. Each abundance is
accompanied by an error bar derived from the dispersion of the individual lines. The absence of a bar means that the abundance
was determined from a single line.
the calibration we derived using the data from [17]
and taking into account the gravities and metallici-
ties. The resulting temperatures are presented in col-
umn 12 of Table 5. These values were subsequently
used to analyze the stars’ positions in the log T −
log(L∗/L�) diagrams. The masses (given in Table 3)
were estimated using evolutionary tracks from [19,
20]. We determined the mass of each star using the
tracks for the corresponding metallicity.

The log g values given in column 13 of Table 4 were
calculated using the formula

logg = −10.607 + log
(

M∗
M�

)

+4 ∗ logTeff − log
(

L∗
L�

)
.
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4. ANALYSIS AND DISCUSSION
As is noted in [1], evolution in a binary system re-

mains the main hypothesis explaining the appearance
of the barium-star phenomenon on the giant branch.
However, binarity can be established for far from all
classical barium stars [21]. With this in mind, we will
subdivide all our program stars (those from this paper
and from [1]) into two groups: binaries and stars for
which no evidence of binarity has been detected.

Our papers on the atmospheric chemical compo-
sitions of red giants (normal giants andmoderate bar-
ium stars) indicate the presence of overabundances of
Na, Al, and Si, which are correlated with the star’s
luminosity [2, 3]. The classical barium stars are no
exception [1].

We will analyze the abundance determinations
presented here and in [1] and compare them to similar
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Table 5. Luminosities and masses of the program stars

HD mv
π, mas
(Hip)

r, pc
(Hip) B−V U−B (B−V )0 Av BC Mbol log

(
L∗
L�

)
TB−V ,
K

log g
M∗
M�

1 2 3 4 5 6 7 8 9 10 11 12 13 14

16 458 5.790 6.54 152 +1.332 +1.29 +1.258 0.24 –0.64 –1.01 2.278 4351 1.95 1.9

46 407 6.266 8.25 121 +1.123 +0.710 +0.915 0.67 –0.25 –0.07 1.904 5077 2.78 2.9

65 854 8.41 6.34 157 +0.976 +0.604 +0.927 0.16 –0.27 2.00 1.077 5006 3.32 1.6

77 247 6.860 2.86 349 +1.001 +0.657 +0.918 0.27 –0.24 –1.36 2.420 5124 2.39 3.8

88 562 8.52 3.13 319 +1.451 +1.484 +1.322 0.41 –0.80 –0.21 1.960 4166 1.91 1.0

101 013 6.124 7.07 141 +1.071 +0.730 +0.944 0.41 –0.26 –0.30 1.995 5019 2.69 3.1

130 386 7.80 3.42 292 +1.105 +0.907 +1.065 0.13 –0.34 0.01 1.874 4827 2.65 2.5

139 409 7.15 5.51 181 +1.078 +0.734 +1.017 0.20 –0.34 0.33 1.746 4820 2.66 1.9

175 190 4.99 12.07 82 +1.345 +1.478 +1.345 0.00 –0.75 –0.36 2.018 4223 1.96 1.2

178 717 7.14 2.90 344 +1.918 +2.025 +1.450 1.50 –0.81 –2.85 3.016 4177 1.41 3.5

183 915 7.29 3.48 287 +1.363 +1.083 +1.102 0.84 –0.38 –1.22 2.363 4768 2.25 3.2

196 673 6.97 2.76 362 +1.143 +0.928 +1.060 0.27 –0.33 –1.42 2.443 4842 2.28 3.9

199 394 6.999 6.33 157 +1.022 +0.635 +0.894 0.41 –0.24 0.36 1.733 5133 2.93 2.7

199 939 7.424 3.16 316 +1.293 +0.995 +1.083 0.67 –0.37 –1.12 2.323 4746 2.27 3.1

204 075 3.754 8.19 122 +0.986 +0.596 +0.868 0.38 –0.21 –2.27 2.784 5209 2.14 4.6

205 011 6.426 6.31 158 +1.079 +0.774 +0.982 0.31 –0.27 –0.16 1.939 4980 2.70 2.9
results obtained for normal red giants and moderate
barium stars [2, 3].

All our program stars are field giants and cover
a fairly wide metallicity range (−0.51 < [Fe/H] <
+0.27). Thus, in addition to the abundance anomalies
for some elements that are characteristic of red giants
(i.e., due to pronounced convection and the dredge-
up to surface layers of the products of nuclear burning
during the main-sequence stage), we expect that
some of the observed overabundances could be due
to the chemical evolution of the Universe, i.e., to the
ages of the program stars. These effects can overlap,
and to help elucidate to what extent the observed
anomalies are a result of evolutionary processes in the
star, we compared the abundance of a given element
in the red giants to the corresponding abundance
for dwarf stars of the same metallicity (i.e., of the
same age), whose chemical compositions reflect that
of the material from which the stars were formed.
We used [22] as the source of data on the elemental
abundances of dwarfs.

4.1. Sodium
Figure 3 displays the sodium abundances relative

to iron ([Na/Fe]) for the program stars as a func-
tion of the iron abundance, [Fe/H], and gravity, log g
(Figs. 3a, 3b).

The analysis of the atmospheric abundances of
about 200 Galactic-disk F and G dwarfs with metal-
licities −0.8 < [Fe/H] < +0.2 carried out in [22]
shows these dwarfs do not display any of the Na
abundance anomalies that are characteristic of the
Galaxy’s chemical evolution (e.g., the relation be-
tween [Na/Fe] and [Fe/H] in Fig. 9 in [22]); on
average, the [Na/Fe] values are close to zero, with
a small scatter. Comparing this diagram with the
corresponding diagram for the giants (Fig. 3a), we see
that the [Na/Fe] values for the studied giants likewise
do not show appreciable abundance variations with
[Fe/H], but the abundances are systematically higher
than those for the dwarfs (on average, by 0.2 dex).
The scatter about the mean is also much larger than
for the dwarfs (we discuss the reasons for this scatter
below). It is known (see, for example, [23–25]) that
the observed Na excesses in the atmospheres of red
giants are determined by evolutionary processes in
these stars: the dredge-up of products of nuclear
burning in the stellar interior during the main-
sequence stage to its surface by convection that
develops during the red-giant stage.
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Fig. 3. Excess of the ratio of the sodium and the iron abundances, compared to the analogous ratio for the Sun for (1) normal
giants and supergiants, (2) moderate barium stars, (3, this paper) classical barium stars in binary systems, and (4, this paper)
classical barium stars with no evidence for binarity.
Figure 3a also shows that, on average, the mod-
erate barium stars lie somewhat above the normal
giants.

As was noted above, the scatter in Fig. 3a (for
giants) is much larger than in the analogous dia-
gram for dwarfs (Fig. 9 from [22]). This scatter ex-
ceeds the observational uncertainties. We can see
from Fig. 3a and Table 3 that, for the same [Fe/H],
stars that are located higher have lower gravity, i.e.,
higher luminosity. This suggests that the scatter is
determined by the luminosity range occupied by the
studied stars. In addition, on average, the moderate
barium stars have higher luminosities than normal
red giants, i.e., they are more evolved. This conclusion
agrees with that made in [3] based on an analysis of
the atmospheric abundances of s-process elements in
ASTRONOMY REPORTS Vol. 48 No. 7 2004
moderate barium stars. The range of gravities covered
by the dwarfs is much narrower than for the giants,
giving rise to the smaller scatter in Fig. 9 in [22].

Figure 3b shows the relation between the Na ex-
cess and gravity, log g, well known for supergiants
and giants (see, for instance, Fig. 3 in [1]), with
the data for the newly studied classical barium stars
added. It is clear that the position occupied by the
moderate barium stars is intermediate between those
occupied by the giants and supergiants, confirming
that they have somewhat higher luminosities com-
pared to normal giants and are, hence, more evolved.
Note that the moderate barium stars and normal red
giants satisfy the same relation in this diagram.
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Fig. 4. Excess of the ratio of the aluminum and iron abundances in the atmospheres of red giants compared to the analogous
ratio for the Sun. The meaning of the symbols is the same as in Fig. 3.
4.2. Aluminum

Unfortunately, due to the limited spectral range
studied, we were able to measure the Al abundances
for only seven classical barium stars (Table 4). Nev-
ertheless, it is interesting to compare the results with
data for other groups of red giants and dwarfs.

According to Fig 9 in [22], the [Al/Fe] ratios
are virtually constant and equal to 0.05−0.1 dex for
dwarfs with the metallicities of our program stars. We
noted earlier [2, 3] the existence of a slight [Al/Fe]
excess in the atmospheres of field red giants, which is
correlated with luminosity (i.e., the excess increases
with decreasing log g), similar to the situation with
Na. We suggested that aluminum is produced in the
MgAl cycle during the main-sequence stage and that
the nuclear products are dredged-up to the stellar
surface by convection developing during the red-
giant stage.

Figure 4, whose structure is analogous to that of
Fig. 3, displays estimates of [Al/Fe] for the atmo-
spheres of the studied stars. Figure 4a shows that
[Al/Fe] does not vary with metallicity. As in the case
of Na, the large scatter in the diagram exceeds the
observational errors and depends on the star’s gravity
(compare Table 4 and Fig. 4a). The mean of this ratio
is about 0.2 dex, somewhat higher than for the dwarfs.
Together with the fact that the Al overabundances
increase with decreasing log g (Fig. 4b), this provides
evidence of the correctness of the earlier conclusion
about the origin of the Al excesses in field red giants.
Note that red giants of all three groups satisfy the
same relation.
4.3. Magnesium

Magnesium is one of the even elements, whose
formation is usually associated with helium burning
during type II supernova outbursts. This type of su-
pernova was more common in the early stages of
the Galaxy’s evolution, and overabundances of even
elements, including Mg, are characteristic of the at-
mospheres of old (low-metallicity) stars. The younger
stars making up the majority of the Galactic-disk
population do not display overabundances of even ele-
ments. Returning to Fig. 9 in [22], we see that theMg
abundances in dwarfs with metallicities in the range
of interest are virtually constant and close to zero; we
can see only a slight increase of [Mg/Fe] at metal-
licities [Fe/H] > −0.4. Reddy et al. [22] suggest that
this is due to the contribution of Population II stars in
this region.

Along with aluminum, magnesium participates in
the MgAl cycle for hydrogen burning in stellar cores,
and it is of interest to analyze the atmospheric abun-
dance of this element for our program stars, as was
done above for Na and Al (Fig. 5). Unfortunately, we
were able to estimateMg abundances for only a few of
the classical barium stars due to the limited spectral
range observed. For this reason, our abundance plots
for Mg analogous to those for the elements discussed
above are less trustworthy, and our conclusions con-
cerning the Mg abundances in the red giants should
be considered preliminary and requiring verification.
In particular, it appears that the overabundance of
Mg exhibits a dependence on gravity similar to that
for the elements discussed above (Figs. 3b, 4b). This
means that someMg is present in the stellar interiors,
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Fig. 5. Excess of the ratio of the magnesium and iron abundances in the atmospheres of red giants compared to the analogous
ratio for the Sun. The meaning of the symbols is the same as in Fig. 3.
in excess of its abundance in the material from which
the star was formed. (In fact, the Mg overabundances
are higher than those in dwarfs; see Fig. 9 in [22].)
Due to convection, this magnesium is dredged up to
the star’s surface during the red giant stage.

Three stable isotopes of Mg are known, whose
abundances have the ratios 24Mg : 25Mg : 26Mg =
79 : 10 : 11, which are the same on the Earth and the
Sun. It is also known that the neutron-rich isotopes
25Mg and 26Mg can be burned in stellar interiors
via the capture of a proton, forming 27Al (the MgAl
cycle). This is precisely how many investigators have
explained the anticorrelation between the abundances
of Mg and Al for stars in globular clusters. However,
the abundance of Mg is mainly determined by its
most abundant isotope, 24Mg. Thus, to explain the
fairly large Mg overabundances observed in a number
of globular clusters (up to 0.6 dex), it is necessary
to consider mechanisms producing specifically the
isotope 24Mg. Note that disk red giants also display
Mg excesses of up to 0.3 dex.

The theoretical papers [27, 28], which consider the
abundances of isotopes of elements from C to Al in
the hydrogen-burning regions of stars during the red-
giant stage (from the star’s entry to this stage to
the tip of the giant branch, when helium begins to
burn), are of interest in this respect. These studies
take into account a large number of nuclear reac-
tions, including proton-capture reactions (the CNO,
NeNa, and MgAl cycles for hydrogen burning). The
computations cover a wide range of metallicities and
make use of modern data on reaction rates. It was
demonstrated that the Al abundance first increases
due to proton capture by nuclei of 25Mg and 26Mg,
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then by nuclei of 24Mg in the MgAl cycle. The use
of a refined rate for the reaction 23Na(p, γ)24Mg, rep-
resenting leakage from the NeNa cycle, increased the
Mg abundance by an amount that was larger than the
decrease via the transformation of Mg into 27Al in the
MgAl cycle. In addition, the lower a star’s metallicity,
the higher the activity of the above nuclear reactions.
This is probably the reason that the observed anoma-
lies are lower for field than for globular-cluster red
giants. In addition, according to [27, 28], the observed
abundance anomalies depend on several additional
parameters, such as the temperature, burning time,
thickness of envelopes, etc.; this means, for example,
that either an anticorrelation or a correlation can be
observed between the Mg and Al abundances under
various conditions, providing a possible explanation
for the diversity of these elements’ behavior in stars of
different globular clusters. At any rate, this process is
determined by several parameters, and it is clear that
this increases the scatter about any of the analyzed
relations, as is also clear from a comparison of Figs. 4
and 5 with Fig. 3. According to [27, 28], the yield of
Na does not depend on the metallicity, in contrast to
the other elements considered.

4.4. Silicon

Silicon is another even element, so that every-
thing we said above concerning the origin of Mg and
its abundance in old stars is also fully valid for Si.
Earlier, in our analysis of the spectra of red giants
(normal giants and moderate barium stars), we noted
that they displayed slight anomalies in their Si abun-
dances [2, 3]. Note, however, that these giants are
Galactic-disk stars and their metallicities are close to
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the solar value, so that they are not old stars whose Si
excesses can be considered “normal.”

We revisit this question here using a larger amount
of data (see Figs. 6a and 6b, analogous to the corre-
sponding figures for the considered elements above).
Figure 6a shows that the mean [Si/Fe] level remains
unchanged when the metallicity, [Fe/H], is varied and
stays approximately+0.15 dex above the correspond-
ing [Si/Fe] abundances for Galactic-disk dwarfs [22].
As in previous cases, this suggests that the Si over-
abundances were produced in the stellar interiors and
dredged up by convection. This is supported by the re-
lation between [Si/Fe] and the gravity, log g (Fig. 6b):
the lower log g (the higher the star’s luminosity), the
stronger the convection that develops and the deeper
the stellar layers to which it can penetrate. We sug-
gested in [2] that the Si abundance anomalies could
be due to the leakage reaction from the MgAl cycle,
27Al(p, γ)28Si. In light of the conclusions of [27, 28],
we expect that, since the leakage reaction from the
NeNa cycle, 23Na(p, γ)24Mg, increases the number
of atoms involved in the MgAl cycle, the number of
atoms leaving the MgAl cycle can also increase, i.e.,
the abundance of Si can grow.

The above conclusions are valid for normal gi-
ants and supergiants, as well as for moderate barium
stars and stars classified as classical barium stars but
for which evidence of binarity has not been detected
(Figs. 6a, 6b). Classical barium stars with known
orbital periods have lower Si excesses and do not
satisfy the dependence on log g. The reason for this is
not understood. At present, we can only suppose that
classical binary barium stars and stars whose binarity
has not been established may have different origins.

We have thus analyzed the data we obtained on the
Na, Al, Mg, and Si abundances in the atmospheres
of red giants in the Galactic disk, which represent
three groups of stars displaying different abundance
anomalies: normal giants, moderate barium stars, and
classical barium stars. The following conclusions can
be drawn based on Figs. 3–6.

—In the metallicity range considered, no correc-
tion to the abundances of the analyzed elements to
reflect the chemical evolution of the Galaxy is needed.

—The ratio of the abundance of each of the ana-
lyzed elements to that of iron, [El/Fe], is systemat-
ically higher than for Galactic-disk dwarfs [26]. The
observed overabundances are produced in the stellar
interiors during hydrogen burning in the NeNa and
MgAl cycles, with subsequent dredge-up to the stel-
lar surface by convection in the red-giant stage.

—The anomalies of each of the analyzed elements
are correlated with the luminosity, with the relation
for each element being the same for all the considered
groups of stars. This provides evidence that the ori-
gins of the Na, Al, Mg, and Si overabundances is the
same for both the normal red giants and the moder-
ate and classical barium stars (with the exception of
the Si abundances for binary classical barium stars,
whose behavior requires further study).

4.5. s-Process Elements

Barium stars are characterized by large anomalies
of the abundances of s-process elements (Table 3).
In to the binary hypothesis, the overabundance of
s-process elements should decrease with increasing
orbital period, i.e., with increasing size of the binary
system. Indeed, such a dependence was found ear-
lier [29], and our results (Fig. 7) confirm it. The scatter
of the data in Fig. 7 is due to the range of metallicities
of the program stars.

In the studied stars, these anomalies in the abun-
dances of the s-process elements (relative to Fe) are
within 0.5 to 1.5 dex in the classical barium stars
(with the exception of HD 196 673 and HD 130 386;
see below for possible reasons for these deviations)
and do not exceed 0.3 dex for the moderate barium
stars and normal red giants (with the exception of
HD 202 109, also discussed below). In the inter-
est of the uniformity of our analysis for all the ele-
ments, we first plotted the mean (averaged over all
s-process elements, Table 3) ratio of the abundances
of s-process elements and Fe ([s-el/Fe]) for each star
as a function of [Fe/H] (Fig. 8). Figure 8 shows that,
on average, [s-el/Fe] is about 0.2 dex for the normal
red giants and moderate barium stars, whereas the
classical barium stars exhibit a rapid increase of the
s-element abundance with decreasing metallicity. An
analogous plot for Galactic-disk dwarfs [22; Fig. 11]
demonstrates essentially the same behavior for all the
s-process elements: in the metallicity range under
consideration, [s-el/Fe] is nearly equal to zero. This
means that no correction to the observed abundances
of s-process elements in the studied stars for the
chemical evolution of the Galaxy is needed.

As we noted above, the anomalous abundances of
s-process elements increase with decreasing metal-
licity. According to the binary-star hypothesis for
barium stars, toward the end of the system’s evolu-
tion, one of the binary components ejects an envelope
enriched in s-process elements produced during the
asymptotic giant-branch (AGB) stage; some of the
matter from this envelope falls onto the companion
and is then partially or fully mixed with its atmo-
sphere, so that it becomes the barium star we ob-
serve now. Theoretical studies of the production of
s-process elements during the AGB stage, such as
[30], indicate that s-process elements are more easily
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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Fig. 6. Excess of the ratio of the silicon and iron abundances in the atmospheres of red giants compared to the analogous ratio
for the Sun. The meaning of the symbols is the same as in Fig. 3.
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Fig. 7. Relation between the overabundance of s-process
elements and orbital period in binary systems for (1) mod-
erate barium stars and (2) classical barium stars.

produced in metal-poor stars. This is precisely the
phenomenon reflected by Fig. 8.

In [2, 3], we estimated the elemental abundances
in the atmospheres of eight moderate barium stars.
We now reexamine the results as part of our compar-
ative analysis of normal red giants and moderate and
classical barium stars. We can clearly see from Fig. 8
that the moderate barium stars show no obvious rela-
tion to the sequence of classical barium stars; the area
they occupy in the diagram coincides completely with
the region occupied by the normal red giants. This
indicates that binarity of these stars, if established, is
not the origin of the observed overabundances of the
s-process elements, as is the case for classical barium
stars.
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There is, however, evidence for binarity for about
half of the analyzed moderate barium stars (Table 3).
Let us consider this evidence in more detail. In the
case of HD 176 411, it was possible to determine its
orbital period, P = 1270.6 days [31], which is typical
of the periods of classical barium stars. The estimate
of the companion’s mass, ≈0.5M� [31], is also the
correct value for the mass of the companion (white
dwarf) of a classical barium star. However, it is cur-
rently generally accepted that the overabundance of
s-process elements depends on the system’s orbital
period and, if the companion were a white dwarf, we
would have expected, in accordance with [29] or Fig. 8
of this paper, an excess of s-process elements in the
atmosphere of this barium star of about 1.0 dex, and it
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would have been classified as a classical barium star.
Since this is not observed, Boffin et al. [31] concluded
that the companion was an ordinary low-mass star
evolving more slowly than the star that we observe as
the moderate barium star.

According to [32], HD 74 739 is a member of
a binary system whose second, visible, member is
an A3V star that is not capable of “contaminating”
its neighbor’s atmosphere with s-process elements.
HD 49 293 is a spectroscopic binary with an orbital
period of P = 1760.9 days [31]. Unfortunately, noth-
ing is known about its companion, but, since this
orbital period is typical of the periods of classical bar-
ium stars and the abundance of s-process elements
is not high (it should exceed the normal abundance
by an order of magnitude), we conclude, as we did
for HD 176411, that the companion is not a white
dwarf but instead an ordinary low-mass star that
is not capable of adding s-process elements to its
companion’s atmosphere.

Binarity has not been established for the four other
objects in the group of moderate barium stars, and
they are probably single. For only one of the moderate
barium stars, HD 202 109, is the companion a white
dwarf [33]. It is interesting that this particular star has
the highest abundance of s-process elements among
all the moderate barium stars considered here. Thus,
for this star only, the origin of the overabundance
of s-process elements could be its binarity, and the
relatively low values of the overabundance compared
to the values for classical barium stars could be a
consequence of the star’s long orbital period, which
has not been determined thus far. We conclude that,
with the exception of HD 202109, the origin of the
s-process abundance anomalies in the atmospheres
of the moderate barium stars is not associated with
binarity.

This group of stars should probably include
HD 196 673, which is listed here among the classical
barium stars. This is a well-known visual binary
(ADS 14 078) consisting of two giants: a barium
K0III star (component A) and its G5III companion
(component B), which is one magnitude fainter. The
components are separated by about 3′′. This system
was classified as a barium star in 1962 [34], based on
the observation of abnormally strong SrII and BaII
lines and CN bands. Subsequent spectroscopic stud-
ies confirmed the presence of an overabundance of
heavy elements [35]. The star is currently classified as
K0IIIBa1, so we included it into the group of classical
barium stars. A search for the orbital period based on
an analysis of data on the component separation ac-
cumulated over one hundred years [7] did not lead to
conclusive proof that the components formed a phys-
ical pair. Analysis of radial velocities acquired at the
Dominion Astrophysical Observatory and the cor-
responding monitoring results from the CORAVEL
spectrometer yielded a 6500-day period in the radial-
velocity variations [8], making HD 196673 one of the
widest binary systems containing barium stars. Note
that we found no large anomalies in the abundances
of the s-process elements. There is no evidence for
the presence of a white dwarf in the system. In Fig. 8,
the star lies in the area occupied by the normal giants
and moderate barium stars. Thus, the existing data
suggest it should be included in the group of moderate
barium stars.

For HD 130 386, which is classified as K0IIIBa1,
there are likewise no data demonstrating the exis-
tence of an orbital period. This star also displays a
moderate abundance of s-process elements, and it
lies in Fig. 8 in the area occupied by normal giants
and moderate barium stars. Accordingly, we should
probably also include it among the moderate barium
stars.

We concluded earlier [3] that moderate barium
stars are normal red giants at a somewhat more
advanced evolutionary stage. This was based on
the relations we established between the abundance
anomalies for s-process elements for both moderate
barium stars and normal red giants and the stars’
masses and evolutionary phase, as well as the fact
that themoderate barium stars have somewhat higher
luminosities than the normal red giants. Our analysis
of Fig. 8 supports this conclusion.

As we noted above, the area in Fig. 8 occupied by
the classical barium stars lies considerably above that
occupied by the normal giants and moderate barium
stars. In addition, the enrichment of the barium-star
atmospheres in s-process elements increases with
decreasing metallicity, as is predicted by the theory.
For a fixed metallicity, the scatter in the abundances
of the s-process elements is large and depends on the
orbital period (Table 3).

We subdivided the stars classified as classical bar-
ium ones into two groups: stars with known orbital
periods and those for which orbital periods have not
been established. Note that, with the exception of
HD 183 915, the second group contains stars with
low barium levels (Table 1).

The group of stars classified as classical barium
stars but without orbital periods deserves a special
discussion. Such stars lie below the classical barium
stars in Fig. 8, although they repeat the latter group’s
trend with metallicity (an exception is HD 139 409,
considered below). As we noted above, the scatter
in this figure is determined by the orbital period, and
the excess of s-process elements decreases with in-
creasing period; we can therefore assume that these
stars are wide pairs, making it difficult to determine
their periods (as was noted above for HD 196 673).
ASTRONOMY REPORTS Vol. 48 No. 7 2004
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We cannot rule out the possibility that this group
should also includeHD 202 109, which is classified as
a moderate barium star and for which observations in
the ultraviolet indicate the presence of a white-dwarf
companion. The star is known to be a spectroscopic
binary, but its period has not been determined. Thus,
this star is also a probable wide pair. HD 139 409,
mentioned above, has a much lower abundance of
s-process elements and does not fit the general re-
lation for the classical barium stars without orbital-
period information. Keeping in mind that this star
has the lowest metallicity among the analyzed stars
and that, according to theoretical considerations, the
production of s-process elements in stellar interiors is
facilitated by conditions of lower metallicity, we sug-
gest that this star may be single and more evolved, as
was the case for the normal red giants and moderate
barium stars, and its higher abundance of s-process
elements (compared to these last two groups) could
be due to its age and low metallicity. Therefore, we
conclude that the stars classified as classical bar-
ium stars for which no orbital periods have been de-
termined are probably a heterogeneous group, con-
taining both wide binary systems with white-dwarf
companions (i.e., genuine classical barium stars) and
some low-metallicity single stars (i.e., which actually
belong to the group of normal and moderate barium
stars, whose overabundances of s-process elements
are due to their evolutionary phase and metallicity).

Thus, we should probably conclude more generally
that several factors must be taken into account to
explain the phenomenon of classical barium stars and
the overabundances of s-process elements in their
atmospheres: their evolutionary phase, binarity, and
metallicity. Each of these factors can make either a
large or a small contribution in individual stars.

5. CONCLUSIONS

Our comparison of the atmospheric elemental
abundances of normal red giants, moderate barium
stars, and classical barium stars has shown the
following.

(1) The overabundances of Na, Al, Mg, and Si
found in classical barium stars are in a good agree-
ment with the relation between overabundance and
metallicity derived earlier for normal giants, super-
giants, and moderate barium stars (Figs. 3–6). This
testifies to a common nature for the abundance ex-
cesses, independent of whether the stars are single
or binary. Namely, the overabundances are due to
hydrogen burning in the stellar cores via the NeNa
and MgAl cycles during the main-sequence stage,
with the burning products subsequently dredged up
to the star’s atmosphere as a result of convection
developing when the star becomes a red giant.
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(2) The moderate and classical barium stars have
different natures.

—Binarity is not a necessary condition for a star
to display the signatures of a moderate barium star.
We confirm that the enrichment of the stellar atmo-
spheres with rare earth elements can already occur in
the red-giant stage. Normal red giants and moderate
barium stars are essentially the same type of object:
single red giants at different stages of their evolu-
tion. We demonstrated that they all display relatively
small (up to 0.3 dex) overabundances of s-process
element. In addition, the abundance excesses de-
pend, to some extent, on the evolutionary phase and
the star’s metallicity and mass. The fact that some
of these stars have been shown to be binary does
not affect our conclusion about the origin of their
overabundances of s-process elements, since their
companions are normal low-mass stars that are not
capable of donating s-process elements to the giant’s
atmosphere.

—A necessary condition for the manifestation of
the barium-star phenomenon is the presence of a
fairly wide binary system whose components have
considerably different masses, so that the rates of evo-
lution of the components are very different. The more
massive star evolves rapidly, enters the AGB phase,
and ejects its envelope, “contaminating” its compan-
ion’s atmosphere with matter rich in s-process ele-
ments. Binaries whose components havemore similar
masses will evolve at similar rates, and the barium-
star phenomenon will not occur. An example is pro-
vided by the two moderate barium stars with long or-
bital periods studied in this paper. Stars with various
metallicities (i.e., various ages) can become classical
barium stars, provided the two components have suf-
ficiently different masses. We confirm the dependence
of the overabundance of s-process elements on the
orbital period in binary systems.

(3) The overabundances of the s-process elements
are determined by several parameters: binarity, mass,
metallicity, and evolutionary phase. Any of these can
be important for individual objects. However, a con-
siderable influence by other parameters is also not
excluded.
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