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Abstract—The structure and evolution of the zero-acceleration surface around wide triple systems of
galaxies are studied in detail. (The zero-acceleration surface is the boundary separating regions in which
(i) the Newtonian gravitational attraction of the galactic matter and (ii) the Einsteinian universal repulsion
of the cosmic vacuum dominate.) For a typical system, this surface is spherical in shape and several
megaparsecs in size, and remains nearly unchanged throughout the lifetime of the system. The concept of a
boundary surface can also be extended to systems on the largest possible scales, and its general properties
are discussed in relation to clusters, superclusters, and voids. c© 2004 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

The zero-acceleration surface is a new con-
cept in cosmology and extragalactic astronomy that
arises [1–4] due to the recent discovery of the cosmic
vacuum energy [5, 6]. This surface is the boundary
between regions of space with opposite signs for
their gravitational fields: on one side, “ordinary”
Newtonian gravitation created by the mutual at-
traction of the matter dominates, while on the other
side, the Einsteinian “universal repulsion” of the
cosmic vacuum dominates. For example, suppose
we consider a sphere of matter with mass M and
radius R0 against the background of the vacuum; the
zero-acceleration surface is then a sphere with some
radius RV > R0, within which the mutual attraction
of the mass M dominates, and outside of which the
repulsive field of the cosmic vacuum dominates. The
net attractive force inside this spherical surface is
directed toward the center of the sphere of matter,
while the net repulsive force outside the surface is
directed away from the center. The acceleration at the
surface itself is therefore equal to zero, so that this can
be considered a “zero-attraction” surface.

The concept of a zero-acceleration surface formu-
lated in [1–4] for the vicinity of the Local Group of
galaxies can be extended in a natural way to other
groups of galaxies and to clusters and superclusters
of galaxies, as well as to voids.

The cosmic vacuum, discovered in the analysis of
observations of distant supernovae [5, 6], forms an
ideal uniform medium whose density has the same
numerical value in any reference frame. In general
1063-7729/04/4810-0787$26.00 c©
relativity theory, it is described by Einstein’s cosmo-
logical constant. According to the most recent accu-
mulated observational data on the cosmological ex-
pansion of theUniverse, the anisotropy of the cosmic-
background radiation, the structure and dynamics of
large-scale structures in the Universe, etc. (see the
recent review [7]), the density of the cosmic vacuum
comprises approximately 70% of the total density of
the Universe, and therefore exceeds by more than a
factor of two the total density of all other forms of
cosmic energy, including that of invisible dark matter.
This contrast is made even more dramatic by the
fact that, according to general-relativity theory, the
effective gravitating density is represented by the sum
ρeff = ρ+ 3p, where p is the pressure of the medium.
For a vacuum, pV = −ρV , so that its effective den-
sity is ρeff = −2ρV , or twice as large in magnitude
as its density. The effective density of the vacuum
is negative—this means that it creates a universal
repulsion. For example, two test particles in a vacuum
whose initial relative velocity is zero will begin to
move away from each other with an exponentially
growing speed under the action of the vacuum.

The dominance of the repulsion of the cosmic
vacuum over the attraction of nonvacuum forms
of energy is manifest in the observed Universe on
large cosmological scales of hundreds or thousands
of Mpc, where the universal repulsion of the vac-
uum causes galaxies and systems of galaxies to
accelerate away from each other. The role of the
vacuum is also substantial on comparatively small
spatial scales, where the possibility of a boundary
between regions with opposite signs of attraction
2004 MAIK “Nauka/Interperiodica”
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arises. For example, the Local Group of galaxies is
entirely contained within a closed, nearly spherical
zero-radial-acceleration surface located nomore than
2 Mpc from the barycenter of the group [4]. This
surface encloses a system of galaxies that is bound by
the mutual gravitation of its members, while directly
outside the surface begins the local Hubble flow, in
which galaxies move in the repulsive force field of the
cosmic vacuum.

The main bodies in the Local Group are our own
Galaxy and the Andromeda Galaxy, which are sep-
arated by a distance of 0.7 Mpc and approach each
other with a relative speed of 120 km/s. This wide
system is in a state of gravitational collapse, which
began after its isolation from the general cosmolog-
ical expansion 12–13 Gyr ago. The dynamics of the
collapse are governed by the attraction of the non-
vacuum matter of the system—both the dark matter
(hiddenmass) and the baryonicmatter of the galaxies.
The gravitational potential well in which the collapse
of the Local Group is occurring has a finite radial
size, which determines the zero-radial-acceleration
surface.

In our earlier study [4], we presented an exact
solution for the structure and evolution of the zero-
radial-acceleration surface around the Local Group.
This solution showed that the cross section of this
surface in its symmetry plane forms an asymmetric
oval that can be contained within two circles with
radii of 1.4 and 1.8 Mpc at the current epoch, or radii
of 2 and 1.7Mpc 12.5 Gyr ago. The common center of
these circles lies at the barycenter of the system. This
demonstrates that the shape of this critical surface is
not very different from spherical, and that it has not
varied strongly over the lifetime of the Local Group
(three-quarters of the lifetime of the Universe).

These two new circumstances—the near spheric-
ity and near stationarity of the dynamical background
surrounding the Local Group—together with the
dominance of the antigravity of the cosmic vacuum
in this region, have probably determined the structure
and kinematics of the local Hubble flow on scales
from 2 to 3–9 Mpc. It is possible that this flow itself
arose due to the ejection (or “evaporation”) of dwarf
galaxies from within the volume of the Local group
into the region beyond the zero-radial-acceleration
surface [8]. If they had nonnegative radial velocities
when they crossed the critical surface (v ≥ 0), small
bodies could then acquire effective radial accelera-
tions due to the antigravity of the cosmic vacuum
beyond the surface.

Our work extends our analysis to relatives of the
Local Group—wide triple systems of galaxies. Like
the Local Group, these systems have characteristic
sizes of about 1 Mpc and relative speeds of about
100 km/s. They are also in a state of collapse, and
have crossing times, on average, comparable to their
ages. We also briefly discuss the zero-acceleration
surfaces around clusters and superclusters of galax-
ies. Section 2 presents the main observational data on
wide triple systems of galaxies. Section 3 presents an
exact solution for the structure and evolution of the
zero-acceleration surfaces of typical systems of this
type. In Section 4, we discuss the general proper-
ties of the critical surfaces of systems of galaxies of
various types and masses—from groups to clusters,
superclusters, and voids.

2. WIDE TRIPLE SYSTEMS OF GALAXIES
AND MODELS FOR THESE SYSTEMS

The first (and thus far only) list of wide triple
systems of galaxies was published in [9] nearly ten
years ago. This list contains data on 108 systems, 38
of which are “probable physical systems” according
to the statistical criterion of Anosova [10]. The char-
acteristic sizes of these systems (�1 Mpc) are much
larger than the sizes of the compact triple galaxies
studied by Karachentsev and his colleagues at the
Special Astrophysical Observatory (�0.05Mpc) [11].
This is the sense in which we have named systems
in our list “wide” and the triplets of Karachentsev
“compact.” A detailed comparative analysis of wide
and compact triple galaxies is given in the review [12].
We restrict our description here to a brief summary
of information about wide systems and dynamical
models for such systems.

A dynamical system consisting of three bodies is
characterized by the following main parameters:

—the mean radial velocity

〈V 〉 =
∑
Vk/3, k = 1, 2, 3, (1)

where Vk is the radial velocity of a component of the
triple corrected for the solar motion;

—the mean square projection of the velocity of a
triple component after subtraction of the mean veloc-
ity

σr = [(1/3)
∑

(Vk − 〈V 〉)2]1/2, k = 1, 2, 3; (2)

—the projection of the distance betwen two galax-
ies in the system

Rik = xik〈V 〉H−1, (3)

where xik is the angular distance between the com-
ponents andH is the Hubble constant;

—the mean harmonic distance (in projection) be-
tween the components

rh = (1/3)
∑
R−1

ik , i, k = 1, 2, 3; i �= k. (4)
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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These data can be used to define the dimensionless
crossing time normalized to the Hubble time (H−1):

τ = 2H(rh/σr). (5)

The projected quantities σr and rh are statistically
related to the three-dimensional parameters σ and r
by the relations

σ =
√

3σr, r = (2/
√

3)rh. (6)

The numerical values for these characteristic
quantities for the sample of 38 probable physical
systems are (the Hubble constant is normalized so
that h = H/75 km s−1 Mpc−1):

σr = 84 km/s, rh = 556h−1 kpc, τ = 0.96,

σ = 143 km/s, r = 668h−1.

The wide triple systems (like the compact sys-
tems) are dominated by giant galaxies with baryonic
masses of Mh = (1−2) × 1011 M�, comparable to
the baryonic mass of the two main galaxies of the
Local Group. The mass of dark matter appreciably
exceeds the baryonic mass. According to our mod-
els [13–15], the total mass of a typical triple system is
close to 1012 M�.

The models of [13–15] fall into two classes. In
one, the dark nonbaryonic matter is assumed to be
spread throughout the volume of the system, forming
a spherically symmetrical common halo obeying an
isothermal density law. In the other class of models,
the dark matter is assumed to be concentrated in indi-
vidual spherical halos around the member galaxies of
the system, with the size of these halos being about an
order of magnitude smaller than the typical distances
between the centers of the galaxies. Both types of
models reproduce the observed kinematic character-
istics of the probable physical systems roughly equally
well. The two types of model can be distinguished
based on X-ray observations of these systems [15]. At
present, we can only suggest that the close analogy
between these wide systems and the Local Group
(where the dark matter is located primarily in the
individual coronas of the two main galaxies) gives
some preference to models with individual dark halos.
Below, we consider the zero-acceleration surfaces for
both classes of models.

3. THE ZERO-RADIAL-ACCELERATION
SURFACE

The solution for the zero-acceleration surface is
simple in the case of models with a common spherical
halo. If the mass of the system isM and its size isR0,
we have for a radial trajectory at a distance r > R0

from the barycenter of the system

R̈ = −GM/r2 +
8πG

3
ρV r, (7)
ASTRONOMY REPORTS Vol. 48 No. 10 2004
where ρV is the density of the vacuum and G is the
gravitational constant. We can see that the accelera-
tion vanishes on a sphere with radius

r = RV = [3M/(8πρV )]1/3. (8)

For the typical mass for models of this type, M =
9 × 1012 M�, and a density ρV = 4 × 10−30 g/cm3,
we obtainRV � 2.8 Mpc. We can see that this radius
is close to the size of the zero-acceleration surface of
the Local Group (see Section 1).

In models with individual galactic halos, there is
no overall spherical symmetry, making the solution
much more complicated. We will find this solution
by considering the motion of a passive gravitating
body (this may be a dwarf galaxy, for example) P in a
cosmic vacuum. The dynamical picture on the scales
of triple systems of galaxies is then described by two
quantities: the repulsive force created by the vacuum
at some distance r from the barycenter of the system
and the attractive force created by the three masses in
the system at this same location. In the terminology of
celestial mechanics, we have in this case a restricted
four-body problem—against the background of the
antigravity of the vacuum (this problem is not enoun-
tered among the celestial-mechanics problems in [4]).

LetMi (i = 1, 2, 3) be the masses of the system’s
components, and the repulsive force of the vacuum
at some distance r from the barycenter be given, as
above, by the expression

FV =
8
3
πGρV r. (9)

As usual, we take the Newtonian gravitational
force due to the massesM1,M2, andM3 to have the
form

Fi = G
Mi

r2i
(i = 1, 2, 3), (10)

where r2i = (x− xi)2 + (y − yi)2 + (z − zi)2; xi, yi,
zi are the barycentric coordinates of the bodyMi and
x, y, z are the barycentric coordinates of the body P.
The force field in which the four-body system moves
then has the form

F (x, y, z) = G

(
8
3
πρV r +

3∑
i=1

Mi

r2i

)
. (11)

This force field has the force function

V (x, y, z) = G

(
4
3
πρV r

2 +
3∑

i=1

Mi

ri

)
. (12)
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Fig. 1. Two views of the zero-acceleration surface for model A at the initial time.
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Fig. 2. Two views of the zero-acceleration surface for model A at the current time.
The equations of motion of the dwarf galaxy (test
body) in this gravitational field have the form

d2x

dt2
=
∂U

∂x
d2y

dt2
=
∂U

∂y

d2z

dt2
=
∂U

∂z



. (13)

To determine the boundaries of regions of space
Oxyz in which the motion has different dynamical
properties, we obtain the equation for the surface on
which the radial component of the acceleration of the
force field is zero. In other words, we must obtain the
equation for the geometrical locus of points for which
the scalar product of the acceleration vector and the
radius vector of the test particle is equal to zero. If we
take the coordinates of the vector acceleration to be{
d2x

dt2
,
d2y

dt2
,
d2z

dt2

}
and the coordinates of the radius

vector to be x, y, the scalar product of the two can be
expressed

x
d2x

dt2
+ y
d2y

dt2
+ z
d2z

dt2
= 0. (14)

Note that the quantities
d2x

dt2
,
d2y

dt2
, and

d2z

dt2
in this

relation are given by the right-hand sides of our sys-
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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Fig. 3. Same as Fig. 1 for model B.
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Fig. 4. Same as Fig. 2 for model B.
tem. Thus, the problem reduces to finding the surface
specified by the expression

F (x, y, z) = x
∂U

∂x
+ y
∂U

∂y
+ z
∂U

∂z
= 0. (15)

We will take a selection of computer models for
triple systems developed by us earlier [15] as charac-
teristic examples. Let the system’s components have
zero velocity at the initial time (in this case, we will
have planar motion of all three bodies) and equal
masses, Mi =M (i = 1, 2, 3). We will consider
three models, for which M = (0.3; 3; 4) × 1012 M�.
ASTRONOMY REPORTS Vol. 48 No. 10 2004
The second of these models (which we will call
model A) corresponds to a typical mass for a wide
system, while the first (model B) and last (model C)
have appreciably lower and somewhat higher masses,
respectively. At the initial time, the components of
the system form an isosceles right triangle with sides
S = (1.438; 2; 3) Mpc.

The numerical solution of this problem can be used
to construct the zero-acceleration surfaces surround-
ing the systems described by these models for the
states corresponding to the initial time, T = 12.5 Gyr
ago, and the current epoch. Figures 1–6 present two
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Fig. 5. Same as Fig. 1 for model C.
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Fig. 6. Same as Fig. 2 for model C.
views of the zero-acceleration surfaces for each of
the models at two times. For example, the surface
for model A (a typical system) for the initial time is
shown in Figs. 1a and 1b and for the current time
in Figs. 2a and 2b. Comparing Figs. 1 and 2, we
note that this surface has evolved only very weakly
over the time the triple system has existed: the shape
of the zero-acceleration surface remains nearly the
same, and its dimensions have changed by no more
than 10%. The surface has retained its rounded shape
over this entire time interval. This result is clearly
related to the fact that the characteristic time for the
evolution of typical wide systems is comparable to, or
even slightly greater than, their age (we encounter a
similar situation for the Local Group).

Nearly the same is true of model C (Figs. 3, 4).
In contrast, model B has a surface that is not singly
connected in the initial state (Fig. 5)—there are three
separate surfaces surrounding the three components
of the system. Although the three masses are equal,
the central mass gives rise to a larger surface, since
it is located closer to the barycenter of the system.
The evolution of the zero-acceleration surface for
model B is clearly visible: it has become singly con-
nected by the current epoch, although it remains far
from rounded.
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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4. DISCUSSION: FROM GROUPS
OF GALAXIES TO SUPERCLUSTERS

In the presence of spherical symmetry (as, for ex-
ample, in the case of triple systems with a common
dark-matter halo—see Section 3), the radial motion
of a test body can, in general, be treated like one-
dimensional motion in a field with the effective poten-
tial

ϕ(r) = −GM/r − 4πG
3
ρV r

2 +
1
2
K2/r2, (16)

where K is the angular momentum of the body (per
unit mass) relative to the center of the system. The
potential approaches +∞ when the radial distance
approaches zero, and approaches −∞ when the dis-
tance grows in unbounded fashion from the center.
This latter property is due to the antigravity of the
cosmic vacuum.

For reasonable values of the angular momentum
and mass, the potential exhibits first a minimum,
ϕmin, and then a maximum ϕmax in the domain of
negative values (Fig. 7). The motion is infinite when

the total energy is E =
1
2
ṙ2 −GM/r − 4πG

3
ρV r

2 ≥
ϕmax. We see that the antigravity of the vacuum
makes it possible for the motion to be infinite even if
the energy is appreciably negative. When E < ϕmax,
the motion is finite. The trajectories of finite motions
are not closed.

In the special case of a radial trajectory (K = 0),
the potential has only a maximum, located on the
zero-acceleration sphere, r = RV :

ϕmax = ϕ(RV ) = −1
2
GM/RV , (17)

where, as above in Section 3,RV = [3M/(8πρV )]1/3.

An can use this last formula to estimated the
size of the finite surface—not only for triple systems
with a common dark-matter halo, but also, for ex-
ample, for large, regular clusters such as the Coma
Cluster, in which the dark matter is distributed ap-
proximately spherically symmetrically. The estimated
masses of such clusters are 1014−1016 M�, and the
corresponding radii of their zero-acceleration sur-
faces areRV � 5−30 Mpc, which is not very different
from the observed sizes of such systems. We expect
similar values for the critical radii of (the very rare)
quasi-spherical superclusters of galaxies.

Generally speaking, the geometry of the zero-
acceleration surfaces for systems that do not possess
even approximate spherical symmetry will be far from
spherical. However, it turns out that the critical sur-
face for the clearly nonspherical Local Group, which
we considered in [4], is, in fact, nearly spherical; for a
total mass for the Local Group of 2.5 × 1012 M�, the
critical radius given by our formula isRV � 1.8 Mpc,
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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Fig. 7. Effective potential when the cosmic vacuum is
present.

which is close to the corresponding size of the precise
nonspherical critical surface (see Section 1).

The example of the Local Group enables us to
suggest with some confidence that, for example, the
characteristic sizes of the critical surfaces of irregular
clusters of galaxies, such as the Virgo Cluster, can
also be approximated using our simple formula. For a
mass of 1013−1014M� this size will be�(3−6)Mpc.

Substantial deviations from a spherical geometry
are expected for superclusters that are very flattened
(such as the Local Supercluster) or elongated (like
the supercluster filaments). It is obvious that the
zero-acceleration surfaces of flat systems should be
likewise more or less planar (in their central regions).
The characteristic distance to the zero-acceleration
surface in directions perpendicular to the plane of a
“pancakelike” supercluster, will be approximately

XV � 3σ/(8πρV ). (18)

Here, σ is the characteristic surface density of the
supercluster. If, say, σ � 10−3−10−2 g/cm2, then
XV � 1−10 Mpc, which is quite close to the typical
half-thickness of a supercluster layer. In precisely the
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same way, we will have for directions perpendicular to
the axis of a filamentary system

RV � [3Σ/(8πρV )]1/2, (19)

where Σ is the characteristic linear density of the fil-
ament. For Σ � 1020−1021 g/cm, we will have RV �
1−3 Mpc, which is very similar to the result for a
supercluster “pancake.”

Finally, note that the surfaces of zero gravity de-
lineate the basic cells of which the overall structure
of the Universe is composed. Each of these cells is
almost constant in size, and all of them are in a state of
accelerating cosmological expansion. Therefore, cos-
mological expansion is a phenomenon that is actually
observed not only on the largest spacial scales, but, in
fact, on all scales starting from several Mpc, i.e., from
the distances between the centers of the smallest cells
of zero gravity.
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Abstract—The absorbers giving rise to features in the absorption spectra of quasars can be used to study
the evolution of the dimensions of the galactic gas component and of gas clouds over substantial intervals
of z. The evolution of the linear dimensions L of these objects is estimated for the z range from ∼0 to
3.6. A total of 265 quasars with redshifts z from 0.288 to 3.803 and 809 absorbers with z from ∼0 to
3.5575were used for the analysis, which yields the relation L = L0(1 + z)1.73±0.07. c© 2004 MAIK “Nau-
ka/Interperiodica”.
1. INTRODUCTION

The absorption lines of heavy elements observed in
quasar spectra carry information about the distances
of galaxies and gas clouds (primarily, galaxies) in a
very large interval of redshift z from 0 to ∼6. These
distances can be used to estimate the cosmological
parameters of the Universe, but evolutionary effects
associated with the absorbers must be taken into
account, and these effects have been little studied
thus far. Earlier analysis indicates that, even if such
evolutionary effects are known, the cosmological pa-
rameters cannot be determined accurately in this way.
On the other hand, the evolution of the dimensions
of the absorbers for a specified model of the Uni-
verse can be determined much more accurately. For-
tunately, as was shown in the review [1], an appropri-
ate model for the Universe and its cosmological pa-
rameters have now been established with reasonable
certainty. Therefore, we shall use these cosmological
parameters to study the evolution of the dimensions
of the absorbers.

Such estimates could potentially be based on
spectral measurements conducted in various studies.
We used the combined quasar catalog [2], which
contains information about the redshifts z of the
absorbers giving rise to features in the quasar spectra
(zabs). In the future, when spectral measurements
for a large number of objects will be available from
the Sloan Digital Sky Survey (SDSS), it should be
possible to estimate cosmological parameters in the
same way using these data.

The dimensions of the absorbers giving rise to
ultraviolet hydrogen lines (the Lyα forest) increase
with time (i.e., their sizes increase with decreasing
z) [3–5]. The evolution of the dimensions of galaxies
1063-7729/04/4810-0795$26.00 c©
can be studied using observations of the galaxies’
emitting regions. As was shown in [6–8], galaxies
evolve in accordance with the expectations of cold,
dark matter models, so that their dimensions likewise
increase with decreasing z.

Our estimates of the evolution of the sizes of
galaxies based on the absorption lines of heavy
elements in quasar spectra differ from the results
of the above studies; however, this is quite natural,
since the authors of [6–8] measured the distribution
of the stellar population of the galaxies, while we
are measuring the distribution of the ionized gas
component.

2. METHOD FOR ESTIMATING
THE EVOLUTION OF THE ABSORBER

DIMENSIONS FROM THE z DISTRIBUTION
OF THE ABSORBERS

It is well known [9] that the absorbers giving
rise to absorption lines of heavy elements in quasar
spectra can be associated with both galaxies and
gas clouds (primarily, galaxies). The positions of the
spectral lines are determined by the redshifts z of
the absorbers. These data can be used to obtain the
distribution of the absorber density as a function of z.

The idea of deriving cosmological parameters from
the z distribution of the absorbers (assuming a spec-
ified evolution for the absorber size) or, vice versa,
studying the evolution of the sizes of the absorbers
themselves (assuming specified cosmological param-
eters) is based on the assumption that the Universe is
uniform and isotropic. In this case, the mean density
of matter in a comoving dimensionless coordinate
system depends only on time, and does not depend on
the coordinates in any model of the Universe.
2004 MAIK “Nauka/Interperiodica”
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To carry out such calculations, we must know
the emission redshifts (zem) of the quasars whose
absorption spectra we are analyzing, as well as the
absorption redshifts (zabs) of the absorbers giving
rise to features in the quasar spectra. Of course, the
information on the quasar absorption spectra used
must be sufficiently complete (although completeness
of the quasar catalog is not required).

In our subsequent calculations, the absorbers will
be made “depersonalized”; i.e., we will not take into
account the fact that an absorber has given rise to
lines in the spectrum of some particular quasar. The
computational region is a sphere with its center at
z = 0 and with its radius zabs equal to the redshift
of the most distant absorber. We ordered the list
of N absorbers according to increasing zabs. The
entire list was then subdivided into roughly

√
N bins,

with approximately
√
N absorbers in each bin. The

bins form spherical layers of thickness (zabs max(i) −
(zabs max(i−1)), where zabs max(i) is the maximum
value of zabs in bin i.

If the observing conditions for the absorbers were
all the same, the density of the absorbers in a bin
could be calculated simply by dividing the number of
absorbers in the bin by its volume. In fact, the observ-
ing conditions depend on zabs. This can be taken into
account as follows.

An absorber with redshift zabs can potentially be
in the line of sight of any quasar possessing an emis-
sion redshift zem > zabs. Therefore, each detected ab-
sorber can be characterized by its detection rate,
equal to 1/m, where m is the number of quasars
with absorption features for which zem > zabs. This
detection rate is distorted: even if the absorbers have
the same size, those located closer to the observer will
be detected more often, since their apparent angular
size will be greater than for distant absorbers. To
exclude this dependence in the case of a statistically
uniform distribution of quasars over the sky, we must
divide 1/m by the solid angle Θ2 subtended by the
absorber. In addition, wemust take into consideration
the possible evolutionary dependence of the absorber
size on z. Then, 1/mΘ2 will represent an estimate
of the true detection rate of the absorber per quasar,
and this quantity will be proportional to the number
of absorbers at redshift zabs ± ∆z. The number of ab-
sorbers in the bin from zi to z(i+1) will be proportional
to the sum of the quantities 1/mkΘ2

k in the bin:
n∑

k=1

1
mkΘ2

k

,

where k runs over all values from unity to the total
number of absorbers in the bin, n.
According to [10], the comoving distance along
the line of sight from the observer to the object will
be

χ(z) = cH−1
0

z∫
0

[Ωm(1 + z′)3 (1)

+ Ωk(1 + z′)2 + Ωq(1 + z′)3(1+ωq)]−1/2dz′,

where z is the object’s redshift, c is the speed of light,
and H0 is the Hubble constant at the present time.
The quantities Ωm,k,q represent fractions of the criti-
cal energy density: Ωm corresponds to matter without
pressure, or dust, Ωk to the curvature of space, and
Ωq to the quintessence (a liquidmediumwith negative
pressure; the pressure p of such amedium is related to
its density ρ by the formula p = ωqρ, where ωq < 0).
When the cosmological constant Λ is used, ωq = −1.
Since we shall useΛ, we will replace Ωq with ΩΛ. The
sum of the three densities is Ωm + Ωk + ΩΛ = 1.

The angular diameter Θ of an object in a uniform,
isotropic model with cosmological constant Λ is de-
fined to be Θ = L/r(χ), where L is the linear size of
the object and r(χ) is the angular-diameter distance
of the object, which is equal to [11]

r(χ) = K−1/2 sin(K1/2χ)
for a closed model,

r(χ) = χ for a flat model, (2)

r(χ) = (−K)−1/2 sh((−K)1/2χ)
for an open model,

whereK = (Ωm − 1)c−2H2
0 .

The evolution of the linear size of the absorber L is
given by

L = L0(1 + z)β . (3)

It has now been established [1] that the Universe
is expanding with acceleration and with the cosmo-
logical parameters Ωm ≈ 0.3, ΩΛ ≈ 0.7, and Ωk ≈ 0.
We will use precisely this model of the Universe,
corresponding to flat space (Ωm + ΩΛ = 1), below.

Let us rewrite all expressions in dimensionless
form and take into account the fact that Ωk = 0. A
dimensionless comoving distance S will then take the
form

S =

z∫
0

[Ωm(1 + z′)3 + ΩΛ]−1/2dz′. (4)

The angular size of the source is

Θ =
(1 + z)β

R
, (5)
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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Fig. 1. Distribution of the absorber density over z ne-
glecting evolution of the absorbers.

where we have disregarded a constant coefficient that
is not important in relative measurements, and the
dimensionless angular-diameter distanceR in the flat
model is equal to the comoving distance, R = S.

The volume of a bin in the comoving coordinate
system will be

vi = (s3max(i) − s3max(i−1)), (6)

where we have disregarded the constant coefficient
4/3π, and smax(i) and smax(i−1) are the dimensionless
comoving distances to the more distant boundaries of
bins i and i− 1.

The density of absorbers pi in bin i will then be

pi =

(
n∑

k=1

1
mkΘ2

k

)
/vi. (7)

Wemust next calculate the absorber densities over
all bins for various values of the exponent β determin-
ing the evolution of the absorber size. The z distribu-
tions of the density of absorbers for various β can be
approximated by straight lines, and we must find the
tangents of the anglesα of these lines to the z axis: the
value of β for which tanα = 0 is the required solution.

Of course, the same method can be used to deter-
mine the cosmological parameters if β is fixed and the
calculations are carried out for various cosmological
parameters. However, as has already been noted, the
resulting accuracy of the cosmological parameters in
this case is not very high.

3. ESTIMATED EVOLUTION
OF THE LINEAR SIZE OF THE ABSORBERS

We estimated the exponent β [see (3) and (5)]
determining the evolution of the absorber size using
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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Fig. 2. Same as Fig. 1 for the case when evolution of
the absorbers is taken into account in the form L =
L0(1 + z)1.7.
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Fig. 3. Same as Fig. 1 for the case when evolution of
the absorbers is taken into account in the form L =
L0(1 + z)3.5.

the combined quasar catalog [2], which is the only
catalog in which values of zabs are presented. The
catalog includes 7315 quasars, ∼10% of which pos-
sess absorption spectra. We chose only those quasars
for which sufficiently accurate values of zabs (three or
more digits after the decimal point) are available.

This criterion identified 265 quasars suitable for
subsequent analysis, which involved absorption fea-
tures due to 809 absorbers. The emission redshifts
of the quasars are in the range zem = 0.288−3.803,
whereas the values of zabs are distributed from ∼0 to
3.5575. These data were analyzed using the method
described.

This yielded 28 redshift bins (spherical layers in z),
with each bin except for the last containing 29 ab-
sorbers; the last bin contained 26 absorbers. The
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density of the absorbers over the bins was calculated
for various β.

The z distributions of the absorber density are
presented in Figs. 1–3 for ten models of the Universe
(Ωm = 0.1−1.0, Ωm + ΩΛ = 1) for no absorber evo-
lution (Fig. 1), evolution according to the law L =
L0(1 + z)1.7 (Fig. 2), and evolution according to the
law L = L0(1 + z)3.5 (Fig. 3).

It is obvious that none of the models provide a
satisfactory description in the case of nonevolving
(Fig. 1) or rapidly evolving (Fig. 3) absorbers. On the
other hand, evolution of the absorbers in accordance
with the law L = L0(1 + z)1.7 (Fig. 2) is close to the
required dependence. The specific value of β for the
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Fig. 6. Evolution of the linear size of the absorbers ac-
cording to L = L0(1 + z)1.73±0.07.

model with Ωm = 0.3 and ΩΛ = 0.7 was obtained by
varying the exponent β about β = 1.7.

The tangent of the angle of the absorber density-
distribution line to the z axis as a function of β is
presented in Fig. 4.

We obtain tanα = 0 when β = 1.73; i.e., the den-
sity of absorbers in a comoving coordinate system
does not depend on the coordinates. Consequently,
this is the required value of β. The figure also shows
the random errors. The formal measurement errors
are fairly small: β = 1.73 ± 0.07. For comparison, the
errors in the cosmological parameter Ωm in the case
of evolution of the absorbers with β = 1.73 are Ωm =
0.3+0.2

−0.1 (Ωm + ΩΛ = 1).

We also carried out the analysis for all the quasars
in the catalog [2] with absorption features in their
spectra, without placing restrictions on the accuracy
of the zabs values. In this case, the total number of
quasars was 392; and the number of absorbers was
1286. This yielded β = 1.78 ± 0.07, almost the same
as before. This agreement can be explained by the fact
that selecting quasars with accurate zabs values leads
to a relative decrease in the errors, but the random
errors increase due to the smaller amount of data used
in the analysis.

We determined the evolution of the absorber sizes
for various models of the Universe. The value of Ωm
was varied within 0.1 to 1.0, with Ωm + ΩΛ = 1.
A plot of the dependence of β on Ωm is presented in
Fig. 5.

Figure 6 shows the linear sizes of the absorbers as
a function of z in the cosmological model with Ωm =
0.3 and ΩΛ = 0.7 together with the corresponding
errors.
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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4. CONCLUSION

We emphasize again that the z dependence of the
absorber sizes we have obtained describes the evolu-
tion of the linear sizes of the ionized gas component
in galaxies and clouds. This dependence indicates a
very rapid loss of gas in the course of the evolution.
This is quite natural, since gas is consumed by star
formation, and also disappears when black holes and
dwarf stars are formed.

On the other hand, the obtained absorber evolu-
tion, with their sizes varying as (1 + z)1.73, involves
a number of other evolutionary changes as well (e.g.,
in the degree of ionization, the matter density, etc.).
Therefore, this is actually the evolution of some effec-
tive size of the absorbers.

The increase in the sizes of the emitting regions of
galaxies with decreasing z is due to the propagation
of star formation from the centers of the galaxies to
their peripheries [6]. The increase in the sizes of the
absorbers with decreasing z observed in the Lyα lines
probably indicates an absence of star formation in
these gas clouds.

It would be very interesting to study the evolution
of the absorbers observed in quasar Lyα lines in more
detail.
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Abstract—The formation of gaseous diffusional accretion–decretion disks is an important stage in the
evolution of numerous astronomical objects. Matter is accreted onto the object in the accretion part of
these disks, while the angular momentum of the accreted matter is transported from the central region
to the periphery in the decretion part. Here, we consider general questions connected with the formation
and evolution of diffusive accretion–decretion disks in various astrophysical objects. Such disks can be
described using nonstationary diffusion models. The phenomenological parameters of these models are
the coefficients in the relations for the characteristic turbulent velocity and mean free path of diffusion
elements in the disk. We have developed a numerical technique to compute the disk evolution for a number
of models (a massive disk, a disk with continuous accretion, a purely decretion disk). Analytical expressions
estimating the basic parameters of accretion–decretion disks are presented. We discuss the relationship
between the models considered and the classical α model of an accretion disk. c© 2004 MAIK “Nau-
ka/Interperiodica”.
1. INTRODUCTION

The first astronomical disk, the Milky Way, was
detected in ancient times with the naked eye. Galileo
was the first to observe a second example of a disk
in space in 1609—the ring of Saturn. The third such
object was the protoplanetary gas–dust circumsolar
disk introduced by Kant and Laplace to explain the
origin of the solar system [1]. Whereas Kant did not
speculate about the origin of this disk, Laplace [2]
suggested that it originated from the rapidly rotating,
comparatively compact young Sun. He assumed that
the solar material moved away from the Sun in the
equatorial plane due to viscosity, gradually forming
an extended protoplanetary gas–dust disk. Thus, in
essence, the first theoretical model of an astronomical
disk involved a purely decretion disk. One possible
origin of the viscosity in protoplanetary disks, asso-
ciated with their magnetic fields, was pointed out by
Hoyle [3]. Another efficient source of viscosity in a
gaseous disk is turbulence.

Accretion disks appeared in modern astrophysics
in the 1930s to 1950s, when they were introduced
by observers studying cataclysmical and Algol-type
close binaries [4, 5, 6]. In such systems, one of the
stars fills its Roche lobe, providing a continuous gas
flow toward the secondary. The high orbital angular
momentum of this gas prevents it from being accreted
directly, and it replenishes a gaseous ring around the
accretor. The viscosity of the gaseous ring results in
the development of a accretion–decretion disk.

Active studies of accretion disks did not begin
until it was realized that a potentially large amount
1063-7729/04/4810-0800$26.00 c©
of energy could be released in the course of accretion
onto very compact neutron stars and stellar-mass
black holes [7, 8] and supermassive black holes in
the cores of galaxies [9]. The identification of several
bright X-ray sources with close binaries gave rise to
studies of the structure of accretion disks with the
aim of explaining the X-ray spectra of X-ray binaries
detected in the late 1960s. The theoretical founda-
tions for this problem were laid by Shakura [10] and
others [11, 12]. The well known αmodel for accretion
disks [10] assumed a circular Keplerian gaseous disk
in which radial motions (the accretion of gas) were
governed by the turbulent viscosity. The velocity U
of the turbulent elements in the disk were determined
in terms of the local sound speed in the gas, Vs, and
the quantity U = αVs, where α is a dimensionless pa-
rameter; the mean free path was assumed to be equal
to the disk thickness. In recent years, progress in
computing technology and numerical gas-dynamical
methods have made it possible to develop two- and
three-dimensional models for the accretion disks sur-
rounding the accreting components of close binaries
[13, 14].

Studies of the late stages of the evolution of close
binaries suggest a possible mechanism for the for-
mation of massive accretion–decretion disks. Such
disks may arise during the evolution of semidetached
close binaries, due to the dynamical collapse of the
component that fills its Roche lobe [15]. Two basic
possibilities for the formation of such disks have been
suggested. These are associated with the filling of
the Roche lobe of either a degenerate companion
2004 MAIK “Nauka/Interperiodica”
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or a fully convective low-mass star (with a mass
lower than 0.3 M�). Due to their rapid mass loss,
such donors expand within the dynamical timescale,
while their Roche lobes contract. This results in the
development of dynamical instability, leading to the
disruption of the donor. Due to the conservation of its
orbital angular momentum, the donor is transformed
into a massive compact disk around the accretor for
a few minutes (a degenerate dwarf) or hours (a fully
convective main-sequence star).

The ultimate origin of the angular momentum
of stars, the multiplicity of most stars [16], and
the existence of circumstellar disks is the rotation
of the molecular clouds that are the precursors of
stars. The observed maximum angular rotational
velocities for the cores of molecular clouds are ∼3 ×
10−15−10−13 s−1 [17–19]. Such gaseous clouds with
solar masses should give birth to multiple systems
with semimajor axes of 104−108 R�. However, ob-
servations indicate that binaries with semimajor axes
exceeding 106 R� are very rare [16]. This probably
means that such systems disintegrate during the early
stages of their evolution into relatively dense young
star clusters.

Here, we consider the general problem of the for-
mation and evolution of various types of astrophysical
disks in the framework of a unified diffusion approach.
We numerically study the evolution of diffusive disks
using a one-dimensional nonstationary model. The
character of the solutions obtained is determined by
the diffusion coefficient D. Since the atomic viscosity
cannot provide the observed accretion rates of astro-
physical objects, we suggest that the viscosity (diffu-
sion) in these disks is due to the turbulent motion of
the gas [20–22]. We normalized the mean free path
of turbulent elements to the distance to the accret-
ing object r, and the velocity to the local Keplerian
velocity V . Note that some other factors, such as
the disk magnetic field or spiral density waves in the
disk, may also be sources of viscosity. Spiral density
waves occur in spiral galaxies and, probably, in the
accretion disks of dwarf novas with superoutbursts
[23]. In this case, when using the term “the mean free
path of the turbulent elements,” we have in mind the
characteristic local scale for the transport of angular
momentum.

Section 2 of the paper describes basic examples
of astrophysical accretion–decretion disks. Section 3
analytically estimates the characteristics and type of
evolution of massive accretion–decretion disks. Sec-
tion 4 considers simulations of the evolution of some
types of astrophysical disks obtained with the one-
dimensional diffusion model. The main results of our
analysis of the evolution of astrophysical accretion–
decretion disks are presented in the Conclusion.
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2. ASTROPHYSICAL DIFFUSIONAL
DECRETION–ACCRETION DISKS

Here, we consider some examples of astrophysical
disks of various types, to which the numerical mod-
els and analytical formulas that we have obtained in
the current study can be applied. All these examples
originate from observational and theoretical analyses
of the structure and evolution of various astrophysical
objects: galaxies, binary and single stars, and plane-
tary systems. Let us consider the basic characteristics
of their formation and evolution, together with the
observed manifestations of these characteristics.
Massive, compact, gaseous circumstellar

disks. As was noted in the Introduction, a compact
gaseous disk with a mass comparable to that of the
accreting star can form in the course of the evolution
of a compact close binary. During the subsequent
evolution of this disk, the remaining star accretes
most of the disk material, leading to the formation
of an extended diffusive accretion–decretion (DAD)
disk around the star, which accumulates the angular
momentum of the system. Evidence for this scenario
is provided by the formation of single millisecond
radio pulsars and planets around radio pulsars [16,
24]. Planets around degenerate dwarfs and some
main-sequence stars may originate in the same way;
in this case, the precursors are contact binaries.
When the companion of a W UMa star disintegrates,
the relative mass of the disk will be about 0.1. In
the coalescence of degenerate components of a close
binary (when the components approach due to the
radiation of gravitational waves), the tidal disruption
of the lower-mass companion results in the formation
of compact gaseous disks with a larger relative mass
(up to unity).

A similar situation is encountered in connection
with the outbursts of dwarf novas and the sources
of activity of symbiotic binaries. In a nonstationary
regime, the mass transfer between the components is
divided into two phases. During the first phase, the
matter of the donor accumulates in a gaseous disk
(ring) around the accretor. The onset of convection in
the disk (the second phase) results in a substantial
increase in the gas viscosity, the rapid accretion of
most of its material onto the dwarf, and the expansion
of the decretion part of the disk to a size limited by its
interaction with the secondary.
Circumplanetary asteroid–dust disks. Dust is

an important component of cool cosmic matter. The
dusty nature of the ring around Saturn was demon-
strated in 1659 by Huygens. It is now clear that sim-
ilar disks exist around all the giant planets in the so-
lar system. Their formation, structure, and evolution
have been extensively studied [25–28]. The leading
roles in the formation and evolution of circumplan-
etary rings are played by viscosity associated with
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the interaction between the asteroid–dust and gas
components, self-gravitation in the asteroid compo-
nent, collisions between asteroids, and possibly elec-
tromagnetic interactions between asteroids [29]. In a
number of studies, the evolution of circumplanetary
disks and the role of resonances with the motions
of the planet’s moons are modeled in the framework
of the constrained gravitational N-body problem [30,
31]. The mechanism for the formation of asteroid
rings remains unclear, and their lifetimes may be sub-
stantially shorter than the age of the Sun [32]. Mat-
ter is probably continuously supplied to the circum-
planetary rings by collisions between asteroids and
moons [33]. Indeed, planets with rings have numerous
moons.
Accretion disks in cataclysmic binaries. A cat-

aclysmic binary consists of a main-sequence star
with a mass lower than that of the Sun that fills
its Roche lobe and a compact degenerate accretor.
Observations indicate that the accretion disks are
either steady-state or periodically accumulate matter
at their outer edge (in a gaseous ring), which is then
accreted during a short phase during the development
of a quasi-steady-state DAD disk. In a cataclysmic
system, the donor may also be a nondegenerate he-
lium star with a mass of 0.4−1 M� or a low-mass
(∼0.1 M�) degenerate dwarf [34]. The presence of a
degenerate donormakes the system particularly com-
pact; in this case, the orbital periods reach 10–30 min
and the semimajor axes 0.2–0.3R�. In systems such
as 4U 0614+09 and 2S 0918–543, the radius of the
accretion disk does not exceed 0.1 R� [35].

The accretion of matter by the compact compo-
nents of cataclysmic systems is possible only if the
angular momentum is tranported to the outer edge
of the disk. From there, the angular momentum is
partially transferred to the orbital motion, probably
primarily in the active phase of accretion during out-
bursts, via spiral shocks in the disk. Some of the
angular momentum may be lost from the system
together with matter flowing from the outer edge of
the disk [36]. Some fraction of the momentum may
also be carried away with the magnetic stellar wind
generated by the disk.
Accretion disks in dwarf X-ray binaries.Adwarf

X-ray binary consists of a main-sequence donor
with a mass not exceeding that of the Sun and a
relativistic accretor—a black hole or neutron star.
The characteristic orbital periods of such systems
do not exceed a day. The evolutionary status and
main driving forces contributing to the evolution of
these systems are similar to those of cataclysmic
binaries, but an important difference is the presence of
a bright (up to 104 L�) X-ray source; several percent
of its energy is intercepted by the donor, exciting
an intense induced stellar wind [37]. The accretor
intercepts some fraction of the wind material in the
Bondi–Hoyle regime, maintaining its accretional
X-ray luminosity. In this case, filling of the Roche lobe
by the donor is no longer necessary formass exchange
between the components. However, simulations have
shown that the mass exchange will be efficient only
if the donor surface remains close to its Roche
lobe. The radius of the matter-capture cone is r ∼
(GM/V 2

w)0.5, where G is the gravitational constant,
M is the mass of the accretor, and Vw = (Gm/R)0.5

is the velocity of the stellar wind, which is generally
close to the parabolic velocity at the donor surface
(m and R are the mass and radius of the donor).
The initial radius Rd of the disk formed due to the
capture of the stellar wind from the donor can be
estimated from the condition that angular momentum
be conserved, assuming that the axial and orbital
rotation of the donor are synchronous:

Rd

A
=
R4

A4

(M +m)m3

M4
, (1)

where A is the semimajor axis of the system. Adopt-
ing, for example, R = A/2 and M = m, we obtain
r = 0.1A, which implies that the initial size of the disk
consisting of matter captured from the wind is sub-
stantially smaller than the Roche lobe of the accretor,
∼0.4A. Such a disk will undergo quasi-steady-state
accretion, with the gaseous disk gradually expanding
and accumulating the angular momentum of the ac-
creted matter. It is likely that the fate of the periphery
of the decretion part of the disk is similar to that of the
outer edge of the disk in a cataclysmic system.
Gaseous disks in symbiotic binaries. A classi-

cal symbiotic binary consists of a (super)giant with
an intense stellar wind that does not fill its Roche
lobe and a degenerate dwarf in an orbit with a pe-
riod of several years [38–40]. As in the case of low-
mass X-ray binaries, the degenerate dwarf captures
some of the wind from the (super)giant, forming an
accretion disk. The initial radius of this disk can be
estimated using the above formalism (1). Simulations
of the capture of the donor wind by the accretor in a
symbiotic system confirm these estimates [41]. The
accretion results in various types of activity of the ac-
creting degenerate dwarf, and the angular momentum
of the accreted matter is accumulated in the decretion
part of the disk. The instability of this part of the disk
may (and probably does) contribute to the observed
variability of these stars.

In the Bondi–Hoyle regime for the accretion of
the stellar wind, the initial radius of the accretion
disk depends strongly on the wind velocity. It is easy
to show that the accretion rate varies with the wind
velocity as V −4

w , while the the initial radius of the disk
varies as V −8

w . The velocity of the wind from the donor
varies due to a number of natural reasons, leading to
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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dramatic variations in the brightness and spectrum
of the disk. If the velocity of the stellar wind exceeds
some limit [which can be determined from (1)], the
accretion disk should totally disappear. In this case,
the matter captured from the donor’s stellar wind will
be accreted directly onto the surface of the compact
object, with the formation of intense shocks.
Gas–dust disks around T Tauri stars. Ob-

servations indicate that young (∼3 × 106 years)
solar-mass T Tauri stars possess extended (several
hundreds of AU in size) gas–dust disks [42, 43].
For example, ASR 41—a T Tauri star with an
age of ∼106 years—accretes matter at a rate of
∼3 × 10−6 M�/yr. Its gas–dust disk has a radius of
∼200 AU and a mass of ∼0.06 M� [42]. If this is an
accretion disk, then, given the large specific angular
momentum, it becomes unclear what prevented the
formation of a binary, or even multiple, system.
Therefore, it is logical to suggest that the initial radius
of the disk was small, for example, ∼10−30R�.
Then, an extended phase of accretion onto the central
star could accumulate the angular momentum in a
relatively low-mass, extended decretion disk. The
termination of the accretion onto the young star
results in the decay of turbulent motions in the gas–
dust disk, in turn leading to the separation of the dust
component of the disk and the aggregation of plan-
ets [1]. Thus, the extended gas–dust disks observed
around young stars are, in essence, protoplanetary
disks [16].
Decretion disks around Be stars. Classical

Be stars are main-sequence stars with masses of
3−18M� possessing gaseous circumstellar disks [44,
38]. One possible reason for the presence of the
gaseous circumstellar envelope (disk) is the diffusion
of angular momentum from the contracting helium-
enriched core of the star to the envelope [45–48],
which results in steady-state mass loss from the
equator of the star and the formation of a purely
decretion gaseous disk surrounding it. The mass
loss may be facilitated if the star is in a close bi-
nary, since the effective gravitational acceleration
decreases due to the tidal forces [49]. As a result
of the diffusion of angular momentum, matter flows
from the contracting core over a time comparable to
the star’s lifetime on the main sequence, provided
the initial rotational velocity of the zero-age main-
sequence star exceeded half the limiting velocity [45,
46]. Modeling of the hydrodynamics of decretion
disks [47, 48] with a constant temperature [50, 51] has
indicated that these disks expand. Three-dimensional
modeling has shown that the presence of a close
companion (for example, a neutron star) near a Be
star restricts the expansion of the disk to a size
comparable to that of theRoche lobe [48]. In this case,
the development of spiral shocks in the disks generally
ASTRONOMY REPORTS Vol. 48 No. 10 2004
favors the transformation of the angular momentum
of the outer part of the decretion disk into orbital
angular momentum. In the case of single Be stars
or Be components in very wide systems, the decretion
disk may reach protoplanetary size during the lifetime
of the star. If the mass of the central star is lower than
∼10M� [16], a planetary system may be formed.

Another type of purely decretion disk can be
formed around stars that form during the coales-
cences of the components of W UMa systems, which
occur when their components lose orbital angular
momentum via the magnetic stellar wind [16]. The
masses of such coalescence products are 1.5–3M�.
Since such stars have no convective envelopes, and,
hence, no efficient magnetic stellar wind, the only
way they can get rid of excess angular momentum is
through the formation of an extended decretion disk,
in which a planetary system can originate.
Protoplanetary gas–dust disks. It is possible

to derive the initial distribution of the specific angu-
lar momentum in close binaries from studies of the
observed distribution of their orbital periods, taking
into account observational selection effects [16]. In
particular, the interval of specific angular momentum
3 × 1019−3 × 1020 cm2/s contains neither binaries
nor single stars: such momenta are too low for bina-
ries but too high for single stars. The fraction of stars
with planetary systems can be estimated based on the
fact that protostars with such angular momenta form
single stars with planetary systems [52]; this fraction
turns out to be about one-third. Infrared studies of
young stars indeed yield similar estimates for the rel-
ative fraction of stars with dust envelopes (disks) [53].

It is important for our modeling that the initial
size of the disk derived from the above character-
istic specific angular momenta of the precursors of
planetary systems does not exceed 0.1 AU. However,
the decretion part of a DAD disk gradually reaches
several hundreds of AU in size, as is observed for
the disks of some young T Tauri stars and is needed
for the formation of solar-type planetary systems.
Observations of circumstellar disks in CO lines have
shown that they are turbularized [54]. The turbulence
is probably the main origin of their viscosity and ex-
pansion [55]. However, magnetic viscosity may also
contribute substantially to the evolution of circum-
stellar protoplanetary disks [56, 57]. In addition, recall
that the gaseous component of an extended proto-
planetary gas–dust disk around a young star may
gradually dissipate under the action of UV radiation,
as well as the stellar wind from the central star. For
example, modeling of the IR spectrum of the dust disk
in HR 4796A yielded estimates of its size (∼70 AU)
and of the mass of dust (∼2 of the Earth’s mass) [58].
The mass of the gas in the disk does not exceed that
of the dust, clearly due to the dissipation of a large
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fraction of the gas in this old disk during its previous
evolution.

Outbursts of young stars such as FUOri stars and
V1057 may be associated with the non-stationary
development of DAD disks around such stars. During
these outbursts, the brightness of the disk increases
by 5–6m for about a year, then returns to its initial
brightness for several decades [59]. The increase of
the disk brightness is due to a temporary increase in
the accretion rate of the gas to ∼10−4 M�/yr [60]
due to the accumulation instability in the DAD disks
around the young accreting stars. The presence of a
distant companion in an elliptical orbit can also serve
as a trigger for this instability. Note that the semi-
major axes of the binary orbits can reach ∼106 R�
and their orbital periods ∼3 × 105 years [16]. Thus,
the above mechanism can probably give rise to pe-
riodic perturbations of the gravitational potential at
the outer edge of the DAD disk around the young
accreting star, leading to recurrent outbursts.
Gaseous disks around quasars—accreting su-

permassive black holes in galactic nuclei. These
gaseous DAD disks are responsible for the observed
activity of quasars—the brightest quasi-steady-state
sources of radiation—which are associated with ac-
creting supermassive (105−1010M�) black holes in
galactic nuclei. The observed brightness variability
of quasars provides evidence for variability in their
accretion rates. Gas is supplied to the black hole by
an extended DAD disk that accumulates gas lost by
old stars in the core of the host galaxy. In addition,
these stars can lose gas due to dynamical interactions
with the DAD disk. Mergers of low-mass satellites
with the host galaxies and close interactions with
nearby massive galaxies also play substantial roles
in intensifying the accretion. The presence of a bar
in the central regions can also enhance the accretion
of gas by the central black hole. Some of the gas of
the DAD disk is accreted by the black hole, providing
the high luminosity of the quasar (to 1013 L�). The
accretion rate needed to provide this luminosity is
∼10M�/yr, demonstrating that the active stage is
short (∼108 years). The radius of such a DAD disk
can reach several tens to several hundreds of parsecs.
The formation of stars is possible in the outer, rela-
tively cool part of the disk. Such compact, gaseous
circumnuclear disks are rich in young stars and are
known in numerous galaxies, including our own [61].
The relative number of active nuclei displaying strong
absorption indicates that the relative thickness of the
gaseous disk around a quasar can reach ∼0.25 [62].
A gaseous galactic disk. Galactic gaseous disks

are the largest known DAD disks. Their sizes vary
from several hundreds of parsecs for irregular galaxies
to tens of thousands of parsecs for giant spirals. The
circular shape of these disks indicates that their for-
mation and evolution are dissipative. In some cases,
slight ellipticity with eccentricities of ∼0.1−0.16 [63]
is observed, probably due to recent collisions ormerg-
ers in these galaxies. Galactic gaseous disks have
two main sources of gas: old stars forming planetary
nebulae and the accretion of intergalactic gas. Gas
can be lost in two main ways: star formation and
via the galactic stellar wind. Only a small fraction of
the galactic gas (less than ∼10−3) is accreted by the
black hole, judging from the observed ratios of the
masses of the central black hole and of the galaxy [64].

Gaseous disks in galaxies become turbularized
due to outbursts of groups of supernovae in OB as-
sociations, which result in the formation of gaseous
envelopes hundreds of parsecs in size with velocities
of several tens km/s [65, 66]. The estimated time scale
for the diffusive evolution of a disk is τd = R2/(UH),
where R is the radius of the gaseous disk, U = 3 ×
106 cm/s is the velocity of the supernova envelopes,
and H = 300 pc the thickness of the disk. This is of
the order of the Hubble time. It follows that the outer
parts of the gaseous disk of the galaxy are formed un-
der the action of the diffusive expansion of the gaseous
(and, therefore, also the stellar) disk in the course
of the galaxy’s evolution. Indeed, the surface bright-
nesses of disk galaxies decrease exponentially in their
peripheries on characteristic scales of ∼2 kpc [67].
As we will show below, such a distribution is formed
by diffusion in the outer parts of a DAD disk. During
close encounters between galaxies, the time scale for
the turbulent diffusion decreases due to the increase
in the characteristic velocities of the turbulence. This
ultimately increases the activity of the DAD disk and
the brightness of the central region of the galaxy.

3. ANALYTICAL TREATMENT

If we assume that the evolution of gaseous disks
is diffusive, we can estimate analytically the main
parameters of the disk and their time variations. The
basic relation describing the characteristic diffusion
time τd is obtained via a global “linearization” of the
diffusion equations:

τd =
R2

D
=

l

U

(
R

l

)2

, (2)

whereR is the radius of the diffusion penetration zone
and D = Ul is the diffusion coefficient. The factor
D includes the velocity of the diffusive (turbulent)
elements U and their mean free path l. The Keplerian
velocity of the gas serves as a natural unit for the
local velocity in the disk, and the distance from the
gravitating center as a unit of length. Therefore, our
description of diffusive disks will assume that the
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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velocities and mean free paths of turbulent elements
can be expressed in the form

U = αV, (3)

l = βrγ , (4)

where V = (GM∗/r)1/2 is the Keplerian velocity, r is
the distance from the central body, G is the gravita-
tional constant, M∗ is the mass of the central body,
and α, β, and γ are free parameters. Relations (3)–
(4) represent the basic assumptions of our model.
Note the fundamental necessity of introducing the
two parameters α and β to describe a diffusive disk
(for a specified γ = 1, both parameters are dimension-
less); this is due to the fact that, in the general case,
the basic components of the diffusion coefficient (the
velocity and mean free path of the turbulent elements)
are not related to one another and have different di-
mensions.

Let us consider the evolution of a disk with a given
mass. This evolution can be represented as the dif-
fusion of matter originally concentrated within some
ring in the vicinity of the star. This model can describe
the evolution of the product of the dynamical decay
of a companion, or the result of a rapid increase in
the viscosity of the gaseous disk (ring) around the
accretor. Equation (2) can be used to obtain the time
dependence of the size of the decretion part of the disk:

R = (αβ)
2

5−2γ (GM∗)
1

5−2γ t
2

5−2γ . (5)

The conservation of angular momentum (MV R =
const) can be used to derive the time dependence
of the mass of the disk M and the accretion rate
Ṁ . Taking into account the fact that most of the
disk mass is concentrated near the boundary of the
decretion part and thatM ∼ R−1/2, we obtain

M ∼ t
1

2γ−5 , Ṁ ∼ t
6−2γ
2γ−5 . (6)

The time dependence of the surface density of the
decretion part of the disk Σ ∼M/R2 will be

Σ ∼ t
5

2γ−5 . (7)

The radial distribution ofΣ in the accretion part of the
disk can be derived from the condition that the radial
flux ofmatter in the inner parts of the disk be constant.
The total flux of matter at a distance r from the star is
given by the formula

ṁ(r) ∼ rΣ(r)Vd(r). (8)

The diffusion velocity Vd for any R can be found from
(5):

Vd(R) ≈ R

t
∼ R

2γ−3
2 . (9)
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Substituting this expression into (8) and assuming
that the flux is quasi-steady-state (ṁ(r) = const), we
obtain

Σ(r) ∼ r
1−2γ

2 . (10)

Here, we have studied numerically the evolution of
two types of massive-disk models. In the first model,
γ = 0; i.e., the mean free path of a turbulent element
is constant along the disk. In this case, relations (5)–
(7) reduce to the dependences

R ∼ (αβ)
2
5 t

2
5 , M ∼ t−

1
5 , Ṁ ∼ t−

6
5 , (11)

Σ ∼ t−1.

The distribution of the surface density in the inner
parts of the disk (10) assumes the form

Σ(r) ∼ r
1
2 . (12)

In the second model, we adopt γ = 1; i.e., the mean
free paths of turbulent elements in the disk are pro-
portional to the distance from the central gravitating
object. In this case, (5)–(7) can be written in the form

R ∼ (αβ)
2
3 t

2
3 , M ∼ t−

1
3 , Ṁ ∼ t−

4
3 , Σ ∼ t−

5
3 .

(13)

The distribution ofΣ(r) in the accretion part takes the
form

Σ(r) ∼ r−
1
2 . (14)

The following interpretation of the models with
different values of γ is useful. If we suppose that the
mean free path of the turbulent elements is equal to
the thickness of the disk, l ∼ H , which is, in turn,
proportional to the distance from the center (γ = 1),
then β remains dimensionless and the product αβ
can be combined into a single parameter. In general,
however, the parameters α, β, and γ are determined
by the specific physical model considered. For ex-
ample, when γ = 0, the thickness of the disk does
not depend on the distance from the center, and β
becomes dimensional and equal to this thickness. The
analytical treatment considered in this section can be
used to analyze the results of our simulations.

4. NUMERICAL SIMULATIONS

To study the models described in Section 2, we
carried out simulations of the dynamics of several
characteristic types of DAD disks. In general, numer-
ical modeling involves the solution of a system of dif-
ferential equations.We chose a simpler analogous ap-
proach. We were able to simplify the modeling based
on a physical interpretation of the diffusion, together
with the assumptions that there is local conservation
of mass and angular momentum and that the velocity
field is Keplerian. The partitioning of the computation
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Fig. 1. Schematic illustrating mass transfer between ad-
jacent cells of the computational grid.

domain into cells is an important point in the simu-
lations, and should be based on physical reasoning
rather than purely on the accuracy required, as in
classical difference schemes.

Let us consider a disk around a star with a mass of
M∗. Let the mass of the disk beMd �M∗, so that its
gravitation can be neglected. The disk is assumed to
be geometrically thin, Keplerian, and axially symmet-
rical. We describe the structure of the disk in terms
of the surface density Σ(r), where r is the distance
from the axis of symmetry. We introduce a numerical
grid {ri, with i = 0, N} in the interval (rin, rout),
which divides the computational domain into annular
elements that form the grid cells. The surface density
Σi is assumed to be constant in each cell, (ri, ri+1).
In this approach, the cell size

li = ri+1 − ri (15)

is equal to the characteristic mean free path of a
turbulent element. Let us consider the construction of
the corresponding grid for the model with γ = 1. Ac-
cording to (4), the size of the ith cell can be specified
in the form

li = βri+1/2, (16)

where

ri+1/2 =
1
2

(ri + ri+1) (17)

is the center of the cell. Combining (15)–(17), we
obtain

ri = rin

(
2 + β

2 − β

)i

, i = 0, N. (18)

Thus, we obtain for the model with γ = 1 a non-
uniform grid that is denser toward the disk center,
while the grid for the model with γ = 0 is uniform.
Along with the surface density Σi, the average orbital
velocity is also determined in each grid cell

Vi =
(
GM∗
ri+1/2

)1/2

, (19)

as well as the average turbulent velocity [see (3)]:
Ui = αVi. (20)

The computations were organized as follows. We

will suppose that we know the Σ(n)
i for time t(n). Let
us consider a cell A and denote the nearest cells B
and C (Fig. 1). We will suppose that a mass δMA is
removed from cell A during the time δt due to turbu-
lent motion. This amount of matter can be determined
as follows:

δMA = 2πrAΣ(n)
A UAδt. (21)

The matter leaving cell A is transferred to the two
adjacent cells, and this redistribution of the mass
must conserve mass and angular momentum. The
corresponding equations for the system of three cells
can be written

δMA = δMB + δMC, (22)

δMArAVA = δMBrBVB + δMCrCVC, (23)

where δMB and δMC are the masses flowing into
cells B and C, respectively. Solving these equations
for δMB and δMC enables us to derive the mass
distribution between cells B and C. Having treated
all cells {i = 1, N} consecutively as cell A and there-
by determined all the fluxes {δMA(i), δMB(i), and
δMC(i)}, we can find the surface density distribution

Σ(n+1)
i for the time t(n+1) = t(n) + δt:

M
(n+1)
i = M

(n)
i − δMA(i) + δMB(i+ 1) (24)

+ δMC(i− 1),

Σ(n+1)
i =

M
(n+1)
i

π
(
r2i+1 − r2i

) , (25)

whereM (n)
i andM (n+1)

i are the masses of the ith cell
at times t(n) and t(n+1), respectively, δMA(i) is the
mass outflow from the ith cell, and δMB(i+ 1) and
δMC(i− 1) are the masses flowing into the i+ 1th
and i− 1th cells, respectively.

This procedure can be used to derive the surface
temperature of the disk Te from the local conserva-
tion of energy. To this end, let us again consider the
schematic in Fig. 1. The energy of the state in which
an element with mass δMA is in cell A is equal to

δEA = −GδMAM∗
rA

+
δMAV

2
A

2
. (26)

The energy of the state in which the mass δMA is
distributed over the cells B and C is equal to

δEBC = −GδMBM∗
rB

−G
δMCM∗
rC

(27)

+
δMBV

2
B

2
+
δMCV

2
C

2
.

It can be shown that the difference between the final
and initial energies of the system is δEBC − δEA < 0.
Since this difference is negative, some energy must be
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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Fig. 2. Evolution of the surface-density distribution (top left), temperature (top right), and local mass flux (bottom left), and
the time dependence of the disk mass and the rate of accretion onto the gravitating center (bottom right, curves A and B,
respectively) for the model with a massive disk withMd = 0.1 M�, α = 0.1, β = 0.1, and γ = 1. The distributions marked by
numbers from 0 to 6 correspond to times of 0, 0.01, 0.1, 1, 10, 100, and 1000 years.
released in each such act. The effective temperature
can be derived from the condition

δEA − δEBC

δtπ
(
r2i+1 − r2i

) = 2σT 4
e , (28)

where ri and ri+1 are the inner and outer radii of
cell A. Formula (28) specifies the desired effective
temperature Te at a given point of the disk. It is impor-
tant to understand that the temperature determined in
this way may differ substantially from the real local
temperature of the DAD disk. This is due to the
rapid decrease of this “accretion temperature” with
distance in the accretion part of the DAD disk (Te ∼
r−3/4) [10] and the even more rapid decrease in the
decretion part of the disk (see Figs. 2–5 below). For
example, radiation from the accretor or hotter central
parts of the disk can substantially alter the temper-
ature distribution in the disk. Indeed, the blackbody
temperature of the radiation decreases with distance
from the radiating region substantially more slowly:
T ∼ r−1/2. Therefore, modeling real spectra requires
a correct solution for the radiation transfer in the disk.
ASTRONOMY REPORTS Vol. 48 No. 10 2004
We adopted the condition that the mass outflow
δMA for each cell over the time δt not exceed one-
fifth of the cell’s mass as a criteria for determining
the computational steps. The test computations in-
dicated that this restriction on the step size was suffi-
cient. Naturally, the time step is determined primarily
by the inner cells of the computational domain. The
initial and boundary conditions for the computations
were specified as part of the formulation of the prob-
lem.We consider below the simulation results for four
models of astrophysical disks.

Amassive disk, γ === 1. This disk models the evo-
lution of the product of the dynamical disruption of a
star, or the development of instability in the accretion
disk in a cataclysmic system due to an increase of the
viscosity of the disk material. The model parameters
for themassive disk were chosen as follows. Themass
of the central body (star) is equal to the solar mass,
M∗ = 1 M�. A disk with uniform surface density in
the region 3 R� < r < 0.1 AU is specified at the
initial time t = 0. The condition of free outflow is
specified at the inner boundary of the computational
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Fig. 3. Same as Fig. 2 for a massive disk withMd = 0.1M�, α = 0.1, β = 0.03 AU, and γ = 0.
domain rin, which coincides with the inner boundary
of the disk, and at the outer boundary rout = 60 AU;
i.e., we assume that matter from these boundary lay-
ers can freely leave the computational domain and
that there is no influx of matter from outside. When
γ = 1, the thickness of the disk increases linearly
with distance from the center; the remaining model
parameters are α = 0.1 and β = 0.1.

Figure 2 presents the simulation results for the
evolution of such a disk. As expected, the character-
istic size of the diskR (which can be defined as the re-
gion containing most of the disk mass) increases with
time, whereas the characteristic density and temper-
ature in the central part of the disk decrease with
time. The radial distributions of the total mass flux
for various times (bottom left graph in Fig. 2) enable
us to distinguish several characteristic zones in the
flow structure. In the inner zones, ṁ(r) < 0; this can
be considered the accretion part of the disk. The flux
in the inner parts of the accretion zone depends only
weakly on r, due to the small characteristic diffusion
time in the inner parts of the disk. In the outer zones
of the disk, ṁ(r) > 0; therefore, this part of the disk
can logically be considered the decretion part. The
density and temperature decrease exponentially in the
outer parts of the disk. The mass of the disk and the
accretion rate decrease with time.

The above analytical formalism enables us to re-
estimate the basic parameters of the disk for other
initial disk masses (provided they are still appreciably
smaller than the mass of the accreting star) and other
values ofα and β. It is obvious that the surface density
and accretion rate are proportional to the initial mass
of the disk, while the volume density of the gas is
inversely proportional to its thickness. The effective
temperature of the disk is proportional to the mass of

the star, Te ∼M
1/4
∗ . In addition, it can be shown [see,

for example, (5)] that, for a given value of γ, the solu-
tion of the initial system of equations depends on the
combination t/αβ. Thus, the distributions obtained
for α = 0.1 and β = 0.1 for time twill be equivalent to

those for α∗β∗ for time t∗ =
α∗β∗

αβ
t, all other factors

being the same. Recall that most of the disk mass
is contained in the region where d ln Σ/d ln r = −2.
It follows from the computations that this region is
located in the zone where the mass flux changes its
sign.
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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Fig. 4. Same as Fig. 2 for a disk with constant accretion. The model parameters are α = 0.1, β = 0.1, and γ = 1.
A massive disk, γ === 0. The boundary and initial
conditions in this model are the same as in the previ-
ous case, but now γ = 0; i.e., the mean free path for
the turbulent elements (the thickness of the disk) is
taken to be constant over the entire disk. The mean
free path is specified as l = β = 0.03 AU. Figure 3
presents the simulation results. A comparison be-
tween the distributions Σ(r) for this and the previous
models reveals a change in the density distribution
in the accretion part of the disk. In the model with
γ = 0, the surface density decreases toward the cen-
ter, reaching a maximum near the boundary of the
disk, whereas, in the model with γ = 1, the density
decreases monotonically with distance from the cen-
ter (with the exception of the most central parts of
the disk, which are sensitive to the influence of the
boundary conditions).

Note that, for bothmodels (γ = 1, γ = 0), the time
dependences for the disk mass M(t), accretion rate
Ṁ (t), and disk size R(t), as well as the distributions
Σ(r) and Te(r) in the accretion part of the disk, are
consistent with the analytical estimates obtained in
Section 3. However, the simulations have enabled us
to reconstruct the detailed pattern of the disk struc-
ASTRONOMY REPORTS Vol. 48 No. 10 2004
ture, in particular, we can identify places in the decre-
tion region and transition zone where the direction of
the flow changes.
A disk with continuous accretion. Let us

consider the evolution of a disk with continuous
accretion and a fixed specified angular momentum.
We assume that the disk mass at the initial time
is M = 0 and specify the constant accretion rate
Ṁout = 10−5 M�/yr in the zone 3R� < r < 0.1 AU.
The boundary conditions and other model parameters
are the same as for the massive disk with γ = 1.
Figure 4 illustates the evolution of the disk. Note that
the disk mass increases asM ∼ t2/3, while the rate of
accretion onto the star gradually approaches the rate
of accretion onto the disk. Thus, in the course of the
evolution of the system, the decretion rate decreases
and the rate of accretion onto the star approaches
the specified value. The distribution of matter in the
inner accretion part of the disk tends to a steady state.
This model may illustrate the origin and evolution of
a protoplanetary disk or a disk around the accretor
in a symbiotic binary with a relatively small initial
size [52].
A decretion disk. We calculated a model for a
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Fig. 5. Same as Fig. 2 for a purely decretion disk. The model parameters are α = 0.1, β = 0.1, and γ = 1.
purely decretion disk in order to study the origin and
development of the decretion disks around Be stars.
In this model, we assume that matter and angular
momentum are continuously injected from the star
into the inner edge of the disk. As a boundary con-
dition, we assume that matter is injected into the first
cell of the grid at the rate Ṁout = 10−5 M�/yr. The
parameters α, β, and γ are the same as for themassive
disk with γ = 1. Figure 5 presents distributions of
the basic model parameters for various times and the
time dependence of the disk mass. It is obvious that
the disk is a pure decretion disk. Note that, as in the
case of an accretion disk, the radial dependence of

the temperature obeys the law Te(r) ∼ r−3/4, and the
radiation of the central star can substantially alter the
surface temperature of the decretion disk. It is there-
fore essential to take into account heating of the disk
by the radiation of the central star when constructing
its continuum spectrum. The basic parameters of the
decretion disk can be recalculated following the pro-
cedure presented above for the massive disk.
5. CONCLUSION

We have analyzed the basic parameters and evo-
lution of various DAD disks. Such a disk can be
divided into an accretion part, where matter is ac-
creted onto the gravitating body and where most of
the gravitational energy is released, and a decretion
part, where the angular momentum of the accreted
gas is accumulated. The turbulent viscosity of the
gas is probably the main driving force behind this
evolution. In some cases, the magnetic field of the gas
disk may also provide an additional source of viscosity
in DAD disks. The strong (up to 107 G [68]) magnetic
field of the accretor—a neutron star or white dwarf—
may prevent the formation of a quasi-steady-state
accretion disk close to the star’s surface. In this case,
the matter may be accreted directly onto themagnetic
poles of the dwarf or neutron star.

The presence of a magnetic field in the accreted
matter is likely. In particular, this field is manifest
in the formation of the polar jets observed in vari-
ous accreting astrophysical objects, such as quasars,
microquasars (accreting stellar-mass black holes),
accreting neutron stars, and young T Tauri stars. The
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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formation of jets is probably a result of the electro-
magnetic acceleration of matter from the inner re-
gions of the accretion part of the DAD disk by the
magnetic field, which is amplified by compression
and differential rotation. It remains unclear if purely
hydrodynamical acceleration of matter as a result of
coronal outflows from the accretion disk is possible.
A corona should appear due to the dissipation of
mechanical energy in the atmosphere of the disk.

The analytical treatment of the evolution of a DAD
disk with γ = 1 yields the relation between the basic
dimensionless parameters αβ = τK/τacc, where τK is
the Keplerian time at the disk edge and τacc is the
time for accretion or the duration of an outburst. For
cataclysmic binaries with outburst durations of about
a month and a Keplerian time for the disk of about an
hour, αβ ∼ 10−3 in the phase of active accretion dur-
ing outburst. Since the typical time interval between
outbursts is roughly a year [69], αβ < 10−4 during
the phase when the critical mass is accumulating
in the disk. This example yields an estimate for the
amplitude of variations in the viscosity in the disks of
cataclysmic binaries. The decretion disks of T Tauri
stars increase to sizes of∼100 AU [70] over the stars’
lifetimes of several million years. In this case, the
above relation imposes the constraint αβ ∼ 0.0003.

The binarity of the accreting objects suggests that
they may all experience recurrent increases in the
activity of their extended gaseous disks. As a rule, the
orbits of wide binaries, whether their components are
stars or galaxies, have high eccentricities. When ob-
jects with disks approach their companions, the gas
viscosity increases and the disk evolution accelerates.
This enhances accretion in the disks of binaries or star
formation in galaxies. Indeed, as a rule, galaxies with
a high star-formation rate are binary.

The temperatures in the decretion parts of ex-
tended DAD disks are low, whichmay lead to the con-
densation of dust. Consequently, the disk becomes
optically opaque. The estimated optical depth in the
plane of the disk is τ ∼ 100Σ/β(γ = 1), while τ ∼
100Σ in the polar direction. Figures 2–5 show that
even extended disks are optically thick in their periph-
eral parts. Therefore, the emission of some Be stars
with their DAD disks viewed edge-on may be sub-
stantially weakened at optical wavelengths. Indeed,
the presence of dust around Be stars is confirmed
by their IR excesses [71]. In particular, the Beklyn-
Neugebauer object, displaying an optical absorption
of ∼17m and a temperature of ∼55 K [72], may be a
Be star with a mass of 7M� and a gas–dust disk with
Σ ∼ 0.2β andMd ∼ βR2

d viewed edge-on.
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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Abstract—Our analysis of JHKLM photometric data obtained in 1978–2003 for the CHCyg system shows
that the “local” dust envelope that formed in the system in 1986 and reached its highest column density in
1996 had largely dispersed by mid-2001, so that the observed brightness of the system’s red giant has
returned to its pre-1985 level. The giant’s spectral type varied in the range M6.5–M7.5 in 2001–2003.
The optical depth of the dust envelope at 1.25 µm was τ(J) ≈ 0.83 near JD 2450090. The increase in the
dust envelope’s optical depth was approximately a factor of 2.3 slower than the decrease. The envelope
of CH Cyg can be pictured as a “stationary” dust cloud with an optical depth at λ = 1.25 µm of ∼0.4
and a dust-grain temperature of ∼750–800 K. There was probably an injection of matter into this cloud
toward the end of 1985, initiating the condensation of dust grains. The optical depth began to increase
and, by 1991, the dust envelope was transformed from a cloud into a local, almost spherically-symmetric
envelope with a grain temperature of 750–800 K. Its optical depth reached its maximum in 1996, after
which the local envelope began to disperse, becoming a cloud again by 2001. The detected 4000-day
variability of the JHK brightness of CH Cyg is in good agreement with a model with an eclipsing binary
consisting of two cool giants with effective temperatures differing by approximately 100 K, a luminosity
ratio of L(M7)/L(M6) ∼ 6.8, and a radius ratio ofR(M7)/R(M6) ∼ 3.6. The orbital ephemeris is given by
JD (Min I) = 2444180 + 4000E. c© 2004 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

It is currently generally believed that the binary
CH Cyg is the only triple system among the known
symbiotic stars. The triple nature of the system was
first noted by Hinkle et al. [1]; in their model, the
inner pair is a symbiotic system (with a period of
∼756 days), and the third component, which is a red
or brown dwarf, is in an outer orbit (with a period
of ∼5300 days). Hinkle et al. [1] believed in 1993
that the system was not eclipsing. However, in 1996,
Skopal et al. [2] noted that eclipses were possible,
and suggested that there were two cool giants in the
system: one associated with the symbiotic pair, and
the other in the outer orbit. In their model, a massive
(∼4M�) cool giant orbits the symbiotic pair, which
consists of a red giant with a mass of ∼1M� and a
main-sequence dwarf (the hot component). The hot
component undergoes outbursts due to the accretion
of matter from the red giant. Numerical modeling of
such systems by Mikkola and Tanikawa [3] demon-
strates that a system with components of this type
should not be stable, and they suggest that models
with two cool giants are implausible. Mikkola and
Tanikawa [3] consider the model of Hinkle et al. [1]
to be more acceptable with regard to stability, al-
though details of the model need to be refined. For
example, we can consider the following possibility: a
symbiotic pair consisting of a cool giant and a faint
1063-7729/04/4810-0813$26.00 c©
star of unknown nature (3M� + 0.5M�) + a third
star (probably a white dwarf, 0.9M�). The orbits are
eccentric, and the hot star is active when the compo-
nents approach each other.

Analysis of our spectroscopic and photometric ob-
servations of CH Cyg in 1978–1989 indicates that
the symbiotic system’s cool component is a late-
type (M5–M7), giant, semiregular variable. We first
detected the presence of a hot circumstellar dust en-
velope in 1985, at the end of an optical outburst. The
results of our many-year (1978–1998) infrared and
optical observations of CH Cyg [4] show that the
character of the brightness and color variations of the
system in the IR in 1978–1998 are generally consis-
tent with the observed radiation being emitted by a
source surrounded by a dust envelope with variable
optical depth.

This paper presents the results of our analysis
of further IR photometric observations of CH Cyg
carried out in 1999–2003.

2. OBSERVATIONS

We obtained our infrared photometric data for
CH Cyg on the 125 cm telescope of the Sternberg
Astronomical Institute’s Crimean station using an
InSb photometer. The uncertainties of these obser-
vations were 0.01–0.05m in all filters. A description
2004 MAIK “Nauka/Interperiodica”
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Table 1. JHKLM photometry of CH Cyg in 1999–2003

JD 2440000+ J H K L M
11180 0.8 −0.26 −0.73 −1.5 −1.44
11300 0.74 −0.22 −0.76 −1.38 −1.48
11336 0.76 −0.24 −0.75 −1.45 −1.32
11352 0.79 −0.29 −0.76 −1.51 −1.37
11359 0.78 −0.28 −0.79 −1.49 −1.4
11367 0.79 −0.25 −0.74 −1.52 −1.41
11384 0.82 −0.26 −0.72 −1.47 −1.38
11387 0.82 −0.23 −0.67 −1.49 −1.44
11420 0.82 −0.24 −0.73 −1.48 −1.34
11448 0.77 −0.28 −0.77 −1.51 −1.38
11452 0.73 −0.32 −0.79 −1.51 −1.45
11456 0.72 −0.27 −0.76 −1.52 −1.48
11475 0.82 −0.27 −0.73 −1.55 −1.64
11505 0.7 −0.35 −0.83 −1.59 −1.51
11524 0.71 −0.33 −0.8 −1.56 −1.52
11549 0.76 −0.28 −0.77 −1.53 −1.45
11642 0.73 −0.32 −0.74 −1.6 −1.52
11684 0.87 −0.14 −0.67 −1.51 −1.52
11706 0.85 −0.13 −0.58 −1.49 −1.56
11710 0.86 −0.12 −0.6 −1.49 −1.5
11737 0.86 −0.11 −0.62 −1.46 −1.49
11743 0.89 −0.15 −0.6 −1.46 −1.47
11769 0.93 −0.09 −0.58 −1.46 −1.47
11778 0.93 −0.09 −0.56 −1.44 −1.51
11824 0.86 −0.15 −0.62 −1.48 −1.51
11853 0.9 −0.13 −0.6 −1.44 −1.4
11866 0.9 −0.14 −0.6 −1.42 −1.45
11887 0.91 −0.11 −0.57 −1.5 −1.48
11902 0.84 −0.18 −0.64 −1.46 −1.44
11952 0.77 −0.27 −0.73 −1.47 −1.47
11983 0.76 −0.28 −0.73 −1.52 −1.5
12008 0.68 −0.35 −0.79 −1.52 −1.48
12032 0.66 −0.35 −0.78 −1.5 −1.53
12071 0.75 −0.28 −0.72 −1.46 –
12122 0.75 −0.29 −0.7 −1.39 −1.22
12133 0.69 −0.32 −0.73 −1.46 −1.4
12158 0.66 −0.35 −0.81 −1.44 −1.4
12188 0.64 −0.36 −0.78 −1.46 −1.35
12210 0.65 −0.34 −0.76 −1.42 −1.39
12421 0.78 −0.19 −0.62 −1.31 −1.26
12455 0.78 −0.2 −0.61 −1.37 −1.24
12489 0.74 −0.26 −0.66 −1.37 −1.25
12511 0.8 −0.19 −0.64 −1.35 −1.32
12518 0.78 −0.23 −0.6 −1.33 −1.26
12539 0.84 −0.16 −0.6 −1.29 −1.22
12600 0.75 −0.24 −0.72 −1.39 −1.29
12717 0.7 −0.31 −0.73 −1.4 −1.34
12752 0.73 −0.31 −0.71 −1.4 −1.32
12774 0.73 −0.3 −0.72 −1.37 −1.35
12800 0.65 −0.35 −0.77 −1.43 −1.35
12832 0.63 −0.38 −0.80 −1.45 −1.39
12870 0.66 −0.36 −0.78 −1.46 −1.38
12892 0.65 – −0.78 −1.43 −1.39
12921 0.63 −0.38 −0.78 −1.47 −1.42
of our observing techniques, the instrumental param-
eters, and the observational data for 1978–1995 can
be found in [4–6].

Table 1 presents our 1999–2003 data for CH Cyg.
Our data for the entire time interval covered by avail-
able observations are shown in Fig. 1 as light and
color curves. The horizontal dashed lines show the
corresponding color indices for a normal M6 giant [9].
The data analyzed in [4] lie to the left of the vertical
dotted line. The U −B color indices after 1998 are
taken from Skopal et al. [7, 8].

3. DISCUSSION

3.1. The Photometric State
of the CH Cyg System in 1998–2003

We can see from Fig. 1 and Table 1 that the sys-
tem’s IR brightness and colors had almost returned
to their 1982–1984 levels by 2001, and stayed at
these levels until the end of 2003. The JHK bright-
nesses gradually increased (by 0.20m–0.25m in J)
from mid-1996 to 2001, whereas J −H decreased.
These gradual changes were accompanied by bright-
ness variations on a time scale of 600–800 days with
an amplitude of several tenths of a magnitude. The
brightness at 3.5–5 µm (the L andM filters) and the
L−M color index decreased from 1996 to 2001.

In the optical, the hot component has remained in
a state of low activity since the fall of 1999 (Fig. 1).
However, theU −B values were already approaching
those characteristic of cool giants by mid-2000, and
there were no reports of new activity of the hot com-
ponent in the CH Cyg system after 2001. Note that
the increase in the column density of the dust com-
ponent in 1986–1996 was accompanied by repeated
outbursts of optical activity (Fig. 1, the variations of
U −B); the activity of the hot component was low
during the dissipation of the dust envelope, and this
activity had probably completely ceased by 2001.

The characteristics of the radiation from CH Cyg
in 1999–2003 suggest that the “local” dust envelope
that formed in the system in 1986 and achieved its
highest column density in 1996 [4] had been largely
dispersed by mid-2001, with the brightness of the
system’s cool giant returning to its pre-1985 level.
This is clearly visible in Fig. 2, where the solid curve
is the J light curve and the open circles and asterisks
show variations of theK andM brightnesses, respec-
tively, reduced to the 2002–2003 J brightness level of
CH Cyg. Figure 2 indicates that the spectral energy
distribution of CHCyg at 1.25–5 µm is the same from
1975 to late 1985 and after 2001, within the errors.
A redistribution of the energy in the near-IR started
by the end of 1985 and continued until 2000 (the
interval between the dashed lines in Fig. 2). Thus,
all the unusual phenomena that had been manifest
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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Fig. 1. Variations of the JKL brightnesses and the J − H , L − M , and U − B color indices for CH Cyg in 1978–2003. The
open circles show our own data, and the asterisks show the data of Skopal et al. [7, 8]. The observations of 1999–2003 lie to
the right of the vertical dotted line. The dashed lines show the color indices for an M6 giant.
in the JHKLM radiation of the CH Cyg system since
1985 were absent by 2001, and we can now undertake
a general analysis of what happened to the system’s
cool sources over nearly 15 years.

3.2. The System’s Cool Component

Figure 3 presents two-color diagrams relating the
optical and IR data for CH Cyg. The B − V and
V − J color indices prior to 1998 are from our ob-
servations; the UBV photometry data of Skopal et al.
[7, 8] were used between 1998 and 2001. The dashed
curves show the two-color relations for normal M0–
M6 giants [9, 10] and late M7–M8 giants [11]. The
data obtained with theBV photometry of Skopal et al.
[7, 8] are plotted as asterisks. The asterisks connected
with line segments correspond to the 2001 data. The
solid arrow in the graphs shows the color changes
that occur when the interstellar reddening changes by
E(B − V ) = 0.5m. Figure 3 shows that the observed
variations of J −H and V − J can be described us-
ing a model with a variable source (red star) and a
ASTRONOMY REPORTS Vol. 48 No. 10 2004
dust component with variable optical depth in the
line of sight [4–6]. The optical depth of the dust
component, which consists of dust grains similar to
interstellar grains, could be as high as E′ ∼ 1.5m.
The spectral type of the variable source (red giant)
changed from M5 to M7.5 during our observations.
Considering only the data for 2001, when the dust
envelope had nearly completely dissipated and the
hot component’s activity was close to its minimum,
we find that the giant’s spectral type varied in the
range M6.5–M7.5. The two short-dashed lines in the
upper panel of Fig. 3 are the extremes of the cool
star’s position on the curve for cool giants, based
on the 2001 observations. In other words, if the cool
component has a spectral type earlier than M6.5III
[the (J −H)–(V − J) diagram in Fig. 3], this could
be due to additional light in the V filter when the
hot component is in outburst. This contribution is
clearly visible in the variations of B − V (lower panel
of Fig. 3), withB−V systematically deviating toward
“hotter” values.

If the system’s cool star is a normal giant, then
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Fig. 2. 1978–2003 variations of the J brightness of CH Cyg (solid curve) and variations of the K and M brightnesses reduced
to the J-brightness level for 2002–2003 (open circles and asterisks, respectively).
the color excess of the mean J −H color index in
2001, when the dust envelope had dissipated, can be
used to estimate the interstellar reddening of CHCyg.
We estimate based on the mean values of J −H ,
V − J , and B − V for four sets of IR observations
and six sets of UBV observations in 2001 E(B −
V ) = 0.11m ± 0.01m, 0.16m ± 0.05m, 0.11m ± 0.03m.
These estimates nearly coincide with the reddening
we adopted from Kenyon [12].

3.3. The Parameters of the Local Dust Envelope

Let us consider the data at 1.25–1.65 µm (the J
and H filters). We have noted earlier [4–6] that only
the system’s cool component (red giant) radiates at
these wavelengths, with its light possibly attenuated
by the dust envelope. Even in the active state of the
hot component, the direct contribution of its light at
wavelengths λ > 1 µmdoes not exceed 1–2%; it may
have been significant in the J filter only at the activity
peak of 1982–1984, when the red giant was classified
as an M5 based on the J −H color index.

Figure 4 displays the JH and J −H variations for
the entire time covered by the observations. These
curves clearly show at least two components: a slow
one with a time scale of about 6000 days, and a fast
one with a time scale of several hundred days. We
approximated the slow component with polynomials
of various orders. The ninth-order (and higher-order)
curves for 1986–2000 virtually coincide with the lin-
ear approximations for two intervals: 1986–1996 (the
descending branch) and 1996–2000 (the ascending
branch). In the corresponding light curves in the fig-
ure, the ninth-order curve is plotted as a dotted curve
and the regression lines as solid line segments.

The short-dashed line in the bottom panel corre-
sponds to J −H for an M6–M7 red giant [11]. Based
on the character of the JH and J −H color variations
on the descending and ascending branches of the
slow component, we conclude that the most probable
origin of the observed variations (the decrease and
then increase of the JH brightness, with simultane-
ous reddening and bluing) is an increase and then
decrease of the optical depth of the dust envelope
that began to form in the system in 1986. Note that,
although this interpretation of the observed JH and
J −H variations appears to be the most probable
one, it is not the only possible explanation if only the
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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JH photometric data are considered. For example, the
effects observed at 1.25–1.65 µm can be obtained by
changing the temperature of the red giant itself (by
approximately 400–500 Kwithin a color-temperature
range of 2300–2800 K). However, conclusive evi-
dence in favor of the dust-envelope interpretation is
provided by the LM and L−M variations, especially
in 1996–2000 (the ascending branch: dispersion of
the dust envelope). During this period, the dust en-
velope was dissipating, and a decrease of J −H and
an increase of the JH brightness were observed. The
LM and L−M variations support this picture: the
dust envelope’s optical depth was decreasing, to-
gether with its radiation at 3.5 and 5 µm (the LM
filters). If the cool star’s temperature were increasing
(the ascending branch), the LM brightness should
also increase. Thus, the observed gradual decrease of
the JH brightness in 1986–1996 and its subsequent
increase in 1996–2000 are due to the formation of a
local dust envelope in 1986, whose density increased
until 1996, and the subsequent nearly complete dis-
ASTRONOMY REPORTS Vol. 48 No. 10 2004
sipation of the envelope by 2001. The parameters for
a linear approximation of the JH and J −H varia-
tions on the descending and ascending branches of
the light and color curves in the form Y = A+BX
are presented in Table 2. Let us suppose that the
gradual changes of the JH brightness are due solely
to variations of the dust envelope’s optical depth. In
this case, these variations should be proportional to
the optical depth of the dust envelope, i.e.

∆J = B(J)X ∞ τ(J) ∞Q(J),
∆H = B(H)X ∞ τ(H) ∞Q(H)

and

(∆J/∆H) = B(J)/B(H) = Q(J)/Q(H),

where Q(λ) is the absorption efficiency of the dust
grains, whose wavelength dependence can be rep-
resented Q(λ) ∝ λ−α. The parameter α depends
primarily on the type of dust grain. The B(J)/B(H)
values derived from Table 2 are 1.38 ± 0.13 for the
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Fig. 4. JH brightnesses and J − H color variations (open circles) for CH Cyg in 1978–2003. The dotted curves show the fit of
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descending branch and 1.37 ± 0.28 for the ascend-
ing branch, corresponding to α ∼ 1.15. According to
Mathis [13], this value of α for λ > 0.9 µm is consis-
tent with the dust grains being similar to interstellar
grains.

Since the J brightness faded by ∼0.9m from 1985
to 1996 (Fig. 4, the descending branch), the enve-
lope’s 1.25 µm optical depth near JD 2450090 was
τ(J) ≈ 0.83. Comparing the time intervals occupied
by the descending and ascending branches, we see
that the increase in the dust envelope’s optical depth
occurred approximately a factor of 2.3 more slowly
than the decrease.

Let us now consider the data at 2.2–5 µm. The
situation here is more complicated than at 1.25–
1.65 µm. If there is a relatively hot circumstellar dust
envelope, its contribution to the combined light at
these wavelengths will increase with the wavelength.
For example, the contribution of the red giant’s radi-
ation to the total light of CH Cyg at 5 µm in 1982–
1983 did not exceed 50%; the remaining light came
from the dust envelope (cloud) [4]. The observed ra-
diation from the dust envelope (the M and L−M
variations) show no clear relation to its absorption in
the line of sight, though both components appeared
in the fall of 1985 (Figs. 1, 2). The first maximum of
the LM brightness was observed in the summers of
1986–1990, followed by a broad minimum centered
on the summer of 1992. The next maximum was
seen in 1995–1996; i.e., this second maximum of the
LM brightness coincided with the highest column
density of the envelope. Both variable dust compo-
nents (the dust density in the line of sight and the
radiation of the dust) had virtually completely disap-
peared by the spring of 2001, and the brightness of
CHCyg at 2.2–5 µm returned to its 1983–1984 level.
The second maximum of the observed LM brightness
can naturally be associated with the maximum radia-
tion from the dust envelope, which began to condense
in 1986, reached its highest density in 1996, and had
dispersed by 2001–2002 (see above).

Thus, in our opinion, the most characteristic time
intervals in the evolution of the system’s IR radiation
in 1978–2003 were the following.

(1) 1978–1983: The beginning of our IR observa-
tions coincided with the onset of the optical activity.
Our IR observations during that period were obtained
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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Table 2. Linear approximation (Y = A+B ∗X) of the JH and J −H variations on the descending and ascending
branches of the light and color curves (Fig. 4)

Descending branch

Parameter
J H

value error value error

A −0.53 0.08 −1.15 0.07

B 2.09 × 10−4 9.9 × 10−6 1.51 × 10−4 8.5 × 10−6

R 0.90 0.14 0.87 0.12

Ascending branch

Parameter
J H

value error value error

A 6.88 0.27 4.21 0.25

B −5.23× 10−4 2.49 × 10−5 −3.82× 10−4 2.28 × 10−5

R −0.91 0.16 −0.87 0.14

Descending branch Ascending branch

Parameter
J −H J −H

value error value error

A 0.61 0.02 2.60 0.08

B 5.77 × 10−5 2.9 × 10−6 −1.34× 10−4 7.36 × 10−6

R 0.89 0.04 −0.89 0.04

Note: R is the correlation coefficient.

Table 3.Mean magnitudes and parameters of the excess radiation from CH Cyg for three time intervals

Parameter Mean s.e. N Mean s.e. N Mean s.e. N Mag.

JD 2447030
(1988)

19 5 2450080
(1996)

45 8 2452850
(2003)

20 4 M6III

J 0.74 0.01 5 1.564 0.014 8 0.647 0.006 4 0.65

H −0.28 0.01 5 0.353 0.014 8 −0.363 0.009 3 −0.32

K −0.8 0.01 5 −0.347 0.014 8 −0.782 0.006 4 −0.69

L −1.77 0.01 5 −1.533 0.016 8 −1.442 0.008 4 −0.95

M −1.93 0.02 5 −1.74 0.017 8 −1.377 0.009 4 −0.71

J −H 1.02 0.01 5 1.211 0.007 8 1.01 0.006 3 0.97

K − L 0.97 0.02 5 1.185 0.015 8 0.66 0.007 4 0.26

L−M 0.16 0.03 5 0.207 0.017 8 −0.065 0.01 4 −0.24
using a PbS photoresistor, and a systematic bias rel-

ative to the main body of our observations (obtained

after 1984, when we began IR photometry with an

InSb light detector) is possible for all these data.
ASTRONOMY REPORTS Vol. 48 No. 10 2004
(2) 1986–1990: The “activation” of the cool
sources.

(3) 1995–1997: The minimum of the JH bright-
ness (the highest density of the dust envelope in the
line of sight).
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(4) 2003: The system’s IR radiation returned to its
pre-1985 level.

The results of our photometric observations of
CH Cyg averaged near intervals 2–4 are presented
in Table 3, which presents the mean observational
epochs, photometric bands, and color indices; the
mean values, standard errors (s.e.), and number of
averaged data points (N ) for each of the intervals;
and the magnitudes and color indices for a normal
M6 giant (corrected for interstellar absorption with
E(B − V ) = 0.08m).

Table 3 indicates that excess radiation (relative
to that of a normal M6 giant) was observed at λ ≥
2.2 µm during all three intervals. In 2003, when the
local dust envelope had dispersed in our scenario, the
lowest IR color excesses and the lowest LM bright-
ness were observed. The highest reddening was ob-
served in the IR in 1996, and the highest brightnesses
at 3.5 and 5 µm in 1988.

For use in interpreting the data from Table 3,
we calculated the changes in the color indices for
a system consisting of a spherically symmetric dust
envelope and a source of heating at its center, with
the envelope and central source in radiative equilib-
rium [5]. The envelope was assumed to be physically
thin. The source of heating is a cool M6 giant whose
spectral energy distribution corresponds to that of a
blackbody with a temperature of 2800 K; we varied
the temperature of the dust grains in the envelope
from 600 to 1000 K. The wavelength dependence of
the dust envelope’s optical depth was taken to be
τ(λ) = τ (1.25 µm) (1.25/λ)α, where α = 1.15 (see
above). The input parameters for the computations
were the red giant’s temperature, the temperature of
the dust grains, the range of variations of the dust
envelope’s optical depth at λ = 1.25 µm, and α. Fig-
ure 5 presents (K − L, L−M ) two-color diagrams;
the filled circles are the mean K − L and L−M
color indices for the three intervals from Table 3.
The dashed curve “BB” shows variations of the color
indices for a blackbody when the color temperature
varies in the range 1200–3000 K. The dashed curve
(M6III–M8III) shows the changes in the color in-
dices for M6–M8 red giants. The solid curves 1 and
2 (the model curves) show the changes in K − L
and L−M corresponding to a change in the dust
envelope’s optical depth at λ = 1.25 µm from 0 to
1.2, with the dust grain temperature being 800 K
(curve 1) or 750 K (curve 2). The numbers 0.4–1.2
near curve 2 correspond to the optical depth of the
dust envelope at λ = 1.25 µm, derived from the radi-
ation at 2.2–5 µm. Thus, the dust envelope’s optical
depth in 1996, derived from the radiation of the dust
envelope, exceeds 1.2 when the dust-grain tempera-
ture is ∼750 K. The attenuation of the brightness at
1.25–1.65 µm implies an optical depth for the dust
envelope of ∼0.8 (see above). The difference between
these values, ∼0.4, is equal to the optical depth of
the dust envelope in 2003 (and before 1985). There
was no absorption in the line of sight during these
periods (only the light of the unreddened red giant was
observed at 1.25–1.65 µm). In other words, before
1985 and after 2001, the dust envelope was manifest
only in emission, and its dust-grain temperature was
approximately the same as in the local dust envelope.

Thus, we can imagine the dust envelope of
CH Cyg as follows. There is a stationary dust enve-
lope in the form of an extended cloud (clouds) whose
optical depth at λ = 1.25 µm is∼0.4 andwhose dust-
grain temperature is ∼750–800 K. For some reason,
matter was injected into these clouds at the end of
1985, leading to the condensation of dust grains. The
optical depth began to increase and, approximately by
1991, the dust envelope had been transformed from
a cloud (clouds) to a nearly spherically symmetric
local envelope with a dust-grain temperature of 750–
800 K. The optical depth of this local envelope was
highest in 1996, after which it began to disperse,
again becoming a cloud (clouds) by 2000–2001.

Comparing the state of the system’s hot source
(the variations of U −B in Fig. 1) to the emission
of the dust component, we note the following. The
formation of the spherically symmetric local dust en-
velope began during the decline of the strong optical
outburst of 1978–1985. The first maximum in the
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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Table 4.Dust-envelope parameters for CH Cyg

Time interval 1988 1996 2003

Fex(λ), W cm−2µm−1
L 2.2 × 10−14 1.8 × 10−14 1.1 × 10−14

M 8.6 × 10−15 7.3 × 10−15 3.5 × 10−15

T (M6III), K 2800 2800 2800

R(M6III), 1013 cm 2.2 2.2 2.2

Td, K 750 750 750

Rd, 1014 cm 3.3 3.3 3.3

τem(1.25) ∼1 ∼1.2 0.4

τex(1.25) ∼0.3 ∼0.8 ∼0

Md, 10−6M� 2.7 3.3 1.1

Time interval 1985–1988 1985–1996 1996–2001

Ṁd, 10−7M� yr−1 3.8 1.7 –5.4
emission of the dust component (the “activation” of
the cool sources—injection of matter into the dust
cloud) was observed during a deep minimum of the
optical activity (1988). During the formation of the
spherically symmetric dust envelope, the activity of
the hot component was comparable to that of 1980–
1984. After 1996, the hot component’s activity de-
clined, on average, and the spherically symmetric
dust envelope dispersed, until only the stationary dust
cloud remained by 2001, when the optical activity had
also ceased.

Table 4 presents our estimates of the excess
LM fluxes for the three intervals from Table 3. The
fluxes were derived relative to the radiation of a normal
M6 giant, taking into account the absorption in
the local dust envelope. We also present the mean
optical depths of the dust envelope estimated from
the LM brightness (τem(1.25)) and the attenuation of
the JH radiation (τex(1.25)).

The temperature of the dust grains in the enve-
lope estimated from the mean KLM brightnesses of
CH Cyg in 1988, 1996, and 2003 was ∼750 K, and
the envelope’s optical depth at λ = 1.25 µm was 0.4
in 2003 and higher than 0.8 in 1988 and 1996.

Let us refine the estimated parameters of the dust
envelope. Its radius is

Rd ≈ 0.5Rx(TxT
−1
d )2.07,

where Rx = 2.2 × 1013 cm [4] and Tx are the giant’s
radius and temperature and Rd and Td are the same
parameters for the dust envelope. The mass of the
ASTRONOMY REPORTS Vol. 48 No. 10 2004
emitting dust envelope is

Md ≈ 4πR2
d(ρV )(n∆R),

where ρ ∼ 3 g cm−3 is the density of matter in the
dust envelope, V = 4πa3/3 is the volume of a dust
grain, (n∆R)em ≈ τem(L)/Q(L)πa2 is the number of
emitting grains in a column with a cross sectional
area of 1 cm2, a ∼ 0.1 µm is the grain radius, and
Q(L) ∼ 0.03 is the absorption efficiency of the dust
grains.

The estimated values of these parameters are col-
lected in Table 4. The bottom row of this table gives
the mean rates of matter injection and dispersion for
the dust envelope for the three intervals in Table 3.

3.4. The Periodic Component in the JHK Variations

We have repeatedly searched for various periods in
the observed IR-brightness variations of CH Cyg [4].
Two of the system’s periods, ∼5300 days (the longer
orbital period) and 756 days (the orbital period of the
symbiotic pair), are not clearly manifest in the IR.
Our observations have always indicated a period of
∼2000 days, even for short series of observations [14].
Having in mind the above results, we can take into
account the influence of the local dust envelope on
the IR observations and search for periods associated
with the JHK brightness of the unreddened cool giant.
For this purpose, we transformed the observed mag-
nitudes into fluxes [10] and then subtracted the slowly
varying component approximated with a ninth-order
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Table 5. Possible parameters of the two red giants in the CH Cyg system

Parameter First giant (M7) Second giant (M6)

F (K), 10−15 W cm−2 68 10

Fint, 10−15 W cm−2 283 42

L, L� ∼7900 ∼1175

R,R� ∼366 ∼141
polynomial. A period of 4000 days (the solid verti-
cal lines) is clearly visible in Fig. 6, which shows
the residual variations of the J fluxes (1.25 µm). In
approximately the middle of this period (the dotted
vertical lines), an additional, shallower minimum is
observed. A similar pattern is observed at 1.65 and
2.2 µm (the H and K filters). This led us to suppose
that the 2000-day period could be the second har-
monic of the 4000-day period.

Figure 7 shows the residual variations of the
JK fluxes folded with the 4000-day period. Mean
JK fluxes derived from the observations of CH Cyg in
2003 (the dashed horizontal lines) were added to the
residual fluxes. The bottom panel of Fig. 7 presents
the flux ratio F (J)/F (H). The solid vertical bars in
Fig. 7 are the standard errors. The amplitude of the J
variations with the 4000-day period is∼0.16m.

The shape of the phase curves with the 4000-day
period immediately suggests binarity of the JHK light
source. In addition, the 4000-day period is probably
the orbital period for a binary system consisting of
two cool stars. Eclipses are possible in the course
of the orbital motion in the system: the minima are
separated by phase intervals close to 0.5 (the two
extreme vertical dotted lines), and a primary and sec-
ondary minima are present. Figure 3 [the (J −H ,
V − J) diagram] also provides indirect confirmation of
the binary nature of the cool component of CH Cyg:
it clearly shows variations of the cool component’s
spectral type in the range M5III–M7III. In addition,
binarity of the cool component was noted in 1996 by
Skopal et al. [2]. The variations of the F (J)/F (H)
flux ratio with phase are within the errors, and the
value of this ratio is 1.15 ± 0.01, corresponding to
J −H = 0.98m ± 0.01m. In other words, the spectral
types of the cool stars are in the range M5–M7.5,
and their color temperatures can differ by about 100 K
within the range of color temperatures 2800–2900 K.
We can see in Fig. 7 (F (J) and F (K)) that the
primary minimum can be deeper than the secondary
minimum. In this case, the component seen during
the primary minimum should be somewhat cooler.
The system’s cool components may be two giants,
with spectral types M(7–7.5) and M(5–6).
ASTRONOMY REPORTS Vol. 48 No. 10 2004
Some parameters of such a system can be esti-
mated. Suppose that the second cool component is
totally eclipsed in the primary minimum, and that
the cool stars have the same spectral type. In this
case, the flux from the first component, F1(λ), is
equal to the flux at phase 0, and the flux from the
second component is equal to the difference of the
fluxes at phases 0.25 and 0; i.e., F2(λ) = F (λ, 0.25)–
F1(λ). The ratio of the components’ radii is R2/R1 ≈
[F2(λ)/F1(λ)]0.5, and we find from the J , H , and K
fluxes that (R2/R1) ≈ 0.4. The minima in the phase
curves (Fig. 7) have no plateaus, and, for the derived
ratio of the radii, the orbital inclination cannot exceed
60◦–70◦. Knowing the K fluxes from the cool stars,
we can estimate their integrated fluxes (luminosities).
The λ = 2.2 µm flux for an M(5–7) giant is 0.24 ±
0.02 of the integrated flux [15]. Our parameter esti-
mates for the cool stars are presented in Table 5. We
estimated the radii and luminosities of the cool giants
assuming they have the same temperature (2850 K),
and adopting a distance to CH Cyg of 300 pc. These
estimates are very rough, since our observations of
CH Cyg cover about 9000 days, and so span the
4000-day period only slightly more than twice.

Thus, the 4000-day variability of the JHK bright-
nesses of CH Cyg agrees well with the presence of
an eclipsing pair consisting of two cool giants whose
effective temperatures differ by approximately 100 K,
whose luminosity ratio is L(M7)/L(M6) ∼ 6.8, and
whose radius ratio is R(M7)/R(M6) ∼ 3.6.

The orbital ephemeris can be written JD (Min I)=
2444180 + 4000E.

Thus, we consider themain sources of the variabil-
ity of CH Cyg observed in 1978–2003 in the range
1.25–2.2 µm to be the local dust envelope and the
presence of two cool giants in the system, which
constitute an eclipsing pair with the 4000-day orbital
period.

Note that the JK (and H) light curves (Fig. 1)
reveal variations on a time scale of 600–800 days,
but our frequency analysis of the observations gives
no period in this range. Figure 8 is similar to Fig. 7,
but corresponds to the 756-day period. The variations
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of the J(H)K fluxes with this period are considerably
larger than the standard errors, and may be real. The
amplitude of the J variations with the 756-day period
is∼0.07m.

4. CONCLUSIONS

The above discussion leads us to the following
conclusions.

(1) The local dust envelope that formed in the sys-
tem in 1986 and reached its highest density in the line
of sight in 1996 had largely dispersed by mid-2000,
and the radiation from the system’s cool giant had
returned to its pre-1985 level. The observed variations
of J −H and V − J can be successfully described
using a model with a variable source (red star) and a
dust component with variable optical depth in the line
of sight. The optical density of the dust component
could be as high as E′ ∼ 1.5m. In 2001–2003, the
giant’s spectral type varied in the range M6.5–M7.5.

(2) We estimate E(B − V ) = 0.11m ± 0.01m,
0.16m ± 0.05m, and 0.11m ± 0.03m based on the
mean J −H , V − J , and B − V color indices for
four epochs of IR observations and six epochs of
UBV observations in 2001.

(3) At least two components are present in the
observed variations of JH and J −H : a slowly varying
component with a time scale of about 6000 days
and a faster component with a time scale of several
hundred days. We conclude from the character of the
JH and J −H variations on the slow component’s
descending and ascending branches that the most
probable origin of the observed variations is an in-
crease and then decrease of the optical depth of the
dust envelope that began to form in the system in
1986. The LM brightness and L−M color variations
support this picture. The parameter α in the relation
Q(λ) ∝ λ−α was ∼1.15 for the descending and
ascending branches; this value of α at λ > 0.9 µm is
consistent with the presence of dust grains similar to
interstellar grains.

(4) The optical depth of the dust envelope at
1.25 µm near JD 2450090 was τ(J) ≈ 0.83. The
increase of the dust envelope’s optical depth was
approximately a factor of 2.3 slower than its decrease.

(5) The dust envelope’s optical depth in 1996,
derived from the emission of the dust envelope at 3.5
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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and 5 µm, exceeded 1.2 if the temperature of its dust
grains was∼750 K. The attenuation of the brightness
at 1.25–1.65 µm indicates that the optical depth of
the dust envelope was ∼0.8. The difference between
these values,∼0.4, is just the optical depth of the dust
envelope in 2003 (and prior to 1985). There was no
absorption in the line of sight at these times (only the
radiation of the unreddened red giant contributes at
1.25–1.65 µm).

(6) The dust envelope of CH Cyg can be pictured
as a stationary dust cloud (or clouds) with an optical
depth at λ = 1.25 µmof∼0.4 and a grain temperature
of ∼750–800 K. Matter was injected into this cloud
in late 1985, giving rise to the condensation of dust
grains. The optical depth began to increase and, by
1991, the dust envelope was transformed from a cloud
to a nearly spherically symmetric local envelope with
a grain temperature of 750–800 K. Its optical depth
was highest in 1996, after which it began to disperse,
becoming a cloud again by 2000–2002.

(7) After subtracting the slow component in the
observed JHK variations for CH Cyg, we clearly de-
tected a period of 4000 days in the residual varia-
tions of the JHK fluxes. The 2000-day period found
from our earlier JHK photometric data may be the
second harmonic of this 4000-day period. Analysis
of the phase curves of the variations of the residual
JHK fluxes with the 4000-day period suggests that
this period corresponds to the orbital motion of two
cool (M6–M7) giants. The binary system may ex-
hibit eclipses. The ratio of the components’ radii is
R(M7)/R(M6) ∼ 3.6, the ratio of their luminosities is
L(M7)/L(M6) ∼ 6.8, and the radius and luminosity
of the cooler component are R(M7) ∼ 360R� and
L(M7) ∼ 7900L�. The orbital inclination cannot ex-
ceed 60◦–70◦. The orbital ephemeris can be written
JD (Min I) = 2444180 + 4000E.
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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Abstract—A two-stage algorithm for reconstructing images made up of point sources is proposed and
applied to images of the gravitational lens QSO 2237+0305 obtained with the 1.5-m telescope of the
Maı̆danak Observatory. In the first stage, a modified Tikhonov regularization algorithm is used to split
an image with a high signal-to-noise ratio into two parts, corresponding to numerical galaxy and quasar
components. In the second stage, the astrometric and photometric characteristics of the individual images
of the gravitational-lens system are determined using information about the brightness distribution in
the galaxy and a least-squares fit. The two-stage algorithm substantially reduces the time required for
the image analysis. A comparison of our method with CLEAN is presented. c© 2004 MAIK “Nau-
ka/Interperiodica”.
1. INTRODUCTION

The best method to use for the reconstruction of
images of astronomical objects depends substantially
on the nature of these objects and the required
accuracy of their photometric and astrometric char-
acteristics. The available algorithms can be separated
into two groups: CLEAN and its modifications [1]
and methods based on searching for the extremal of a
specified functional. Such methods can be separated
into statistical (informational) methods [2] (e.g., the
maximum-entropy [3–5] and maximum-likelihood
[6] methods) and regularization algorithms, based on
the theory of ill-posed inverse problems developed by
Tikhonov and his coauthors [7–9]. The maximum-
entropy method works well in the reconstruction
of extended smooth images with sharp boundaries,
but leads to considerable errors in the case of point
sources with large intensity variations, especially
when they are embedded in a smooth background.
The method of Richardson and Lucy [10], which
is based on the Bayes theorem, is commonly used
for images with large signal-to-noise ratios. When
it is necessary to reconstruct images with complex
structures (e.g., overlapping sources), more sensitive
methods must be applied. One efficient reconstruc-
tion method is the MCS method, which was pro-
posed by the Belgian scientists Magain, Courbin,
and Sohy [11] in 1997. This method is based on
Tikhonov regularization theory [12], and makes it
possible to considerably improve the resolution and
obtain reliable photometric and astrometric results.
The accuracy of this and other methods depends
1063-7729/04/4810-0826$26.00 c©
substantially on the appropriate choice of the point
spread function, as well as on the model used to
describe the galaxy (either numerical or analytical).
Therefore, the results of the calculations are model-
dependent.

A large volume of data on the Einstein Cross (the
gravitational lens QSO 2237+0305) is now available,
obtained by a number of international groups. The
first international project involved observations using
two telescopes over three years, with the intervals
between observations being slightly less than a year
[13]. More valuable results were obtained by the Os-
tensen et al. [14], whose observations were carried
out over five years with the Nordic Optical Telescope.
In the framework of the GLITP project [15], the Ein-
stein Cross was observed by this same telescope daily
in 1999–2000 in theV andR filters.Monitoring of the
gravitational lens QSO 2237+0305 has been carried
out since 1996 at the Maı̆danak Observatory. A large
volume of BV RI data has been obtained.

We propose a two-stage algorithm for recon-
structing the images of quadrupole gravitational
lenses as a means of deriving information about the
astrometric and photometric characteristics of these
objects. This algorithm is based on a regularization of
the corresponding ill-posed inverse problem. Its ap-
plicability is tested using images of the gravitational
lens QSO 2237+0305 (the Einstein Cross) obtained
at the Maı̆danak Observatory in 2002. The results
are compared with the results of processing the same
data using the CLEAN algorithm, which does not
use a priori information about the smoothness of
2004 MAIK “Nauka/Interperiodica”
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the solution and represents the image as a set of
point sources, based on a fully parameterized model
of the galaxy. Criteria for selecting an approximate
solution of an inverse problem have been developed
and verified for regularization algorithms [7]. The
effectiveness of the CLEAN reconstruction is directly
observed by the user: the image of the object is
“cleaned” from the initial field until the correlation
between the synthesized point-spread function and
the component image obtained by the algorithm
is maximum. As was shown by Ostensen et al.
[14], correlation coefficients below 0.98 for any of
the components indicate considerable errors in the
magnitudes (brightnesses) of the components. An
important feature of this method and its modifications
is that each component is considered independently,
so that the results are not affected by neighboring
components, in contrast to regularization methods.

Note that the errors of the methods used to pro-
cess the images should be taken into account when
light curves for the components of the Einstein Cross
obtained by various groups in the course of long-term
observations are combined.

2. OBSERVATIONS AND PRELIMINARY
DATA REDUCTION

Images of the quasar QSO 2237+0305 were ob-
tained using the 1.5-m telescope of the Maı̆danak
Observatory during the fall of 2002 (about 20 nights).
On average, observations of the object were obtained
five times per night.

A 2000 × 800 CCD array cooled with liquid nitro-
gen designed by the Copenhagen University Obser-
vatory was used for the observations. The array has
pixel size ∆ = 15 µm, gain factor g = 1.2e−ADU−1,
and readout noise RON = 5ADU. All the images
were obtained in the R filter with an exposure time
of 180 s at the 1/16 focus, which corresponds to a
scale 0.12′′ per pixel. The mean seeing corresponds
to a point source having a full width at half maximum
of about 0.8′′.

The preliminary data reduction included bias sub-
traction, division by the mean value of a flat field, sky
subtraction, and removal of bad pixels and cosmic-
ray traces. An image with size 64× 64 pixels (7.68′′ ×
7.68′′) cut from the initial image and centered on the
nucleus of the galaxy 2237+0305 galaxy was recon-
structed. The signal-to-noise ratio varied from 100
to 150.
ASTRONOMY REPORTS Vol. 48 No. 10 2004
3. ALGORITHM FOR THE IMAGE
RECONSTRUCTION

3.1. Mathematical Formulation of the Problem

The model image obtained by a ground-based
telescope and distorted by the limited resolution of
the equipment used and by atmospheric turbulence is
often described by the convolution equation

A[z] ≡ t ∗ z (1)

=
∫ ∫

t(x− ζ, y − η)z(ζ, η)dζdη = u(x, y),

where A is the convolution operator, z(x, y) is the
desired brightness distribution over the object, t(x, y)
is the point spread function (PSF), and u(x, y) is the
observed brightness distribution. Let us assume that
the operator A acts from a normalized space Z to
the space of square-integrable functions, and that a
solution exists.

When processing real frames, it is always neces-
sary to deal with data that were recorded on the pixel
grid with some error that was naturally introduced
in the plane of the CCD array, and the numerical
realization of an image-reconstruction method usu-
ally involves some approximation and digitization of
the data. Photon noise and the resulting errors in
the input data substantially complicate the solution
of (1), which otherwise could be solved simply via a
transformation of the space of the Fourier images and
application of the convolution theorem. Therefore, the
reconstruction of an image is reduced to searching
for an approximate solution of (1) using an approx-
imate operator Ah with a known estimated error h
(||Ah −A||Z→L2 ≤ h) and a specified approximate
right-hand side uδ with an estimated noise level δ
(||uδ − u||L2 ≤ δ).

If the error in the brightness in pixel (i, j) is σij ,
then the error in the right-hand side should be

δ =
√∑

i,j

σ2
ij. (2)

Assuming that the error in the intensity in each pixel
is composed of a noise component represented by a
Poisson law and a readout error, we can write

σij =
√

uij

g
+ NRON2. (3)

This expression corresponds to the frame obtained by
summing N frames to increase the signal-to-noise
ratio. Here, uij is the count rate in pixel (i, j), g is the
gain of the CCD array, and RON is the readout noise.

The error in the operator will depend on themethod
used to model the PSF. If the error in the PSF model
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Fig. 1. Central part of the galaxy 2237+0305: (a) brightness contours, (b) profile of the galaxy along the major axis (the solid
curve corresponds to the Sersic model, and dotted curve represents the brightness distribution obtained numerically).
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Fig. 2. Results of the reconstruction: (a) initial image, (b) reconstructed image, and (c) error distribution (model−
observational data)/

√
model.
in each pixel (the kernel of the convolution equation)
is d%, then the error in the operator will be

h =
√∑

i,j

(dtij)2. (4)

3.2. Modeling the PSF

The kernel t(x, y), which is determined by the
joint influence of the equipment used and the atmo-
sphere on a signal with the form of a δ function,
is constructed from observations of one or several
nearby stars in the same frame. These stars should
be located sufficiently close to the region under in-
vestigation that variations of the PSF over the frame
can be ignored, but sufficiently far from the recon-
structed object that the images of the star and object
do not overlap. In our case, the PSF was deter-
mined from observations of the α star from the same
frame. We used two methods to reconstruct the PSF:
(1) smoothing the star’s brightness distribution using
median filtration and then normalizing the peak to a
flux of unity, or (2) approximating the star with an
analytic profile based on a two-dimensional elliptical
Gaussian.

We estimate the total loss in intensity to be ε =
(1 − k) × 100%, where k is the ratio of the integrated
intensities of the model and the star. The loss was
slightly lower in the case of median filtration with a
window equal to the half-width of the PSF than for
the two-dimensional Gaussian approximation, which
was ∼3−4%.

3.3. The Regularization Method

The convolution equation (1) with an approximate,
specified right-hand side represents an ill-posed
problem. Its solution may be nonunique, and small
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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perturbations in the input information can lead to very
large changes in the solution. Tikhonov [7] proposed
his regularizationmethod to deal with such problems.
The approximate solution obtained using this method
takes into account a priori information about the
image to be reconstructed, and identifies among the
set of all possible solutions a unique solution that pos-
sesses a specified degree of smoothness, has physical
meaning, and whose norm in the chosen functional
space tends to the norm of the exact solution when
the errors in the input data tend to zero.

The basic idea of this method is to reformulate the
problem (1) by constructing a smoothing functional
composed of two parts: the square of the residual, and
the “stabilizer” Ω[z] multiplied by the regularization
parameter α:

Mα[z] ≡ ||Ahz − uδ||2L2 + αΩ[z]. (5)

The choice of the stabilizer depends on the smooth-
ness of the required solution. In most cases, this
function is taken to be the square of the norm of the
solution in the functional space under consideration,
but this is not the only possibility. The initial prob-
lem (1) is replaced by the problem of minimizing the
smoothing functional for a specified chosen regular-
ization parameter, and the resulting extremal zα can
be treated as an approximate solution [7–9].

One key problem in the correct reconstruction
of images is choosing a regularization parameter α
that will result in a uniform error distribution and the
required smoothness for the solution. In other words,
α is responsible for the balance between the degree of
correspondence of the required solution to the right-
hand side of (1) (within the errors in the input da-
ta) and the smoothness of the solution. Thus, the
method used to specify the regularization parameter
α is crucial in the solution of ill-posed problems. In
general, the regularization parameter will depend on
the input information, the errors, and the method used
to approximate the initial problem. Themost common
method is to find a residual or a generalized residual
(when the error in the specified operator A can be
estimated). In this case, the parameter α is taken to
be the solution of the equation

ρ(α) = 0, (6)

where ρ(α) is the generalized residual, defined to be

ρ(α) ≡ ||Ah[zα] − uδ||2L2 − (δ + h||zα||Z)2 . (7)

This is an a posteriori method for choosing the reg-
ularization parameter, since the smoothing functional
must be minimized in each iteration for α to find the
root of (6). To solve (6), we can first take some initial
value for α that satisfies the inequality ρ(α) > 0, then
carry out the following steps.

(1) Calculate the next value α = α/2.
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Table 1. Parameters of the galaxy 2237+0305

Images re (a− b)/a PA

H (CASTLES) 4.7′′ ± 0.9′′ 0.33 ± 0.01 66◦ ± 1◦

R (GLITP) 4.94 ± 0.25 0.38 ± 0.02 62 ± 1

R (Maı̆danak) 4.6 ± 0.3 0.35 ± 0.02 64 ± 1

(2) Minimize the smoothing functional using the
new α.

(3) If equality (6) is satisfied, the appropriate ap-
proximate solution has been obtained. It ρ(α) > 0,
the process must be repeated. If ρ(α) < 0, then we
must search for the root of (6), for example, using the
segment-halving method.

3.4. A priori Information

To obtain stable and physically relevant results,
the image-processing algorithm should incorporate
as much a priori information about the reconstructed
object as possible. This is, in fact, a general rule for
solving ill-posed problems. The more a priori infor-
mation about the required solution is formalized and
incorporated into the algorithm, the more adequate
the physical results that are ultimately obtained.
Accordingly, the model image of the gravitational-
lens system was represented by a sum of the images
of the quasar components (a sum of δ functions)
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Table 2. Astrometry of QSO 2237+0305 according to the
data of Rix et al. [25]

Component ∆α ∆δ

B −0.673′′ ± 0.003′′ −1.697′′ ± 0.003′′

C 0.635 ± 0.003 −1.210 ± 0.003

D −0.866 ± 0.003 −0.528 ± 0.003

and the brightness distribution of the lensing galaxy
(a smooth function):

z(x, y) = g(x, y) +
Q∑

q=1

aqδ(x − bq, y − cq), (8)

where Q is the number of point sources, which
have coordinates (bq, cq) and intensities aq, g(x, y)
is the component of the solution corresponding to
the galaxy, and δ is a Dirac delta function. The
assumption that the required solution (in our case, the
function describing the brightness distribution in the
galaxy) is smooth is incorporated into the algorithm
via an appropriate choice of the stabilizer [16]. As was
noted above, the stabilizer is often defined to be the
square of the norm in the chosen functional class Z,
which is responsible for the degree of convergence
of the approximate solution to the exact solution.
For Z = L2 (the set of square-integrable func-
tions) and Z = W21 (the set of functions possessing
square-integrable first-order generalized derivatives),
a mean-convergence theorem has been proven in the
general theory of ill-posed problems. For Z = W22

(functions possessing square-integrable generalized
derivatives up to second order), there is higher-
order convergence as well, which is uniform in each
compact, bounded subset of the plane. For the space
of functions with bounded total variations (these
functions may be discontinuous at grid lines), Leonov
proved the piecewise uniform convergence theorem
[17–20]. The dependence of the properties of the
solution on the choice of stabilizer for the functional
classes L2,W21,W22, and for functions with bounded
total variations were analyzed in [16].

The galaxy 2237+0305 has a bright nucleus. This
sharp variation in brightness can be described in var-
ious ways, for example, by including an additional δ
function describing the central part of the galaxy in
the model (as was done in the MCS method), or by
using a functional space that admits jumplike behav-
ior of the solution, such as the space of functions
with finite total derivatives. Numerical simulations
have shown that the most stable results are obtained
when we introduced the assumption that the bright-
ness distribution in the galaxy was close to one of
Table 3. Astrometry of QSO 2237+0305 according to
the observations with the Maı̆danak Observatory 1.5-m
telescope

Component ∆α ∆δ

B −0.723′′ ± 0.052′′ −1.646′′ ± 0.058′′

C 0.567 ± 0.069 −1.211 ± 0.016

D −0.858 ± 0.016 −0.534 ± 0.016

the model profiles into the algorithm; in other words,
when the stabilizer was taken in the form

Ω[z] = ||g − gmdl||2G + β

Q∑
q=1

a2
q. (9)

The second term in this expression suppresses the
quasar components, which are extremely bright com-
pared to the galaxy. The parameter β was chosen so
that the difference between the intensity of the com-
ponents and the much weaker background was taken
into account. This approach enables us to exclude
probable artefacts in the brightness distribution of the
galaxy (“holes” at the positions of the quasar compo-
nents). A generalized de Vaucouleurs exponential law
[21–23] describes the central region of galaxy very
well:

gmdl(r) = Ie exp−bn( r
re

)
1
n
, (10)

where re is the effective radius, Ie is the intensity of
the galaxy inside the effective radius, and bn is some
function of n [21]. The coordinate r is expressed in
Cartesian coordinates introduced in the plane of the
frame:

r =

√
x′2

a2
x

+
y′2

a2
y

, (11)

x′ = (x− xc) cos T − (y − yc) sin T,

y′ = (x− xc) sinT + (y − yc) cos T.

The model parameters are determined at the prelimi-
nary stage using the least-squares method.

4. DESCRIPTION OF THE ALGORITHM

In the case of the gravitational lens
QSO 2237+0305, the galaxy has an extremely bright
nucleus and is almost indistinguishable from the
background in the wings, making the processing
of each individual frame difficult. To optimize the
reduction of the frames, the process was separated
into two stages: (1) obtaining a numerical model
for the galaxy using the summed frame and the
regularization algorithm and (2) utilizing this model
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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to reduce a large volume of observational material to
obtain the astrometric and photometric parameters of
the gravitational lens.

The first stage. The frames with the best quality
were summed. The finite-parameter inverse recon-
struction problem was solved for the summed frame,
assuming that the image could be separated in accor-
dance with (8) and that the lensing galaxy is described
by the model (10). We obtained the model parameters
by minimizing the functional χ2 on the grid

F1(aq, bq, cq, Ie, n, re, xc, yc, ax, ay, T ) (12)

=
N1−1∑
i=0

N2−1∑
j=0

1
σ2

ij

(
N1−1∑
m=0

N2−1∑
n=0

{
ti−m,j−n

×
(

4∑
q=1

aqδm−bq ,n−cq + gmdl
mn

)}
− uij

)2

.

Here and below, we use the notation for the grid
functions fij = f(xi, yj); the grid width is equal to
one pixel, and the trapezoid method was used to cal-
culate the integrals. The minimization sequence was
constructed using the method of Powell [24].

Next, the image of the Einstein Cross was re-
constructed from the summed frame using the regu-
larization algorithm, assuming that the required so-
lution was described by the model (8). We applied
the assumption that the brightness distribution of
the galaxy was close to the model distribution (10)
through the stabilizer, which had the form (9). The
coordinates of the quasar components (bq, cq) ob-
tained in the previous step were fixed. The resulting
model brightness distribution for the galaxy was used
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to calculate the stabilizer and as an initial approxima-
tion in the minimization of the smoothing functional:

Mα(aq, g) (13)

=
N1−1∑
i=0

N2−1∑
j=0

1
σ2

ij

(
N1−1∑
m=0

N2−1∑
n=0

{
ti−m,j−n

×
(

4∑
q=1

aqδm−bq ,n−cq + gmn

)}
− uij

)2

+ αΩ[g].

The conjugate-gradient method was used to con-
struct the minimizing sequence [24].

The main result of this stage in the reduction,
along with the relative astrometric and photometric
parameters of the components of the Einstein Cross,
is a numerical brightness distribution for the galaxy,
which can be further used when processing the in-
dividual frames. Brightness contours for the central
region of the lensing galaxy are presented in Fig. 1a.
Profiles of a generalized de Vaucouleurs model (Ser-
sic model) and the brightness distribution obtained
using the regularization algorithm are presented in
Fig. 1b. The intensities are normalized to unity at the
maximum.

The mean values of the galaxy parameters ob-
tained by the CASTLES group in the H filter, by the
GLITP group, and in the first step of our two-stage
reconstruction algorithm for data in the R filter are
presented in Table 1.

The second stage. The numerical model for the
galaxy obtained by reconstructing the summed frame
was used to process the entire series of observations
of the object. The brightness distribution of the galaxy
was described using the relation

G(x, y) = λ1g
num(x, y) + λ2, (14)
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Table 4. Photometry of QSO 2237+0305 using the two-stage reconstruction algorithm

Date Seeing A B C D

09.28.2002 0.8′′ −0.524± 0.010 1.309 ± 0.020 0.913 ± 0.010 0.930 ± 0.018

09.29.2002 0.9 −0.527± 0.042 1.181 ± 0.044 0.721 ± 0.037 1.075 ± 0.063

10.04.2002 0.8 −0.521± 0.005 1.193 ± 0.101 0.835 ± 0.027 0.887 ± 0.031

10.05.2002 0.7 −0.526± 0.018 1.199 ± 0.092 0.828 ± 0.015 0.878 ± 0.098

10.07.2002 0.8 −0.521± 0.076 1.130 ± 0.177 0.843 ± 0.217 0.868 ± 0.055

10.08.2002 0.9 −0.519± 0.025 1.190 ± 0.021 0.836 ± 0.049 0.883 ± 0.051

10.09.2002 0.8 −0.522± 0.035 1.184 ± 0.076 0.857 ± 0.096 0.877 ± 0.038

10.10.2002 0.8 −0.567± 0.007 1.194 ± 0.020 0.821 ± 0.034 0.873 ± 0.020

Table 5. Photometry of QSO 2237+0305 using the CLEAN method

Date Seeing A B C D

09.28.2002 0.8′′ −0.516± 0.006 1.255 ± 0.047 0.817 ± 0.094 1.038 ± 0.074

10.04.2002 0.8 −0.520± 0.040 1.245 ± 0.037 0.822 ± 0.064 1.012 ± 0.078

10.09.2002 0.8 −0.561± 0.035 1.192 ± 0.076 0.682 ± 0.038 0.832 ± 0.075

10.10.2002 0.8 −0.562± 0.023 1.168 ± 0.057 0.672 ± 0.122 1.003 ± 0.121
where λ1 specifies the intensity of the galaxy in each
frame, and λ2 is a constant background intensity.
Since the galaxy is described here using only two
independent parameters, the number of variables is
reduced considerably. At this stage, we again solved
the finite-parameter inverse problem using the least-
squares method. The model parameters were ob-
tained by minimizing the χ2 functional

F2(aq, bq, cq, λ1, λ2) (15)

=
N1−1∑
i=0

N2−1∑
j=0

1
σ2

ij

(
N1−1∑
m=0

N2−1∑
n=0

{
ti−m,j−n

×
(

4∑
q=1

aqδm−bq ,n−cq + λ1g
num
mn + λ2

)}
− uij

)2

.

5. DISCUSSION OF THE RESULTS
The results of reconstructing the Maı̆danak Ob-

servatory Einstein-Cross images are presented in
Fig. 2. The size of the cutoff part of the frame is
32 × 32 pixels. The scale of the image was doubled
by subdividing the pixel grid and interpolating the
brightness distribution to intermediate points. The
functional space used to search for the brightness
distribution of the galaxy was G = L2.
QSO 2237+0305 has a complex spatial structure,
with the angular distance between components being
about 1′′, which is comparable to the half-width of
the point spread function. Therefore, the wings of the
brightness distributions of the quasar components
overlap, even in very good observing conditions. In
addition, large problems with the photometry were
caused by the lensing galaxy, which possesses a very
bright nucleus.

The proposed algorithm demonstrated its stability
in the determination of the astrometric characteristics
of the Einstein-Cross components. The results of
astrometry of the object relative to component A ac-
cording to the Maı̆danak observations are presented
in Fig. 3. The positions of the quasar components ob-
tained using the two-stage reconstruction algorithm
are marked by diamonds, while the crosses denote the
results obtained using the CLEAN algorithm, and the
squares represent data obtained by the Hubble Space
Telescope [25] (the coordinates of [25] are presented
in Table 2). The coordinates of the components ob-
tained for the 2002Maı̆danak Observatory data using
CLEAN and the two-stage reconstruction algorithm
are presented in Table 3.

The small angular separation between the compo-
nents, comparable to the half-width of the PSF, and
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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their proximity to the nucleus of the lensing galaxy
complicate determination of the photometric charac-
teristics of QSO 2237+0305. Photometry of the Ein-
stein Cross carried out using the CLEANmethod and
our two-stage reconstruction algorithm is presented
in Fig. 4, and the corresponding numerical values are
given in Table 4. We defined the photometric error
to be the rms deviation of the results for individual
frames taken during a single night. The photometric
calibration was carried out using the α star in the
field, which was present in all frames. The flux of this
star was used to estimate the fluxes from the compact
sources. The photometric data for frames with the
best quality obtained using the CLEAN method and
our algorithm are presented in Table 5. The differ-
ence in the resulting magnitudes may be associated
with the models used for the galaxy profile, since this
affects the reference point for the fluxes but not the
general behavior of the curves.

The results of the reconstruction using the wide-
spread CLEAN method and our two-stage algorithm
show that CLEAN is not effective when the seeing is
worse than 0.8′′, while the two-stage reconstruction
algorithm can process even the low quality frames.

6. CONCLUSIONS

The results of reconstructing the images of the
Einstein Cross gravitational-lens system presented
in Fig. 2 demonstrate clearly that our two-stage al-
gorithm (which is a combination of a modified reg-
ularization algorithm and the least-squares method)
can be successfully applied to the reduction of com-
plex images, such as close quadrupole gravitational
lenses. The method makes it possible to separate the
image into two components: a set of point sources
(quasar components) and an extended object (the
galaxy). The successful reconstruction of complex
images containing both smooth and singular (point-
source) parts requires using all available a priori
information about the object. The more a priori in-
formation that is formalized and incorporated into
the algorithm, the more reliable and adequate are the
results of reconstructing the images. Parametrizing
the brightness distribution of the galaxy based on a
numerical model constructed in the first stage enables
us to substantially reduce the time required to process
each individual frame, and therefore to simplify the
treatment of large volumes of observational material.
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Original Russian Text Copyright c© 2004 by Val’tts, Lyubchenko.
A Statistical Analysis of Methanol Maser Groups

I. E. Val’tts and S. Yu. Lyubchenko
Astro Space Center, Lebedev Physical Institute, Russian Academy of Sciences,

Profsoyuznaya ul. 84/32, Moscow, 117997 Russia
Received January 15, 2004; in final form, March 15, 2004

Abstract—An analysis of the flux densities of the 51–60A
+ (6.7 GHz) and 20–3−1E (12.2 GHz) class II

methanol maser lines in a large and homogeneous sample of maser sources has been carried out. For
convenience, the maser lines were divided into three groups: group I contains spectral features for the
lines most prominent in the 51–60A

+ (6.7 GHz) transition, group II contains spectral features for the
lines strongest in the 20–3−1E (12.2 GHz) transition, group III contains spectral features for which the
velocities of the emission maxima of the two lines coincide. The same dependence was found for group II
and group III: logS6.7 = (0.79 ± 0.05) × logS12.2 + (0.79 ± 0.05). The spectral features in group I do not
obey this relation, and deviations from a linear dependence are considerably greater. It is suggested that
methanol class II masers be divided into a subclass IIa, which has special conditions favoring 6.7 GHz
masers, and a subclass IIb, which is comprised of the 12.2 GHz masers and those 6.7 GHz masers that
necessarily accompany them under the same conditions. c© 2004 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

We have analyzed the parameters of the 51–60A
+

(6.7 GHz) and 20–3−1E (12.2 GHz) spectral lines
(class II methanol maser lines) given by Caswell
et al. [1], who present data for 131 sources. The LSR
velocities of the emission maxima in the 20–3−1E
(12.2 GHz) and 51–60A

+ (6.7 GHz) lines do not
coincide in the spectra of 67 sources, and Caswell
et al. [1] give parameters for two distinct spectral
features in these lines. The LSR velocities of the
maxima in the 20 − 3−1E (12.2 GHz) and 51–60A

+

(6.7 GHz) lines coincide in the spectra of the other 64
sources, and parameters are given for a single spectral
feature at each of the two frequencies. In other words,
Caswell et al. [1] noted a lack of coincidence between
the emission maxima in the 20–3−1E (12.2 GHz)
and 51–60A

+ (6.7 GHz) lines in approximately half
the investigated sources. This fact was also noted by
Caswell et al. [2].

Our first attempts to analyze these lines were
made in [3, 4]. In the current paper, we present a
new approach—the identification of methanol maser
groups—to understand why the maxima of these lines
are sometimes not coincident.

2. ANALYSIS

We classified the spectral features observed by
Caswell et al. [1] into three groups. Groups I and
II contain lines for sources for which the maximum
intensities of the 20–3−1E (12.2 GHz) and 51–
60A

+ (6.7 GHz) lines do not occur at the same LSR
1063-7729/04/4810-0834$26.00 c©
velocity. The distinction between groups I and II is
that group I contains lines for sources with stronger
emission in the 51–60A

+ (6.7 GHz) transition, while
group II contains lines for sources with stronger
emission in the 20–3−1E (12.2 GHz) transition.
There are 67 sources in these two groups. The
third group contains the lines for the 64 sources
for which the velocities of the emission maxima of
the two lines coincide. We studied the distributions
and dependences for 129 sources (two sources were
excluded from the third group for reasons discussed
below). Our analysis shows the following.

We first look at the average flux densities in the
51–60A

+ (6.7 GHz) line. The average flux density
for group I features is considerably higher than for
groups II and III, while the average flux densities in
groups II and III are similar. When we consider the
flux density ratios for the 51–60A

+ (6.7 GHz) and
20–3−1E (12.2 GHz) lines, it is clear that the group I
features show significantly higher ratios (see Table 1).

Figures 1a–1c show the distributions of the line
flux densities. These histograms illustrate the dif-
ferences between the distributions of the 51–60A

+

(6.7 GHz) and 20–3−1E (12.2 GHz) maser flux den-
sities in groups I, II and III, which are most sub-
stantial for group I. Figure 1a contains essentially
no spectral features with flux densities below 10 Jy,
while most of the spectral features in Fig. 1b have flux
densities below 10 Jy.

Figures 2a–2c present the distributions of the
line flux density ratios for the three groups. In the
2004 MAIK “Nauka/Interperiodica”
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Table 1. Average flux density in the 51–60A
+ (6.7 GHz) and 20–3−1E (12.2 GHz) lines

Group
Average 6.7 GHz

flux density
S̄6.7 (Jy)

Average 12.2 GHz
flux density
S̄12.2 (Jy)

S̄6.7/S̄12.2

Group I—maximum in the
the 51–60A

+ (6.7 GHz) line
207 25 8.3

Group II—maximum in the
20–3−1E (12.2 GHz) line

118 45 2.6

Group III—maxima in either line 128 36 3.6
first group, the ratios cover a wide range: the flux
densities of the 51–60A

+ (6.7 GHz) and 20–3−1E
(12.2 GHz) lines can be nearly equal or can differ by
as much as four orders of magnitude. In the second
and, especially, the third groups, the flux densities are
roughly equal (the difference is no more than an order
of magnitude).

Figures 3a and 3b (logarithmic scale) show the
relationship between the flux densities of the 51–
60A

+ (6.7 GHz) and 20–3−1E (12.2 GHz) lines for
the first and second groups. The first group is located
above the approximation of the second group, and
the second group is accordingly located below the
approximation for nearly all sources in the first group.

Figure 4a shows the same dependence for the
third group. We did not include two sources in these
distributions: 24.33+0.14, for which S12.2 > S6.7, and
9.62+0.20. The former object is a rare exception
among the group III sources, and the latter is likewise
obviously atypical for this group, since the flux density
in the 51–60A

+ (6.7 GHz) line exceeds that in the
20–3−1E (12.2 GHz) line by a factor of 28, and the
51–60A

+ (6.7 GHz) line itself is very bright, S6.7 =
5090 Jy (this is the brightest known 6.7 GHz maser,
see [1]). Including this line increases the average
6.7 GHz flux density by 62%, while including the
corresponding 20–3−1E (12.2 GHz) line (S12.2 =
128 Jy) increases the average 12.2 GHz flux density
by only 6%.

The parameters of the fit (on a log–log scale),
are given in Table 2. The values of the parameter A
for Fig. 3b and Fig. 4a are very similar, and we can
approximate the data from groups II and III using
the same dependence, log S6.7 = (0.79 ± 0.05) ×
log S12.2 + (0.79 ± 0.05). The spectral features of
group I do not obey this relation.

This suggests that the physical conditions lead-
ing to the excitation of the masers are the same in
groups II and III. Figure 4b presents a combination
of the sources in the second and third groups. The
parameters of the fit for these combined data are also
ASTRONOMY REPORTS Vol. 48 No. 10 2004
given in Table 2, and it is clear that this is consistent
with the individual fits for groups II and III. It is pos-
sible that the third group represents a mix of sources
from groups I and II.

There are some grounds to suspect that 13 sources
from group III (including 9.62+0.20) actually be-
long to group I (the 12 triangles in Fig. 4a above
the approximation for group I), since the flux den-
sity S6.7 for each of these sources is even larger
than would be obtained using the approximation for
group I from Table 2. Similarly, it is possible that 23
sources from group III actually belong to group II
(the 23 open triangles below the approximation for
group II in Fig. 4a). The flux density S6.7 for each of
these sources is even smaller than would be obtained
using the approximation for group II from Table 2.
We cannot identify the groups for the remaining 27
sources of the 64 in group III because they are con-
sistent with both fits.

Caswell et al. [5] also present 6.7 GHz data for
107 sources, but with upper limits for the flux density
of the 12.2 GHz line, which we can add to our sam-
ple. These 107 sources include some weak 6.7 GHz
masers. If a 6.7 GHz maser is weak, the source
could be either intrinsically weak or very distant. If
the maser is very distant, but the upper limit for the
12.2 GHz flux density is physically real, the source
could belong to group I, however we cannot be certain
about this.

We used our fit for group I from Table 2 to find
the minimum value for the 6.7 GHz flux density that
corresponds to the limit of 0.4 Jy at 12.2 GHz from
[5], which turns out to be 30 Jy. This indicates that 17
sources of the 107 may belong to group I.

We added 13 sources from group III and 17
sources from [5] to the distribution in Fig. 1a and 23
sources from group III to the distribution in Fig. 1b.
The overall distributions are preserved but become
better defined (Fig. 5).

The distributions in Figs. 1 and 5 indicate that the
groups of maser features differ in both the coincidence
or noncoincidence of the flux density maxima and
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Fig. 1. Distribution of the 6.7 GHz (a, c, e) and 12.2 GHz (b, d, f) maser flux densities for the various samples identified (the
upper panel shows the 6.7 GHz and lower panel the 12.2 GHz data). (a, b) Group I, with the maximum flux density in the
51–60A

+ (6.7 GHz) line; (c, d) group II, with the maximum flux density in the 20–3−1E (12.2 GHz) line; (e, f) group III, with
maximum flux density in either line and coincident LSR velocities for both lines.
their line flux density ratios. We suggest that the
difference in the ratios of the flux densities of the 51–
60A

+ (6.7 GHz) and 20–3−1E (12.2 GHz) lines is
more important than the coincidence or noncoinci-
dence of the flux density maxima.

We believe that the differences in these line flux
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Fig. 2. Distribution of the ratio of the 51–60A
+

(6.7 GHz) and 20–3−1E (12.2 GHz) line flux densities
(a) in the first, (b) second, and (c) third groups.
density ratios are associated with the physical proper-
ties in the sources, and suggest that class II methanol
maser condensations be divided into two subclasses:
subclass IIa, with brighter 51–60A

+ (6.7 GHz) lines,
and subclass IIb, with weaker 51–60A

+ (6.7 GHz)
lines. In other words, subclass IIa has special con-
ditions favoring 6.7 GHz masers. Subclass IIb ac-
counts for the 12.2 GHz masers and those 6.7 GHz
masers that necessarily accompany them under the
same conditions.

3. DISCUSSION

The existence of two subclasses of class II metha-
nol masers can be explained as follows. We note first
the following.

(1) Interferometric observations show that the
maser condensations in which the 51–60A

+

(6.7 GHz) and 20 − 3−1E (12.2 GHz) lines are
formed coincide spatially (see, for example, [6–8]).

(2) Theoretical models for the excitation of metha-
nol masers [9–11] require different pumping mech-
anism for class I and class II methanol masers. We
assume that the pumping source is external and is
the same for all class II maser condensations within
an astrophysical object.

(3) The 51–60A
+ (6.7 GHz) line is usually brighter

than the 20–3−1E (12.2 GHz) line, due to its lower
frequency and oscillator strength (see [11]).

Let us consider a maser condensation in a molec-
ular cloud in which the 51–60A

+ (6.7 GHz) and 20–
3−1E (12.2 GHz) lines are formed and the combina-
tions of these lines could be observed in the source
spectrum.
ASTRONOMY REPORTS Vol. 48 No. 10 2004



A STATISTICAL ANALYSIS OF METHANOL MASER GROUPS 837

 

0.1

1

100

1000

10000
Flux density at 6.7 GHz, Jy

I

II

1 10 100 1000 10000
Flux density at 12.2 GHz, Jy

(a) (b)

10.1 10 100 1000 10000

I

II

10

Fig. 3. Dependence between the flux densities of the 51–60A
+ (6.7 GHz) and 20–3−1E (12.2 GHz) lines in the (a) first and

(b) second groups. The solid line is the approximation log y = A log x + B. The thin line in Fig. 3a is from Fig. 3b and vice
verse. The bold circles in Fig. 3a denote sources for which there is an upper limit for the 12.2 GHz flux density from [5].

 

10.1 10 100 1000 10000
Flux density at 12.2 GHz, Jy

10.1 10 100 1000 10000

III + II
I

II

III

(b)(a)

1

10

100

1000

10000
Flux density at 6.7 GHz, Jy

Fig. 4.Dependence between the flux densities of the 51–60A
+ (6.7 GHz) and 20–3−1E (12.2 GHz) lines in the (a) third group

and (b) a mix of the second and third group. The dashed line (I) and thin line (II) are taken from Figs. 3a and 3b, respectively.
We will call the case when the maximum flux
density is in the 51–60A

+ (6.7 GHz) line m6, the
case when the maximum flux density is in the 20–
3−1E (12.2 GHz) line m12, the usual case for the
51–60A

+ (6.7 GHz) line (this line is not the maxi-
mum in the spectrum) u6, and the usual case for the
20–3−1E (12.2 GHz) line u12. We can consider the
following statistical combinations in the source spec-
trum: m6,u12 (group I); u6,m12 (group II); m6,m12
(group III); and u6,u12 (group IV).

Lines from all four groups could, in principle, be
observed in the spectrum. Caswell et al. [1] present
data for the first three combinations of lines, but not
for the combination u6,u12 (group IV).

Statistically, the maxima of the 51–60A
+
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(6.7 GHz) and 20–3−1E (12.2 GHz) lines should
coincide or not coincide with equal probability, and
we should therefore observe 50% of spectra to belong
to group I and 50% to group II. Just this situation
is reflected in Table 1 of [1]: the maxima coincide (64
sources) and do not coincide (67 sources) in roughly
50% of the sources.

If the 51–60A
+ (6.7 GHz) and 20–3−1E

(12.2 GHz) lines are formed in different maser con-
densations, we should not detect any dependence
between the flux densities of these spectral features.
However, we have detected such a dependence. In
this case, it is not a trivial fact that the line flux density
ratio for the first group (m6, u12) differs from that
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Table 2. Approximation parameters log y = A log x+B for the dependences between the flux densities of the 51–60A
+

(6.7 GHz) and 20–3−1E (12.2 GHz) lines

Group A B
Correlation
coefficient, r

Group I—maximum in the 51–60A
+ (6.7 GHz) line (Fig. 3a) 0.44 ± 0.09 1.69 ± 0.02 0.53

Group II—maximum in the 20–3−1E (12.2 GHz) line (Fig. 3b) 0.84 ± 0.07 0.60 ± 0.06 0.82

Group III—maxima in either line (Fig. 4a) 0.72 ± 0.07 0.97 ± 0.06 0.79

Mix of groups II and III (Fig. 4b) 0.79 ± 0.05 0.79 ± 0.05 0.79
for the second group (u6, m12). It seems that the
flux densities of the 51–60A

+ (6.7 GHz) lines for the
first group are too large, suggesting that some factor
operates to provide additional amplification of the 51–
60A

+ (6.7 GHz) line.

4. SUMMARY

(1) Masers with their maximum flux densities in
the 51–60A

+ (6.7 GHz; m6, u12—group I) and in
the 20–3−1E (12.2 GHz; u6, m12—group II) lines
display different ratios of the flux densities in the
6.7 GHz and 12.2 GHz maser lines.

(2) Group III (m6, m12) contains spectral features
for which the velocities of the emission maxima of
these two lines coincide. In this group, the ratios of
the flux densities in the 51–60A

+ (6.7 GHz) and 20–
3−1E (12.2 GHz) lines are approximately the same as
for group II.

(3) For the mixture of group II and group III rep-
resented by most of the investigated sources, we have
found a single relation between the flux densities of
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the 51–60A
+ (6.7 GHz) and 20–3−1E (12.2 GHz)

lines: (log S6.7 = (0.79 ± 0.05) × log S12.2 + (0.79 ±
0.05)). This relation is very similar for group II and
group III, and significantly different for group I. The
studied interval of flux densities is higher than the
detection limit, typically 0.3 Jy at 6.7 GHz [1] and
0.5 Jy at 12.2 GHz [5].

(4) We can divide some of the class II methanol
masers into a subclass IIa, which has special condi-
tions favoring 6.7 GHz masers, and a subclass IIb,
which is comprised of the 12.2 GHz masers and those
6.7 GHz masers that necessarily accompany them
under the same conditions.

The existence of two such subclasses can be tested
by

—making an additional analysis of the data of
Caswell et al. [1] to search for the fourth group of
features;

—carrying out additional calculations of the me-
thanol level populations and modeling the pumping
conditions in view of observable effects;

—carrying out additional observations of class II
methanol masers in the Northern hemisphere with
high spectral resolution to increase the statistical re-
liability of the results;

—extending the analysis to weaker spectral fea-
tures;

—making further interferometric observations to
obtain more accurate flux densities for the individual
maser spots;

—studying and taking into account the variability
of the sources.

Spectral blending and variability could change
the observed flux densities. Higher spatial resolution
would make it possible to better separate the contri-
butions of various maser spots. Variability is rarely
high for 6.7 GHz masers [5], no more than 10% on
a time scale of three months. It is slightly higher for
12.2 GHz masers [1, 5, 12, 13]. Because this vari-
ability is superposed with calibration uncertainties in
the observations, we can only determine the scatter of
the data points, but cannot derive corrections for the
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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variability. It is very important for our study that there
be no velocity changes. Caswell et al. [5] have seen
only changes of line profiles, as would be expected
when two blended features vary by different amounts.
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Abstract—We monitored five active galactic nuclei in the R optical band with a CCD mounted on the
1-m Zeiss-1000 telescope of the Special Astrophysical Observatory from April 2001 to August 2003.
Three sources displayed intraday variability on several nights. Stronger variability was detected on time
scales from two days to a week. The two-year light curves are presented for four of the observed objects.
c© 2004 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

Since the discovery of rapid variability of active
galactic nuclei (primarily blazars) on time scales of
a day, or even shorter [1, 2], the number of such
objects has been steadily increasing with the amount
of observational data. Such variability has been ob-
served both from satellites and the ground, often syn-
chronously at different wavelengths. In particular, nu-
merous observations were made in 1990–1996 [2–
4]; however, due to technical problems, insufficient
weather conditions, and the faintness of the objects,
no unified pattern for their behavior has emerged. Few
observations have been made at optical wavelengths,
although the comparison between optical and radio
observations can indicate whether the variability is
inherent to the objects or has an external origin, such
as scintillation in the interstellar plasma.
To fill this gap, we carried out photometric ob-

servations of blazars previously noted for their rapid
radio variability over two and a half years on the 1-m
Zeiss telescope of the Special Astrophysical Obser-
vatory (SAO) of the Russian Academy of Sciences.
We present here our results for five objects. Table 1
presents their coordinates and redshifts and Table 2
presents our main results.

2. OBSERVATIONS AND DATA
PROCESSING

Our observations were carried out with an au-
tomated UBVRI photometer at the Cassegrain fo-
cus of the Zeiss-1000 telescope of the SAO [5], us-
ing liquid-nitrogen-cooled CCD systems that were
1063-7729/04/4810-0840$26.00 c©
designed and constructed at the SAO, based on a
low-noise 520 × 580 CCD array (in 2000 and 2001)
and a 2048 × 2048 EEV 42-40 array (beginning in
February 2002). The image scale for the 520 × 580
detector was 0.28 × 0.37′′/pixel, and the field of view
was 2.5′ × 3.5′. The introduction of the thin, large
EEV 42-40 detector with inverse illumination re-
duced the readout noise of the system from 12 to
3.5 electrons, enhanced its sensitivity by a factor of
two to three (the quantum efficiencies of the CCD
and EEV detectors at peak sensitivity at wavelengths
near 550 nm were 45% and 90%, respectively), and
increased the field of view to 7′ × 7′. The upgraded
parameters of the detector, together with its high
quantum sensitivity and low readout noise, enabled
us to obtain reliable photometric measurements of
19–20m objects with 5–10 min exposures. The read-
out time for a total frame was 90 s; summing pixel-
by-pixel, which yields an image scale of 0.43′′/pixel,
reduced this time to less than 20 s. We reduced the
photometric data using software developed at the
SAO by Vlasyuk [6]. The observations were carried
out in the R filter. The exposure time varied from 30
to 300 s, depending on the object’s brightness, the
weather conditions, and the required time resolution.
The FWHM seeing varied from 0.9′′ to 3.5′′ from
night to night, and was 2′′ on average.
The same standard procedure for processing the

frames was used for both CCD systems. We sub-
tracted an average corresponding dark frame from
each frame, regardless of the level of the detected ra-
diation. For the CCD detectors cooled to 120–130 K,
the dark current did not exceed two to three electrons
2004 MAIK “Nauka/Interperiodica”
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Table 1. List of observed objects

Source Name
Coordinates (J2000)

z

α β

[HB89] 0235+164 02h 38m 38.9s +16◦ 36′ 59′′ 0.940

TXS 0917+624 09 21 36.2 +62 15 52 1.446

[HB89] 0954+658 09 58 47.2 +65 33 55 0.368

[HB89] 1308+326 13 10 28.6 +32 20 44 0.99

J 1819+3845 18 19 26.6 +38 45 02 0.54
for an individual exposure with a sky-background
level of 50–100 electrons. We corrected for small-
scale inhomogeneities in the detector’s sensitivity and
field vignetting using reference images of the evening
and morning twilight sky.
The procedure used to estimate the brightnesses of

the target and reference sources, which is described
in detail in [6], is essentially a modified method for
integrating the signals in annular apertures, rejecting
readings that exceed a specified statistical level. We
carried out photometric calibration for each target
object using field objects. Further, the field-object
brightnesses were used to determine the brightnesses
of the targets during numerous measurements under
varying weather conditions.

3. RESULTS

Table 2 presents the results of our observations.
The columns contain (1) the name of the object,
(2)–(3) the date and Julian date of the observations,
(4) the number of observations per night, (5)–(6)
the maximum and minimum R magnitude on each
night, and (7) the rms error of the measurements.
Figures 1–8 present R light curves for individual
nights. The dashed lines indicate the rms errors
(+/−) relative to the average amplitude.

3.1. The Blazar 0235+164

[HB89] 0235+164 is one of the brightest BL Lac
objects displaying pronounced and sometimes rapid
variability at various wavelengths [7]. It is a compact
superluminal source [8]. Both intraday radio variabil-
ity [4, 9, 10] and substantial high-energy variabil-
ity [11] have been observed. The source has been
observed fairly frequently in the optical. The object’s
ASTRONOMY REPORTS Vol. 48 No. 10 2004
light curve from 1974 to 2000 displays chaotic varia-
tions, with the brightness ranging from 15m to 21m

over about 200 days [12]. Several rapid radio flares
were detected during this period (lasting from half an
hour to several hours). Three especially dramatic sets
of brightness variations were observed.
(1) On January 17, 1999 (JD 2451196), bright-

ness variations by 0.6m (from 8.0m to 18.6m in sev-
eral hours) were detected [12] during a decline of the
overall light curve in a weak phase [13].
(2) For six nights (JD 2451485–2451490),

0.4m−0.6m flares were observed during a decline of
the overall light curve between a brightness maxi-
mum and minimum [8].
(3) On December 5, 1994 (JD 2449692), a flare

with an amplitude of 0.4m occurring within a single
night was detected during a decline of the overall light
curve in a weak phase [13].
Our observations were carried out fromSeptember

2001 to March 2003. Figures 1a–1e present light
curves covering several hours over five nights. We can
see that the behavior of the blazar varies from night to
night; variability over two to three hours is observed.
The most pronounced variability was detected on
October 11–12, 2001 (a change by 0.4m within three
hours; Fig. 1a), October 13–14, 2001 (a change by
0.4m in one hour; Fig. 1b), October 14–15, 2001
(variations by up to 0.4m over three hours; Fig. 1c),
December 12–13, 2001, and November 27–28, 2002
(variations by up to 0.3m−0.4m over three hours
(Figs. 1d, 1e).
Larger variations were observed on longer time

scales from a day to a week. We detected seven
intervals of such variability (Table 2, Figs. 2a–2f),
with decreasing-brightness trends clearly seen with-
in these intervals. The amplitude of the variations
reaches 0.6m (Figs. 2b, 2d, 2e). Figure 3 presents
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Table 2. Results of the optical monitoring (N is the number of observations per night); with all dates in the form day
interval. mm. yy.

Object Date JD N Rmax Rmin σ

[HB89] 0235+16 15/16.09.01 52169 8 18.52 18.60 0.05

16/17.09.01 52170 17 18.56 18.82 0.04

17/18.09.01 52171 11 18.69 18.83 0.04

11/12.10.01 52195 15 17.80 18.18 0.04

13/14.10.01 52197 9 17.81 18.13 0.04

14/15.10.01 52198 18 18.18 18.45 0.05

12/13.11.01 52227 17 17.33 17.46 0.02

12/13.12.01 52257 23 17.38 17.72 0.03

12/13.01.02 52288 7 17.12 17.20 0.03

15/16.01.02 52291 23 17.17 17.32 0.04

17/18.01.02 52293 20 17.23 17.55 0.05

08/09.02.02 52314 7 16.22 16.39 0.03

10/11.02.02 52316 8 16.65 16.75 0.02

18/19.03.02 52352 4 16.69 16.76 0.05

31.08/01.09.02 52518 9 17.69 18.01 0.07

11/12.09.0 52529 9 17.94 18.41 0.01

25/26.11.02 52604 10 16.81 16.90 0.02

26/27.11.02 52605 3 16.87 17.08 0.04

27/28.11.02 52606 24 16.09 16.35 0.02

30.11/1.12.02 52609 13 16.60 16.67 0.02

1/2.12.02 52610 30 16.35 16.75 0.02

3/4.12.02 52612 4 16.57 16.65 0.02

4/5.12.02 52613 4 16.43 16.48 0.02

5/6.12.02 52614 3 16.64 16.67 0.02

6/7.12.02 52615 6 17.07 17.14 0.01

5/6.01.03 52645 4 17.94 18.20 0.02

28.02/1.03.03 52699 3 16.94 16.96 0.01

4/5.03.03 52703 3 17.15 17.49 0.03

6/7.03.03 52705 3 17.25 17.27 0.02

[HB89] 0954+658 27/28.04.01 52028 19 16.46 16.70 0.02

19/20.05.01 52050 8 16.54 16.67 0.02

25/26.05.01 52056 23 16.80 16.96 0.02

15/16.01.02 52291 15 16.22 16.35 0.02

17/18.01.02 52293 36 15.81 16.06 0.02

07/08.02.02 52313 32 15.86 16.02 0.02

08/09.02.02 52314 25 15.91 16.01 0.01

10/11.02.02 52316 5 15.84 15.94 0.01
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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Table 2. (Contd.)

Object Date JD N Rmax Rmin σ

17/18.03.02 52351 53 15.16 15.48 0.01

18/19.03.02 52352 100 15.41 15.65 0.02

12/13.04.02 52377 3 16.63 16.81 0.06

09/10.05.02 52404 5 16.97 17.08 0.01

10/11.05.02 52405 3 16.92 16.94 0.01

13/14.05.02 52408 3 16.86 16.95 0.01

04/05.06.02 52430 3 16.14 16.20 0.06

09/10.06.02 52435 3 16.04 16.06 0.01

10/11.06.02 52436 3 16.01 16.06 0.02

11/12/06.02 52437 2 16.20 16.20 0.03

01/02.07.02 52457 3 16.21 16.25 0.02

02/03.07.02 52458 3 16.32 16.36 0.02

03/04.07.02 52459 3 16.43 16.53 0.03

05/06.07.02 52461 3 16.47 16.55 0.02

07/08.07.02 52463 3 16.57 16.58 0.02

09/10.07.02 52465 3 16.64 16.70 0.02

10/11.07.02 52466 3 16.42 16.52 0.02

11/12.07.02 52467 3 16.34 16.41 0.01

12/13.07.02 52468 2 16.29 16.50 0.01

13/14.07.02 52469 3 16.41 16.44 0.02

29/30.07.02 52485 3 15.94 16.03 0.02

30/31.07.02 52486 3 16.03 16.04 0.01

08/09.08.02 52495 3 16.35 16.41 0.02

30/31.08.02 52517 3 16.18 16.22 0.02

10/11.09.02 52528 3 16.48 16.57 0.01

27/28.11.02 52606 6 16.46 16.49 0.01

02/03.12.02 52611 5 16.14 16.17 0.01

07/08.02.03 52678 2 15.93 16.11 0.03

08/09.02.03 52679 3 15.81 15.91 0.05

28.02/01.03.03 52699 2 16.08 16.10 0.01

02/03.03.03 52701 4 15.70 15.80 0.03

03/04.03.03 52702 50 15.88 16.24 0.04

04/05.03.03 52703 3 15.95 16.03 0.01

06/07.03.03 52705 49 15.43 15.67 0.02

TXS 0917+624 28/29.04.01 52028 11 21.50 21.79 0.09

07/08.02.02 52313 3 21.13 21.38 0.09

08/09.02.02 52314 5 21.41 21.69 0.10
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Table 2. (Contd.)

Object Date JD N Rmax Rmin σ

10/11.02.02 52316 6 21.06 21.49 0.09

17/18.03.02 52351 3 21.25 21.47 0.10

09/10.05.02 52404 3 21.22 21.33 0.08

10/11.05.02 52405 3 21.13 21.14 0.10

13/14.05.02 52408 3 21.08 21.17 0.10

09/10.06.02 52435 3 21.09 21.40 0.10

01/02.07.02 52457 3 20.98 21.32 0.10

09/10.07.02 52465 3 21.04 21.16 0.11

11/12.07.02 52467 3 20.86 21.08 0.10

31.07/01.08.02 52487 4 20.87 21.67 0.09

02/03.12.02 52611 4 20.79 21.01 0.07

08/09.02.03 52679 3 21.08 21.17 0.09

28.02/01.03.03 52699 2 20.99 21.13 0.03

06/07.03.03 52705 3 21.04 21.13 0.04

01/02.04.03 52731 3 21.25 21.49 0.05

23/24.04.03 52753 3 20.97 21.03 0.03

04/05.05.03 52764 3 20.90 21.01 0.03

22/23.05.03 52782 2 20.89 20.98 0.03

[HB89] 1308+326 21/22.06.01 52082 13 17.13 17.33 0.03

23/24.06.01 52084 10 17.09 17.30 0.02

29/30.06.01 52090 10 17.09 17.34 0.02

30.06/1.07.01 52091 13 16.91 17.35 0.03

12/13/01/02 52288 5 15.63 15.74 0.06

08/09.02.02 52314 5 16.09 16.23 0.03

10/11.02.02 52316 5 16.10 16.17 0.02

17/18.03.02 52351 3 16.06 16.08 0.02

12/13.04.02 52377 3 16.48 16.49 0.01

10/11.05.02 52405 19 15.97 16.09 0.02

13/14.05.02 52408 3 15.81 15.86 0.02

09/10.06.02 52435 3 15.67 15.88 0.03

10/11.06.02 52436 71 15.72 15.97 0.05

05/06/07.02 52461 3 15.68 15.79 0.05

07/08.07.02 52463 3 15.66 15.70 0.03

09/10.07.02 52465 3 15.80 15.81 0.03

10/11.07.02 52466 4 15.79 15.89 0.02

31.07/01.08.02 52487 4 15.86 15.93 0.02

08/09.12.02 52700 3 15.11 15.12 0.01
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Table 2. (Contd.)

Object Date JD N Rmax Rmin σ

28/29.03.03 52727 3 15.21 15.27 0.02

28/29.04.03 52758 2 16.20 16.20 0.01

29/30.04.03 52759 3 16.11 16.16 0.01

02/03.05.03 52762 3 15.92 16.03 0.01

23/24.05.03 52783 2 16.46 16.51 0.01

24/25.05.03 52784 4 16.47 16.53 0.01

25/26.05.03 52785 15 16.36 16.43 0.01

24/25.06.03 52815 3 16.01 16.07 0.01

01/02.08.03 52853 3 16.25 16.30 0.02

MG3 J181925+3844 08/09.08.00 51764 1 20.37 20.37 0.30

22/23.08.00 51778 2 19.52 19.86 0.16

25/26.05.01 52055 2 19.79 19.84 0.10

20/21.06.01 52081 3 19.71 19.73 0.10

23/24.06.01 52084 2 20.03 20.10 0.10

11/12.08.01 52133 1 20.26 0.15

17/18.08.01 52139 1 19.98 0.10

16/17.09.01 52169 1 20.19 0.15

17/18.09.01 52170 2 20.14 20.22 0.15

11/12.10.01 52194 3 19.85 20.13 0.13

10/11.02.02 52316 3 19.98 20.01 0.12

17/18.03.02 52351 3 19.86 20.39 0.13

12/13.04.02 52377 2 20.18 20.22 0.10

10/11.05.02 52405 1 20.18 0.13

13/14.05.02 52408 3 19.96 20.28 0.12

03/04.06.02 52429 2 19.77 19.90 0.09

10/11.06.02 52436 1 19.57 0.13

02/03.07.02 52458 2 19.83 19.93 0.10

05/06.07.02 52461 2 20.08 20.20 0.12

07/08.07.02 52463 2 19.91 20.01 0.09

09/10.07.02 52465 2 19.96 19.98 0.10

10/11.07.02 52466 2 19.86 19.94 0.10

30/31.07.02 52486 2 19.72 19.93 0.12

30/31.08.02 52517 2 19.85 19.92 0.12

31.08/01.09.02 52518 6 19.77 19.93 0.10

10/11.09.02 52528 3 20.03 20.11 0.06

27/28.11.02 52606 1 20.10 0.17

02/03.12.02 52611 2 19.97 19.99 0.11

03/04.12.02 52612 3 19.79 19.83 0.20

04/05.12.02 52613 1 19.04 0.30

05/06.12.02 52614 1 19.88 0.12
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Fig. 1. R light curves of the blazar [HB89] 0235+164 for characteristic time intervals of two to six hours. The horizontal axis
plots the time in hours, and the vertical axis plots the difference between the magnitudes of the target and a reference star. The
headers above the panels give the name of the object, the filter used, and the date of the observations.
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Fig. 2. R light curves of [HB89] 0235+164 over three to seven day intervals. The horizontal axis plots the time in days. The
crosses denote the mean magnitudes for each night, and the dashed lines show the rms errors relative to the mean magnitude
for the entire interval. The header notation is the same as in Fig. 1.
the overall light curve from September 2001 toMarch
2003. During the first 200 days, the object increased
in brightness from 18.5m to 16m; during the last
300 days, sharp brightness variations by more than
1.5m over 10–40 days are visible. We attempted to
ASTRONOMY REPORTS Vol. 48 No. 10 2004
find a correlation between the amplitudes of short-
time-scale flares and the long-time-scale brightness
variations (over about a year). However, it is clear that
the available data, both those published earlier and
our new data, do not indicate any kind of correlation:
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The header notation is the same as in Fig. 1.

flare activity is manifest in phases of both declining
and increasing brightness.

The Blazar 0954+658

The BL Lac object [HB89] 0954+658 has a radio
core and a superluminal jet. Strong gamma radiation
has been detected [14]. It is one of the brightest
blazars at optical wavelengths, and has been ob-
served in numerous studies aimed primarily at de-
tecting intraday variability in the R band [3, 15, 16].
Rapid radio variability was detected in 1987 [17].
The synchronous optical and radio observations of
Wagner et al. [3, 16] revealed rapid, correlated vari-
ability in both wavelength bands. Satellite obser-
vations of the object have been carried out in the
IR, X-ray, and gamma-ray bands, but no apparent
variability has been detected [13]. The longest light
curve is presented by Raiteri et al. [14], and in-
cludes optical (BV RI) and radio (4.8, 14.5, 22, and
37 GHz) data from November 1994 to May 1998,
JD 2449600–2451000. The optical brightness varies
by as much as 2m within 50–100 days.
Optical intraday variations have been observed by

several different groups [10, 14, 16]; the amplitude of
these variations can reach 0.1m−0.2m within several
hours. Our R observations were carried out from
April 2001 to March 2003, when the object was in
a phase of increasing brightness. Intraday variations
by 0.2m−0.3m within two to three hours were de-
tected on several occasions. Figures 4a–4c present
the behavior displayed by the variations over time
intervals of between half an hour and four hours. The
largest variations occurred on April 27–28, 2001 and
March 6–7, 2003. Substantial variability on longer
time scales from a day to a week (Figs. 5a–5f) was
observed on May 19–26, 2001, when the bright-
ness decreased by 0.25m for a day (Fig. 5a), January
15–18, 2002, when the object became brighter by
more than 0.3m (Fig. 5b) for a day, and February 28–
March 6, 2003, when the amplitude of the brightness
variations reached 0.6m (Fig. 5f). Figure 6 presents
the overall light curve from April 2001 to April 2003.
The brightness variations in this interval reached 2m.
Unfortunately, we did not have enough data to estab-
lish whether there is any relation between the ampli-
tude of the flares and their position in the overall light
curve.

TXS 0917+624

TXS 0917+624 is a quasar with a redshift of
1.446. In 1987, Heeschen et al. [2] detected varia-
tions by up to 4% at 11 cm over two to four days.
The synchronous polarization observations at five
wavelengths from 2 to 20 cm of Qian et al. [18] re-
vealed rapid variations on time scales of 0.3–1.3 days.
The analysis of Rickett [19] suggested that these
rapid variations could be explained by interstel-
lar scintillation. VLBI images at 2.3 to 22 GHz
show a compact core and a jet extending toward
the northwest [20]. Synchronous optical and radio
observations did not show any variability within
a few percent. The quasar has been detected in
X-rays [20]. It is likely that the rapid radio variations
of TXS 0917+624 are due to its extremely small
angular size, which gives rise to scintillations of the
radio flux due to the interstellar medium [21, 22].
No systematic optical observations of the object have
been published.
We observed 0917+624 in theR filter on individual

nights from April 2001 toMay 2003, with three to ten
exposures per night separated by 10-min intervals.
The brightness variations reached 0.3m; however,
due to the object’s faintness, the errors were fairly
large and no intraday variability on short timescales
was detected. The variations were also small on
longer timescales from days to a week (Table 2).
Figure 7 presents the overall R light curve over
the two years from April 2001 to May 2003. The
brightness variations did not exceed 0.5m during this
time interval.

[HB89] 1308+326

[HB89] 1308+326 is classified as a BL Lac object
due to its nearly featureless optical spectrum, appre-
ciable optical variability, and strong polarization [23,
24]; it also displays variable emission lines [25].
No variability was detected in simultaneous X-ray,
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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Fig. 4.R light curves of the blazar [HB89] 0954+658 for individual nights. The horizontal axis plots the time in hours, and the
vertical axis plots the difference between the magnitudes of the target and a reference star. The header notation is the same as
in Fig. 1.
optical (V ), and radio observations in June 1996.
Long-time-scale radio variability has been observed
in a number of studies: for example, Tornikoski et al.
[26] present light curves at 90 and 37 GHz from
1980 to 1994. Long-time-scale variability by up to
2m−4m has been observed over time intervals of
from 200 days to several years [27, 28]. The object
is suspected of being a rapid variable [17]; however,
thus far, no appreciable short-time-scale variability
has been observed at either radio or optical wave-
lengths.

Our monitoring was carried out from June 2001 to
August 2003. The most appreciable rapid variability
(by 0.4m) was detected on June 24–25, 2001 (Ta-
ASTRONOMY REPORTS Vol. 48 No. 10 2004
ble 2). On the other nights, any intraday variability did
not exceed 0.2m. The brightness increased by more
than 1.5m over the entire period of the observations
(Fig. 8).

MG3 J181925+3844

MG3 J181925+3844 is a recently discovered ob-
ject classified as a quasar with a redshift of 0.54.
It is distinguished by its unusually high-amplitude
(up to 300%) rapid (over less than an hour) radio
variability at various frequencies. This variability has
been shown to be due to interstellar scintillations [29].
The quasar is faint (20m−21m), and had not been
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Fig. 5. R light curves of [HB89] 0954+658 over two to seven days. The horizontal axis plots the time in days. The notation is
the same as in Fig. 2, and the header notation is the same as in Fig. 1.
systematically observed at optical wavelengths prior
to our monitoring.

Our observations were carried out from August
22, 2000 to December 6, 2002. The variability ob-
served was within the observational errors (Table 2).
Thus, three of five of our selected targets displayed
rapid variability on time scales of hours or days. The
source brightnesses can vary by several magnitudes
within time intervals of about a year. The data clearly
show that the rapid variability can correspond to
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either an overall increase or decrease of the source
brightness.
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Abstract—A joint analysis of several recent solar type IV radio outbursts with zebra structures and
fiber bursts in their dynamical radio spectra is carried out using all available ground-based and satellite
data (Yohkoh, SOHO, TRACE). Zebra structures and fiber bursts were observed at frequencies from
20 to 6500 MHz. The main relative spectral parameters and degree of circular polarization of the zebra
structures and fiber bursts are nearly the same. The relative width of the zebra structures varies only
slightly with frequency (≈0.003−0.005); the radio emission is radiated in the ordinary mode. New data
on centimeter-wavelength zebra structures and fiber bursts testifies that they are analogous to similar
structures observed at meter wavelengths. A double-plasma-resonance model for the zebra structures
based on the observational dependences for the electron density and magnetic field yields a frequency
dependence for the frequency separation between stripes that does not agree with the observations. Fine
structure was observed together with the rise into the corona of new, hot magnetic loops, in which
instabilities associated with high-frequency and low-frequency plasma waves develop. The frequency range
of the fine structure in the dynamical spectra is probably determined by the extent of these new loops in the
corona. The continuous transition of the fiber bursts into zebra structures and vice versa testifies to a single
origin for these two structures. All the main properties of the stripes in emission and absorption can be
explained if they are associated with interactions between electrostatic plasma waves and whistlers. It is
possible to obtain realistic values for the magnetic-field strength of B ≈ 160 G at a plasma level of about
3 GHz in this model. c© 2004 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

Stripes of emission and absorption in the form of
the more or less regular zebra-pattern structures or
of fiber bursts with an intermediate frequency drift
against the continuum emission of type IV radio out-
bursts at meter or decimeter wavelengths were first
classified and studied more than 20 years ago [1, 2].
More recent 2.6–3.8 GHz observations with high
resolution (10 MHz in 8 ms) using the new spectro-
graph of the Beijing Astronomical Observatory testify
that this type of fine structure displays the same vari-
ety at centimeter wavelengths as well [3].

The interpretation of this complex fine structure
has always lagged somewhat behind the detection
of new, even more varied observational phenomena.
However, the generally accepted mechanism for the
radio emission of fiber bursts is interactions between
electrostatic plasma waves (l) and whistlers (w), both
excited by the same population of fast electrons,
which has a conical velocity distribution, with the
ordinary waves (t) freely escaping: l + w → t [4].

The development of the theory of the zebra-pattern
structures has been much more complicated; more
than ten different models have been proposed, most of
1063-7729/04/4810-0853$26.00 c©
them including some role by the emission of electro-
static plasma waves at the double plasma-resonance
frequency [4–7]:

ωUH = (ω2
Pe + ω2

Be)
1/2 = sωBe, (1)

where ωUH is the upper-hybrid frequency, ωPe is the
electron plasma frequency, ωBe is the electron cy-
clotron frequency, and s is the harmonic number. The
model that best describes the observations and the
conditions in the corona is the model of [7], which is
based on unsaturated electron-cyclotronmaser emis-
sion by electrons with a conical distribution.

However, all these theoretical models developed to
explain the zebra structures encounter a number of
difficulties.

(1) Irregular structure in the stripes is often ob-
served, although the frequency separations between
the zebra-pattern stripes ∆fs should be approx-
imately equal to the electron cyclotron frequency
(depending on the relationship between the density
and magnetic-field scale heights), and should de-
crease smoothly with height in the corona. Estimates
of ∆fs are presented in [5] for the case when the
magnetic-field scale height is much larger than the
2004 MAIK “Nauka/Interperiodica”



854 CHERNOV
electron-density scale height, LB � LN ; i.e., when
∆fs ≈ fBe.
(2) The magnetic fields derived based on ∆fs al-

ways turn out to be so low that it is difficult to ob-
tain β ≈ (vs/vA)2 � 1 for this plasma parameter (the
obvious value for a magnetic trap above an active
region, where vs and vA are the sound speed and
the Alfven speed, respectively). This has led many
authors to adopt the opposite relationship between
the scale heights, LB � LN , but this does not solve
this problem, since the real relationship between the
two scale heights remains unknown.
(3) Nearly all the models are devised to explain

stripes in emission, although stripes predominantly in
absorption are also sometimes observed.
(4) All the models assume the important property

that the electrons have a conical velocity distribution.
This distribution also generates whistlers, and the
interaction of these whistlers with fast particles car-
dinally changes the velocity distribution—the trans-
verse anisotropy is decreased, and bunching of the
longitudinal velocities arises.
In addition, the main spectral properties and radio

polarizations of the zebra stripes and fiber bursts co-
incide, which suggests that these two structures are
created by a single mechanism, based on the merg-
ing of plasma waves and whistlers, but with different
conditions for instability of the whistlers.
An entire magnetic trap is filled by periodic wave

packets made up of whistlers excited by a conical dis-
tribution of fast electrons at the cyclotron resonance:

ωw − k||v|| − sωBe = 0, (2)

where ωw is the whistler frequency, k|| is the whistler
wave number, and v|| is the velocity of the fast elec-
trons along the magnetic field.
Depending on the form of the distribution function,

instability develops either for the normal Doppler ef-
fect (s = +1), when whistlers propagate toward fast
particles along magnetic-field lines, leading to the
formation of a fiber burst, or in an anomalous reso-
nance [s = −1 in (2)], when the whistlers propagate
toward fast particles at a large angle to the magnetic
field, forming zebra stripes with a different frequency
drift [8–10]. The rapid periodicity of the whistler in-
stability is associated primarily with the quasi-linear
nature of the instability (the scattering of whistlers on
fast particles), which leads to periodic disruptions of
the instability of the electrostatic waves in the volume
of the whistler wave packet. This effect gives rise to
bands of absorption that accompany both fiber bursts
and zebra stripes of emission [11]. Whistlers can
contribute to the formation of bands of emission and
absorption as a result of their interaction with plasma
waves at both the sum and the different frequencies,
ωl ± ωw = ωt [9, 12, 13].
The unsatisfactory lack of a single generally ac-

cepted theory for the zebra-pattern structure has un-
fortunately stimulated many authors to devise new
versions of models based on the double plasma res-
onance [14, 15]. Ledenev et al. [14] suggest that
the magnetic field falls off with height in the corona
much more rapidly than the density. Under the as-
sumption that radiation is emitted at the second har-
monic, ωUH , they obtained more realistic values for
the magnetic field, comparable to those obtained in
[3] for whistler models. However, the zebra structure
is usually strongly polarized (it only very rarely has
low polarization), which excludes the possibility that
this emission is radiated at the second harmonic.
Therefore, the B values turn out to be overestimated
by more than a factor of two; in addition, the harmonic
number s was chosen arbitrarily.
In an attempt to remove the problem of the low

magnetic field that is implied by assuming that the
radiation is associated with the double plasma res-
onance, LaBelle et al. [16] proposed a new theory
for zebra structures based on the radiation of auroral
“choruses”—magnetospheric outbursts detected at
ground-based stations at frequencies of 2–4 MHz,
which have fine structure similar to that of the zebra-
pattern structure. This model proposes that the ra-
diation is emitted in the cyclotron-maser Z mode
(by analogy with [7]). Although the upper-hybrid-
frequency Z-mode radiation itself does not emerge
from the source, this radiation can be transformed
into ordinary-mode (O-mode) radiation at discrete
frequencies (the eigenharmonics) in the presence of
density inhomogeneities on the corresponding scales.
These discrete frequencies arise due to the quantiza-
tion in the conditions of the eiconal when the wave
passes through an Ellis window for the corresponding
azimuthal (m) and radial (n) quantum numbers in
the eiconal conditions. The Z mode can be generated
in a point source at one level of the double plasma
resonance [s = const = 2 in (1)]. The main difference
and advantage of this model is that it can explain
the formation of a large number of harmonics (up
to 100) with a small frequency separation ∆fs ≈
0.01fBe. LaBelle et al. [16] estimated the degree
(<10%) and size (1–100 m) of the density inhomo-
geneities. Such inhomogeneities could be created by
dispersional ion–acoustic waves. However, LaBelle
et al. [16] do not discuss one important aspect of
the problem—the time dependence of the eigenhar-
monics (the dynamics of the zebra-pattern structure);
they only mention the possibiity that the inhomo-
geneities could be stable over ∼10 s. They likewise
do not discuss the conditions for the excitation of
the ion–acoustic waves and the main condition that
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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the electron temperature greatly exceed the ion tem-
perature (Te � Ti). In addition, the summing of the
contributions of numerous inhomogeneities (created
by propagating ion–acoustic waves) should lead to
blending of the stripes into the continuum. The simul-
taneous appearance of fiber bursts against the zebra
structure is likewise not considered. We will discuss
other discrepancies with the observations in Section 3
below.

Observations of zebra structure at the harmonic
frequencies 1700 and 3400 MHz were first discussed
in [17]. However, the absence of polarization infor-
mation and the lack of similarity between the zebra
structures at the harmonic frequencies casts doubt on
the reality of this harmonic structure.

Observations of fine structures have been consid-
erably expanded in recent years, leading to the dis-
covery of new effects in the zebra structure. Analyses
of new events now usually include a more complete
study of flare processes contributing to the X-ray
emission (Yohkoh/SXT) and the ultraviolet lines
(SOHOand TRACE). It is therefore important at this
stage to identify new properties of the fine structure
observed at various frequencies and analyze them in
the context of various theoretical models; this is the
goal of the current paper.

Zebra-pattern structures and fiber bursts are
sometimes not observed simultaneously over a wide
range of frequencies spanning decameter to decimeter
wavelengths. On the contrary, the frequency bands
occupied by the fine structure associated with a single
event are usually≤50MHz at meter wavelengths and
several hundreds of MHz at decimeter wavelengths.
We will compare the relative parameters of the zebra
structures at different frequencies and attempt to
answer the question of why these frequency bands are
so narrow. We analyze four radio outbursts displaying
fine structure at meter wavelengths (the events of
May 2, 1998, July 28, 1999, September 23, 1998,
and October 25, 1994) and two such outbursts at
centimeter wavelengths (October 29, 2000 and April
21, 2002).

2. DESCRIPTION OF THE EVENTS

Several major type IV radio outbursts display-
ing fine structure in the form of emission and ab-
sorption stripes (zebra-pattern structure and fiber
bursts) were observed with several radio spectro-
graphs [ARTEMIS (Nancay), 100–500 MHz;
IZMIRAN (Institute of Terrestrial Magnetism, the
Ionosphere, and Radio Wave Propagation), 25–
270 MHz; PHOENIX-2, 220–549 MHz; Nancay,
20–70 MHz; Potsdam (Tremsdorf), 40–800 MHz;
ASTRONOMY REPORTS Vol. 48 No. 10 2004
Beijing Astronomical Observatory, 2.6–3.8 and 5.2–
7.6 GHz], as well as with the Nancay radioheli-
ograph and the Trieste Astronomical Observatory
polarimeter at 237, 327, and 408 MHz. We also used
all available higher-frequency data for the analysis,
including images in UV lines obtained with the
SOHO and TRACE satellites and in the soft X-ray
with Yohkoh/SXT. This enabled us to carry out a
comparative analysis of the zebra structures over a
wide range of frequencies from 30 to 6500 MHz.

2.1. Event of May 2, 1998

Zebra-pattern structures were first observed for
event of May 2, 1998 at low frequencies between 22–
46 MHz (Fig. 1). The radio event was simultaneous
with a large 3B X1.1 flare at 13:30–13:42–15:13 UT
in the active region NOAA 8210, with coordinates
S15W15. The SOHO LASCO telescope detected a
major halo-type coronal mass ejection (CME) ex-
tending to 26 R�.
The radio event included a large group of type III

outbursts, two type II outbursts, and type IV con-
tinuum radiation. A global dynamical spectrum is
presented in [18]. The maximum energy release in the
corona occurred at the heights where the decimeter
radiation was generated (22 000 s.f.u. at 606 MHz),
but the event continued into interplanetary space, ex-
pressed via a type II and very weak type III outburst.
Zebra-pattern structure was observed over ap-

proximately three minutes, in the form of structure
in the flare continuum after the strong type II and
type III outbursts. The dynamical spectrum shown in
the upper panel in Fig. 1 shows that the zebra struc-
ture consists of numerous fragments of stripes with
various frequency drifts. The most substantial long
fragment resembles a narrow-band braid of stripes
(or short-time-scale fiber bursts) with a constant fre-
quency drift. This main braid of fibers, which lasted
about two minutes, forms the low-frequency bound-
ary of all the zebra-pattern fragments. These frag-
ments also form braids of fibers occupying various
frequency bands at higher frequencies.
The frequency drift of the main braid is approx-

imately −0.13 MHz/s near 37 MHz, which corre-
sponds to a speed for the propagation of the excitation
in the outer layers of the corona of about 2200 km/s
(if we use a double Newkirk model for the electron
density). The frequency-drift rate is approximately
−0.04 MHz/s, which corresponds to a motional ve-
locity of 700 km/s. We should note two more impor-
tant properties of the main braid: its frequency width
increased from 0.25 MHz at 43 MHz to 0.8 MHz at
22 MHz, accompanied by an appreciable decrease in
the left-circular polarization.
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Fig. 1. Event of May 2, 1998. The top panel shows the dynamical spectrum obtained using the DSP decameter spectropo-
larimeter of the Nancay Observatory (the time resolution is 0.05 s). The lower panels show the development of the outburst in
the 195 Å EUV line (SOHO/EIT) and the Hα emission in the active region (NOAA 7792).
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The width of the frequency bands for individual
stripes of emission was approximately the same for
all the zebra-structure fragments, ∆f ≈ 0.08 MHz,
with the relative width of these bands being ∆f/f ≈
0.0024. However, the frequency separations between
the stripes of emission were appreciably different in
different fragments (∆fs ≈ 0.08−0.17MHz), and the
short-time-scale stripes within the main braid are
not strictly periodic in frequency. In some fragments,
a frequency shift toward lower frequencies is ob-
served between an emission stripe and the neigh-
boring absorption stripe, ∆fea. This shift is approx-
imately equal to∆f .
The radio emission of all components of the type II

and type III outbursts was essentially unpolarized,
while the main braid displayed strong left-circular
polarization. Other fragments of the zebra structure
displayed moderate left-circular polarization, while
still others even displayed moderate right-circular po-
larization.
Two-dimensional NRH images of the 164 MHz

radio sourcs obtained show four radio sources above
active region NOAA 8210. The complex behavior of
the polarization of the fine structure may indicate that
different radio sources are located in regions with
different magnetic polarities.
The lower part of Fig. 1 displays the evolution of

the flare in the 195 Å EUV line (five frames from
SOHO/EIT MPEG film), while the fifth lower panel
shows the onset of theHα flare. We can see in this last
panel that a helmetlike ejection has already formed
over the sigmoid flare ribbon by 13:24 UT. The con-
tinuation of this ejection is clearly visible in the first
195 Å frame, which corresponds to the maximum of
the flare (13:42 UT). Each subsequent frame con-
tains new fragments of ejected material in projection
onto the disk. It is obvious that, after the CME, the
energy release proceeded in a vertical current layer,
as a magnetic structure with magnetic islands was
established.

2.2. Event of July 28, 1999

The radio event consisted of a prolonged type IV
outburst with zebra structure in the interval 08:15–
10:30 UT, associated with a modest 1B M2.3 flare
with its maximum at 08:14 UT in the active region
NOAA 8649 (S15E03). The flare was accompanied
by a halo-type CME at 09:06 UT. We can identify
three main intervals in which fine structure was
displayed: 08:15–08:30 UT, in the impulsive phase,
08:50–09:25 UT, at the maximum, and 10:15–
10:30 UT, in the decay phase. In the first two in-
tervals, the zebra-pattern structure is chaotic on
short time scales (less than one minute) in narrow
frequency bands (of 50–150 MHz) between 200 and
ASTRONOMY REPORTS Vol. 48 No. 10 2004
1500 MHz. In the decay phase, the zebra structure is
displayed nearly continuously at 300–400 MHz.
The upper left panel in Fig. 2 shows the zebra

structure at the end of the impulsive phase observed at
IZMIRAN at 200–270 MHz. The upper right panel
presents the zebra structure obtained on the Phoenix-
2 specrograph at 320–385 MHz during the decay
phase. We can see in the left panel that the zebra
stripes drift toward high frequencies, as is often ob-
served. The right panel displays various drifts, but the
overall tendency is for the zebra stripes to drift toward
lower frequencies, and the stripes in this part of the
spectrum resemble fiber bursts.
A common feature of the stripes observed in these

two frequency bands is the presence of absorption
relative to the mean continuum level at the low-
frequency edge of the emission stripes, as is confirmed
by the left- and right-circular polarization profiles for
237 MHz (left) and 327 MHz (right) presented in the
central panels of Fig. 2 (data of the Trieste Astronom-
ical Observatory). The degree of left-circular polar-
ization was initially moderate (30–40%), becoming
stronger at the end of the event (60–80%). The dips
in intensity in the absorption bands were 20–30% of
the mean continuum level.
After themaximum of the event at about 08:55 UT,

unusual stripes of emission with absorption on both
the low-frequency and high-frequency sides began
to appear, together with individual bands of pure ab-
sorption. Further, after 10:19 UT, nearly all the zebra
stripes and individual fiber bursts had their absorption
on the opposite (high-frequency) edge. The stripes
displayed a continuous variation of the frequency drift
in this interval, from negative to positive, in the form
of cascades of U flares. In this case, the zebra stripes
made a continuous transformation into fiber bursts
and vice versa. Two such cascades are visible in the
right-hand spectrum in Fig. 2.
The three lower panels in Fig. 2 show the evolution

of the flare at 195 Å displayed by SOHO/EIT data.
The flare began above a neutral magnetic-field line,
with zebra-pattern structure observed at 08:15 UT
simultaneous with the rise of a new loop (toward the
southwest in projection), shown by the arrow in the
left panel. This loop continued to rise until 08:25 UT,
and the NRH data show that the 327 MHz radio
source was located above this loop. The position of
this source is marked by a white plus in the central
panel.
At the time of the event’s maximum, new bright

flare centers were ignited to the west of the main flare.
In the decay phase, a new loop began to rise above
these centers, and the radio sources that appeared
during the decay-phase zebra structure were located
above this new loop; the 327 MHz and 164 MHz
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Fig. 2. Event of July 28, 1999. The upper panel shows two spectra of the zebra structure during two active periods at 08:26 UT
(left, the IZMIRAN spectrograph,189–270 MHz) and 10:18 UT (right, the Phoenix-2 spectrograph, 320–385 MHz). The
central panels show temporal profiles of the L and R chanels of the Trieste Astronomical Observatory polarimeter at 237 and
327MHz. The lower panels show the evolution in the 195 Å EUV line (SOHO/EIT). The arrow in the left frame shows the rise
of a new loop. The white pluses in the other frames show the positions of the centers of the radio sources at 327 MHz (small)
and 164 MHz (large).
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Fig. 3. Event of September 23, 1998. The upper panel shows the fine structure displayed between 08:00 and 08:10 UT at
250–450 MHz (the ARTEMIS-IV spectrograph, Greece). The next panel presents time profiles of the L and R channels of
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(lower left; CCPT). The position of the center of the radio source at 327 MHz (NRH) is indicated by the cross above the new
loop at 08:08 UT.
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radio sources are marked by the small and large white
pluses in the central and right panels of Fig. 2.

2.3. Event of September 23, 1998

According to Solar Geophysical Data (SGD), a
3B M7.1 flare began at 06:40 UT in the active region
NOAA 8340 (N18E09), reaching its maximum at
07:13 UT. The radio event was observed from 06:52–
11:00 UT, and included a type II outburst (06:52–
07:02 UT) and a prolonged type IV outburst with sev-
eral maxima. Zebra structure was observed in the in-
terval 08:00–08:10 UT. In the spectrum in the upper
panel of Fig. 3, obtained with the new ARTEMIS-
IV spectrograph (Greece) at 250–450 MHz, we can
see a fiber burst (08:03–08:04 UT), riblike zebra
structure (08:05–08:06 UT), and rapid pulsations in
emission and absorption (08:08–08:09 UT). Below
the spectrum, a rare property of the fine structure is
visible in the 327-MHz polarization profiles obtained
at the Trieste Astronomical Observatory: the radi-
ation displayed very weak left-circular polarization.
These profiles also show that the dips in intensity
in the absorption stripes comprise about 20–30%
of the mean continuum level. The zebra structure
observed at 08:06–08:07 UT was most pronounced
in absorption, and the rapid pulsations observed at
08:08–08:09 UT were also purely in absorption (i.e.,
they were “sudden reductions”).
The evolution of the flare is illustrated in four

different panels in the lower part of Fig. 3. A two-
ribbon Hα flare was observed over three hours along
the eastern and western parts of a neutral line of the
magnetic field. The two TRACE 195 Å frames show
numerous bright loops that appear (and disappear)
betwen these two parts of the neutral line. A new
bright loop appeared in the southern part of the flare
region at 08:00 UT, and the center of the 327 MHz
radio source observed at 08:08 UT (NRH) coincides
with this new loop in the 195 Å TRACE frame.
Many aspects of the structure of the radio sources

and the fine structure of the radio emission at cen-
timeter wavelengths have been studied in [19, 20]. For
our analysis, it is important that the 5.7 GHz radio
source observed by the CCPT has a double structure,
with the source on the right (which was located near
the eastern part of the neutral line and was closest
to the position of the meter-wavelength source) be-
ing brighter at 08:03 UT (Fig. 3, lower left panel).
The dynamics of the 195 Å flare loops (TRACE) are
impressive: every few minutes over three hours, new
loops were ignited and rose high into the corona.
The onset of the type II outburst was accompanied
by flare ejections toward the southwest observed in
the 1550 Å line (SOHO/ZUMER). Several minutes
later, a dark region that can be considered a flare
coronal hole (or dimming) formed at the location of
this ejection, and was subsequently observable for
many hours in the 195 Å line (TRACE).

2.4. Event of October 25, 1994

Beginning at 10:00 UT, the meter-wavelength
radio event included a type II outburst at frequencies
below 90 MHz, which had drifted to 40 MHz by
10:06 UT, and a brief type IV outburst (flare con-
tinuum) with fine structure in the form of periodic
type III outbursts between 10:05:18 and 10:08:35 UT
and zebra-pattern structure between 10:08:00 and
10:09:00 UT. The upper panel of Fig. 4 shows the dy-
namical spectrum obtained on the ARTEMIS spec-
trograph (Nancay Observatory) at 100–500 MHz.
The type III outbursts have a very high frequency-
drift rate (possibly associated with an enhanced
plasma density above the flare region). However, this
frequency-drift rate is lower at lower frequencies. The
main energy release occurred at meter wavelengths.
The maximum flux at 204 MHz was 300–400 s.f.u.
between 10:08 and 10:09 UT.
A modest centimeter-wavelength flare (a 49 s.f.u.

GRF) was observed over an hour, and an even more
prolonged C4.7 soft X-ray (1–8 Å) flare was detected
by the GOES-7 satellite. According to SGD 608 II,
a modest 1N-magnitude Hα flare began at 09:40
(reaching its maximum at 10:04 UT and its end at
12:36 UT) in active region NOAA 7792 (S09W12).
An active dark fiber and system of filaments were also
visible above this active region.
Some aspects of the type IV radio outburst, which

displayed various source positions outside the ac-
tive region, are discussed in [21]. In the superpo-
sition of the 164 MHz radio source and the soft
X-ray (Yohkon/SXT) A1.1 image shown in the lower
left panel of Fig. 4, the center of the radio source
is located outside the active region. At this same
time, the main continuum source coincided with the
main flare region in the soft X-ray. Each subsequent
X-ray frame contains new bright loops, both inside
and outside the main flare region, providing evidence
for magnetic reconnection occurring in neighboring
loops. Thus, it is likely that the repeated radio flares
at 327 and 408 MHz had different circular polar-
izations. The maximum brightening in soft X-rays
occurred at 09:59 UT, before the type II outburst, and
at 10:08 UT, during the type III outbursts in the same
location, at the center of the active region, above the
magnetic-field neutral line. The sigmoid shape of the
soft X-ray flare repeats the shape of the neutral line.
Manoharan et al. [22] suggest that the flare acted as
a trigger for large-scale magnetic reconnection.
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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In this event, zebra structure was observed at
frequencies between 210 and 130 MHz against the
background of the type III outbursts, which drifted
from 400 to 150–125 MHz (Fig. 4, ARTEMIS data).
We would like to point out certain key features

in Fig. 4, which enable us to understand the over-
all dynamics of the event. The initial frequency of
the type III outbursts oscillates between 300 and
450 MHz, with a period that smoothly grows from
10–15 min at the onset to roughly 30–35 min at the
end of the series of type III outbursts. This may be
associated with slow MHD fluctuations in the region
in which the fast particles are accelerated. The low-
frequency limit where the drift of the type III out-
bursts ceases also fluctuates asynchronously with the
high-frequency initial frequency: this limit dropped
to approximately 125 MHz between 10:08:12 and
10:08:30 UT. A clear sign of a new perturbation is
provided by an abrupt break in the frequency drift
between 10:07:38 and 10:07:57 UT, with the drift
settling at a frequency of 170 MHz. Three seconds
later, zebra-pattern structure appears beginning at
precisely this frequency and occupying frequencies
down to 140 MHz. Over an eight-minute interval,
the zebra structure expanded from 130 to 210 MHz,
and the type III outbursts gradually disappeared (their
intensity and frequency range smoothly decreased).
When the zebra structure is most fully developed, at
10:08:17–10:08:24 UT, it is possible to distinguish up
to 17 emission stripes, with the frequency separation
between the stripes slowly growing from 1.7 MHz at
140 MHz to roughly 2.2 MHz at 170 MHz. The po-
larization of the radio emission of the zebra structure
and the type III outbursts was moderate (25–30%),
with the maximum polarization corresonding to the
zebra structure without type III outbursts at the end
of the eighth minute. The right-circular polarization
in the source above the trailing spot of southern po-
larity corresponds to a predominance of the ordinary
wave.
The lower right panel of Fig. 4 shows contours of

the one-dimensional S–N radio-brightness distribu-
tion at 164 MHz (NRH). The maximum brightness
corresponds to the center of a zebra-pattern stripe
after approximately 10:08:33 UT or a type III outburst
before this time. The solid line passing through the
source centers shows the spatial drift of the sources
at a fixed frequency. First and foremost, we note that
the positions of the sources of type III emission and
zebra structure coincide (in both the N–S and E–
W directions; i.e., in a disk). It is noteworthy that
the type III sources drift in the direction S→ N (at
the beginning of the spectrum), while the sources of
pure zebra structure (at the end of the spectrum) drift
in the opposite direction, N→ S. In all the zebra-
pattern absorption stripes, the drift of the source is the
same as for the type III outbursts (for example, at time
10:08:33.4 UT).
The vertical scale for the one-dimensional S–N

radio-brightness distributions in Fig. 4 is presented in
terms of the number of spatial channels for the Nan-
cay radio interferometer. At 164 MHz at this time,
the first channel in the S–N direction corresponds to
approximately 3.2′. Therefore, the full widths at half
maximum of the sources of both the zebra structure
and the type III outbursts are, on average, 1.5 chan-
nels (about 4.8′); the maximum spatial-drift rates
are >90 000 km/s (≈170 000 km/s for the type III
outbursts). Since these are projected onto the disk,
the real source drift rates will always be >1010 km/s
(close to the speed of light). Thus, the observed size of
the source is essentially the size of the active region,
and the observed drift rate can be supplied only by fast
(relativisitic) particles. Similar zebra-structure drift
rates were obtained earlier for event June 5, 1990 [23].
Let us note another important fact: the zebra

structure forms several humps with changing signs of
the frequency drift, with the sign changes correlating
with changes in the sign of the spatial drift of the
source. Negative frequency drift corresponds to the
type of drift occurring in type III outbursts, and
changes in the sign of the source drift are observed
at times when the frequency drift changes sign (for
example, at times 10:08:32 and 10:08:36.5 UT).
These data enable us to explain the frequency band
occupied by the zebra structure in the dynamical
spectrum (see the Discussion below).
In interplanetary space, the URAP experiment on

the Ulysses satellite detected one type III outburst at
10:10 UT at frequencies below 1000 kHz, due to a
beam of electrons accelerated at the onset of the flare.

2.5. Centimeter wavelengths

We selected several dozen cases of zebra-pattern
structure and fiber bursts in four events at 2.6–
3.8 GHz and one case at 5.2–7.6 GHz. In all cases,
the zebra-structure and fiber-burst radiation was
strongly polarized near 3 GHz, but weakly polarized
at 5.2–7.6 GHz. The most saturated fine structure
was observed in the centimeter-wavelength outbursts
of April 15, 1998, October 29, 2000, and April 21,
2002. This last event occurred at the limb. Via a
comparison of the times when zebra structure was
manifest with the positions of radio sources indicated
by Nobeyama heliograph observations at 17 GHz
and with the development of the flare in the 195 Å
line indicated by SOHO/EIT (and SOHO/MDI
magnetogram) data for the first two events, it was
possible to determine that the ordinary mode dom-
inated in the radiation. Our observations show that
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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Fig. 5. (a) Zebra structure in a fiber burst in event of October 29, 2000 observed in right-circular polarization by the NAOC
spectropolarimeter (Beijing). (b) Zebra structure in event April 21, 2002. The upper panel shows the spectrum in left-circular
polarization, in which 34 stripes whose frequency separation grows smoothly with frequency can be distinguished. The lower
panel shows profiles of the intensities at four fixed frequencies.
all the variety of zebra structure and fiber bursts
known for decimeter and meter wavelengths is also
characteristic of events at centimeter wavelengths.
Figures 5a and 5b depict the development of zebra
structure and fiber bursts in events of October 29,
ASTRONOMY REPORTS Vol. 48 No. 10 2004
2000 and April 21, 2002, which were most rich in
fine structure. In event of October 29, 2000, series of
zebra-pattern structures were present in a pulsating
regime for approximately 30 minutes following the
maximum of the flare. Each series had a duration of
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Fig. 6. Position of the center of the radio source in
event of October 29, 2000 at 17 GHz, shown by a light
circle against the background of the S-polarity mag-
netic field recorded on the SOHO/MDI magnetogram,
on which the radio brightness distribution derived from
the Nobeyama radio-heliograph data is superimposed.

about 2–3 s and three to five zebra-pattern stripes,
with various frequency drifts; a fiber burst with a
constant negative drift sometimes accumulated in the
zebra structure (Fig. 5a).

Event of October 29, 2000 was associated with a
2B M4.4 Hα flare in the active region NOAA 9209
(S25E35). The position of the center of the radio
source at 17 GHz is shown in Fig. 6 by a light circle
against the background of the S-polarity magnetic
field detected by the SOHO/MDI magnetogram,
on which the radio-brightness distribution obtained
using the Nobeyama Radio Heliograph is super-
imposed. The radio source is located above the S-
polarity magnetic field, so that right-circular po-
larization corresponds to the O mode of the radio
emission.

In event of April 21, 2002 (Fig. 5b), up to 34 zebra-
pattern stripes can be distinguished in the spectro-
graph band, 2.6–3.8 GHz, with a barely percepti-
ble growth in the frequency separation between the
stripes from 27 MHz at 2.8 GHz to 43 MHz at
3.7 GHz. The moderate degree of left-circular polar-
ization increased appreciably with time and frequency,
even within a single series of zebra structures with a
duration of 20 s.

A detailed analysis of the multi-channel time pro-
files shows that the radiation level in the dark bands
between bright stripes can be lower than the back-
ground level for the flare (see the profiles at sev-
eral fixed frequencies in the lower panel of Fig. 5b).
Thus, the presence of dark stripes is not associ-
ated only with an absence of bright stripes (in emis-
sion), but with genuine absorption of the centimeter-
wavelength background. In this connection, the main
characteristic of the zebra structure is the frequency
separation between neighboring peaks in emission
and absorption, ∆fea, rather than the frequency sep-
aration between stripes of emission, ∆fs. While the
latter is determined (for example, in double-plasma-
resonance models for the zebra structure) by mu-
tual variations of the plasma frequency and electron-
gyrofrequency harmonic with height in the corona,
∆fea is determined directly by the mechanism that
forms the stripes in emission and absorption. Despite
the variety in the zebra-pattern stripes, the mean
value of∆fs/f for all the events is about 60–80 MHz
at 2.6–3.8 GHz, while the mean value of the parame-
ter ∆fea ≈ 30−40 MHz for both zebra structure and
fiber bursts. Fiber bursts do not always display regu-
larity in frequency, and most often each fiber burst is
manifest as a weak outburst; but the parameter ∆fea

testifies to a related origin for the bands associated
with zebra structure and fiber bursts.

The main parameters of the zebra structure and
fiber bursts for five events are collected in the Ta-
ble. The parameters ∆fs/f and ∆fea/f grow with
frequency, clearly in connection with the growth of
the magnetic field. The parameter ∆fb/f decreases
with frequency, which corresponds to a decrease in
the size of the radio sources in the lower corona. Only
the quantity ∆f/f remains nearly constant. In four
events, the radio fine structure corresponded to the
ordinary mode.

3. DISCUSSION

Four radio events with zebra structure and fiber
bursts at meter wavelengths were closely associated
with flares of various magnitudes or type II outbursts
(due to shocks in and CMEs), but, in all the events,
the maximum energy release occurred high in the
corona as a result of magnetic reconnection. The
polarization of the radio emission was moderate in
all events, and corresponded to the ordinary mode in
three cases.
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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Parameters of the zebra structure in five events

Date f , MHz Flare ∆fs/f ∆fea/f ∆fb/f ∆f/f Magnetic
polarity

Sign of the
polarization

Time (UT) Frequency, MHz Coordinates Mode

1998-05-02 35 3B X1.1 0.0036 0.0024 0.88 0.0035 S(N) LR

14:41 20–70 S15, W15 ?

1994-10-25 175 1N C4.7 0.015 0.006 0.4 0.0049 S R

10:08 100–500 S09W12 O

1999-07-28 360 1B M2.3 0.014 0.006 0.22 0.0054 N L

08:15 45–520 S15E03 O

1998-09-23 360 3B M7.1 0.064 0.032 0.3 0.014 N L

08:00 100–700 N18E09 O

2000-10-29 3000 2B M4.4 0.033 0.015 0.16 0.0059 S R

02:20 1000–3800 S25E35 O

Note: ∆fs/f is the relative frequency separation between the zebra stripes; ∆fea/f is the relative frequency separation between
stripes in emission and absorption; ∆fb/f is the relative frequency bandwidth of the fine structure in the spectrum; ∆f/f is the
relative instantaneous frequency bandwidth for a single stripe of emission.
3.1. Event of May 2, 1998

The braids of fibers shown in Fig. 1 strongly re-
semble similar structures observed earlier at higher
frequencies (200–250 MHz) and discussed in [9, 24,
25]. However, these latter structures were repeated
multiple times over the entire decay phase of a flare
(over more than an hour). They are associated with
whistler instabilities in a small magnetic trap that has
formed between shock fronts moving away from a
magnetic-reconnection X point during the prolonged
process of reestablishing the magnetic structure after
a CME.
We can see ejections in various directions in five

frames in the 195 Å line (SOHO/EIT), but two of
these are most prominent: one toward the north from
the main flare and the other toward the southwest
(a slowly moving front). This is suggestive of a per-
turbation (shock front) moving toward the observer. It
may be that the source of the fiber braids is associated
with this shock front, and is located in a narrow trap
between the front and the leading edge of a CME: the
braids are observed over only threeminutes during the
type II outburst, and the frequency drift of the main
braid is determined by the motion of the shock front
with a speed of≈2200 km/s.
Fast particles accelerated in the shock front were

captured in this narrow trap (with a width of several
thousand kilometers). As a result of the “bounce”
effect—the motion of these particles between the two
maxima of the magnetic field (in the shock front and
ASTRONOMY REPORTS Vol. 48 No. 10 2004
the leading edge of the CME)—a conical velocity dis-
tribution was formed, giving rise to a periodic conical
whistler instability.
It is shown in [8] that the speed of the CME is

slightly higher than the speed of the shock front. The
increasing distance between the two can explain the
smooth expansion of the main braid during the drift
toward lower frequencies. In general, the shock front
probably propagates at some angle to the magnetic
field. In this case, the magnetic field and density of the
shock front should have an oscillatory structure. This
may be the origin of the presence of a number of other
fragments of fiber braids and zebra stripes at higher
frequencies, whose sources are located further behind
the shock front.
The whistlers propagate in the direction of prop-

agation of the shock front, but the group velocity of
the whistlers cannot exceed∼108 cm/s, providing an
explanation for the appreciably lower frequency-drift
rate of the fibers within the main braid. Thus, these
unusual braids of fibers are most likely a manifesta-
tion of the simultaneous propagation of a shock front
and a CME in the corona with different speeds.

3.2. Event of July 28, 1999

The observations testify that new, hot loops rose
before the two intervals of zebra-pattern structure,
and that the radio sources were located above these
loops (Fig. 2). It is obvious that the frequency band-
width of the fine structure was determined by the
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vertical size of these new flare loops in the corona.
The radio sources were located above regions with
northern magnetic polarity, and the left-circular po-
larization of the radio emission corresponds to the
ordinary wave.
The inverse position of the absorption stripes in

the zebra structure (from the high-frequency edge
of the stripes of emission) over roughly ten minutes
during the decay phase of the flare provides impor-
tant information for theoretical models of the fine
structure. A similar inverse position of fiber-burst
absorption bands was considered in [13], where it
was shown that, in this case, we observe radiation
at the difference frequency ωl − ωw = ωt as a result
of the decay process l → t+ w. This variation in the
interaction between plasma waves and whistlers is
probably associated with variations in the magnetic-
field gradient in the source, as are quite expected in
regions of magnetic reconnection high in the corona.
The continuous transition between fiber bursts

and zebra-pattern stripes (and vice versa) suggests
a single origin for these two types of structure, es-
pecially since their main parameters are the same.
In this connection, we note that the zebra-structure
model of LaBelle et al. [16] is not able to explain the
continuous transition between zebra structure and
fiber bursts, since only the stability of a point source
is considered. It is not clear what variations of the
positions of the absorption stripes should be expected
in this model, or what their origin would be.

3.3. Event of September 23, 1998

Analysis of all the available observational data for
these event show that fine structure was observed
simultaneously with the appearance of new, hot mag-
netic loops, and that the frequency bandwidth oc-
cupied by the fine structure in the spectrum (280–
450 MHz) could realistically be determined by the
extent of these new loops in the corona.
Again, the data demonstrate that the zebra struc-

ture consists not only of stripes of emission, but
also of stripes with appreciable absorption, which are
sometimes even dominant. For this reason, and also
in connection with the simultaneous radiation from
zebra structure, fiber bursts, and rapid pulsations, it
is difficult to explain the zebra structure in this event
with the new model of [16]. It is quite realistic to
expect the excitation of electrostatic plasma waves
and whistlers trapped by fast particles in new flare
loops, but the formation of small inhomogeneities
(solitons consisting of ion–acoustic waves) is not
obvious (most importantly, the condition Te � Ti),
and is simply postulated by LaBelle et al. [16].
There also remain doubts about the applicability of
the model of [16] to meter wavelengths, when the
wavelength becomes comparable to the size of the
inhomogeneities (λ ∼ L), since λ� L is a condition
for applying geometrical optics to write the eiconal
conditions (Eqs. (4) and (5) in [16]).

3.4. Event of October 25, 1994

In this brief event, the source of the zebra structure
was located above an active region, as is shown in
Fig. 4. A more detailed analysis of the X-ray frames
(Yohkoh/SXT) is carried out in [22], where it is shown
that there was additional brightening outside the
main flare region as a result of magnetic reconnection
involving the main flare loop and previously existing
loops high in the corona.
The bandwidth of the zebra structure is probably

determined by the distance in the corona between the
magnetic-reconnection X point above a flare loop and
a point high in the corona displaying shear between
the rising flare loops and large-scale transequatorial
loops, visible in the Yohkoh/SXT frames. Evidence
supporting this picture is provided by the coincidence
in the spectrum of the low-frequency boundary of the
zebra structure and the frequency at which the drift of
the type III outbursts ceases after about 10:08:35 UT
(Fig. 4).
The spatial drift of the zebra-pattern structure at

164 MHz was toward the south, opposite to the drift
of the type III outbursts. In our picture, this testifies
that beams of fast electrons accelerated below in a
flare current sheet (and responsible for the periodic
type III outbursts) are reflected from a region with
magnetic-field shear (where the new magnetic re-
connection with the X point began). The reflected
particles have a conical velocity distribution, generat-
ing plasma waves and whistlers, whose interactions
give rise to the zebra structure at the corresponding
frequencies.
However, the sign change of the spatial drift of

the zebra structure that is correlated with the sign
change of the frequency drift provides evidence that
the spatial drift at a fixed frequency does not rep-
resent a real shift in the source position, but in-
stead a shift in the energy maximum in the inter-
val of heights associated with the radiation at that
frequency (due to the velocity scatter for the rapid
particles) and along the surface of equal density. Such
a drift is quite plausible in a whistler model. The
reflected particles should display conical anisotropy,
and the whistlers should be excited in the anomalous
Doppler resonance, when the particles and waves
propagate in the same direction. In this case, the
whistlers propagate downward with the group veloc-
ity, consistent with the positive frequency drift of the
zebra-pattern stripes. The scattering of the whistlers
on fast particles (quasi-linear effects) deforms the
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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distribution function: the longitudinal velocities are
decreased while the transverse anisotropy grows, and
the excitation of whistlers gradually switches to the
normal Doppler resonance, when the particles and
waves propagate in opposite directions and the group
velocity of the whistlers gradually turns upward (this
effect is considered in more detail in [11]). This switch
in regime is completed at times of sign changes of
the frequency drift of the zebra-pattern stripes, which
coincide with times of sign changes of the spatial drift
of the sources.
Even sharper shifts of the source center occurs at

times corresponding to the transition to the zebra ab-
sorption stripes. In this case, no particle velocities can
explain a shift by about 1.5 channels (each 3.2′) over
one-third of a second (for example, at 10:08:41.3–
10:08:41.7 UT), which yields a shift velocity of about
2c, where c is the speed of light. In this case, we do not
observe real motion, but instead a shift in the position
of the maximum continuum radiation of the source,
which indeed shifts by this amount (more than 4′)
toward the southwest (above the maximum of the
SXR flare in Fig. 4).
Thus, although the centers of the type III out-

bursts and zebra structure nearly coincide, the emis-
sion is radiated by different particles moving in
different directions. In the case of the type III out-
bursts, these are beams of particles propagating
from the acceleration region, which is the upper
part of a flare current sheet at the height where
fPe ≈ 450 MHz; in the case of the zebra structure,
these are particles reflected from a region with shear,
at heights corresponding to the minimum frequency
of the type III outbursts, where fPe ≈ 125 MHz).
The abrupt perturbation that partially stopped the
frequency drift of the type III outbursts at 10:07:37–
10:07:58 UT shows us the position in the corona of
a new magnetic-reconnection X point (where fPe ≈
170 MHz). At these heights, there was a partial
capture of particles from the type III outburst beams,
forming a new magnetic cloud (an island above the X
point). The size of this new magnetic cloud between
the X point and the magnetic-field shear determined
the beginning of the frequency range of the zebra
structure. Over a minute (10:08–10:09 UT), the
whistlers gradually spread downward to levels where
fPe ≈ 210MHz.
The large transverse size of the source suggests

that the whistler instability developed over the en-
tire width of a level of constant density above the
active region, but the emission maximum could be
appreciably shifted from the center of the continuum
maximum along this level.
In our whistler model, each stripe of the zebra

pattern is associated with an isolated whistler wave
ASTRONOMY REPORTS Vol. 48 No. 10 2004
packet. The periodicity of the stripes most likely re-
flects periodicity in the instability due to the quasi-
linear interactions between the whistlers and fast par-
ticles (periodicity in the deformations of the distribu-
tion functions). Periodicity in the injection of fast par-
ticles and the “bounces” of the particles in the mag-
netic trap will lead to additional periodicity in the ob-
served phenomena. No obvious trap was observed in
this event, and we can see a surprising coincidence in
the number of type III outbursts at 10:08–10:09 UT
(24) and the number of zebra-pattern stripes along
the time axis. Quasi-linear effects lead to additional
modulation along the zebra stripes. Such effects op-
erate only when the particles and waves (whistlers) do
not diverge in space. The smooth shift of the hump
with the sign change of the frequency drift is due
precisely to the diffusion of whistlers in rapid particles,
when the time when the resonances are switched (see
above) does not occur simultaneously at all frequen-
cies (heights in the corona), but instead with amodest
delay between frequencies, equal to the time for the
diffusion at each level in the corona (for more detail,
see [11]).

The double-plasma resonance model proposed in
[26] to describe this phenomenon cannot explain the
observed effects, even the number of zebra stripes in
the observed frequency interval. For example, if we
adopt, not some hypothetical distributions with a high
density and magnetic field, but more realistic distri-
butions, such as a double Newkirk model above the
active region and a dipolar magnetic field whose scale
height is much smaller than the density scale height,
this model predicts only ten stripes in the observed
frequency range of 135–170 MHz instead of the ob-
served 18 stripes, with harmonic numbers s from 10 to
20, as was shown in [27]. Most importantly, instead of
a smooth growth in the frequency separation between
the stripes with increasing frequency (from 1.7 to
2.2 MHz), the model predicts a sharp growth from
2.5 to 7 MHz. Even larger discrepancies with the ob-
servations are obtained for other models (for example,
density distributions that obey the barometric formula
and magnetic fields that correspond to the model of
[28]). Note that, while the field model of [26] is quite
realistic (it was derived based on numerous radio ob-
servations), a barometric density distribution cannot
be applied to magnetic loops with plasma parameters
β � 1, since the barometric formula corresponds to a
density distribution in a gravitational field with con-
stant temperature and without a magnetic field.

This radio event was typical from the point of
view of the activity in interplanetary space, where the
groups of type III outbursts make a nearly smooth
transition to a single large kilometer-scale type III
outburst.
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Fig. 7. Dependence of the plasma frequency and gy-
rofrequency in the magnetic-field model of Dulk and
MacLean [28], which is derived from radio data (B(G) =
0.5(R/Rs − 1)−1.5, 1.02 ≤ R/Rs ≤ 10), and a model
with a Newkirk electron density multiplied by kn. The
horizontal dashed lines delineate the range of the NAOC
radio spectrograph, 2.6–3.8 GHz.

3.5. Centimeter Wavelengths
(Events of October 29, 2000 and April 21, 2002)

Since the zebra-pattern structure and fiber bursts
display similar spectral characteristics, we will con-
sider both structures to be manifestations of whistlers
in the radio source, due to their interactions with elec-
trostatic plasma waves, l + w → t, with both waves
being excited by the same fast particles in hot flare
loops, which have an anisotropic conical loss dis-
tribution. The computations of [29] show a growth
in the whistler increment with the temperature of
the background plasma in the flare region, with the
growth in the cyclotron decay being compensated
by the decrease in the whistler frequency with the
maximum increment to 0.1ωBe. The mean duration
of a series of zebra structures and fiber bursts was
about two seconds, and the propagation of whistlers
without damping over this time places a constraint on
the whistler increment of <0.5 s−1. This constraint
can be used to estimate the magnetic-field strength
in the region in which the flare is generated. Electron
temperatures in the range 2–20 MK yield magnetic
fields of B = 125−190 G for regions in which the
electron density is (8−18) × 1010 cm−3. These rough
estimates coincide with estimates derived from the
frequency-drift rate of the fiber bursts observed at
the same time at these same frequencies, based on
the formula B = 15.43(ln f − 3)−2df/dt [30], which
was obtained for a 60-fold Newkirk model and a
whistler frequency of ωw = 0.1ωB . If we estimate the
magnitude of B in the new model of LaBelle et al.
[16], assuming that ∆fs ∼ 0.02fBe, we obtain for
∆fs = 80MHz implausibly high values B ≈ 1500 G
for regions close to the photosphere.

An alternative model based on the generation of
plasma waves at the upper-hybrid frequency ωUH un-
der the conditions appropriate for the double plasma
resonance was also considered. We can see from
Fig. 7 that the main inadequacy of this model is
associated with the increase in the frequency separa-
tion of the emission stripes ∆fs with increasing fre-
quency: the model predicts an increase from 60 MHz
at 2.7 GHz to ∼450 MHz at 3.8 GHz, which is not
generally observed. Usually, the frequency separation
only slightly increases with frequency. In this con-
nection, the example of the zebra structure shown
in Fig. 5b is noteworthy, since it shows that the
double-plasma-resonance model is not able to ex-
plain the presence of simultaneous emission in 34
stripes with virtually identical intensities in the range
2.6–3.8 GHz. At the same time, this situation is quite
realistic in a whistler model, where strict periodicity
of the stripes is specified by the whistler-excitation
mechanism itself—fluctuations in the instability un-
der the action of quasi-linear effects—independent of
the models for the density and magnetic field in the
corona.
The frequency profiles in Fig. 5b demonstrate rapid

pulsations in the bright zebra-pattern stripes with a
well defined period of 30 ms. Thus, these new ob-
servations support the conclusions of [31] that zebra
structure at centimeter wavelengths always has fine
spikelike structure, which can be explained in a natu-
ral way in whistler models for zebra structure.

Like the large number of zebra-pattern stripes, the
stable appearance of series of zebra structures in a
pulsating regime cannot be understood in the new
model [16], since this model predicts a strong depen-
dence for the frequency separation and the number
of zebra stripes on the parameters of the inhomo-
geneities, while we observe only a very small growth
in the frequency separation with increasing frequency.
LaBelle et al. [16] can theoretically explain any pa-
rameters of zebra structure, but the parameters of
inhomogeneities such as propagating ion–acoustic
waves cannot remain so similar over a wide range of
frequencies (interval of heights) over extended periods
of time; i.e., the spectrum of the stripes would be
expected to blend into the continuum.

Thus, new data on zebra structure and fiber bursts
at centimeter wavelengths testifies that they have
similar structures to those observed at meter wave-
lengths. A unified model for zebra structure and fiber
bursts involving whistlers can yield realistic values for
the magnetic-field strength B ≈ 160 G at a plasma
level of about 3 GHz. Using realistic dependences for
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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the electron density and magnetic field, the double-
plasma-resonance model for zebra structure predicts
a frequency dependence for the frequency separation
between stripes that is much stronger than is ob-
served.

4. CONCLUSION

We have analyzed several of the most recent
zebra-structure events using a multi-faceted ap-
proach to study the flare processes based on all
available new data from the Yohkoh, SOHO, and
TRACE satellites. Zebra structure and fiber bursts
are observed at frequencies from 20 to 6500 MHz.
The radiation of electrostatic plasma waves at higher
frequencies is probably suppressed in the dense flare
plasma. The main relative spectral parameters and
degree of circular polarization of zebra structure and
fiber bursts are nearly identical. The relative width of
the zebra-pattern stripes in emission varies very little
with frequency (≈0.003–0.005); the radio emission
corresponds to the ordinary mode.
New data on zebra structure and fiber bursts at

centimeter wavelengths shows that they are simi-
lar to the corresponding structures at meter wave-
lengths. A unified model for zebra structure and fiber
bursts involving whistlers can yield realistic values for
the magnetic-field strength B ≈ 160 G at a plasma
level of about 3 GHz. Using realistic dependences for
the electron density and magnetic field, the double-
plasma-resonance model for zebra structure predicts
a frequency dependence for the frequency separation
between stripes that is much stronger than is ob-
served.
Fine structure was observed simultaneous with

the ascent into the corona of new, hot magnetic loops,
and the frequency range occupied by the fine structure
in the dynamical spectrum is determined by the extent
of these new loops in the corona. The continuous
transition from fiber bursts to zebra structure and
vice versa testifies to a single nature for these two
structures. All themain properties of the emission and
absorption stripes can be explained in a model involv-
ing interactions between electrostatic plasma waves
and whistlers. The mechanism at double plasma res-
onance can be invoked to account for the large-scale
bands in the radiation whose duration is comparable
to that of the entire event, as was shown, for exam-
ple, in [10] for the EEL filament oscillating for two
hours. A detailed analysis of the behavior of the radio
sources corresponding to individual zebra stripes in
event 1994-10-25 at meter wavelengths shows that
analogous studies at centimeter wavelengths require
new positional observations of the radio-source dy-
namics obtained on instruments such as the CCPT
simultaneous with spectral observations.
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Abstract—The CORONAS-F DIFOS experiment continues the CORONAS-I studies started in 1994,
devoted to investigations of solar global oscillations. CORONAS-F was launched July 31, 2001. Variations
in the intensity of the solar radiation are measured in the six spectral intervals of the multi-channel
photometer: 350, 500, 650, 850, 1100, and 1500 nm, with the bandwidths being about 10% of the central
wavelength of each interval. The scientific goals of the experiment, a brief description of the instrument, and
observational conditions are presented, as well as the data processing techniques. The first observations
of the low-order p eigenmodes of the solar oscillations are presented for various wavelength ranges.
A decrease in the relative amplitudes with observing wavelength is indicated. The amplitude ratios for
various spectral ranges agree well with those detected earlier in ground- and space-based experiments.
c© 2004 MAIK “Nauka/Interperiodica”.
1. INTRODUCTION

The CORONAS-F DIFOS experiment is in-
tended for observations of global solar oscillations
and studies of the internal structure of the Sun.
The DIFOS multi-channel photometer can detect
variations in the intensity of the solar radiation simul-
taneously in six spectral intervals from the ultraviolet
to the near-infrared.

CORONAS-F was launched into a circular high-
latitude (82.5◦) orbit with an altitude of about 500 km
on July 31, 2001. The anticipated long-term, high-
quality measurements of the intensity of the solar
radiation are aimed at realizing the following research
program: to determine the frequencies, amplitudes,
and phases of the p modes of solar oscillations at
frequencies from 0 to 5 mHz; to study variations in
oscillation parameters associated with the 11-year
solar-activity cycle; to try to detect the g modes of
solar oscillations; to use the oscillation properties
derived to construct a model for the internal structure
of the Sun; and to determine the distributions of the
sound speed, density, and rotational velocity in the
solar interior.

The first stage of the DIFOS experiment was ac-
complished using the CORONAS-I satellite, laun-
ched into a high-latitude, circular orbit with an al-
titude of about 500 km on March 4, 1994. Contin-
uous series of data on variations of the intensity of
the solar radiation in three spectral intervals were
obtained over 52 days using the DIFOS photometer
1063-7729/04/4810-0871$26.00 c©
[1–3]. The spectral properties of 50 eigenmodes of the
solar oscillations have been determined and studied.
The frequencies and amplitudes of the identified p
modes were consistent with the results of ground-
based observations. The amplitude ratio for green and
red wavelengths was in agreement with that detected
earlier in ground-based observations [4]. Frequency
splitting for the p modes attributed to the solar rota-
tion was observed.

2. THE CORONAS-F
DIFOS PHOTOMETER

By taking into consideration the results obtained
with the CORONAS-I DIFOS photometer and
SOHO studies on helioseismology (the SPM pho-
tometers of the helioseismological VIRGO [5] device
are rather similar to theDIFOS photometer), we were
able to significantly modernize the photometer for
CORONAS-F. The main aspects of this moderniza-
tion are that the photoreceivers have a considerable
increase in sensitivity (by more than an order of
magnitude), and the spectral range is almost twice
as broad, with the number of spectral channels also
being increased from three to six.

The CORONAS-F DIFOS photometer (a block
diagram is presented in Fig. 1) can detect the radia-
tion intensity simultaneously at 350, 500, 650, 850,
1100, and 1500 nm, with the corresponding band-
widths being 10% of the central wavelengths, forming
2004 MAIK “Nauka/Interperiodica”
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Fig. 1. Block diagram for the multi-channel photometer.
a broad spectral interval from the ultraviolet to the
near-infrared.

The relative resolution of the DIFOS photometer
is 2 × 10−6 of the total solar radiation intensity, the
time spacing is 33.5 s, the field of vision is −2◦,
and the accuracy with which the optical axis can
be pointed toward the center of the solar disk is
no worse than 10′ (this is determined by the atti-
tude control of the spacecraft); there is no spatial
resolution capability (i.e., only low-order oscillation
modes with l ≤ 3 can be studied). Figure 2 shows the
relative arrangement of the spectral channels of the
CORONAS-F DIFOS photometer and the SOHO
detectors.

The DIFOS photometer can be used to (1) study
the wavelength dependence of the relative power of
the solar oscillations and test theoretical calculations
indicating a significant increase in the oscillation

 

400
DIFOS

SPM
LOI

GOLF
MDI

800 1200 1600
nm

Fig. 2. Comparative arrangement of the DIFOS spectral
channels and the spectral channels of the SOHO helio-
seismological devices: (MDI) Michelson Doppler Imager
of the solar oscillations, (GOLF) Global low-degree ve-
locity, (LOI) Luminosity Oscillation Imager, and (SPM)
SunPhotoMeter.
power in the ultraviolet [6]; (2) study the interaction
of acoustic and thermal waves in the upper layers of
the convective zone (observations at 1500 nm, which
represents the emission radiated from the deepest
layers of the photosphere, are most interesting in this
regard); (3) study variations in the solar irradiance,
and separate the contributions of sunspots, faculae,
the network, and other manifestations of solar activity
to variations of the solar constant [7]; (4) determine
the relations between the parameters of eigenmodes
(spectrum, power, lifetime, frequency variations) and
various manifestations of solar activity, and find
the conditions necessary to excite the oscillations;
(5) study the relationship between the observed
parameters of the global oscillations and the 11-year
solar-activity cycle; (6) determine the distributions of
the sound speed, density, and rotational velocity in the
solar interior.

3. MEASUREMENTS AND DATA
PROCESSING

The CORONAS-F DIFOS photometer has been
operating since August 22, 2001. The intensity data
are transmitted through two independent telemetric
channels, and lost data can be recovered via a com-
parison procedure. Our analysis of the data has ver-
ified their high quality. Data are lost during no more
than 10% of the operational time of the photometer
and are mainly associated with failures in the teleme-
try link.

Figure 3 shows the solar radiation intensity in
all the measurement channels as a function of time
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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Fig. 3. Intensity of the solar radiation in eight channels (six spectral ranges) of the DIFOS photometer (December 1, 2001,
orbit 1878).
for orbit 1878. The data form a series of equidis-
tant measurements with a time spacing of 33.554 s
and a duration of about an hour, followed by a half-
hour break due to the spacecraft being in the Earth’s
shadow. The zero intensities at the beginning and end
of each record correspond to the shadowed portion
of the satellite orbit. The different intensities during
the illuminated portion of the orbit are associated
with the different sensitivities of the photoreceivers
and different transparencies of the spectral filters in
different channels.

Figure 4 presents the photometer data detected in
one measurement channel for the illuminated portion
of the orbit. The observed trend is due to scattering
of the solar light reflected from the Earth’s surface.
An analytical curve approximating the trend is also
shown.

Figure 5 shows variations of the solar radiation
intensity used to examine the amplitude spectra at
0–5 mHz, obtained via a cleaning of the recording
presented in Fig. 4 (subtraction of the photoreceiver
dark currents, subtraction of trends, normalization,
etc.). The variations of the solar radiation intensity in
this plot do not exceed 0.02% of the total flux.

4. AMPLITUDE SPECTRA FOR VARIOUS
WAVELENGTH RANGES

Figure 6 presents the amplitude spectrum ob-
tained at 650 nm for a two-day observation. Sim-
ilar spectra were obtained for the other photometer
channels. The analysis of these spectra enables the
reliable identification of p modes for orders l = 0, 1,
and 2. We have detected 10–15 harmonics in the
range 2.5–3.5 mHz for each similar spectrum. The
numbers above the spectral peaks indicate l and n for
ASTRONOMY REPORTS Vol. 48 No. 10 2004
each oscillation mode. The mean relative amplitudes
of the oscillations vary from 10−6 to 10−5, depending
on the wavelength of the observations.

We used the two-day amplitude spectra to de-
termine the wavelength dependence of the relative
amplitudes. The mean amplitudes of the p modes at
2.5–3.5 mHz were calculated for each such spec-
trum. These amplitudes were then averaged over all
two-day spectra. We applied this procedure to all
six wavelength bands observed. Figure 7 presents
the wavelength dependence of the relative amplitude
derived using this procedure. There is a significant
increase in the oscillation amplitudes at short wave-
lengths, in agreement with theoretical calculations.
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Fig. 4. Solar radiation intensity at 350 nm for the illu-
minated portion of the orbit. The trend is due to light
reflected and scattered in the Earth’s atmosphere. An
analytical curve approximating the trend is also shown.
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Fig. 6. Amplitude spectrum for 5-minute solar oscillations detected in two days of data from the CORONAS-F DIFOS
photometer obtained at 650 nm (November 29–30, 2001, orbits 1831–1860).
A comparison with ground-based [4] and SOHO [5]
observations also shows a close agreement.

The amplitude of each individual mode is wave-
length dependent, and is determined by the depth
in the solar atmosphere at which the radiation at

this wavelength is formed. The dependence obtained

provides an observational basis for testing theoretical
ASTRONOMY REPORTS Vol. 48 No. 10 2004
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Fig. 7. Relative amplitude of the solar oscillations as a
function of wavelength.

calculations and modeling the conditions for the for-
mation of radiation at wavelengths of 350–1500 nm.

5. CONCLUSIONS

The CORONAS-F DIFOS multichannel pho-
tometer provides extensive information on the global
solar oscillations at wavelengths of 350–1500 nm
near the maximum of the current (23rd) solar-activity
cycle. The data obtained enable us to construct the
amplitude spectra for p modes at 2.5–3.5 mHz and
to identify the oscillation harmonics. The wavelength
ASTRONOMY REPORTS Vol. 48 No. 10 2004
dependence of the relative amplitude shows an ap-
preciable increase in the oscillation amplitudes in the
ultraviolet. This dependence agrees well with ground-
based data obtained at Tenerife (Spain) in 1984–
1986 and with SOHO observations (in overlapping
bands). To date, the DIFOS experiment has accu-
mulated data continuously over more than two years,
and the results are being extended and refined as new
scientific information becomes available.
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