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Abstract—We present our spectroscopic observations of the novae V1425, V1493, and V1494 Aql carried
out with the 125-cm telescope at the Crimean Station of the Sternberg Astronomical Institute in the
wavelength range 4000–11 000 Å. We measured the emission-line intensities, determined the nova shell
expansion velocities from the line profile FWHMs and components, and estimated the interstellar reddening
from the first members of the Balmer series. The chemical composition of the nova shells is analyzed.
Nitrogen and oxygen were found to be overabundant in V1425 and V1494 Aql; the helium abundance
turned out to be normal in the two stars. c© 2002 MAIK “Nauka/Interperiodica”.
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INTRODUCTION
Novae are the product of a late evolutionary stage

of binary components. In a close binary, the material
lost by the less massive lobe-filling red component is
accreted onto the hot white dwarf that evolved from
the more massive component. When the accreted
material reaches a critical mass, a thermonuclear
flash occurs on the white-dwarf surface, and we ob-
serve a nova outburst. The outburst development
rate and strength significantly depend on white-dwarf
parameters: the mass and surface chemical compo-
sition. The CNO elements in the most luminous
and fastest novae are currently believed to be over-
abundant. The numerous abundance determinations
for nova shells available to date are in poor agree-
ment with theoretical predictions. In particular, a
correlation between the CNO abundances and the
brightness decline rate is barely traceable. Progress
in establishing the chemical composition of novae and
its relationship to stellar evolution can be made both
by increasing the quantity and quality of observational
data and by improving the theory of nucleosynthesis
at late stages of stellar evolution. Accordingly, we
set the objective of investigating the shell chemical
composition for all the recent novae accessible to
observation. Our study of three novae that erupted
in 1995–1999 is part of this program and the subject
of this paper.

OBSERVATIONAL DATA
AND THEIR REDUCTION

All nova spectra were taken at the Crimean Sta-
tion of the Sternberg Astronomical Institute at the

*E-mail: vera@sai.msu.ru
1063-7737/02/2802-0100$22.00 c©
Cassegrain focus of the 125-cm reflector with a fast
spectrograph. The detectors were SBIG ST-6 and
ST-6I CCD arrays with 375 × 242 pixels and, in the
spectral mode, with 750 × 242 pixels. The spectral
resolution with a 600 lines mm−1 diffraction grating
was ≈6 Å per pixel and ≈3 Å per pixel in the spec-
tral mode. The observed spectral range was 4000–
11000 Å. The complete nova spectrum consisted of
two (occasionally three or four) partially overlapping
frames that corresponded to different grating rota-
tion angles. The spectral range of each frame was
≈2000 Å. We took several frames with different ex-
posure times and chose the best ones in our data
reduction.
First, we preprocessed the frames with the ST6

and ST-6I programs supplied with the CCD arrays.
Next, we corrected the frames for the CCD spec-
tral sensitivity and for the atmosphere by using the
observed standard stars. Their absolute energy dis-
tributions (in erg cm−2 s−1 Å−1) were taken from
the spectrophotometric catalog by Glushneva et al.
(1982). The airmass difference between the stan-
dard and program stars did not exceed 0.1 and was
disregarded in our data reduction. The spectra were
calibrated with the ESIP.EXE and KOEF.EXE pro-
grams written by A.M. Tatarnikov. Subsequently, we
used the SPE program written by S. Sergeev at the
Crimean Astrophysical Observatory to process the
spectra.
The line intensities were determined by using this

program. Weak lines were always measured in the
spectra with the highest signal-to-noise ratio, gen-
erally the spectra with the longest exposure time.
Strong lines were measured in all the spectra where
2002 MAIK “Nauka/Interperiodica”
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Table 1. Spectroscopic observations of V1425 Aql

Date
(1995) ∆t, days mV Spectral range Exposure

time, s

May 28 124 ∼12 1 180

2 180

3 180

4 180

May 29 125 ∼12 1 600

2 600, 60

3 600

4 600

July 26 183 ∼12.6 1 900

2 900

3 900

4 1200

Sep. 2 221 ∼12.8 3 1200

4 1800

they were not saturated. For each date of observation,
we calculated a mean. We estimated the accuracy of
measuring the intensities of weak lines to be 30%.
Our observational data are given in Tables 1–

3. These tables also list ∆t, the epoch after max-
imum light, and mV , the magnitude of the star at
this epoch estimated from the overall light curves
constructed below. We carried out the spectroscopic
observations of V1425 Aql and V1494 Aql when the
two novae were at the nebular stage. The spectro-
scopic observations of V1493 Aql began on day 4
after maximum light and continued until the nebular
phase. The numbers in the Spectral range columns
denote the following wavelength ranges: 1—4000–
5800 Å, 1.5—4750–6650 Å, 2—5700–7600 Å, 3—
7500–9400 Å, and 4—9300–11000 Å.

AN OVERVIEW OF THE NOVAE STUDIED

Light Curves

The nova V1425 Aquilae was discovered on
February 7, 1995 (Takamizava 1995), when its ap-
parent magnitude was ∼8m. According to Kolotilov
et al. (1996), this occurred ≤20 days after its
ASTRONOMY LETTERS Vol. 28 No. 2 2002
Table 2. Spectroscopic observations of V1493 Aql

Date
(1999) ∆t, days mV Spectral range Exposure

time, s

July 17 4 ∼11 1 600

2 600, 180, 60

3 600

July 19 6 ∼11.6 2 600

3 600

4 1800

July 21 8 ∼12 1 600, 1800

2 600, 60

July 22 9 ∼12 1 60, 1800

2 60,60

Aug. 4 22 ∼13 1 1800

2 1200, 60, 180

3 1200

Sep. 16 65 ∼15 1 1800

2 1800, 180

Oct. 18 97 ∼16 2 1800

Nov. 2 112 ∼15 1 1800

Nov. 5 115 ∼16 1 3600

outburst and ≤10 days after the onset of brightness
decline. The nova V1493 Aql was discovered on
July 13, 1999 (Tago 1999) near maximum light,
when its apparent magnitude was 8m. 8. The nova
V1494 Aql was discovered when its brightness was
rising. Figures 1–3 show the overall light curves
of the novae that were constructed from the various
estimates taken from IAU Circulars (2000) and, for
V1425 Aql, from the data in Kolotilov et al. (1996).
Table 4 presents the photometric parameters of the
novae that we obtained from the overall light curves
and took from three other papers. The data sources
are indicated in the table as follows: (1)—Mason
et al. (1996); (2)—Kolotilov et al. (1996); (3)—this
paper; and (4)—Kiss and Thomson (2000). The nova
types, as inferred from the brightness decline rate,
are given according to the classification by Payne-
Gaposchkin (1957); the luminosities were determined
from t2V .

Color Excesses

We determined the color excesses E(B–V ) from
our measured Balmer decrement by using mostly the
first Balmer lines. Theoretical values of the decrement
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Table 3. Spectroscopic observations of V1494 Aql

Date
(2000) ∆t, days mV Spectral range Exposure

time, s

Mar. 30 118 ≥10 1 300, 60

2 300, 60

3 300

May 8 175 ≥10 1 300

2 300, 60

3 600

4 1200

May 26 175 ≥10 1 600, 180

2 600, 180, 60

3 1200

4 1800

June 30 210 ≥10 1 1200, 180

2 600, 60

July 2 212 ≥10 1 1200, 60

2 1200, 60

3 1200

4 1800

July 24 234 ≥10 1 1800, 60

1.5 600

2 1200, 60

3 1200

4 1800

Sep. 3 275 ≥10 1 1800, 300

2 1200, 300

Sep. 29 301 ≥10 1 1800, 300

2 1800

3 1800

Oct. 25 327 ≥10 1 1800

2 1800

were taken from Aller (1984). Our results are pre-
sented in Table. 4.

EVOLUTION OF THE NOVA SPECTRA
OVER THE OBSERVING PERIOD

V1425 Aquilae. No significant changes occurred
in the spectrum over the observing period. The spec-
trum exhibited Balmer hydrogen lines (Hα,Hβ,Hγ);
lines of neutral and ionized helium (He I λ5876 Å,
λ6678 Å, λ7065 Å, He II λ4686 Å); permitted and
forbidden lines of singly and doubly ionized nitrogen
(N II λ5680 Å, [N II] λ5755 Å, N III λ4640 Å); and
forbidden lines of oxygen ([O I] λ6300 Å, λ6364 Å,
[O II] λ7320 + 7330 Å, [O III] λ4363 Å, λ4959 Å,
λ5007 Å), argon ([Ar III] λ7135 Å, [Ar IV] λ7236 Å,
[Ar V] λ7006 Å), and iron ([Fe VII] λ6087 Å).
Noteworthy among the weak lines is a blend of
forbidden iron lines, [Fe VI] λ5146 + 5176 Å, and the
[Ca V] λ5309 Å line. The May 29, 1995 spectrum of
V1425 Aql is shown in Fig. 4.

V1493 Aquilae. The July 1999 spectra exhib-
ited Balmer hydrogen lines, lines of ionized iron (37,
38, 42, 48, 49, 74 multiplets), N II λ5680 Å, and,
possibly, He I λ5876 Å. On August 4 (∆t = 22d),
the iron lines disappeared, although an unresolvable
feature near 5000 Å remained. However, nebular
lines began to grow on this date. An intense line of
ionized oxygen, [O II] λ7320 + 7330 Å, and the [N II]
λ5755 Å line appeared. On September 16 (∆t =
65d), V1493 Aql was at the nebular phase. The He I
λ6678 Å, λ7065 Å and [O I] λ6300, λ6364 Å lines ap-
peared. The nebular [O III] λ5007 Å line split up into
two components with a separation of ∼2800 km s−1.
By the last (in time) observations (∆t = 112d and
∆t = 115d), only the Balmer hydrogen lines and the
forbidden oxygen and nitrogen lines remained in the
spectrum. All lines in the spectrum of V1493 Aql
were broad. Figures 5 and 6 show the spectrum of
V1493 Aql.

V1494 Aquilae. By the beginning of its observa-
tions, V1494 Aql was at the nebular phase. The spec-
trum exhibited Balmer hydrogen lines, lines of neutral
and ionized helium (He I λ5876 Å, λ6678 Å, λ7065 Å;
He II λ4686 Å, λ5411 Å); lines of ionized oxygen
([O II] λ7320 Å, λ7330 Å, [O III] λ4363 Å, λ4959 Å,
λ5007 Å); lines of singly and doubly ionized nitrogen
(N II λ5678 Å, [N II]λ5755 Å, N IIIλ4640 Å), [Fe VII]
λ6087 Å; broad blends of [Fe VI] λ5146 Å, [Fe VII]
λ5159 Å, [Fe VI] λ5176 Å, and [Ar III] λ5191 Å;
as well as [O I] λ6300 Å, He II λ6310 Å, [O I]
λ6364 Å and, possibly, [Fe X] λ6374 Å. Over the en-
tire observing period, all lines were broad, FWHM =
2700–3100 km s−1, and flat topped. The strongest
lines split up into three components, with the central
component generally being weakest. There was no
such splitting at the beginning of our observations
in the [Fe VII] λ6087 Å line. The profile splitting
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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Fig. 1. The light curve of V1425 Aql.

into components was most distinct inHα and [O III]
λ5007 Å (Figs. 7–10).
Later, theOVI λ5291 Å and λ6195 Å lines showed

up; they were also broad but with unsplit sharp tops:
O VI λ5291 Å appeared on May (∆t ≥ 150d), and
O VI λ6195 Å appeared on July (∆t ≥ 213d). Be-
fore this time, something weak and shapeless was
observed at the positions of these lines. On June 30
(∆t ∼= 210d), the [Fe VII] λ5721 Å line was clearly
present, and the [Fe VII] λ6087 Å line exhibited a
three-component profile. On May 26 (∆t ∼= 175d),
the [Fe X] λ6374 Å line assumed a characteristic
flat shape, and its presence was beyond question.
With the passage of time, the line top sharpened
as in O VI. Noteworthy among the weak lines is
the N III λ4515 Å line. Of the unidentified lines,
we mention the ∼λ5940 Å (N II?, [Mn VI]?) and
∼λ6480 Å (N III?) features, which were also char-
acteristically flat topped.
With the passage of time, the nebular lines, the

lines of ionized helium, and the O VI, [Fe VII], and
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Fig. 2. The light curve of V1493 Aql.
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[Fe X] lines strengthened, while the He I lines weak-
ened, fading away. An idea of the spectral evolution of
V1494 Aql can be gotten from Figs. 11–12.

EXPANSION VELOCITIES OF THE
V1425 Aql, V1493 Aql, AND V1494 Aql

SHELLS

The spectrum of V1425 Aql exhibited narrow
lines. The expansion velocities measured from full
widths at half maximum (FWHM) are given in Ta-
ble 5. The mean velocity was 1400 km s−1. However,
the velocities determined from nebular lines exceed
1600 km s−1.
In the spectrum of V1493 Aql, all lines were broad

and had complex multicomponent profiles. Since
there is virtually no isolated line, the measured widths
of even moderately intense lines are very uncertain.
Only the Balmer hydrogen lines were clearly distin-
guishable. These were used to estimate the shell
expansion velocities. Table 6 gives the expansion
velocities measured from the Balmer-line FWHMs.
The mean velocity was 3400 km s−1.
For V1494 Aql, the profiles of almost all lines

showed a characteristic tabletop shape with a double-
or often triple-peaked top without extended wings.
High-excitation lines, such as O VI λ5291 Å and
[Fe X] λ6374 Å, were unsplit, and had broad wings
and sharp tops. We measured the separations be-
tween the extreme profile components for various
lines. The results are presented in Table 7. The split-
ting was largest in Hα and in lines of neutral helium
(≥2100 km s−1) and smallest in the [O II] λ7320 +
7330 Å line. We also measured the line FWHMs. The
expansion velocity was, on the average, 2800 km s−1.
However, the velocity determined from the nebular
[O III] λ5007 Å line is ≥3100 km s−1. The velocities
derived from the FWHMs are given in Table 8.
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Fig. 3. The light curve of V1494 Aql.
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Fig. 4. The 4000–7600 Å spectrum of V1425 Aql.
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Fig. 5. The 4000–7500 Å spectrum of V1493 Aql taken on July 21, 1999.
EMISSION LINE INTENSITIES

To determine the color excess, we measured
only the Balmer hydrogen lines in the spectrum of
V1493 Aql and almost all the identified lines whose
intensities exceeded one hundredth of the Hβ inten-
sity in the spectra of V1425 Aql and V1494 Aql. Be-
low, to determine the chemical composition of these
novae, we corrected the line intensities for interstellar
reddening by using the derived color excesses.

Some lines in the spectrum of V1494 Aql turned
out to be blended. Since we failed to resolve blends by
reconstructing the profiles of individual lines because
of the complex line shape, we had to act differently in
each case. Thus, for example, to determine the helium
abundance required separating the He II λ4686 Å line
from the blend with N III λ4640 Å. This procedure
was carried out manually: the blend was simply di-
vided in two at the central wavelength. This method
yielded a rough, but, in our view, quite plausible
estimate of the Не++ abundance in the V1494 Aql
shell. In addition, the [Fe VII] λ5721 Å and [N II]
λ5755 Å lines have been blended since July 2000. To
separate the nitrogen lines, we subtracted the inten-
sity of [Fe VII] λ6087 Å multiplied by 0.65 (Nuss-
baumer and Storey 1982) from the blend intensity.
All the measured line intensities uncorrected for

interstellar reddening are given in Tables 9 and 10.

THE ELECTRON TEMPERATURE
AND DENSITY IN THE NOVA SHELLS

To determine the plasma parameters in the shell
of V1425 Aql, we used the line ratios R(O III) =
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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Fig. 6. The 4200–7500 Å spectrum of V1493 Aql taken on September 16, 1999.
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Fig. 7. The Hα profile in the spectrum of V1494 Aql
taken onMay 26, 2000.

(I(λ4959) + I(λ5007))/I(λ4363) and
I(λ5176)/I(λ5146), which depend on the electron
temperature Te and density Ne. The theoretical data
that show a dependence of these ratios on the plasma
parameters were taken from De Robertis et al.
(1987) for [O III] and from Nussbaumer and Storey
(1978) for [Fe VI]. The temperature and density were
assumed to be constant over the entire volume of the
nebula. For V1425 Aql, we obtained the following
gas parameters:

I. May 28 and 29, 1995: Ne = 7 × 106 cm−3, Te =
12000 K;

II. June 26, 1995: Ne = 4 × 106 cm−3, Te =
12000 K.
V1494 Aql exhibited broad lines with complex

profiles. We failed to resolve the blend of [Fe VI]
RONOMY LETTERS Vol. 28 No. 2 2002
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Fig. 8. The Hα profile in the spectrum of V1494 Aql
taken on October 25, 2000.

λ5146 Å and λ5176 Å. Since we had only one ratio,
R(O III), at our disposal to determine the temperature
and electron density, we took a constant temperature
of 11000 K for all the epochs of observations. This
value is the mean for novae at the nebular phase (Sni-
jders 1990). We estimated the electron density from
R(O III). The temperature and density were assumed
to be constant over the entire volume of the nebula.
We used the following gas parameters in our chemical
composition calculations for V1494 Aql:

I. May 8 and 26, 2000: Ne = 4 × 107 cm−3, Te =
11000 K;
II. June 30, July 2 and 24, 2000: Ne = 2 ×

107 cm−3, Te = 11000 K;
III. September 3 and 29, October 25, 2000: Ne =

107 cm−3, Te = 11000 K.
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Table 4. Photometric parameters and distances of the novae

Parameter V1425 Aql V1493 Aql V1494 Aql

JDmax 2449742.5± 4.0 (1) 2451373 (3) 2451515 (3)

t2 11d (1) 3d (3) 6d (3), 6.6 ± 0d.5 (4)

t3 ≈39d (2) 7d (3) 15d (3), 16 ± 0d.5 (4)

mV max 5m. 9–6m. 5 (1) 8m. 8 (3) 3m. 7 (3)

≈7m. 4 (2)

MV max −8m. 6 (1) −9m. 6 (3) −8m. 8 (3)

≈−7m. 5 (2)

E(B − V ) ≥0.53(1), 0.65(2), 1(3) ≈1.5(3) 0.66 (3)

Type F vF vF

D 3.6–4.8 kpc (1), 3.7 kpc (2) 4.2 kpc (3) 1.2 kpc (3)
DETERMINING THE CHEMICAL
COMPOSITION OF THE NOVA SHELLS

Helium

The total helium abundance is the sum of the
Не0, Не+, and Не++ abundances. The unobservable
ionization state Не0 is disregarded, because the entire
helium in the nova shell is assumed to be ionized.
We determined the Не+ abundance from the Не I
λ5876 Å and λ6678 Å lines (Aller 1984):

log
N(He+)
N(H+)

= −0.133 + 0.235

× log te + log
I(λ5876)
I(Hβ)

,

log
N(He+)
N(H+)

= 0.851 + 0.216 × log te
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Fig. 9. The nebular line profile in the spectrum of
V1494 Aql taken on May 8, 2000.
+
0.0158
te

+ log
I(λ6678)
I(Hα)

,

where te = Te/104 K.
The Не++ abundance was determined from the

λ4686 Å line (Aller 1984):

log
N(He++)
N(H+)

= −1.077 + 0.135 × log te

+
0.135
te

+ log
I(λ4686)
I(Hβ)

.

To obtain the true Не+ abundance, we must al-
low for the collision excitation of the He I 2s2 3S
metastable level, whose contribution increases with
electron density. The method of allowance and the
correction factor C/R as a function of the tempera-
ture and density are given in Clegg (1987).
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Fig. 10. The nebular line profile in the spectrum of
V1494 Aql taken on October 25, 2000.
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Table 5. The expansion velocity of the V1425 Aql shell as
derived from the FWHM, in km s−1

λ, Å May 28, 1995 May 29, 1995 July 7, 1995 Mean

4640 1700 1700 1760 1720

Hβ 1300 1340 1340 1330

4959 1720 1720 1580 1670

5007 1670 1680 1560 1640

5755 1600 1610 1460 1660

5876 1290 1330 1450 1360

6087 1320 1290 1180 1260

6300 1350 1330 1220 1300

Hα 1230 – 1270 1250

6678 1340 1330 1200 1290

7065 1230 1180 1180 1200

7325 1650 1630 1460 1580

The results are presented in Table 11. The mean
helium abundances were taken to be 〈He/H〉 = 0.11
for V1425 Aql and 〈He/H〉 = 0.14 for V1494 Aql.

Oxygen

The oxygen abundance was calculated by two
methods: first, by adding up all the observable
ionization stages:

O
H

=
O0(λ6300)
H+(Hβ)

+
O+(λ7325)
H+(Hβ)

+
O++(λ5007)

H+(Hβ)
,

and, second, by using the He/He+ ratio as the ICF
(Aller 1984):

O
H

=
[
O+(7320 + 7330) + O++(5007)

H+(Hβ)

]
× He

He+ .

The ionization correction factor (ICF) was used to
allow for the unobservable ionization stages of the
element. It is calculated by assuming that the abun-
dance ratios of two ions with approximately equal
ionization potentials are equal to the ratio of their total
abundances. Since the first formula disregards the
higher ionization stages, it gives only a lower limit
on the oxygen abundance. We used this method only
for V1425 Aql, because we failed to separate the [O I]
λ6300 Å line from the blend with He II λ6310 Å in the
spectrum of V1494 Aql.
ASTRONOMY LETTERS Vol. 28 No. 2 2002
Table 6. The expansion velocities of the V1493 Aql shell
as derived from the FWHMs forHβ andHα, in km s−1

Date (1999) Hβ Hα

July 17 3300 3610

July 21 3220 3540

July 22 3160 3450

Aug. 4 3360 3180

Sept. 16 3400 3120

Oct. 18 – 3640

The results of our calculations are presented in
Table 12. For V1425 Aql, the estimate obtained
by the first method (the next-to-last column) agrees
with the estimate obtained by the second method (the
last column). The mean oxygen abundances were
taken to be 〈O/H〉 = 1.5 × 10−3 for V1425 Aql and
〈O/H〉 = 1.9 × 10−2 for V1494 Aql.

Nitrogen

The nitrogen abundance was calculated by three
methods: first, by adding up all the observable ioniza-
tion stages (for V1425 Aql alone):

N
H

=
N+(λ5755)
H+(Hβ)

+
N2+(λ5680)

H+(Hβ)
+

N3+(λ4640)
H+(Hβ)

,

second, by using the He/He+ ratio as the ICF (Aller
1984):

N
H

=
[
N+(λ5755) + N++(λ5680)

H+(Hβ)

]
× He

He+ ,

and, third, by using the О/О+ ratio as the ICF (Aller
1984):

N
H

=
N+

H+
× O

O+
.

For V1425 Aql, the λ5680 Å line was used in the
abundance determination by the first and second
methods. It always gives a large nitrogen abun-
dance, which may be due to its peculiar excitation.
In our case, the first and second estimates proved
to be an order of magnitude larger than the third
estimate. Therefore, we retained two values for
the nitrogen abundance: those obtained with and
without the λ5680 Å line, 〈N/H〉 = 2.3 × 10−2 and
〈N/H〉 = 4.2 × 10−3, respectively. For V1494 Aql,
we disregarded N++; accordingly, the estimate ob-
tained with the Не/Не+ ratio is a lower limit on the
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Table 7. The expansion velocities of the V1494 Aql shell (in km s−1) as estimated from the separation between the
extreme profile peaks

Date (2000) Hβ λ5007 Å λ5755 Å λ5876 Å λ6087 Å Hα λ7065 Å λ7325 Å

Mar. 30 1790 1740 2110 2120 – 2200 2080 1720

May 8 1790 1740 2110 2040 – 2100 2080 1470

May 26 1790 1740 2110 2040 – 2100 2080 1680

June 30 1420 2040 2110 2070 1970 2060 2080 1680

July 2 1610 2040 1820 2220 1970 2330 2290 1680

July 24 1610 1720 1980 2110 1950 2170 2080 1680

Sept. 3 1790 2040 2090 2110 1970 2100 – 1580

Sept. 29 1790 1740 2110 – 1970 2060 – 1470

Oct. 25 1790 1740 – – 2250 2060 – 1560

Mean 1710 1840 2060 2100 2010 2130 2120 1610

Table 8. The expansion velocities of the V1494 Aql shell (in km s−1) as estimated from the line FWHMs

Date (2000) Hβ λ5007 Å λ5755 Å λ5876 Å λ6087 Å Hα λ7065 Å λ7325 Å

Mar. 30 2900 3070 2790 2790 – 2910 2750 2770

May 8 2850 3100 2780 2800 2990 2690 2770 2800

May 26 2870 3170 2780 2760 2820 2720 2810 2790

June 30 2920 3110 2870 2780 2790 2800 2890 2770

July 2 2900 3120 2870 2770 2860 2750 2840 2720

July 24 2890 3350 2820 2800 2820 2710 3020 2800

Sept. 3 2950 3030 2730 2810 2800 2760 – 2790

Sept. 29 2910 3000 2740 – 2790 2710 – 2790

Oct. 25 2940 3150 – – 2820 2720 – 2890

Mean 2900 3120 2800 2790 2840 2750 2850 2790
nitrogen abundance. The mean nitrogen abundances
determined by different methods (using the Не/Не+

and О/О+ ratios as the ICF) differ by a factor
of 30. We retained two mean values for the nitrogen
abundance: those obtained with helium and oxygen,
〈N/H〉 = 1.5 × 10−3 and 〈N/H〉 = 4.3 × 10−2, re-
spectively. The results for the two novae are presented
in Table 13.
Argon

The argon abundance was determined only for
V1425 Aql, because the spectrum of V1494 Aql ex-
hibited no detectable argon lines. The argon abun-
dance can be estimated by using nitrogen data. How-
ever, this requires the N II λ5680 Å line, whose pecu-
liarity was already noted above. Thus, we calculated
the argon abundance by different methods: first, by
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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Fig. 11. The 4000–7500 Å spectrum of V1494 Aql taken on May 8, 2000.
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Fig. 12. The 4000–7500 Å spectrum of V1494 Aql taken on September 29, 2000.
adding up all the observable ionization stages

Ar
H

=
Ar2+(λ7135)

H+(Hβ)

+
Ar3+(λ7236)

H+(Hβ)
+

Ar4+(λ7006)
H+(Hβ)

;

and, second, by using the He/He++ ratio as the
(Saizar et al. 1992)

Ar
H

=
Ar4+(λ7006)

H+
× He

He++(λ4686)
.

The first estimate was found to be an order of magni-
tude larger than the second estimate, with Ar3+ giv-
ing the largest contribution to the total argon abun-
dance. Yet another line, most likely the C II doublet,
STRONOMY LETTERS Vol. 28 No. 2 2002
may contribute appreciably to the λ7236 Å intensity.
For argon, we also retained two estimates: 〈Ar/H〉 =
9.4× 10−6, which was derived by the summation over
the three ionization stages; and 〈Ar/H〉 = 1.12 ×
10−6, which was calculated by using the ionization
correction. The results are presented in Table 14.

Iron

The iron abundance is commonly determined from
the ratio (Andrea et al. 1994)

Fe
H

=
[
Fe5+ + Fe6+

H+(Hβ)

]
× He

He++ .

In our case, the [Fe VI] lines were weak and
blended in the spectra of both novae. Therefore, we
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Table 9. The line intensities relative to Hβ uncorrected for interstellar reddening, R(O III), and the intensity ratio of
[Fe VI] λ5176 Å and λ5146 Å for V1425 Aql

λ May 28, 1995 May 29, 1995 July 26, 1995

Hγ 0.31 0.46 0.39

Hβ 1.00 1.00 1.00

Hα 12.28 8.64 9.15

4363 [O III] 1.07 1.00 1.09

4640 N III 0.52 0.48 0.47

4686 He II 0.24 0.21 0.23

4959 [O III] 1.97 2.05 3.27

5007 [O III] 6.16 6.41 10.42

5309 [Ca V] 0.09 − –

5680 N II 0.19 0.18 0.16

5755 [N II] 1.2 1.13 1.27

5876 He I 0.33 0.32 0.29

6087 [Fe VII] 0.17 0.17 0.28

6300 [O I] 0.73 0.64 0.35

6364 [O I] 0.47 0.42 0.24

6678 He I 0.18 0.15 0.11

7006 [Ar V] 0.07 0.05 0.06

7065 He I 0.34 0.31 0.24

7135 [Ar III] 0.34 0.28 0.33

7236 [Ar IV] 0.23 0.19 0.14

7320+7330 [O II] 1.31 1.21 1.25

R(O III) 4.36 4.89 7.15

I(λ5176)/I(λ5146) [Fe VI] 1.9 − 2.3
estimated a lower limit on the iron abundance in both
cases by taking into account only Fe6+ and by using
the [Fe VII] λ6087 Å line. The calculated ratios were
taken from Nussbaumer and Storey (1982)

N(Fe6+)
N(H+)

=
ε(Hβ) ×Ne

n(1D) ×A(λ6087) × hν
× I(λ6087)

I(Hβ)
,

where A(λ6087) is the emission probability in the

λ6087 Å line, and n(1D) =
N(Fe6+ 1D2)
N(Fe6+)

is tabulated

in the above paper.

The mean iron abundances were taken to be
〈Fe/H〉 = 2.5 × 10−5 for V1425 Aql and 〈Fe/H〉 =
4.8 × 10−5 for V1494 Aql. The results are presented
in Table 15.
CONCLUSIONS

We have determined the chemical composition of
the shells for three novae from their optical spectra.
The spectra of standard stars were used to calibrate
the nova spectra. In principle, this procedure is
reliable, and it introduces minimum errors. How-
ever, since the CCD spectral sensitivity is low in the
wavelength range 4000–4500 Å, the intensities of the
lines in this range are measured with a much lower
accuracy than the line intensities in other wavelength
ranges and using them increases the uncertainty of
the result.
The question of plasma parameters is crucially im-

portant in an abundance analysis. The proper choice
of the electron density and, particularly, temperature
is of great importance in obtaining reliable estimates.
The shell temperatures differ for different ions. In
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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Table 10. The line intensities for V1494 Aql uncorrected for interstellar reddening. TheHβ intensity =1.00

λ May 8, May 26, June 30, July 2, July 24, Sep. 3, Sep. 29, Oct. 25,

2000 2000 2000 2000 2000 2000 2000 2000

4340 Hγ+4363 [O III] 2.23 2.70 2.77 2.65 3.09 3.03 3.66 3.09
4515 N III 0.22 – 0.20 0.22 0.22 0.20 0.28 0.37
4640 N III 1.03 0.67 0.98 1.00 1.01 1.04 1.17 1.11
4686 He II 0.48 0.39 0.65 0.69 0.62 0.72 0.93 1.17
4959+5007 [O III] 5.66 8.89 9.75 8.99 10.98 21.17 17.57 18.31
5291 O VI 0.11 0.17 0.25 0.28 0.33 0.47 0.65 0.76
5411 He II 0.05 0.05 0.07 0.09 0.07 0.09 0.12 0.12
5678 N II 0.18 0.18 – – – – – –
5721 [Fe VII] – – – – 0.28 0.47 0.67 0.66
5755 [N II] 0.60 2.11 0.89 0.84 1.05 1.30 1.10 0.72
5876 He I 0.20 0.22 0.17 0.17 0.15 0.12 0.08 0.07
5941 N II 0.03 0.03 0.03 0.03 0.02 – – –
6087 [Fe VII] 0.15 0.20 0.40 0.38 0.51 0.84 1.21 1.17
6195 O VI 0.04 – 0.04 0.04 0.06 0.08 0.10 0.13
6300 [O I]+6310 He II – 0.22 – 0.06 – 0.16 0.16
6374 [Fe X] – – 0.14 0.10 0.18 0.31 0.37 0.45
6480 – – – – – 0.15 0.19 0.28
6563Hα 5.43 7.98 6.35 5.85 5.96 6.20 5.85 5.43
6678 He I 0.07 0.07 0.07 0.05 – – – –
7065 He I 0.21 0.23 0.18 0.21 0.18 0.18 – –
7320+7330 [O II] 0.39 1.17 0.50 0.53 0.61 1.06 0.75 0.50
R(O III) 2.12 2.65 2.82 2.73 2.81 5.51 3.71 4.68

Table 11.Helium abundances in the shells of V1425 Aql and V1494 Aql

Star Date
He+/H+ He++/H+ He/H

λ5876 Å λ6678 Å mean λ4686 Å
V1425 Aql May 28, 1995 0.085 0.117 0.096 0.024 0.12

May 29, 1995 0.080 0.107 0.089 0.021 0.11

July 26, 1995 0.073 0.076 0.074 0.024 0.10

V1494 Aql May 8, 2000 0.072 0.082 0.075 0.060 0.135

May 26, 2000 0.078 0.056 0.071 0.048 0.119

June 30, 2000 0.060 0.070 0.063 0.081 0.114

July 2, 2000 0.060 0.051 0.057 0.086 0.143

July 24, 2000 0.054 – 0.054 0.077 0.131

Sept. 3, 2000 0.042 – 0.042 0.089 0.131

Sept. 29, 2000 0.030 – 0.030 0.115 0.145

Oct. 25, 2000 0.024 – 0.024 0.145 0.169
practice, however, the dependence of temperature on
the ionization stage is disregarded. We did not in-
troduce a temperature stratification in the nova shells
either. For example, the temperatures in the Не+

and Не++ zones were assumed to be equal, which
ASTRONOMY LETTERS Vol. 28 No. 2 2002
appears to be untrue. The assumption of a uniform
density is also a simplification of the actual mass
distribution in the shells. Much of the shell mass
may be concentrated in dense clumps, so the filling
factor will be very small. This all is confirmed by
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Table 12.Oxygen abundances in the shells of V1425 Aql and V1494 Aql

Star Date O++/H+, 10−3 O+/H+, 10−4 O0/H+, 10−4 O/H, 10−3 O/H(He), 10−2

V1425 Aql May 28, 1995 1.1 0.89 1.5 1.3 0.15

May 29, 1995 1.2 0.83 1.4 1.4 0.16

July 26, 1995 1.3 0.71 0.5 1.4 0.18

V1494 Aql May 8, 2000 6.13 2.36 – – 1.15

May 26, 2000 9.62 7.07 – – 1.73

June 30, 2000 5.36 1.75 – – 1.00

July 2, 2000 4.95 1.85 – – 1.29

July 24, 2000 6.04 2.14 – – 1.52

Sept. 3, 2000 6.01 2.36 – – 1.95

Sept. 29, 2000 4.99 1.67 – – 2.49

Oct. 25, 2000 5.20 1.12 – – 3.74

Table 13.Nitrogen abundances in the shells of V1425 Aql и V1494 Aql

Star Date N+/H+, 10−4 N2+/H+, 10−2 N3+/H+, 10−3 N/H, 10−2 N/H(He), 10−3 N/H(O), 10−2

V1425 Aql May 28, 1995 2.1 1.8 8 2.6 23 0.38

May 29, 1995 1.9 1.7 7.3 2.4 21 0.37

July 26, 1995 2 1.5 7.1 2.2 20 0.51

V1494 Aql May 8, 2000 4.58 – – – 0.824 2.22

May 26, 2000 16.0 – – – 2.68 3.92

June 30, 2000 4.43 – – – 0.802 2.54

July 2, 2000 4.19 – – – 1.05 2.92

July 24, 2000 5.22 – – – 1.27 3.70

Sept. 3, 2000 4.80 – – – 1.50 3.96

Sept. 29, 2000 4.04 – – – 1.95 6.03

Oct. 25, 2000 2.63 – – – 1.85 8.78

Table 14. Argon abundances in the shell of V1425 Aql

Date (1995) Ar2+/H+, 10−6 Ar3+/H+, 10−6 Ar4+/H+, 10−7 Ar/H, 10−6 Ar/H(He), 10−7

May 28 1.2 10 2.9 11.5 14.5

May 29 0.95 8.6 1.9 9.7 10.0

July 26 0.86 5.8 2.2 6.9 9.0
the observed coexistence of high- and low-excitation
lines. The emission line profiles (e.g., in V1494 Aql)
occasionally show a complex structure with several
components, which are probably related to many sep-
arate condensations.

Apart from the measurement errors in the inten-
sities of the lines used to determine the ion abun-
dances, the large uncertainty stems from the fact that
many collisionally excited lines are very sensitive to
the assumed temperature and density. In this sense,
the helium abundance is determined most reliably,
because the recombination lines used for our analysis
are not very sensitive to the temperature and density.

It should be noted that the He I λ7065 Å line with a
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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Table 15. Iron abundances in the shells of V1425 Aql and
V1494 Aql

Star Date Fe6+/H+, 10−5 Fe/H, 10−5

V1425 Aql May 28, 1995 0.52 2.6

May 29, 1995 0.51 2.7

July 26, 1995 0.57 2.3

V1494 Aql May 8, 2000 1.46 3.28

May 26, 2000 2.01 4.97

June 30, 2000 2.01 2.82

July 2, 2000 1.91 3.18

July 24, 2000 2.55 4.34

Sept. 3, 2000 4.08 6.00

Sept. 29, 2000 5.85 7.37

Oct. 25, 2000 5.67 6.61

Table 16. The chemical composition of several novae and
the Sun

logN/H + 12 Sun V1425 Aql V1494 Aql V443 Sct

He 11.00 11.0 11.1 11.4

N 7.98 10.4 (9.6) 10.6 (9.2) 9.9

O 8.91 9.2 9.3 9.0

Ar 6.57 7.0 (6.0) – 7.3

Fe 7.53 7.4 7.7 7.4

large contribution of the collision excitation was not
involved in our abundance analysis.
The total elemental abundance in gaseous shells

can be determined through the ion abundance. An
uncertainty arises during the passage from the ion
abundance to the elemental abundance. Depending
on the physical conditions in the shell and on the
observing conditions for the spectrum, not all of the
existing ionization stages are usually considered be-
cause of a lack of suitable lines. The smaller the num-
ber of observed ionization stages, the larger the un-
certainty in the elemental abundance. A comparison
with theoretical calculations shows that the results
obtained by using the ICF are correct, to within a
factor of 2 (Andrea et al. 1994).
We have investigated three recent novae:

V1425 Aql, V1493 Aql, and V1494 Aql. For all
novae, we constructed the light curves and used them
to determine the photometric parameters that charac-
terize the brightness decline rate. For V1425 Aql, we
identified lines, measured the interstellar reddening
from the Balmer decrement, determined the plasma
parameters, and obtained the abundances of several
ASTRONOMY LETTERS Vol. 28 No. 2 2002
chemical elements. For V1493 Aql, we identified
lines, determined the expansion velocities, and esti-
mated the interstellar reddening. For V1494 Aql, we
identified lines and measured their intensities, mea-
sured the shell expansion velocities, and determined
the interstellar reddening, plasma parameters, and
chemical composition.
All observations were carried out with the same

equipment. The observations of all novae were re-
duced by the samemethods. Since the same theoreti-
cal data were used to determine the chemical compo-
sition, our observational data are homogeneous and
can be compared with other data.
The thermonuclear theory of nova outbursts pre-

dicts an overabundance of CNO nuclei in the shells
of fast novae. There is a correlation between the
chemical composition and the class of nova decline
rate. However, when this correlation is analyzed, a
dependence on the white-dwarf mass and luminosity
must also be taken into account.
We compared our results with data for the nova

V443 Sct from Andrea et al. (1994). This nova has
similar parameters that characterize the brightness
decline rate: t2 = 19d and t3 = 39d. Table 16 gives
the chemical composition for V443 Sct, the two no-
vae studied here, and the Sun. The solar data were
taken from Aller (1984).
There are no O-Ne-Mg novae among the stars

considered here. Nitrogen and oxygen are consid-
erably enhanced in the two novae compared to the
Sun, which is in agreement with the predictions of the
thermonuclear theory for nova outbursts. The helium
abundance is solar in V1425 Aql and exceeds its solar
value only slightly in V1494 Aql. For comparison,
the helium abundance in V443 Sct is twice as large,
although V1494 Aql is classified by its decline rate
as a very fast nova, while V443 Sct belongs to fast
novae. The iron abundance exceeds its solar value
in V1494 Aql and is lower than its solar value in
V1425 Aql.
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Solar-Radius Variations from Transits of Mercury Across the Solar Disk
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Abstract—We analyze the internal contact timings for transits of Mercury across the solar disk during
1631–1973. The revealed secular decrease in the solar radius, 0′′. 06 ± 0′′. 03, is attributed to systematic
observational errors. We have found 80- and 11-year cycles in the solar-radius variations. The amplitudes
of the 80- and 11-year cycles are 0′′. 24 ± 0′′. 05 and 0′′. 08± 0′′. 02, respectively. There is a positive correlation
between the solar-radius and sunspot-number variations. This result is shown to be in conflict with
the results of Laclare et al. (1996) for the sign of correlation. The possible error sources are discussed.
c© 2002 MAIK “Nauka/Interperiodica”.
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INTRODUCTION

Investigation of global oscillations of the figure of
the Sun provides additional information on its internal
structure. In the first half of the 20th century, the
figure of the Sun was studied in relation to solar
activity. With the detection of a deficit of the neutrino
flux from the Sun during the Brookhaven 37Cl exper-
iment, with the development of gravitational theories
alternative to the general theory of relativity, and with
the progress made in helioseismology, astrometric
studies of the Sun have intensified sharply. Of partic-
ular interest are the possible secular and long-period
components in the oscillations of the solar radius and
its variations with a period close to the 11-year solar
cycle.

Various techniques for measuring the solar diam-
eter are used to study the figure of the Sun: merid-
ian, micrometric, heliometric, and astrolabe mea-
surements; observations of the isophote distribution
over the solar disk; and observations of solar eclipses
and Mercury’s transits across the solar disk. Each
of the above techniques has characteristic systematic
errors. Of the direct techniques, meridian measure-
ments are least accurate, while astrolabe measure-
ments are most accurate. For solar eclipses, one has
to invoke the complex theory of lunar motion and to
take into account the errors related to the lunar pro-
file. The contact timings during transits of Mercury
are easier to process, but the events themselves are
much more rare.

A true boom in solar astrometry began in the
1970s. In particular, it resulted from the discovery

*E-mail: sml@quasar.ipa.nw.ru
1063-7737/02/2802-0115$22.00 c©
by Eddy and Boornazian (1979) of a decrease in solar
radius Ṙ� by 1′′. 1 per century based on Greenwich
meridian measurements during 1836–1953. This
study was immediately followed by several studies in
which the authors obtained | Ṙ� |< 0′′. 1–0′′. 2 per cen-
tury by analyzing solar eclipses and Mercury’s tran-
sits (Parkinson et al. 1980; Shapiro 1980; Gilliland
1981; Krasinsky et al. 1985). In addition, having
processed Mercury’s transits, Shapiro and Gilliland
found an 80-year variation of the solar radius with an
amplitude of ∼0′′. 2. By analyzing 30 classical series
of 1660–1985 measurements, Toulmonde (1997)
showed that the deviation of R� from the mean
960′′. 0± 0′′. 1 on an interval of 300 years in themeridian
observations is mainly attributable to an inadequate
allowance for diffraction.

The results for the 11-year oscillations are more
contradictory. Such variations were found to probably
exist at a 0′′. 1−0′′. 3 level, but there is disagreement
as to the sign of the correlation between solar radius
and Wolf number W�. For example, Noel (1997)
and Basu (1998) favor a positive correlation between
R� and W�, while Delache (1988) and Laclare et
al. (1996) provide convincing evidence for a negative
correlation based on 50000 astrolabe measurements
during 1974–1995. In his review of the studies over
the past 15 years, Rozelot (1998) concludes that the
amplitude of theR� variations is<0′′. 7 and, probably,
about 0′′. 3 (with a 0′′. 1 accuracy) in the last 5 years.
There may also be solar oblateness, which varies with
solar cycle. Moreover, the profile of the Sun (helioid)
is not static but has a complex pulsating shape; i.e.,
the global geometry of the Sun depends on its irradi-
ance. Rozelot provides an empirical relation between
2002 MAIK “Nauka/Interperiodica”
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solar irradiance S [W m−2] and Wolf number supple-
mented with the radius (with a positive correlation):

S = 539.14 + 0.0084W� + 0.87R�
′′ . (1)

The irradiance and R� correlate at a 0.8 level. Re-
garding the observations of Laclare’s group, Rozelot
points out the following: “the main conclusion is
the remarkable likeness between the irradiance and
diameter time series when a time lag of about half
a solar cycle period is applied.” It should be noted
that all results for the 11-year variations are based
only on direct solar-radius measurements, because,
in the opinion of Gilliland (1981), transits of Mercury
across the solar disk are unsuited to searches for 11-
year solar-radius variations, as the mean separation
between the data is about 9 years.

Here, we study the above components of the solar-
radius variations based on an independent analysis of
Mercury’s transits across the solar disk on a 300-year
interval.

OBSERVATIONS OF MERCURY’S TRANSITS

An archive of more than 4500 contact-timing ob-
servations for Mercury’s transits across the solar disk
from 1631 until 1973 has been created at the Insti-
tute of Applied Astronomy (Russian Academy of Sci-
ences). This archive is most complete not only in the
number of observations but also in auxiliary informa-
tion on them, because it contains data on the observ-
ing sites, observers, instruments, and observing tech-
niques and conditions. The observations were taken
from original publications and, if the latter were inac-
cessible, from other known compilations (Sveshnikov
1999). The reduction of the observations included
correction for instrumental errors and reduction of
the initial times to the UT time scale and geocen-
ter. About 2700 internal-contact observations were
involved in the final data reduction. External-contact
observations were used to estimate the quality of the
inner-contact observations by various authors and
to assign weights. As the reference ephemerides in
calculating (О–С) for the contact timings, we used
DE200, DE403, and DE405. These ephemerides
are essentially based on radar observations of inner
planets and accurately describe the relative positions
of the Sun, Mercury, and the Earth. The calculations
were performed with a universal programming sys-
tem (ERA) to solve the problems of ephemeris and
dynamical astronomy (Vasilyev and Krasinsky 1997).

The conditional equations for the contact timings
are

sin(Q− i)(V + V̇ T ) + sin(Q+ i)(W + ẆT ) (2)

± cos(Q∓ i)(N + ṄT ) +
(

1
r
− 1
r�

)
∆R�
+ 0.911
ρ

r
ḊT 2k =

ρ

r
(∆σ + Ḋ∆T s).

The right-hand parts contain the ephemeris an-
gular distance ∆σ between the solar and Mercury’s
limbs at the observed contact time. It can be calcu-
lated from (О–С) for the times ∆t corrected for the
difference between the ephemeris and universal time
scales, ∆T s. Here, Ḋ is the apparent approach veloc-
ity of the solar and Mercury’s centers (in [arcsec s−1],
ρ is the geocentric distance of Mercury, and r, r� are
the heliocentric distances of Mercury and the Earth
(in AU), respectively.

The Newcomb parameters V, W, N and their
secular variations V̇ , Ẇ , Ṅ are linear combinations
of the corrections to the Keplerian orbital elements
of Mercury and the Earth. T is given in centuries
from 1900.0, and Q and i are auxiliary angles. The
term ∆R� contains a constant correction ∆Ro

� to
the initial ephemeris solar radius 959′′. 63, the secu-
lar radius variation Ṙ�, and the terms that describe
the solar-radius oscillations with periods of 80 and
11 years:

∆R� = ∆Ro
� + Ṙ�T + sin(2πϕ1)∆Rs

80 (3)

+ cos(2πϕ1)∆Rc
80 +

W�,m

100
[sin(2πϕ)∆Rs

11

+ cos(2πϕ)∆Rc
11].

For the 80-year terms, ϕ1 = (t− 1919.0)/80. The
terms for the 11-year cycle have a more complex
structure. It indicates that the solar-cycle duration
changes from 8 to 15 years; therefore, the cycle phase
is calculated from the dates of the preceding (t1m) and
succeeding (t2m) solar minima closest to the epoch
of observation: ϕ = (t− t1m)/(t2m − t1m). Since, in
addition, the solar activity (W�) changes from cycle
to cycle, we chose a simple model of proportional-
ity between the amplitudes of the solar-radius and
Wolf-number variations at maximum for a given cycle
W�,m with a normalization to the meanW�,m = 100
for the entire interval under study. Such a form of the
terms for the 11-year cycle allowed us to reduce∆R�
at the epoch of observation to a uniform system of
cycle phases with the standard Wolf number at maxi-
mum and, thus, increases the probability of detecting
the possible effect of solar-radius variations.

In principle, a correction to the adopted lunar tidal
deceleration can be included in the equations. How-
ever, since it can be reliably and with a much higher
accuracy determined from laser observations of the
Moon, k need not be included in the equations (it was
introduced in some variants for checking purposes).
The coefficient 0.911 results from the transformation
of residuals at the Moon’s observed longitude due to
decelartion of the Earth’s rotation into corrections for
the reduction to a uniform time scale.
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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Table 1. Influence of the observing technique and the system of weights (in 0′′. 01)

Unknown

Var Ia Var Ib Var Ic Var I Var II Var III

1677–1973 1720–1940 1677–1973 1677–1973 1677–1973 1677–1973

all observations without screen

pobs/15sḊ pobs/15sḊ 1 pobs

∆Ro
� +8 ± 2 +17 ± 2 +12 ± 2 +16 ± 2 +15 ± 2 +15 ± 2

Ṙ� −16 ± 3 +4 ± 4 −6 ± 3 −6 ± 3 −8 ± 4 −8 ± 4

∆Rs
11 +13 ± 2 +14 ± 2 +15 ± 2 +8 ± 2 +10 ± 2 +9 ± 2

∆Rc
11 −6 ± 2 +0 ± 2 −6 ± 2 +2 ± 2 +2 ± 2 +1 ± 2

∆Rs
80 − − − −18 ± 3 −15 ± 3 −14 ± 2

∆Rc
80 − − − +16 ± 3 +17 ± 3 +17 ± 2

σo 1.188 1.194 1.192 1.127 1.452 1.342
RESULTS OF THE DATA REDUCTION

Table 1 lists solutions for the unknowns related
to the solar-radius variations for various sets of ob-
servations and systems of weights. We see that a
change of the observing interval significantly affects
the determination of∆Ro

� and Ṙ� (Var Ia and Var Ib).
Weights were assigned to the observations according
to the scheme P = pobs/15sḊ, where pobs is the rel-
ative weight of a given observation (from 0 to 1) in
the set of observations of a given contact for a given
transit.

The appearance of an appreciable secular decrease
in the solar radius (Var Ia) is attributable to a sharp
deviation of the correction ∆R� for the observations
after 1940. This is because a large number of amateur
observations with a screen appeared in the second half
of the 20th century. In these observations, the internal
contact timings are systematically shifted to the mid-
time of the event, thereby effectively reducing the
apparent solar radius. When the screen observations
are excluded on the entire interval (Var Ic), the value
of Ṙ� decreases by more than a factor of 2. We also
see that the solution depends weakly on the choice
of a weight system (Var I, Var II, Var III; Var II cor-
responds to an equal-weight solution). The radius-
variation parameters are determined quite reliably. As
the final solution, we chose Var I.

Our determinations of the 80-year solar-radius
variations agree with the data of Shapiro (1980) and
Gilliland (1981), both in amplitude and in phase.

Figure 1 compares the detected 11-year variations
in solar radius ∆R11 and in yearly mean Wolf num-
bers W�. Interestingly, the solar-radius and Wolf-
number variations are close in phase. Their slight
discrepancy can be explained by a difference between
the curve shapes: the curve is virtually a sine wave
ASTRONOMY LETTERS Vol. 28 No. 2 2002
for ∆R� and asymmetric with a phase shift of the
maximum, depending on its magnitude, for W�. In
general, the correlation between the curves is 0.7.
Figure 2 compares the determinations of the 11-
year variations from transit observations before 1973
(Var I) with direct solar-radius measurements af-
ter 1974. It shows monthly mean Wolf numbers, the
11-year radius variations according to Var I (1), and
the radius variations derived from astrolabe measure-
ments in the Southern Alps (2) with an amplitude
of ∼0′′. 1 and in antiphase with the Wolf numbers
(Laclare et al. 1996). Also shown in the figure are
the means of several series of meridian and astrolabe
measurements as inferred from the data in Laclare
et al. (1996), Noel (1997), and Toulmonde (1997).
Their average (3) roughly agrees in phase with the
Wolf-number variations and has an amplitude of
∼0′′. 1–0′′. 2. Noteworthy are the Santiago astrolabe
solar-radius measurements by Noel (1997), which
coincide in phase with the W� variations but differ
sharply from the remaining observations both in ab-
solute value of the radius and in variation amplitude.

Let us now consider the possible causes of the
appearance of an 11-year cycle in ∆R� when pro-
cessing Mercury’s transits.

(1) The influence of instrumental errors on the
300-year interval gives rise to a secular component,
as was shown for direct solar-radius measurements
by Toulmonde (1997) and by using a screen for transit
observations. Clearly, these errors can also appear in
long-period variations. Therefore, the detected secu-
lar effect, Ṙ � 0′′. 1 per century, should be considered
to be fictitious from a physical point of view. However,
the emergence of an 11-year cycle due to such effects
is unlikely.

(2) The main transit repetition period is 46 years:
the duration of 46 revolution periods of the Earth
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Fig. 1. A comparison of the 11-year variations in solar radius∆R11 (1) and in yearly mean Wolf numbersW� (2). The vertical
bars indicate the data that correspond to the observed transits of Mercury.
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Fig. 2. The solar radius as measured from the 1974–1998 observations (see the text).
relative to Mercury’s nodes is 191 draconic periods
of Mercury. The ratios of Mercury’s draconic and
synodic periods produce additional periods of 7, 13,
and 33 years in the transit phenomenon. In addi-
tion, May transits are often separated fromNovember
transits by an interval of 3 years. In these cases,
Mercury’s tracks are systematically displaced over
the solar disk (Fig. 3). Track displacements from the
equatorial region to polar regions of the Sun in the
case of its noticeable oblateness could give a periodic
radius variation. However, helioseismic measure-
ments of solar equipotential surfaces and the process-
ing of radar ranging observations for planets yielded
a dynamical oblateness of ∼10−7, which apparently
gives a difference between the equatorial and polar
radii within a few hundredths of an arcsecond. This is
also confirmed by direct measurements of the appar-
ent solar oblateness at Pik du Midi (Rozelot 1998).
On the other hand, track displacements change the
geometric observing conditions for transits and, thus,
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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Table 2. Influence of various factors on the formation of an 11-year term in the from ∆R = A sin(2πϕ) +B cos(2πϕ) =
C sin(2πϕ+ ϕ0)

N Variant A′′ B′′ C′′ ϕ0, deg

Solar radius

1 Laclare et al. (1996) +0.04 +0.10 – –
1a – – +0.11 +135◦

Transits

2 All (Var I) +0.08 ± 0.02 +0.02 ± 0.02 +0.08± 0.02 +11◦ ± 12◦

3 Equatorial +0.08 ± 0.03 +0.04 ± 0.02 +0.09± 0.02 +30◦ ± 15◦

4 High-latitude +0.05 ± 0.03 −0.09 ± 0.04 +0.10± 0.04 −60◦ ± 20◦

Planetary radii

5 All techniques +0.04 ± 0.03 +0.00 ± 0.03 +0.04± 0.03 0◦ ± 25◦

6 Heliometer + double-image technique +0.04 ± 0.03 +0.03 ± 0.03 +0.05± 0.03 +30◦ ± 20◦

Note. In row N1, the expression for ∆R� was derived for ϕ = (t − 1985.15)/P , P = 10.4. Row N1a presents Laclare’s result
recalculated to the common (for all the remaining rows) epoch of phase measurement, t0 = 1987.1.
indirectly affect the determination of the effective solar
radius.

To determine the influence of track displacements,
we divided the transits into equatorial ones, for which
the minimum separation between the centers did not
exceed 820′′, and high-latitude ones. The results
are presented in Table 2. We see that the oscillation
amplitudes are equal and that the positive correlation
between solar radius andWolf number is preserved for
both variants, being 0.6 and 0.8 for the equatorial and
high-latitude transits, respectively.

(3) The explanation of the ∆R� variations as re-
sulting from variations in the Earth’s atmospheric
turbulence, whose properties depend on the phase of
solar activity, is very popular. Indeed, the concept
of solar radius is ambiguous and in many respects
depends on observing conditions. This is probably
one of the main reasons why the results disagree,
particularly for meridian measurements. In partic-
ular, the peculiarity of local astroclimatic conditions
could explain the disagreement between the results
obtained by different authors. From this viewpoint,
the contact-timing observations are more objective,
because the optical phenomenon of disk contact is
observed, which may be considered as an analog
of double-image micrometer measurements. In this
case, however, caution must also be exercised when
simultaneously analyzing observations with widely
separated epochs. A comparison of observations
at adjacent transits is highly reliable. The atmo-
spheric effect can be completely checked only by the
methods of space astrometry, but a rough check can
be performed by directly measuring the diameters of
large planets. If this effect is present, the planetary-
radius measurements must also contain an 11-year
oscillation. To this end, we used determinations of
ASTRONOMY LETTERS Vol. 28 No. 2 2002
the equatorial and polar radii for Mars and Jupiter
and Saturn’s equatorial radius on the interval 1820–
1950 by various methods (Dollfus 1970; Kozlovskaya
1963). We determined the amplitudes and phases of
the possible 11-year harmonic in the measurements
of planetary radii R in the same form as we did when
studying the solar-radius variations from transits.
The results in Table 2 show that the 11-year cycle
in R� can be explained by the atmospheric effect.
Nevertheless, this effect is indistinct in the planetary-
radius measurements. Therefore, the atmospheric
influence on our result for the solar-radius variations
cannot be considered to have been proven.

(4) Finally, the apparent solar-radius oscillations
can be directly attributed to some average photo-
spheric surface, but in this case, the interpretation
can also be ambiguous. Clearly, during (visual or
CCD) observations, an isophote of some surface
brightness is recorded. The detected 11-year vari-
ations can be a reflection of the actual solar-radius
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Fig. 3. Displacement of the Mercury’s tracks across the
solar disk with a 13-year period.
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oscillations or a change in the isophote distribution
because of temperature variations in a ∼100-km-
thick surface layer of the photosphere during the solar
cycle (Tripathy and Antia 1999).

CONCLUSIONS

Based on a dynamical analysis of the observa-
tions of internal contact timings for Mercury’s tran-
sits across the solar disk on a time interval spanning
more than 25 solar cycles (see Table 1, Var I), we

(1) have found a correction of 0′′. 16 ± 0′′. 02 to the
ephemeris solar radius, which is consistent both with
the estimate by Toulmonde (1997) on the 300-year
interval obtained from direct astrometric observations
and with most currently available solar-radius mea-
surements;

(2) have shown that the secular decrease in solar
radius Ṙ� does not exceed 0′′. 06 ± 0′′. 03 and is caused
by systematic observational errors;

(3) have found an 80-year component in the
R� variations; our determinations of its amplitude
(0′′. 24 ± 0′′. 05) and phase agree with the data of
Shapiro (1980) and Gilliland (1981);

(4) have determined the 11-year component in the
apparent R� variations with an amplitude of 0′′. 08 ±
0′′. 02; the oscillations are close in phase to the solar
cycle; this result is consistent with the results of other
authors, except for the result obtained by Laclare et
al. (1996) (the amplitude estimates agree, while the
phase estimates significantly differ);

(5) have shown that transit observations do not
provide a reliable physical interpretation of the 11-
year solar-radius oscillations.
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Spatial Variations in Parameters of Quasi-Hourly Sunspot Fragment
Oscillations and a Singular Penumbra Oscillator
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Abstract—We obtained three-dimensional interpolated portraits for the radial and torsional oscillations
of fragments of 12 sunspots in the form of deviations of their polar coordinates from drift as functions of
the time and distance from the sunspot center. We performed a wavelet analysis of the two orthogonal
components and determined the dominant oscillation modes; the period varies between 40 and 100 min
for different sunspots. We revealed two types of dominant modes, one is associated with the sunspot and
the other is associated with its surrounding pores: the central-mode frequency depends on the maximum
field strength of the sunspot and decreases from its center toward the boundary, while the peripheral-mode
frequency depends on the heliographic latitude and decreases toward the sunspot boundary from the far
periphery. We revealed radial variations in frequency and amplitude with a spatial period of 0.8 sunspot
radius. The types of dominant modes and the radial variations in oscillation parameters are linked with the
subphotospheric structure of an active region—with two types of spiral waves and concentric magnetic-
field waves. We estimated the mean pore oscillation energy to be ∼1030 erg and found a singular oscillator
with a mean energy of ∼1031 erg in the penumbra at a distance of 0.8 sunspot radius. We argue that the
singular penumbra oscillator is the source of solar flares. c© 2002 MAIK “Nauka/Interperiodica”.

Key words: Sun
INTRODUCTION

The quasi-hourly oscillations of atmospheric and
photospheric objects on the Sun have aroused con-
siderable interest since the 1960s. The need for multi-
hour observations with a high spatial–temporal reso-
lution and the complexity of the process itself, which
in nonstationary and nonlinear, hinder rapid progress
in this field. The relationship of these oscillations to
the magnetic field is currently clear, and the main
range of period variations, from several tens to several
hundreds of minutes, has been determined. Quasi-
hourly oscillations were found in a number of phe-
nomena: in oscillations of sunspot matter (Gopasyuk
1985), in sunspot area oscillations (Demchenko
et al. 1985), in latitudinal–longitudinal sunspot
oscillations (Ikhsanov and Nagovitsyna 1990), in
sunspot structure oscillations (Nagovitsyna 1990),
in oscillations of sunspot magnetic field strengths
(Nagovitsyn and Vyal’shin 1990, 1992), in promi-
nence oscillations (Mashnicz and Bashkirtsev 1999),
in intensity oscillations of radio sources (Gelfreikh
et al. 2000), and in many others. Here, we
continue to study the oscillations by analyzing the
coordinate perturbations of sunspot fragments (flux

*E-mail: nag@gao.spb.ru
1063-7737/02/2802-0121$22.00 c©
tube bundles). Magnetic fragments are seen in the
photosphere as pores and dark features of sunspots
∼108 cm in size with lifetimes from several hours to
several days. Our approach is unique in that it allows
us to investigate the unobservable subphotospheric
layers where most of the solar-activity phenomena
generally originate.

We use the same observational data as in our
previous study of periodicities by a harmonic analysis
(Nagovitsyna and Nagovitsyn 1998a). Unfortunately,
a harmonic analysis of the nonstationary and non-
linear processes yields incorrect results, for example,
it underestimates the amplitude at high frequencies.
Therefore, we directly estimated the oscillation am-
plitude and orientation on the solar surface, which
allowed us to model the horizontal field configuration
of bipolar sunspot groups (Nagovitsyna and Nagovi-
tsyn 2001). We investigate the oscillation amplitude–
frequency characteristics by a wavelet analysis. Such
an analysis is most suitable in our case and has led us
to more definitive conclusions regarding the observa-
tional data under consideration.

OBSERVATIONS AND DATA REDUCTION
A 340-min-long series of photoheliograms at

15-min intervals was obtained on June 24, 1989
2002 MAIK “Nauka/Interperiodica”
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Basic parameters of the sunspots under study

Number,
polarity B L S,

m.s.h.
R,

109 cm
N H ,

102 G
H∗,

102 G
νc,

10−4 Hz
νp,

10−4 Hz
maxAc,
108 cm

5542-N −19◦.9 9◦.9 292 1.68 9 24.5 30.2 3.919± 0.390 2.477 ± 0.188 1.85

5549-N −16.2 337.6 106 1.01 5 22.5 22.8 2.500± 0.195 − 2.52

5552-N −17.7 315.0 210 1.43 13 23 28.2 3.725± 0.616 3.077 ± 0.332 2.61

5552-S −20.0 307.2 159 1.24 11 23 26.1 3.656± 0.292 3.324 ± 0.358 1.91

5555-N 26.5 296.6 299 1.70 15 24.5 30.3 3.772± 0.192 4.104 ± 0.278 0.50

5555-S 25.3 306.2 697 2.60 16 29.5 33.8 4.206± 0.261 3.496 ± 0.418 0.84

5556-N −18.9 299.6 231 1.49 11 24.5 28.8 3.584± 0.056 2.386 ± 0.151 2.84

5558-S 8.4 282.7 200 1.39 8 25 27.8 4.162± 0.293 1.911 ± 0.114 1.62

5559-S 19.6 280.3 157 1.23 6 21 26.0 2.718± 0.253 − 2.06

5561-N −19.2 292.7 186 1.34 7 25 27.3 3.094± 0.440 − 3.80

5561-S −19.9 284.2 226 1.48 7 21 28.6 3.272± 0.334 2.520 ± 0.698 1.71

5563-N −15.6 274.7 189 1.35 6 21.5 27.4 3.149± 0.479 − 2.04
(6:30–12:10 UT), with a special Pulkovo Observa-
tory photoheliograph. Figure 1 shows the arrange-
ment of sunspot groups on the visible solar surface
during the observations. The sunspots marked by
circles have a sufficient number of fragments to
derive the radial dependences. The sample contains
114 fragments of 12 sunspots. The first seven
columns in the table list their basic parameters:
the sunspot group number and polarity, the latitude
(B) and longitude (L) of the sunspot center, the
sunspot area in millionths of the solar hemispheres
(m.s.h.) (S), the sunspot radius (R), the number of
fragments used (N ), and the maximum sunspot field
strength (H).
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Fig. 1. The arrangement of sunspot groups during the
observations. The circles mark the sunspots under study
(“+” and “−” denote N- and S-polarity sunspots, re-
spectively).
First, we determined the B and L coordinates of
the sunspot centers and fragments with an accuracy
of no less than 0.05◦ ≈ 6 × 107 cm by the GELIKOP
technique (Nagovitsyn and Nagovitsyna 1996). Next,
the fragment coordinates were transformed to polar
coordinates (r, ϕ) relative to the sunspot centers.
The linear fragment drifts in r and ϕ were calculated
by least squares; these drifts were previously studied
in more detail (Nagovitsyna and Nagovitsyn 1998b,
1999). Subsequently, we subtracted the drifts from
the time dependences of coordinates r(t) andϕ(t) and
obtained sequences of coordinate residuals ∆r(t) and
∆a(t) (∆a is the azimuthal component transformed
from degrees to a linear measure). The radial residual
is∆r > 0whenmoving away from the sunspot center
and ∆r < 0 when moving toward the sunspot center;
the azimuthal residual is ∆a > 0 when moving coun-
terclockwise around the sunspot center and ∆a < 0
when moving clockwise.

Having the time dependences of coordinate resid-
uals for fragments at various distances from the
sunspot center and using a two-dimensional filtering
with a cosinusoidal filter in the time × distance
plane with the simultaneous interpolation of the
residuals to equidistant 9 min × 0.1R nodes (R is
the sunspot radius; see the table), we obtained three-
dimensional portraits for the radial and torsional
fragment oscillations of all sunspots. These portraits
are shown in Fig. 2 for eight sunspots surrounded
by pores, so that their oscillation “rugs” extend to
ρ ≈ 3 (ρ is the distance from the sunspot center
normalized to R); the fragments of the remaining
sunspots are localized inside, i.e., their ρ ≤ 1. To
simplify the picture, we used only two colors, white
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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Fig. 2. Three-dimensional interpolated portraits of magnetic-fragment oscillations.
and black, which denote the positive and negative
residuals, respectively (see above). In our view,
Fig. 2 faithfully conveys the impression gained when
considering the observational data: on the one hand,
the oscillations are clearly not rigid (e.g., the pattern
changes appreciably near the sunspot boundaries); on
the other hand, we can trace individual synchronous
perturbations of the entire region. These portraits
are used below to study the amplitude–frequency
parameters of magnetic-fragment oscillations by a
wavelet analysis.

A wavelet analysis is a modern method of studying
quasi-periodicities (peculiarities, signal-shape frac-
tality, etc.). It is based on a decomposition of the
observed function into the basis formed by orthog-
onal (or quasi-orthogonal) extensions and shifts of
NOMY LETTERS Vol. 28 No. 2 2002
a reference burst, a parent wavelet (Grosmann and
Morlet 1984). In the context of our problem, we are
primarily interested in constructing the amplitude–
frequency dependences of the oscillations. Previously,
we carried out this procedure using a real MHAT
wavelet and Hilbert transformation (Gnedin et al.
1999). Here, we use a complex Morlet wavelet.

DOMINANT OSCILLATION MODES

A harmonic analysis reveals a number of peaks
in the oscillation power spectrum (Nagovitsyna and
Nagovitsyn 1998a). A wavelet analysis also reveals
several peaks that are close in frequency to over-
tones, but in most cases, the dominant oscillation
mode can be unambiguously determined. We do this
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Fig. 3. The frequencies of dominant magnetic-fragment oscillation modes.
as follows. Since the oscillations were decomposed
into orthogonal spatial components, radial and az-
imuthal, the amplitude–frequency parameters at the
output are represented by two spectra, Ar(νr) and
Aa(νa). We compare these spectra and identify in-
dividual peaks in them (in our case, their number
generally does not exceed three). For each peak, we
take the maximum amplitudes and the corresponding
frequencies and determine the total horizontal ampli-
tude and weighted mean frequency

A =
√
A2

r +A2
a, ν = (νrAr + νaAa)/(Ar +Aa).

From the peaks under consideration, we choose
one with the largest amplitudeA, the dominant oscil-
lation mode [see Nagovitsyna and Nagovitsyn (2001)
for the oscillation orientation on the solar surface].
The interpolated oscillation portraits (Fig. 2) allow
this procedure to be carried out at 0.1R steps.

Figure 3 shows the derived dominant mode fre-
quency ν(ρ) for all 12 sunspots. The first column
in Fig. 3 (except the bottom panel) shows the trail-
ing sunspots of bipolar groups, the second column
shows their leading sunspots, and the third column
(and the bottom panel in the first column) shows
the leading sunspots of unipolar groups, in which
no trailing sunspots are observed. The main result
of Fig. 3 is that all sunspots with pores exhibit a
discontinuity in the radial dependence of frequency
ν(ρ) near the sunspot boundary ρ = 1. We called
the dominant oscillation mode associated with the
sunspot central (below denoted by the subscript “c”)
ASTRONOMY LETTERS Vol. 28 No. 2 2002



SPATIAL VARIATIONS IN PARAMETERS 125
and the dominant mode associated with pores pe-
ripheral (subscript “p”). Columns 9 and 10 give the
mean frequencies

νc =
1
n

n∑
i=1

νc(ρi), νp =
1
n

n∑
i=1

νp(ρi)

and dispersions (unbiased standards) of the central
and peripheral modes (for sunspot 5559-S, we took a
mean of the two modes with close A). The oscillation
periods are marked in Fig. 3, and they lie in the range
40–100 min; the mean oscillation frequencies of the
central and peripheral modes correspond to periods
of 48 and 57 min.

Clearly, the frequency ν(ρ) for unipolar groups (the
third column in Fig. 3) varies more regularly than that
for the bipolar groups: according to the table, the
frequency dispersions for unipolar and bipolar groups
are, on the average, 0.205 and 0.392, respectively.
The dispersion probably reflects the oscillation sta-
tionarity attributable to the spatial–temporal stabil-
ity of the active-region structure. It is well known
that unipolar groups are evolutionally older and result
from a simplification and stabilization of the magnetic
configuration in which the trailing sunspot gradually
disappears.

The central and peripheral oscillation modes differ
not only by their spatial localization and frequency.
Consider yet another physical difference. The ob-
served maximum sunspot field strength H (see the
table) is the mean for June 23 and 25, because there
were no observations on June 24 (Sunday).1 In
Fig. 4a, the mean central-mode frequency νc is plot-
ted against the observed strength H . Despite the
modest correlation (68%), there is a clear tendency
for proportionality. Column 8 in the table gives the
maximum strength H∗ calculated from an empirical
formula of Hautgust and van Sloiters

H∗ = 37S/(S + 66), (1)

where S is the sunspot area in m.s.h. (see the ta-
ble). In Fig. 4b, νc is plotted against the calcu-
lated strength H∗. We see that using H∗ increases
the correlation (78%). One of the reasons is the
center–edge effect, as a result of which the empiri-
cal formula H∗(S) holds strictly, i.e., H = H∗, only
at the center of the solar disk and H systemati-
cally decreases toward the edge (Bray and Loughhead
1964). The sunspots under study lie in the range from
0.35 (5549-N) to 0.8 (5563-N) radius of the visible
disk and have a deficit of strength ∆H = H∗ −H ,
which actually increases toward the edge (correlation
∼60%). Thus, the frequency of the central oscillation
mode is directly proportional to themaximum sunspot

1The Pulkovo sunspot magnetic field database is accessible at
http://www.gao.spb.ru/database/mfbase.
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Fig. 4. Correlations of the central-mode frequency with
maximum sunspot field strength (a, b) and of the
peripheral-mode frequencywith heliographic latitude (c).

field strength. The situation with the peripheral mode
is different; its frequency νp, as Fig. 4c shows, is
proportional to heliographic latitudeB (see the table).

At first glance, the existence of two types of dom-
inant oscillation modes seems strange. It would be
more reasonable to expect the dominant-mode fre-
quency to decrease proportionally to the field strength
with increasing distance from the sunspot center,
reaching a more or less constant minimum value
outside the sunspot. However, it is pertinent to recall
that, while studying the spatial distribution of mag-
netic fragments in an active region, we found them to
concentrate in two types of horizontal spiral waves,
one (four-arm) encloses the sunspot and the other
(two-arm) encloses the surrounding pores. In addi-
tion, in the velocity field, the central and peripheral
structures are associated with the cell and the sur-
rounding roller of supergranulation convection [see
Nagovitsyna and Nagovitsyn (1998b, 1999) and the
final section in this paper for more details]. In light of
this, the difference between the dominant oscillation
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modes for magnetic fragments that belong to different
structures is quite natural.

RADIAL VARIATIONS OF OSCILLATION
PARAMETERS

The derived dependences ν(ρ) (Fig. 3) have dif-
ferent domains of definition and variations for dif-
ferent sunspots. Therefore, to calculate the radial
dependence of frequency averaged over all sunspots,

we must first normalize the frequencies ν(j)
c (ρ) and

ν
(j)
p (ρ) to their means ν(j)

p and ν(j)
p (see the table) for

each jth sunspot:

ν1
c (ρ) =

1
n(ρ)

n(ρ)∑
j=1

ν
(j)
c (ρ)

ν
(j)
c

,

ν1
p(ρ) =

1
n(ρ)

n(ρ)∑
j=1

ν
(j)
p (ρ)

ν
(j)
p

.

Figure 5a shows the normalized frequency ν1(ρ) av-
eraged over all sunspots and smoothed over three
points (the mean dispersion is 0.09). We can see
that the central-mode frequency decreases from the
sunspot center (ρ = 0) toward a bright ring (ρ =
1.35), while the peripheral-mode frequency decreases
from the far periphery (ρ > 3) toward the penumbra
(ρ = 0.9): in the linear approximation (the dashed
lines in Fig. 5а),

ν1
c (ρ) = 1.058 − 0.088ρ, ν1

p(ρ) = 0.841 + 0.086ρ;

i.e., the rates of change in the central- and peripheral-
mode frequencies are equal. The opposite sign of
the radial frequency gradient is yet another physical
difference between the central and peripheral modes.
The harmonic spatial oscillations of ν1(ρ) are its prin-
cipal characteristic feature in Fig. 5a: the oscillation
frequency of magnetic fragments ν1(ρ) reaches local
maxima at ρ = 0, 0.8 (central mode), 1.3, 2.3, and 3.1
(peripheral mode). Thus, the frequency ν1(ρ) outlines
a system of concentric rings separated by a distance
of ∼0.8R ≈ 1.2 × 109 cm around the sunspot center.

Figure 5b shows the total horizontal oscillation
amplitude A(ρ) of the central and peripheral modes
averaged over all sunspots and smoothed over three
points (the mean dispersion is 4 × 107 cm). The
principal feature of the function Ac(ρ) is an intense
peak in the penumbra at ρ = 0.8, where the oscil-
lation amplitude is enhanced several-fold, reaching,
for example, 3.8 × 108 cm in sunspot 5561-N, which
corresponds to a maximum instantaneous velocity of
7 × 105 cm s−1 for an oscillation period of 54 min
(the maximum Ac is given in the last column of
the table). This result matches our direct estimates
through the dispersions of coordinate residuals ∆r,
∆a (Nagovitsyna and Nagovitsyn 2001). In addi-
tion, Fig. 5b clearly shows small enhancements of
Ap(ρ) at ρ = 1.1, 2.3, 3.1. A comparison of Figs. 5a
and 5b indicates that the spatial frequency and ampli-
tude variations with a 0.8R period are synchronous.
Together with the absence of a Ap(ρ) peak at ρ =
0.8, this proves that the absolute maximum of the
central-mode amplitude at ρ = 0.8 is not an artifact
attributable to the horizontal penumbra field direc-
tion.

In view of our conclusion about the radial fre-
quency and amplitude variations with a 0.8R period,
we recall our result on the system of concentric rings
of magnetic fragments (Nagovitsyna and Nagovitsyn
1998b, 1999). This result is reproduced in a sim-
plified form in Fig. 5c, which shows a histogram of
the radial fragment distribution N(ρ) smoothed over
three points; this histogram exhibits peaks at similar
distances ρ ≈ 0.2, 0.8, 1.5, 2.3, 3.1. Thus, the con-
centric rings of enhanced magnetic-fragment density
separated by a distance of ∼0.8R reflect the actual
concentric magnetic-field waves, which modulate the
physical parameters of the quasi-hourly oscillations.
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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SINGULAR PENUMBRA OSCILLATOR

Let us consider the radial variations in the oscilla-
tion energy of a magnetic fragment by estimating it as
the energy of an oscillator of massm in the harmonic
approximation:

E(ρ) = mω2(ρ)A2(ρ)/2 = 2π2mν2(ρ)A2(ρ).
For each fragment, we have the product of the squares
of the frequency and amplitude ν2(ρ)A2(ρ) (its mean
is 109 cm2 s−2 in order of magnitude), and we
must estimate only the factor 2π2m. The dynamical
sunspot depth estimated by Solov’ev (1984) and
Nagovitsyn (1997) does not exceed (2–3) × 108 cm.
ASTRONOMY LETTERS Vol. 28 No. 2 2002
Let us make use of the total solar mass above depth
z determined in the model of the convection zone by
Spruit (1974): Mz = 5.593 × 1025 g for z = 2.127 ×
108 cm. Since the area of a fragment of typical size is
S ≈ 4 m.s.h. = 2 × 10−6SSun, the fragment mass is
m = (S/SSun)Mz = 1.1 × 1020 g. Thus, the sought-
for factor is 2π2m = 2.2 × 1021 g, and the oscillator
energy is 109 × 1021 cm2 s−2 g = 1030 erg in order
of magnitude. Figure 6 shows the energy E(ρ) of
the central and peripheral fragment oscillation modes
averaged over all sunspots and smoothed over three
points: the mean oscillation energy is E ∼ 1030 erg
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outside the penumbra and increases to ∼1031 erg
inside the penumbra at ρ = 0.8. We (arbitrarily)
called the quasi-hourly fragment oscillations in the
ρ ≈ 0.8 zone a singular penumbra oscillator.

Why does the singular oscillator emerge? It is
probably generated by some peculiar feature of the
subphotospheric motion of matter in the penumbra,
and we can roughly show precisely which feature.
In Fig. 7, the drift of magnetic fragments, which we
subtracted here to study the oscillations, is repre-
sented in terms of the angle of deflection from the
radial direction D (smoothed over three points) and
the magnitude of velocity V . The fragment drift
direction (Fig. 7a) corresponds to the system with
a cell at its center and a roller of supergranulation
convection on its periphery. The opposite signs of the
gradients ∂D/∂ρ in the leading and trailing sunspots
of bipolar groups (the straight lines in Fig. 7a), which
is attributable to the opposite winding of spiral waves,
are of no importance (Nagovitsyna and Nagovitsyn
1998b, 1999). The only thing that matters is that
there are both outflow and inflow running parallel to
each other (∆D ≈ 80◦) in the region bounded by the
bright ring (ρ ≤ 1.35). At ρ = 0.8, the relative veloc-
ity of these flows reaches a maximum (Fig. 7b) and,
in the leading sunspots, their motion also transforms
into rotation (D = 270◦, 90◦). Consequently, the in-
teraction between the outflow and inflow and, accord-
ingly, the resistance to the fragment motion reach a
maximum at ρ = 0.8, which probably enhances the
quasi-hourly fragment oscillations (the central mode
in the outflow and in the inflow). Such low frequencies
are characteristic of the internal gravity oscillations,
in which buoyancy is the main restoring force.

In the 12 sunspots under study, the singular-
oscillator energy changes from 6× 1029 erg (5555-N)
to 3× 1031 erg (5561-N); i.e., it falls within the energy
range of solar flares (from ∼1029 erg in subflares
to 3 × 1032 erg in the largest events), spanning the
energies of flares of importance 1–3. Recall that flares
in white light are generally localized near and inside
the sunspot penumbrae, their continuum energy is
∼1030 erg, and their mean duration is ∼10 min. The
most important thing is the observation of a series of
homological flares with durations from several hours
to several days and the recurrence of flares with an
hourly period (Zirin 1966). These data correspond to
the characteristics of the singular penumbra oscillator
we found. In addition, such a source of flare energy
is attractive in that it does not require any change in
magnetic energy but uses the energy of matter motion
beneath the photosphere. We do not discuss the
possibility of energy transfer from the spatial oscilla-
tions of fragments to the tops of the associated loop
systems (through long-period magnetic waves). The
reason is that observations of prominence oscilla-
tions with similar periods (Mashnich and Bashkirtsev
1999) suggest that this transfer does take place to
one degree or another. The mechanism is actually at
work, and it is probably responsible to some extent for
the characteristic amplitude–frequency nonstation-
arity of the quasi-hourly oscillations because of their
permanent damping. At the end of our observations
(at 12:01 UT), a weak subflare (SF) occurred in the
flare-active group 5555; during the observations, this
group stood out by the lowest oscillation energy of
fragments in the sunspot penumbra (Fig. 6).

CONCLUSIONS

A wavelet analysis has allowed us to make much
greater progress in understanding the magnetic-
fragment oscillations than has a harmonic analysis.
This once again confirms the high efficiency of a
local (in time and frequency) analysis when studying
nonlinear and nonstationary processes. Our main
results are the following:

(i) two types of dominant quasi-hourly oscillation
modes associated with sunspots and pores were de-
tected;

(ii) radial (concentric) variations in the oscillation
parameters with a spatial radius of 0.8 sunspot radius
were detected; and

(iii) a singular penumbra oscillator and the esti-
mation of its mean energy, ∼1031 erg, and the mean
pore oscillation energy, ∼1030 erg were detected.

These results are in good agreement with our
data obtained from the spatial distribution and drift
of magnetic fragments. In general, our study has
shown that the view of a sunspot as a single flux tube,
through split into separate bundles, is too simplified.
Helioseismic data suggest that the depth of super-
granulation convection is not ∼109 cm, as assumed
previously, but ∼108 cm (Duvall et al. 1999). Ac-
cording to our results, the assumed sunspot depth
must be reduced to the same value. The three-
dimensional loop system of an active region in the
corona is probably transformed beneath the photo-
sphere into a two-dimensional spiral system at a
depth of 2–2.5 thousand km. As our study shows,
the sunspot field does not suppress the motion of
matter beneath the photosphere; on the contrary, it
provides its fragments with record energies of motion
in the penumbra. Since supergranulation convection
produces a drift of magnetic fragments inside the
sunspot, the possibility of transporting such a “loose”
field from the bottom of the convection zone through
denser matter is called into question. Our study in-
dicates that spatial oscillations are an attribute of the
magnetic fields of active regions in the photosphere
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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and that the previously detected coherent field struc-
tures in the form of spiral and concentric waves point
to a self-organization of the two-dimensional oscil-
lating system. This view on the nature of sunspots
seems more promising.
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Sodium Emission from Comet Shoemaker–Levy 9
in the Magnetosphere of Jupiter
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Abstract—On July 20, 1994, before the Q fragments of Comet Shoemaker–Levy 9 fell to Jupiter, more
than 200 spectra of the Jovian features were obtained at the Crimean Astrophysical Observatory in the
wavelength range 5700–7600 Å with a 26 s exposure time and a spectral resolution of 20 Å. We found a
time-varying Na D line emission in the form of two components with Doppler shifts of about 30 Å. The
brightest and most frequent sodium flares were detected when the Q fragments passed through the Jovian
inner magnetosphere at a distance of about three the Jovian radii (3RJ) from its center, where they crossed
the Io–Jupiter current tube. A frequency analysis of our data revealed a flare recurrence time scale of
1 min. We conclude that sodium was released from the cometary dust and from the surfaces of numerous
cometary debris and that its amount was enough to produce the observed emission. The observed high-
speed clouds of sodium atoms are assumed to have been formed through ionization, ion acceleration by
the bidirectional electric fields of Alfvén waves in the Io–Jupiter current tube, and their neutralization.
c© 2002 MAIK “Nauka/Interperiodica”.

Key words: Comet Shoemaker–Levy 9, Jupiter, sodium
INTRODUCTION

The fall of Comet Shoemaker–Levy 9 (SL 9) to
Jupiter was predicted immediately after its discov-
ery on March 24, 1993, by Carolyn and Eugene
Shoemaker and David Levy. The comet consisted
of 21 fragments with magnitudes from 19m to 22m

(Sekanina 1995а, 1995b). They fell to Jupiter from
July 16 until July 22, 1994, at a latitude of ∼ 45◦ in
its southern hemisphere. The explosion times in the
Jovian atmosphere were predicted with an accuracy of
several minutes. The duration of the observations at
each observatory was limited by the Jovian visibility
conditions; it sank below the horizon 1 h after the
beginning of an astronomical night. Many observa-
tories worldwide took part in the observations of these
unique events.
The spectroscopic observations at the Crimean

Astrophysical Observatory (CrAO) aimed at accu-
mulating observational data to investigate the fast
processes. The large number of observations ob-
tained on July 20 revealed a completely new phe-
nomenon, the appearance and variability of Na D line
emission. Based on preliminary intensity estimates
for the sodium emission, Prokof’eva and Tarashchuk
(1996а, 1996b) and Prokof’eva et al. (1997) noted
several peculiarities of this phenomenon. The main

*E-mail: prok@crao.crimea.ua
1063-7737/02/2802-0130$22.00 c©
peculiarities include the following: the highest flaring
activity was observed for 1 h and ended 40 min before
the Q fragments fell to Jupiter, the emission was
detected virtually over the entire disk of Jupiter, and
the Doppler shift of the D-line emission corresponded
to velocities higher than 1000 km s−1. These authors
also assumed that the sodium emission took place
in the Jovian inner magnetosphere when the Q frag-
ments surrounded by the cometary coma were pass-
ing through it. Recall that the complex of cometary
fragments called PQ was brightest and most active
from the outset (Sekanina 1995a). The Q fragment
with the most extended coma was apparently the
brightest of all fragments. Its parts Q1 and Q2
diverged in a direction perpendicular to the comet
trajectory long before they approached Jupiter, and
their subsequent fragmentation took place (Weaver
et al. 1995). Thus, for example, seven pieces were
detected on January 14–25, 1994 (Sekanina 1995b).
An analysis of the observations of the light echo from
Io and hot clouds on the Jovian limb showed that
at least eight explosions occurred on July 20, 1994,
when the Q1 and Q2 fragments fell in the planetary
atmosphere (Prokof’eva et al. 1996).

West (1995) noted the great importance of the
works aimed at investigating the various peculiar
events observed before the cometary fragments fell
to Jupiter. He believes that this may give a key to
2002 MAIK “Nauka/Interperiodica”
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understanding the processes that take place during
collisions of small bodies with planets in the Solar
system.
These problems are discussed here. We describe

our observational data, present the results of their
reduction, and analyze the temporal characteristics
of the sodium emission. The unusual nature of the
recorded event prompted us to consider the following:
(1) the properties of the inner cometary coma as a
possible source of sodium; (2) the correspondence be-
tween the observed emission energy and the amount
of sodium in the Q fragments; and (3) the possibility
of constructing a qualitative model for the formation
of high-speed clouds of sodium atoms during the
interaction of the cometary material with the Jovian
magnetosphere based on standard physical mecha-
nisms.

OBSERVATIONAL DATA

Observing and Spectrum-Reduction Techniques

The Jovian disk areas were observed at the CrAO
using specially assembled spectral instrumentation
based on a digital TV system of the MTM-500 tele-
scope, which provided a high time resolution (Abra-
menko et al. 1996). The spectral range covered
was 5700–7600 Å with a spectral resolution of 20 Å.
The exposure time of a single spectrum was 26 s.
A peculiarity of the observations was the possibility
of continuously checking the location of the spectro-
graph entrance aperture on the Jovian disk. It was
sequentially pointed at the disk areas along the −45◦
parallel where the cometary fragments fell, at the disk
center and the region of the central meridian at a
latitude of +45◦, at the western and eastern limbs
near the equator, and at the northern polar region.
On July 19 and 20, we took 53 and 207 spectra
with circular entrance apertures 9 and 6 arcsec in
diameter, respectively; on July 20, the Jovian ob-
servations began on a light sky, which allowed the
duration of the spectral monitoring to be increased to
4 h (UT 17 h 04 min—21 h 10 min). The digital data
collection in a computer was carried out in series and
started by the operator’s command. The time interval
between exposures was <1 s, which provided a time
resolution that was almost equal to the exposure time.
The breaks between series were determined by the
spectrograph aperture repointing at various regions of
the Jovian disk.
The observations by other authors that revealed

the Na D line emission were obtained during and
after the explosions of the Q fragments. The re-
sults of a preliminary analysis of the sodium emission
detected on July 20, 1994, were compared with the
data of other observers (Rose-Serot et al. 1995;
Fitzsimmons et al. 1995; Catalano et al. 1995) by
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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Fig. 1.Reduction of the spectral portionswith the sodium
line: (а) in absorption on July 19 and (b) in emission on
July 20. The times of observations are indicated on the
right. Panel (a) shows the positions of the sodium line and
water vapor absorption bands (5915, 5918, and 5942 Å),
which were probably blended with the sodium emission.

Prokof’eva and Tarashchuk (1996b). This compari-
son showed good agreement between the occurrence
times of the sodium emission in the Jovian atmo-
sphere.

The sodium 5890–5896 Å doublet was near the
transmission cutoff of the ОS-14 filter used in the
grating spectrograph to limit the spectral range.
When reducing the spectra, the transformation to
wavelengths was made by using the neon spectra
taken during our observations. To refine the zero
point of the wavelength scale, we used laboratory
measurements of the transmission curve for the ОS-
14 filter. According to these measurements, the 25%
filter transmission level corresponds to a wavelength
of 5810 Å. The accuracy of the adjusted wavelength
scale was ∼3 Å. The spectra were reduced with the
program written by S. Sergeev from the CrAO. Two
portions of the continuumwith the boundaries 5790–
5830 Å and 5955–5985 Å were separated on both
sides of the sodium line. We drew a second- or
third-degree polynomial to which the spectral portion
under study was normalized over these portions. The
data reduction is illustrated in Fig. 1: the upper and
lower panels for July 19 and 20, respectively. The
portions corresponding to the sodium emission are
hatched. Also indicated are the positions of two water
absorption bands.

The validity of the identification of the observed
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Fig. 2. Time dependence of the equivalent width of the
sodium doublet observed in the July 19, 1994 spectrum of
Jupiter in absorption. The hatching indicates the position
of the dusk sodium flare in the Earth’s atmosphere.

emission with the resonance Na D line is beyond
question for the following reasons:

(1) In the wavelength range 5850–5940 Å, where
the emission under study is located, the solar spec-
trum commonly exhibits the Не I 5876 Å triplet.
No traces of this triplet were found in our July 19
spectrum. Helium is known to be contained in the
Jovian atmosphere, and small increases in the in-
tensity of the resonance He I 584 Å line in the ul-
traviolet were detected in the upper atmosphere after
the fall of large cometary fragments (Gladstone et
al. 1995). However, the emission under discussion
occurred when the fragments were still far from the
Jovian upper atmosphere. In addition, if the observed
variability were produced by helium, then the single
Не I 6678 Å would also be variable. Yet, the emission
in this spectral range was virtually constant.
(2) The July 20 spectra also exhibit intensity

variability near the sodium 6160.7–6154.2 Å multi-
plet (5). Since this multiplet lies at the edge of the
the variable (in intensity) methane 6190 Å absorption
band, it is difficult to measure. At the same time, it
was firmly established that an increase in intensity
with strengthening Na D line emission and, con-
versely, a decrease in intensity with weakening Na D
line emission was observed in this range.
(3) The detected sodium emission cannot belong

to the sodium cloud located near Io (the radius of its
orbit is 5.95RJ), because it was behind Jupiter during
our observations. The emission from the sodium
cloud near Io is known to exhibit no large Doppler
shifts. Moreover, the spectroscopic observations of
the Io torus from space in July 1994 revealed no
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Fig. 3. Time dependences of the equivalent width of the
short-wavelength sodium emission component observed
in the July 20, 1994 spectrum of Jupiter. The hatching
indicates the period during which the fall of the debris of
the Q fragment to Jupiter was recorded (Prokof’eva et al.
1996).

variations in the sodium emission related to the comet
fall (McGrath et al. 1995).
(4) The observed emission cannot be produced

by a dusk sodium flare in the Earth’s atmosphere,
because the D line of the flare shows no Doppler shift
and because its duration is short.
Additional evidence for the identification of the

emission with the Na D line is that sodium is
widespread, is present in the cometary material, and
has a low ionization potential. Thus, the above
evidence argues for the identification of the observed
emission with the Na D line emission.

Equivalent Widths of the Sodium Emission

We measured the equivalent widths of the Na D
doublet in all the spectra of the Jovian disk features
taken on July 19 and 20. Note that on July 19, the
sodium line was seen only in absorption. This allowed
us to estimate the accuracy of measuring its equiva-
lent widths from low-dispersion spectra. The mean
equivalent width was 1.2 Å. This value essentially
matches the equivalent width of the sodium doublet
observed in the solar spectrum (1.3 Å), suggesting
that there were no systematic errors in the spectrum
reduction. The curve in Fig. 2 indicates a slow vari-
ation in the sodium-doublet equivalent width with
time on July 19. We estimated the rms deviation of
a single measurement to be 0.3 Å by assuming that
the scatter of points was attributable to the measure-
ment errors alone. We also estimated the influence
of the atmospheric dusk sodium flare on the results
of our measurements. On the dates of observations,
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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Fig. 4. The periodograms obtained from the equivalent widths of the blue sodium emission component during its highest flaring
activity on July 20 in the UT interval 18.00–19.17 h. We used the following period searching methods: (a) Lafler–Kinman,
(b) Yurkevich, and (c) Deeming.
it occurred in the UT interval 18.0–18.5 h, which is
marked by the hatched region in Fig. 2 (Rozenberg
1963). The duration of its highest intensity was 10–
15 min. The variations in the equivalent widths of the
sodium absorption line in Fig. 2 show that the dusk
flare could change the sodium-line equivalent width
by no more than 0.2 Å.
The July 20 spectra exhibited two emission com-

ponents. The blue component was detected in all
spectra. The time dependence of its equivalent width
is shown in Fig 3. Its mean wavelength, FWHM,
and equivalent width were 5857 ± 5 Å, 27 ± 3 Å, and
2.2 ± 0.1 Å, respectively. The latter changes from
0.6 Å to 5.2 Å, i.e., by almost a factor of 10.
The red emission component was detected only

in 74 of the 207 spectra. Its mean wavelength,
FWHM, and equivalent width were 5927 ± 5, 20 ± 3,
and 0.7± 0.1 Å, respectively. The red component was
weaker than the blue component by a factor of 3, on
average. The latter may have been weakened by the
ASTRONOMY LETTERS Vol. 28 No. 2 2002
superposition of atmospheric water absorption bands
(see Fig. 1). Several flares of the red component were
recorded in the UT interval 18.0–19.1 h, when the
blue component was most intense. At the remaining
time, its equivalent width was ∼0.5 Å, comparable to
the measurement errors.
Since the blue component was present in all spec-

tra and since it was measured more reliably than
the red component, all our studies (see below) were
carried out using the blue Na D emission compo-
nent. Given the measurement errors, its Doppler shift
was 30 Å.

Variability Time Scale for the Sodium Emission

An analysis of the variability pattern for the blue
NaD component, whose equivalent widths are shown
in Fig. 3, suggests the existence of several rapid
flares in a short UT interval, 18.00–19.17 h. A
study of the time behavior of the emission based on a
frequency analysis by the Deeming, Lafler–Kinman,
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Fig. 5. The equivalent widths of the blue sodium emission
component observed in the UT interval 18.00–19.10 h
folded with a period of 0.95 min. Phases and equivalent
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and Yurkevich methods revealed a quasi-periodicity.
The analysis was performed after the subtraction of a
linear trend. We found periods of 1, 1.3, and 2.7 min
with probabilities up to 76% each in the UT interval
18.0–18.75 h and periods of 1, 2, and 3 min with
probabilities >80% each in the UT interval 18.85–
19.17 h, when the flares were brightest. The results
of our analysis in the total UT interval 18.0–19.17 h
are shown in Fig. 4. Plot (a) exhibits a period of
0.94 min; plot (b) confirms its presence with a pos-
sible frequency splitting, and the Deeming method
yields a broad band near the frequency for this period.
The data folded with the 0.94-min period (see Fig. 5)
show that the flares are grouped at two phases of this
quasi-period.
Generalizing our results, we may conclude that

the sodium emission varies on a time scale of∼1min.
This value is more than twice the time resolution of
our observations, and the presence of multiple periods
significantly increases its existence probability. Note
that the periods found for different time intervals and
for the combined series are virtually equal, which also
increases the statistical significance of the inferred
variability time scale for the Na D line emission.

Peculiarities of the Na D Line Emission

Summarizing the results obtained during the re-
duction of our observations, we list the main pecu-
liarities of the sodium emission detected on July 20.
(1) The sequence of bright sodium flares (UT

18.0–19.17 h) had a mean UT of 18.6 h, and the
brightest flares were detected in the UT interval
18.75–19.17 h.
(2) The strongest sodium emission was observed,

on the average, 1.3 h before the Q fragments fell to
Jupiter, when they were at a distance of 3RJ from its
center.
(3) The recurrence time scale of the sodium

flares observed during its highest activity (UT 18.0–
19.17 h) was ∼1min.
(4) We observed both blueward and redward

Doppler shifts (∼ 30 Å), which corresponded to ve-
locities up to 1500 km s−1. Note that when individual
flares weakened, there was a clear tendency for the
emission to broaden. The mean equivalent widths
of the short- and long-wavelength components were
2.2 Å and a factor of 3 smaller (0.7 Å), respectively.
(5) The sodium emission was observed in projec-

tion onto Jupiter over its entire disk. Since sodium
traveled to distances of ∼90000 km in a minute, the
size of the emission region is estimated to be larger
than the Jovian diameter, 140000 km.
These peculiarities suggest that the sodium emis-

sion took place in the Jovian inner magnetosphere at
a distance of 3RJ from its center, where no sodium
emission has ever been observed previously. It
would be natural to assume that the cometary coma
that surrounded the Q fragments was the source of
sodium. Sodium was liberated as the coma was
moving through the Jovian inner magnetosphere
due to the interaction of the cometary material with
magnetospheric plasma.

SODIUM RELEASE
FROM THE COMETARY COMA

The outer comas of the fragments from Comet
SL 9 (Chernova et al. 1996), which consisted
mostly of small particles, were partly detained far
from Jupiter in its outer magnetosphere due to the
interaction of charged small dust grains with the
Jovian magnetic field (Fortov et al. 1996). The inner
comas of the cometary fragments containing debris
and large dust particles, which had long remained
gravitationally bound to the cores (Medvedev and
Chernetenko 1997), freely passed through the outer
magnetosphere. According to various publications
(Stüve et al. 1995; West 1995; Hahn et al. 1996),
the medium-sized granules in the inner coma of the
fragments fromComet SL 9 were larger than 0.1 mm,
while the large granules exceeded 1 cm. It may well
be that larger debris were also present. The properties
of the dust particles in the coma around the fragments
of Comet SL 9 were typical of the comets. The
particles had porous mineral cores with a density of
1–2 g cm−3 surrounded by ice (Dollfus and Suchai
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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1987). The content of sodium and its compounds in
the cometary coma grains were estimated by various
authors to lie within the range from 2 to 0.5% (Kissel
et al. 1986; Kissel and Kruger 1987). Studies of
meteorites (Muller 1987) and spectroscopic studies
of meteors (Smirnov 1994) yielded the same values.
According to Dobrovol’skiı̆ (1966), the coma particle
sizes lie within the range 10−5–10 cm. Currently
available measurements from spacecraft (Sagdeev
et al. 1986; McDonnell et al. 1993) extended the
range to small sizes, revealing particles with masses
down to 10−16 g.
We observed the strongest sodium emission when

the Q fragments were at distances of ∼3RJ from
the Jovian center. At that time, according to the
calculations by Yu.D. Medvedev, the debris of the
Q fragments moved relative to the magnetosphere at
a velocity of ∼35 km s−1. The number density of
high-energy plasma particles and ions of oxygen, sul-
fur, and its compounds is known to be at a maximum
in this part of the inner magnetosphere. We believe
that here, sodium atoms were liberated most actively
in the entire volume of the coma that surrounded the
Q2 and Q1 fragments. The large coma fraction swept
up high-energy protons and other particles from the
magnetospheric plasma, much as is done by the Jo-
vian satellites. This process was accompanied by the
heating of the debris surfaces and by their subsequent
cracking. Thus, as the fragments approached Jupiter,
large cometary debris broke up further, fragmented,
their surfaces eroded, and the fine dust was swept
away and evaporated. These processes caused the
number of cometary particles to increase in the mag-
netospheric plasma.
Sodium can be liberated from the cometary ma-

terial through various processes. The most efficient
process is the sputtering of material, although other
interactions, particle desorption from the surface,
secondary electron emission, and thermoemission
may also play a role. During the sputtering of
material, a fast particle that penetrated into the body
produces a cascade of displaced atoms, some of which
leave the solid body. The main characteristic of
this process is the sputtering efficiency. It depends
on the atomic number and mass of the ion, its
energy, the angle of particle incidence, material, and
its physical state (temperature, peculiarities of the
surface structure, etc.). A characteristic feature of
the sputtering is the dependence of its efficiency on
the binding energy of the surface atoms. Therefore,
one might expect sodium to be sputtered first.
Matson et al. (1974) first successfully used the

sputtering mechanism to account for the formation of
a torus and a sodium cloud near the Jovian satellite
Io, which moves relative to the inner magnetospheric
ASTRONOMY LETTERS Vol. 28 No. 2 2002
plasma of the planet at a velocity of 57 km s−1. Given
the sodium content on the Io surface (up to 10%),
the sodium production rate was found to be 106–
107 atoms cm−2 s−1). More recent estimates of the
sodium flux from the Io surface obtained from the data
of Smith, McElroy, and Brown yielded a factor of 30
larger fluxes (Pilcher and Strobel 1982). These values
provide the intensity of the observed emission from
the torus and the sodium cloud near Io. It should
be noted that these authors described sodium jets
with velocities up to 100 km s−1, which led them
to conclude that there was an unknown acceleration
mechanism.
Weaver et al. (1995) supposed that sputtering

was also responsible for the Mg+ (2800 Å) flare on
July 14, 1994, when the largeG fragment fromComet
SL 9 interacted with the Jovian magnetosphere at a
distance of 50RJ. The grain sputtering and explosions
through the accumulation of static electricity of the
grain surfaces produced the emission of magnesium
atoms, which lasted 18 min.

ESTIMATING THE NUMBER OF SODIUM
ATOMS

A lower limit on the number of sodium atoms can
be obtained by using the dust production rate derived
by McGrath et al. (1995): 30 kg s−1 for distances of
∼6RJ from the Jovian center and more than 4RJ from
its equatorial plane. Assuming the sodium weight
content in this dust to be∼1%, we find the production
rate of sodium atoms for the above distance from
Jupiter to be ∼1025 s−1. During 1 h of the sodium
emission, the number of its atoms is Np = 4 × 1028.
It would be natural to assume that this value will be
considerably larger at a smaller distance from Jupiter,
∼ 3RJ.
The sputtering efficiency as inferred from available

empirical formulas for sputtering (Martynenko 1983)
gives the total number of sodium atoms liberated
in the inner magnetosphere in 1 h Nsp ≈ 4 × 1029.
This value is an order of magnitude larger than the
estimate obtained from the data of McGrath et al.
(1995), which is quite natural. Since the latter es-
timate is apparently closer to the actual value, we use
it below.
To estimate the upper limit, we calculated the

sodium mass in the Q1 and Q2 fragments, whose
diameters were 2.9 and 2.2 km (see Weaver et al.
(1995). Taking the mean sodium content in comets to
be∼1% (Kissel et al. 1986; Kissel and Kruger 1987),
we found that 4 × 1036 sodium atoms were contained
in the two fragments. Since most of the components
exploded in the Jovian atmosphere and since sodium
was actively liberated from numerous debris of the
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inner coma around the fragments during our observa-
tions, we may assume that 0.2% of the total amount
of sodium could be involved in its observed emission.
The upper limit on the number of sodium atoms is
thenNQ ≈ 1034.
Using the equivalent widths of the blue sodium

emission component, we can estimate the energy
released during its emission by ignoring the contri-
bution the weaker red component. For the energy
calibration, we used the standard monochromatic
flux produced by the Sun (Makarova et al. 1991,
1998). Near the Na D line at the Jovian distance,
this flux is EJ

∼= 6.14 erg cm−2 s−1 Å−1. To es-
timate the total flux, we took the mean equivalent
width of the blue component to be ∼3 Å. The mean
flux produced by the sodium emission is then ENa

∼=
18.5 erg cm−2 s−1.
The sodium emission was observed almost over

the entire planetary disk, which allows us to assume
the size of the sodium emission region in the plane
of the sky to be equal to the disk area SJ. The total
energy radiated in a time t ∼= 3600 s was estimated
to be

E0 = ENaSJt ∼= 1025 erg.

The value of E0 was obtained under fairly rough as-
sumptions. Nevertheless, it allows the sodium emis-
sion energy to be estimated in order of magnitude.
For the number of sodium atoms to be estimated

from the emission energy, we must resort to the as-
sumption of local thermodynamic equilibrium (LTE)
during the highest sodium flaring activity. It is well
known that plasma in LTE can be assumed to consist
of elementary small volumes with a sufficiently high
density inside which a thermodynamic equilibrium
can exist for a short time.
The dust particle density in the atmospheres of

comets near their nuclei, where collisions play a sig-
nificant role (Gnedin and Dolginov 1966), is generally
estimated to be 109 cm−3 (Egibekov 1969). In our
case, when the particles of the inner coma actively
break up, the local density of elementary particles
could be much higher. Consequently, we may assume
that it could reach 1011 cm−3 at some places, which
is enough for the LTE hypothesis.
The number of sodium atoms at the second exci-

tation level N21 at hν = 3.1 × 10−12 erg, the transi-
tion probability A = 108, and E0

∼= 1025 erg can be
estimated from the expression (Frish 1963; Lebedeva
1994)

N21 = E0/(hνA) = 4 × 1028.

It would be natural to assume that only a small
fraction of sodium atoms was at the second excita-
tion level. If this fraction is taken to be 1%, then
the total number of atoms NNa estimated from the
emission energy of the resonance Na D line isNNa ≈
100N21 ≈ 4 × 1030.
Comparing all estimates for the number of atoms,

we see that the derived NNa ≈ 4 × 1030 is larger than
the lower limit on the number of atoms estimated from
the sputtering efficiency by only an order of magnitude
and smaller than the upper limit by almost four orders
of magnitude.
Consequently,Nsp < NNa � NQ.
Thus, even rough estimates show that the come-

tary sodium contained in the Q fragments was more
than enough to provide the observed sodium emission
energy.

A POSSIBLE FORMATION MECHANISM
FOR THE HIGH-SPEED CLOUDS

OF SODIUM ATOMS

In our view, the high-speed clouds of sodium were
produced by a collection of several physical processes.
These processes led to the ionization of sodium atoms
and their acceleration, as well as to the recombination
and emission of the resonance sodium line, which is
briefly considered below.
Sodium could be ionized primarily by the mecha-

nism of anomalous critical ionization. This mecha-
nism was described by the Swedish scientist Alfvén
in 1962. Its essence is that a flow of weakly ionized
plasma whose velocity exceeds some critical value
collides with a magnetic field to generate plasma tur-
bulence, which accelerates the background plasma
quasi-thermal electrons to energies of several tens
of keV. The low-energy electrons accelerated in this
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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way, whose density under the magnetospheric condi-
tions proves to be high enough, collide with neutral
atoms to produce an avalanche-like ionization of the
latter.
To elucidate the physical conditions for the accel-

eration of sodium ions, we turn to the geometry of
the passage of the Q fragments through the Jovian
inner magnetosphere. Figure 6 shows its scheme
in the plane of the magnetic meridian (Intriligator
and Wolfe 1976); the arrow indicates the path of the
Q fragments. Note that the leading Q2 fragment at
the beginning of the series of bright flares (UT 18.0 h)
was at a distance of 3.2RJ; when the bright flares
ended (UT 19.17 h), the Q1 fragment was at a dis-
tance of about 2.7RJ. Consequently, the occurrence
of the brightest sodium flares was determined by the
times the fragments crossed the Io–Jupiter current
tube (Goertz and Boswell 1979), which intersects
with the comet trajectory at a distance of∼3RJ.
An Alfvén wave with a characteristic period of

∼1 min is known to emerge and propagate in the
current tube. We found the same time scale of flaring
activity in the sodium emission. The equality of these
values confirms that the sodium emission is related
to the passage of the Q fragments through the Io–
Jupiter current tube. Thus, we may conclude that
the sodium ions were accelerated by the large-scale
bidirectional electric fields generated in the current
tube by the Io motion.
The sodium ions were neutralized during nonres-

onant charge exchange, and the observed resonance
line of atomic sodium was emitted during recombi-
nations. Note that according to our scenario, the
D line emission must also be accompanied by the
emission of sodium ion lines. Since these lie in the
far ultraviolet where no observations were carried out
at that time, there is no information on their emission.

CONCLUSIONS

The CrAO spectroscopic observations of the Jo-
vian disk features on July 20, 1994, have allowed the
interaction of the cometary material with its mag-
netosphere to be recorded for the first time. This
interaction manifested itself in the Na D line emis-
sion. An analysis of this emission showed that it
was observed in the form of two components with
Doppler shifts of ∼ 30 Å, which corresponded to ve-
locities of sodium atoms∼ 1500 km s−1. The sodium
emission was observed when the Q fragments passed
through the current tube of the Jovian satellite Io at
a distance of 3RJ from its center. The size of the
sodium emission region (larger than 140000 km) may
provide evidence for the appearance of sodium atoms
in large quantities, suggesting their association with
the cometary coma. An analysis of the mechanisms
ASTRONOMY LETTERS Vol. 28 No. 2 2002
that could supply sodium from the cometary material
in the Jovian inner magnetosphere confirmed the pre-
vious assumption that the cometary sodium emission
was observed. Assuming the sputtering to be the
most efficient process, we obtained rough estimates
for the number of sodium atoms liberated from the
cometary material, on the one hand, and from the D-
line emission energy, on the other. There was good
agreement in our estimates.

We proposed a scenario for the formation of high-
speed clouds of sodium atoms, which appear because
of sodium ionization, ion acceleration, and D-line
recombination and emission. In our view, these phys-
ical mechanisms can account for the observed emer-
gence of high-speed clouds of sodium atomswhen the
cometary material interacts with the magnetospheric
plasma.

Note that high-speed (up to 300 km s−1) clouds
of ionized calcium were detected by Gulyaev and
Shcheglov (1999) during a solar eclipse in the dust
component of the solar corona. This phenomenon
may have a similar physical nature.

In conclusion, we note that theorists did not pre-
dict the emergence of rapidly moving sodium clouds
in the Jovian magnetosphere when the cometary
coma passed through it. No observations similar
to ours were carried out, and attention was entirely
focused on investigating the fragment explosions in
the Jovian atmosphere and on their effects.
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Abstract—Having analyzed the 1999 scanning observations of the Galactic-center region with the PCA
spectrometer onboard the RXTE observatory, we obtained upper limits on the flux from the microlensing
black hole OGLE-1999-BUL-32 in 1999–2000. We show that the X-ray luminosity of this black hole
did not exceed LX � 3 × 1033(d/1kpc)2 erg s−1. Near the maximum amplification of the background
star (on June 6, 1999), the upper limit was LX � 7 × 1033(d/1kpc)2 erg s−1. c© 2002 MAIK “Nau-
ka/Interperiodica”.
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INTRODUCTION

The possibility of observing gravitational mi-
crolensing, an apparent brightening of a background
object through ray bending in the field of a gravitat-
ing object (lens) that crosses the observer’s line of
sight, was noted back in 1970–1980 [see Paczynski
(1996) for a review]. However, because of the
severe technical difficulties involved in observing and
selecting such events, only in recent years have two
instrumental groups (MACHO and OGLE) made
great progress. More than a thousand Galactic
microlensing events are known to date (Alcock et al.
2000; Wozniak et al. 2001).

When a lensing object passes between the ob-
server and a background star, the observed flux from
the latter varies in a certain fashion (Paczynski 1986).
The variation time scale for the observed stellar flux
is determined by the lens mass and by the distances
to the lens and the background star. Theoretical and
practical studies of the probability densities for mi-
crolensing time scales have shown that the probabil-
ity of events with time scales of ∼100 days is highest
(Paczynski 1996; Alcock et al. 2000), indicating that
the mass of the lensing objects is of the order of the
solar mass.

Recent, more detailed studies of the longest
detected microlensing event OGLE-1999-BUL-32
(Mao et al. 2001; theMACHOgroup designated this
event as MACHO-99-BLG-22) strongly suggest
that in this case, the lens is a black hole. Mao et al.
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(2001) have shown that the mass of the object isM ∼
200M� if the lens is ∼500 pc away and M ∼ 4.4M�
if its distance is ∼6 kpc (assuming the background
star to be in the bulge and its distance to be dst ∼
7 kpc). In any case, the mass of the lensing object
exceeds the mass limit for a neutron star. Thus, the
observation of the microlensing event OGLE-1999-
BUL-32 suggests that there is a black hole with the
mass >4M� in the direction with the coordinates
l = 2.46 and b = −3.505 or α = 18h05m05s.35 and
δ = −28◦34′42′′

.5. The amplification of the flux from
the background star was at a maximum on July 6,
1999 (∼TJD 11365).

Here, we publish upper limits on the X-ray lu-
minosity of this black hole based on RXTE/PCA
scanning data for the Galactic center.

OBSERVATIONS

There are three instruments onboard the RХТЕ
orbiting observatory: two coaligned spectrometers
with a common 1◦ field of view (PCA and HEXTE)
and an all-sky monitor (ASM). The ASM monitors
the long-period variability of sources in the energy
range 1–12 keV with a sensitivity ∼6–10 mCrab
per day. The PCA spectrometer has a large effec-
tive area (∼6500 cm2), with its field of view being
relatively small (1◦). This spectrometer has regularly
(approximately twice a weak) scanned the Galactic-
center region since 1999; the errors in the source
fluxes for each scan are∼1–2 mCrab per scan. Thus,
the PCA scanning data for the Galactic center effec-
tively supplement the ASM data. Note that even in
2002 MAIK “Nauka/Interperiodica”
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Fig. 1. The X-ray image of the Galactic-center region as obtained from the RXTE/PCA scanning observations on July 7,
1999. The exposed regions of bright X-ray sources are indicated by circles (see the text).
the scanning mode, the PCA sensitivity exceeds the
ASM sensitivity by an order of magnitude. This gain
in sensitivity is particularly important if the event of
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Fig. 2. PCA scans across weak X-ray sources and the
lens OGLE-1999-BUL-32 on July 7, 1999.
interest is too short to be recorded by the ASMwith a
sufficient accuracy.

The PCA spectrometer has regularly scanned the
Galactic-center region (approximately twice a weak)
since 1999. We reduced ∼100 available scanning
observations. One of these observations was carried
out on July 7, 1999, i.e., virtually during the maxi-
mum amplification of the background star by the lens
OGLE-1999-BUL-32.

The PCA data were reduced with the LHEASOFT
software package. The L7/240 model was used to
estimate the PCA background.

The map of the Galactic-center region obtained by
analyzing the PCA scanning observations on July 7,
1999, is shown in Fig. 1 (the energy band is ∼3–
20 keV).When constructing themap, we ascribed the
PCA flux detected over a period of 1 s to the point that
corresponded to the center of the PCA field of view.
For this method of imaging the sky, regions of the
sky within 1◦ of the sources will be “exposed” in ac-
cordance with the radial dependence of the collimator
transmission function. Such exposed areas (circles)
from the well-known bright sources 4U 1820–30,
GX 5–1, GX 3+1, and GX 354–0 are clearly seen on
the map in Fig. 1. Even relatively weak sources, such
as Terzan 2 and the accreting black hole in the high-
mass X-ray binary V4641 Sgr (the flux from these
sources was ∼15–25 mCrab), are seen in this map.
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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Fig. 3. The X-ray image of the Galactic-center region as obtained from the RXTE/PCA scanning observations between
February 1999 and March 2000.
For comparison, Fig. 2 shows individual PCA scans
across the weak sources Terzan 2 and V4641 Sgr
and the presumed black hole (lens). The X-ray
flux from OGLE-1999-BUL-32 in the energy range
∼3–20 keV during this specific observation was no
higher than 1–2 mCrab.

Figure 3 also shows the map of the Galactic-
center region as constructed from all PCA scanning
data (from February 1999 until March 2000). Note
that, despite a significant improvement in statistics
(∼100 PCA scanning observations were used), sys-
tematic uncertainties in the background subtraction
and a contribution of the diffuse Galactic background
to the PCA flux detected near the Galactic plane
prevent a great improvement in the upper limit on the
flux from OGLE-1999-BUL-32, FX � 1 mCrab.

DISCUSSION
In the preceding section, we showed that the

upper limit on the flux from the presumed black
hole OGLE-1999-BUL-32 is �1 mCrab, which
corresponds to the X-ray luminosity L3–20 keV � 3 ×
1033 (d/1kpc)2 erg s−1, where d is the distance to the
source.

Our constraints on the X-ray luminosity of the
black hole OGLE-1999-BUL-32 can be useful in
models where a black hole is a member of a binary.

Observations of X-ray novae, low-mass binaries
with black holes, have shown that there are thou-
sands of recurrent transient X-ray sources in the
ASTRONOMY LETTERS Vol. 28 No. 2 2002
Galaxy, which actively manifest themselves only for
several months every 50–70 years [see Tanaka and
Shibazaki (1996) for a review]. The discovery of an
X-ray outburst in the high-mass binary V4641 Sgr
indicates that black holes, which are virtually un-
observable in X rays, also exist in high-mass X-ray
binaries (Orosz et al. 2001). However, it is clear
that a bright massive optical component of the binary
would be detected during microlensing observations.
Thus, the hypothesis of a black hole in a high-mass
X-ray binary seems implausible, while the question
of whether the detected black hole is a member of
a low-mass binary is still an open question only if
the black hole is far away (d � 3–4 kpc). For a
nearby (d ∼ 500 pc), massive (M ∼ 200M�) black
hole in the binary, microlensing observations would
inevitably reveal an optical component with a mass of
M � 0.2M�. Thus, we conclude that such a massive
black hole must be single.

Observations show that the molecular-hydrogen
column density toward OGLE-1999-BUL-32 is not
very large, NHL ∼ 5 × 1018 cm−2 (Dame et al.
1987), while the neutral-hydrogen column density
is much larger, NHL ∼ 3 × 1021 cm−2 (Dickey and
Lockman 1990). This implies that the possible
ultraviolet or soft (hν � 0.5 keV) X-ray radiation
from the source would be strongly absorbed.

According to McKee and Ostriker (1977), most
of the Galactic disk is occupied by a rarefied gas.
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The relatively low molecular-hydrogen column den-
sity suggests that the black hole OGLE-1999-BUL-
32 is unlikely to be located in a molecular cloud.
However, it may be in a cloud of neutral hydrogen.
In that case, it can accrete a substantial amount of
material to be detectable in X rays.

Gas turbulence and rotation in any interstellar
cloud during accretion onto a black hole must give
rise to an accretion disk. If no advection-dominated
accretion flow (ADAF) is formed in the inner parts
of the accretion disk, then the disk radiation can be
roughly described by the spectrum of amulticolor disk
(Shakura and Sunyaev 1973). At modest accretion
rates, which most likely take place in our case, the
maximum temperature in the accretion disk does not
exceed 0.5 keV. Thus, the bulk of the energy release
from such an accretion disk virtually falls outside our
energy range ∼3–20 keV. This makes it very difficult
to estimate an upper limit on the bolometric luminos-
ity of the black hole from the RXTE measurements.
Chandra and XMM-Newton (the operating energy
range is 0.1–10 keV) X-ray observations of OGLE-
1999-BUL-32 could yield a more accurate estimate
of its bolometric luminosity. Unfortunately, if most
of the radiation is emitted in the ultraviolet, then
the source will be very difficult to detect because of
interstellar extinction.

In the preceding section, we showed that one
of the PCA scanning observations was carried out
a day after the background star underwent the
maximum amplification by the microlens (cf. the
lens passage time scale of ∼640 days). The up-
per limit on the flux from the sky region near the
background star/microlens during this observation
is FX � 2.5 mCrab (2σ). Given that the maximum
amplification of the flux from the background star is
∼12.5 times, we can also put an upper limit on the X-
ray luminosity of the background star (by assuming
that it lies in the Galactic bulge at a distance of
d ∼ 7 kpc): LX � 2 × 1034 erg s−1. This upper limit
is not very stringent either, and its value exceeds the
luminosity of even the strongest X-ray solar flares.

The detection of a massive, invisible (in X rays)
object suggests that black holes are by no means
exotic objects in the interstellar medium. Clearly,
some of them can occasionally pass through dense
molecular clouds and clouds of interstellar gas. In
this case, these objects can become X-ray sources
detectable at the RXTE sensitivity level.

Unfortunately, a source with a luminosity LX >
1037 erg s−1 can heat the surrounding gas up to
temperatures of 107 K in a short time, which will lead
to its rapid outflow and to the formation of a low-
density cavity. A consequence of this pattern will be a
turnoff of the accretion onto a compact object even in
a fairly dense medium (Sunyaev 1978).
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Abstract—The RXTE observations of Cyg X-2 during 1996–1999 are presented. The properties of
quasi-periodic oscillations (QPOs) are analyzed in detail. A new method of averaging the power-density
spectra obtained during various observations is used to search for kHz QPOs. Its distinctive feature
is the grouping of observations not only by spectral characteristics of the source’s X-ray radiation but
also by its temporal characteristics. The results obtained are used for an analysis in terms of the
transition-layer model (TLM) and the relativistic-precession model (RPM) for a slowly rotating neutron
star. Theoretical predictions of the two models are compared, and their self-consistency is verified. The
tilt of the magnetosphere to the accretion-disk plane and the neutron-star mass and angular momentum
are determined using these models. The distance to the source is estimated from observational data.
c© 2002 MAIK “Nauka/Interperiodica”.
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1. INTRODUCTION

Cygnus X-2 belongs to low-mass X-ray binaries
with accreting neutron stars. It is one of the brightest
X-ray sources. By its spectral properties, Cyg X-
2 belongs to Z-type sources (Hasinger and van der
Klis 1989) whose characteristic feature is a Z-shaped
track in the color–color diagram. In this interpre-
tation, the spectral properties are presented in the
hard–soft color indices, each of which is the harder-
to-softer flux ratio in the corresponding energy band.
The Z-shaped track is commonly divided into three
parts called branches: the horizontal (HB, the upper
part of the diagram), normal (NB, the intermedi-
ate part), and flaring (FB, the lower part) branches.
The position on the Z track is generally believed to
be associated with the rate of accretion in the di-
rection from HB to FB. Six sources are currently
known to exhibit Z tracks in the color–color diagram:
Scorpius X-1, Cygnus X-2, GX 17+2, GX 5–1,
GX 340+0, and GX 349+2.

Significant variations in the branch positions in
the color–color diagram on time scales of the order of
several days (Kuulkers et al. 1996) are a peculiarity
of the Z track for Cyg X-2. In addition, EXOSAT
observations revealed at least three intensity levels
(the so-called low-, intermediate-, and high-state
episodes; Kuulkers et al. 1996); the Z-track profiles
in the color–color and color–intensity diagrams dif-
fered in each of these episodes. These peculiarities

*E-mail: sik@hea.iki.rssi.ru
1063-7737/02/2802-0073$22.00 c©
make it difficult to analyze the temporal properties
of the source based on the data grouping according
to the position on the Z track. However, the above
method was successfully applied to Z type and Atoll
sources (Homan et al. 2001; Di Salvo et al. 2001).
It allowed the properties of quasi-periodic oscillations
(QPOs) in low-mass X-ray binaries to be studied in
more detail.

The power-density spectra (Fourier transforms of
the flux) of Z-type sources exhibit low-frequency (5–
100 Hz) X-ray QPO peaks. The names of the QPOs
correspond to the branch with which their origin
is identified: horizontal- (HBO), normal- (NBO),
and flaring-branch (FBO) oscillations. HBOs (15–
100 Hz) can also be detected in the NB spectral state.
However, as one recedes from HB, the statistical sig-
nificance of the QPO peaks decreases, and they be-
come undetectable. When moving along the Z track
(from HB to FB) in its NB–FB segment, a QPO
peak detectable in the range 5–20 Hz (HBO/FBO)
emerges in the power-density spectra. For all the cur-
rently known Z-type sources, QPOs were also found
in the range 200–1100 kHz (van der Klis 2000). Two
kHz QPO peaks (ν1 and ν2 are the lower and upper
peaks, respectively) can be simultaneously observed
with a frequency difference of ∼200–400 Hz. An
increase in the flux is accompanied by an increase in
the frequencies of the two peaks, but their difference
(∆ν = ν2 − ν1) is not preserved. Only one of the two
peaks, the upper kHz QPO peak ν2, can often be
found in the power-density spectra; the significance
of its detection is higher in most cases. For low-mass
2002 MAIK “Nauka/Interperiodica”
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X-ray binaries, direct observations cannot always
reveal the second, generally lower, kHz QPO peak
ν1. The Atoll source 4U 1608–52 was observed
by using the shift and add method (Mendez et al.
1998), which allowed the statistical significance of
one of the QPO peaks to be increased if the other
was reliably determined. In this case, it will suffice to
linearly shift the frequencies for several initial power-
density spectra in such a way that the frequency of one
(observed) peak (for example, ν2) is the same in all
spectra. By this means, the statistical significance of
kHzQPO detection could be increased in the average
spectrum among all the individual spectra modified
in such a way. Unfortunately, the application of this
method is limited by the necessity of having at least
one of the two QPO peaks.

The observations of Cyg X-2 revealed all the
QPO types characteristic of the low-frequency range
(<100 Hz) in the power-density spectrum. At high
frequencies, two QPO peaks (ν1 and ν2) were found
in the RXTE/PCA data for July 2, 1997 [first detected
by Wijnands et al. (1998)]. Here, we analyze the
QPO properties in detail. In searching for kHz QPO
peaks, we used a newmethod of averaging the power-
density spectra. This method is based on the group-
ing of observations not according to the position on
the Z track but according to the temporal properties of
the source’s X-ray radiation. The results obtained are
used for an analysis in terms of the transition-layer
model (TLM) and the relativistic-precession model
(RPM). We compare theoretical predictions of the
two models and verify their self-consistency.

2. DATA AND OBSERVATIONS

For our time analysis, we used the data of the
PCA (Proportional Counter Array) instrument (Ja-
hoda et al. 1996) onboard the RXTE observatory
(Bradt et al. 1993) retrieved from the Goddard Space
Flight Center Electronic Archive.

The X-ray source Cyg X-2 was observed from
the RXTE observatory during nine series of directed
observations (10063, 10065, 10066, 10067, 20053,
20057, 30046, 30418, 40017): in March, August,
and October 1996; in June, July, and September
1997; in July 1998; and in separate sessions from July
until October 1998 and from January until August
1999. The observations of Cyg X-2 over this period
correspond to three different observational epochs of
RXTE/PCA (2, 3, and 4 in the adopted classifica-
tion), for which the boundaries of the PCA energy
channels were changed.

To construct the power-density spectra, we used
observational data with a resolution of ∼122 µs
(2−13 s) from the 14th to 249th PCA energy channels.
This range corresponds to a detectable photon flux up
to ∼60 keV, whose lower limit begins from ∼4.3 keV,
∼5.0–5.3 keV, and ∼5.8 keV for epochs 2, 3, and 4,
respectively. In this energy band, the detection of the
QPOs that correspond to the horizontal branch of the
Z track is most significant.

We combined some of the observational data that
were not presented in a single format for all channels
from the 14th to 249th but that were broken down
into several ranges. Of all the observations, we used
only those during which the angle between the source
direction and the Earth’s horizon was >10◦ and the
PCA axis was offset from the target by no more than
0◦.02. Among the observations of Cyg X-2, all five
proportional counters were not always switched on to
record events. If the operating condition of one of the
counters changed during a continuous observation
(whose duration did not exceed the duration of one
orbit and was, on the average, 3–3.5 ×103 s), then
the time interval during which the total count rate
changed abruptly was excluded from our analysis. As
a result of this filtering, the total usable observational
time for Cyg X-2 was more than 4 × 105 s.

We constructed the power-density spectra (van
der Klis 1989) in the range 0.03125 − 128 Hz to
analyze the low-frequency (<100 Hz) variability of
Cyg X-2 and in the band 128–2048 Hz to search for
kHz QPO peaks. No corrections were made for the
background radiation and dead time (attributable to
the inability of the instrument to record the next event
during a very short interval).

We analyzed individual observations with a dura-
tion up to ∼3.5 × 103 s. Fitting the power-density
spectra by a constant and by a power law at frequen-
cies below and above the break frequency did not yield
acceptable results (according to the χ2 test). The
main reason was the absence of a sharp break and the
resulting uncertainty in its measurement. A model
in which at frequencies much higher (ν/νbreak � 1)
and much lower (ν/νbreak � 1) than the break, each
part of the spectrum could be fitted by its own power
law and the transition between themwas not jumplike
proved to be more suitable

P (ν) = Aν−α[1 + (ν/νb)β ]−1. (1)

The power-density spectra were fitted in the 0.1–
128-Hz band by using this model with the additional
introduction of one or two Lorenz lines to allow for the
QPO peaks and harmonics. To take into account the
PCA dead-time effect, which causes the overall level
to be shifted to the negative region [because of this
effect, the Poissonian noise level subtracted from all
spectra differs from 2.0, in Lehi normalization units;
see van der Klis (1989) and Vikhlinin et al. (1994)
for more details], we added a constant to the general
model.
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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Table 1. Best-fit parameters for the average power-density spectra

Parameter 1 2 3 4 5 6

ν 1
2HBO 8.60± 0.19 14.26± 0.38 14.19± 0.32 17.59± 0.82 20.01± 2.42 –

FWHM 3.1± 0.7 6.0± 1.3 5.0± 1.3 13.4± 3.8 16.0± 7.1 –

νHBO 17.13± 0.03 27.61± 0.06 28.40± 0.07 35.63± 0.31 43.80± 0.29 44.70± 0.

FWHM 4.30± 0.07 4.40± 0.15 6.05± 0.21 8.79± 0.85 8.94± 0.79 7.89± 1.

ν2HBO 32.68± 0.15 54.61± 0.47 55.04± 0.52 72.17± 1.29 76.82± 1.78 88.88± 1.

FWHM 13.4± 0.6 12.1± 1.8 16.0± 1.9 16.2± 4.6 26.9± 6.1 8.0± 6.

ν1 – – – – – 464.9± 13

FWHM – – – – – 138.8± 87

ν2 465.5± 17.5 665.6± 13.4 652.3± 17.3 767.6± 16.7 854.1± 13.5 830.7± 12

FWHM 178.0± 71.9 127.4± 39.2 145.1± 69.4 127.8± 58.1 75.1± 42.4 124.1± 57

νb 3.49± 0.23 5.20± 0.40 5.30± 0.41 7.52± 0.74 11.20± 0.83 12.78± 1.

α 0.020± 0.028 0.017± 0.025 0.013± 0.034 0.083± 0.071 0.290± 0.011 0.181± 0.

β 1.73± 0.04 1.64± 0.06 1.88± 0.09 2.45± 0.40 2.17± 0.21 1.71± 0.

χ2/dof 1.62 1.28 1.03 1.02 1.88 0.91

Note. The data were grouped by the HBO frequency (see the text for more details).
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In searching for kHz QPO peaks, we analyzed
the power-density spectra at high frequencies. A
constant with the addition of a Lorenz line was used
as the model. We analyzed all individual observa-
tions (with a duration up to 3.5 × 103 s) but found
no statistically significant QPO peaks (above the 3σ
confidence level).

A time analysis of the low-frequency flux vari-
ability in Cyg X-2 revealed QPOs at a high con-
fidence level in all the individual observations that
corresponded to the HB or NB spectral states. Note
that theHBO frequency is one of themain frequencies
in most models, including TLM and RPM. The two
models (see below) unequivocally establish a corre-
spondence between the three QPO peaks: the HBO,
lower, and upper ones. According to this assumption,
we grouped all data by the HBO frequency.

To obtain the most accurate model parameters
(the angle δ for TLM and the neutron-star mass
MNS and angular momentum a in RPM), which are
invariants in each of the theories under consideration,
it was necessary to calculate the three simultane-
ously observed main QPO frequencies as accurately
as possible. Since there were HBOs in all the pres-
elected data, the problem was to find a double QPO
peak at a maximum confidence level in the average
spectra.

The two peaks were detected only in the July 2,
1997 observational data for the source, which were
analyzed by Wijnands et al. (1998). However, the
detected QPOs were more significant. In contrast
to the method proposed by Wijnands et al. (1998),
we averaged the power-density spectra over the HBO
frequency rather than over the observing time. The
confidence levels of the upper and lower peaks proved
to be 5.8σ and 3.4σ [4.4σ and 3.4σ in Wijnands et al.
(1998)], respectively. The remaining July 2, 1997
observations revealed only one (upper) of the two
QPO peaks.

In the subsequent search for high-frequency
QPOs, we averaged the data (except those for July 2,
1997) in each group. The QPO peaks were detected
at a confidence level lower than or equal to ∼3σ.
Assuming that each average spectrum could also
contain the power-density spectra without any QPO
peaks and representing the Poissonian noise alone,
we sequentially sampled individual observations. To
this end, the peak significance was calculated twice:
we determined the detection confidence level for all
data and without one of the individual observations
that was excluded from our analysis when the con-
fidence level exceeded an arbitrary threshold. This
method was applied to each group. Such an approach
is not perfect and has drawbacks. However, those
data that definitely contained the Poissonian noise
alone were not included in each group power-density
spectrum.

In the average data, we found the kHz QPOs ν1

and ν2, as well as the HBOs νHBO and their harmon-
ics (see Table 1) at low frequencies (<100 Hz). In
contrast to individual observations (with a duration
up to ∼3.5 ks) for Cyg X-2, the harmonic at half
the frequency of the main QPO peak was found for
the first time. It is characterized by an unusually
large full width at half maximum (FWHM) of the
corresponding Lorenz line (ν 1

2
HBO in Table 1). In

several cases, the Q factor of some peaks was close
to unity.

Figure 1 shows two different power-density spec-
tra for Cyg X-2. Notice the following common prop-
erty of the QPOs: the frequency increases at all QPO
peaks. For comparison, Fig. 1 shows the power-
density spectrum of Sco X-1 (taken from Titarchuk
et al. 1999), the brightest known Z-type source.
There are clear similarities between Cyg X-2 and
Sco X-1: both sources exhibit kHz QPO peaks, ν1

and ν2, in the range 300–1000 Hz, HBOs and the
corresponding harmonics, νHBO, and a change of the
power-law slope in the power-density spectrum at the
break frequency νb.

3. THEORETICAL MODELS

For our analysis in terms of the two models in
question, we used the average spectra and the main
frequencies: νHBO, ν1, ν2. The following approxi-
mate asymptotic relations between the frequencies
are known from the observations of low-mass X-ray
binaries (Stella et al. 1999): (1) ∆ν = ν2 − ν1 ∝ ν2

2 ;
and (2) νHBO ∝ ν1. These observed peculiarities are
consistent with each of the theories under considera-
tion.

3.1. The Transition-Layer Model (TLM)

We consider the motion of a clump of matter,
the QPO source on the accretion-disk surface, in a
Keplerian orbit around a neutron star (NS) in terms
of this model. The magnetospheric axis is assumed to
be not aligned with the normal to the disk surface but
make an angle δ. After multiple passages through a
slightly tilted magnetosphere, the clump comes under
the effect of Coriolis forces. These forces cause the
main Keplerian oscillation frequency, νK, to split up
into two oscillation modes: radial (νh) and perpen-
dicular to the disk plane (νL). Both modes are the
solution of the equation for the rotation of a body in
a noninertial frame of reference [see Osherovich and
Titarchuk (1999) for more details on its derivation and
solution]. In this model, the lower and upper kHz
QPO peaks correspond to the Keplerian (νK ≡ ν1)
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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Fig. 1. Power-density spectra for the Z-type sources Cyg X-2 (I, II) and Sco X-1 (III) in units of F × P (F ), (rms/mean)2.
The break frequency (νb), HBOs and their harmonics (νHBO), and the lower (ν1) and upper (ν2) kHz QPOs are marked.
Similar features in the power-density spectra are indicated by the dotted lines. A theoretical lower QPO peak is shown for the
upper power-density spectrum. The upper limits correspond to a 1σ confidence level. For clarity, the power-density spectra are
shown on different scales along the Y axis; the corresponding coefficients are given. The power-density spectrum for Sco X-1
was taken from Titarchuk et al. (1999).
and hybrid (νh ≡ ν2) frequencies, respectively. The
relation between the kHz QPO peaks is given by

νh = [ν2
K + (Ω/π)2]1/2, (2)

where Ω is the rotation frequency of the magneto-
sphere. The oscillation mode perpendicular to the
disk plane is defined as

νL = (Ω/π)(νK/νh) sin δ. (3)

To a first approximation, the angular velocity of the
magnetosphereΩ is constant. Amore accurate equa-
tion that describes the dependence of Ω on radius can
be derived in the multipole magnetic-field approxi-
mation (see Osherovich et al. 1984). Assuming
the contribution of the quadrupole component to the
magnetic-field strength in the equatorial plane to be
ASTRONOMY LETTERS Vol. 28 No. 2 2002
negligible and taking into account the dipole and oc-
tupole components, the final equation for the angular
velocity can be reduced to the form (Osherivich and
Titarchuk 1999)

Ω/2π = C0 + C1ν
4/3
K + C2ν

8/3
K + C3ν

4
K, (4)

with C2 = −2(C1C3)1/2.
To reconstruct the magnetospheric profile for

Cyg X-2 according to Eq. (2) requires at least four
pairs of frequencies νK and νh. Unfortunately, only in
one of the eight average power-density spectra have
we detected a double QPO peak (see Table 1). In the
remaining cases, only the frequencies of one of these
are known. Using Eqs. (2) and (3), the magnitude
of the second peak can be calculated analytically.
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Since the angle δ is an invariant in TLM and can
be determined, only two unknown parameters appear
in Eqs. (2) and (3). The inferred main frequencies
νL, νK, νh, which are more accurate than those in
Wijnands et al. (1998), allowed the tilt angle to be
calculated with a smaller uncertainty. Thus, rewriting
Eq. (3), we derive an expression for the sought-for
angle:

δ = arcsin[(ν2
h − ν2

K)−1/2(νLνh/νK)]; (5)

substituting the values from Table 1 yields δ = 6◦.66±
0◦.13. Equations (2) and (3) at fixed νh reduce to a
quadratic equation whose roots are the angular veloc-
ity of the magnetosphere and the Keplerian oscillation
frequency:

Ω/π, νK =
νh√
2

[
1 ±

(
1 −

(
2νL

νh sin δ

)2
)1/2 ]1/2

.

(6)

At fixed νK, the hybrid frequency can be defined as

νh = νK

[
1 −

(
νL

νK sin δ

)2
]−1

. (7)

Thus, for each of the eight average power-density
spectra, we obtained Ω/π and νK, which are required
to reconstruct the magnetospheric profile according
to Eq. (4). A plot of angular velocity against Keplerian
frequency is shown in Fig. 2. Note that the error
in νK exceeds the error in Ω/π. Thus, the prob-
lem of determining the best-fit parameters becomes
two-dimensional and particularly complex when the
fitting function (in our case, Ω as a function of νK)
is nonlinear. We sought Ci (C0, . . . , C3) in Eq. (4)
with the Monte Carlo method. Instead of one initial
series of data (composed of eight νK,Ω/2π, σΩ/2π ;
see Fig. 2), we generated 1000 series. In each of
these series, all angular frequencies Ω/2π and the
corresponding errors σΩ/2π were preserved, while νK
were modeled by a Gaussian distribution with al-
lowance for the mean and error of νK. We fitted each
series of points by assuming (4) and averaged the
derived Ci. Thus, we were able to calculate the best-
fit parameters by taking into account the errors in
Ω/2π and νK. Figure 2 shows the magnetospheric
profile with the following parameters: C0 = 180 Hz,
C1 = 8.35 × 10−2 Hz−1/3, C3 = 3.81 × 10−10 Hz−3,
C2 = −1.13 × 10−5 Hz−5/3.

The inferred relationship between the Keplerian
frequency and the presumed angular velocity of the
magnetosphere together with Eqs. (2) and (3) allows
a correspondence between the three main frequencies
(νL, νK, νh) to be unequivocally established if only one
of them is known. Thismakes it possible to determine
the corresponding values of νK and νh for the individ-
ual observations of Cyg X-2 in which no kHz QPOs
were detected. Figure 3 shows the classification of
QPOs and all the observed and model frequencies.
For individual observations (Fig. 3b), the QPOs were
calculated with νL. The theoretically predicted QPO
peaks lie within the frequency range typical of their
detection (van der Klis 1999).

3.2. The Relativistic Precession Model (RPM)

The high-velocity motion of matter in a strong
gravitational field can generate oscillations attribu-
table to general-relativity effects. The relativistic pre-
cession model (Morsink et al. 1998) considers the
motion of a point mass around a gravitating center. A
sufficient condition for oscillations to emerge is that
the orbit lay not exactly in the equatorial plane of the
compact object but was inclined at an infinitesimal
angle. For a nonrotating gravitating center (i.e., in
the Schwarzschild approximation), the expression for
the particle angular velocity matches the classical
formula for Keplerian motion. However, for a neutron
star or a black hole with an intrinsic angular mo-
mentum, the azimuthal frequency can be expressed
(Bardeen et al. 1972; Stella et al. 1999) in a system
of units withG = 1 and c = 1 as

νφ =

√
M

r3

[
2π

(
1 + a

√
M

r3

)]−1

. (8)
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Fig. 3. The classification of QPOs in the Z-type source Cyg X-2. 1—TLM, 2—RPM; (а) the data were averaged over the
frequency of the HBO peak for each individual observation ∼1–3.5 ks in duration [see panel (b)]; 3—observed frequencies,
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more details). (b) Individual observations; 6—detectable frequencies, 7—the correspondingmodel frequencies.
Below, we consider only the corotation of a compact
object and a test particle: νφ > 0, a > 0 (a is the rela-
tive angular momentum). The epicyclic frequency νr

together with the azimuthal frequency νφ determine
the orbital periastron rotation, νper ≡ νφ − νr, while
the frequency in the direction perpendicular to the
disk plane νθ determines the nodal precession, νnod ≡
|νφ − νθ|. The corresponding equations were derived
by Okazaki et al. (1987) and Kato (1990)

νr = νφ

[
1 − 6

M

r
+ 8a

√
M

r3
− 3

a2

r2

]1/2

, (9)

νθ = νφ

[
1 − 4a

√
M

r3
+ 3

a2

r2

]1/2

. (10)

In contrast to TLM, the Keplerian rotation frequency
in RPM corresponds to the upper QPO peak, ν2 =
νφ, while the observed periastron precession fre-
quency corresponds to the lower QPO peak, ν1 =
νper ≡ νφ − νr. In the Kerr approximation, νφ �= νθ

(for the Schwarzschild case with a = 0, the frequen-
cies are equal: νφ = νθ), the HBOs are identified with
nodal precession: νnod ≡ |νφ − νθ|. Some authors
(Stella et al. 1999) believe that νHBO is an even
harmonic of νnod. In contrast to νHBO = νnod, this
relation causes the mass of the compact source in
Eqs. (8)–(10) required by the RPM to decrease.

In the RPM approximation under consideration,
the neutron-star mass and relative angular momen-
ASTRONOMY LETTERS Vol. 28 No. 2 2002
tum are invariants and do not depend on the Keplerian
frequency. This allows us to determine MNS and a
using Eqs. (8)–(10) from the three observed main
frequencies (see Table 1) and to use them for the
subsequent calculations. Table 2 gives the mass and
Keplerian orbital radius. Apart from the main relation
in question, which assumes νHBO = νnod, we also
obtained MNS and r in the Schwarzschild case by
assuming that the HBOs are an even harmonic of the
nodal precession.

For the average power-density spectra with known
values of only one of the two QPO peaks, the
frequency of the second peak can be calculated from
Eqs. (8) and (9). It should be noted that, irrespective
of which MNS and a are used for a rotating neutron

Table 2. The neutron-star mass and Keplerian orbital
radius

Condition MNS,M� r, km

νnod = νHBO 2.69 ± 0.10 23.12 ± 0.49

νnod = 1
2νHBO 2.29 ± 0.09 22.13 ± 0.48

νnod = 0 1.91 ± 0.08 21.05 ± 0.47

Note. The neutron-star mass and the Keplerian orbital radius
determined by RPM in the Kerr (a > 0, νnod �= 0, νφ �= νθ) and
Schwarzschild (a = 0, νnod = 0, νφ = νθ) approximations. For
our calculations, we used the data from column 6 of Table 1,
which correspond to the three simultaneously observed frequen-
cies (νHBO, ν1, ν2) in the power-density spectrum of the source.
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star (νHBO = νnod or νHBO = 2νnod), the frequency
difference between the model QPOs did not exceed
0.5%. The individual observations in which the
HBOs alone were detected revealed both kHz QPO
peaks. The results are shown in Fig. 4.

The theoretical profile of epicyclic frequency νr is
shown in Fig. 5. In RPM, its value is identically equal
to the difference between the QPO peaks. In contrast
to RPM, here, we simultaneously have two invariants
at our disposal, the mass and angular momentum.
These invariants allow the self-consistency of the
model to be evaluated. The third frequency, which
was not found in the observations, can be determined
from the other two both from (8) and (9) and from (8)
and (10). Figure 5 shows the two variants: ∆ν was
calculated as a function of ν1 or ν2 and with allowance
for νHBO alone.

The relativistic precession model makes it possible
to estimate the mass of a compact object and to de-
termine the Keplerian orbital radius. For comparison,
Fig. 6 shows the mass–radius relation for various
states of neutron stars taken fromMiller et al. (1998).

The inferred NS mass allows the distance to the
binary to be estimated. Smale (1998) obtained such
an estimate by analyzing the detected X-ray burst
from the source. Assuming that the luminosity
reaches the Eddington limit and that the spectral
shape is close to a blackbody one, we can derive the
temperature and the relation between the neutron-
star mass and the expanding-shell radius. For
MNS = 1.9M� (the mass matches that predicted
by RPM for a nonrotating NS), the distance is
∼11.6 kpc (Smale 1998). Assuming that MNS =
2.69M�,MNS = 2.29M� (νHBO = νnod and νHBO =
2νnod), the distance to the source is ∼13.8 and
∼12.7 kpc, respectively. The previous distance esti-
mates for Cyg X-2 are based on optical observations:
the data of Cowley et al. (1979) differ from the above
results, d = 8.7+2.2

−1.8, by ∼30–60%.

4. DISCUSSION AND RESULTS

The use of our new method for averaging the
power-density spectra of various observations in
searching for kHz oscillations of the X-ray flux from
Cyg X-2 proved to be successful. At least one of
the two QPO peaks in each of the eight power-
density spectra was reliably detected. Figure 1 shows
characteristic features of the source’s flux variability.
The assumption of a relationship between the three
main QPO peaks was correct. Figure 1 shows the
spectra with νHBO ≈ 28 Hz (I) and νHBO ≈ 45 Hz
(II). The second spectrum exhibits a clear increase
in the frequencies of all the observed peaks, both
the HBOs together with the second harmonic and
the kHz QPOs. Although the confidence level of
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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the lower QPO peak in spectrum I of Fig. 1 turned
out to be below 3σ, its position (the characteristic
rise in the figure) in the power-density spectrum
corresponds to the observed tendency. By using our
new method, we found yet another QPO peak with a
frequency close to 1/2 of νHBO. Figure 1 shows its
position in the spectrum, while Figs. 3 and 4 show its
position according to the general classification (see
also Table 1). The harmonic at half the frequency of
the main HBO peak has been recently found in the
observations of other Z-type sources (e.g., GX17+2;
Homan et al. 2001). The presence of its peak in
the power-density spectra is probably a common
peculiarity of all Z-type sources.

The theoretical models under consideration yielded
acceptable results. Moreover, in Fig. 4, some of the
QPO peaks (4) obtained in terms of the relativistic
precession model virtually coincide with the theoreti-
cal curve for the transition-layer model (2). This may
be a result of the inconsistency of the RPM itself, for
which Fig. 5 shows two possible values of ∆ν at fixed
NS mass and angular momentum [Eqs. (8)–(10)].
The frequency of the second peak can be determined
by using the equation for the periastron precession
frequency νper (with ν1 or ν2) and the expression for
the nodal precession frequency νnod (with νHBO). This
inconsistency may result from the model simplifica-
tion, in which the orbital inclination of a test particle
is assumed to be infinitesimal. Sibgatullin (2001)
provides an exact solution with an arbitrary angle. It
turns out that in this treatment, the frequency νHBO

at fixed mass and angular momentum can change
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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by a factor of ∼3 when the angle changes from 0
to π/2 (for the marginally stable orbit atMNS = 2M�
and νφ = 1200 Hz). This dispenses with the need
to assume the nodal precession frequency νnod to be
equal to 1/2 of νHBO to obtain more acceptable NS
masses.

The two theoretical models assume the existence
of invariants. The invariants in TLM and RPM are,
respectively, the tilt angle of the magnetosphere to
the disk normal δ and, in the Kerr approximation,
the NS massMNS and angular momentum a. Since
the RPM disregards the intrinsic quadrupole moment
of the compact object and its oblateness (which can
contribute to the nodal precession frequency at a
∼10–15% level), we were able to avoid including
various theoretical NS equations of state in our anal-
ysis. However, it was of interest to compare our
results with the constraints imposed by the equations
of state. Figure 6 shows some of these taken from
Miller et al. (1998). The curves correspond to the
mass–radius relation for nonrotating neutron stars.
Although the rotation velocity for CygX-2 is nonzero,
the correction for the spin (νs ≈ 200–400 Hz) may
be ignored. Note that only L suggests the possible
existence of a massive NS (in our case, ∼2.7M�)
and agrees with the derived MNS in all three cases.
The other two equations of state (A and UU) are
incompatible with the RPM results in the Kerr ap-
proximation (with NS rotation) under consideration.
Future observations of Cyg X-2 may probably shed
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light on which of the two models in question could
predict the frequencies of quasi-periodic oscillations
of the X-ray flux from the source more accurately.
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Abstract—We derive a formula for the nodal precession frequency and the Keplerian period of a particle
at an arbitrary orbital inclination (with a minimum latitudinal angle reached at the orbit) in the post-
Newtonian approximation in the external field of an oblate rotating neutron star (NS). We also derive
formulas for the nodal precession and periastron rotation frequencies of slightly inclined low-eccentricity
orbits in the field of a rapidly rotating NS in the form of asymptotic expansions whose first terms are given
by the Okazaki–Kato formulas. The NS gravitational field is described by the exact solution of the Einstein
equation that includes the NS quadrupole moment induced by rapid rotation. Convenient asymptotic
formulas are given for the metric coefficients of the corresponding space–time in the form of Kerr metric
perturbations in Boyer–Lindquist coordinates. c© 2002 MAIK “Nauka/Interperiodica”.

Key words: neutron stars, luminosity, disk accretion, X-ray radiation
INTRODUCTION

The X-ray flux from low-mass X-ray binaries
(LMXBs) commonly exhibits two peaks in the power
spectrum at frequencies ∼1 kHz and one peak in
the range 10–100 Hz (van der Klis 2000). Stella
and Vietri (1998) proposed to interpret the frequency
difference between the kHz peaks as the periastron
rotation frequency of low-eccentricity orbits: the
observed decrease in this difference for some LMXBs
was explained by a radiating clump approaching
the marginally stable orbit at which the periastron
rotation frequency becomes zero. The low-frequency
peak was interpreted as the precession frequency
of circular Keplerian orbits inclined to the equator
(Merloni et al. 1999; Morsink and Stella 1999;
Stella and Vietri 1998; Stella et al. 1999; Stella 2000;
Psaltis et al. 1999). The formulas of Okazaki et al.
(1987) derived in terms of the Kerr solution for orbits
slightly inclined to the equatorial plane are commonly
used to compare models with observations. The
importance of the precession of inclined orbits in the
fields of rotating black holes in interpreting the quasi-
periodic oscillations (QPOs) of the X-ray flux from
pulsars and black-hole candidates was first pointed
out by Cui et al. (1998). Inclined orbits in Kerr
and Kerr–Newman fields were first considered by
Wilkins (1972) (uncharged case) and Johnston and
Ruffini (1974) (for a charged rotating black hole).

*E-mail: sibgat@mech.math.msu.su
1063-7737/02/2802-0083$22.00 c©
Van Kerkwijk et al. (1998) explained the puzzling
spindown and spinup of some X-ray pulsars by the
fact that the accretion-disk tilt to the equatorial
plane in inner regions can become larger than 90◦!
Previously (Sibgatullin 2001), we derived analytic
expressions for the nodal precession and periastron
rotation frequencies for orbits arbitrarily inclined
to the equatorial plane.1 The nodal precession of the
marginally stable orbitswas described as a function
of the corresponding Keplerian frequency for various
inclinations of these orbits. For a Keplerian frequency
of 1200 Hz and an NS mass of 2.2 M�, the nodal
frequency in the marginally stable orbit was shown to
change from 41 Hz to 123 Hz as the inclination to the
equator changes from 0 to 90◦, i.e., by a factor of 3!

However, the results for black holes need to be
significantly corrected for neutron stars, because a
rapidly rotating NS becomes oblate and a quadrupole
moment appears. For orbits with low inclinations to
the equatorial plane, Markovic (2000) derived formu-
las for the nodal and periastron precession frequencies
in the post-Newtonian approximation by taking into
account the NS quadrupole moment. Morsink and
Stella (1999) numerically calculated νr and νnod as
functions of νφ for low inclinations and low eccentric-
ities for various NS equations of state.

1To be more precise, with an arbitrary minimum angle θ,
which can be reached in a bound trajectory.
2002 MAIK “Nauka/Interperiodica”
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Here, our goal is to derive analytic formulas for νr
and νnod for low inclinations and low eccentricities in
the form of asymptotic expansions, which transform
to the formulas of Okazaki et al. (1987) and Kato
(1990) at a zero quadrupole moment. The exact
quadrupole solution extracted from the more general
solution found by Man’ko et al. (1994) formed the
basis for our study. This solution was reduced to the
simplest form in Weyl coordinates. For clarity, the
exact quadrupole solution is also given asymptotically
as a Kerr metric perturbation in Boyer–Lindquist co-
ordinates.
Sibgatullin and Sunyaev (1998, 2000a, 2000b)

(below referred to as SS 98, SS 00a, and SS 00b)
provided formulas for the luminosity and spindown
rate for various NS equations of state. These authors
proposed a method of analytically constructing the
quadrupole moment b as a function of the Kerr param-
eter j and NS rest massm, b = b(j,m), based on the
main NS thermodynamic function— its gravitational
massM as a function of the Kerr parameter and rest
mass M =M(j,m). In this case, the space–time
geometry for the exact quadrupole solution plays a
crucial role in finding the marginally stable orbit. The
dependence b(j,m) was constructed using numerical
data from Cook et al. (1994) and the numerical
code by Stergioulas (1998) for the marginally sta-
ble orbit. Laarakkers and Poisson (1998) found a
parabolic dependence of the quadrupole moment on
the Kerr parameter at j � 1 by using direct calcu-
lations from the formula of Ryan (1995, 1997) for
several equations of state. The physical parameters
of the marginally stable orbit were studied by Shibata
and Sasaki (1998) using expansions at large radii.

An important outstanding question (which is not
considered here) is the passage from a viscous accre-
tion disk (Shakura and Sunyaev 1973, 1976) to free
particles near the marginally stable orbit. Another
complicated question is the behavior of bound tra-
jectories at the marginally stable orbit for their finite
inclination to the equatorial plane.

THE EXTERNAL GRAVITATIONAL FIELDS
OF ROTATING NEUTRON STARS

The efficiency of the exact quadrupole solution in
describing the external fields of rapidly rotating neu-
tron stars with masses larger than 1M� was demon-
strated in SS 98, SS 00a, and SS 00b. In contrast to
the Kerr solution, this solution contains an additional
constant, which has the meaning of an intrinsic (non-
Kerr) NS quadrupole moment, and is symmetric rel-
ative to the equatorial plane. The solution under
discussion is contained as a special case in the five-
parameter (mass, angular momentum, quadrupole
moment, electric charge, and magnetic dipole ) so-
lutions obtained by Man’ko et al. (1994) using the
method developed in our book (Sibgatullin 1984).2

However, the expressions for the metric coefficients
and the 4-potential of the electromagnetic field are
cumbersome. To solve problems with disk accretion
in the equatorial plane, we used simple expressions for
the metric of the quadrupole solution in the equatorial
plane (SS 98, SS 00a). Since the importance of the
quadrupole solution in describing the fields of rotating
NS gravitational fields is beyond question, we give
here the corresponding exact solution of the Einstein
equations in the entire space.3 Thus, the metric
coefficients in the square of the interval in vacuum,4

ds2 = −f(dt− ωdφ)2 +
ρ2

f
dφ2 (1)

+
exp 2γ
f

(dρ2 + dz2)

in the exact quadrupole solution are5

f = Re
(
A−B
A+B

)
, (2)

fω = 2Re
(
j(A−B) + iC
A+B

)
,

e2γ =
AĀ−BB̄

16k4+k4−R+R−r+r−
.

In formulas (2), we use the following notation

A = k2−(R− + r+)(R+ + r−) (3)

− k2+(R− − r−)(R+ − r+),
B = k+k−((k+ + k−)(r+ + r−)

+ (k− − k+)(R− +R+)),
C = zB + k+k−(k−(R+r+ −R−r−)

+ k+(R+r− −R−r+) + 2b(R+ −R− + r− − r+)),

R±=
√
ρ2+(z ± (k++k−)/2)2(

√
1 − j2 ± ij), (4)

r±=
√
ρ2 + (z ± (k+ − k−)/2)2(

√
1 − j2 ± ij),

k− =
√

1 − j2 − 4b, k+ =
√

1 − j2.

2For the relationship of this method to the soliton solutions
of Kramer and Neugebauer (1980), see Ernst (1994) and
Man’ko and Ruiz (1998).
3The metric of the exact solutions for the Einstein equations
with a finite set of multipolemoments is given in general form
in SS 00а. The method of constructing exact asymptotic flat
solutions for the Einstein–Maxwell equations from the data
specified on the symmetry axis was developed in our book
(Sibgatullin 1984). The entire problem reduces to solving the
only homogeneous singular equation with the Cauchy kernel
on a segment with an additional normalization condition.
4In Papapetru form.
5Here, we use a system of units withM = c = G = 1.
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The metric coefficient ω becomes zero on the sym-
metry axis at |z| > (k+ + k−)/2. We assume that
ω on the symmetry axis becomes zero everywhere
outside the rotating NS (the condition for the absence
of conical points). Solution (2)–(4) was obtained for
the Ernst potential on the symmetry axis:

E =
A−B
A+B

|ρ=0 =
z2 + (ij − 1)z + b2

z2 + (ij + 1)z + b2
.

Note that (j(A−B) + iC)/(A+B) = i on the sym-
metry axis.
In the special case where b = (1 − j2)/4, the

constant k− becomes zero. In this case, it is
convenient to pass to the coordinates ρ = sin θ ×√

(r − 1)2 − (1 − j2)/4, z = (r − 1) cos θ. Passing
to the limit k− → 0, the metric coefficients in the
square of the interval

ds2 = −f(dt− ωdφ)2 +
ρ2

f
dφ2 (5)

+
g

f

(
dr2

(r − 1)2 − (1 − j2)/4 + dθ2
)

may be represented as

f = Re
(a
b

)
, fω = 2Re

(c
b

)
, (6)

g =
Re(ab∗)

4(4(r − 1)2 − (1 − j2)m2)3.
Here, the asterisk denotes a complex conjugate and
the following notation is used withm ≡ cos θ:

a = −27 − 5j2 + 18ijm− 2ij3m− 6ijm3

+ 6ij3m3 − j2m4 + j4m4 + 108r + 4j2r

− 48ijmr + 4ijm3r − 4ij3m3r − 144r2

+ 48ijmr2 + 80r3 − 16ijmr3 − 16r4,

b = −3 + 3j2 + 14ijm + 2ij3m− 2ijm3

+ 2ijm3 − j2m4 + j4m4 + 20r − 4j2r

− 48ijmr + 4ijm3r − 4ij3m3r − 48r2

+ 48ijmr2 + 48r3 − 16ijmr3 − 16r4,

c = ij4m(−1 + 2m2) − im(−3 + 2r)(−1 + 2r)3

− 2ij2m(−2 +m2 + 2r) + j(−13 +m4(1 − 2r)

+ 46r − 48r2 + 16r3) + j3(3 + 2r +m4(−1 + 2r)).
Let us again turn back to the general exact quadru-
pole solution (2)–(4) and pass to the Boyer–Lind-
quist coordinates ρ = sin θ ×

√
(r − 1)2 − (1 − j2),

z = (r − 1) cos θ.
Let us represent the square of the interval as

ds2 = −fdt2 + 2fωdtdφ (7)

+ sin2 θ

(
r2 − 2r + j2

f
− fω2

)
dφ2
ASTRONOMY LETTERS Vol. 28 No. 2 2002
+
Γ
f

(
dr2

r2 − 2r + j2
+ dθ2

)
,

where

f =
F

r2 + j2 cos2 θ
, ω =

W

r2 + j2 cos2 θ
. (8)

We will seek the functions F , Γ, and W using the
exact solution (2)–(4) in the form of series in inverse
powers of the radius. At b = 0, the series for F , Γ,
and W break off on the second or third term, giving
the exact Kerr solution

Fk = Γk = r2 − 2r + j2 cos2 θ, Wk = −2jr sin2 θ.

At b 
= 0, the series forF , Γ, andW contain an infinite
number of terms and diverge on the event horizon.
This fact is related to the so-called no hair theorem6

[see Misner et al. (1973) and Sibgatullin (1984) for
a more detailed discussion of the black-hole theory].
A collapsing star loses its magnetic and quadrupole
moment and its field asymptotically approaches the
field of a rotating black hole (Ginzburg and Ozernoi
1964; Doroshkevich et al. 1965).

Cumbersome transformations (in these formulas,
m ≡ cos θ) yielded

F = r2 − 2r + j2m2 + b
(

3m2 − 1
r2

(r + 1) (9)

1
r3

(
3
4
(1 + j2 + b) − 1

2
(3 + 25j2 + 15b)m2

+
1
4
(−5 + 63j2 + 35b)m4

)
+ 0

[
1
r4

])
;

Γ = r2 − 2r + j2m2 + b(1 −m2)

×
(

3
2r3

(5m2 − 1)(r + 2) +
1

4r4
(−17 − j2

+ 8b+ 2(35 + 10j2 + 56b)m2 + (35

− 35j2 − 180b)m4) + o
[

1
r5

])
;

W = 2j(1 −m2)
(
−r + b

(
1

4r3
(5m2 − 1)

×(4r+7)+
1

8r4
(−24 − b+ 2(54 + 20j2 + 63b)m2

+ (12 − 72j2 − 189b)m4) + o
[

1
r5

]))
.

6According to Wheeler’s figurative expression, “a black hole
has no hair.” The stability of black holes was shown in the
pioneering papers by Reggie-Wheeler and Zerilli.
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PERIASTRON AND NODAL PRECESSION
OF ORBITS WITH LOW INCLINATIONS

TO THE EQUATORIAL PLANE
AND WITH LOW ECCENTRICITIES

The eikonal equation gijS,iS,j = −1 in stationary
spaces with axial symmetry and with the square of
the interval (1) have solutions of the form S = −Et+
Lφ+ S̃(ρ, z), where S̃ satisfies the equation

(S̃2
,ρ + S̃2

,z)fe
−2γ = V (ρ, z) ≡ E

2

f
(10)

− f
ρ2

(L− ωE)2 − 1.

Consider nearly circular orbits in the equatorial plane.
For the latter, V = V,z = V,ρ = 0 at z = 0. Conse-
quently, expanding the right-hand part of Eq. (10) for
perturbations in a Taylor series to within quadratic
terms, we have

(S̃2
,ρ + S̃2

,z)fe
−2γ =

1
2
(V,ρρ(∆ρ)2 + V,zzz

2) + const.

(11)

The constant in Eq. (11) is related to the perturbation
of V when the constants E and L are perturbed
for nonequatorial, noncircular orbits. Equation (11)
can be solved by the separation of variables, S̃ =
S1(∆ρ) + S2(z). Consider the Hamiltonian system
associated with Eq. (11). We will seek ∆ρ and z in
the form∆ρ = ε1 sin ξ, z = ε2 sin ζ . We then obtain
dζ

ds
=
√

−fe−2γVzz/2,
dξ

ds
=
√
−fe−2γVρρ/2,

(12)

dφ

ds
=
f

ρ2
(L− ωE),

dt

ds
=
E

f
+
fω

ρ2
(L− ωE).

Note that the right-hand parts of Eqs. (12) are con-
stant.
Let us now make use of the expression for the en-

ergy and angular momentum of particles in equatorial
circular orbits (SS 98, SS 00a):

E =
√
f√

1 − f2p2/r
, L− ωE = pE, (13)

p ≡ ρ2(−λ+
√
λ2 + µ− µ2r)/n,

λ ≡ fω̇, µ ≡ ḟ/f, n ≡ f − rḟ .
Here, the dot denotes a derivative with respect to ρ2.
For the frequency of a particle in a Keplerian equa-

torial circular orbit, the following formula can be de-
rived from Eqs. (13):

ωφ =
p

(ρ2/f2 + ωp)
.

Below, it is convenient to introduce a new quantity
instead of p: τ ≡ ρ2/(fp). The formula for the fre-
quency can then be rewritten as

ωφ =
1
T
, T = 2π(ω + τ/f), (14)

τ ≡ (λ+
√
λ2 + µ− µ2r)/µ.

For the rotation frequency from periastron to perias-
tron, 2πνr = dξ/dt, we obtain from Eqs. (12)

ν2
r = ν2

φM, (15)

where we use the notation

M ≡ 2e−2γ

(
−gf

(
1
f

)
,qq

τ2 +
q3

f

(
f

q

)
,qq

− 4q2
(
f

q

)
,q

τω,q − 2qτfωqq + 2τ2f2(ω,q)2
)
|z=0,

q ≡ ρ2. In exactly the same way, for the rotation
frequency of the maximum rise in z, 2πνθ = dζ/dt,
we obtain from Eqs. (12) using the explicit expres-
sion (10) for V

ν2
θ = ν2

φN, (16)

N =
e−2γ

f
(f,zz(ρ2 + τ2) − 2fωzzτ)|z=0.

For the periastron and nodal precession frequencies,
we have
νper = νφ(1 −

√
M), νnod = νφ(1 −

√
N). (17)

We will seek the functions T (r), N(r), and M(r) in
coordinates (7) in the form of expansions in terms of
inverse powers of r. At b = 0, the series break off to
give the exact formulas of Okazaki et al. (1987) and
Kato (1990) for the Kerr metric

M = 1 − 6
r

+
8j
r3/2

− 3j2

r2
, N = 1 − 4j

r3/2
+

3j2

r2
,

T = j + r3/2.

Let b 
= 0; using coordinates (7), we obtain

M = 1 − 6
r

+
8j
r3/2

− 3(j2 + b)
r2

+ 3b
(
− 5
r3

(18)

+
8j
r7/2

− 1
2r4

(16 + 7j2 + 2b) +
12j
r9/2

− 1
4r5

(51 + 3j2 + 31b) + o
[

1
r11/2

])
;

N = 1 − 4j
r3/2

+
3(j2 + b)
r2

+ 3b
(

2
r3

(19)

− 5j
r7/2

+
1

2r4
(8 + 7j2 + 2b) − 9j

r9/2
+ o

[
1
r5

])
;

T/2π = r3/2 + j + b
(
− 3

4r1/2
− 5

4r3/2
(20)
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+
3j
2r2

− 3
32r5/2

(10 + 10j2 + b) +
5j
r3

− 3
16r7/2

(29 + 13j2 + 4b) + o
[

1
r4

])
.

Using Eqs. (19) and (20) for the nodal angular veloc-
ity of slightly inclined orbits, we derive a Taylor series
in inverse powers of the radius:

ωnod =
2j
r3

− 3(b+ j2)
2r7/2

− 3b
r9/2

+
3j
2r5

(−j2 + 5b)

(21)

− 3
8r11/2

(16b− 3j4 + 11j2b+ 4b2) + o
[

1
r6

]
.

At b = 0, we obtain a Taylor expansion of the formula
by Okazaki et al. (1987) and Kato (1990) from
Eq. (21).
For orbits with low inclinations to the equatorial

plane, Markovic (2000) derived formulas for the peri-
astron and nodal precession frequencies in the post-
Newtonian approximation. His formulas for the
nodal precession frequency is equivalent to Eq. (21) if
the first two terms are retained in it. The latter are the
sum of the Newtonian precession of a slightly inclined
orbit in a gravitational field with a quadrupolemoment
and the precession of Lense and Thirring (1918).
Thus, for orbits with low inclinations to the equa-

torial plane and with low eccentricities, allowance for
NS oblateness in Eqs. (17) for the nodal and perias-
tron precession of orbits with rapid rotation gives a
large contribution for the hard equations of state.
The method for constructing the dependence of the
quadrupole moment on the NS rest mass and Kerr
parameter is described in SS 00a; for the equations
of state A and FPS, the specific functions b(j,m)
were constructed at rest masses larger than the solar
mass and smaller than the critical mass according to
the static stability criterion. Laarakkers and Poisson
(1998) found an almost quadratic dependence of the
quadrupole moment on the Kerr parameter at small j.
In SS 98, the dependence b(j) was studied for nor-
mal sequences with 1.4M� in the static limit and for
normal sequences unstable in the static limit over
the entire range of Kerr parameters in which the
equatorial rotation velocity on the stellar surface is
lower than the equatorial Keplerian velocity.

NODAL PRECESSION OF ORBITS
WITH ARBITRARY INCLINATIONS
TO THE EQUATORIAL PLANE
IN THE POST-NEWTONIAN

APPROXIMATION

Consider the non-Kerr terms in Eqs. (9) as
small Kerr metric perturbations: F = Fk(1 + v); Γ =
Γk(1 + z); W =Wk(1 +w). The eikonal equation
ASTRONOMY LETTERS Vol. 28 No. 2 2002
(10) in Boyer–Lindquist coordinates can be writ-
ten as
(S̃2

,r∆ + S̃2
,θ)(1 + v − z) = (E(r2 + j2) − Lj)2/∆

(22)

− (L− jE)2 + cos2 θ

(
(E2 − 1)j2 − L2

sin2 θ

)

− v
(

(
(r2 + j2)2

∆
− j2 sin2 θ)E2 +

L2

sin2 θ

− L
2j2

∆

)
− 4w(2j2r2 sin2 θ + ELjr)

∆
.

The asymptotic result for the nodal precession fre-
quency that follows from Eq. (22) can also be ob-
tained as follows.
Consider the energy integral for a particle mov-

ing in the gravitational field of a point mass with a
quadrupole moment in the Newtonian approximation:

1
2

(
r2
(
dθ

dt

)2

+
L2

r sin2 θ
+
(
dr

dt

)2
)

− 1
r

(23)

+
b

2r3
(3 cos2 θ − 1) = H, H = const.

In the absence of a quadrupole moment for circular
orbits, we have
H = −1/(2r); pr = 0; L2 = r sin2 s; (24)

cos θ = cos s cos(t/r3/2).

We restrict our analysis to the case b/r2 � 1 and
denote τ ≡ t/r3/2. The energy integral, to within
quantities of the second order of smallness in b/r2,
can be written as(

dθ

dτ

)2

=
(

1 − L2

r sin2 θ

)(
1 − 4

δr

r

)
(25)

+ 2rδH − b

r2
(3 cos2 θ − 1).

We write the constant H via its value at the turning
point dθ/dτ = 0:

1 + rH =
L2

2r sin2 s
+
b

2r2
(3 cos2 s− 1). (26)

With (26), the energy integral (25) takes the form(
dθ

dτ

)2

=
sin2 θ − sin2 s

sin2 θ
(27)

×
(
L2

r sin2 s
− 4
δr

r
+

3b
r

sin2 θ

)
.

An analog of circular orbits in a quadrupole field are
perturbed orbits with a zeromean deviation= δr from
a sphere of constant radius:∫

δrdϕ(t) = 0. (28)
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In Eq. (28), the integral is taken over the meridional
period Tθ in which the particle again returns to the
minimum angle s. Given (28), the azimuthal angle φ
changes in time Tθ/4 by

∆φ =
∫ π/2

s

√
L2

r sin2 s

dθ

sin2 θ

(
(cot2

s − cot2 θ) (29)

×
(
L2

r sin2 s
+

3b
r2

sin2 θ

))1/2

≈ π
2

(
1 − 3b

2r2
sin s

)
.

Consequently, the nodal precession because of the
NS oblateness (the presence of a quadrupole mo-
ment) is

νnod = − 3
2r7/2

b sin s.

Combining this result with the formula for the preces-
sion frequency of inclined circular orbits in a Kerr field
[see Eq. (52) in Sibgatullin (2001)], we derive the
sought-for formula for the nodal precession fre-
quency in the post-Newtonian approximation:

2πνnod =
2j
r3

− 3
2r7/2

(b+ j2) sin s. (30)

Formula (30) at s = π/2 transforms to the formula
of Markovic (2000). In exactly the same way, for
the azimuthal (Keplerian) period at an inclined orbit
in the field of an oblate star in the post-Newtonian
approximation, we obtain using (28)

T = r3/2 + j(3 sin s− 2) − 3
4
b

r1/2
(2 − sin s) (31)

+
9

4r1/2
cos2 s(j2 + b).

At s = −π/2, Eq. (31) matches Eq. (20) in the prin-
cipal terms.
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Fiz. 47, 1030 (1964) [Sov. Phys. JETP 20, 689
(1964)].

6. M. Johnston and R. Ruffini, Phys. Rev. D 10, 2324
(1974).
7. S. Kato, Publ. Astron. Soc. Jpn. 42, 99 (1990).
8. M. van der Klis, astro-ph/0001167.
9. M. H. van Kerkwijk, Deepto Chakrabarty,
J. E. Pringle, and R. A. M. Wijers, Astrophys.
J. Lett. 499, L27 (1998); astro-ph/9802162.

10. D. Kramer and G. Neugebauer, Phys. Lett. A 75A,
259 (1980).

11. W. Laarakkers and E. Poisson, Astrophys. J. 512, 282
(1999); gr-qc/9709033 (1998).

12. J. Lense and H. Thirring, Phys. Z. 19, 156 (1918).
13. V. S. Man’ko and E. Ruis, Class. Quantum Grav. 15,

2007 (1998).
14. V. C. Man’ko, N. R. Sibgatullin, et al., Phys. Rev. D

49, 5144 (1994).
15. D. Markovic, astro-ph/0009450.
16. A. Merloni, M. Vietri, L. Stella, and D. Bini, Mon.

Not. R. Astron. Soc. 304, 155 (1999); astro-
ph/9811198.

17. Ch. W. Misner, K. S. Thorne, and J. A. Wheeler,
Gravitation (Freeman, New York, 1973).

18. Sh. M. Morsink and L. Stella, Astrophys. J. 513, 827
(1999); astro-ph/9808227.

19. I. D. Novikov and V. P. Frolov, The Physics of Black
Holes (Nauka, Moscow, 1986).

20. A. T. Okazaki, S. Kato, and J. Fukue, Publ. Astron.
Soc. Jpn. 39, 457 (1987).

21. D. Psaltis, R. Wijnands, J. Homan, et al., Astrophys.
J. 520, 763 (1999); astro-ph/9903105.

22. F. D. Ryan, Phys. Rev. D 52, 5707 (1995).
23. F. D. Ryan, Phys. Rev. D 55, 6081 (1997).
24. N. I. Shakura and R. A. Sunyaev, Astron. Astrophys.

24, 337 (1973).
25. N. I. Shakura and R. A. Sunyaev, Mon. Not. R.

Astron. Soc. 175, 613 (1976).
26. M. Shibata and M. Sasaki, Phys. Rev. D 58, 10401

(1998).
27. N. R. Sibgatullin, Oscillation and Waves in Strong

Gravitational and Electromagnetic Fields (Nauka,
Moscow, 1984; Springer, Heidelberg, 1991).

28. N. R. Sibgatullin, Pis’ma Astron. Zh. 27, 929 (2001)
[Astron. Lett. 27, 799 (2001)].

29. N. R. Sibgatullin and R. A. Sunyaev, Pis’ma Astron.
Zh. 24, 894 (1998) [Astron. Lett. 24, 774 (1998)].

30. N. R. Sibgatullin and R. A. Sunyaev, Pis’ma Astron.
Zh. 26, 813 (2000a) [Astron. Lett. 26, 699 (2000a)].

31. N. R. Sibgatullin and R. A. Sunyaev, Pis’ma Astron.
Zh. 26, 899 (2000b) [Astron. Lett. 26, 772 (2000b)].

32. L. Stella, astro-ph/0011395.
33. L. Stella and M. Vietri, Astrophys. J. Lett. 492, L59

(1998); astro-ph/9709085.
34. L. Stella, M. Vietri, and Sh. M. Morsink, Astrophys.

J. Lett. 524, L63 (1999); astro-ph/9907346.
35. N. Stergioulas, http://pauli.phys.uwm.edu/Code

/rns; www.livingre-views.org/Articles/Volume1
/1998–8stergio.

Translated by V. Astakhov
ASTRONOMY LETTERS Vol. 28 No. 2 2002



Astronomy Letters, Vol. 28, No. 2, 2002, pp. 89–99. Translated from Pis’ma v Astronomicheskĭı Zhurnal, Vol. 28, No. 2, 2002, pp. 106–117.
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Abstract—We analyze the line shape for emission peaks of H2O maser sources associated with star-
forming regions by using the spectra obtained with the RT-22 radio telescope at the Pushchino Radio
Astronomy Observatory. For five sources, we found the line profile of emission peaks to be asymmetric.
In all cases, the left (high-frequency) line wing is higher than the right wing. Our analysis of the line
shape yielded additional information on the structure and evolution of the maser sources under study. In
G43.8–0.1, the emission feature was found to split up into two components. To explain the evolution of the
16.8 km s−1 line in NGC 2071, we propose a model in which the line-of-sight velocity gradient changes
under the effect of a (non-shock) wave. The observed short-duration flares of individual emission features
in W75N can emerge due to a chance projection of the numerous clumps of matter involved in Keplerian
motion onto each other. c© 2002 MAIK “Nauka/Interperiodica”.

Key words: radio sources, star formation
INTRODUCTION

The spectra of H2Omasers have a complex struc-
ture and are highly variable in time. Such spec-
tra are attributable to the presence of both regular
and turbulent motions with various scales and life-
times in the source. A long-term monitoring reveals
long-lived emission features (spots) and yields the
characteristic parameters of the relatively small-scale
(<1 AU) turbulence (Lekht et al. 1999). In addition,
studies of such features provide information on the
comparatively regular physical processes both in the
spot itself and in the possible amplification corridor
along the propagation path of the maser emission
(Matveenko et al. 2000).

At present, there are several studies aimed at
searching for flux and line-FWHM variability of
single features and for a correlation between the
variations of these parameters. The line shape was
first analyzed for an intense flare of the feature at
+8 km s−1 of the H2O maser source in Orion in
1979 (Matveenko 1981; Strel’nitskii 1982). The
existence of asymmetry was pointed out: the left,

*E-mail: lekht@inaoep.mx;lekht@sai.msu.ru
1063-7737/02/2802-0089$22.00 c©
high-frequency wing was higher. The asymmetry
in the profile was explained by the possible super-
position of two components (Matveenko et al. 1980;
Matveenko, 1981).

Apart from the natural quantum broadening, the
line FWHM is determined by the thermal scatter of
velocities of the emitting molecules. In addition, the
line can be broadened by small-scale chaotic tur-
bulent motions. In a medium with an inverse level
population, the line significantly narrows by a factor
of ∼(τ + 1)1/2 (for an unsaturated maser). Here, τ
is the optical depth of the amplification path at the
line center. In this case, estimates of the mean ther-
mal velocity and the velocity of small-scale turbulent
motions depend on τ . Goldreich and Kwan (1974)
showed that under certain conditions, the line can
also narrow with the same dependence on τ for a
saturated maser. The line FWHM and the flux will
then be related by

∆V ∝ (lnF0)−1/2 (1)

for an unsaturated maser and

∆V ∝ F
−1/2
0 (2)
2002 MAIK “Nauka/Interperiodica”
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Fig. 1. Three spectra of W75N during flares of individual spectral features. The number denotes the line FWHM, in km s−1.
for a saturated maser (Mattila et al. 1985). Here, F0

is the flux at the line center. The formation of the line
profile for various masing modes was considered by
Strel’nitskii (1974).

The passage and amplification of the background
emission or the spontaneous emission (at τ � 1) in
a medium at rest and in a rigidly rotating medium
(e.g., a rotating homogeneous maser spot) gives a
symmetric line at the output of an unsaturated maser.
In our case, a Gaussian fit satisfactorily describes the
shape of the observed line. For a more complex spot
structure, the line can be asymmetric (Matveenko
et al. 1980, 2000).
Here, we investigate the shapes of the emission
lines in some H2O maser sources. By the line shape,
we mean the following: the line FWHM, whether it
coincides with or differs from a Gaussian, and the line
asymmetry (the difference between the right and left
line wings).

DATA PRESENTATION

We analyzed the spectra of theH2Omaser sources
NGC 2071, S269, G43.8−0.1, ON1, W75N, and
S128, which are associated with star-forming re-
gions. All spectra were obtained with the RT-22
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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radio telescope at the Pushchino Radio Astronomy
Observatory. The spectral resolution at λ = 1.35 cm
was 0.101 km s−1. The radio telescope, equipment,
and observing techniques were described in detail, for
example, by Sorochenko et al. (1985).

We selected individual emission components dur-
ing flares and long-lived components. The emission
peaks during flares are most frequently single. Their
blending with other features can be insignificant and
can take place mainly in the wings. In addition, it
is highly probable that the main characteristics of
the single line (flux, radial velocity, line FWHM, and
shape) will vary. There may also be a functional
relationship between the flux and line-FWHM vari-
ations. The H2O spectra of the long-lived features
were taken for the periods when these features were
single or weakly blended. We selected lines that were
no broader than 0.7 km s−1 and lines for which there
was a correlation between the flux and FWHM vari-
ations. Of course, this did not completely guarantee
that the lines were definitely single.

Our selection presents sources of three different
types: a Keplerian disk (W75N and S269), an ex-
panding envelope (G43.8−0.1, ON1, and S128), and
a jet (NGC 2071). The maser S128 has two groups
of spots located at the boundary between interacting
(probably colliding) clouds. The maser W75N is also
a double source. One of the sources is associated
with an ultracompact H II region (VLA 2), while
the other is associated with a jet (VLA 1) (Torrelles
et al. 1997). The RT-22 radio telescope receives the
emission from both sources. NGC 2071 has a similar
structure (Torrelles et al. 1998).

Figure 1 shows the H2O spectra of the maser
W75N when strong emission flares took place. The
spectra of this source are rather complex and contain
a large number of emission features, which overlap
in radial velocity. Nevertheless, the flaring features
are fairly strong and may be considered as single
features. The letters S and A denote the symmetric
and asymmetric lines, respectively.

Figure 2 shows the H2O spectra of some sources
at the epochs of their study here. The arrow in
the spectrum of G43.8−0.1 indicates the possible
velocity of the central star taken from Lekht and
Sorochenko (1999).

Some emission peaks were very narrow. For
example, during the 1982 flare in G43.8−0.1, the
line FWHM at the flare maximum was a mere
0.35 km s−1. In such cases, the bandwidth of the
filter-bank analyzer (0.1 km s−1) was not consider-
ably narrower than the line FWHM. For this reason,
the observed lines proved to be slightly distorted; i.e.,
the fluxes in the line peak were underestimated. Such
narrow lines were corrected.
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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Since the maser emission is highly variable in
time, to compare the line profiles at different epochs,
they were normalized in amplitude and centered in ve-
locity. The centering stems from the fact that a radial-
velocity drift of the emission features was observed
in some cases. In addition, the random errors and
the errors in the radial velocity were eliminated. This
procedure was carried out for all line profiles.

For the source G43.8−0.1, which is identified with
an expanding envelope, we chose two strong flares.
One of them occurred in 1982 at VLSR = 38.6 km s−1.
The flare lasted for about 8 months. The mean line
FWHM was 0.4 km s−1. Figure 3 shows five line
profiles at epochs when the line intensities were high
enough to study their shapes. The superposition of all
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five line profiles is presented in Fig. 3f. The average
line and the fitted Gaussian are shown in Fig. 3g.

During a different flare (1988–1990), the line at a
radial velocity of 37.6 km s−1 was broader (Fig. 4a),
of the order of 0.7 km s−1. The line splitting into two
components (Fig. 4b) was observed. The spectrum
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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of G43.8−0.1 exhibits a long-lived component at a
radial velocity of 42.2 km s−1 (see Fig. 2), whose
velocity was fairly stable. To study the radial-velocity
drift of the 37.6-km s−1 feature, its velocity was mea-
sured relative to the 42.2-km s−1 feature. The results
are presented in Fig. 5a. The flux and line-FWHM
variations in the lnF − ∆V −2 coordinates are shown
in Fig. 5b.

In the H2O spectrum of NGC 2071, we chose
the component at VLSR ≈ 17 km s−1 and monitored
its variability from October through December 1988.
Figure 6a shows five spectra obtained on October
ASTRONOMY LETTERS Vol. 28 No. 2 2002
6; November 11, 12, 24; and December 21, 1988.
The spectra are numbered 1 through 5, respectively.
During this entire period, the line was asymmetric.
We observed a small regular drift of the emission peak
in radial velocity within 0.2 km s−1 and a rise in
flux from 1740 to 2100 Jy with a simultaneous line
narrowing from 0.82 to 0.61 km s−1.

To compare the line shapes, all five profiles were
reduced to the same minimum FWHM, which was
observed on December 24, 1988. The lines were then
centered to a zero velocity (Fig. 6b). The normalized
lines closely coincide. Figure 6c shows the average
line (1), which was fitted by two Gaussians (2). Their
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sum is indicated in Fig. 6c by line 3, which virtually
coincides with the average line.

The results of our study of the asymmetry in the
observed lines are presented in Fig. 7. For the left
plot, distances from the line center and deviation of
the observed line from the average line are along the
horizontal and vertical axes, respectively. The average
line was obtained as the ordinary mean of the left and
right wings in the observed line, F (U) = (FL(U) +
FR(U))/2, where F (U) is the emission flux. In this
case, the deviation from the mean (along the horizon-
tal axis) can be written as U − |UL| for the left wing
of the line and as U − |UR| for its right wing. In five
cases, the line was asymmetric: S269, G43.8−0.1
(flare 1982), ON1 (the 15-km s−1 emission feature
for two time intervals), and NGC 2071.

The difference in the patterns of the line FWHM
variability for the symmetric and asymmetric lines is
shown in the right-hand part of Fig. 7. Here, ∆U is
the range within which the line FWHM varies as a
function of the distance from its center. The letters L
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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and R denote the curves for the left and right line
wings, respectively.

DISCUSSION

The Source W75N

According to Torrelles et al. (1997), there are two
main groups of maser spots in this region. One of
them, W75N (Ba), that coincides with the ultracom-
pact continuum source VLA 1 is elongated roughly
in the direction of the bipolar molecular outflow. The
group of spots W75N (Bb) that coincides with the
the ultracompact continuum source VLA 2, forms a
rotating protoplanetary disk. The separation between
ASTRONOMY LETTERS Vol. 28 No. 2 2002
the groups of maser spots does not exceed 1′′. In
single-dish observations, we receive the emission si-
multaneously from both H2Omasers.

The H2O spectrum of the maser W75N (Ba) has
a smaller velocity dispersion than W75N (Bb) (Tor-
relles et al. 1997). Therefore, the strong flare of 1999
at −2.6 km s−1 (Fig. 1c) may be assumed to have
occurred in the maser W75N (Bb) identified with a
Keplerian disk. The flare lasted no longer than 3–
4 months. The line had a symmetric shape. Despite
the significant flux variations, the line FWHM did not
vary (0.67 km s−1). Given that the line was broad
and that there was no correlation between the flux and
line FWHM variations, the maser may be assumed to
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be saturated in this case. The flare was apparently
local, because there were no significant variations in
the H2O spectrum as a whole during this period.

The maser W75N (Bb) has a complex spatial
structure and contains a large number of maser spots
(clumps of matter), which individually do not produce
noticeable maser emission because of the insufficient
optical depth. Since all these structures are involved
in Keplerianmotion, we cannot rule out a chance line-
of-sight projection of two maser spots with similar
velocities onto one another. In this case, a strong
short flare can be observed, as in 1999.

Such short flares in W75N were observed in
1995–1997 (see Figs. 1a and 1b). The line shape
of these emission peaks at the flare maximum was
symmetric, and the line FWHMwas 0.5–0.7 km s−1.
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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Outside the peaks, there was no significant excess of
emission of these short-lived components over the
others. Therefore, for these periods, we cannot obtain
the actual estimate of their line shape.

The Source G43.8–0.1

During the 1982 flare, the line was narrowest:
the minimum FWHM was 0.35, and the mean was
0.4 km s−1. The line had an asymmetry of ∼11%
(Figs. 3 and 7). The flare duration was estimated to
be 6–7 months. Despite the significant flux and line
FWHM variations, the asymmetry was preserved.
There was a correlation between the flux and line
FWHM variations, which is typical of an unsaturated
maser (Mattila et al. 1985). No radial-velocity drift
of the line was observed, which argues for the absence
of any appreciable radial-velocity gradient in the line
generation region.

If the Doppler line width is taken to be 2 km s−1,
then the observed line at maximum will be narrower
than the Doppler one by almost a factor of 6, which
corresponds to an amplification increment at the line
center of τ ∼35. This is enough to account for the
high brightness temperature in maser spots (TB ≈
1015 K) that requires an amplification of at least
∼1010 (Strel’nitskii 1982). The observed line was
so narrow that even the assumption of simultaneous
emission from the two closest hyperfine-structure
components of the 616–523 transition cannot explain
its considerable (11%) asymmetry. Indeed, at a
separation between the two closest components of
33 kHz (0.44 km s−1), the observed line cannot
be fitted by the superposition of two Gaussians.
Therefore, we may assume that in this source (in a
maser spot), only one hyperfine-structure component
is amplified.

In contrast to the left wing, the right line wing
(Fig. 3g) is satisfactorily fitted by a Gaussian. At a
distance larger than 1.5 FWHM from the line center,
the left line wing is greatly raised with respect to
the Gaussian. The deviations from the Gaussian are
much larger than those that can be for an unsaturated
maser (Strel’nitskii 1982). The observed line asym-
metry may be related to the spot geometry, i.e., the
spot may have a more complex spatial structure than
simply a homogeneous clump of matter.

The 1988–1990 flare differed significantly from the
1982 flare. The line was broader and initially symmet-
ric (Fig. 4a). As the flare developed until its maximum
(September 1988–March 1999), the velocity of the
emission feature decreased. The change in velocity
was 0.05 km s−1 (Fig. 5a). Such an accuracy was
achieved because the velocity was measured relative
to the fairly stable component at 42.2 km s−1. The
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line FWHMvaried within a narrow range of radial ve-
locities (0.67–0.80 km s−1), and no correlation with
the flux variations was observed. The observed line
FWHM variations were most likely erratic (Fig. 5b).
The absence of a correlation between the line FWHM
and flux variations, its relatively large FWHM, and
the symmetry are a possible argument for a saturated
maser.

After the flare maximum, the drift direction re-
versed. The drift in this direction continued for 1 year.
In addition, the line broadened immediately after the
flare maximum and half a year after the maximum,
the second component B appeared in the spectrum
(Fig. 4b), which receded from the main component A.
The velocity of the latter (A) increased in this time by
0.1 km s−1; the velocity of component B increased
by 0.7 km s−1, if it is assumed to have appeared im-
mediately after the maximum. Indeed, extrapolation
indicates that component B emerged at the flare max-
imum (Fig. 5a), as confirmed by Fig. 5b. In addition,
an analysis of the line shape showed that the line was
slightly asymmetric at the emission maximum (the
March 31, 1989 spectrum): the right line wing was
higher than the left one. The asymmetry was ≈4%.
Thus, our study of the line shape allowed us to refine
the occurrence time of the second component.

The radial velocity of the central star in G43.8−0.1
is estimated to be≈40 km s−1 (Lekht and Sorochen-
ko 1999). Thus, we can explain the observed vari-
ations in the line radial velocity and shape as fol-
lows. The motion of the maser condensation at
VLSR = 37.6 km s−1 was initially accelerated relative
to the central star. At the time corresponding to
the emission maximum, the deceleration in a dense
medium (or collisions) resulted in a breakup of the
condensation into two parts. That is why there was
no further rise in flux and its decline began. During
the interaction with a dense medium, the motion of
both components slowed down, which accounts for
the reversal of the drift direction. The deceleration of
component B was larger than that of component A.

The variety of the flares that occurred in G43.8−
0.1 is not limited to the cases considered. As an
example, we can note the 1997 flare (Lekht 2000),
which occurred at a radial velocity of 38.2 km s−1.
The flare lasted ∼1 year. The line was narrow and
symmetric; its minimum and maximum FWHMs
were 0.43 and 0.6 km s−1, respectively. We observed
the flux-correlated line FWHN variations that are
well described by relation (1). In addition, there was a
radial-velocity drift of the feature during the flux rise.

The Source NGC 2071
According to Torrelles et al. (1998), there are two

groups of maser spots in this region, which are asso-
ciated with compact H II regions and the IR sources
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IRS 1 and IRS 3. One of them located near IRS 1
is extended along a jet. The other group of spots
associated with IRS 3 forms a rotating protoplanetary
disk whose plane is perpendicular to the jet axis.

For the component at VLSR ≈ 17 km s−1, we ob-
served a small, regular velocity drift of the emission
peak from 16.7 to 16.9 km s−1. The high rate of
change in the radial velocity of the maser in a pro-
toplanetary disk seems unlikely. In addition, the
component at ≈17 km s−1 must be on the periphery
of the Keplerian disk in the red amplification corridor
(Torrelles et al. 1998). As was noted previously,
the rate of change in the radial velocity here is at a
minimum. This maser spot is most likely located near
IRS 3 and is, thus, associated with the jet.

We were able to closely fit the normalized profile
by two Gaussians of the same width (0.46 km s−1)
and with an amplitude ratio of 3 : 1. The equality
of the line FWHMs is apparently not accidental and
can be evidence that the emission originates from
a single spot with a nonuniform density. The flux
difference between the two components by a factor of
3 (unsaturated maser) requires a difference between
τ no more than 5% (τ ≈ 20–25 at the line center),
which essentially does not result in a line FWHM
difference.

The coincidence of the line shapes for the normal-
ized profiles also rejects the model of the approach
of two maser spots in radial velocity, i.e., when they
move toward each other along the line of sight. It
is unlikely that for such an approach of the features
during a short period (2.5 months), both features
simultaneously narrowed. In addition, to preserve
the shape of the normalized lines, only small flux
variations are admitted.

The line asymmetry may be assumed to be caused
by a radial-velocity gradient at a nonuniform density
of the matter. Previously, we assumed this emission
feature to be associated with a molecular jet. The
radial-velocity gradient may have changed, which
caused a change in the profile of the amplification
factor of the medium. A wave (not a shock) prob-
ably passed through the jet, which changed the
radial-velocity gradient of the medium whose H2O
molecules were involved in the maser line formation.
Initially, the gradient decreased, resulting in a line
narrowing and in a displacement of the emission peak
in the H2O spectrum. Subsequently, the gradient
again increased, resulting in a line broadening and in
a reverse radial-velocity displacement of the line peak.

Other Sources

Our monitoring of the source ON1 allowed us
to trace the evolution of the emission at VLSR =
15.5 km s−1 over more than 15 years. We chose two
time intervals (1994–1996 and the entire 1997), when
this emission feature was not blended with others.
Within each interval, the line FWHM changed only
slightly and the line itself was asymmetric (its profiles
are not given here). Between these intervals, the line
broadened from 0.58 to 0.69 km s−1, while the line
asymmetry decreased from 12 to 7%. These facts in-
dicate that the maser spot must have a more complex
structure than a homogeneous clump of matter. In
addition, there may be small-scale turbulent motions
both in the maser spot and in its surroundings.

The line shape of the 20-km s−1 component in
the source S269 was studied previously (Lekht et al.
2001). It was shown that the line had an asymmetric
shape and its radial velocity varied according to a
sinusoidal lawwith a period of 26 years. As themodel,
we proposed a rotating turbulent vortex located at the
center of the red amplification corridor of a Keplerian
disk. Here, we numerically estimated the line asym-
metry. The mean asymmetry for the entire monitoring
of S269 is ∼11%.

In S128, the H2O emission in the radial-velocity
range from −73 to −70 km s−1 was continuously
observed during our entire monitoring. The emission
from several features alternately appeared in this part
of the spectrum. Since 1998, the emission has origi-
nated from a single feature with a mean radial velocity
of −71.9 km s−1. The line shape was symmetric.
There was a correlation between the flux and line
FWHM variations (Lekht et al. 2002), characteristic
of an unsaturated maser. The absence of line asym-
metry indicates that the model of a homogeneous
maser spot is most plausible.

Asymmetric lines are common in the H2O maser
spectra. The causes of the asymmetry can be density
nonuniformities and a radial-velocity gradient (in-
cluding a gradient nonlinear along the line of sight)
in the masing region (maser spot).

In addition, we explored the possibility of absorp-
tion of the emission in the medium near the maser
spot. The molecules in this medium and in the spot
have similar radial velocities; the difference is that
they have no inverse level populations. The results
of such studies will be presented in a forthcoming
publication.

The line asymmetry, together with the flux and
radial velocity, is an important parameter for choosing
a maser spot model. Collectively, these characteris-
tics of maser emission make it possible to study the
structure of maser spots and their interaction with the
medium where they are localized.
ASTRONOMY LETTERS Vol. 28 No. 2 2002
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CONCLUSIONS

Below, we present our main results.
(1) The shapes of the emission components of

H2O maser sources in star-forming regions can be
both symmetric and asymmetric. The asymmetry,
i.e., the deviation from a symmetric line of the same
FWHM, ranges from 5 to 15%.

(2) Despite the variations in the flux and FWHM
of the single asymmetric line, its asymmetry was
preserved (S269, G43.8−0.1, and ON1).

(3) The strong short flares of H2O emission in
W75N (Bb), which is identified with a protoplanetary
disk, could result from a chance projection of numer-
ous clumps of matter onto each other.

(4) As the 1988–1990 flare developed in G43.8−
0.1, the emission feature at 37.6 km s−1 broke up into
two components. We found a small drift of both com-
ponents with different radial velocities. The breakup
of the condensation responsible for the emission at
37.6 km s−1 into two parts could be caused by its
interaction with the dense envelope matter.

(5) In NGC 2071, we observed a narrowing of
the asymmetric line (VLSR ≈ 16.8 km s−1) with the
simultaneous displacement of the emission peak in
radial velocity. This phenomenon can be explained by
the passage of some wave (not a shock) that changed
the radial-velocity gradient of the medium where the
maser emission originated.
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