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Abstract—Observations of the Markarian galaxy Mrk421 were carried out in 2002 with the Cherenkov
gamma ray telescope of the Crimean Astrophysical Observatory. Analysis of the data indicated an excess
of very-high-energy photons in the direction of Mrk421. The mean flux over the observing period was
1.55 Crab (E > 1 TeV), with a statistical confidence level of 4.6σ. A flare with a flux of ≈2.4 Crab was
detected during the observing period. c© 2005 Pleiades Publishing Inc.
1. INTRODUCTION

Electron–photon showers induced by very-high-
energy (VHE) gamma rays (E > 1012 eV) are ab-
sorbed in the atmosphere, and so do not reach the
Earth. They can be detected only via Cherenkov
radiation generated by electrons and positrons in
the atmosphere. Most of the photons arrive from
the region of maximum development of the shower
or from somewhat lower in the atmosphere (heights
of 5–10 km). The total amount of light from the
shower is proportional to the energy of the primary
gamma-ray, and the shower itself propagates in a
narrow cone close to the direction of propagation of
the primary gamma-ray. Second-generation gamma-
ray telescopes enable imaging of a Cherenkov flash in
the field of view, as well as estimation of its size, shape,
and orientation [1]. The number of detected gamma-
ray-like flashes can be used to estimate the fluxes of
the primary gamma rays via modeling of the detected
showers [2].
All the extragalactic sources detected at high

gamma-ray energies by space observatories are
blazars, whose radiation is dominated by broadband
nonthermal emission, believed to be the synchrotron
radiation emitted by electrons accelerated to high
energies in relativistic jets that are oriented roughly
toward the observer. The blazars that have been
detected at ultra-high energies are BL Lac objects,
which display weak or absent optical line emis-
sion [3]. It is believed that the dominant mechanism
for the generation of VHE gamma-rays in BL Lac
objects is inverse Compton scattering of photons
on high-energy electrons in the relativistic jet. For
BL Lac objects that possess emission lines, and
therefore display a thermal radiation component,
the transfer of energy to external photons coming
toward the jet at large angles from the vicinity of the
1063-7729/05/4901-0001$26.00
accretion disk of the active galactic nucleus is also
possible [4]. Some combination of various emission
mechanisms is likewise possible. Thus far, VHE
gamma-rays have been detected for only a handful of
BL Lac objects (Mrk421, Mrk501, PKS 2155−304,
1ES 2344+514, 1ES1959+650, 3C66A, BL Lac,
H 1426+428, NGC253). Observations of these ob-
jects can help in refining their energy spectra and
the parameters for acceleration models [5]. The rapid
variability of these objects at TeV energies places
constraints on the physical parameters of models,
such as the source size and mechanisms for the
acceleration and cooling of the charged particles.

Observations of the strong variability of Mrk421
from radio to VHE gamma-ray energies (e.g., dou-
bling of the flux over 20 minutes) [6] can be used to
infer variations in the geometry and physical param-
eters of the radiating region, and to construct models
for the observed flares [7].

VHE gamma-rays were first detected in the di-
rection of Mrk421 (z = 0.031) in March–June 1992
by the Cherenkov telescope of the Whipple Observa-
tory. The flux level was equivalent to 0.3 Crab (E >
0.5 TeV) with a statistical confidence of 6σ [8] (one
“Crab” corresponds to the observed flux from the
Crab nebula). The mean fluxes from Mrk421 mea-
sured by the Whipple Observatory in 1995 and 1997
were 0.35 and 0.2 Crab (E > 1 TeV), respectively.
A series of flares were detected in 1996. The most
prominent of these occurred on May 7, 1996, when
the flux increased by a factor of five over 2.5 h, reach-
ing a peak value of 10 Crab, and on May 15, 1996,
when the flux rose to a factor of 14 above its mean
value within 30 min [9].

Mrk421 has been observed in the optical, radio,
X-ray, and gamma-ray ranges. It displays variability
c© 2005 Pleiades Publishing Inc.
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Fig. 1. Schematic of the main parameters of a flash. S is
the position of the source. The point O corresponds to the
center of the brightness distribution of the flash. The seg-
ment OS corresponds to the parameter DIST. “Center
F.O.V.” indicates the center of the imaging chamber.

on time scales from several years to months or less;
its optical variability can reach 4.7m [10].
A gamma-ray flare from Mrk421 was observed in

December 2002 at MJD 52613−52614 on theWhip-
ple Observatory 10-m Cherenkov telescope, accom-
panied by an X-ray flare (3–25 keV) detected by the
RXTE satellite [11]. The data we present here confirm
this variability.

2. THE CERENKOV TELESCOPE

The GT-48 Cherenkov telescope consists of two
parallel sections located at an altitude of 600 m above
sea level: a northern (N) and a southern (S) section,
separated by 20 m in the north–south direction. On
each section, four groups of parabolic mirrors focus
the Cherenkov radiation to light receivers consisting
of 37 photomultiplier cells forming 37 channels. The
field of view of each cell is 0.4◦, and the field of view of
the entire receiver is 2.6◦. The total area of the mirrors
in both sections is 36 m2. In each section, the signals
from the photomultipliers are summed channel-by-
channel. Cherenkov flashes can be identified when
they arrive simultaneously at both sections. The en-
ergy threshold of the telescope is 1 TeV. A description
of the setup can be found in [12].

3. ANALYSIS OF OBSERVATIONAL DATA

Mrk421 (J2002 coordinates α = 11h04m34s and
δ = 38◦11

′
58

′′
) was observed at the Crimean Astro-

physical Observatory on December 2–6, 2002.
The observations were carried out in a tracking
regime. The pointing accuracy was ±0.05◦. Obser-
vations of Mrk421 lasting 35m (mode ON) were al-
ternated with observations of the background at a
position offset in right ascension α by 40m with the
same duration (mode OFF). The observations in the
ON and OFF modes were conducted for the same
zenith distances. The source was observed on seven
moonless nights. A total of eight pairs of sessions
were carried out, one of which was excluded from the
subsequent analysis due to the strong irregularity in
the count rate during background observations due
to poor weather conditions. The source was observed
for a total of 4 h 5 min.
After excluding events observed with poor point-

ing, applying calibration corrections, excluding
flashes with a maximum amplitude in the outer ring
of the receivers, and excluding events for which the
charge–count transformer was saturated in at least
one channel, we were left with 3667 Cherenkov
flashes toward the source and 3723 toward the back-
ground.
The images of Cherenkov flashes from gamma-

rays differ from those from cosmic rays in their smaller
sizes and direction toward a source. Selection prin-
ciples based on these differences can filter out up to
99% of flashes from charged particles while leaving
an appreciable fraction of gamma-ray events.
The sizes of the flashes are characterized by the

effective length A and effective width B, which are
found by computing the first and second moments
of the distribution remaining after the preliminary
processing of the events. Flashes with low energy
have large uncertainties, and a limit on their total
amplitude V is imposed. The images of flashes from
proton and gamma-ray showers also have different
appearances. The former can have several maxima
and be fragmented, while the latter are compact. The
Individual Pixel Rate (IPR) characterizes the shape of
flashes, and has a value of 0 for compact images and
values of 1–7 for increasingly spread out images. The
parameters A, B, V , and IPR do not depend on the
position of the source relative to the flash image, and
are accordingly coordinate-independent parameters.
The orientation of the flash relative to the direction

toward the source is characterized by the coordinate-
dependent parameters ALPHA, MISS, AZWIDTH,
and DIST [2]. The selection parameters are depicted
schematically in Fig. 1. Events whose selection pa-
rameters did not fall in the specified range were ex-
cluded from consideration.
The boundary values of the selection parame-

ters were chosen so that the quantity Q = (Ns −
Nb)/

√
Ns +Nb was maximum. Here, Ns and Nb

denote the number of source and background events,
respectively.
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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Results of the Selection

Selection method Ns Nb Ns −Nb Q

No selection 3667 3723 −56 −0.65

Selection based on coordinate-independent parameters 325 259 66 2.73

Selection based on MISS 139 72 67 4.61
The showers used for analysis were restricted
to the flare-image sizes 0.19◦ < A(N) < 0.34◦ and
0.19◦ < A(S) < 0.37◦, and 0.14◦ < B(N) < 0.20◦

and 0.14◦ < B(S) < 0.19◦. We also excluded flashes
with total amplitudes V < 150 discrete units (i.e., 105
photoelectrons) and IPR values greater than unity for
each section.

The section based on the parameter DIST was
realized in the ranges 0◦ < DIST(N) < 1.1◦ and
0◦ < DIST(S) < 1.1◦, and the MISS selection in the
range MISS < 0.225◦.

The results of successive selection are summa-
rized in the table. The mean flux of VHE gamma-
rays (E > 1 TeV) from the Crab Nebula in 2002
was 0.176 ± 0.033 min−1 [13]. The estimated flux for
Mrk421 for the same season is 1.55 ± 0.63 Crab.

The distribution of the number of selected
gamma-ray flashes over the field of view of the
receiver is presented in Fig. 2, while Fig. 3 shows
a contour “map” of this distribution. The maximum
of the projected distribution (∆α = 0.1◦, ∆δ = 0.2◦)
coincides with the coordinates of Mrk421 within the
uncertainties in these coordinates.
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Fig. 2. Stereoimage of the distribution of gamma-ray ar-
rival directions.∆α and∆δ are the offsets from the source
position in right ascension and declination, respectively.
Nγ is the number of events.
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4. VARIABILITY OF THE RADIATION

The observed time scales for the rapid variabil-
ity of active galactic nuclei (AGN) can be used
to estimate the sizes of the radiating regions. The
TeV emission from Mrk421 was variable during the
December 2002 observations; the mean daily signal
expressed as the VHE gamma-ray count rate is
shown in Fig. 4. A flare with a duration of ∼1 day
was detected during our observing period. On Dec.
3 (MJD 52612), the VHE gamma-ray flux from
Mrk421 rose to ∼2.3 Crab. The following night, it
increased to ∼2.4 Crab, and fell to nearly zero a
day later. The statistical confidences of these events
are 3.25 and 3.75σ. Unfortunately, worsening of
the weather conditions hindered continuation of this
series of observations.
Let us consider a spherical model for the radiating

region,R < cTδ/(1 + z), where z is the cosmological
redshift of the source, T is the observed variability
time scale, δ−1 = γ(1 − β cos θ) is the Doppler factor
of the jet, β is the speed of the jet divided by the speed
of light, γ is the Lorentz factor of the jet, and θ is
the angle between the jet and the line of sight to the
observer [6]. We then obtain for T ∼ 1 day, δ ∼ 10,
and the redshift of Mrk421, z = 0.031, an upper limit
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Fig. 3. Contours showing the distribution of gamma-ray
arrival directions. The numbers on the curve indicate the
number of events for the given contour.
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Fig. 4. Time behavior of the flux of gamma-rays (mean
nightly value) with energy E > 1 TeV. The statistical
errors are indicated. The dashed line shows the count rate
from the Crab Nebula observed during the same season.

for the size of the relativistic structures responsible for
the variability R < 9.7 light days. This simple, one-
zone model assuming the presence of fairly extended
radiating regions with sizes much larger than the
commonly adopted values (∼1016 cm) [6] does not
preclude the possible presence of other more complex
emission models for the variability [7]. The detected
variability may also be due to an injection of high-
energy charged particles into the radiating region, or
the combined effect of variations in the Doppler and
Lorentz factors.

5. CONCLUSION

A detected point source of VHE gamma-rays with
energies exceeding 1 TeV can be identified with the
galaxyMrk421 with a statistical confidence of≈4.6σ.
The flux of VHE gamma-rays from the galactic nu-
cleus was variable on time scales of a day. Based on
the mean integrated flux during the 2002 observa-
tional period, Mrk421 was in a more active state than
the state observed by Punch et al. [8] in 1992 with the
lower energy threshold of 0.3 Crab (E > 0.5 TeV).
Studies of the flare activity of blazars require the

accumulation of data in various frequency bands.
From this point of view, monitoring of blazars at TeV
energies provides key information for our attempts to
construct as full a picture of the relativistic structures
in AGN as possible.
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Abstract—The formation and evolution of supermassive (102−1010M�) black holes (SMBHs) in the
dense cores of globular clusters and galaxies is investigated. The raw material for the construction of
the SMBHs is stellar black holes produced during the evolution of massive (25−150M�) stars. The first
SMBHs, with masses of∼1000M�, arise in the centers of the densest and most massive globular clusters.
Current scenarios for the formation of SMBHs in the cores of globular clusters are analyzed. The dynamical
deceleration of the most massive and slowly moving stellar-mass (< 100M�) black holes, accompanied by
the radiation of gravitational waves in late stages, is a probable scenario for the formation of SMBHs in the
most massive and densest globular clusters. The dynamical friction of the most massive globular clusters
close to the dense cores of their galaxies, with the formation of close binary black holes due to the radiation
of gravitational waves, leads to the formation of SMBHs with masses � 103M� in these regions. The
stars of these galaxies form galactic bulges, providing a possible explanation for the correlation between
the masses of the bulge and of the central SMBHs. The deceleration of the most massive galaxies in the
central regions of the most massive and dense clusters of galaxies could lead to the appearance of the
most massive (to 1010M�) SMBHs in the cores of cD galaxies. A side product of this cascade scenario for
the formation of massive galaxies with SMBHs in their cores is the appearance of stars with high spatial
velocities (> 300 km/s). The velocities of neutron stars and stellar-mass black holes can reach∼105 km/s.
c© 2005 Pleiades Publishing Inc.
1. INTRODUCTION
There are two well-known manifestations of black

holes: they can be observed as the components of
close binaries and in the nuclei of galaxies. Stellar-
mass (∼4−100M�) black holes are the end products
of the evolution of the most massive stars, with ini-
tial masses exceeding ∼25M� [1]. They are manifest
as bright X-ray sources if they are present in close
binary systems and are efficiently fed by gas from
a companion. The masses of stellar black holes are
close to the masses of the carbon–oxygen cores of
the progenitors, since the gravitational binding en-
ergy of the products of carbon and oxygen burning
is greater than the nuclear energy released in the
burning [2]. The masses of observed main-sequence
stars reach ∼150M� [3, 4], and estimates based on
numerical modeling of the evolution of massive stars
[2] show that stellar black holes with masses up to
100M� can be formed. A low abundance of heavy el-
ements, as is typical for the stars in globular clusters,
weakens the stellar wind, facilitating the formation
of black holes. There are well-known examples of
Galactic close binaries containing black holes with
masses of 4−16M� [1]. Moreover, compact, ultra-
luminous variable X-ray sources with luminosities of
1063-7729/05/4901-0013$26.00
up to (2−3) × 1040 erg/s have recently been found in
nearby galaxies [5, 6]. Most of these sources seem
to be massive close binaries in which black holes
with masses of up to ∼100M� are accreting matter
from close companions [7]. The donor in such a sys-
tem could be a nearby Wolf–Rayet star or a main-
sequence star with a mass of 4−8M� that fills its
Roche lobe.

Much more massive black holes are encountered
in the nuclei of the massive galaxies associated with
quasars and BL Lac objects. The masses of these
black holes are 104−1010M� [8]. Due to their accre-
tion of the gas in their vicinity, they are the brightest
sources of radiation in the Universe (up to 1013L�).
The characteristic apparent brightnesses of quasars
increase with their redshift due to obvious selection
effects [8]. Assuming that the maximum distance at
which a quasar can be detected R is limited by the

mass of its black hole MBH (R ∼M
1/2
BH ), the ap-

parent mass distribution of the black holes [8] can
be corrected for this observational selection effect to
obtain the local mass spectrum. This yields dN ∼
M−2.5
BH dMBH for accreting black holes with masses

of 105−109M�. It is important to emphasize that
c© 2005 Pleiades Publishing Inc.
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most supermassive black holes (SMBHs) possess
relatively small masses of ∼105M�. In addition, the
catalog of Ho [8] contains two objects with smaller
masses, in the nuclei of M33 (<1500M�) and M110
(<9 × 104M�). Therefore, stellar-mass black holes
and the SMBHs in galactic nuclei probably form
a continuous common mass function, with the ob-
served black holes being separated into two families
by observational selection effects. One such family
represents accreting stellar black holes in X-ray bina-
ries, while the other represents accreting SMBHs in
the nuclei of galaxies with a well-developed spherical
stellar component [9].

To reconstruct the true local mass distribution for
SMBHs, we must take into account another obvious
selection effect having to do with the duration of the
bright X-ray stage of SMBHs. The available data
on the durations of the stage of active accretion for
quasars [10] (τ ∼M−0.15

BH ) show a weak dependence
on the mass. This provides hope that the estimates
of the slope of the SMBH mass function presented
above for active galactic nuclei (i.e., SMBHs in the
stage of active accretion) are correct enough for a first
approximation. The most massive accreting black
holes, observed in the nuclei of the most massive and
bright cD galaxies with L ∼ 1012L�, have luminosi-
ties reaching∼1013L� [11], and correspond to black-
hole masses of up to ∼3 × 109M� and accretion
rates of∼6M�/yr. It is interesting that a considerable
fraction of the brightest (L > 3 × 1011L�) galaxies
possess quasars in their nuclei, whereas quasars are
present in only 0.001 of galaxies with luminosities
below 6 × 1010L� [11]. The observed low occurrence
of quasars in the nuclei of such galaxies seems to be
related to the relative duration of the phase of active
accretion by ordinary SMBHs in the galactic nuclei.
Marconi et al. [10] also obtained a short lifetime for
the active phase of a quasar (108 yr). It is evident
that the mass of the black hole cannot increase ap-
preciably in the case of such durations for the ac-
tive accretion phase, since the mass doubling time is
restricted by the Eddington accretion rate, ∼108 yr.
Nevertheless, the masses of the black holes in some
quasars can reach∼109−1010M�, even at z ∼ 6; i.e.,
at ages of∼109 yr [12]. Therefore, the initial masses of
these black holes must be ∼106M�, even in a regime
of continuous accretion at the Eddington limit over
∼109 yr. Therefore, at least the most massive, young,
observed quasars could not have started from stellar-
mass black holes (∼10M�) and gained their masses
via the accretion of gas.

An additional argument against a purely accretion
origin for SMBHs in quasars can be derived from
their total luminosities. The observed integrated rel-
ative luminosities of quasars (∼0.1 of the luminosity
of the galaxy [13]) enables us to impose constraints
on the role of accretion in increasing the black-hole
mass. The mass-to-luminosity ratio in solar units for
SMBHs accreting at a constant rate over the Hubble
time is ∼0.01, whereas this ratio reaches 10–30 [14]
for the progenitor galaxies, whose masses are one
thousand times greater than those of the central black
holes [13]. Therefore, we conclude that, to obtain
consistency between the three above ratios, accretion
must produce no more than 3−10% of the black-hole
mass. This fact forces us to turn to other possible
mechanisms for the formation of SMBHs.

As was noted above, observations have revealed
black holes with stellar masses (4−16M�) in close
binary systems [1]. It has not been possible to
derive an empirical mass function for stellar black
holes due to the small amount of data available [1].
This function can be obtained only theoretically, by
assuming that the stellar black hole contains only
the products of carbon and oxygen burning in the
core of a massive star, whose nuclear energy is less
than the gravitational binding energy: MBH/M� =
0.03(MMS/M�)1.7 [2]. Taking the initial stellar-
mass function in the form dN ∼M−2.5

MS [15], we can
obtain the initial mass function for stellar black holes:
dN/dMBH ∼ (MBH/M�)−1.9. This expression is
valid for remnants of stars with initial masses of
∼25−150M�. It also enables us to estimate the
relative mass of stellar black holes formed at the end
of the evolution of massive stars, which is about 0.04
(Mmin/M�)1/2 of the total initial mass of stars of the
same generation, whereMmin is the minimum mass
of stars satisfying the above initial mass function for
them.

The minimum mass of stars in the solar neighbor-
hood Mmin is a few tenths of a solar mass. How-
ever, to explain the rapid enrichment of the young
nuclei of galaxies and quasars in heavy elements, we
must suppose that the minimum mass of the stars
formed there is considerably greater than in the solar
neighborhood, possibly as large as 3−10M� [12, 16,
17]. A study of a young stellar cluster with a mass
of ∼106M� in M82 showed that there are no stars
with masses below ∼3M� in this cluster [18]. There
are also several other compact clusters with small
mass-to-luminosity ratios (∼0.03), indicating an ab-
sence of stars with masses below a few solar masses.
Studies of reionization of hydrogen in the Universe
also lead to the conclusion that the minimum mass
of the first stars may exceed the solar mass [19]. If
Mmin ∼M�, the above estimate of the relative mass
of stellar black holes (∼0.04) will obviously be more
than a factor of ten greater than the usual estimate
of the relative mass of SMBHs in the nuclei of active
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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galaxies (∼0.001). This is important for the cascade
mechanism of the formation of SMBHs in galactic
nuclei, which is a sequential hierarchical merging of
a small fraction of the stellar black holes, modified by
the stellar structures (globular clusters and galaxies)
which contain them.

Increasing the minimum stellar mass in some
globular clusters to more than a solar mass results in
the possible existence (in our own and other galaxies)
of “ghost” stellar clusters, composed primarily of
cool, degenerate, low-luminosity dwarfs. Such struc-
tures could be represented, first and foremost, by the
earliest globular clusters formed in the gas of young
galaxies, which contain almost no heavy elements.
All stars in such clusters with masses above∼0.8M�
should have finished their evolution, resulting in black
holes, neutron stars, and, predominantly, degenerate
dwarfs. Old stellar black holes and neutron stars are
undetectable, while the luminosities of old degenerate
dwarfs will be very small (∼10−4L�) [20]. Searches
for such clusters are difficult, even for our ownGalaxy.
The brightest stars in these clusters will be the
secondary components of close binaries; i.e., main-
sequence stars that cannot become bright giants
because they are in close binaries. However, we
should bear in mind that such “invisible” clusters
can actively participate in the formation of SMBHs
in their nuclei, while preserving a substantial fraction
of their high initial masses.

2. THE FORMATION OF BLACK HOLES
WITH MASSES ∼103M� IN GLOBULAR

CLUSTERS

As was shown in the Introduction, the formation
of SMBHs in the nuclei of spherical stellar clusters
and galaxies can be explained if we find a method for
accumulating a few percent of the mass of their stellar
black holes. Such a mechanism has been known for a
long time: the dynamic (tidal) deceleration of massive
objects in a gravitating system of N bodies, whose
characteristic time scale is [21]

τfr =
v3

4πG2mρ lnλ
, (1)

where v and m are the characteristic velocities and
masses of the gravitating bodies, G is the gravita-
tional constant, ρ is the ambient density, and lnλ ∼ 5
is the Coulomb logarithm. In order for the deceler-
ation of a black hole to be more efficient, its mass
and ambient density must be increased, while its
spatial velocity must be decreased. The late stages of
merging are governed by the radiation of gravitational
waves on a characteristic time scale of

τGWR(yr) ∼ 108 A4

mM(M +m)
, (2)
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where A is the semimajor axis of the system in solar
radii and m and M are the masses of the merg-
ing bodies in solar masses. The energy absorbed by
a black hole is compensated by the expansion of
the cluster (galaxy), followed by a partial loss of its
stars. As a result of this expansion, the cluster (stel-
lar nucleus of the galaxy) acquires a characteris-
tic spheroidal shape. In this scenario, the reason for
the observed correlation between the mass of the
spheroidal stellar component and the mass of the
central SMBH becomes clear. The corresponding
formula can be written in a form convenient for nu-
merical estimates:

τfr(yr) ∼ 1010V
3R3

mM
, (3)

where V is the velocity (in km/s) of a decelerated
object with mass m (in M�) in a spheroidal stellar
system with mass M (in M�) and radius R (in pc).
When using this expression, we should bear in mind
that the number of black holes isN ∼ V 3 in the case
of a Maxwellian velocity distribution. Therefore, for
example, the deceleration of one thirtieth of all black
holes will take a factor of 30 less time than the time
given by (3). The reason for this is the coincidence
of the velocity dependences for the number of black
holes and the deceleration time [see (1) and (3)].

We are interested here only in SMBHs, globular
clusters, and galaxies that decelerate within the Hub-
ble time, ∼1.4 × 1010 yr. This enables us to simplify
the last formula to

V 3R3 < mM. (4)

Let us now consider a three-stage sequence of merg-
ing black holes, ultimately resulting in the formation
of a SMBH with a mass of 109−1010M� in the nu-
cleus of a cD galaxy with a mass of 1012−1013M�.
Stellar-mass black holes initially merge in the cores
of the most massive and dense globular clusters,
forming black holes with masses of ∼103M�. Next,
the globular clusters that are the most massive and
closest to the centers of their parent galaxies move
into the galactic cores, resulting in an accumulation
of black holes withmasses of 105−107M�. In the final
stage of this process, the most massive galaxies from
the central regions of the densest and most massive
clusters of galaxiesmove into the core regions of these
clusters, forming cD galaxies whose nuclei contain
the most massive black holes. Due to the foamlike
structure of visible matter in the Universe, with a
characteristic size for voids of about 100 Mpc, galaxy
clusters usually separate with velocities of a few thou-
sand km/s, preventing the extention of this process to
larger scales. The simultaneous development of all the
above stages shortens the total time for the formation
of SMBHs.
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Many publications (e.g. [22–28]) have been de-
voted to theoretical studies of the formation of and
observational searches for black holes with interme-
diate masses (∼103M�). It is possible that the cores
of many globular clusters (first and foremost, the
most massive and dense) contain such black holes.
Taking into account the inevitable merging of the end
products of the evolution of massive close binaries
under the action of gravitational-wave radiation [29,
30] and the observed maximum stellar masses of
∼150M� [31], the upper limit for the mass of stellar
black holes appears to be about 100M�. Three basic
scenarios for forming more massive black holes have
been considered. The first supposes that such black
holes could result from the evolution of supermassive
(∼1000M�) stars, which can probably be formed in
the collisional evolution of stars in globular clusters
[32] or during the formation of such clusters. In the
second scenario, SMBHs are formed via the accretion
of gas. Finally, in the third scenario, SMBHs result
from mergers of stellar black holes that have moved
into the core of a globular cluster due to the action of
tidal friction. These black holes form compact binary
black holes in the core and subsequently merge due
to the radiation of gravitational waves [33]. Let us
consider the specific features of these scenarios.

There are two ways to form supermassive
(∼1000M�) stars in a globular cluster. In the first,
such a star is formed due to a high accretion rate
µ [34], due, in turn, to the high temperature T of
the protostellar gas: µ = 10−7T 3/2M�/yr [35]. To
accumulate a star with a mass of ∼103M� over the
time for hydrogen burning in its core,∼2× 106 yr, the
initial temperature of the gas must exceed ∼250 K.
The temperature in the center of a globular cluster
during its formation can be high, but the probability
of forming supermassive stars in the cores of globular
clusters via this scenario remains unclear, partly due
to the large uncertainty in the expected intensities
of the stellar winds from such massive stars. These
winds may prevent the formation of such stars, since,
as follows from observations, their intensities increase
sharply with the mass of the star.

The second scenario for the formation of super-
massive stars in globular clusters assumes the col-
lisional growth of stars in the dense cluster cores
[32]. Let us estimate the probability of the realization
of this scenario. The energy conservation for a star
with a mass of M , a radius of R, and a luminosity
approximately equal to the Eddington luminosity can
be written

M

R

dR

dt
=
dM

dt
− 4πc

R

κ
, (5)

where dM/dt is the rate of accretion of stellar matter
by the superstar, c is the speed of light, and κ =
0.34 cm2/g is the opacity of the ionized gas. In order
for the size of the star to increase during the col-
lisional accumulation of mass, the right-hand side
of this equation must be positive. This increase is
necessary in order for the merging of globular-cluster
stars moving near the superstar to accelerate.

If we define the radius of the cross section for
absorption to equal the radius of the superstar,R, and
the average spatial velocity of the stars in the cluster
is v0 = (GM/R)1/2, the impact parameter r will be
equal to

r = (2GMR)1/2/v0, (6)

where G is the gravitational constant and M is the
mass of the supermassive star. Finally, the rate at
which the supermassive star accretes stellar matter
will be

dM/dt = 2πρGMR/v0. (7)

In order for the star’s size to increase, the right-hand
side of (5) must be positive, or the density of the
cluster core must satisfy the condition

ρ >
2cv0

3κGM
. (8)

Taking as an estimate v0 = 20 km/s, we obtain the
condition that the size of the superstar increase
due to the collisional accumulation of mass: ρ >
10−9 g/cm3. In fact, the density of stars in the core of
a globular cluster is ∼10−17 g/cm3, and the density
in the nucleus of our Galaxy ∼10−15 g/cm3, so that
the collisional increase in the sizes of superstars is
impossible.

As a result, the supermassive star must remain on
the main sequence, slowing the increase in its mass.
The efficient increase in its mass requires that the
mass-doubling time be shorter than the time for hy-
drogen burning in its core, TH , which is ∼2 × 106 yr
for a star with a mass of ∼1000M� [34]. Conse-
quently, taking (3) into account, the condition that
the mass of the superstar increase will be

ρ >
v0

2πGRTH
. (9)

Assuming now v0 = 20 km/s and R = 50R� [19],
we conclude that the ambient density must exceed
∼3 × 10−14 g/cm3 in order for the collisional ac-
cumulation of mass for a superstar with a mass of
∼1000M� to occur over the hydrogen-burning time.
It is obvious that this requirement likewise cannot
be satisfied in the core of a globular cluster or the
nucleus of a galaxy. Consequently, the masses of stars
in a globular cluster or the nucleus of a typical galaxy
cannot increase appreciably due to collisions. Some
stars may exhibit a faster collisional increase in their
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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masses purely statistically, but the requirement for a
large number of collisions (∼103) for the formation of
a supermassive star can be satisfied only in the case of
an improbable event (∼2−1000 � 10−300), even if the
average mass-accumulation rate is doubled. There-
fore, the collisional scenario is not promising.

Another possible mechanism for the formation of
supermassive stars was based on the dynamical col-
lapse of stars in the core of a globular cluster. How-
ever, the binary nature of a considerable fraction of
stars in the cluster [27, 28] rules out this scenario.
The close binaries accumulate the energy of the dense
central stellar cluster, thereby decelerating the in-
crease in the density and preventing the collapse of
the stellar core of the globular cluster.

The role of the disk accretion of gas during the
formation of a SMBH can be constrained by obser-
vations of the X-ray background, whose total flux
at 2–10 keV is ∼6 × 10−8 erg s−1 cm−2 [35, 36].
Assuming that disk accretion by a SMBH results
in the release of ∼1019 erg/g in X-rays [10, Fig. 3],
the local density of matter in the black holes must be
∼6 × 10−37 g/cm3 within the cosmological horizon if
the rate of accretion is constant over the cosmological
time. On the other hand, the observed local density
of matter in black holes with masses above ∼106M�
is ∼1.7 × 10−35 g/cm3 [37]. Consequently, the ob-
served X-ray background can be responsible for only
a small fraction of the local matter density contained
in SMBHs.

Next, let us estimate the average density in
stellar-mass black holes. As was shown in the In-
troduction, about 4% of the mass transformed into
stars ultimately becomes stellar-mass black holes
(5−100M�). For an overall density of baryonic matter
of 2 × 10−31 g/cm−3 [39] to 4 × 10−30 g/cm−3 [33],
the local density of matter in stellar-mass black
holes should be ∼10−32−10−31 g/cm3. This density
is obviously much greater than both the density of
matter in SMBHs and the density of matter accreted
by black holes of all masses. Therefore, most of the
“visible” matter contained in black holes must be
produced by the evolution of stars with initial masses
of 25−150M� [38].

If the SMBHs in the cores of globular clusters and
the nuclei of galaxies are cosmological, the reason for
the correlation between the masses of the black holes
and the masses of the spherical stellar components
of these clusters and galaxies remains unclear. This
makes this mechanism for the formation of SMBHs
unlikely.

Let us consider the last of the above scenarios for
the formation of SMBHs (∼1000M�) in the cores
of globular clusters, in which they are produced by
the sequential merging of stellar-mass black holes.
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As follows from the estimates of [40, 41], stellar-
mass black holes move toward the centers of globular
clusters under the action of tidal deceleration. Next,
they sequentially merge with each other, emitting
gravitational waves in the process. The characteristic
time for the tidal deceleration of a star with mass M
and velocity v in a medium with average density ρ can
be estimated using (3) and (4). When v0 = 30 km/s,
R = 3 pc, m = 10M�, and M = 3 × 105M�, this
is about equal to the Hubble time. Since this time
shortens with increasing black-hole mass, precisely
the most massive (∼30−100M�) stellar black holes
with small spatial velocities located close to the clus-
ter center participate most actively in increasing the
mass of the central black hole. The most massive
stars, which produce the most massive black holes,
are usually located in the central regions of their
clusters. Therefore, a SMBH with a mass of 103M�
can be formed even in the core of a fairly young
(∼109 yr) globular cluster. We emphasize that the
evolution of the orbits of the merging black holes in
the latest stages of the merging process, just before
coalescence, has not been studied. However, it is clear
that the stellar density near the SMBHsmust be fairly
large in order for the initial components to approach
each other to the distance required for an efficient
action of gravitational radiation.

Only a few percent of stellar black holes in ordinary
globular clusters participate in the formation of the
central SMBHs. Indeed, if the relative mass of the
central black holes in the spherical stellar systems—
globular clusters and bulges—is about 0.001 of their
mass [37], the relative mass of the stellar black holes
should be a few percent of the stellar mass of the
clusters. Due to the conservation of energy, the decel-
eration of black holes by the stellar field of a globular
cluster should be followed by an expansion of the
stellar core of the cluster. Such a deceleration has,
in fact, been detected [41]: the sizes of the cores of
globular clusters in the Large and Small Magellanic
Clouds increase with the age of the clusters, from 1 pc
for clusters with ages of ∼107 yr to 3 pc for clusters
with ages of ∼1010 yr. This expansion may reflect an
increase of the central SMBHs in these cluster cores.

The expansion of the stellar component of a globu-
lar cluster accelerates its tidal dissipation. As a result,
the globular clusters with the most massive central
black holes could be completely evaporated, so that
the formation of such black holes could be an efficient
mechanism for the disintegration of the parent globu-
lar clusters. Another efficient mechanism for the dis-
sipation of the central, most massive, globular clus-
ters is merging with the nucleus of the parent galaxy
due to the tidal deceleration of their spatial motion.
The decrease in the number of globular clusters with
timemust indeed be explained, since, according to the
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observations of [42], an increase in the age of clusters
by a factor of ten is associated with a decrease in their
number by almost a factor of ten.

As a result, it is quite possible that the cores of
many, or even all, globular clusters contain black
holes with masses of ∼103M� [22, 23]. Their exis-
tence can be verified either via the dynamics of the cir-
cumnuclear stars or the X-ray emission of the cluster
core (if the corresponding black hole has a close com-
panion or other source of gas from which it efficiently
accretes matter). If the spectrum of the X-ray radia-
tion is soft (0.1−0.3 keV), the X-ray luminosities of
such black holes can exceed ∼1040 erg/s. X-ray ob-
servations have revealed six black holes with masses
of 700−2700M� in the cores of globular clusters in
nearby galaxies [28]. The accretion rate in the bright-
est of these reaches 10−5M�/yr [43, 44]. Therefore,
the existence of SMBHs in the cores of at least some
globular clusters seems to be well established. The
detection of accreting SMBHs in the cores of globular
clusters [43] poses the problem of the sources for their
accretion. The observation of pulsars in the globu-
lar cluster 47 Tucanae made it possible to estimate
the density of the interstellar ionized gas, which was
found to be ∼10−25 g/cm3 [45]. This gas seems to
be ionized by the nuclei of planetary nebulas, whose
formation rate is only∼10−6 yr−1 and whose lifetimes
are ∼104 yr. However, the long recombination time
(∼1011 yr) leaves this gas ionized. It is carried away
by the cluster wind [46], which is probably supported
by millisecond pulsars [47]. The central SMBH ob-
viously cannot accrete an appreciable fraction of this
gas, since this would lead to extremely large X-ray
luminosities (∼1040 erg/s) for all globular clusters
and masses of the central black holes comparable to
the masses of the clusters. Recall that some fraction
of the globular clusters might be “ghosts” composed
predominantly of a small number of secondary com-
ponents of binaries, old degenerate dwarfs, neutron
stars, and stellar black holes. Such clusters could also
have central black holes with masses of ∼1000 M�.

3. MERGERS OF GLOBULAR CLUSTERS
WITH THEIR PARENT GALAXIES

Some globular clusters are clusterings of the first
stars of the parent galaxies, while others result from
collisions (close encounters) of galaxies [48]. The
number of globular clusters in a massive galaxy can
reach several thousand; for example, about 6000 clus-
ters were found in the E galaxy NGC 4472 [49]. Most
of the globular clusters are formed in the central,
dense regions of galaxies. For example, about 20% of
the stars in a region with a radius of 400 pc in M82
are contained in globular clusters [50]. To estimate
the time for the deceleration of the cluster in the
parent galaxy, we must know its density (including
the “dark” component), which is reflected by the ro-
tation curves of disk galaxies [51, 52]. The masses
of the central regions of galaxies similar to our own
(whose mass is typical for the galaxies containing
most of the visible matter in theUniverse [39, 53]) can
be estimated from the rotational velocity of its disk
component, Vrot = 250 km/s:

M =
V 2
rotR

G
= 107RM�, (10)

where R is the distance to the center in pc. Sub-
stituting this expression into (3), we obtain for the
deceleration time for a cluster with massm6 (in units
of 106M�)

τfr(yr) = 5 × 104R2/m6. (11)

Finally, we conclude that globular clusters with
masses above ∼106M�, radii R < 500 pc, and cir-
cular orbits will merge into the nucleus of the parent
galaxy over the Hubble time. On the other hand, the
orbits of most globular clusters are probably elliptical,
thereby increasing their tidal-capture zones, since the
deceleration time depends strongly on the velocity
[see (1)] and clusters with elliptical orbits spend most
of their time at their apocenters, where they have fairly
small velocities. Precisely the most massive clusters
from the central regions of galaxies will initially move
into the galactic nuclei, thereby affecting the observed
mass function. The energy released by the decelera-
tion of the globular clusters is absorbed by stars in
the galactic nucleus, resulting in the formation of a
galactic bulge; i.e., a spheroidal stellar cluster, whose
mass is correlated with themass of the central SMBH
[54]. Some fraction of the stars acquire velocities
exceeding the escape velocity, and so will be lost by
the galaxy and form a stellar corona.

Since the observed number of globular clusters
in massive galaxies can reach several thousand [49]
(and these are only the clusters that have avoided
merging into the nucleus of the parent galaxy), the
total mass of the black hole that forms in the nucleus
of a galaxy similar to our own can reach ∼106M�.
Indeed, precisely black holes with such masses are
usually detected in the nuclei of nearby (<6× 108 pc)
massive galaxies [55]. A similar SMBH is located in
the nucleus of our Galaxy; we may now be observing
the merger of the next globular cluster with this cen-
tral SMBH [56]. If a sufficient amount of gas is avail-
able near the SMBH, it can accrete at a high rate,
resulting in a high brightness of the gas accretion disk
around the black hole. This is the nature of quasars. If
there is no gas, the SMBH in a galactic nucleus can
be detected only via its gravitational influence on the
motions of nearby stars.
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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4. MERGERS OF GALAXIES IN THE CORES
OF DENSE GALACTIC CLUSTERS

Observations have shown that a substantial frac-
tion of galaxies are members of galactic clusters with
average masses of ∼1015M� and characteristic radii
of about 3 Mpc [57, 58]. The typical velocities of the
galaxies in clusters is ∼500 km/s [39]. According to
(3), the characteristic time for the tidal deceleration
of galaxies with masses of ∼1011M� in their clusters
is ∼1010 yr. However, for the most massive galaxies,
this time is less than the Hubble time. As a result,
supermassive (∼1013M�) cD galaxies can be formed
in the centers of such clusters via the merging of
about 1% of the slowest, most massive central galax-
ies [59]. Therefore, cD galaxies with central SMBHs
will appear in the cores of dense, massive galactic
clusters, even at z ∼ 5 (which corresponds to an age
of 109 yr). Galaxies observed in the process of merg-
ing are well known [60]. Some of the mass of a cD
galaxy may belong to the merging galaxies, forming
a dense cluster core, and some of the stars of a cD
galaxy could be formed during star formation in so-
called cooling flows of the cluster gas, which flows
into the cores under the action of gravity [61].

Observations indicate that massive cD galaxies
are located in the cores of galactic clusters at z = 1.24
(which corresponds to an age of about 4 × 109 yr)
[62]. We also know of nearby galaxies observed in
the process of merging that possess double [63, 64],
and even triple, nuclei [65]. The sequential merging
of galaxies and the SMBHs in their nuclei results in
the fairly rapid formation of cD galaxies with SMBHs
(109−1010M�) in their nuclei in the young Universe
with an age of only ∼109 yr [66]. The formation of
SMBHs is already appreciably accelerated at z ∼ 6.4
by hidden mass, which should represent a consider-
able fraction of the gravitating matter [67]. We may
be observing the merger of two SMBHs in a binary
quasar with a distance between the components of
only 20 kpc [68]. Some low-mass galaxies should
accumulate the kinetic energy of the system during
the merging of massive galaxies, so that they are
ejected from the parent clusters [69]. Other galaxies
will be disrupted by tidal forces, so that their stars
enrich the intergalactic space of the clusters.

The merging of the central binary SMBHs occurs
under the influence of gravitational-wave radiation.
According to theoretical estimates, most of the flux
of gravitational waves comes from close events with
z < 1 [70]. LISA is expected to detect one event
per year from merging black holes with masses of
∼107M� and one event per 10 years from merging
black holes with masses of ∼108M� [70].
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There is an important effect that must be taken
into account when studying the merging of the bi-
nary black holes due to gravitational-wave radiation.
Simple estimates show that the characteristic time
for the merging of binary black holes when the com-
ponents fill their Roche lobes is appreciably shorter
than the orbital period. Consequently, a substantial
fraction of the binding energy of the resulting black
hole (∼0.1MBHc

2) is emitted as a directional pulse.
Due to the conservation of momentum, the merger
product can acquire a large velocity if the masses of
the components are not equal [71]. As a result, some
black-hole merger products can leave their parent
systems, and, therefore, will not participate in the
cascade mass increase. The unidirectional character
of the gravitational-wave pulses leads to problems
in their detection due to the presence of the cosmo-
logical horizon. A similar phenomenon occurs in the
detection of gamma-ray bursts [72].

5. THE FORMATION OF ULTRAFAST
STARS VIA MERGERS OF SUPERMASSIVE

BLACK HOLES

Along with the generation of powerful (and, pos-
sibly, sharply directed) bursts of gravitational-wave
radiation, the cascade scenario for the formation of
SMBHs involves another interesting side effect: the
acceleration of some fraction of the stars. This is
due to the dynamic disintegration of unstable triple
stars or the acceleration of stars by the nonstationary
gravitational potential of a close binary SMBH. This
last process results in a gravitationally bound binary
system composed of two SMBHs and a solitary star
moving with a velocity approximately equal to the
orbital velocity of the binary components. Since the
orbital velocities of SMBHs just before merging are
of the order of the speed of light, the velocities of the
ejected stars are limited only by the escape speed at
their surface. Therefore, this mechanism can acceler-
ate main-sequence stars to ∼600 km/s, degenerate
dwarfs to ∼6000 km/s, and neutron stars and stellar
black holes to ∼105 km/s. The maximum veloci-
ties produced by this mechanism were estimated by
Barkov et al. [72].

We can now estimate the minimum orbital veloci-
ties of the components of close binary black holeswith
masses m andM that merge within the Hubble time
using (2): a/R� ∼ 3(m/M�)1/4(M/M�)1/2, where
we assume that m�M . The orbital velocity of the
component with the smaller mass will then be

V (km/s) ∼ 250(M/M�)1/4(m/M�)−1/8. (12)

WhenM ∼ 109M� andm ∼ 103M�, we obtain V ∼
20 000 km/s. This clearly shows the possibility of
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accelerating some fraction of the neutron stars and
black holes to velocities above Vmax ∼ 1000 km/s
during mergers of binary SMBHs, which cannot be
produced by the explosions of supernovas in close
binary systems [2].

It is more difficult to estimate the spatial-velocity
distribution of the stars ejected via the gravitational
acceleration of a binary SMBH, since it depends
substantially on the distribution and diffusion of stars
in the galactic nucleus in velocity and in space. The
merging of the components of a binary SMBH into
the galactic nucleus is separated into two stages from
the viewpoint of the main deceleration mechanism.
The components are first decelerated by the tidal
friction of the stellar environment and the ejection of
stars with velocities comparable to the orbital speeds
of the components of the binary SMBH [see (12)].
Much greater velocities can be gained by the stars
ejected by the binary SMBH in the second stage,
when the merger of the components is governed by
gravitational-wave radiation. The number of stars
accelerated at this stage N should clearly be pro-
portional to the product of the lifetime of the binary
SMBH in the stage with the given orbital speeds
V and the cross-sectional area for the interaction:
N ∼ V −10. It is obvious that the number of ejected
stars depends strongly on their spatial velocity and,
as a result, the number of relativistic stars—black
holes and neutron stars—ejected with speeds much
greater than that given by (12) may be quite small.
To obtain a quantitative estimate of the velocity spec-
trum of ultrafast stars formed during the merging of
SMBHs in galactic nuclei, we must solve the corre-
sponding problem numerically. However, it is already
clear that it should be possible to accelerate some
fraction of the relativistic stars from the nuclei of
merging galaxies containing SMBHs to relativistic
speeds ∼105 km/s [72].

Observational evidence for the important role of
galaxy mergers in the formation of the most mas-
sive galaxies is the increase in the maximum lu-
minosity of galaxies from ∼1010L� to ∼1011L� as
their age increases from 1 to 7 billion years (1 <
z < 4) [73]. Most collisions occurs at z ∼ 1, but col-
lisions are fairly frequent even at the present time
[74]. Galaxies with characteristic surface densities
of ∼100−1000M�/pc2 in clusters with masses of
∼1015M� and radii of about 1 Mpc should inevitably
experience collisions, as follows from the total vol-
ume covered by such galaxies during the Hubble
time. Simple estimates indicate that this area is much
greater than the cluster size, resulting in unavoidable
collisional evolution of the galaxies in the clusters,
and, consequently, mergers of some of the galaxies
that lead to the growth of the masses of the black
holes in their nuclei. Merging of galaxies leads to
the formation of spheroidal stellar halos surround-
ing them. As was noted above, one side product of
the merging of SMBHs in galactic nuclei should
be the production of a certain number of ultrafast
neutron stars, stellar black holes, and degenerate
dwarfs in the Universe. Due to their large velocities
(103−105 km/s), these can fill both galaxy clusters
and the space between them almost uniformly.

6. CONCLUSION

The aim of this paper was to analyze the cas-
cade (hierarchical) mechanism for the formation and
growth of supermassive black holes in the cores of
globular clusters, galaxies, and supermassive cD
galaxies in the cores of rich and dense galactic
clusters. There are two stages of merging. In the
first stage, the main decelerating mechanism is tidal
friction by the background stars (in globular clusters)
or galaxies (in galactic clusters). In the second stage,
the main mechanism is the radiation of gravitational
waves. The formation of SMBHs is facilitated by
the fact that only a few percent of the total number
of stellar black holes participate in this process: the
slowest black holes and SMBHs, whose mergers
require short times (probably less than ∼109 yr).
This enables us to explain the existence of merging
galaxies and the formation of SMBHs in their nuclei
already at z ∼ 1−2 [75]. It is important to emphasize
that the cascade mechanism for the formation of
SMBHs in galactic nuclei can explain the observed
relation between the black-hole mass and the stellar-
velocity disperson in galactic nuclei (MBH ∼ v4), as
well as between the black-hole mass and the masses
of galactic bulges (MBH ∼Mb) [76].

Mergers of galaxies result in changes in their mor-
phology (growth in the mass of the spherical compo-
nent) and increase the accretion activity in their nu-
clei. One particular observational example of merging
is M87, the central galaxy of the Virgo cluster, whose
complex nuclear-gas morphology probably resulted
from a recent merger of two galaxies [77]. The nearest
merging SMBHs may be located in the center of our
own Galaxy, but are hidden in the optical by absorp-
tion (∼38.5m) [78]. A young, massive stellar cluster,
marked by a dense (<0.02 pc) group of OB stars,
is probably in the stage of merging into the nuclear
stellar population of the Galaxy. The young cluster
is assumed to be bound by a SMBH (∼1300M�).
Another consequence of galaxy mergers is the ap-
pearance of a considerable number of intergalactic
stars (2 to 20%) [79] that are ejected from the parent
galaxies when the merger products relax. Observa-
tions show that these stars are among the oldest,
and are concentrated toward the central cD galaxies,
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where the frequency of collisions between the galaxies
is high due to the enhanced density.

A SMBH in a galactic nucleus can be revealed
as an X-ray source if there is a source of gas that
can be accreted at a rate sufficient to produce X-rays
that are detectable at cosmological distances. The
gas-accretion rate of active nuclei is usually an ap-
preciable fraction of the accretion rate correspond-
ing to their Eddington luminosity. The accreted gas
can be supplied either by stars close to the SMBH
or by the gaseous disk component of the galaxy or
its nucleus. In this last case, the accretion rate in-
creases if the galaxy collides with another or has a bar.
Central massive cD galaxies have cooling flows in
which intergalactic gas flows into their nuclei at a rate
100−1000M�/yr. The accretion of gas by a SMBH
results in the formation of a quasar. It is more difficult
to produce a high accretion rate in the cores of glob-
ular clusters, which have very little gas, making the
reliable identification of SMBHs in globular clusters
more difficult [28]. This obvious observational selec-
tion effect can probably explain the lack of detection of
black holes with masses of ∼103M�, which appears
as an absence or very low occurrence of such black
holes. On the other hand, it is possible that bright, soft
X-ray sources (0.1−0.4 keV) [80] represent precisely
this kind of SMBH. The reconstruction of the corre-
sponding mass spectrum is an important task for the
future.

It is interesting that the compact (<100 pc) gas
disks around SMBHs in the nuclei of Seyfert and
other active galaxies not only produce the activity of
their nuclei, but also often show signs of active star
formation [81]. For example, about 10% of the mas-
sive stars of our Galaxy are currently being formed
within only about 50 pc of the Galactic center [82].
The formation of stars in a galactic nucleus results in
the appearance of dense stellar clusters [83], in whose
cores SMBHs can be formed and later merge with
the central black hole.Many elliptical galaxies exhibit
a substantial blue excess, indicating the presence of
active star formation in their nuclei [84]. This, first and
foremost, provides evidence for the presence of gas. In
addition, star formation in a gaseous disk near the nu-
cleus and the explosions of short-lived massive stars
as supernovas turbulize the disk, which amplifies the
accretion of gas onto the central SMBH. As a result,
the mass of the black hole increases with time and,
more importantly, the features of its activity become
observable. Bursts of star formation in galactic nuclei
may be recurrent, thereby resulting in periodicity of
the accretion activity of SMBHs [85].

The cascade mechanism for the formation of
SMBHs in the nuclei of globular clusters and galaxies
may also have some morphological consequences
for the distribution of the old stars in them. The
ASTRONOMY REPORTS Vol. 49 No. 1 2005
deceleration of stellar black holes in globular clusters
results in their expansion and acquisition of a spheri-
cal shape with time [41, 86]. Some fraction of the stars
should be lost in this process [87]. The deceleration of
globular clusters and galaxies in the more massive
systems produces spheroidal stellar components in
these systems, again with some stars being lost.
As a result, the galactic bulges may represent the
products of the cascade mechanism for the formation
of SMBHs. This may provide an explanation for
the observed correlation between the masses of the
SMBHs and the spheroidal stellar components of
galaxies.

An important effect of the cascade mechanism
for the formation of SMBHs is the generation of
powerful gravitational-wave radiation. The char-
acteristic period of these waves is determined by
the mass of the merging SMBHs, and is equal to
∼10−4MBH/M� s. If we take the typical mass of
a black hole to be MBH ∼ 105M�, the period of
the gravitational waves will be about 10 s, and the
energy released by the merger of two such SMBHs
will be EGWR ∼ 0.1MBHc

2 ∼ 1056 erg. It is quite
possible that the first detectable gravitational waves
will be short (∼10−4MBH/M� s) bursts resulting
from mergers of SMBHs in the nuclei of sufficiently
close merging galaxies. To elucidate the fate of the
products of SMBHmergers, it is important to find the
amplitude of the kick experienced by themerger prod-
uct due to the sharp directivity of the gravitational-
wave pulse [71].

Another consequence of the cascade mechanism
for the formation of SMBHs that should bementioned
here is the inevitable appearance of ultrafast rela-
tivistic stars (degenerate dwarfs, neutron stars, and
stellar-mass black holes). The velocities of the last
two types of object can reach ∼105 km/s. The more
precise formulation of the requirements for detecting
these ultrafast stars requires numerical modeling and
estimation of their velocity spectrum. Any binary sys-
tems containing such objects will be disrupted when
they are accelerated due to their weak gravitational
binding. This complicates searches for such stars,
since a number of nonstationary features typical of
close binaries will be excluded. At present, only long-
lived single millisecond radio pulsars are promising
candidates for detecting ultrafast relativistic stellar
objects.
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Abstract—The interaction of a powerful cosmological gamma-ray burst (GRB) with a dense molec-
ular cloud is modeled. Two-dimensional gas–dynamical flows were computed for various configu-
rations of the cloud. In the spherically symmetrical case, the gas velocity does not exceed ∼ 2 ×
103
√
E/1.6 × 1053 km/s. If the GRB precursor has an anisotropic wind, a conical cavity can form in the

nearby region of the molecular cloud. The propagation of the gamma-ray pulse in this cavity leads to the for-
mation of a rapidly moving hot clump of matter, with the gas velocity reaching 1.8 × 104 km/s for gamma-
ray energy ofE = 1.6× 1053 erg. In all the computations, the velocity of the moving material is much lower
than the velocity of light, the volume of gas affected by the motion is small, and the influence of the gas
motions on the light curve of the optical afterglow is insignificant. c© 2005 Pleiades Publishing Inc.
1. INTRODUCTION

The nature of gamma-ray bursts (GRBs) remains
unclear, in spite of the fact that more than 30 years
have passed since their discovery [1]. The most com-
plete statistics on GRBs have been obtained with the
BATSE experiment [2–4]. The detected GRBs are
distributed uniformly on the sky, and their logN −
log S curve shows appreciable deviations from the law
N ∼ S3/2, which corresponds to a uniform spatial
distribution for the burst sources [2, 5]. The BATSE
data have also yielded the distribution of durations
for the bursts, which displays a clear two-peaked
structure, with the dip between the peaks being near
1.5 s. Further, we will consider only long bursts (with
durations exceeding one second). Most GRBs have
durations less than 100 s, although several bursts
with durations of about 1000 s have been detected.

The BeppoSAX experiment has enabled us to ap-
preciably improve our understanding of GRBs [6]. Al-
though its limiting sensitivity was substantially worse
that of BATSE, it made it possible to obtain X-ray
observations of GRB sources within a short time
after their detection, enabling more accurate local-
ization of the GRB coordinates. The first success-
fully localized GRB was GRB 970228 [7, 8], whose
coordinates were sufficiently accurate to enable the
identification of the GRB with a flaring optical source
(transient) [9]. Nebulous optical emission was also
observed around the optical transient [9, 10], which
proved to be a distant galaxy with a cosmological
redshift, z = 0.695.

Observations of the optical afterglows of GRBs
and measurements of their redshifts demonstrated
1063-7729/05/4901-0024$26.00
that GRBs are cosmological; i.e., they are located
in distant (∼103 Mpc) galaxies. In this case, the
release of a huge amount of gamma-ray energy
(∼1052−54.5 erg) in a short time (tens of seconds) is
required to explain the observed gamma-ray fluxes
∼10−4 erg s−1 cm−2. It is obvious that such a
powerful release of energy should strongly infuence
an appreciable volume of the host galaxy. Our main
aim in the current paper is to demonstrate that this is
the case.

Studies of optical afterglows at various wave-
lengths led to the conclusion that GRBs occur
in dense interstellar clouds harboring star-forming
regions [11, 12]. Without specifying a particular
mechanism for the GRBs, we will assume only the
presence of a powerful flux of gamma-rays and con-
sider the interaction of this radiation with the dense
interstellar medium of the host galaxy in the form
of a molecular cloud on large spatial and temporal
scales. This situation was first considered in [13–
15], where solutions for a one-dimensional molecular
cloud in a spherically symmetrical approximation
were obtained.

Here, we investigate the response of an inter-
stellar medium with normal chemical composition to
the passage through this medium of a short pulse
of gamma-rays in the axially symmetrical case. We
consider various density distributions in the medium,
GRB energies, and degrees of collimation for the
GRB, including the case when the GRB is located at
the edge of a molecular cloud. The hydrodynamical
flow of the interstellar matter was computed based
on a two-dimensional Piecewise-Parabolic-Method
c© 2005 Pleiades Publishing Inc.
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(PPM) code. We consider the case when a directed
ejection (jet) with a speed of the order of several
thousand km/s forms as a result of heating of the
cloud by the GRB radiation.

2. MAIN EQUATIONS AND CONDITIONS

The system of hydrodynamical equations describ-
ing themotion ofmatter under the action of a powerful
pulse of radiation in the axially symmetrical case was
solved in spherical coordinates:

∂ρ

∂t
+ ∇(ρv) = 0, (1)

∂(ρvr)
∂t

+
∂(ρv2r + P )

∂r
+

1
r

∂(ρvrvθ)
∂θ

(2)

+
2ρv2r − ρv2θ + ρvrvθ cot θ

r
= ρFγ ,

∂(ρvθ)
∂t

+
∂(ρvrvθ)
∂r

+
1
r

∂(ρv2θ + P )
∂θ

(3)

+
3ρvrvθ + ρv2θ cot θ

r
= 0,

∂

∂t

(
ρv2

2
+ ρε

)
(4)

+ ∇
{
ρv
(
v2

2
+ ε+

P

ρ

)}
= ρHγ − ρCγ .

Here, ρ is density, P is pressure, ε is internal
energy, and vr and vθ are the radial and transverse
velocities of the matter, respectively. The matter was
assumed to be fully ionized. This assumption is jus-
tified by the fact that the velocity in the unheated gas
is low (a few km/s), as well as the pressure. After the
passage of the gamma-ray pulse, the matter is heated
to high temperatures, and it can be considered to be
fully ionized.

Since the time scales of interest to us
(∼105−108 s) are much longer than the burst du-
rations (<100 s), we can take the GRB to be an
instantaneous pulse with energy Γ:

L = Γδ
(
t− r
c

)
. (5)

For gamma-rays with hν � Ba,ie , where Ba,ie is
the binding energy of an electron in an atom or
ion, the cross section for the interaction between
gamma-ray photons and electrons will be nearly
the same for bound and free electrons. The rate of
gamma-ray heating per unit mass of gas Hγ was
taken from [16–18]. The GRB spectrum was taken
ASTRONOMY REPORTS Vol. 49 No. 1 2005
to have the form
dL

dE
=

L

Emax
e−E/Emax . Introducing

the notationW (E,Emax) =
dL

LdE
, we have

Hγ =
L

4πr2
(6)

× µeσT
mu

Emaxfh(Emax) − 4kTfc(Emax)
mec2

,

where E is the energy of the photons,me is the mass
of an electron, and σT is the Thomson cross section
for the interaction between an electron and a photon.
We used Emax = 2 MeV and Emax = 0.6 MeV. The
functions

fh(Emax) =
1

Emax

∞∫
0

W (E,Emax)s(E)EdE (7)

and

fc(Emax) =

∞∫
0

W (E,Emax)q(E)dE (8)

are obtained by integrating over the spectrum. The
functions s(E) and q(E) presented in [16] take into
account the dependence of the cross section for the
relativistic scattering of a photon on an electron on
the photon energy (the Klein–Nishina cross sec-
tion σKN ). The normalization was chosen so that
fh = fc = 1 when Emax � mec

2. For an energy of
600 keV, fh = 0.19 and fc = 0.33, while fh = 0.065
and fc = 0.16 for an energy of 2 MeV.

The radiative force of the gamma-ray pulse acting
on a gram of matter, Fγ , is determined by the light
pressure due to the gamma-rays interacting with
matter with normal chemical composition via electron
scattering with the cross section σKN :

Fγ =
1
c

L

4πr2
µeσT
mu

ff (Emax), (9)

where L is the “luminosity” of the GRB source, µe
is the number of electrons per nucleon (for a medium
with normal chemical composition, µe = 0.866), and
c is the speed of light. The function ff (Emax) takes
into account variations in the electron–gamma-
ray cross section associated with relativistic correc-
tions [19]:

ff(Emax) =
1
σT

∞∫
0

W (E,Emax)σKN (E)dE. (10)

For energies of 600 keV and 2Mev, ff = 0.5 and 0.32,
respectively.
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According to [20, 21], the cooling rate per unit
mass of optically thin plasma, Cγ , is given by the
relation

Cγ =
Λ(T )n2

ρ
. (11)

To increase the computational speed of the program,
the cooling rate from [20] was approximated using the
formulas

Λ(T ) =




0, T < 104K;
10−48.8T 6.4, 104 < T < 104.25;
10−16.5T−1.2, 104.25 < T < 104.5;
10−27.48T 1.24, 104.5 < T < 105;
10−21.03T−0.05, 105 < T < 105.4;
10−13.6698T−1.413, 105.4 < T < 105.86;
10−22.8378T 0.1515, 105.86 < T < 106.19;
10−13.1969T−1.406, 106.19 < T < 106.83;
10−22.2877T−0.075, 106.83 < T < 107.5;
10−26.6T 0.5, 107.5 < T.

(12)

The computations assigned solar chemical composi-
tion to the interstellar medium [22] and assumed that
all heavy elements were in gaseous form.

It was shown in [13] that the phase velocity of
the cooling-wave front is of the order of (or higher
than) the speed of light. We found that a zone with a
temperature inversion develops in the heated region,
and this region broadening due to cooling waves. In
the spherically symmetrical case, two waves travel
through the gas: one toward the edge of the cloud,
following the heating wave, and the second toward
the cloud center. The cooling wave moving toward
the periphery of the cloud always travels with a phase
speed that exceeds the speed of light, while the sec-
ond front travels with a gradually decreasing phase
velocity. The pattern of the cooling-wave motions
is more complex in the non-spherically symmetri-
cal case. However, the speed of the cooling wave
exceeds the sound speed at the cooling-wave front
for 10–20 years after the time of the GRB. Due to
the superluminal speed of the outwardly propagating
cooling front, it remains thin, and is not smeared by
thermal conduction or other transport processes. Let
us estimate the infuence of thermal conduction on
the inwardly propagating cooling wave. In the case
of constant heat conductivity χ, the heat-conduction
equation has the form [23]

∂T

∂t
= χ�T. (13)
The heat conductivity of gases is approximately equal
to the diffusion coefficient:

χ = lav̄/3, (14)

where la is the mean free path and v̄ is the thermal
velocity. The rate of propagation of a thermal front via
thermal conduction is [23]

dx

dt
∼ d

dt

√
χt ∼

√
χ

t
∼ χ
x
∼ la
x
v̄. (15)

Under the conditions in the interstellar medium, the
mean free path of an electron is determined by the
Larmor radius. We have for a field ofH ∼ 10−6 G

la ∼ rL =
v̄

ωB
=
mecv̄

eB
≈ 2.9 × 107 cm. (16)

We adopt for x the estimated thickness of the cooling
front (12) obtained without including thermal con-
duction:

x =
E

dE/dt
vcw ∼ 3/2kTc

Λ(T )n
≈ 6 × 1016T6

n5
, (17)

where vcw is the velocity of the cooling wave. Taking a
temperature of T = 3× 105 K and a number density of
105 cm−3 yields x ≈ 2 × 1016 cm. Even if we take the
speed of propagation of the cooling wave to be equal
to the sound speed at the front, vs, we have

vcw ≈ vs ≈ v̄ �
la
x
v̄ ≈ 1.5 × 10−9v̄, (18)

i.e., electron thermal conduction can be disregarded
under the conditions relevant to our problem.

A program based on a fourth-order difference
scheme for a Godunov PPM aproximation was writ-
ten to solve the system of equations (1)–(4) [24, 25].
This program is able to solve this system of gas–
dynamical equations in a two-dimensional approxi-
mation. The use of a complex numerical algorithm is
due to the need to carry out thorough computations
of the shock front that arises in the inner region of the
cloud.

3. PHYSICAL FORMULATION
OF THE PROBLEM AND INITIAL

CONDITIONS

In order to more fully understand the gas–dyna-
mical flows arising in a molecular cloud heated by a
nearby GRB, we investigated models with a whole
series of initial conditions, from a simple, spheri-
cally symmetrical, uniform molecular cloud and an
isotropic gamma-ray pulse to the case of a conical
cavity and an anisotropic (well collimated) gamma-
ray pulse.

We investigated models corresponding to the fol-
lowing sets of initial conditions.
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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Fig. 1. Dependence of the temperature in the cloud on the distance to the GRB source at various times for model 1a; the
numbered curves correspond to times after the GRB of (1) 2.02, (2) 2.91, (3) 3.14, (4) 3.70, and (5) 4.26 yrs.
(1) An isotropic GRB occurs at the center of a
molecular cloud with radius R = 1.5 pc and constant
density nH = 105 cm−3, and has an energy of

(a) 1.6 × 1053 erg for Emax = 2 MeV or 1.7 ×
1053 erg for Emax = 0.6 MeV;

(b) 1.6 × 1054 erg for Emax = 2 MeV or 1.7 ×
1054 erg for Emax = 0.6 MeV.

(2) An isotropic GRB occurs in a molecular cloud
whose density falls with radius according to the law
nH = 105e−r

2/r20 cm−3, where r0 = 0.75 pc and the
radius of the computational domain is R = 1.5 pc.
The GRB has an energy of 1.6 × 1053 erg forEmax =
2 MeV or 1.7 × 1053 erg for Emax = 0.6 MeV, and is
located at the center of the molecular cloud.

(3) An isotropic GRB occurs in a molecular cloud
consisting of two regions. In a large volume of the
cloud, the density is constant and equal to nH =
105 cm−3 (this corresponds to the condition r cos θ <
x0 = 0.15 pc). The second region is separated from
the first by a plane located a distance x0 in parsecs
from the GRB (this corresponds to the condition
r cos θ > x0 = 0.15 pc), and has a density of nH =
104 cm−3. The radius of the computational domain
is R = 1.5 pc. The GRB has an energy of 1.6 ×
1053 erg for Emax = 2 MeV or 1.7 × 1053 erg for
Emax = 0.6 MeV.
ASTRONOMY REPORTS Vol. 49 No. 1 2005
(4) An isotropic GRB occurs in a molecular cloud
whose density falls off with radius according to the
law nH = 105e−r

2/r20 cm−3, where r0 = 0.75 pc. The
GRB has an energy of 1.6 × 1053 erg for Emax =
2 MeV or 1.7 × 1053 erg for Emax = 0.6 MeV, and
is located a distance x0 = 1.0 pc from the center of
the cloud. The radius of the computational domain
is R = 2.5 pc. This case is similar to model 2, but
with the GRB at some distance from the center of the
cloud.

(5) A GRB has an energy of 1.6 × 1053 erg
for Emax = 2 MeV or 1.7 × 1053 erg for Emax =
0.6 MeV and occurs in a molecular cloud with the
density distribution n = 105e−2−2 cos(10θ) cm−3. The
computational domain is restricted to 0 ≤ θ ≤ π/10
and R = 1.5 pc. The condition vθ = 0 is imposed
at the boundary θ = π/10. This model corresponds
to a somewhat artificial conical density distribution,
which could imitate a GRB occurring between two
nearby molecular clouds or a GRB precursor with
an anisotropic wind that “blew out” a cavity in the
molecular cloud.

(6) An anisotropic GRB occurs in a molecular
cloud with radius R = 1.5 pc and constant density
nH = 105 cm−3, with the energy distributions

(a)E = 1.6× 1053e−(θ/θ0)2 erg forEmax = 2MeV
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Fig. 2. Distribution of temperature (grey scale) and contours of constant density for the cloud at various times in model 8a.
The distance from the GRB source is indicated in parsecs and time is measured in years since the GRB. The right-hand bars
give the log T (K) temperature scale.
or E = 1.7 × 1053e−(θ/θ0)2 erg for Emax = 0.6 Mev,
with θ0 = 0.4 rad;

(b)E = 1.6× 1054e−(θ/θ0)2 erg forEmax = 2MeV
or E = 1.7 × 1054e−(θ/θ0)2 erg for Emax = 0.6 Mev,
with θ0 = 0.4 rad.

Due to the energy distribution in the pulse, the
computational domain was restricted to 0 ≤ θ ≤ π/2
and R = 1.5 pc.

(7) An anisotropic GRB occurs in a molecular
cloud whose density falls off with radius as nH =
105e−r

2/r20 cm−3, where r0 = 0.75 pc. The GRB is
located at the center of the cloud, and has the energy
distributions E = 1.6 × 1053e−(θ/θ0)2 erg for Emax =
2 MeV or E = 1.7 × 1053e−(θ/θ0)

2

erg for Emax =
0.6 MeV, with θ0 = 0.4 rad. Due to the energy dis-
tribution in the pulse, the computational domain was
restricted to 0 ≤ θ ≤ π/2 and R = 1.5 pc.

(8) An anisotropic GRB occurs a distance x0 =
1.0 pc from the center of a molecular cloud whose
density falls off with radius as nH = 105e−r
2/r20 cm−3,

where r0 = 0.75 pc. The GRB has the energy distri-
butions

(a)E = 1.6× 1053e−(θ/θ0)2 erg forEmax = 2MeV
or E = 1.7 × 1053e−(θ/θ0)

2
erg for Emax = 0.6 MeV,

with θ0 = 0.4 rad;

(b)E = 1.6× 1054e−(θ/θ0)2 erg forEmax = 2MeV
or E = 1.7 × 1054e−(θ/θ0)

2
erg for Emax = 0.6 MeV,

with θ0 = 0.4 rad. Due to the energy distribution in
the pulse, the computational domain was restricted
to 0 ≤ θ ≤ π/2 and R = 2.5 pc.

(9) An anisotropic GRB occurs in a molecular
cloud with the density distribution n =
105e−2−2 cos(10θ) cm−3. The computational domain
was restricted to 0 ≤ θ ≤ π/10 and R = 1.5 pc. The
condition vθ = 0 was imposed at the boundary θ =
π/10. The GRB has the energy distributions E =
1.6 × 1053e−(θ/θ0)2 erg for Emax = 2 MeV or E =
1.7 × 1053e−(θ/θ0)2 erg for Emax = 0.6 MeV, with
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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Fig. 3. Same as Fig. 2 for model 8b.
θ0 = 0.4 rad. This model corresponds to a conical
density distribution analogous to model 5.

4. COMPUTATIONAL RESULTS.
THERMAL PATTERN

Let us consider the detailed evolution of the ther-
mal pattern of the molecular cloud after the GRB for
the two extreme cases corresponding to models 1a
and 8a.

A. An Isotropic GRB in a Uniform Molecular Cloud

Consider the time dependence of the temperature
distribution. This model is topologically fully anal-
ogous to the case considered in [13]. At the initial
time, the pulse from the GRB heats the central part
of the molecular cloud to temperatures of the order of
109 K; heating to higher temperatures is hindered by
the joint action of the Klein–Nishina correction and
the decrease in the efficiency of Compton heating at
temperatures kT ∼ Emax/4. On the spatial scales we
have studied (from 1016 to 1018 cm), the momentum
transferred to the matter by radiation is small, and the
ASTRONOMY REPORTS Vol. 49 No. 1 2005
matter acquires most of its velocity via the pressure
gradient. Since matter is heated to high temperatures
in the central region (T > 107−108 K), it rapidly be-
comes fully ionized. Thus, the main radiative losses
are due to free–free transitions in the plasma. The
thermal-loss rate due to free–free radiation per cubic
centimeter of optically thin plasma is proportional to
T 1/2; at such temperatures, the gas can be considered
to be ideal, so that its heat capacity does not depend
on the temperature. We find that, the more strongly
the plasma of the interstellar medium is heated, the
longer it takes to cool. Therefore, we can disregard
gas cooling near the GRB at early times after the
GRB, and assume that the temperature profile will
repeat the profile of the GRB energy absorbed by the
matter; i.e., the temperature of the matter is propor-
tional to R−2 (Fig. 1, curve 1).

When the GRB pulse has propagated to a distance
where it heats matter to temperatures of the order of
a million degrees or lower, the volume cooling rate
of the matter grows sharply due to the increased
efficiency of atomic line radiation [see (12)], and the
volume cooling time of the gas becomes shorter than
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Results of gas–dynamical flow computations

Model
vr,max,

103 km/s
vθ,max,
103 km/s

vabs,max,
103 km/s

1а 2.2 0 2.2

1b 5.2 0 5.2

2 2.2 0 2.2

3 1.9 0.00074 1.9

4 5.7 0.39 5.7

5 18 4.4 18

6а 1.4 2.8 2.9

6b 2.6 4.0 4.3

7 1.4 2.8 2.9

8a 4.7 2.2 4.7

9 14 3.4 14

the time for the passage of the GRB pulse to a given
radius: tcool < R/c (Fig. 1, curves 2–5). We find the
following pattern. At the initial time, the temperature
profile formed by the GRB pulse is described by the
dependence T ∼ R−2. After reaching some radius
(which depends on the GRB energy, the hardness
of the spectrum, and the density in the molecular
cloud), a turnover appears in the temperature profile
(the temperature drops to ∼104 K, which is in the
range of temperatures at which the matter will be-
come virtually completely neutral and the cooling rate
will sharply decrease), and one heating wave (due to
the GRB) and two cooling waves (one in the direction
of increasing and one in the direction of decreasing
distance from the GRB) travel radially in the cloud.
As a result, the gamma-ray pulse becomes so weak
at large distances from the GRB source that it is not
able to heat the matter to temperatures of 104 K or
higher, the interstellar matter remains neutral, and
the outwardly propagating cooling wave catches up
to the heating front. The energetic gamma-rays will
ionize the matter, but our approach is no longer valid
in this case—we are not considering such advanced
stages in the evolution in this study.

B. An Anisotropic GRB at some Distance
from the Center of a Nonuniform Molecular Cloud

The most probable situation is that an anisotropic
GRB occurs somewhere other than the exact center
of the molecular cloud. We accordingly consider our
model 8a to be the one most often realized in nature.

Immediately after the burst, the temperature dis-
tribution in the cloud near the main direction of the
GRB is determined entirely by the angular energy
distribution of the GRB and the distance from the
source. Very soon after the GRB, the temperatures
at the edges of the gamma-ray pulse (far from the
burst axis) do not reach high values (more than a
few million degrees), and the matter cools rapidly to
temperatures of the order of 104 K (Fig. 2a). As the
gamma-ray front travels in increasingly dense regions
in the cloud, the temperature to which it heats the
interstellar matter decreases, while the cooling rate
rises, decreasing the thickness of the region of hot
gas (Fig. 2b). At this point, the region of heated gas
separates into two parts. One follows the gamma-ray
pulse, decreases its geometrical thickness, and has
the form of a thin meniscus. The second region is ob-
long and gradually cools, decreasing in size (although
the matter in this region expands, the expansion rate
is lower than the velocity of the cooling wave in the
computations; Fig. 2c). After the gamma-ray pulse
passes through the center of the molecular cloud,
it proceeds into a region of decreasing density. The
falling density leads to a decrease in the cooling rate,
which results in an increase in the thickness of the
region of heated gas behind the gamma-ray pulse
(Fig. 2d).

Let us consider model 8b, for which the GRB en-
ergy is an order of magnitude higher. This increase in
the GRB energy raises the temperature to which the
molecular cloud is heated at a given radius (Fig. 3a).
Near the GRB axis, matter at a distance of 2 pc is
heated to temperatures exceeding 2 × 106 K. This
region encompasses the central regions of the molec-
ular cloud (Figs. 3b, 3c). At such temperatures, the
efficiency of cooling is modest, even in the central
region of the molecular cloud where the density is
highest. The separation of the zone of hot gas into two
regions occurs much later (Fig. 3d).

5. GAS–DYNAMICAL EFFECTS DUE
TO A COSMOLOGICAL GRB

An important goal of our work was to analyze the
motions of gas in the molecular cloud resulting from
its heating by the GRB, and the possible formation of
strong shocks.

It was shown in [13] that, in the case of a uniform
molecular cloud and an isotropic GRB, the central
shock wave that develops is nonrelativistic. These
computations indicated that the maximum velocity
acquired by matter in a uniform molecular cloud
with an isotropic GRB with energy 1.6 × 1053 erg
for Emax � 0.6 MeV was 2.2 × 103 km/s (table,
model 1a); if the GRB energy is increased to 1.6 ×
1054 erg, the speed of the flow in the molecular
cloud increases to 5.2 × 103 km/s (table, model 1b).
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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Fig. 4. Flow velocity (arrows) and temperature (grey scale) of the matter at various times for model 5. The distance from the
GRB source is given in parsecs, and the indicated times are in years since the GRB. The right-hand bars give the log T (K)
temperature scale.
Further growth in the GRB energy does not lead
to the formation of a relativistic shock, since the
relatively soft observed spectrum of the GRB and the
influence of the Klein–Nishina correction limit the
efficiency of heating. The mean energy of the photons
participating in the heating is 〈E〉 ∼ (300−600) keV
over a wide range of spectral hardnesses. Compton
heating cannot heat matter to temperatures higher
than Tc = 〈hν〉/4k ≈ 2× 109 K, and the sound speed
for this temperature and a normal chemical composi-
tion is cs = 5.3× 103 km/s. As is known from studies
of the decay of an arbitrary explosion, the speed
of a shock cannot exceed 2cs/(γ − 1) [26], which
corresponds to 3cs or 1.5 × 104 km/s for γ = 5/3.

We computed the evolution of the shock formed at
the center of the molecular cloud in model 1a. The
temperature jump, Tafter/Tbefore, remained constant
and equal to three while the shock traveled through
the heated part of the cloud. The shock front reaches
the cooling wave one hundred years after the GRB.
Because the shock is not very powerful (the shocked
ASTRONOMY REPORTS Vol. 49 No. 1 2005
material is not very strongly heated) and the density
is not very high, the shock rapidly cools during its
interaction with the cooling wave. A weak excess
appears in the optical light curve for several tens of
days at the level of the numerical noise associated
with the discreteness of the computational grid; i.e.,
the presence of the shock has virtually no effect on the
light curve of the optical afterglow.

In model 2 (a moderately inhomogeneous cloud)
over the computed time (20 years), the shock prop-
agates similarly to the case of a uniform cloud,
and there is not sufficient time for the shock to be
strengthened by the density decrease. Therefore, from
the viewpoint of the gas flows, this case is virtually
identical to model 1a.

The situation with model 3 is very similar to that
for model 2. The expected increase in the speed of the
shock was not observed, since it would not be physi-
cal for the corresponding “step” in the cloud-density
profile to be so close to the GRB (hundredths or
thousandths of a parsec), and such a situation is very
unlikely. The decrease in the size of the computational
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Fig. 5. Same as Fig. 4 on an expanded scale for the central region.
region means that only a small part of the molecular-
cloud volume was considered, and this region would
not significantly affect the light curve.

In model 4, the shock velocity is a factor of 2.6
higher than the velocity for model 1a. The reason for
this is that the GRB source is located in a region with
a large density gradient right from the onset of com-
putations, so that the shock is already accelerating
as it propagates from the center of the GRB. Note
that the region of themolecular cloud with the highest
density is not involved in the motion of the shock.

In model 5, the GRB occurs in a cone with low
density near its axis and higher density at its edges.
Since the molecular cloud is transparent to gamma-
rays, the energy absorbed per gram of matter depends
only on the distance to the GRB source and the
temperature to which the matter is heated, and is
independent of the density of the matter. In the case of
an isotropic GRB, the temperature of the matter does
not depend on the angle θ, giving rise to a pressure
gradient that leads tomotion ofmatter toward the axis
of the cone. Accordingly, flows arriving from various
directions meet at the cone axis and collide. As a
result, we find that the phase velocity of the mixing
at the point where the flows collide can be estimated
as vθ/ sin θ0, where vθ is the gas flow velocity and
θ0 is the opening angle of the cone (which we took
to be π/10 in the computations). A cumulative effect
develops, and matter that ends up near the flow-
collision point is accelerated to high velocities by
these collisions.

Figure 4 shows the time evolution of model 5, and
Fig. 5 an enlargement of the central part of this figure.
The arrows show the flow rate of the matter, and the
temperature is shown in grey scale. A hot, rapidly
moving clump (bullet) with a velocity of about 1.7 ×
104 km/s forms near the GRB source, at the point
where the gas flows collide. The situation described
above can come about in various ways: the GRB
precursor can have an anisotropic stellar wind that
blows out a cone (hole) in the molecular cloud, or the
matter of the inhomogeneous wind itself can form a
funnel-like structure. Note that, if the GRB occurs
between two nearby molecular clouds, the resulting
ejection will have the form of an expanding ring.

Comparing models 1a and 5 in the table, we find
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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Fig. 6. Same as Fig. 5 for model 6a at two times.
that themaximum velocity of the gas flow is a factor of
8.2 higher in model 5. This indicates that the velocity
of the ejected matter can grow by nearly an order of
magnitude purely due to geometrical effects.

Models 6a and 6b are fully analogous to models
1a and 1b, but with an anisotropic GRB occurring
in a uniform molecular cloud. The anisotropic energy
distribution of the burst leads to a large temperature
gradient near the GRB source, with this gradient be-
ing larger the more narrowly collimated the burst. In
the case of uniform density, the temperature gradient
coincides with the pressure gradient, leading to the
formation of a ringlike shock. The shock moves pre-
dominantly perpendicular to, rather than along, the
symmetry axis (see the table). In contrast to models
1a and 1b, due to the form of the burst energy dis-
tribution, the shock near the GRB source rapidly ap-
proaches the cooling wave. Since the material behind
ASTRONOMY REPORTS Vol. 49 No. 1 2005
the front is hot (T = 108−109 K), the cooling wave
does not appreciably influence the shock over the first
20 years (Fig. 6).

The gas flow in model 7 fully coincides with that
in model 6a (table). The GRB source is located at
the center of the cloud. The density varies only very
weakly within 0.1 pc of the cloud center, where the
main gas motions occur—the relative density varia-
tions are no larger than 0.02. This leads to full agree-
ment with the behavior of the gas in models 7 and 6a.

In model 8a, the structure of the gas motions
displays various tendencies in different regions of the
molecular cloud. In the immediate vicinity of theGRB
source (less than 0.05 pc from it), the gas motion im-
mediately after the passage of the gamma-ray pulse
is directed along the temperature gradient (perpen-
dicular to the direction of the GRB pulse). After the
neighboring regions are heated by the shock (as in
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model 6a), the gas flow changes to become parallel
to the density gradient (toward the GRB source). Far
(0.2 pc) from the GRB source, the velocity of the
gas is predominantly perpendicular to the direction
toward the GRB, along the temperature gradient.

Model 9 resembles model 5 in terms of the struc-
ture and velocities of the gas motions. This is due to
the fact that the effective opening angle of the GRB
cone (0.4 rad) is larger than the opening angle of the
density cone (π/10 rad). The gas-pressure distribu-
tion after the passage of the gamma-ray pulse is close
to that for model 5. The structure of the motions for
more narrowly collimated GRBs may be close to that
for model 6a.

Our computations of the gas flows in a molecular
cloud heated by a GRB show that the velocity of the
gas flows can vary over nearly an order of magnitude,
depending on the density distribution in themolecular
cloud. However, it was not possible to obtain a rela-
tivistic shock in any of the cases we considered, due
to the nature of the heating mechanism and the large
distance from the GRB source. The shock itself has
virtually no effect on the optical light curve, since the
spatial region heated by the shock is small (usually
smaller than 0.1 pc), and the temperature at the shock
front varies by a factor of three, which is much smaller
than the overall temperature variations in the region
in which the shock develops (106−109 K).

6. CONCLUSION

The interaction of a cosmological GRB with dense
material in the host galaxy leads to a number of inter-
esting effects. The gamma-ray burst acts on the in-
terstellar medium via the pressure of its radiation and
heating. The radiation pressure from the GRB can
be important [27], but the computational results pre-
sented here and in [13, 14] show that it does not exert
an appreciable influence on the interstellar medium
at distances of 0.1–1 pc. The main source of gas–
dynamical flows in the interstellar medium is the gas-
pressure gradient brought about by the temperature
or density gradients. The velocity of the front of a
nonrelativistic shock cannot exceed the sound speed
behind the front. Via the Compton effect, the GRB
radiation can heat the material to temperatures of half
an MeV, while the mean rest energy of a proton is
on the order of a GeV, so that it is not possible to
obtain a relativistic flow (without invoking the action
of a relativistic shock formed in the GRB itself). As
a result, the gamma-ray pulse immediately separates
from the shock that is formed, and their evolution can
be considered to be independent: the shock travels
along the temperature profile formed by the gamma-
ray pulse.
We obtained four types of shocks in the computa-
tions. In the spherically symmetrical models 1a, 1b,
and 2 (as well as model 3), a spherically symmet-
rical shock forms due to the temperature gradient
and propagates from the center with a speed of ∼2 ×
103
√
E/1.6 × 1053 km/s. The origin of the shock

that forms in model 4 and travels outward from the
center of the molecular cloud is the strong density
gradient. If theGRB iswell collimated (models 6a, 6b,
7, 8a, and 8b), a ringlike shock forms due to the strong
temperature gradient, and propagates perpendicular
to the GRB collimation axis with a speed of ∼ 2.8 ×
103 km/s. If the GRB precursor had an anisotropic
wind, a conical cavity can form in the molecular cloud
(models 5 and 9). The propagation of the gamma-ray
pulse in this cavity leads to the formation of a rapidly
moving hot clump of material (the shock velocity can
reach 1.8 × 104 km/s). A similar situation is possi-
ble when a GRB occurs between two neighboring
molecular clouds; in this case, a rapidly expanding
ring arises in a plane parallel to the cloud boundaries.
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Visual Extinction Towards the Omega Nebula (M17)
and the Ionization of Nitrogen in the Nebula
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Abstract—We estimate the absolute intensity of the Hα emission line in M17 based on spectroscopic
observations with the 70 cm telescope of the Fesenkov Astrophysical Institute and the 1.25 m telescope of
the Sternberg Astronomical Institute’s Crimean Laboratory. The visual extinction, Av , is derived for about
250 regions in the nebula via a comparison of the optical (Hα) and radio (21 cm continuum) emissions.
The Av values for the eastern, optically bright, part of the nebula are 2–6m. For the western part, which
is covered by a dark cloud, the extinction is Av = 7–14.5m. We derived I(Hα)/I([NII] λ6584) ratios and
estimated the degree of ionization of nitrogen in the nebula; we find that most nitrogen is in the [NIII] state.
c© 2005 Pleiades Publishing Inc.
1. INTRODUCTION

The Omega Nebula (M17) is one of the Galaxy’s
brightest star-forming regions in any spectral range,
and is optically the second brightest after the Orion
Nebula (NGC 1976), which is at least a factor of three
closer to the Earth. In contrast to NGC 1976, whose
optical and radio regions almost coincide, these re-
gions are significantly different for the Omega Neb-
ula. This makes it important to study the extinction
toward M17, and such a study is the main subject
of the current paper. This work is a continuation of
our earlier paper [1], where we briefly described the
nebula and the problems concerning its nature, and
presented a fairly detailed discussion of data on its
electron density and ionization.

In 1961, Pariiskii [2] and Hobbs [3] were the first
to note the difference between the nebula’s emission
in the optical and radio. They found that the center
of the radio emission was to the west of the nebula’s
optically bright region, and essentially coincided with
a “dark bay.” In the same year, M17 was observed at
the Astrophysical Institute of the Academy of Sci-
ences of Kazakhstan, and the nebula’s isophotes in
Hα were derived in units of erg cm−2 s−1 sr−1 [4].
These results (with an angular resolution of 35′′) were
compared to the radio isophotes derived by Hobbs [3]
(with an angular resolution of 6′), providing the first
photovisual-extinction data for 57 positions in the
nebula. The extinction varied from 1.5–3m in the neb-
ula’s optically bright region to 5–10m in its western
part. A similar study was carried out in 1968 in Japan
1063-7729/05/4901-0036$26.00
by Ishida and Kawajiri [5], also using the radio ob-
servations of Hobbs [3]; their extinction values varied
from 1m to 7m. In the same year, Dickel [6] published
a study in which she determined the extinctions for
four positions in the nebula (with an angular resolu-
tion of 2.5′).

Several papers have been dedicated to studies of
extinction in M17 since that time, but always with
angular resolutions no better than 2′.

In the current paper, we present Av values for
∼250 positions in the nebula, based on observations
with an angular resolution of ∼10–12′′ in both the
optical and radio. Our optical observations were in the
red, so we were able to derive I(Hα)/I([NII] λ6584)
ratios and thereby estimate the degree of ionization of
nitrogen.

2. OBSERVATIONS AND RESULTS

We observed M17 in the region of the Hα emis-
sion line in 1995–1997 using the 70 cm telescope
of the Fesenkov Astrophysical Institute (with a
diffraction spectrograph, UM-92 image tube, and
A-600 photographic film) and the 1.25 m telescope
of the Sternberg Astronomical Institute’s Crimean
Laboratory (with the A spectrograph and ST-6 and
ST-6I CCD arrays). The spectral range observed was
λλ6000–7000 Å. The main goal of these observations
was to determine the absolute intensities of the Hα
emission line (I(Hα)) in erg cm−2 s−1 sr−1. We used
a fixed section of the nebula Simeiz 57 [7] as a
c© 2005 Pleiades Publishing Inc.
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standard. Themean uncertainty in I(Hα) was∼15%.
A comparison of the resultant I(Hα) values with the
data of [5, 6] yields deviations that are no greater
than 20%. Note, however, that Ishida and Kawajiri
[5] and Dickel [6] used photographs of M17 taken
at λλ6300–6700 Å, and estimated the contributions
of the [NIII] and HeI lines and the very strong
continuum of M17 only roughly. In our reduction, we
scanned the Hα line along the spectrograph slit and
corrected for the continuum on both sides of the line,
thereby obtaining a “pure” I(Hα) value.

We obtained about 100 spectrograms for 25 sec-
tions of the nebula with the 70 cm telescope in this
way, with a mean dispersion of ∼70 Å/mm. Fig-
ure 1 shows the positions of the projection of the
spectrograph slit relative to the nebula’s stellar field.
The scale in arcseconds for the horizontal and ver-
tical axes is indicated. This schematic does not re-
produce the stars’ magnitudes correctly, but their
plotted positions are accurate to ∼2′′. The values of
I(Hα) in erg cm−2 s−1 sr−1 are plotted along the
vertical axis in Fig. 2, while the horizontal scale is
in arcseconds. When the slit was positioned along
the direction of right ascension or was tilted, the
readings increase from left to right (from east to
west). When the slit was positioned along the dec-
lination, the readings increase from bottom to top
(from south to north). The vertical bars in the figures
show the positions of stars through which each sec-
tion passed. Similarly, Fig. 3 shows the variations of
I(Hα)/I([NII] λ6584). The probable errors of these
values are ∼8–10%. For most sections, the varia-
tions of I(Hα) and I(Hα)/I[NII] relative to a star
projected onto the spectrograph slit are essentially
identical. However, deviations corresponding to dis-
tances of several tens of arcseconds are observed in
some sections, since the observations were acquired
on different nights, but with the same position of the
spectrograph slit.

With the 1.25 m telescope, we obtained about
30 spectrograms for nine sections in the west-
ern part of M17, whose Hα emission is weak. All
these data were used to determine the visual ex-
tinction, Av . The measured I(Hα) values can be
used to derive the emission measure, EM(Hα). The
electron temperature Te = 104 K corresponds to
EM(Hα) = 1.21 × 107I(Hα) pc cm−6 [8, 9]. Com-
paring EM(Hα) and the radio emission measure,
EM(R), we can determine the visual extinction, Av:
log[EM(R)/EM(Hα)] = 0.4A(Hα),Av = 1.33A(Hα).
We derived EM(R) using the observational results
derived from the VLA data of Felli et al. [10] (in
the 21 cm continuum with an angular resolution of
10.2′′ × 7.5′′).
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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Fig. 1. Schematic of the stellar field in M17 and the pro-
jections of the spectrograph slit during the observations
with the 70 cm telescope (see text).

We superposed the radio isophotes of [10, Fig. 1]
on a red photograph of M17 taken, at our request,
by A. Amirkhanyan with the 2.6 m telescope of
the Byurakan Astrophysical Observatory (Fig. 4).
The stellar coordinates for this purpose were taken
from [11]. The same figure shows the sections (spec-
trograph slit projections) and Av values (in magni-
tudes). Also plotted (larger-font numbers) are the Av
values of Glushkov et al. [12], based on the EM(Hα)
values of [4] and the EM(2 cm) values of Schraml
and Mezger [13] (angular resolution 2′). The cross
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Fig. 2. Absolute intensity of the Hα emission line (see text for details).
shows the position of the ultra-compact HII region
M17 UC1 [10].

3. DISCUSSION OF THE RESULTS

3.1. Analysis of the Extinction

When analyzing extinction values, it is desirable
to know the distance to the object so that it is pos-
sible to estimate the interstellar extinction between
the Earth and the nebula. The rough distance esti-
mates obtained prior to 1960 were from 1 to 3 kpc.
An analysis of star counts to 19m made in 1962
in three fields (in the nebula’s western part, outside
the nebula, and in the Kapteyn area SA134) yielded
a lower limit for the distance to M17 of 1200 pc
[4]. Nearly the same distance (1300 pc) was derived
in [14] from UBV observations of stars in M17. After
the UBVRI observations of Chini et al. [15], the
distance of 2.2 kpc was accepted for many years. In
ASTRONOMY REPORTS Vol. 49 No. 1 2005



VISUAL EXTINCTION TOWARDS THE OMEGA NEBULA (M17) 39
         

ASTR
500 100 150 200 250
Position along the slit, arcseconds

8

0

0

0

0

13

14

15

16

17

18

I(
H

α)
10

–
3  e

rg
/c

m
2  s

 s
r

6

4

2

0

1.5

1.0

0.5

1.5

1.0

0.5

4

3

2

1

2.5
2.0

1.5
1.0
0.5

3

2

1

500 100 150 200 250

12

0

0

0

0

19

20

21

22

23

24

10
8
6
4
2

10
0

8

6

4

2

0.3

0.2

0.1

1.0

0.5

1.0

0.5

3

2

1

Fig. 2. (Contd.)
1997, Hunson et al. [11] used their spectroscopic
and photometric data to conclude that the distance to
M17 was 1300 (+400, −200) pc. In 2001, the IR and
optical observations of massive stars in M17 carried
out by Nielbock et al. [16] yielded a distance to the
Omega Nebula of 1.6 ± 0.3 kpc. Thus, we can be
quite certain that the lower limit to the distance is
1200 pc and the upper limit 1800 pc. With the earlier
estimates in mind, the currently adopted distance to
M17 is∼1400 pc.
ONOMY REPORTS Vol. 49 No. 1 2005
It follows from the work of Sharov [17] that the
interstellar extinction within a 1◦ × 1◦ field around
M17 is 0.6m/kpc. A similar analysis of stellar ex-
tinctions within a ∼20′ radius around M17 yielded
the interstellar extinction ∼2m/kpc [4]; i.e.,Av varies
from 0.8m to 2m.

It follows from the data in Fig. 4 that the lowest
extinction toward M17 is 2–3m, and occurs along
a narrow strip at the southern end of the nebula’s
optically brightest part (EM(Hα) = (8.5–11.0) ×
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Fig. 3. I(Hα)/I([NII] λ6584) ratios (see text for details).
104 pc cm−6)), coincident with the southern end of
the radio emission’s northeastern arm (the N bar,
λ21 cm). This is a region of high observed ionization.
This feature is probably the inner edge of an ionization
front associated with the wind from hot O3–O6 stars
in the dark bay [1]; the extinction in the nebula itself
does not exceed 1m. The extinction increases in all
directions from this edge: reaching 4–4.5m to the
south and 5–6m to the north, where it coincides with
one of the eastern maxima of the molecular cloud [18].
The extinction increases sharply toward the western
edge of the nebula’s optically bright part: from 5–6m,
it rises to values of 7–8m, then 9–12m to the north
of the N bar of the radio emission. The extinction
throughout the western part of M17 is extremely
clumpy, and is lower by 2–3m at positions where the
nebula’s patches and filaments are visible through
the dark cloud. The highest extinction (13–14.5m)
is observed to the south of the ultra-compact HII
region (M17 UC 1). Lower extinction is observed
in the compact HII region associated with the star
LH7 [1], where its value is ∼6m, in contrast to the
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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value Av = 10–12m for this general region in the
nebula.

We compared our results to the data of Chini
et al. [15], who used UBVRI observations to esti-
mate Av for dozens of stars. Most of our estimates for
stars approximately coincide with the Av estimates
of [15], but there are several stars whose extinctions
are 2–3m higher than in the surrounding parts of the
nebula, in particular, stars 30, 87, 88, 89, 90, 95, 96,
97, 98, 100, 101. It is quite possible that these stars
possess dense circumstellar envelopes.
OMY REPORTS Vol. 49 No. 1 2005
3.2. Ionization of Nitrogen in M17
Burbidge et al. [19] were the first to use the

I(Hα)/I([NII]) ratio to determine the electron tem-
peratures (Te) in spiral and irregular galaxies. This
method is not very effective for estimating Te in diffuse
nebulas, since knowledge of elemental abundances
and ionization levels is needed.

Computations of I(Hα) and I([NII]) carried out in
1972 led to the formula:

f
I(Hα)

I([NII]λ6584)
= 0.106b3e

39 558
Te T−1

e

N(H)
N(N)

.
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Here, f = N(N+)/N(N) is the ratio of the number
of ions, N+, to the total number of nitrogen atoms;
N(H)/N(N) characterizes the chemical composition;
and b3 is a factor describing deviations from ther-
modynamic equilibrium. The results of computations
using this formula were tabulated for three chemical
compositions and a wide range of Te from 3000 to
20 000 K [8, 9].

A detailed analysis of the chemical composition
and electron temperatures ofM17 is presented in [20];
on average, Te = 9000 K, and the chemical composi-
tion is nearly solar, N(H)/N(N) ≈ 104. Under such
conditions, fI(Hα)/I([NII]λ6584) = 0.85.

We can now estimate f using the known ratios.
It follows from our analysis of Fig. 3 and from [1]
that these ratios vary strongly across the nebula:
from 3 at its periphery to 22 in its central regions.
Thus, the values of f vary from ∼0.3 to 0.04. In
the former case, most nitrogen is probably in the
N0 state, and in the latter, in the N++ state. The
ratio I(Hα)/I([NII]λ6584) = 16–20 over large areas
of the nebula’s eastern, optically brightest, part. In
the heavily obscured region in the western part of the
nebula, the ratio I(Hα)/I([NII]λ6584) = 10–16 only
among patches and filaments visible at more trans-
parent places in the dark cloud. The highest values
(18–20) are found in the small strip (∼20′′ × 30′′) at
the edge of the molecular cloud where the ionization
front is located [1]. These ratios for other regions in
the western part of the nebula are three to five.

The large observed variations of these ratios imply
that both the extinction and ionization in the nebula
are clumpy. This is especially clear from spectra taken
with the 6 m telescope of the Special Astrophysical
Observatory with an angular resolution of 3.6′′ [1];
these results remain mostly unpublished. The varia-
tions are definitely real; we found a close correlation
between the I(Hα)/I[NII] and I(HeI)/I[SII] ratios,
with the two ratios increasing together. The ratios are
sometimes observed to vary within a region 10′′ in
size.

A forthcoming paper will present an analysis of
spectra of the nebula acquired with the long-slit spec-
trograph of the 6 m telescope (Special Astrophys-
ical Observatory) with angular resolutions of 3.6′′
and 4.4′′.

4. CONCLUSION

We have presented a complete picture of the visual
extinction, Av, in the Omega Nebula. We estimated
Av in both the nebula’s eastern, optically bright part
and in its western part, which is obscured by a dense
absorbing cloud. Our quantitative estimates of the
ASTRONOMY REPORTS Vol. 49 No. 1 2005
ionization of nitrogen show that, like the extinction,
the ionization is extremely clumpy. This means that
the nebula consists of multiple dense knots and fila-
ments that are partially or fully ionized.
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Abstract—A catalog of water-vapor maser spectra at 1.35 cm for the source W31(2), which is associated
with an active star-forming region, is presented. The observations were carried out in 1981–2003 on the
22-m antenna of the Pushchino Radio Astronomy Observatory with a spectral resolution of 0.101 km/s.
The mean interval between observations was about 1.5 months. The total velocity range in which emission
was observed during the monitoring is from −14 to +14 km/s. The spectrum is strongly variable and
contains a large number of emission features. Two strong flares with an interval between their emission
maxima (integrated flux) of about 12 years (1985–1986 and 1998–1999) were observed, as well as fast
variations on a timescale of 0.5–2 years with amplitudes of up to 600 Jy km/s. No long-period component
of the variations was found. A drift of the velocity centroid has been detected; it is well approximated
by a third-power polynomial corresponding to a period of about 31–33 years. The two strong flares
fall on different phases of this curve: the first (1985–1986) is located near the minimum, while the
second (1998–1999) is at the maximum. The observed character of the variability of the emission is well
explained by the existing model for the region of G10.6−0.4. The drift of the velocity centroid is probably
associated with the nonstationary accretion of material onto an HII region formed by a cluster of OB stars.
c© 2005 Pleiades Publishing Inc.
1. INTRODUCTION

W31 is a composite giant complex of molecular
clouds located near the center of our Galaxy. This
region was discovered in the radio in the 1950s by
Westerhout [1] at a frequency of 1390 MHz. The later
5-GHz observations of Goss and Shaver [2] showed
that W31 consists of three isolated regions of radio
emission: G10.2−0.3, G10.3−0.1, and G10.6−0.4.
Emission in the H109α hydrogen radio recombina-
tion line at radial velocities of 13.9, 9.7, and 0.3 km/s,
respectively, was detected toward these three regions
[3], together with IR emission at 69 µm [4]. There
is good coincidence between the coordinates of the
sources. The distance to W31, ≈6 kpc, was deter-
mined by Caswell et al. [5] based on interferometric
observations in the 21-cm line.

The region G10.6−0.4, which is associated with
OH and H2O maser emission, is of particular interest.
As a source of H2O maser emission, it also bears
the name W31(2). The IR source no. 7 detected by
Wright et al. [4] is observed at the center of this
region.
1063-7729/05/4901-0044$26.00
The observations of Ho and Haschick [6, 7] in the
continuum at 2 and 6 cm and in the NH3 line at
1.3 cm, as well as the continuum observations of Ho
et al. [8] at 6 and 20 cm, revealed fine structure in
the emission. The region of ionized gas G10.6−0.4
includes eight components smaller than 0.15 pc in
size with masses from 0.3 to 1.08 M�. This multiple
structure of G10.6−0.4 is associated with the pres-
ence of a cluster of forming young OB stars. Anal-
ysis of the NH3, CS, and CO molecular line emis-
sions [9] shows that G10.6−0.4 harbors a warm and
dense molecular cloud with typical parameters Tk =
20–40 K, n(H2) > 104 cm−3, andM = 102–104M�.

Guilloteau et al. [10] found evidence in the H2CO
absorption line for strong fragmentation of the cloud
core, which is also rotating around the HII region.
The density in the core is 106 cm−3, and the mass of
each fragment is several solar masses.

Th HII region itself has a core and a halo, as was
suggested by the 22-GHz continuum maps of [11].
Ho and Haschick [7] and Keto et al. [12], who studied
the core of the G10.6−0.4 cloud in the NH3 absorp-
tion line in detail, inferred the probable collapse and
c© 2005 Pleiades Publishing Inc.
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accretion in the central part of the rotating cloud. The
radial velocities of the CS lines are coincident with
those for the hydrogen recombination lines [13, 14].
The map of the region obtained by Cesaroni et al. [15]
in the C34S line confirms the existence of a rotating
disk associated with an ultracompact HII region. In
addition, they showed that the gas in this region is
dense, ∼106 cm−3, its mass is ∼2000 M�, and the
size of the region is ∼0.3–0.5 pc. Later, based on
lines of C34S (the J = 5–4 transition) and CS (J =
10–9), the density of the gas in the ultracompact HII
regions was found to be still higher, ∼107 cm−3 [14].

A collapsing and rotating molecular core con-
taining a cluster of forming high-mass OB stars
within a region 5′′ in size has been adopted as a
model for the region [7]. The velocity gradient in the
core is ∼10 (km/s)/pc. The core is embedded in a
slowly rotating envelope with a velocity gradient of
∼1 (km/s)/pc. Features with a redshift of ∼5 km/s
relative to the velocity centroid of the rotating core
could be fragments collapsing toward the cluster of
OB stars.

Finally, the region G10.6−0.1 is associated with
maser sources. OH maser emission was discovered
by Turner [16] in 1970, and H2O maser emission by
Turner and Rubin [17] in 1971. The H2O maser is
located near the compact HII region [6], while the
OH maser is at the center of the region [11]. The
most precise positions of the water maser W31(2)
were measured by Genzel and Downes [18] and Fazio
et al. [19]. According to these data, the maser is
located in the immediate vicinity of the ultracompact
HII region.

In addition, another H2O maser source, W31(1),
has been detected [18]. This maser does not coincide
with any of the three most intense regions of radio
emission in W31, but does coincide with an IR source
in W31 [4]. The first studies of the time variability
of the H2O maser emission in W31(2) were carried
out by White and Macdonald [20]. However, their ob-
servations spanned only two years. We began regular
observations (monitoring) of W31(2) in the 1.35-cm
line in 1981 on the 22 m telescope in Pushchino.
Some results for 1981–1992 have been published by
Lekht et al. [21].

In the current paper, we consider the evolution
of the W31(2) H2O maser emission based on our
monitoring in 1981–2003.

2. OBSERVATIONS AND DATA

We obtained observations of the 1.35-cm H2O
maser emission toward the star-forming region
G10.6−0.4 and, in particular, W31(2) (α1950 =
18h07m30.3s, δ1950 = −19◦56′38′′) using the 22-m
ASTRONOMY REPORTS Vol. 49 No. 1 2005
radio telescope of the Pushchino Radio Astronomy
Observatory in 1981–2003, with a mean interval
between observations of about 1.5 months.

The receiving equipment has been upgraded sev-
eral times during the monitoring interval. Before
1993, a liquid-helium-cooled maser amplifier was
used. Beginning in September 1993, we have been
using a FET amplifier, which lowered the system
noise temperature from 200–300 to 150–200 K.
After the next upgrade in 2000, the system noise
temperature was reduced to 100–150 K. The signals
were analyzed first using a 96-channel spectrom-
eter, which was replaced by a 128-channel filter-
bank spectrometer with a resolution of 7.5 kHz
(0.101 km/s in radial velocity at 22 GHz) in 1997.

The antenna beamwidth at 22 GHz is 2.6′. Sym-
metrical beam switching was used to reduce the influ-
ence of the atmosphere. We mainly used the ON–ON
method. The antenna was pointed at the source first
using one feed and then the other, with a calibration
noise signal being injected for some time during the
first cycle. During strong flares of the H2O maser, we
used the ON–OFF method, with the antenna pointed
to a comparison point during the first cycle, while
a calibration noise generator was activated. For a
pointlike source of unpolarized emission, an antenna
temperature of 1 K corresponds to a flux density of
25 Jy. The observational technique and instrumenta-
tion are described in detail by Sorochenko et al. [22].

The reduction of the observations included estab-
lishing the radial-velocity scale of the spectrograms,
baseline subtraction, and correction for absorption
in the Earth’s atmosphere. Since the elevation of
W31(2) was 10–15◦ in our observations, correcting
the spectra for atmospheric absorption was impor-
tant. In the summer, the signal was occasionally re-
duced by as much as a factor of 1.8. The temperature,
pressure, and relative humidity were recorded during
the observations. The atmospheric attenuation was
calculated using the technique described by Zhevakin
and Naumov [23] and Tseı̆tlin [24].

The absorption-corrected spectra are presented in
Fig. 1.

The horizontal axis plots the radial velocity relative
to the Local Standard of Rest in km/s, with the same
scale for all spectra, while the vertical axis plots the
flux density in Jy. In view of the large range of flux
variations, the figures are not plotted using the same
vertical scale. The vertical arrows show the scales in
Jy. The horizontal lines trace the zero levels of each
spectrum.

Figure 2 shows the variations of the integrated flux
on two different scales together with variations of the
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Fig. 1. H2O maser spectra for W31(2) obtained in 1981–2003. The vertical arrows show the scales in Jy. The radial velocity
along the horizontal axis is relative to the Local Standard of Rest.
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velocity centroid (weighted-average radial velocity),
which was calculated as

Vc =
∑
FiVi∑
Fi

. (1)
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We also computed these parameters for spectra
obtained on other radio telescopes prior to our mon-
itoring, i.e., before 1981. The cross denotes a point
taken from the catalog of Comoretto et al. [26]. The
dashed and dotted lines in the middle panel show
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the corridor corresponding to the integrated-flux vari-
ations, excluding the two powerful flares of 1985–
1986 and 1998–1999. The upper (dashed) line is
600 Jy km/s above the lower line.

The dashed curve in the bottom panel is a smooth
curve obtained by fitting a third-power polynomial.
However, this curve does not describe the centroid
variations for 1992–2003 well. Therefore, the dash-
and-dot line shows a more complex curve, which
reflects faster centroid variations than the smooth
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curve. The figures at the ends of this curve denote the
radial-velocity intervals and velocities of individual
features whose emission resulted in variations of the
centroid relative to the smooth curve.

In addition, we present another curve for the ve-
ASTRONOMY REPORTS Vol. 49 No. 1 2005
locity centroid after 2002 (dotted), which takes into
account weak emission at velocities 8.7–11.5 km/s.
The upper envelope of the radial velocity for the main
curve did not exceed 8.7 km/s. The thin horizontal
line shows the mean level of the centroid variations,
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equal to −0.8 km/s. The positions of the radio recom-
bination and molecular lines are shown to the left.

3. DISCUSSION
In contrast to most masers in star-forming re-

gions, the W31(2) H2O maser could be associated
with an HII region containing a cluster of forming OB
stars. The region G10.6−0.4 has been well studied
in the continuum, in many molecular and radio re-
combination lines, and in the IR. VLA observations
of the hydroxyl maser at 1.6 GHz have also been per-
formed [11]. The OH masers are concentrated more in
the halo of the ultracompact HII region than toward
its core. Unfortunately, similar water-maser observa-
tions are lacking, preventing us from localizing the
W31(2) H2O maser spots relative to the ultracompact
region G10.6−0.4. For this reason, we attach large
importance to the analysis of the variability of the
H2O emission as a whole; i.e., of the integrated flux
and velocity centroid (Fig. 2).
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3.1. Integrated Flux

The most important events in W31(2) were two
powerful flares whose maxima were separated by
12 years: one in 1985–1986 and the other in 1998–
1999. The velocity intervals of the flare emission were
ASTRONOMY REPORTS Vol. 49 No. 1 2005
−5 to 2.5 and −2 to 5 km/s, respectively. The differ-
ence in the interval widths was only 0.5 km/s, where-
as the shift of the interval center reached 2.75 km/s,
toward higher radial velocities. The more powerful
flare was in 1985–1986, and was preceded by a very
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deep minimum (in 1984), when the integrated flux fell
to 250 Jy km/s. For the maser W31(2), at a distance
of 6 kpc, even this is a fairly high level of activity.
Another important result is the presence of a cor-
ridor with a width of 600 Jy km/s enclosing fast vari-
ations of the emission on a timescale of 0.5–2 years.
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Note also that we do not trace any pronounced
component of long-period variability in W31(2), such
as has been observed in a number of H2O masers
associated with star-forming regions. There is the
12-year interval been the flares, but this is associated
ASTRONOMY REPORTS Vol. 49 No. 1 2005
only with very powerful flares. If we eliminate these,
no other variability components are discernible other
than brief flares.

The above results require a somewhat different ap-
proach to their interpretation. We note again that the
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position of the H2O maser from single-dish observa-
tions differs slightly from the position of the ultracom-
pact HII region. No other HII region has been found
at the position of the H2O maser itself. The OH maser
is certainly associated with the HII region. There are
reasons to believe that the water maser emission is
also associated with this HII region, which contains
a cluster of OB stars. This suggests a structure in
which the H2O maser pumping is provided by several
protostars.

This structure of the region may have resulted in
blurring of any long-period maser variations occur-
ring for each protostar separately. The flare compo-
nents of the luminosity variations of individual pro-
tostars are added together, so that we observed con-
tinuous short flares of maser emission within the
600-Jy km/s corridor.

3.2. Velocity Centroid

The drift of the velocity centroid followed a com-
plex curve between −3 and 2 km/s. When the data
prior to our monitoring are included, the drift curve
for 1972–2003 is well approximated by a third-
power polynomial. The drift period can be estimated
as ∼31–33 years. The total peak-to-peak drift for
the smooth curve is 2.2 km/s, and the amplitude is
1.1 km/s relative to the mean value of −0.8 km/s.
The two powerful flares fall at different phases of the
curve: the first is close to its minimum, and the second
is at the maximum (Fig. 2c).

Comparison of the mean velocity centroid (V0 =
−0.8 km/s) with the velocities of radio recombination
lines of hydrogen and helium shows that these all fall
in a narrow interval, from −1.1 to 0.3 km/s, which
also includes V0. This coincidence in velocity may
provide an additional argument favoring the associ-
ation of the H2O maser with the HII region. The
deviation of the centroid from the smooth curve in
1993–2003 (higher modes) was due to the succes-
sive appearance of emission at negative and positive
velocities. These were essentially short-lived features.
The radial velocities of these emission features and
the velocity intervals for the appearances of several
features are indicated in Fig. 2c.

3.3. Model of the W31(2) Water Maser

Variability of the velocity centroid is not neces-
sarily correlated with the total flux. The total-flux
variations are usually due to changes in the pumping
level, while regular variations of the velocity centroid
may reflect the geometry of the source.
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In 1994, Lekht et al. [21] carried out a statis-
tical analysis of an ensemble of individual compo-
nents based on monitoring of W31(2) during 1981–
1993. The histogram of the radial-velocity distribu-
tion for W31(2) differs strongly from those for other
sources, which are usually well described by models
with an expanding and rotating envelope. Such enve-
lope (torus) models were considered earlier by Genzel
et al. [27].

A precessing-disk model is not suitable for several
reasons. First, the H2O maser is associated with the
region G10.6−0.4, whose structure differs from that
for a precessing-disk model. Second, the amplitude
of the velocity variations is small, only 1.1 km/s, while
the model requires amplitudes an order of magnitude
greater.

In addition, there are problems with interpreting
the complex radial-velocity drifts of individual com-
ponents in W31(2). For instance, the behavior of the
feature at −1.5 km/s, associated with the strongest
flare, was quite interesting. After the maximum in
September 1986 (5750 Jy), this emission feature be-
gan to split rapidly into two, and the separation be-
tween the components reached 2 km/s in March
1987, with the second component drifting toward
negative velocities. The rate of the velocity variations
was unusually high. The other feature drifted toward
the right, with its velocity changing from −4.7 to
−2.5 km/s from February 1988 to June 1989.

The easiest way to explain the observed variability
of individual emission features and the 32-year cycle
for the variability of the velocity centroid is if these
phenomena are associated with the nonstationary ac-
cretion of material onto the HII region. By analogy
with the OH maser, we can suppose that the H2O
maser spots are located in the halo of the HII region.
The possibility that they are associated with frag-
ments of the cloud core that are collapsing toward the
cluster of OB stars [7] can also not be ruled out.

A detailed analysis of the two powerful flares and
the variability of the emission, and especially the ra-
dial velocities, of individual spectral components will
be given in forthcoming publications. This is impor-
tant for the development of the model of the H2O
maser and its connection with the accretion of ma-
terial onto the HII region.

4. CONCLUSIONS

Let us summarize the main results obtained from
our 23-year monitoring of the W31(2) maser source,
which is associated with a region of active star forma-
tion.

(1) We have presented a catalog of H2O maser
spectra for W31(2), which is associated with the
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region G10.6−0.4. The monitoring was carried out
on the 22-m radio telescope of the Pushchino Radio
Astronomy Observatory in 1981–2003 with a mean
interval between observations of about 1.5 months.
The spectral resolution was 0.101 km/s. All the spec-
tra were corrected for absorption in the Earth’s atmo-
sphere. The spectra contain a large number of emis-
sion features. Emission was detected in our monitor-
ing from −14 to +14 km/s.

(2) Two powerful flares whose maxima are sepa-
rated by 12 years (1985–1986 and 1998–1999) were
observed. The rest of the time, the variability of the
integrated flux displayed an essentially flaring char-
acter, with the amplitudes remaining within a corridor
spanning a range of about 600 Jy km/s.

(3) Including observations obtained prior to our
monitoring (i.e., considering the interval 1972–
2003), the overall drift in the velocity centroid can
be approximated by a third-power polynomial that
corresponds to a period of 31–33 years. Deviations
of the centroid from the smooth curve in 1993–2003
were due to the appearance of emission from groups
of features or individual features.

(4) The observed phenomena are explained well
by the existing model for the G10.6−0.4 region. The
character of the centroid drift may be a consequence
of nonstationary accretion, whose cyclic variations
have a timescale of ∼31–33 years.
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Abstract—Multi-frequency (5, 8, 15 GHz) total intensity and polarization VLBA images of three sources
from a complete sample of BL Lac objects (0745+241, 1418+546, and 1652+398) are presented together
with global VLBI images of the quasar 1055+018 at 1.6 and 5 GHz. These images show signs of a spiral
magnetic field in the central channel of the jet, as well as a region of longitudinal magnetic field in “sheaths”
at the jet edges, which may indicate an interaction between the jet and the surrounding medium on spatial
scales of several parsecs. c© 2005 Pleiades Publishing Inc.
1. INTRODUCTION

BL Lacertae objects are members of an extreme
class of active galactic nuclei characterized by a num-
ber of peculiar properties: weak (sometimes unde-
tectable) emission lines, rapid and strong variability
in all parts of the electromagnetic spectrum, a high
degree of linear polarization, and compact radio and
pointlike optical structures.

The objects we consider here are members of a
complete sample of radio-bright BL Lac objects of
the northern sky compiled by Kühr and Schmidt [1] in
1990. The name “complete sample” indicates that we
are dealing with a set of sources with homogeneous
properties determined via a statistically well defined
and fully identified survey. The selection criteria de-
scribed in [1] are satisfied by 34 sources, which make
up the sample of BL Lac objects. Kühr and Schmidt
[1] state that the completeness of the sample with
regard to the limiting flux density of the survey and
the selection criteria adopted is no less than 95%.

Several sources in the sample display polarization
structures suggesting the presence of sheaths with
longitudinal magnetic fields that form around the jets
at some distance from the core (of the order of several
parsecs projected onto the plane of the sky). This may
indicate that the jet is interacting with a surrounding
medium. Here, we present results for three BL Lac
objects from the complete sample as the best ex-
amples of this behavior (0745+241, 1418+546, and
1652+398), together with new results for the quasar
1055+018.
1063-7729/05/4901-0005$26.00
2. OBSERVATIONS

Multi-frequency polarization observations of 24 of
the 34 sources in the complete sample of radio-bright
BL Lac objects [1] were carried out in February 1997
(1997.11) using the ten 25-m antennas of the NRAO
Very Long Baseline Array: St. Croix, Hancock, North
Liberty, Fort Davis, Los Alamos, Pie Town, Kitt Peak,
Owens Valley, Brewster, and Mauna Kea. The ob-
servations were carried out simultaneously at 5, 8,
and 15 GHz in two neighboring frequency channels
covering a total bandwidth of 32 MHz. Both right-
circular and left-circular polarization were recorded
at each of the antennas. The data were correlated
at the VLBA correlator in Socorro, New Mexico.
The data were reduced in the NRAO AIPS package
using standard procedures. The amplitude calibration
was performed using system temperatures and gain
curves measured at each antenna. After the prelimi-
nary calibration, the AIPS tasks CALIB and IMAGR
were used iteratively to construct the images.

The strong source 3C 84, which is essentially
unpolarized at these frequencies, was used to deter-
mine the instrumental polarizations of each of the
antennas at each of the three frequencies. The ab-
solute orientation of the polarization angles was cali-
brated using our VLBA observations of the compact,
strongly polarized source 1823+568 together with
measurements of its integrated polarization obtained
on the Very Large Array one day after the end of the
VLBA observations. The polarization-angle calibra-
tion assumed that a large fraction of the integrated
polarization arises on VLBI scales, so that the total
VLBA and VLA polarization angles should coincide.
c© 2005 Pleiades Publishing Inc.
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Fig. 1. Coverage of the uv plane for the VLBA observa-
tions of 1652+398 at 5 GHz. The horizontal and vertical
axes are in units of millions of wavelengths.

The final uncertainty in the polarization angles was
2◦−3◦ at all frequencies.

Observations of the quasar 1055+018 were ob-
tained in May 1999 (1999.36) at 5 GHz using the
VLBA and the 100 m Effelsberg antenna and at
1.6 GHz using the VLBA, the 100 m Effelsberg an-
tenna, and the 70 m Robledo and Goldstone anten-
nas. The observations were carried out in two neigh-
boring frequency channels with a total bandwidth
of 32 MHz, recording both right-circular and left-
circular polarization. The data were correlated at the
VLBA correlator in Socorro, New Mexico, and the
data were calibrated and imaged in the NRAO AIPS
package. The amplitude calibration was performed
using system temperatures and gain curves measured
at each antenna. The alignment of the phases for
the two frequency channels was performed by solving
for the offsets using a two-minute observation of a
strong calibrator with the task FRING and applying
the results to the entire set of observations (so-called
manual phase calibration). After the preliminary cal-
ibration, the AIPS tasks CALIB and IMAGR were
used iteratively to construct the images. The amounts
of data for the Robledo and Goldstone antennas were
relatively small and their quality relatively poor, and
we obtained the best final images without using the
data for these two antennas.

The coverages of the uv plane for the 5 GHz ob-
servations of 1652+398 and 1055+018 are shown in
Figs. 1 and 2, respectively.
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Fig. 2. Same as Fig. 1 for 1055+018.

3. RESULTS

The VLBI images presented show contours of
total intensity with superimposed linear-polarization
vectors. The synthesized beam is shown in the lower
left-hand corner of each image. The orientation of
the magnetic field is perpendicular to the observed
polarization electric vectors if the region emitting the
detected synchrotron radiation is optically thin. The
observed polarization vectors have been corrected for
the known integrated Faraday rotations of these ob-
jects [2]. The results for each source are presented and
discussed below.
We adopt throughout a Hubble constant of H0 =

70h km s−1 Mpc−1 and a deceleration parameter of
q0 = 0.5.

3.1. 0745+241
This source has weak [O II] λ 3727 and [OIII]

λλ 4959, 5007 lines at a redshift of z = 0.409 [3].
In previously published VLBI polarization images at
5 GHz [4], the orientation of the magnetic field in
the inner jet (close to the core) relative to the jet
was unclear, while the magnetic field in the outer
jet was longitudinal. Our multi-frequency VLBA ob-
servations have enabled us to trace the character of
the magnetic field in more detail. The 15 GHz image
(Fig. 3, upper panel) shows that the magnetic field in
the inner jet is perpendicular to the local jet direction,
while the 8- and 5-GHz images (Fig. 3, lower pan-
els) demonstrate that the polarization detected in the
outer jet is oriented perpendicular to the jet. Note that
the polarization in the outer jet is offset toward the
north of the central channel of the jet in total intensity.
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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Fig. 3. VLBA images of 0745+241 at 15 GHz (upper), 8 GHz (lower left), and 5 GHz (lower right). The peak flux densities
are 378, 354, and 370 mJy/beam, and the lowest contours shown are at 0.35, 0.175, and 0.25% of the peak flux densities. The
contour levels increase in steps of a factor of two. The observed polarization electric vectors are superposed, with the length
of the vectors being proportional to the polarized flux at the corresponding point. The horizontal and vertical scales are in
milliarcseconds.
3.2. 1055+018

The quasar 1055+018 (z = 0.889) is a strongly
variable, flat-spectrum blazar [5]. The radio spectrum
ASTRONOMY REPORTS Vol. 49 No. 1 2005
peakd at a frequency of ∼15 GHz [6] and remains flat
to meter wavelengths.
Monitoring of this source shows that flares occur

every one to two years, decaying over roughly 0.9 yrs
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Fig. 4. VLBI images of 1055+018 at 5 GHz (left) and 1.6 GHz (right). The peak flux densities are 999 and 1220 mJy/beam,
and the lowest contours shown are at 0.20% of the peak flux densities. The contour levels increase in steps of a factor of two.
The observed polarization electric vectors are superposed, with the length of the vectors being proportional to the polarized flux
at the corresponding point. The horizontal and vertical scales are in milliarcseconds.
[7]. The low-frequency variability of this object led
to observations with European and global VLBI ar-
rays at 1.6 GHz, 608 MHz, and 327 MHz [8–12].
Variations of the 80 and 160 MHz flux density by
factors of two to three were reported in 1984 [13];
this was the only source for which such large vari-
ations had been observed. Scintillation observations
on the Large Phased Array of the Pushchino Radio
Astronomy Observatory at 102 MHz showed that
the scintillating component, which was 0.1′′ in size,
contained only 20% of the total flux, making it difficult
to understand the origin of the strong variability [14].
The optical spectrum of the source is not entirely

typical for a quasar. The equivalent widths of the opti-
cal lines are 5−12 Å [15], suggesting that 1055+018
may be intermediate between a quasar and a BL Lac
object.
The source displays a triple FRII structure on

kiloparsec scales, with a strong core and two lobes
to the north and south of the core; the overall angular
size of the structure is 30′′ [16]. The 15 GHz VLBI
image [17] shows that the milliarcsecond (mas) jet
initially emerges in position angle −47◦, then adopts
a position angle of −77◦ about 3 mas from the core.
The previously published polarization VLBA image
at 6 GHz [18] displayed strong polarization in the
core and individual jet components, as well as at the
edges of the jet, suggesting that there might be a
strong interaction between the jet and surrounding
regions of gas. At 43 GHz, the VLBI structure of
1055+018 has a length of 2mas with significantly po-
larized components [19]. All these data testified to the
presence of activity near the core and demonstrated
the need for further studies of this quasar.
Our 5-GHz image (Fig. 4, left) shows that the
total-intensity and polarization structure of the quasar
had changed appreciably since the observations of
Attridge et al. [18]. The core is weakly polarized,
while the jet components C3, C2, and C1 at distances
of 2, 5, and 9 mas from the core are more strongly
polarized. The sheath of polarized emission is clearly
visible. The flux density of the core decreased from
1.59 Jy at the beginning of 1997 [18] to 1.06 Jy at our
observing epoch. Component C3 brightened, while
C1 is observed at the same location and with roughly
the same brightness. The total flux density of the
source in the 5-GHz VLBI image is 2.22 Jy.

The total flux density in the 1.6 GHz image is
2.60 Jy (Fig. 4, right). The jet can be traced to about
30 mas from the core. The direction of the jet changes
with distance from the VLBI core, emerging to the
northwest near the core, continuing toward the west
at distances from 5–15 mas, and then turning toward
the north. The polarized emission at 1.6 GHz at a
distance of more than 10 mas has components to
the north and south of the main channel of the jet.
Thus, the sheath of longitudinal magnetic field is also
detected at 1.6 GHz.

3.3. 1418+546

The host galaxy of this object was initially classi-
fied as an elliptical based on optical observations [20],
but later observations provided evidence that it may
be a spiral galaxy [21]. The redshift, z = 0.152, was
obtained from the [O II] λ 3727 and [O III] λλ 4959,
5007 lines [3].
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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Fig. 5. VLBA images of 1418+546 at 15 GHz (upper left), 8 GHz (upper right), and 5 GHz (lower). The peak flux densities
are 565, 583, and 586 mJy/beam, and the lowest contours shown are at 0.35, 0.175, and 0.125% of the peak flux densities.
The contour levels increase in steps of a factor of two. The observed polarization electric vectors are superposed, with the
length of the vectors being proportional to the polarized flux at the corresponding point. The horizontal and vertical scales are
in milliarcseconds.
Our VLBA images of this object (Fig. 5) show
a jet extending to the southeast in position angle
∼125◦. At 5 GHz, the jet reaches a length of 25 mas,
corresponding to a distance of 61 pc projected onto
the plane of the sky. At 15 and 8 GHz (Fig. 5, up-
per panels), polarization is detected only in the core
and innermost jet. A richer polarization structure is
observed in our 5 GHz image (Fig. 5, lower panel),
which displays polarization in both the core region
ASTRONOMY REPORTS Vol. 49 No. 1 2005
and in the outer, optically thin jet. Like in 0745+241,

this polarized emission is offset from themain jet ridge
line and the magnetic field in this region is longitu-
dinal. One natural interpretation of this structure is

that the jet interacts with the surrounding medium,

forming a sheath of longitudinal magnetic field around

the VLBI jet.
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Fig. 6. VLBA images of 1652+398 at 15 GHz (upper left), 8 GHz (upper right), and 5 GHz (lower). The peak flux densities
are 361, 440, and 519 mJy/beam, and the lowest contours shown are at 0.35, 0.175, and 0.175% of the peak flux densities.
The contour levels increase in steps of a factor of two. The observed polarization electric vectors are superposed, with the
length of the vectors being proportional to the polarized flux at the corresponding point. The horizontal and vertical scales are
in milliarcseconds.
3.4. 1652+398

This is the most nearby BL Lac object in the
sample of Kühr and Schmidt [1], with a redshift of
z = 0.033 [22]. It is often referred to as Mrk501, and
is one of a small number of sources detectable at TeV
energies [23].
Our VLBA image of 1652+398 at 5 GHz (Fig. 6,

lower panel) shows the very rich total-intensity
structure of the source. The jet propagates roughly
25 mas (∼14 pc) toward the southeast in position
angle ∼120◦, then turns sharply to the northeast,
expanding and becoming diffuse.

Our images display a very interesting polarization
structure. The image with highest resolution (Fig. 6,
upper left) shows that the magnetic field in the inner
jet is perpendicular to the jet. In all three maps (at 15,
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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8, and 5GHz), we observe a “layered” structure in the
polarized emission about 7 mas from the core, with
a transverse magnetic field in the central channel of
the jet and a longitudinal magnetic field at the edges.
The degree of polarization rises sharply toward the jet
edges (Fig. 7), indicating a high degree of order for
the magnetic field in these regions. This polarization
structure suggests the action of shear, as is described
in models with a decelerating jet [24]: the plasma in
the jet channel moves with relativistic speed, while the
material at the edges is slowed due to its interaction
with the surrounding medium, which also stretches
the magnetic field along the direction of motion of the
jet, forming a sheath of longitudinal field. 1652+398
is, to our knowledge, the only example of a source in
which a full sheath (i.e., on both sides of the jet) is
observed. The transverse magnetic field in the central
channel of the jet is mostly likely associated with the
toroidal component of the field of the jet itself.

4. CONCLUSION

We have found a number of sources from a com-
plete sample of radio-bright BL Lac objects display-
ing channel + sheath structures, with a transverse
magnetic field along the central spine of the jet sur-
rounded by a sheath with a longitudinal magnetic
field. Similar sheathlike structures were first observed
in 1055+018 [18] and 0820+225 [25].
These sheaths usually appear at some distance

from the core, often in the outer VLBI jet. The pos-
sible interpretation of these structures as being con-
sequences of an interaction between the jets and their
surrounding medium raises a number of questions.
For example, why do we usually observe polarized
emission associated with the sheath only on one side
of the jet? One possibility is that the sheaths do not
always fully surround the jet: they may form only in
those regions of the jet where the interaction with
ASTRONOMY REPORTS Vol. 49 No. 1 2005
the surrounding medium is strongest [18]. Another
possibility is that we detect only those parts of the
sheath oriented closest to the line of sight. It is likely
that both these effects play some role in forming the
observed structures.
We believe that the transverse magnetic field ob-

served in the central channels of the jets represents
the dominant toroidal component of a helical field
associated with the jet. Many theoretical models con-
cerned with the formation and launching of the jets
predict that the jets should have a tightly wound
helical magnetic field, which develops from a seed field
penetrating the accretion disk [26, 27]. The presence
of a dominant toroidal field component can explain
in a natural way the fact that the jet magnetic fields
sometimes remain transverse to the local jet direction
even in the presence of appreciably bending of the jet
[28, 29].
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Abstract—We consider disk accretion resulting purely from the loss of angular momentum due to the
outflow of plasma from a magnetized disk. In this limiting case, the dissipation due to the viscosity
and finite electrical conductivity of the plasma can be neglected. We have obtained self-consistent,
self-similar solutions for dissipationless disk accretion. Such accretion may result in the formation of
objects whose bolometric luminosities are lower than the flux of kinetic energy in the ejected material.
c© 2005 Pleiades Publishing Inc.
1. INTRODUCTION
Disk-accretion mechanisms can provide clues

about a number of processes occurring when matter
is accreted onto a gravitating center. It is thus no
wonder that such mechanisms have been intensely
studied for more than 30 years. The detection of
directed ejections from both the cores of active
galaxies [1] and Galactic and intergalactic sources,
such as SS433 [2], young stellar objects [3], and
Galactic superluminal sources [4], has revealed an
unambiguous connection between jets and accretion
disks. The presence of a directed ejection in a source
is essentially always associated with evidence for the
presence of an accretion disk [3]. One exception is the
jetlike structures in plerions [5], whose nature is ob-
viously different [6]. Thus, the collected observational
data indicate that disk accretion is frequently (or
even always) accompanied by the narrowly collimated
ejection of a substantial fraction of the accreted
matter from the source.

This picture gives rise to a number of problems.
What is the mechanism that leads to some frac-
tion of the matter falling onto the gravitating center
being ejected from the source? How is this matter
collimated? What makes the collimated ejection sta-
ble enough to propagate to great distances from the
source? What accelerates the charged particles that
generate the observed radiation in the jets? This list
of questions is far from complete. Here, we consider
just one of them: what mechanism ejects some of the
matter falling onto a gravitating center in the course
of disk accretion?

To fall onto a gravitating center, matter with non-
zero angular momentum must somehow lose angular
momentum. This angular momentum must be car-
ried away by matter, so that disk accretion should
inevitably be accompanied by an outflow of matter;
the only problem is to determine its rate and direction.
1063-7729/05/4901-0057$26.00
In the classical theory of α accretion disks [7],
angular momentum of the accreted matter is lost
via viscous, hydrodynamical, turbulent stresses. The
classical theory does not include a magnetic field. In
[8], however, the magnetic field was used to provide
high viscosity. This study also considered the possi-
bility of a matter outflow along the axis of rotation of
the accretion disk in a hypercritical regime, when the
radiation pressure exceeds the gravitation. A quanti-
tative theory of such an outflow is given in [9], which
shows that the outflow already begins in a state with
subcritical luminosity. This ejection mechanism may
be important in some sources with hyper-Eddington
luminosities; however, it is clear that, in many cases
(e.g., in young stellar objects), the ejection is driven
by another factor, since the radiation pressure in these
objects is too small to support this mechanism. Even
in SS433, the ejection energy cannot be provided
purely by radiation pressure [10].

In standard disk-accretion theory, angular mo-
mentum is lost via viscous stresses due to the dif-
ferential rotation of the disk. Radiation-efficient disks
are geometrically thin, with a local temperature that
is substantially lower than the virial temperature. It
is very difficult to provide an appreciable outflow from
the disk under these conditions, since the disk matter
is in a very deep potential well. Recently, accretion
in radiatively inefficient disks (ADAFs) for which the
ion temperature is close to the virial temperature have
been widely discussed [13, 14]. Generally speaking,
the matter in such disks can flow out vigorously,
with the subsequent formation of a jet. However, the
existence of ADAF disks is in doubt [15]. Therefore,
it remains important to search for alternative mech-
anisms for the ejection of accreted matter. Ejections
due to the presence of a magnetic field in the disks are
of particular interest.
c© 2005 Pleiades Publishing Inc.
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(a) (b)

Fig. 1. Role of the magnetic field in different formulations of the problem. Left: plasma diffuses across the magnetic-field lines.
Right: plasma falls onto the gravitating center along the magnetic field. The wind flowing from the disk extends some field lines
to infinity and carries away some fraction of the angular momentum of the infalling material.
Blandford and Payne [16] have suggested one of
the most promising mechanisms for jet outflows.
Matter moves in the disk with close to Keplerian
velocities. If a magnetic field penetrates the disk, the
matter is blown off the disk by centrifugal forces if
the inclination of the magnetic-field lines to the disk
is smaller than 60◦. This mechanism is particularly
easy to understand if we imagine the motion of the
plasma along a magnetic line to be like that of a
bead on a rotating wire. The bead moves in the disk
along a circular Keplerian orbit, with the sum of all
the forces being zero. If a field line is inclined to the
equator at an angle smaller than 60◦, any shift of the
bead along the magnetic-field line will result in an
increase in the centrifugal force and a decrease in
the gravitation force. In this case, the position of the
bead on the disk is unstable. In addition to forming
an ejection, this mechanism can explain the loss of
angular momentum, which is carried away from the
disk by the wind.

The influence of the matter outflow on the dynam-
ics of the accretion disks themselves was considered
in [17–19] in the context of young stellar objects.
It was shown that the loss of angular momentum
due to the wind from the disk can be more efficient
than losses due to turbulent viscosity. This raises the
issue that disk accretion onto a gravitating center
should take into account the fact that some of the
angular momentum is carried away by the disk wind.
Ferreira [21, 22] attempted to solve this problem.
His formulation is similar to that used previously by
Bisnovatyi–Kogan and Ruzmaikin [20] in one of their
pioneering studies on the theory of disk accretion in a
magnetized plasma. It is assumed that the interstellar
plasma is the source of an almost uniform magnetic
field. In this case, in order for matter to fall onto
the gravitating center, not only must angular mo-
mentum be lost, but matter must also diffuse across
the magnetic field. In addition to a high turbulent
viscosity, this requires a low electrical conductivity
of the plasma, which must be associated with a high
level of turbulence. In other words, dissipation plays a
key role in this case.

We will use another formulation of the problem.
Figure 1a presents the difference between our formu-
lation and that used by Ferreira et al. [21, 22] (left).
Interstellar matter with some initial angular momen-
tum and a relatively uniformmagnetic field is accreted
onto a gravitating center. The accreted matter diffuses
across the field lines, while the forming wind flows
out along magnetic lines stretched from interstellar
matter.

Figure 1b (right) presents another situation. Mat-
ter is accreted onto the compact object along with
the frozen-in magnetic field, forming the accretion
disk. During the accretion, magnetic lines emerge
from the accretion disk and are stretched. A spe-
cific mechanism for this stretching of magnetic lines
from the disk was proposed and studied numerically
in [23]. It results in the formation of a corona and,
accordingly, a magnetized disk wind. In this case,
the accretion disk itself is a source of the magnetic
field of the outflowing wind, just as the Sun is the
source of the magnetic field in the solar wind. Note
that precisely such a formulation of the problem was
used in the study [16] of the centrifugal mechanism
for the outflow of matter from an accretion disk.

Here, we study not only the outflow itself, as was
done in [16], but also the influence of the plasma out-
flow from an accretion disk on the accretion. This is
not only important for the physics of accretion disks,
but is also directly applicable to the interpretation
ASTRONOMY REPORTS Vol. 49 No. 1 2005



DISSIPATIONLESS DISK ACCRETION 59

 

R

 

0

 

r

 

a

 

R

 

a

 

A

Fig. 2. Loss of angular momentum via a magnetized wind. The gravitating center is at the point A.
of the available observational data. Observations of
Galactic superluminal sources [4, 24] are of particular
interest, since they provide conclusive evidence that
plasma ejections substantially affect the accretion
process.

2. FORMULATION OF THE PROBLEM

In general, viscous stresses in accretion disks
are undoubtedly important for angular-momentum
transport. Here, we primarily consider the influence
of the wind on the accretion dynamics. Therefore,
we will consider the limiting case when all of the
angular momentum is carried away from the disk by
the wind with no dissipation. The possibility of such
dissipationless accretion can easily be understood
based on the following simple consideration. Let
one of the components of a binary rotate around
a fixed gravitating center (Fig. 2). In the absence
of dissipation and wind, this rotation will continue
indefinitely.

Let us now suppose that a magnetized wind flows
from the rotating object, and that the Alfven radius
is Ra. We will assume that the wind is spherically
symmetrical and its velocity is v0. For simplicity, we
will use here the mechanical analogy of beads moving
along wires for the motion of the plasma in a strong
magnetic field. This kind of motion occurs up to the
Alfven radius, beyond which the plasma moves es-
sentially freely. We assume that there is no intrinsic
rotation of the object, so that its angular momentum
is Mlz , where M is the mass of the object, and lz =
ΩR2

0 is the specific angular momentum due to its
orbital motion.

We denote L to be the total angular momentum
contained in a sphere with radiusRa with its center at
the point R0(t) at time t. At time t+ δt, the angular
momentum contained in this sphere (with its center
ASTRONOMY REPORTS Vol. 49 No. 1 2005
at R0(t)), will differ from L. The equation for the
variation of the angular momentum has the form

dL

dt
= −

∮
ρ[rav]zvndS. (1)

Here, ρ is the density of the plasma, vn is the velocity
normal to the integration surface, the integration is
carried out over the Alfven surface, and the z axis
is directed along the angular-momentum vector. We
can see from Fig. 2 that ra = R0 + Ra, the velocity
of the plasma is v = v0n + [Ωra], where n = Ra/Ra
is the unit vector in the direction Ra, and Ω is the
angular-velocity vector for the rotation about the fixed
center. After integrating over the directions of the
vector n, we obtain

dL

dt
= −2

3
ṀΩ(2R2

0 +R2
a). (2)

To interpret this result, note that L̇M = −ṀΩR2
0

is the variation of the angular momentum due to the
decrease of the mass of the rotating object. It can
be shown that the rate of variation of the angular
momentum of the wind is L̇V = −ṀΩR2

0/3. This can
be determined as the difference between the angular
momenta LV (t+ δt) and LV (t) of the wind particles
in a sphere of radius Ra with its center at the fixed
point R0(t). The sum L̇M + L̇V yields the first term
in (2). Therefore, the second term describes the rate
of variation of the specific angular momentum asso-
ciated with the orbital motion:

dlz
dt

= −2
3
Ṁ

M
ΩR2

a. (3)

Thus, the outflowing wind carries away the angular
momentum of the rotating object.

This simple example illustrates an important prop-
erty of accretion in the presence of amagnetized wind.
Since the accretion is not accompanied by heating,
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Fig. 3. Independence of the plasma dynamics of the direction of the magnetic-field lines in an ideal MHD approximation. The
left panel shows a realistic structure for the flux of the poloidal magnetic field; the total flux of the poloidal magnetic field is zero.
In the right panel, the direction of the field lines has changed, while the plasma dynamics remain unaltered.
the wind carries away not only angular momentum,
but also rotational energy. Dissipationless accretion
can result in the formation of ejections for a relatively
low luminosity of the object. This makes this accre-
tionmechanism particularly interesting: it can explain
the unusually high efficiency for the transformation of
the gravitational energy of the accreted matter into
the kinetic energy of the jet in the unusual source
SS433. The bolometric luminosity of SS433 is about
3 × 1039 erg/s [25], while the flux of kinetic energy
from the object is at least twice this value (> 6 ×
1039 erg/s) [12], which is difficult to understand in
classical accretion models [10].

It is reasonable to consider dissipationless accre-
tion in an ideal magnetohydrodynamical (MHD) ap-
proximation. This leads to the model in the left panel
of Fig. 3: the wind stretches magnetic-field lines from
the accretion disk. The polarity of the lines varies
chaotically, since the total flux of the magnetic field
emerging from either side of the accretion disk is, on
average, zero. At first glance, it would seem impossi-
ble to describe the dynamics of a wind in the presence
of a magnetic field with arbitrarily varying polarity at
the disk surface. However, there is a circumstance
that simplifies the situation radically. As was noted
in [26], the dynamics of an ideal plasma are invariant
with respect to the direction of the magnetic-field
lines. Therefore, if the direction of the field lines varies
so that the polarity of the magnetic field is the same
on each side of the accretion disk, this does not affect
the plasma motion, and we are able to consider a
self-consistent outflow of plasma from an accretion
disk with an azimuthally symmetrical magnetic field,
shown schematically in Fig. 3 (right).

Two features make this approach different from the
well-known formulation of Blandford and Payne [16].
First, the outflowingwindmust be consistent with the
accretion rate in the disk, whereas, in [16], the disk
and wind parameters were specified independently.
Second, since the plasma moves toward the gravi-
tating center, there is a nonzero azimuthal electrical
field, Eϕ �= 0. Note that a similar formulation was
given by Contopoulos [27]. However, his study was
not continued, since it was clear that, in this case,
magnetic flux should accumulate at the center. If the
polarity of the field is the same everywhere, it cannot
be annihilated, and the accretion will inevitably be
halted by the pressure of the magnetic field. As we
noted above, this problem is removed because we are
solving for a plasma flow in the presence of amagnetic
field of variable polarity. Therefore, the magnetic flux
does not accumulate at the center, and is always equal
to zero, on average. Since the magnetic-field lines
possess different polarities, they can reconnect, so
that the magnetic-field pressure at the center will not
increase without bound.

Finally, we will assume that the plasma flow in the
wind is self-similar. This assumption is natural if we
are interested in the motion of plasma directly above a
very thin disk away from its edges. Then, the problem
has no parameters with the dimension of length, and
the flow becomes self-similar. This approximation has
been used to describe magnetized winds from accre-
tion disks in numerous studies, starting with [16].
Vlahakis and Tsinganos [28] present a detailed de-
scription and classification of all possible types of self-
similarity. Note also the study [29], which gives self-
similar solutions describing nonstationary accretion.

3. GENERAL RELATIONS

The dimensionless steady-state equations for an
ideal, cool plasma (with pressure P = 0) can be writ-
ten (see, for example, [30])

ρ(v∇)v = −1
2
∇B2 + (B∇)B − ρ

gR
R3

, (4)

div(ρv) = 0, (5)

divB = 0, (6)

curl[vB] = 0. (7)
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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Here, the coordinates, density, velocity, and magnetic
field are expressed in units of their characteristic val-
ues R0, ρ0, v0, B0, respectively; in addition,

ρ0v
2
0 =

B2
0

4π
. (8)

The parameter

g = GM/
(
R0v

2
0

)
, (9)

whereG is the gravitational constant andM themass
of the central object.

Let us consider azimuthally symmetrical solutions
for these equations. The dimensioned variables will
be chosen as follows. Let us arbitrarily select a field
line, and adopt R0 as the distance from the center
to the point where this line crosses the disk. We will
take v0 to be the Keplerian velocity of a particle at
a distance R0 from the center. We denote 2πΨ0 to
be the magnetic flux through a circle with radius R0

located in the disk and with its center on the axis
of symmetry. B0 can then be defined by the relation
B0 = Ψ0/R

2
0. The dimensioned density ρ0 is defined

by relation (8); g = 1. Below, we will use only dimen-
sionless variables.

In the azimuthally symmetrical case, the field lines
form a two-parameter family of curves, which can be
presented in the form

R(α,ψ, ϕ) = (r(α,ψ) cos φ, r(α,ψ) sin φ, z(α,ψ)) ,
(10)

where φ = ϕ+ η(α,ψ). The parameters ψ,ϕ specify
a field line, and α varies along a given line (B ∼
∂R/∂α). The substitution ϕ→ ϕ− ϕ0 is equiva-
lent to a rotation by ϕ0 of the field line as a whole.
The functions of two variables r(α,ψ), z(α,ψ), and
η(α,ψ) are to be determined from the solution of the
MHD equations.

Following [31, 32], we will call the parameters α,
ψ, and ϕ the “frozen-in” coordinates. The cylindrical
coordinates (r, φ, z) can be expressed in terms of the
frozen-in coordinates by the formulas

r = r(α,ψ), φ = ϕ+ η(α,ψ), z = z(α,ψ).

Let us make a transformation from Cartesian to
frozen-in coordinates in (4)–(7). J denotes the Ja-
cobian of the transformation:

J =
∂(X,Y,Z)
∂(α,ψ, ϕ)

= Rα[RψRϕ], (11)

where the subscripts denote differentiation with re-
spect to the corresponding variables (Rα ≡
∂R/∂α, . . . ). Since field lines do not cross, there
is a one-to-one relation between the frozen-in and
Cartesian coordinates, so that the Jacobian J never
vanishes. Note the following useful equalities, which
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can be used to easily change between Cartesian and
frozen-in coordinates:

Rα∇ =
∂

∂α
, Rψ∇ =

∂

∂ψ
, Rϕ∇ =

∂

∂ϕ
(12)

and also
Rα

J
= [∇ψ,∇ϕ],

Rψ

J
= [∇ϕ,∇α], (13)

Rϕ

J
= [∇α,∇ψ],

and
[Rψ ,Rϕ]

J
= ∇α, [Rϕ,Rα]

J
= ∇ψ, (14)

[Rα,Rψ]
J

= ∇ϕ.

The operator∇ in frozen-in coordinates has the form

∇ =
1
J

{
[RψRϕ]

∂

∂α
+ [RϕRα]

∂

∂ψ
+ [RαRψ]

∂

∂ϕ

}
.

(15)

Suppose that the magnetic field strength is speci-
fied by the equality

B =
Rα

J
= [∇ψ,∇ϕ]. (16)

In this case, (6) becomes an identity (it essentially
expresses the field in terms of the Euler potentials).
Expression (16) implies that we take the magnetic
flux (in units of 2πΨ0) through a circle with radius r as
the frozen-in coordinate ψ. Note that the ratio Rα/J
is invariant with respect to the reparameterization
α→ α′ = g(α,ψ, ϕ); i.e.,

Rα

J
=

Rα′

J ′ ,

where g(α,ψ, ϕ) is an arbitrary function and J ′ =
∂(X,Y,Z)/∂(α′, ψ, ϕ) = J/gα. This can be used to
assign an arbitrary value to the Jacobian J without
varying the field strength. It is convenient to relate J
with the plasma density:

J = 1/ρ, (17)

in which case the magnetic field is
B = ρRα. (18)

Let us introduce the three mutually orthogonal
unit vectors

e(r) = (cosφ, sin φ, 0), (19)

e(φ) = (− sinφ, cosφ, 0), e(z) = (0, 0, 1).

We obtain from (10)


Rα = rαe(r) + rηαe(φ) + zαe(z),

Rψ = rψe(r) + rηψe(φ) + zψe(z),

Rϕ = re(φ).

(20)
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Therefore, the Jacobian of the transformation is
J = r(zαrψ − zψrα), (21)

and, in accordance with (17), the plasma density is

ρ =
1

r(zαrψ − zψrα)
. (22)

Let us expand the plasma velocity into three non-
coplanar vectors:

v = fRα + ΩRϕ + εRψ (23)

= (frα + εrψ)e(r) + (fzα + εzψ)e(z)

+ r(fηα + εηψ + Ω)e(φ),

where the functions f,Ω, εmay depend on the frozen-
in coordinates.

It turns out that, in both the stationary and non-
stationary cases [31, 32], Eqs. (5) and (7) in frozen-in
coordinates can be integrated in general form. Sub-
stituting (23) and (17) into the continuity equation (5)
and transforming to frozen-in coordinates, we obtain

∂f

∂α
+
∂Ω
∂ϕ

+
∂ε

∂ψ
= 0. (24)

The electrical-field strength is

E = −1
c
[vB] =

1
c
(ε∇ϕ − Ω∇ψ). (25)

It follows that (7) in frozen-in coordinates has the
form

curl[vB] = [∇Ω∇ψ] − [∇ε∇ϕ] (26)

= ρ

(
∂Ω
∂α

Rϕ +
∂ε

∂α
Rψ −

(
∂Ω
∂ϕ

+
∂ε

∂ψ

)
Rα

)
= 0.

The derivative ∂Ω/∂ϕ = 0 due to the assumed az-
imuthal symmetry. Solving (24) and (26), we find that
ε = const, while the functions f and Ω may depend
only on the single variable ψ. In this case, (5) and (7)
are identically satisfied.

The gradient∇ψ has only r and z components; the
first term in (25) specifies the azimuthal component of
the electrical field:

Eφ =
ε

cr
. (27)

The velocity of the accretion disk u is also ex-
pressed in frozen-in coordinates. Let us suppose that
the disk surface corresponds to the parameter α = 0;
i.e., z(0, ψ) = 0. Then, the derivative zψ(0, ψ) = 0.
The plasma density above the disk surface is

ρ0 =
1

rzαrψ

∣∣∣
0
. (28)

The z component of the magnetic field is

Bz0 = ρzα
∣∣
0

=
1
rrψ

∣∣∣
0
. (29)
The radial component of the electrical field at the disk
surface is

Er0 = −1
c
[vB]r

∣∣
0

= − 1
rψc

(Ω + εηψ)
∣∣
0
, (30)

while the azimuthal component is defined by (27).
Using the frozen-in condition

E = −1
c
[uB],

the continuity of the z component of the magnetic
field at the boundary between the plasma and disk,
and the continuity of the r and φ components of the
electrical field, we obtain the components of the disk
velocity

ur = εrψ
∣∣
0
, uφ = r(Ω + εηψ)

∣∣
0
. (31)

After transforming to frozen-in coordinates, the
Euler equation (4) assumes the form(

f
∂

∂α
+ Ω

∂

∂ϕ
+ ε

∂

∂ψ

)
(fRα + ΩRϕ + εRψ)

(32)

− ∂

∂α
(ρRα) = −1

2

{
[RψRϕ]

∂

∂α
+ [RϕRα]

∂

∂ψ

+ [RαRψ]
∂

∂ϕ

}
(ρRα)2 − g

R
R3
.

SubstitutingR in the form (10) and ρ in the form (22),
we can obtain equations for the functions r(α,ψ),
z(α,ψ), and η(α,ψ).

4. BOUNDARY CONDITIONS

Let us study the relation between the field com-
ponents and the parameters of the accretion disk,
assuming the disk is infinitely thin (which is valid for
a cool plasma). We will specify the volume density of
the disk in the form

ρd(r, z) = σ(r)δ(z), (33)

where δ(z) is a delta function and σ(r) is the mass
surface density. Equation (4) is valid for z > 0 (or z <
0); i.e., beyond the disk. The dynamics of the plasma
in the disk are specified by the equation

ρd(u∇)u + ρ(v∇)v (34)

= −1
2
∇B2 + (B∇)B − (ρd + ρ)

gR
R3

.

We will integrate (34) over z in the small interval
(−z0, z0) and take the limit z0 → +0. This operation
will be applied to each term of the equation. In cylin-
drical coordinates,

∇ = e(r) ∂

∂r
+ e(z) ∂

∂z
+ e(ϕ) ∂

r∂φ
, (35)
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so that

ρd(u∇)u = σ(r)δ(z) (36)

×
(
ur
∂

∂r
+ uz

∂

∂z
+ uφ

∂

r∂φ

)
(e(r)ur + e(z)uz

+ e(φ)uφ) = σ(r)δ(z)

×
[(

ur
∂ur
∂r

−
u2
φ

r

)
e(r) + ur

(
∂uφ
∂r

+
uφ
r

)
e(φ)

]
.

When deriving (36), we took into account az-
imuthal symmetry, the equality uz = 0, and the re-
lations ∂e(r)/∂φ = e(φ) and ∂e(φ)/∂φ = −e(r). Inte-
grating (36), we obtain

z0∫
−z0

ρd(u∇)udz = σ(r) (37)

×
[(

ur
∂ur
∂r

−
u2
φ

r

)
e(r) + ur

(
∂uφ
∂r

+
uφ
r

)
e(φ)

]
.

If the magnetic field and the plasma velocity above
the accretion disk (z > 0) are known, then the solu-
tion in the region under the disk continues in accor-
dance with the rules

Bz → Bz, Br → −Br, Bφ → −Bφ. (38)

vz → −vz, vr → vr, vφ → vφ. (39)

Since the field components Br, Bφ �= 0 at the equator
(for z = +0), this implies that the field line is discon-
tinuous there.

Using relations (39), it can be shown that, in the
limit z0 → +0

z0∫
−z0

ρ(v∇)vdz = 0.

Next, we obtain
z0∫

−z0

∇B2dz = 0, (40)

since B2 is a continuous function of z.
The term (B∇)B will be written in the form

(B∇)B =
(
Br

∂

∂r
+Bz

∂

∂z
+Bφ

∂

r∂φ

)
(41)

×
(
Bre(r) +Bze(z) +Bφe(φ)

)
.

If the integration is taken over an infinitely small
interval, a nonzero contribution will be obtained only
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from terms containing the derivative ∂/∂z (a deriva-
tive of a discontinuous function yields a δ function).
After the integration, we obtain

z0∫
−z0

(B∇)Bdz = 2Bz (Brer +Bφeφ) . (42)

The integration of the last term in (34) is trivial due to
the presence of the δ function:

z0∫
−z0

ρdgR
R3

dz =
σg

r2
e(r). (43)

Collecting these various relations, we obtain two
equalities (for the r and φ components in the equa-
tion), which are a direct consequence of (34) in the
model with an infinitely thin disk:

ur
∂ur
∂r

−
u2
φ

r
=

2
σ
BrBz −

g

r2
, (44)

ur
r

∂

∂r
(ruφ) =

2
σ
BφBz. (45)

The conservation of mass yields another relation:
1
r

∂

∂r
(rσur) + 2jz = 0, (46)

where jz = ρvz is the density of the z component
of the mass flux. In (44)–(46), the magnetic-field
components and plasma parameters are taken for the
disk surface (z = +0).

Equations (44)–(46) play the role of boundary
conditions, which must be satisfied by the solution.
They were derived from the equations of motion in
differential form. Obviously, the same conditions can
be obtained using the integral form of the equations of
motion.

5. SELF-SIMILAR SOLUTIONS
We are primarily concerned here with the plasma

dynamics immediately above the disk, at distances
z much smaller than the radius of the disk Rdisk.
In the limit z 	 Rdisk, only two parameters with the
dimensions of length remain in the problem: z and r.
Therefore, the solution will be self-similar in this limit
[11]. Let us underscore an important feature of these
solutions: they describe flows only at small distances
from the disk, and are not applicable at distances
comparable to or exceeding the size of the disk.

Equations (4)–(7) have self-similar solutions of
the form 


v(r, z, φ) = r−δv ṽ(z/r, φ),
ρ(r, z) = r−δρ ρ̃(z/r),
B(r, z, φ) = r−δBB̃(z/r, φ).

(47)
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The superscripts δv , δρ, and δB are determined from
the following conditions. Substituting (47) into (4)
leads to the equations

2δB − δρ = 2δv = 1. (48)

Equality (27) is satisfied under the condition

δv + δB = 1. (49)

Thus,

δv = δB =
1
2
, δρ = 0 (50)

and hence,


v(r, z, φ) = r−1/2ṽ(z/r, φ),
ρ(r, z) = ρ̃(z/r),
B(r, z, φ) = r−1/2B̃(z/r, φ).

(51)

Note that it is possible to determine the subscripts
unambiguously only for ur �= 0; i.e., when there is
advection of the plasma toward the center of gravita-
tion. When ur = 0, one of the subscripts is arbitrary,
so that there is a single-parameter family of self-
similar solutions. A large number of such solutions
have been studied previously (see, for example, [28]
and references therein). For clarity, we will compare
our results with those of [16], which is similar to our
study in terms of the formulation for the wind. The
case δρ = 3/2, δB = 5/4 was considered in [16].

In frozen-in coordinates, the law of similarity (51)
is described by the relation

R(α,ψ, ϕ) = ψ2/3R̃
(
α

ψ
,ϕ

)
. (52)

Therefore, the two-variable functions in (10) are ex-
pressed in terms of one-variable functions. Denoting
s = α/ψ, we can write

r(α,ψ) = ψ2/3r̃(s), z(α,ψ) = ψ2/3z̃(s), (53)

η(α,ψ) = η̃(s).

Let us verify the equivalence of (51) and (53). Sub-
stituting (53) into (22), we derive the plasma density:

ρ(s) =
3
2

1
r̃(r̃z̃s − z̃r̃s)

, (54)

where the subscript s denotes differentiation with
respect to s. This function depends only on s, or,
if we switch to cylindrical coordinates, on the ratio
z/r, as in (51). The components of the magnetic-field
strength are

Br = ψ−1/3ρr̃s, Bz = ψ−1/3ρz̃s, (55)

Bφ = ψ−1/3ρr̃η̃s.
We find for the components of the plasma velocity

vr = ψ−1/3

(
2
3
εr̃ + (f − εs)r̃s

)
, (56)

vz = ψ−1/3

(
2
3
εz̃ + (f − εs)z̃s

)
, (57)

vφ = ψ−1/3r̃ (ψΩ + (f − εs)η̃s) . (58)

The law of similarity v ∼ r−1/2 will be satisfied if f =
const, while Ω depends on ψ as follows:

Ω(ψ) = Ω̃/ψ. (59)

Ω̃ represents the angular velocity of the selected field
line in units of the Keplerian angular velocity.

Substituting (52) into (32), we obtain a system
of three ordinary second-order differential equations1

for the functions r̃(s), z̃(s), and η̃(s). Since second
derivatives appear in the equations in linear form, the
system can be solved for the second derivatives. For
ε �= 0, the right-hand sides of the equations depend
explicitly on s; f and s appear in the equations only in
the combination f − εs. The parameter s has an ar-
bitrary zero point. Indeed, shifting the reference point
for s via the substitution s = s′ + s0 is equivalent to
redefining the constant f : f → f ′ = f − εs0. We will
take the surface of the accretion disk as the reference
point for s: z̃(s = 0) = 0.

The resulting equations can be written as a sys-
tem of six ordinary first-order differential equations.
We introduce the six-dimensional vector ξi with the
components

ξ1 = r̃s, ξ2 = z̃s, ξ3 = η̃s, (60)

ξ4 = r̃, ξ5 = z̃, ξ6 = η̃. (61)

Then, for i = 1, 2, 3, the equations have the structure
dξ1,2,3
ds

=
N1,2,3

D
, (62)

while for i = 4, 5, 6
dξ4,5,6
ds

= ξ1,2,3. (63)

The denominator D is the determinant of a certain
3 × 3 matrix; it appears when the initial system of
equations is solved relative to the highest derivatives.
The functionsNi andD depend on ξ1, . . . , ξ5; ξ6 does
not appear in the equations due to the azimuthal
symmetry of the problem. In addition, the right-hand
sides of (62) depend on s.

For fixed ψ and ϕ, the curve R = ψ2/3R̃(s, ϕ)
specifies a magnetic-field line in parametric form. In

1The equations are cumbersome, and we do not present them
here. The analytical manipulations were performed using the
Maple package.
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the case of self-similar solutions, it will suffice to find
one field line; others can be derived using the sim-
ilarity transformation (multiplication by ψ2/3) and
rotation about the z axis by some angle ϕ. The field
line corresponding to the frozen-in coordinate ψ = 1
crosses the disk at the distance r(0) = 1. The value
η̃(0) can be arbitrary, for example, zero. The solution
of the system of differential equations should then
satisfy the initial conditions

r̃(0) = 1, z̃(0) = 0, η̃(0) = 0. (64)

The frozen-in coordinate ψ and cylindrical coordinate
r are related by the simple expression

r = ψ2/3. (65)

To obtain an unambiguous solution of the system of
equations, we must have another three conditions.

It follows from (54) that the plasma density at the

disk surface is ρ = 3/(2z̃(0)
s ). Therefore, the compo-

nents of the magnetic field in the disk are

B(0)
r =

3
2
r̃
(0)
s

z̃
(0)
s

ψ−1/3, B(0)
z =

3
2
ψ−1/3, (66)

B
(0)
φ =

3
2
η̃

(0)
s

z̃
(0)
s

ψ−1/3,

where the superscript 0 denotes values for z = +0.
Let us write the boundary conditions (44)–(46)

for the self-similar solution. Substituting (65) into
(31) and applying the initial conditions, we obtain the
velocity of the accretion disk:

ur =
2
3
εψ−1/3, uφ = Ω̃ψ−1/3. (67)

The velocity component ur < 0, so that ε should also
be negative. Together with the plasma velocity, ur and
uφ depend on r as r−1/2.

It follows from (44) or (45) that the mass surface
density of the disk is a linear function of r:

σ = µr, (68)

where µ = const. In (46), jz is expressed using (54)
and (56) as follows:

jz =
3
2
fψ−1/3. (69)

We derive from the continuity equation (46)

µ = 3f/|ε|. (70)

Substituting (66), (67), and (68) into the boundary
conditions (44) and (45), we obtain

Ω̃2 = 1 − 2
9
ε2 +

3ε
2f
r̃
(0)
s

z̃
(0)
s

, (71)
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η̃(0)
s = −2

9
f Ω̃z̃(0)

s . (72)

This last expression can be used to calculate the
azimuthal component of the magnetic field at the
equator:

B
(0)
φ = −1

3
f Ω̃ψ−1/3. (73)

We can see from these conditions that the rotational
velocity of a field line is lower than the Keplerian
velocity. Only in the limit ε→ 0 do we obtain Ω̃ = 1,
which corresponds to a Keplerian accretion disk. Note
that the boundary conditions in the disk fully specify
the azimuthal magnetic field above the disk. Since
ε does not appear in (72) and (73), these equalities
should be satisfied even in the limit ε→ 0.

The conditions (44) and (46) make it possible to
relate in a self-consistent way all the parameters of
the accretion disk and of the outflowing plasma, and,
in particular, to take into account the decrease in the
surface density of the disk due to the expansion of the
plasma. The equality (45) leads to the additional con-
dition (72), which must be satisfied by the solution.

6. SOLUTION IN THE VICINITY
OF THE DISK

Let us consider an important limiting case, when
the radial velocity of the disk is small compared to the
Keplerian velocity, |ε| 	 1. Let us also assume that
the velocity of the plasma outflow from the disk is
fairly low. Then, the following equations are valid in
the vicinity of the disk:

dr̃s
ds

= r̃sG,
dz̃s
ds

= z̃sG,
dη̃s
ds

= η̃sG. (74)

Here,

G =
1

6f3

6f z̃s(3r̃sδr̃ − z̃sz̃) + 9εr̃2s − 2εf z̃sη̃s
z̃s(r̃2s + z̃2

s + η̃2
s)

,

(75)

where δr̃ = r̃ − 1. To derive (74), Ω̃ in the form (71)
is substituted into the exact equations (62) and ex-
panded in small parameters. Equations (74) are valid
when δr̃ and z̃ are small compared to unity and

f2r̃s 	 1, f2z̃s 	 1, f2η̃s 	 1. (76)

These conditions follow from the requirement that
subsequent terms of the expansion be small. It follows
from (74) that

ξs = ξ(0)s exp




s∫
0

Gds


 , (77)

where ξs is any one of the three functions r̃s, z̃s, or
η̃s. After integrating (77) with the initial conditions
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z̃(0) = 0, δr̃(0) = 0, η̃(0) = 0, we find that a field line
is straight in the vicinity of the disk:

δr̃(s) = krz̃(s), η̃(s) = kη z̃(s), (78)

where kr and kη are constant. As we can see from
(72), kη = −2f/9 in the approximation considered.
kr soecifies the direction of the poloidal field in the
vicinity of the disk.

Using equality (78), the second of Eqs. (74) can be
presented in the form

d2z̃

ds2
= w2z̃ − |ε|ζ, (79)

where

w2 =
1
f2

3k2
r − 1

k2
r + k2

η + 1
, (80)

ζ =
1

6f3

9k2
r − 2fkη

k2
r + k2

η + 1
. (81)

When w2 < 0, (79) has an oscillating solution, which
is physically unacceptable. The inequality k2

r > 1/3,
obtained in [16], must be satisfied by field linesmoving
away from the disk. This implies that a magnetic-field
line must be inclined to the disk at an angle smaller
than 60◦.

Unlike [16], we also obtained another constraint.
When w2 > 0, the solution (79) has the form

z̃ =
|ε|ζ
w2

(1 − cosh(ws)) +
z̃
(0)
s

w
sinh(ws), (82)

where z̃(0)
s is an arbitrary constant equal to the deriva-

tive z̃s in the disk. It follows from (82) that solutions

cannot exist for arbitrarily small z̃(0)
s . The field line will

move away from the disk only when

z̃(0)
s > z̃smin =

|ε|ζ
w
. (83)

This is equivalent to a constraint on the z component
of the plasma outflow velocity:

vz
∣∣
z=0

> vzmin = f
|ε|ζ
w
. (84)

The nature of this constraint, which appears when
ε �= 0, is easy to understand. In this case, each parti-
cle of the plasma moves along its orbit with a velocity
that is smaller than the Keplerian velocity. In the z
direction, the particle is in the effective potential

U(z̃) = −1
2
w2z̃2 + |ε|ζz̃.

In order to be ejected from the disk, the particle must
overcome the potential barrier corresponding to the
difference between the gravitational and centrifugal
forces.
The plasma density in the vicinity of the disk is

ρ =
3

2z̃s
=

3

2
(
z
(0)
s cosh(ws) − |ε|ζ

w
sinh(ws)

) .

(85)

In the disk itself, it is finite:

ρ
∣∣
z=0

=
3

2z̃(0)
s

<
3w

2|ε|ζ . (86)

In the limit ε→ 0, z̃(0)
s → 0, the density in the disk

increases without bound, as in [16].

7. PASSAGE THROUGH CRITICAL
SURFACES

The general solutions of the equations describ-
ing stationary MHD flows are singular on certain
surfaces, usually called critical surfaces. These have
already been found for one-dimensional flows, as was
proposed by Parker for the solar wind [33]. In one-
dimensional solutions, they are manifest as critical
points, while, in the three-dimensional case, a set of
critical points forms a surface. In the one-dimensional
solutions, the critical points coincide with sonic
points, where the local velocity of weak perturbations
becomes comparable to the flow velocity, while the
type of equation changes from elliptical to hyperbolic
and back. Even the earliest solutions obtained for
axisymmetrical flows indicated that this is not the
case in general [16]. The nature of critical surfaces
and their role in the formation of stationary MHD
solutions was investigated in [34, 35]. It turns out
that critical surfaces divide regions of solutions with
different cause–effect relations, and these surfaces do
not, in general, coincide with the surfaces where the
form of the equation changes.

Critical surfaces as applied to self-similar solu-
tions were studied in [36]. The parameters of criti-
cal surfaces for self-similar flows with Eϕ �= 0 were
studied in detail in [27]. In these solutions, the lo-
cations of the critical surfaces are specified by the
zeros of the denominator D in (62). In the general
case (with a nonzero wind temperature), the denom-
inator vanishes at the slow magnetoacoustic sepa-
ratrice surface, Alfven surface, and fast magnetoa-
coustic surface. Regularizing the solution on these
surfaces makes it possible to determine the density of
the plasma flux from the disk and the two tangential
components of the magnetic field at the disk surface
(the normal component is specified by the conditions
adopted for the problem). In the case of a cool plasma,
the slow magnetoacoustic velocity is zero, and one
of the regularization conditions disappears. Therefore,
the plasma flux from the disk surfacemust be specified
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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for a cool plasma. This means that the ratio f of
the density of the plasma flux from the disk and the
z component of the magnetic field is also specified.
A similar approach was used in [16] (where k is anal-
ogous to f ).

Thus, in self-similar flows of cool plasma, reg-
ularizing the solution on the Alfven and fast mag-
netoacoustic critical surfaces specifies both the az-
imuthal and tangential components of the magnetic
field based on the flow. One characteristic feature of
self-similar solutions is that, as a rule, it is not pos-
sible to regularize them on the fast magnetoacoustic
critical surface, only at the Alfven surface. Recently,
Vlahakis et al. [37] were able to regularize a self-
similar solution on the fast magnetoacoustic surface,
but, even in this case, the solution disappears very
rapidly behind this surface. Therefore, as in [16], we
will not try to regularize the solution on the fast mag-
netoacoustic surface. As a result, one of the compo-
nents of the magnetic field (the azimuthal component
in [16]) remains free and must be specified a priori.
The other component is determined from the solution
and the regularization condition at the Alfven surface.

The denominatorD in (62) contains the factor

e1 ≡ ρ− (f − εs)2. (87)

In the disk, e1 > 0when f2z̃
(0)
s < 3/2. Since the den-

sity decreases along a field line, e1 vanishes at some
point on the Alfven surface. To keep the solution finite,
the functions Ni must also vanish at this point. After
substituting ρ = (f − εs)2 into Ni, all the functions
Ni possess the common factor

e2 ≡
(
−108Ω̃b+

(
12r̃2εΩ̃z̃ − 27η̃s

)
b2
)
r̃2s (88)

+
((

8r̃3z̃ε2η̃s + 8r̃z̃3ε2η̃s + 12r̃z̃2εΩ̃z̃s

− 12r̃3εΩ̃z̃s + 36r̃3z̃Ω̃2η̃s
)
b2 − 108

Ω̃bz̃z̃s
r̃

)
r̃s

+
(
−36r̃4z̃sΩ̃2η̃s − 8r̃4z̃sε̃2η̃s − 12r̃2z̃εΩ̃z̃2

s

− 8r̃2z̃sε2η̃sz̃2 − 27r̃2η̃3
s − 27η̃sz̃2

s

)
b2

+ 54
η̃s√
r̃2 + z̃2

− 108bΩ̃r̃2η̃2
s ,

where b = f − εs. Therefore, the condition that the
denominator and three functions Ni in (62) simulta-
neously vanish results in the system of two equations

e1 = 0, e2 = 0, (89)

which can be solved analytically for r̃s and z̃s. Con-
sequently, the derivatives (r̃s, z̃s) can be taken to be
specified at the critical point (r̃, z̃).
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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Fig. 4. Values zA of z̃(f) for which a field line emerging
from the Alfven point crosses the equator when r̃ = 1.
zmax and zmin, which appear in (95), are also indicated.

8. SOLUTION IN THE LIMIT ε→ 0

It is of interest to consider the solution in the
limit of very slow accretion, when ε→ 0. This case
is of interest because the disk becomes Keplerian in
this limit (Ω̃ = 1), so that our results can easily be
compared to those of [16], and the physics of accretion
made possible by a wind outflow becomes particularly
simple.

In the case of small ε, εs can be neglected com-
pared to f . The parameter s then disappears from the
right-hand sides of (62), and the simplified equations
have two integrals of motion: the momentum L and
the energyW . For the self-similar solution,

L = r̃2
(
f Ω̃ − η̃s(ρ− f2)

)
, (90)

W =
1
2
f2
(
r̃2s + r̃2η̃2

s + z̃2
s

)
− 1

2
Ω̃2r̃2 − 1√

r̃2 + z̃2
,

(91)

where we can assume Ω̃ = 1 on the right-hand sides
of the equality.

Substituting the values at the disk surface into
(90) and using (64) and (72), we find

L =
4
3
f

(
1 − 1

6
f2z̃(0)

s

)
. (92)

Since z̃(0)
s ≥ 0, L ≤ Lmax =

4
3
f . This new important

constraint on the angular-momentum flux carried
away from the disk follows from the boundary condi-
tions at the disk. It means that a relatively small flux of
angular momentummust be carried away by the wind
to enable accretion. In addition, the boundary condi-
tions at the disk specify the azimuthal component of
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Fig. 5. A line of the poloidal field for f = 6. The circle
marks the position of the Alfven singularity.

the magnetic field, and the problem is fully specified
even when the solution is regularized at one Alfven
point.

As we can see from (84), in the limit ε→ 0, the
initial velocity of the plasma outflow can be arbitrarily
small. In this case, the energy tends to the minimum
Wmin = −3/2 [see (91)]. Assuming that the condi-
tions (76) are satisfied at the disk surface, we obtain
L = 4/3f ,W = −3/2. Therefore, at the Alfven point,

r̃2 =
L

f
=

4
3
. (93)

The energy integral and Eqs. (89) can be used to
express analytically the derivatives r̃s, z̃s, and η̃s at
the Alfven point in terms of z̃. A straightforward but
fairly cumbersome analysis shows that the solutions
(89) exist for L = 4/3f ,W = −3/2 if

f >
9
16

√
6(5 + 3

√
3) ≈ 4.4. (94)

z̃ must be confined within the interval
zmin ≤ z̃ ≤ zmax, (95)

where

zmax =

[
216f

√
16f2 − 45 − 736f2 − 1215

1200f2

]1/2

,

(96)

zmin = 0 when f < 8.27, and

zmin =
2√
3

√
2351f4 − 159894f2 − 59049

329f2 + 243
(97)

when f > 8.27. It follows from (96) that z̃ < 0.327
at the Alfven point; this means that the Alfven point
cannot be far from the disk surface.

We solved (62) and (63) in the limiting case ε→ 0
numerically using standard techniques. We started
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from the Alfven point, with f as the input parameter.
As the initial condition, we took the Alfven point with
r̃ = 2/

√
3 and z̃ from the interval (95); the derivatives

were selected using the described procedure. At the
Alfven point, the right-hand sides of (62) were de-
termined using l’Hopitale’s rule. The initial value for
z̃ was selected so that the field line crossed the disk
at the point r̃ = 1. We adopted a value slightly larger
than −3/2 for W . The reason for this is that, when
W = −3/2, the plasma velocity at the disk surface
vanishes and the plasma density at the disk displays
a nonintegrable singularity: ρ = 3/(2wz̃). Therefore,
we chose W so that z̃(0)

s ∼ 10−3 in the disk, or, in
other words, so that the velocity of the plasma outflow
relative to the disk was of the order of f × 10−3 of
the Keplerian velocity. The requirement that z̃(0)

s be
nonzero also results from the fact that the inequality
(84) should be rigorous.

Figure 4 presents the f dependence of z̃ at the
Alfven point together with zmin and zmax. The min-
imum f for which the solution exists is fmin = 5.28.
zmax = zA when f = fmin.

Figure 5 presents a line of the poloidal magnetic
field for f = 6, which does not differ much from fmin.
kr = 0.96, so that the line is inclined to the equator
at an angle that is close to π/4; at the disk sur-
face, z̃s = 10−3. There is no significant acceleration of
the plasma; at the Alfven point, z̃s = 0.033 and r̃s =
0.010, so that the components of the plasma velocity
vz and vr are small compared to the Keplerian veloc-
ity. Figure 6 presents the plasma density on a field line
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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for various heights. In the case of motion from the disk
toward the Alfven point, s varies from 0 to smax ≈ 30.
Therefore, εs can be neglected compared to f when

|ε| 	 f/smax. (98)

This condition, as well as the inequality (76), ensures
the applicability of the approximation used in the
case considered. The analytical solution (82) coin-
cides with the numerical solution along nearly the
entire field line, with the exception of the immediate
vicinity of the Alfven point.

9. DISCUSSION

The conclusion that the plasma outflow from an
accretion disk can exert a substantial effect on the
dynamics of the accretion disk is not new [19]. The
originality of our work is our consideration of the case
when plasma falls onto the gravitating center along
with the frozen-in magnetic field, rather than seeping
across magnetic-field lines (see, for example, [21] and
references therein). Our results indicate that dissi-
pationless disk accretion of the type considered is,
indeed, possible, as is demonstrated by the derived
self-consistent solution.

The mechanism for carrying away angular mo-
mentum that we have considered should be taken into
account in studies of accretion in sources displaying
violent ejections of matter. This is particularly impor-
tant for our understanding of the processes occurring
in a number of peculiar sources, prominently repre-
sented by SS433 [2]. Objects in which disk accretion
occurs primarily due to the carrying away of angular
momentum by an outflowing wind can have bolo-
metric luminosities that are appreciably lower than
the kinetic-energy flux in the outflowing wind. This
is what leads to the most important difficulties in
explaining the plasma-ejection mechanism in both
SS433 and young stellar objects.

The derived self-consistent solution possesses a
number of interesting properties. The boundary con-
ditions (71), (72) fully specify the azimuthal mag-
netic field in the disk. In this case, with fixed f and
L, the toroidal and tangential components of the
magnetic field are determined unambiguously, unlike
in the study of Blandford and Payne [16]. The flow
turns out to be fully specified. This begs the question
of whether there exists the fundamental possibility
of passing through the fast magnetoacoustic critical
point, since, at first glance, no free parameters remain.
In fact, there is still one free parameter: ε, which spec-
ifies the radial velocity of the plasma in the disk. This
parameter can be used to regularize the solution at the
fast magnetoacoustic critical point. If this is possible,
the entire solution will prove to be unambiguously
specified.
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An unexpected feature of the obtained solutions is
that, in the limiting case of dissipationless accretion,
100% of the infalling matter is ejected back out from
the disk. In this respect, our results are similar to
those of Lery et al. [38], who also considered dissi-
pationless accretion, but without the formation of a
disk. Both of these results indicate that, in any case,
dissipation is probably unavoidable, to provide for the
infall of some fraction of the matter onto the gravi-
tating center. On the other hand, this feature of the
flow may well be due to its self-similarity. Additional
studies are required before we will be able to draw final
conclusions.

A natural extension of our study is the considera-
tion of accretion due simultaneously to matter outflow
from the disk and dissipation. Even at this stage,
it should be possible to determine the relationship
between the disk luminosity and the flux of outflowing
matter, which can be compared to observations.
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Abstract—We analyze calibrated white-light coronal images from the LASCO-C2/SOHO experiment
(processing level L1), focusing on quasistationary events without coronal mass ejections or their man-
ifestations in the solar wind. The previous result that the streamer belt forms a set of rays of increased
brightness is confirmed. The cross section of the streamer belt is frequently observed as two closely spaced
rays differing in brightness. It is difficult to explain this in terms of ordinary bending of the belt. We suggest
that the belt is normally a set of pairs of rays with enhanced brightness (or two close rows of rays). The
distance between the rays in each pair is comparable to the ray size. The ray brightnesses in any pair can,
in general, be different. The magnetic field has opposite directions in the rays forming a pair, so that the
neutral line of the radial component of the solar magnetic field probably runs along the strip between the
pairs of rays. c© 2005 Pleiades Publishing Inc.
1. INTRODUCTION

Observations of the white-light solar corona dur-
ing eclipses, in which numerous Russian and foreign
investigators have been deeply involved since the first
half of the past century, revealed bright structures
that came to be known as streamers. A helmet—
one form of arch system—is located at the base of
a streamer, with a radial ray stretching above the
helmet [1, 2]. Individual photographs taken during
fairly rare solar eclipses before the 1970s suggested
that streamers were local features with similar sizes
in latitude and longitude [2, 3]. However, continuous
daily observations from October 11, 1971 to January
15, 1973 carried out on the OSO-7 spacecraft [4]
showed that streamers form in a series, or a so-called
streamer belt, with a neutral line of the radial compo-
nent of the global solar magnetic field running along
it [5, 6]. Gulyaev [7] suggested that the observational
difference in the appearance of the white-light corona
at solar-activity minima and maxima could be due to
different orientations of the streamer belt relative to
the plane of the sky, and likely reflects the presence
of spatial plasma-density inhomogeneities along the
belt.

An analysis of uncalibrated LASCO data (pro-
cessing level L0.5) showed [8] that, in the absence
of coronal mass ejections (CMEs), the streamer belt
is inhomogeneous at heliocentric distances R > 3R�
(where R� is the radius of the Sun), and is formed
by a set of radial rays of enhanced brightness. The
minimum angular size is nearly the same for all the
rays, d ≈ 2.0◦−3.0◦, and the minimum distance be-
tween rays is ≈5◦−10◦. Here and below, we measure
1063-7729/05/4901-0071$26.00
angular sizes in units of the solar-disk arc, i.e., the
circumference of the Sun corresponds to 360◦. At
heliocentric distances of R > (4−5)R�, the rays are
directed radially to within ≈± 1.5◦. Both the quasi-
stationary solar wind, whose parameters vary rela-
tively slowly, on characteristic time scales of 10 days
and more, and sporadic (nonstationary) plasma mo-
tions with characteristic lifetimes of several hours are
present in the rays [9]. Such sporadic plasma flows in-
clude (a) matter inhomogeneities (“blobs”) that move
away from the Sun [10] and (b) recently discovered
sporadic plasma streams directed either away from
or toward the Sun [11, 12]. In some cases, the non-
stationary solar wind is associated with the formation
of the quasistationary solar wind, when an additional
plasma stream with enhanced density directed away
from the Sun fills a separate ray [13]. The quasista-
tionary ray structure of the streamer belt (which can
be revealed by averaging over intensity fluctuations
of the white-light corona with periods shorter than
a day) is omnipresent; it is sometimes disrupted by
the action of CMEs, but recovers within one to two
days [14]. The streamer belt encircles the entire Sun
as a wavy surface (“skirt”). At an activity minimum,
this surface is close to the solar equatorial plane and
intersects it in two or four places. The neutral line of
the radial component of the global solar magnetic field
runs along the streamer belt [6]. Recent studies based
on calibrated LASCO data (processing level L1) [13,
15] strongly suggest that the belt is made up of a set
of pairs of rays (with the rays in a pair, in general,
having different brightnesses) rather than a bundle of
single rays. In this case, the neutral line probably runs
c© 2005 Pleiades Publishing Inc.
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along the belt between the rays of each pair. In other
words, this structure would consist of two closely
spaced (separated by a distance comparable to the
size of a ray, d) rows of rays of enhanced brightness
with opposite signs of the radial component of the
global solar magnetic field. The question of whether
this exotic structure of the streamer belt exists is
of paramount importance both for the nature of the
slow solar wind in the belt and from the standpoint
of the possibility of collective processes in the rarefied
coronal plasma, which could be responsible for the
formation of such structures.

Our aim here is to apply extensive data and a
refined analysis technique to demonstrate that the
streamer belt is indeed a set of ray pairs rather than
a set of single rays, with the rays in a pair, in general,
differing in brightness.

2. SOURCE DATA

We used white-light images of the solar corona
obtained with the SOHO LASCO-C2 experiment
as the source data for our analysis, specifically, cal-
ibrated 1024 × 1024 LASCO-C2 images (L1 pro-
cessing level) available from http://lasco-www.nrl.
navy.mil/. These data are free of effects such as scat-
tering, vignetting, etc., and the intensity values are
presented in units of the mean solar brightness, Pmsb.
The technique described in [8] was used to investi-
gate the structure of streamer-belt segments in the
absence of CMEs, which occur in two simple and
characteristic situations: (i) when the belt segment is
normal to the plane of the sky (the events of April 27
throughMay 11, 1996) and (ii) when the belt segment
is nearly in the plane of the sky (individual events in
2000). The essence of this technique is briefly de-
scribed in the next section.

3. IDENTIFICATION OF RAYS
IN THE STREAMER BELT.
ANALYSIS TECHNIQUE

A narrow ray (d ≈ 2◦−3◦) in the streamer belt can
easily be visually identified in coronal images within
the field of view of the coronagraph if the ray is located
in a meridionally stretched segment of the streamer
belt [8]. The possibility of identifying and tracing in-
dividual rays in other segments of the streamer belt
over relatively long periods depends on an important
property of the projection of such rays onto the plane
of the sky: the apparent latitude of the ray Λ in the
plane of the sky (the angle between the observed
projection of the ray onto the plane of the sky and
the plane of the solar equator) varies as the Sun
rotates and the ray moves out of the plane of the sky
(i.e., as the longitude of the ray varies). This variation
depends on the actual solar latitude of the ray, λ (the
angle between the radial ray and the plane of the solar
equator), and the heliographic latitude of the visible
center of the solar disk (or the heliographic latitude
of the Earth), B◦. As a result, the ray will describe
a curve in a synoptic map (usually an arc with its
bulge facing the equator), whose equation for a given
λ (in terms of the latitude and Carrington longitude)
was obtained by Hundhausen [16] for the particular
case of B◦ = 0◦ and by us [8] for B◦ �= 0◦. If λ �= 0◦,
this effect can be used to resolve rays that are aligned
with a parallel, and therefore merge into a single ray
as they deviate from the plane of the sky, since they
have different latitudes Λ projected onto the plane of
the sky.

A visual analysis of LASCO synoptic maps of
the coronal-brightness distribution at a fixed he-
liocentric distance (http://lasco-www.nrl.navy.mil/)
shows that rays located at the tip of the bend in
the streamer belt that is furthest from the solar
equator in the northern or southern directions are
most pronounced [15]. It is such rays that are most
suitable for the analysis, in particular, for determining
the plasma density in the ray [17]. In general, the
brightness of an individual ray can be time dependent
due to the solar rotation and nonstationary processes
in the plasma flowing in the ray. Because of the solar
rotation, the brightness of an individual ray decreases
as the ray deviates from the plane of the sky, or
increases as the ray approaches this plane [9, 15]. The
characteristic time scale for such variations is about
two to three days. Relatively rapid, nonstationary
intensity variations with characteristic time scales
of several hours or less (for example, so-called blobs
and CMEs) can be identified against the background
of these variations without considerable difficulties.
Therefore, comparisons of the time variations in the
ray brightness observed under certain conditions and
the corresponding calculated dependences enable us
to reliably identify quasistationary rays and investi-
gate their properties [8, 9].

Our technique for extracting quantitative infor-
mation from white-light coronal images consists of
the following steps. For each white-light LACSO-C2
image of the corona, we constructed the coronal-
brightness distribution P (Λ) or P (R) for a fixed ap-
parent latitude Λ or a fixed heliocentric distance R
separately for the eastern and western limbs, using
Pmsb units for the P values.

We characterized the brightness of an individual
ray using the ray-brightness amplitude PR, which
we defined in [17]. The concept of ray brightness PR
can be introduced because a ray is characterized in
the brightness profile P (Λ) by the slope of the two
lines forming the ray, which can be considered to be
straight from the tip PM—the intensity maximum in
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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the ray—to the inflection points A and B. This makes
it possible to define the ray-brightness as Π(Λ) =
P (Λ) − PS(Λ) and, accordingly, the amplitude of the
ray brightness at a given time t and a given distance
R asPR = max Π(Λ) = (PM −PS). The angular size
d ≈ 2◦−3◦ is defined as the angular width of the
function Π(Λ) at a height of 1/3PR [17]. The quan-
tity PS(Λ) is the background intensity—the result
of averaging P (Λ) over angles Λ ≤ 10◦ at a given t
andR. We also constructed the two-dimensional ray-
brightness functions Π(Λ, R) = P (Λ, R) − PS(Λ, R)
for a chosen range of angles Λ (which do not nor-
mally exceed 60◦) ∆Λ for sequential times t using
histogram equalization. The step in R was 0.007R�.
This procedure is needed to enhance the brightness
of faint ray segments located far from the Sun. This
obviously leads to a loss in quantitative information
about the brightness.

We studied the variations of the distributions
P (Λ), P (R), and P (Λ, R) with time t. To identify
rays and study the dynamics of the processes oc-
curring in them, we also used another parameter—
the time-differenced ray brightness P (t− t◦). We
employed the following procedure to determine the
time-differenced brightness functions Π(Λ, t− t◦)
and Π(R, t− t◦). The intensity profiles P (Λ, t◦)
and P (R, t◦) for some initial time t◦ < t were sub-
tracted from the profiles P (Λ, t) and P (R, t) to
obtain the time-differenced brightness functions
Π(Λ, t− t◦) = P (Λ, t)−P (Λ, t◦) andΠ(R, t− t◦) =
P (R, t) − P (R, t◦), respectively. These were used to
determine the time-differenced amplitude functions
of the ray brightness for individual rays in accordance
with the relationships PR(Λ, t− t◦) = PM (Λ, t) −
P (Λ, t◦) and PR(R, t− t◦) = PM (R, t) − P (R, t◦),
where PM is the intensity maximum in the ray.
If the ray-brightness function Π(Λ, R) and the time-
difference brightness function Π(t− t◦,Λ, R) are
defined in this way, the contribution of the F corona is
eliminated. This enables us to determine the plasma
density NR averaged over the angular diameter of the
ray d at a given distance R without using data on the
polarization intensity, which are mainly intended for
eliminating the effects of the F corona.

4. GENERAL APPEARANCE
OF THE STREAMER-BELT STRUCTURE

To determine the structure of the streamer belt,
it is sufficient to investigate its structure along two
mutually orthogonal directions: along and normal to
the surface of the belt. In limb observations of the
white-light corona, the former situation takes place
when the surface of the belt is located in (or near)
the plane of the sky and the latter when this surface
ASTRONOMY REPORTS Vol. 49 No. 1 2005
is normal to the plane of the sky. Figure 1 shows ex-
amples of the two-dimensional brightness functions
Π(Λ, R) = P (Λ, R)−PS(Λ, R) for the latitude range
∆Λ = 50◦−55◦ for the cases when the streamer belt
is nearly in the plane of the sky (top) and normal to
the plane of the sky (bottom). We can see in the upper
plot that the structure of the belt along its surface
is formed by a set of enhanced-brightness rays. The
following features can be noted:

(a) the minimum distance between rays is 5◦−10◦,
while the maximum distance can be more than 25◦;

(b) the rays are essentially radial at R > (4−5)R�
and are not radial at 2 < R� < (4−5)R�, deviat-
ing toward the poles with heliocentric distance (re-
call that the rays in both hemispheres at latitudes
of less than 60◦ deviate toward the equator at R <
(4−5)R�) in the plane normal to the belt) [12];

(c) the brightness decline with R can be markedly
different in different rays.

An examination of a time sequence of the ray
patterns in the plane of the sky shows that the be-
havior of these patterns is quite dynamic. As we have
shown [17], the observed ray dynamics are associated
with the motion of additional streams of solar-wind
plasma with steep leading fronts within the rays, away
from the Sun.

The cross section of the streamer belt that is
observed at the limb when the streamer belt is normal
to the plane of the sky (Fig. 1, bottom) generally
appears as two rays of enhanced brightness, “Ray+”
and “Ray−,” which are essentially radial at R >
(4−5)R� and approach the Sun at R < (4−5)R�,
passing around the helmet on either side. The rays
of enhanced brightness are magnetic-flux tubes in
which plasma with enhanced density moves away
from the Sun, and the helmet is a system of arcades
(loops) of magnetic-field lines filled with plasma
moving along them. The radial component of the
magnetic field is oppositely directed on either side of
the helmet. The apex of the helmet is located between
Ray+ and Ray− (Fig. 1, bottom), and corresponds to
the position of the neutral line separating regions of
opposite polarity of the global solar magnetic field. In
the case under consideration, the polarity is positive
(field pointing away from the Sun) north of the neutral
line (above this line in the figure) and negative south
of the neutral line. The rays are denoted Ray+ and
Ray− in accordance with the expected sign of the
magnetic field. We first drew this tentative conclusion
in [18]. However, as we noted then, the cross section
of the streamer belt is frequently observed as a single
ray, while the helmet may be completely invisible.
This is due to the dynamics of the pattern; i.e., the
brightnesses in individual rays and in the helmet vary
independently and with time.
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Fig. 1. Two-dimensional representations of the ray-brightness function Π(Λ, R) = P (Λ, R) − PS(Λ, R) for the two most
simple and characteristic situations according to the LASCO-C2 data. In the top panel, a segment of the streamer belt is
situated nearly in the plane of the sky (December 1, 2000, 20:31 UT; W limb); in the bottom panel, a segment of the streamer
belt is normal to the plane of the sky (May 5, 1996, 11:06 UT; W limb).
5. STRUCTURE OF THE CROSS SECTION
OF THE STREAMER BELT

To investigate the structure of the cross section of
the streamer belt in more detail, we consider a fairly
extended segment of the streamer belt (about 15 days,
or δΨL ≈ 180◦) typical of the solar-activity minimum,
normal to the plane of the sky, near the equator (a lat-
itude of λ ≈ −2◦. . .− 5◦), at the western limb during
April 27–May 11, 1996, in the absence of the action
of coronal transients (i.e., CMEs).Whenever we need
to separate time variations in the brightness and lat-
itude of the rays due to nonstationary processes from
variations due to the solar rotation, we will compare
the measured dependences of the ray-brightness am-
plitude PR(ΨL) on the apparent latitude of the ray
positionΛ(ΨL) at a heliocentric distance ofR = 4R�
with the corresponding dependences calculated for
the same case using formulas (3) and (4) from [17]
with α ≈ 5◦ and formula (5) from [8].

Figures 2 and 3 show the measured profiles at the
western limb, Π(Λ), in units of Pmsb for successive
times from April 27 to May 11, 1996 and for R =
4R�. The dependence Π(Λ) occupying the smallest
angular size is that for April 27, 1996 (21:14 UT)
in Fig. 2. This angular size is d ≈ 2◦ at a level of
one-third of the amplitude; i.e., nearly equal to the
characteristic minimum size of a ray of enhanced
brightness in the streamer belt. We denote this dis-
tribution Π◦(Λ) and take this form of the distribution
to correspond to the brightness profile of an individual
ray, in order to represent all other profiles Π(Λ) as
combinations of two functions Π◦(Λ) with possibly
different brightness amplitudes PR. These functions
are shown in Figs. 2 and 3 by the light dashed curves.
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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Fig. 2. One-dimensional brightness functions Π(Λ) at
R = 4R� for successive times from April 27 to May 4,
1996 (W limb; LASCO-C2 data; solid lines). The
streamer belt is normal to the plane of the sky. The dot–
dashed line in the vertical directionand shows the position
of the apex of the helmet (the neutral line) the dashed lines
the positions of the apices of the two rays.

We can see that most of the distributions Π(Λ) cor-
respond fairly well to a sum of two closely spaced
functionsΠ◦(Λ)with different brightness amplitudes,
which we denote Ray+ and Ray−. The peaks of the
distributions Π◦(Λ) for these two rays at successive
times are connected by the two bold dashed curves.
The dot–dashed line between them indicates the ap-
proximate position of the apex of the helmet, or the
neutral line (to within ≈ ±(1◦−2◦)).

The dynamics of the ray and helmet brightnesses
are quite pronounced in the differenced images of the
corona for the time intervals t− t◦ labeled on each
plot.

The helmet is clearly visible in Figs. 4a, 4b, and
4d. The position of the helmet apex (neutral line)
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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is shown by the white dashed arrow. The helmet is
virtually invisible in Fig. 4c. However, this does not
mean it is absent; its weakness is due to the fact
that the brightness variations in the rays during the
considered period, t− t◦, substantially exceeded the
brightness variations in the helmet. The absence of
one ray in Figs. 4a and 4c (April 27 and 29, 1996) is
also due to the strong difference in the ray-brightness
variations during the intervals t− t◦ labeled in these
plots. Thus, Figs. 4c and 4a show the most sub-
stantial brightness variations (enhancement of the
additional plasma streams) in Ray+ and Ray−. The
brightness variations are nearly the same in both rays
in Fig. 4b, and the largest brightness changes take
place in the helmet, which has the highest brightness.
According to [17], a brightness increase or decrease
in the rays reflects the enhancement or weakening of
the additional plasma streams from the Sun. Starting
from May 8, 1996 (Fig. 3), the angular distance be-
tween Ray+ and Ray− increases. The reason for this
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can be understood from the latitudes Λ of the bright-
ness maxima in Ray+ (solid circles) and Ray− (open
circles) and their brightness amplitudes PR/Pmsb as
functions of time (or longitude ΨL(Λ)), which are
shown in the upper and lower graphs in Fig. 5, re-
spectively.

The latitude of the curve for Ray+ from April 30
to May 11, 1996 in the upper graph in Fig. 5 (solid
circles) is nearly constant: Λ ≈ −2◦ ± 1◦. It experi-
ences only minor fluctuations≈±1◦ (smaller than the
angular size of the ray d), in disagreement with the
calculated curve for an individual ray whose latitude in
the plane of the sky is λ = −2◦ (the dashed curves in
the upper graph in Fig. 5 are computed for an isolated
ray for λ = 1◦, 2◦, 3◦, 4◦, 5◦). Therefore, in this case,
the streamer belt is formed by a set of rays with similar
brightness amplitudesPR separated by≈5◦, probably
of the type presented in Fig. 1. Ray+ is missing
during April 27–29, 1996. It is likely that no bright
rays were present at that time within several tens of
degrees of the plane of the sky along the belt.

The situation for the Ray− curve (open circles)
from April 27 to May 7, 1996 is similar to that for
the Ray+ curve—the latitude of the ray experiences
only small fluctuations ≈±1◦ about Λ ≈ −5◦. How-
ever, the behavior of this curve during May 8–11,
1996 is in fairly good agreement with the calculated
curve for an isolated ray with λ = −5◦. . . −4◦ (to
within ≈±1◦). This may indicate that, starting from
May 8, essentially only one bright ray was present
within several tens of degrees of the plane of the sky
along the belt. The segment of the Ray− brightness-
amplitude curve for May 8–11, 1996 (open circles
in the lower graph) differs considerably from the cal-
culated (dashed) curve for an isolated ray with λ =
−5◦. Therefore, the brightness of the isolated Ray−
was time dependent during May 8–11, 1996. It is
noteworthy that the apparent latitude Λ increased by
about 2◦ at the end of April 30, 1996 simultaneously
for Ray+ (solid circles) and Ray− (open circles); see
upper graph in Fig. 5. To all appearances, this can
be considered a manifestation of a real latitude bend
of the streamer belt as a whole. Thus, our analysis
allows us to identify:

(a) two rows of rays (Ray+ and Ray−) throughout
most of the belt (from April 30 to May 11, 1996),

(b) a latitude bend of the streamer belt as a whole
(at the end of April 30, 1996; upper graph in Fig. 5).

Based on comparisons of calculations with ob-
servations, Wang et al. [19, 20] suggested that the
observed two-ray structure of the streamer belt could
result from small-scale bends of the belt. In this case,
the neutral line should follow these bends and run
through the ray-brightness maxima. However, in our
view, the results presented above enable us to distin-
guish the fairly rare situations in which the belt bends
ASTRONOMY REPORTS Vol. 49 No. 1 2005
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from themore typical situation when the cross section
of the streamer belt is formed by two rays of enhanced
brightness, with the neutral line running between the
two closely located rows of these rays.

The spatial ray pattern of the streamer belt sug-
gested by the above results is shown schematically in
Fig. 6.

6. DISCUSSION
The quasistationary structure of the streamer belt

in the form of a set of pairs of enhanced-brightness
ASTRONOMY REPORTS Vol. 49 No. 1 2005
rays, as is shown in Fig. 6, is rather surprising and
requires discussion. First of all, recall that the rays
remain essentially radial, so that their angular size,
d ≈ 2◦−3◦, is preserved at least in the range of helio-
centric distances from R ≈ (5−6)R� to R ≈ 30R�.
At distances of R < (3−4)R�, i.e., below the helmet
apex, the adjacent rays of a pair pass around either
side of the helmet as they approach the solar surface.
The angular sizes of the rays in this region also re-
main constant, d ≈ (2◦−3◦) [15]. Since the coronal
plasma has a high conductivity, the observed bright-
ness distribution within each ray and the difference
between adjacent rays in the time variations of their
brightnesses provide evidence that each ray is isolated
from its neighbors, which can be brought about only
by the magnetic field. Thus, the rays are magnetic
tubes, which may originate in the boundaries be-
tween supergranules [8]. This possibility is supported
by the coincidence of the ray angular size d with
the characteristic angular size of the supergranules,
≈2.0◦−2.5◦. Note that the plumes forming the flows
in coronal holes are also magnetic tubes whose bases
have diameters of d ≈ 2◦−3◦. However, in contrast to
the magnetic tubes in the streamer belts, the brushes
exhibit a super-radial divergence [21, 22], and their
angular size varies from ≈2.5◦ at R ≈ 1.05R� to
≈7.0◦ atR ≈ 5R�, and further to≈15◦ atR ≈ 15R�
(where it exceeds the size of a supergranule by more
than a factor of six [22]). It is quite plausible that the
nature of the flows in both the streamer belts and
coronal holes is controlled by the character of the
streams in the magnetic tubes forming these flows.
It also follows that the nature of the ray pattern of
the streamer belt may be closely related to the na-
ture of the supergranules at the solar surface. At the
same time, the two-ray structure of the streamer belt
may result from the development of an instability. In
particular, Gubchenko et al. [23] have shown in a
kinetic approach that, in streamer-belt-type current
systems, the development of the so-called tearing and
stratification instability can lead to the formation of a
set of magnetic-tube (ray) pairs along the belt, which
resemble the observed rays. If this is correct, we are
dealing with collective properties of rarefied plasmas
manifest via the formation of structures on cosmic
scales.

7. CONCLUSIONS
(1) We have confirmed the previous result that the

streamer belt is formed of a set of rays of enhanced
brightness.

(2) The cross section of the streamer belt is fre-
quently observed in the form of two closely spaced
rays with different brightnesses. It is difficult to ex-
plain this phenomenon as a consequence of an ordi-
nary bend of the belt. We suggest that, in the general
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Fig. 6. Schematics of the spatial ray pattern of the coronal streamer belt (left) and the cross section (AA) of the streamer belt
(right). The magnetic field is directed away from the Sun (+) in the light rays of the upper row of the streamer belt and toward
the Sun (−) in the dark rays of the lower row. The apex of the helmet is labeled A in the right-hand schematic.
case, the belt is formed of a set of pairs of rays of
enhanced brightness (or two closely spaced rows of
rays). The distance between the rays in each pair is
comparable to the ray size d. In general, the rays in
any pair can have different brightnesses, and will have
opposite magnetic polarities. Therefore, a neutral line
of the radial component of the solar magnetic field
probably runs along the belt between each pair of rays.
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