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Abstract—During the GRIF experiment onboard the Mir orbiting station, the sky was monitored
with a PX-2 wide-field (∼1 sr) scintillation X-ray spectrometer to detect bursts in the photon energy
range 10–300 keV. Because of the comprehensive instrumentation, which, apart from the X-ray and
gamma-ray instruments, also included charged-particle detectors, the imitations of astrophysical bursts
by magnetospheric electron precipitations and strongly ionizing nuclei were effectively filtered out. It
was also possible to separate solar and atmospheric events. Several tens of bursts interpreted as being
astrophysical were detected in the experiment at sensitivity levels S ∼ 10–7 erg cm−2 (for bursts whose
spectra were characterized by effective temperatures kT ∼ 100 keV) and S ∼ 3 × 10–8 erg cm−2 (for
bursts with kT ∼ 25 keV). Some of the soft gamma-ray or hard X-ray bursts with kT ∼ 10–50 keV were
identified with the bursting pulsar GRO J1744–28. Our estimate of the detection rate for cosmological
soft gamma-ray or hard X-ray bursts from the entire sky suggests that the distributions of long-duration
(>1 s) gamma-ray bursts (GRBs) in characteristic energy kT and duration are inconsistent with the
steady-state cosmological model in which the evolution of burst sources is disregarded. Based on GRIF
and BATSE/CGRO data, we conclude that most of the GRB sources originate at redshifts 1 < z < 5.
c© 2003 MAIK “Nauka/Interperiodica”.
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INTRODUCTION

The most complete results to date on the statis-
tics of gamma-ray bursts (GRBs) have been ob-
tained from BATSE observations at the Compton
Gamma-Ray Observatory (CGRO) mainly for the
energy range 0.05–1 MeV (the main results of other
experiments, in particular, KONUS observations on
the Venera spacecraft also refer to this energy range).
As regards the distribution in spectral hardness (ef-
fective temperature kT ), most of the GRBs detected
in the BATSE/CGRO experiment are known to have
kT > 50 keV (Paciesas et al. 1999a, 1999b). Be-
low, such GRBs are called typical ones. Whether the
relatively small number of soft bursts in the popula-
tion of typical GRBs reflects their true kT distribu-
tion or is the result of selection related to the high
energy threshold in most experiments (the nominal
BATSE/CGRO energy threshold is 20 keV; the ac-
tual triggering threshold is 50 keV) is still an open
question (Paciesas et al. 2001). In any case, the
BATSE data themselves, which contain information
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on the so-called GRBswithout gamma-ray radiation,
i.e., the bursts detected only in the first two channels
(in the energy range 20–100 keV), indicate that the
population of soft gamma-ray or hard X-ray bursts
may exist. BATSE/CGRO data on the GRB dura-
tions suggest that two groups of bursts differing in
characteristic durations ∆t can be separated: rela-
tively short (∆t < 1 s) and longer ∆t > 1 s) bursts
(Koshut et al. 1996; Kouveliotou et al. 1993).
It should be noted that recurrent bursts from

the same source are not characteristic of typical
GRBs. At the same time, events that occur in the
same source can contribute to the population of
soft gamma-ray or hard X-ray bursts. Thus, the
observations carried out in recent years on various
spacecraft (Venera, Prognoz, Granat, CGRO) have
revealed several recurrent sources of relatively soft
GRBs, the so-called soft gamma-ray repeaters. The
latter differ in their morphological properties from
the main population of typical GRBs (Mazets et al.
1981; Kouveliotou et al. 1994, 1998, 1999; Hurley
et al. 1999). In particular, they are generally short
and exhibit relatively soft spectra (with an effective
temperature kT ∼ 30–40 keV). Neutron stars with
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280 KUDRYAVTSEV et al.
strong magnetic fields (magnetars), which form an
independent class of Galactic objects, are currently
believed to be the sources of recurrent GRBs (Dun-
can and Thomson 1992; Vasisht and Gotthelf 1997).
This class significantly differs from the population of
typical GRB sources, which, in turn, are associated
with processes at cosmological distances (Paczyns-
ki 1986; Kulkarni et al. 1998).
In cosmological models, the origin of GRBs is

associated with processes at the final evolutionary
stages of massive stars, such as the collapse of a
massive star (MacFadyen et al. 2001) or the merging
of neutron stars (Eichler et al. 1989; Janka et al.
1999). Therefore, cosmological scenarios suggest
that the GRB rate, to a certain extent, reflects the
star-formation history up to high values of z ∼ 20
(Totani 1997; 1999; Wijers et al. 1998; Blain and
Natarajan 2000; Barkana and Loeb 2001). Because
of the cosmological redshift, one might expect the
bursts that occur at high z to be observed as softer
GRBs—the so-called Mallozzi effect (the anticor-
relation between spectral hardness and intensity;
Mallozzi et al. 1995). Since the GRB rate in most
cosmological models is assumed to be at a maximum
at the epoch of primordial star formation, one might
expect an increase in the observed direction rate of
both dimmer and softer bursts. Models that predict
the highest burst rate at z = 1–5 (Lipunov et al.
1993), which corresponds to the maximum star-
formation rate inferred by Madau et al. (1998) and
Hughes et al. (1998), and models in which the burst
rate is also high at epochs corresponding to z > 5
(Bromm and Loeb 2002; Donaghy et al. 2002) are
considered. In essence, what values of z correspond
to the maximum GRB rate and whether the GRB
sources refer to the epoch of primordial star formation
are still open questions.
Searches for the population of soft (i.e., with kT <

50 keV) cosmic bursts are of current interest in fur-
ther studying the events mentioned above. Statistical
characteristics of such bursts, in particular, their dis-
tributions in spectral hardness and duration, can give
answers to the following questions: Is there a bound-
ary between the bursts from gamma-ray repeaters
and the typical GRBs and over what morphological
burst characteristics does it pass? Do soft GRBs
unrelated to repeaters exist? Are there actually several
separate groups in the population of typical GRBs? In
connection with the last question, it should be noted
that all of the results that provide evidence for the cos-
mological nature of GRBs, based on the identification
of their sources by afterglows (Costa et al. 1997;
Van Paradijs et al. 1997; Frail et al. 1997) and on
the analysis of statistical dependences, such as the
dilatation effect (Norris et al. 1994; Mitrofanov 1998)
and the Mallozzi effect, have been obtained precisely
for the group of relatively long bursts (∆t > 1 s).
As regards the shorter bursts, no data that would
strongly suggest that they belong to the population
of objects at cosmological distances have yet been
obtained. In light of the aforesaid, investigating the
separate population of soft GRBs is important both
for further progress in understanding the nature of
typical GRBs and for studying magnetars, a new type
of astrophysical object.
Here, based on the data obtained during the mul-

tipurpose GRIF experiment onboard the Mir orbit-
ing station, we study the morphological and statisti-
cal characteristics of soft gamma-ray or hard X-ray
bursts. The distinctive features of this experiment are
a high sensitivity (∼3 × 10–8 erg cm−2) and a low
burst photon detection energy threshold (∼10 keV),
which allow not only typical GRBs but also softer
events to be observed.

THE OBSERVING TECHNIQUE FOR
COSMIC X-RAY AND GAMMA-RAY BURSTS

IN THE GRIF EXPERIMENT

The GRIF experiment was carried out on the
Spectrum module of the Mir orbiting station (an
average altitude of ∼400 km, an orbital inclination
of 51◦, and a revolution period of ∼90 min) from
October 1995 through June 1997 (Kudryavtsev et al.
1995, 1996; Bogomolov et al. 1997).
To search for and analyze hard X-ray and gamma-

ray bursts from astrophysical objects, we used data
from the PX-2 directional scintillation spectrom-
eter: the observed photon energy range is ∆Eγ =
10–300 keV; the effective area in various energy
ranges is S ∼ 300 cm2 (20–100 keV), S ∼ 200 cm2

(100–200 keV), and S ∼ 100 cm2 (200–300 keV);
and the field of view is Ω ∼ 1 sr. This instrument con-
sisted of seven identical detector units and an elec-
tronic data processing and transformation system.
The detectors were based on phoswich: a CsI(Na)
crystal (0.35 cm in thickness, 8.0 cm in diameter)—
an anticoincidence cap of a plastic scintillator viewed
(from the lead glass) by the same photomultiplier as
the CsI(Na) crystal.
During the entire experiment, we measured the

5-s-averaged count rates of X-ray photons in the
energy ranges 10–50, 25–50, 50–100, 100–200, and
200–300 keV and of accompanying charged parti-
cles. Additional data output was provided in the 10–
50, 25–50, and 50–100 keV channels, which made
it possible to measure the count rates with a time
resolution of 2.5 s. The PX-2 instrument and its
location and orientation were described in more detail
previously (Kudryavstev et al. 2002).
The potentialities of the GRIF experiment in de-

tecting astrophysical bursts can be assessed from the
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OBSERVATIONS OF SOFT GAMMA-RAY OR HARD X-RAY BURSTS 281
background count rates in the PX-2 X-ray channels.
A 5σ criterion was used to select bursts. Given the
measured background count rates in the energy range
25–100 keV (∼100 counts s−1), the count-rate inte-
gration time (5 s), and the effective area∼300 cm2 for
a burst with a standard duration of 5 s and an optically
thin plasma spectrum

dJ/dE = J0(E0/E) exp(−E/kT ) (1)

with kT = 25 keV, the threshold burst fluence is
∼3 × 10−8 erg cm−2 (for a typical GRB with kT =
100 keV, the corresponding value is∼10−7 erg cm−2;
i.e., it corresponds to the BATSE/CGRO sensitivity
threshold).
Based on our estimates, we may conclude that

the threshold burst fluences reached in the experi-
ment with the PX-2 instrument are lower than those
reached with the BATSE instrumentation for soft
bursts (kT < 50 keV). For bursts with kT > 50 keV,
the two experiments have a similar sensitivity.

RESULTS OF THE GRIF OBSERVATIONS
OF SOFT GAMMA-RAY OR HARD X-RAY

BURSTS

When selecting candidates for astrophysical
bursts, apart from the 5σ criterion for the peak 25–
100 keV intensity, we used two additional conditions:
(1) an increase in the X-ray channels should not be
accompanied by a rise in the corresponding electron
fluxes and (2) a statistically significant increase in the
count rate should be recorded by at least two of the
seven detectors. The first condition eliminates the im-
itations of astrophysical X-ray and gamma-ray bursts
by the bremsstrahlung of precipitating magneto-
spheric electrons. Such precipitations were controlled
with the FON-1 sensitive energetic-electron detector
in the GRIF instrumentation. This detector could
record electron fluxes with energies of several hundred
keV at a level≥10–1 cm–2 s–1 sr–1 in all segments of
the Mir orbit outside the zones of trapped radiation.
The second condition allows the burst imitations
due to the exposure of the scintillation crystals to
highly ionizing particles, mostly heavy nuclei, to
be removed. Because of the specific PX-2 detector
arrangement, the probability of a nucleus passing
through two detectors is negligible. Nevertheless,
in order to exclude this possibility of imitations as
well, we imposed a more stringent condition when
selecting the bursts being analyzed here: only the
events for which statistically significant increases
in the count rates of three neighboring detectors
were recorded were considered as candidates for
astrophysical bursts.
As a result, we selected several tens of events that

satisfied the above criteria. For these events, we chose
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Fig. 1. The distribution of astrophysical bursts detected
during the GRIF experiment in kT (the effective tem-
perature in the optically thin plasma spectral representa-
tion (1)): (a) on the Mir space station and (b) on the
Prognoz-9 station (Kudryavtsev and Svertilov 1988)

a spectral representation in the form (1). To determine
the parameter kT , the peak flux in a given energy
range, and the spectral flux density at a certain energy
J(E = E0), we used special instrumental functions
that related the spectral parameters and count rates
in different channels of the instrument (Kudryavtsev
et al. 2002). In this approach, the error in kT can be
systematic in nature and, to a large extent, is deter-
mined by the form of the instrumental function, which
relates kT to the ratio of the count rates in adjacent
energy ranges. The statistical scatter of count rates
in the channels also contributes to the error in kT .
For the bursts detected at the sensitivity threshold
(i.e., near the 5σ level), the mean statistical error in
kT is ∼20% for kT = 10–30 keV, ∼30% for kT =
30–50 keV, and ∼50% for kT = 50–100 keV.
The bursts selected by the above criteria are char-

acterized by kT in the range from ∼10 to ∼500 keV.
The solar origin of these bursts can be ruled out,
because no manifestations of solar flaring activity
were observed when the events were recorded (Cof-
fey 2001). Therefore, these bursts are considered be-
low as candidates for astrophysical bursts from GRIF
data. Their kT distribution is shown in Fig. 1a. Fig-
ure 1b shows the kT distribution (in a spectral repre-
sentation of the type (1)) of astrophysical bursts de-
tected during an experiment onboard the Prognoz-9
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Table

Burst detection
date, UT

Dura-
tion, s kT , keV Fluence at

>25 keV, erg cm−2
Peak 25–50 keV flux,
phot cm−2 s−1

Burst detection date
in other experiments

951108 11h35m03s ∼8.7 70 ± 30 (1.0 ± 0.4) × 10−7 (6.6 ± 1.2) × 10−2 GRB
951111 09 42 06 15–20 500 ± 200 (2.1+2.0

−1.0) × 10−5 (4.7+4.7
−2.3) × 10−1 GRB, KONUS/WIND,

951111 09h42m40s

951201 09 00 59 ∼19.2 15 ± 3 (6.8+6.0
−3.0) × 10−7 (5.5+5.5

−2.7) × 10−1 –
951227 14 11 11 ∼ 9.0 10.0 ± 2.0 (6.9 ± 5.0) × 10−7 (2.4+2.5

−1.2) × 100 KONUS/WIND,
95122714h11m57s

GRO J1744-28
951227 17 15 52 ∼25.5 24 ± 5 (1.6+1.6

−0.8) × 10−6 (2.6+2.6
−1.3) × 100 KONUS/WIND,

951227 17h16m39s GRO
J1744-28

960102 00 10 34 ∼9.0 18 ± 3.5 (1.8 ± 0.7) × 10−7 (6.7 ± 1.3) × 10−1 KONUS/WIND,
960102 00h12m31s

GRO J1744-28
960102 03 04 02 ∼3.7 14 ± 3 (9.4 ± 3.0) × 10−8 (3.3 ± 0.7) × 10−1 KONUS/WIND,

960102 03h11m01s GRO
J1744-28

BATSE burster,
960102 03h10m00s

960102 04 43 51 ∼12.4 28 ± 5.5 (5.0 ± 4.0) × 10−7 (1.4 ± 1.0) × 100 –
960103 13 55 39 ∼9.0 13 ± 2.5 (1.2 ± 0.5) × 10−7 (4.0 ± 0.8) × 10−1 –
960103 17 00 03 ∼9.0 22 ± 4.5 (1.7 ± 0.7) × 10−7 (1.4 ± 0.3) × 10−1 KONUS/WIND,

960103 17h00m08s

GRO J1744-28
960103 18 22 46 ∼5.1 10.5 ± 2.0 (8.0 ± 3.0) × 10−8 (3.7 ± 0.7) × 10−1 KONUS/WIND,

960103 18h22m22s

GRO J1744-28
BATSE burster,
960103 18h22m00s

960103 20 10 49 ∼14.1 15 ± 3 (5.0 ± 4.0) × 10−7 (5.0 ± 3.0) × 10−1 KONUS/WIND,
960103 20h10m30s

GRO J1744-28
960105 15 36 39 ∼9.0 20.5 ± 2.0 (1.4 ± 0.3) × 10−7 (3.7 ± 0.7) × 10−1 –
960117 07 45 46 ∼1.4 60 ± 10 (1.7+1.7

−0.8) × 10−5 (6.8+6.8
−3.2) × 101 GRB

960123 12 06 42 ∼20.4 300 ± 100 (5.0 ± 1.0) × 10−6 (1.0 ± 0.2) × 10−1 GRB, KONUS/WIND,
961123 12h07m21s

BATSE/CGRO
(nontriggered event),
961123 12h07m18s

960128 18 18 13 ∼2.2 125 ± 40 (1.9 ± 0.6) × 10−7 (2.5 ± 0.2) × 10−1 GRB
960201 05 22 20 ∼1.7 13 ± 2.5 (4.5 ± 2.0) × 10−8 (5.0 ± 1.0) × 10−1 –
960315 14 59 32 ∼1.3 20 ± 4 (2.0+2.0

−1.0) × 10−6 (2.0+2.0
−1.0) × 101 –

961118 23 33 21 ∼2.7 20 ± 4 (5.0+5.0
−2.5) × 10−7 (2.5+2.5

−1.2) × 100 –
970108 17 56 38 ∼7.0 15 ± 3 (9.0 ± 4.0) × 10−8 (3.8 ± 0.7) × 10−1 –
970108 20 53 55 ∼6.4 20 ± 4 (2.7 ± 2.0) × 10−7 (1.2 ± 0.7) × 100 BATSE bursting pulsar,

970108 20h53m00s

970109 21 32 23 ∼5.1 38 ± 10 (5.5 ± 3.5) × 10−7 (6.0 ± 0.4) × 10−1 –
970110 00 28 48 ∼ 9.0 22.5 ± 4.5 (6.0 ± 4.0) × 10−7 (1.1 ± 0.7) × 100 –
970601 19 19 02 ∼51 100 ± 10 (3.5 ± 2.0) × 10−5 (2.7 ± 1.6) × 100 GRB, KONUS/WIND,

970601 19h19m30s
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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station (Kudryavstev and Svertilov 1988). Note that,
despite the poor statistics, the two distributions are
similar to within details. The salient feature of the
two distributions is a statistically significant number
of events with kT in the range 10–50 keV. Below,
the bursts with kT ∼ 10–50 keV and kT > 50 keV
are called soft gamma-ray or hard X-ray bursts and
typical GRBs, respectively.
Thus, a total of 24 bursts that satisfied the con-

dition kT >10 keV, i.e., those belonging to hard X-
ray or gamma-ray bursts and typical GRBs, were de-
tected in the GRIF experiment. The basic parameters
of these bursts are given in the table.
In those cases where an event fitted into a single

bin in the time series (i.e., its duration was shorter
than 5.1 s), we used a comparison of the count rates
measured by the following two independent methods
to estimate the duration: using a digital-to-analog
converter whose output gave the number of pulses
in a given time interval (NDAC) and a log-counting
ratemeter (frequency meter) whose readingsNINT are
related toNDAC by

NRATE = NDAC(1 − exp(−∆t/τ)), (2)

where∆t is the duration of the increase and τ ∼ 5 s is
a parameter that characterizes the temporal proper-
ties of the ratemeter. Relation (2) was experimentally
tested during ground-based calibrations of the PX-
2 instrument by simulating a burst by an oscillator
pulse packet. To within the statistical scatter, it holds
for pulse packets with a duration up to 0.5 s.
We determined the fluence S (>25 keV) from the

spectral flux density integrated over the burst duration
at energy 25 keV and the parameter kT . For a more
accurate determination of S, we estimated the offset θ
of the burst sources from the PX-2 axis. The ratio of
the dispersions of the count rates measured with indi-
vidual detectors, σi, to the value N̄ averaged over all
detectors can be used as a measure of this offset. This
ratio was calculated for various offsets and azimuthal
directions by assuming that the difference between
the count rates of individual detectors is attributable
to geometric factors only (different relative exposed
areas). Averaging over various azimuthal directions
yielded the function σi/N̄ (θ) that was used to deter-
mine the offset θ.
Among the candidates for astrophysical bursts

listed in the table, the six hardest (kT > 50 keV)
bursts have previously been interpreted as typical
GRBs (Kudryavtsev et al. 2002). At least three of
them were observed in other experiments:
BATSE/CGRO (Kommers et al. 2001) and
KONUS/WIND (Golenetskii 2002). Among the
18 bursts that belong to the category of soft gamma-
ray or hard X-ray bursts, eight were reliably identified
ASTRONOMY LETTERS Vol. 29 No. 5 2003
with bursts from the bursting pulsar GRO J1744–
28 (Kouveliotou et al. 1996), which were also de-
tected in the BATSE/CGRO (Briggs 2002) and
KONUS/WIND (Golenetskii 2002) experiments.
As follows from the data presented in the table,

most of the soft gamma-ray or hard X-ray bursts
were detected during the GRIF experiment in late
December 1995–early January 1996 (ten bursts) and
in January 1997 (four bursts). During these periods,
the bursting pulsar GRO J1744–28 was within the
PX-2 field of view (Kouveliotou et al. 1996). Two
periods of bursting activity in this pulsar are known to
have been observed: from December 2, 1995, through
May 1996 and from December 1, 1996, through
April 1997. In January 1996 and January 1997,
the bursting activity of this source was high and
reached ∼40 bursts per day (Aptekar et al. 1998;
Woods et al. 1999). In their morphological param-
eters (kT ∼ 10–20 keV, duration ∼10 s, fluence
∼10−7 erg cm−2), the bursts detected during the
GRIF experiment in January 1996 and January 1997
also closely correspond to the bursts from
GRO J1744–28.Moreover, even the tendency pointed
out by Woods et al. (1999) for the burst duration
to decrease during the second outburst of activity
(on average, less than 10 s) compared to the burst
duration during the first outburst of its activity (on
average, more that 10 s) can be traced. Thus, al-
though only eight bursts were reliably identified with
the pulsar GRO J1744–28 (see the table), we can
assume with a high confidence that all of the 14 soft
gamma-ray or hard X-ray bursts detected during the
GRIF experiment in December 1995–January 1996
and in January 1997 are associated with the transient
pulsar GRO J1744–28. Therefore, only four bursts
observed during the periods when either no objects
similar to soft gamma-ray repeaters were within the
PX-2 field of view or their activity was low can be
considered as a kind of extension of the population
of typical GRBs to kT < 50 keV. In this case, we
cannot rule out the possibility that these bursts could
be associated with as yet unidentified objects similar
to soft gamma-ray repeaters or bursting pulsars, and
it is appropriate to talk about the upper limit on the
rate of soft cosmological GRBs obtained in the GRIF
experiment.

DISCUSSION AND CONCLUSIONS

Let us consider in more detail the question of what
additional information the GRIF experiment can give
when discussing the cosmological nature of GRBs.
Astrophysical bursts detected during the GRIF

experiment onboard theMir space station and GRBs
from the 4BBATSE catalog (Meegan et al. 1996) are



284 KUDRYAVTSEV et al.

 

0

 

1

2

 

0 2–2

40

80

 
N

 

log

 

∆

 

t

 

, s

(b)

0.8

1.6

2.4

0 2–2

 

1 2

 

(a)
lo

g
 

kT
 

, k
eV

Fig. 2. (a) The spectral hardness–duration diagram for
astrophysical bursts detected in the GRIF experiment
onboard the Mir space station (1) and GRBs from the
4B BATSE/CGRO catalog (2). The lines bound the re-
gion of typical long-duration (>1 s) GRBs. (b) The GRB
duration distribution constructed from BATSE/CGRO
data (1) and the duration distribution of astrophysical
objects detected in the GRIF experiment (2).

marked in the spectral hardness–duration diagram in
Fig. 2a. The standard quantity T50 (Meegan et al.
1996) was used as a measure of the duration ∆t for
GRBs from the BATSE catalog, while the kT values
were determined from the ratio of the fluences in the
energy ranges 20–50 and 50–300 keV under the
assumption of a 100% detector efficiency. Figure 2b
shows the distribution folded in kT , i.e., the differ-
ential burst duration distribution. The distributions
shown in Fig. 2 reflect the existence of two groups
of bursts: relatively hard short (∆t < 1 s) and, on
average, softer and long (∆t > 1 s) bursts.
As we see from Fig. 2, the durations of most of the
astrophysical bursts with kT in the range 10–50 keV
detected during the GRIF experiment lie within the
range 2–30 s; i.e., they correspond to the group of
long-duration bursts. This suggests that, probably,
most of the soft gamma-ray or hard X-ray bursts
observed during theGRIF experiment are not cosmo-
logical, because, otherwise, their durations would be,
on average, longer than those of the GRBs detected
during the BATSE/CGRO experiment. Neverthe-
less, when recalculated to the entire sky, the number
of soft gamma-ray or hard X-ray bursts detected
during the GRIF experiment that were definitely not
identified with known Galactic sources can be con-
sidered as an upper limit on the number of observed
cosmological soft GRBs, i.e., bursts that can belong
to the extension of the population of typical GRBs to
kT < 50 keV. Taking into account the data shown in
Fig. 2, we will compare only the events that belong
to the group of long-duration (∆t > 1 s) GRBs in the
context of our subsequent analysis.
For objects at cosmological distances, the ob-

served quantities ∆tobs and kT obs, which character-
ize the duration and spectral hardness (characteristic
energy), respectively, are known to be related to the
corresponding values of∆t0 and kT0 in the source via
the factor 1 + z, where z is the cosmological redshift.
Therefore, if the burst spectra and durations in the
source were identical and if the observed spread of
bursts in kT and ∆t were attributable to the cosmo-
logical redshift and dilatation effects, then the distri-
bution in kT and ∆t would reflect the z distribution
of bursts sources. Clearly, the number of observed
bursts with kT larger than a given value is determined
by the observable number of bursts sources N(<z)
located at distances within the volume specified by z

that corresponds to the kT0/kT obs ratio

N(>kT ) = N(<z = kT0/kT − 1). (3)

Figure 3 shows the integral kT distributions of
astrophysical bursts detected during theGRIF exper-
iment (except for the bursts that were reliably identi-
fied with GRO J1744–28) and long-duration (∆t >
1 s) GRBs from the 4B BATSE catalog. These dis-
tributions were recalculated to take into account the
burst detection efficiency from the entire sky and were
normalized to the same exposure time (one year). To
estimate the burst detection efficiency from the entire
sky during the GRIF experiment, we used the ratio of
the solid angle that characterizes the PX-2 geometric
field of view (∼1 sr) to 4π sr. It should be noted
that adding the group of short-duration (∆t < 1 s)
bursts does not change the pattern of the distribution,
because long-duration events account for most of the
GRBs detected during the BATSE/CGRO experi-
ment.
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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Figure 3 also shows the distributions N(>kT )
constructed for various kT0 using the simplest cos-
mological model (Ωm = 1, ΩΛ = 0) in which the
source evolution is disregarded (the number of bursts
Q formed per unit time in a unit element of the
comoving volume does not depend on z). The values
of N(>kT ) were calculated using relation (3) from
N(<z), which were determined from the standard
formula that specifies the number of bursts observed
in a time interval∆t

N(<z) =

z∫

0

Q(z′)
∆t

(1 + z′)
dV

dz′
dz′, (4)

where dV/dz is an element of the comoving vol-
ume and Q is the number of bursts formed per unit
time in a unit element of the comoving volume (as
was pointed out above, we consider a nonevolutional
model, i.e.,Q = const).

The N(>kT ) dependences shown in Fig. 3 were
computed for several values of kT0 (indicated in the
figure) and normalized to the number of bursts with
durations >1 s observed during the BATSE/CGRO
experiment, which corresponds to z < 0.5 (under the
above assumptions). The detection rate of soft GRBs
from the entire sky estimated in the GRIF experiment
allows the observed distribution N(>kT ) keV to be
extended to kT < 50 keV. Of course, given the above
remarks, this estimate can be considered only as an
upper limit of the burst detection rate if the nature
of the bursts with kT < 50 keV is assumed to be
the same as that of the typical GRBs. Note that
the GRIF and BATSE/CGRO data on the statis-
tics of typical (kT > 50 keV) GRBs with burst flu-
ences > 10−7 erg cm2 are consistent with each other
(Kudryavtsev et al. 2002). As regards the bursts with
kT ∼ 10–50 keV, their estimated detection rate from
the entire sky, as follows from Fig. 3, suggests that
the BATSE distribution in the parameter that char-
acterizes the spectral hardness of GRBs may actually
reflect their real distribution.

Among the dependences N(>kT ) computed in
terms of the cosmological model that disregards
source evolution, only the dependence obtained for
kT0 = 500 keV agrees with the observed distribution.
However, such a large value of kT0 (given that the
softest GRBs observed in the BATSE experiment
are characterized by kT ∼ 50 keV) implies that the
possible range zmin < z < zmax must correspond to a
ratio (1 + zmax)/(1 + zmin) ∼ 10. However, it can be
shown that this z range for the model that disregards
evolution is in conflict with the burst distributions in
duration and characteristic energy shown in Fig. 2.
Indeed, if the spread of bursts in kT and ∆t were
ASTRONOMY LETTERS Vol. 29 No. 5 2003
 

10

10

 

–1

 

10

 

2

 

10

 

3

 

10

10

 

3

 
10

 
5
 

kT

 

, keV

 

N

 

(>

 

kT

 

)

 

1
23

4
5 6

Fig. 3. The integral distribution of astrophysical bursts
detected during the GRIF experiment onboard the Mir
space station (1) and long-duration (>1 s) GRBs from
the 4B BATSE/CGRO catalog (2) in observed charac-
teristic energy kT . The dependences computed in terms
of a simple cosmological model (Ωm = 1,ΩΛ = 0) with a
uniform (in z) burst rate for kT0 in the source: 500 (3), 300
(4), and 200 keV (5), are also presented. Also shown is
the dependenceN ∼ kT−3 (6), which fits the distribution
(N > kT ) at large kT .

attributable to the cosmological redshift and dilata-
tion effects alone, then, on average, these parameters
would be inversely proportional, which is an obvious
consequence of (3) and (4). In addition, the kT and∆t
ranges would correspond to each other; i.e., the scales
of the relative spread in these quantities would be
equal. At the same time, it follows from the observed
GRB distributions in kT and ∆t (see Fig. 2) that no
correlation can be traced between the duration and
spectral hardness both for individual groups of bursts
and for the entire population of bursts detected in the
BATSE and GRIF experiments. It thus follows that
the spread in duration and spectral hardness, which
could stem from the fact that the sources are located
at distances characterized by different z, is overlapped
by the dispersion of these parameters in the source.
The latter conclusion is also confirmed by the fact
that the ranges of observed durations and spectral
hardnesses do not correspond to each other by more
than three orders of magnitude in duration and about
one order of magnitude in spectral hardness. The
relative boundaries of the possible range zmin < z <
zmax can be determined from the distribution shown in
Fig. 2. The relative change in∆t (or kT ), determined
from (3) and (4), along the anticorrelation straight
lines kT ∼ (∆t)−1, which bound the region where
GRBs are located in the kT − ∆t diagram (see
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Fig. 2), can be taken as an upper limit of the ratio
(1 + zmax)/(1 + zmin). It follows from the figure that,
in particular, the long-duration (∆t > 1 s) bursts
lie mostly within the region along the boundaries of
which the relative change in kT and ∆t is ∼3. Thus,
the following estimate can be obtained for the z range:

1 + zmax

1 + zmin
< 3. (5)

Clearly, estimate (8) does not correspond to the z
range obtained in terms of the nonevolutional model
with kT0 = 500 keV.
The aforesaid is valid only if the deficit of bursts

in the range of low kT (accordingly, high z) is real
rather than the result of a limited sensitivity of the
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(log N– log S) for the burst detection rate from the entire
sky constructed from PX-2 (1) and BATSE/CGRO (2)
data (long-duration, ∆T > 1 s, bursts) and the depen-
denceN(>S) ∼ S−3/2, which holds for a uniform spatial
distribution of sources (3).
experiments. The fact that the GRIF sensitivity is
high enough to justify our conclusion that the region
of burst sources is limited at high z is illustrated by
Fig. 4. This figure shows a two-dimensional diagram
that characterizes the distribution of GRBs detected
during the BATSE and GRIF experiments in fluence
and duration. We see from the figure that for almost
the entire group of long-duration (∆t > 1 s) bursts
detected in the BATSE experiment, their fluences
lie above the GRIF sensitivity threshold, with the
faintest observable bursts in the GRIF experiment
having minimum fluences S ∼ 3 × 10−8 erg cm−2.

Figure 5 shows the fluence distribution
(log N– log S) constructed by including the statis-
tics of soft GRBs. The log N– log S distribution
constructed from GRIF data was recalculated to
the entire sky by using a technique considered in
detail previously (Kudryavtsev et al. 2002). Note
that, as we see from Fig. 4, adding soft GRBs
does not fundamentally change the pattern of the
log N– log S distribution, although this addition
allows the distribution to be extended to lower S,
down to∼10−8 erg cm−2. If the fluence distribution is
assumed to reflect the spatial distribution of sources,
then the spread in observed S is determined by the
corresponding z range.

If the deviation of the distributionN(>S) from the
dependence S−3/2 is assumed to be attributable to
the cosmological effects alone, then z ∼ 1 must cor-
respond to the values of S at which this deviation be-
comes statistically significant (∼2× 10−6 erg cm−2).
According to the standard cosmological relations be-
tween the observed fluence and luminosity in the
source (Zeldovich and Novikov 1975), the faintest
bursts observable in the GRIF experiment with flu-
ences S ∼ 3 × 10−8 erg cm−2 correspond to z ∼ 20;
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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i.e., the GRIF sensitivity margin allows the possible z
range given by estimate (5) to be definitely covered.
To summarize, we can say that the cosmological

model that disregards source evolution is inconsis-
tent with the experimental distribution N(>kT ) for
relatively low values of kT0(<300 keV) and the z
range predicted by this model is in conflict with the
estimate obtained from the combined distribution in
kT and ∆t for high values of kT0 ∼ 500 keV. Thus,
there is reason to reject the model that disregards
source evolution, which, in turn, leads us to conclude
that the GRB rate was, probably, not constant during
the evolution of the Universe; i.e., most of the GRBs
originated at epochs that corresponded to the limited
z range specified by inequality (5). In this case, the
GRB distributions in observed duration and spectral
hardness are essentially determined by the disper-
sions of these quantities in the sources.
The absolute boundaries of the z range can be

chosen by using data on the direct identification
of GRBs with extragalactic objects. The results
available to date suggest that the z values for the
bursts identified with extragalactic objects lie within
the range from ∼0.4 to ∼4.5; z ≥ 1.0 for most of the
identified bursts (Donaghy et al. 2002). Thus, given
constraint (5), the following estimate can be obtained
for the bulk of the population of GRB sources: 1 <
z < 5. It should be noted that this estimate refers only
to the group of long-duration GRBs.
The above estimate matches the range of possi-

ble z values obtained by analyzing the nontriggered
events detected in the BATSE/CGRO experiment
(Kommers et al. 2000). In general, this is not sur-
prising, because the main conclusion drawn from the
GRIF observations of soft GRBs lies in the establish-
ment of the fact that there is no significant selection at
low kT and low fluences in the BATSE data and that
the GRBs detected at the BATSE/CGRO sensitivity
level probably give an exhaustive sample from the
entire population of GRBs. This conclusion is consis-
tent withmost of the theoretical models that associate
the burst rate with the star-formation history. In these
models, the burst rate is highest at z from ∼1 to 5
(Lipunov et al. 1993; Madau et al. 1998; Hughes
et al. 1998; Rowan-Robinson 1999).
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Original Russian Text Copyright c© 2003 by Tikhonov, Makarov.
Correlation Properties of the Galaxies in the Local Supercluster

A. V. Tikhonov1 and D. I. Makarov2*
1Astronomical Institute, St. Petersburg State University, Universitetskii pr. 28, St. Petersburg, 198504 Russia

2Special Astrophysical Observatory, Russian Academy of Sciences, Nizhnii Arkhyz, 369167 Russia
Received October 28, 2002

Abstract—The apparatus of a correlation gamma function is used to analyze the spatial clustering of
galaxies in the Local Supercluster. In particular, we analyzed a sample corrected for the peculiar velocities
of the Local Supercluster galaxies by using our original technique for separating groups of galaxies. It
turned out that the peculiar velocities did not significantly distort the gamma function even for relatively
small sample sizes. The distribution of the galaxies obeys a power-law decrease in density with an index
of 0.6–0.7. We found evidence for a luminosity dependence of the degree of galaxy clustering within the
volume under study. c© 2003 MAIK “Nauka/Interperiodica”.

Key words: galaxies, groups and clusters of galaxies, intergalactic gas.
INTRODUCTION

Galaxy clustering is observed over a wide range
of scales. Describing the form and amplitude of the
clustering of matter on all of the observable scales is of
great importance in reproducing the initial conditions
that led to the observed variety of structures in the
course of evolution.

Tikhonov et al. (2001) showed that a power-law
decrease of the correlation gamma function with an
index of 0.9–1.5 (different for different objects) is
observed in a wide range of scales, from 30 kpc ( the
size of a large galaxy) to 30–40 Mpc. On these scales
(30–40 Mpc), the gamma function constructed from
various samples of galaxies and clusters exhibits a
break. This break implies a change in the clustering
regime: the scales of a more uniform distribution of
the luminous matter are reached. The results were
obtained from various independent samples of galax-
ies, clusters, and superclusters.

Here, we restricted our study to a sample of galax-
ies of the Local Superclaster to trace the pattern of
change in the correlation properties of the distribution
of galaxies within an individual cluster—a structure
that is definitely within a uniformity cell. As is well
known, because of the large peculiar velocity disper-
sion of the cluster galaxies, the cluster turns out to be
highly elongated along the radial coordinate (the so-
called “God’s fingers” on the survey maps of galax-
ies). This observational effect distorts the correlation
properties of the galaxy distribution in space. We can
solve this problem and estimate the extent to which

*E-mail: dim@sao.ru
1063-7737/03/2905-0289$24.00 c©
God’s fingers affect the correlation pattern of the
entire distribution by separating groups of galaxies
(according to a certain criterion) from a galaxy sample
distorted by significant peculiar velocities.

DESCRIPTION OF THE LOCAL
SUPERCLUSTER

John Herschel was the first to describe what we
now call the Local Supercluster. He suggested that
the observed concentration of nebulas forms a spher-
ical system centered on Virgo and that our Galaxy is
one of the peripheral members of this system. De Vau-
couleurs (1953, 1958) was the first to suggest that
the observed concentration is a real spatial structure
in the distribution of galaxies. By analogy with the
distribution of stars in disk galaxies, he called this
structure a Supergalaxy and later changed the name
to the Local Supercluster (de Vaucouleurs 1958),
which has been used until now.

Numerous studies (Tully and Fisher 1987; Lahav
et al. 2000) showed that the Local Supercluster is
a filamentary structure that extends to more than
40h−1 Mpc and is roughly centered on the Virgo clus-
ter of galaxies. Galaxies are concentrated into several
clusters (the most prominent of which are Virgo, Ursa
Major, and Fornax), groups, and filaments, which
outline nearby voids. The Local Group lies on the
outskirts of the Supercluster in a small filament that
extends from Fornax to Virgo. Figure 1 shows the sky
distribution of Local Supercluster galaxies. A com-
plex peculiar velocity field is observed inside the Local
Supercluster. This field is inconsistent with the simple
model of a spherically symmetric fall of matter to
2003 MAIK “Nauka/Interperiodica”
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the Virgo cluster (Karachentsev and Makarov 2001).
Currently available numerical simulations of the Lo-
cal Supercluster (Cen 1994; Klypin et al. 2001) lead
us to the same conclusion. Therefore, the validity of
using the correction of the line-of-sight velocities of
galaxies for their fall to the Virgo cluster is called into
question and we did not apply this correction here.

Enormous density contrasts, ranging from the
concentration of galaxies at the Supercluster center
to their absence in the Local Void, are observed in the
volume of the Local Supercluster.

THE PROCEDURE FOR CONSTRUCTING
A SAMPLE OF GALAXY GROUPS

Makarov and Karachentsev (2000) compiled a
catalog of groups of galaxies in the Local Super-
cluster using the new group separation criterion sug-
gested by Karachentsev (1994). The group separation
algorithm is based on the condition that the total
energy for a physical pair of galaxies is negative.

This condition can be written as the ratio of the
kinetic and gravitational energies

T

Ω
=

V 2R

2G
∑

M
< 1, (1)

where R is the spatial distance between the galaxies,
V is the space velocity difference,

∑
M is the total

mass of the galaxies, and G is the gravitational con-
stant.

However, because of projection effects, this con-
dition does not allow false pairs with a small line-
of-sight velocity difference to be excluded from the
catalog. Therefore, condition (1) should be supple-
mented with the condition of a maximum possible
distance between the galaxies at which they can still
be considered to be a gravitationally bound system.
The so-called zero-velocity surface that separates the
volume of gravitational contraction from the expand-
ing space (the Hubble flow) (Sandadge 1986) is such
a natural boundary. In the spherically symmetric case,
this condition can be written as

π2R3H2

8G
∑

M
< 1, (2)

where H is the Hubble constant.
The procedure for group separation consisted of

several steps. First, pairs that satisfied criteria (1) and
(2) were selected. Next, pairs with common galaxies
were combined into groups. And, finally, groups were
merged if their centers were a gravitationally bound
pair.

We estimated the masses of the galaxies from their
luminosities by taking into account the dependence
ASTRONOMY LETTERS Vol. 29 No. 5 2003
of the mass/luminosity ratio on galaxy type. The total
galaxy mass was determined from the formula

M = κM25, (3)

where 1/κ is the proportionality coefficient between
the total mass and that contained within the standard
galaxy radius M25 (Hoffman et al. 1996; Broelis and
Rhee 1997).

The algorithm described above was applied to a
sample of galaxies from the LEDA database (Pa-
turel et al. 1996) supplemented with recent obser-
vations. We selected galaxies with velocities VLG <
3000 km s−1 relative to the Local Group centroid. We
also excluded the “zone of avoidance” of the Milky
Way |b| < 10◦.

The final list contained data for 6321 galaxies.
We corrected the apparent magnitudes of the

galaxies for Galactic extinction by using new
IRAS/DERBE maps (Schlegel et al. 1998). All
photometric corrections (with an allowance made
for absorption and the inclination of the galaxy to
the line of sight) were made in the same way as
that adopted in the LEDA database (Paturel et al.
1996). We reduced the line-of-sight velocities of the
galaxies to the apex determined by Karachentsev
and Makarov (1996) and used the Hubble constant
H0 = 70 km s−1 Mpc−1.

As a result, we separated 839 groups containing
3472 galaxies, which account for 55% of the sample
of galaxies under study.

A DESCRIPTION OF THE CORRELATION
GAMMA FUNCTION

The correlation gamma function or the conditional
density function (Pietronero et al. 1988; Coleman
and Pietronero 1992) was used mostly in statisti-
cal physics to analyze structures with large-scale
density correlations and scale invariance (fractal-
ity). Pietronero with colleagues (Sylos Labini et al.
1996a, 1996b, 1998; Montuori et al. 1997) were
the first to use this function to study the spatial
distribution of galaxies and clusters.

The essence of calculating the gamma function is
to measure the variation of the mean sample density
with distance (volume). The differential (Γ(r)) and
integral (Γ∗(r)) gamma functions for a given r are
defined by the formulas

Γ(r) =
1
N

N∑
i=1

1
4πr2∆

r+∆∫

r

n(ri − r′)dr′, (4)

Γ∗(r) =
1
N

N∑
i=1

3
4πr3

r∫

0

n(ri − r′)dr′, (5)
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where n(r) =
1
Ñ

∑Ñ
i=1 δ(ri − r) is the number den-

sity; N is the number of sample objects involved
in the calculations as the centers of spheres; Ñ is
the number of objects in the sample; Ñ is constant,
whereas N varies with r (see below for a description of
the algorithm); and ∆ is the thickness of the spherical
layer (it is assumed to be small in the definition and
finite in practice: ∆ = 0.3–4 Mpc, depending on the
sample).

The integral function (Γ∗(r)) averages the contri-
butions from different scales. Therefore, if the distri-
bution exhibits monofractal properties (Feder 1988),
it smoothes the fluctuations and allows the dimension
of the distribution to be measured more accurately
than does the differential gamma function. At the
same time, the integral function is characterized by
inertia—it is moderately sensitive to changes of the
distribution type. The differential function reveals the
change of the distribution type better than the integral
function does. In this sense, it is more informative, but
at the same time is more prone to fluctuations.

In contrast to the widely used two-point corre-
lation function (ξ function), the gamma function is
calculated without any a priori assumptions about the
universal mean density and the distribution of objects
beyond the geometrical boundaries of the sample. In
the volume of the Local Supercluster, we definitely
have a sample in which the universal mean matter
density in the Universe cannot be measured. Conse-
quently, the mean density cannot be used explicitly
or implicitly (as is done in calculations with various
modifications of the two-point correlation function)
for a practical implementation of the computational
algorithm. Besides, the results of ξ analysis signif-
icantly depend on how the problem of the sample
boundaries is solved and on selection effects.

The gamma-function algorithm was first sug-
gested as an alternative to the ξ function. The au-
thors abandoned the selection function (Coleman
and Pietronero 1992), which was used to fill sam-
ple regions far removed in radial coordinate with
a systematically underestimated population of faint
galaxies. Gamma-analysis is performed only within
the geometrical boundary of a homogeneous sample.

Thus, in studying the clustering of galaxies in the
volume that we chose, reliable information can be
obtained by the gamma-function method.

CONSTRUCTING A WORKING
VOLUME-LIMITED SAMPLE

After separating galaxy groups, we assigned equal
coordinates and distances to their constituents. A
group of galaxies is not involved in our analysis on
equal footing with an isolated galaxy—we perform a
kind of weighing (the population of the group affects
its contribution to the calculations). This procedure
will lead to the total loss of information on the dis-
tribution of galaxies in each group, but at the same
time, the form of the correlation function will not be
distorted by God’s fingers. We added isolated galax-
ies, i.e., galaxies that were not included in groups, to
the resulting sample.

Based on the positions of the galaxies in Fig. 2,
which shows the absolute magnitude–distance
(Mabs − R) diagram, we chose the following sample
parameters: the radial boundary Rlim = 43h−1 Mpc
and the minimum absolute magnitude for an ob-
ject to be included in the working sample, M0

abs =
−17m. 5. Thus, only objects from the total list with
Mabs < M0

abs, i.e., those brighter than the faintest and
most distant object of the sample with an absolute
magnitude M0

abs, remain in the sample. This ensures
that the sample is homogeneous in luminosity (any
other sample object is seen from each object).

In our analysis, we divided the list into two
parts, northern and southern, in Galactic latitude
|bgal| = 10◦.

RESULTS

Results of the Gamma Statistics

(1) The northern (bgal > 10◦) sample contains
2646 galaxies brighter than Mabs < −17m. 5 in the B
band. On small scales up to ≈3.2h−1 Mpc (Fig. 3a),
the information on the correlation properties of the
sample is distorted by virial motions inside the groups
and clusters. On larger scales, the density shows
a power-law decrease with a slope of 0.56 ± 0.01
(where σ = 0.01 is the error of the linear fit) up to
20h−1 Mpc, i.e., up to the statistical significance limit
of the sample determined by the gamma-function
algorithm.

(2) The southern (bgal < −10◦) part of the sample
also exhibits a density decrease up to 20h−1 Mpc
with a slope of 0.70 ± 0.03 (Fig. 3b). In the southern
part, the combination of galaxies into groups com-
pletely leveled out the small-scale correlations up to
2.5h−1 Mpc.

The case without galaxy grouping shows a well-
defined power-law dependence of the density on dis-
tance in the entire range of our calculations.

(3) The northern part of the sample without galaxy
grouping shows a power-law density decrease with
a slope of 0.75 ± 0.02 also in the entire range of our
gamma-function calculations and a slope of 0.64 ±
0.01 when fitted in the range (3–20)h−1 Mpc, i.e., as
in case 1 (Fig. 4a).
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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Fig. 4. The gamma function for the uncorrected sample of Local-Supercluster galaxies: (a) the northern part, N = 2656,
Rs = 20h−1 Mpc; (b) the southern part, N = 1338, Rs = 21h−1 Mpc. The notation is the same as in Fig. 3.
(4) The southern part of the uncorrected sam-
ple of the Local-Supercluster volume shows a slope
of 0.84 ± 0.02 for the entire range of our gamma-
function calculations and a slope of 0.80± 0.01 for the
ranges of scales corresponding to case 2 (Fig. 4b).

Note that starting from the characteristic scale
determined by the velocity dispersion in groups of
galaxies, the gamma functions for the northern and
southern samples with separated groups are virtually
identical to those constructed from the corresponding
samples uncorrected for peculiar velocities. Thus, the
distortion of the three-dimensional pattern by pe-
culiar velocities is significant only up to a scale of
(3–4)h−1 Mpc. Since the maximum velocity disper-
sion in small groups of Local-Supercluster galaxies is
287 km s−1 (Makarov and Karachentsev 2000), one
might expect the distortions of the density field due to
the virial motions of galaxies inside groups to have an
effect up to scales of∼4 Mpc. Nevertheless, our result
(the form of the gamma function) is not so obvious.
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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Fig. 5. The function VPF constructed for the northern part of the sample with separated groups of Local-Supercluster galaxies
and for a random realization: N = 2656 and Rsp is the radius of the sphere.
The gamma function is an integrated characteristic
of the volume, and the fact that this function is not
distorted on scales larger than the characteristic ve-
locity dispersion of the galaxies in groups is of great
methodological importance in selecting regions to
which the gamma statistics can be applied.

The observed difference between the conditional
probability amplitudes for the northern and southern
samples is determined by the different numbers of
galaxies of the corresponding sky regions. The num-
ber of galaxies within our geometrical boundaries of
the galaxy samples in the southern hemisphere is
approximately half that in the northern hemisphere.
This is because our Galaxy is located on the outskirts
of the Local Supercluster, virtually in its plane, and
most of the Local-Supercluster galaxies are located
in the northern sky (see Fig. 1).

Constructing the Void Probability Function

The void probability function (VPF) (Borgani
1995) underlies the technique for studying voids. It
belongs to the category of methods for studying the
general characteristics of galaxy-free regions, as dis-
tinct from the methods used to study the morphology
of particular voids. The VPF measures the probability
P0(V ) that a sphere placed at random within the
geometrical sample boundaries will contain none of
the sample galaxies. For a point Poisson process
(a completely uncorrelated distribution), P0(V ) =
exp(−nV ), where n is the galaxy number density.
Deviations of P0(V ) from this law indicate a clus-
tering of the sample.
ASTRONOMY LETTERS Vol. 29 No. 5 2003
We used the VPF in this rigorous version of
the void criterion (the complete absence of galaxies
within the sphere), because some of the Local-
Supercluster regions were analyzed in detail to search
for dwarf galaxies that belong to groups or surround
them.

The VPF constructed for the northern part of
the sample with separated groups differs significantly
from the VPF constructed for a uniform distribution
in the same region, thereby confirming (independently
of the gamma analysis) that the distribution of galax-
ies in the Local Supercluster is essentially nonuni-
form (Fig. 5).The mean distance between the objects
in this volume is Dmean = (V/N)1/3 = 3.73h−1 Mpc.
It determines the maximum scale of the spheres con-

Parameters of the gamma function for various luminosity-
limited samples of Local-Supercluster galaxies

Mabs
North South

N γ N γ

−17.5 2656 0.56 1341 0.70

−18.0 2286 0.54 1145 0.73

−18.5 1847 0.56 947 0.71

−19.0 1406 0.61 730 0.66

−19.5 950 0.64 534 0.68

−20.0 569 0.68 324 0.73

−20.5 298 0.90 189 0.80
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taining no sample objects that can be placed in the
sample obtained by using a random distribution of the
same mean density as the galaxy sample. This scale is
slightly larger than the mean distance (see the VPF in
Fig. 5 constructed for a random realization). In con-
trast, empty spheres with a radius of up to 9h−1 Mpc
can be accommodated in the actual sample.

The mean distance between objects completely
characterizes a uniform distribution. At the same
time, it says almost nothing about the correlated
distribution of galaxies that we have in the Local
Supercluster sample.

The Gamma-Function for Various
Luminosity-Limited Samples of Local-Supercluster

Galaxies

To determine how the slope of the gamma function
and, accordingly, the clustering of objects changes
as one passes to more luminous galaxies within the
sample volume, we performed a gamma analysis
for the northern and southern parts of the sample
with galaxy grouping for various limiting absolute
magnitudes of the galaxies in the same volume (up
to 43h−1 Mpc) starting from Mlim = −17m. 5 for the
volume-limited sample. The results of our calcula-
tions are given in the table.

The largest error of the linear fit is σγ = 0.04.
Since the samples constructed in this way overlap in
the brightest galaxies, they are not completely inde-
pendent.

We may conclude that the variations in the slope
of the gamma function for galaxies with luminosities
lower than Mabs ≈ −20m are insignificant. The slope
of the gamma function for the brightest galaxies in
the volume (Mabs < −20m. 5) varies significantly, sug-
gesting that the galaxies in the Local Supercluster are
segregated in luminosity. It thus follows that bright
galaxies are clustered more strongly than faint galax-
ies and that low-luminosity galaxies exhibit the same
type of distribution. Unfortunately, the gamma func-
tion for brighter galaxies is difficult to measure be-
cause of the poor statistics. Remarkably, an abrupt
change in the slope as one passes to brighter galaxies
is observed at Mabs close to the characteristic mag-
nitude M∗ in the galaxy luminosity function. This
conclusion is consistent with the results of the studies
in which the segregation of galaxies by luminosity
was reported (see, e.g., Guiricin et al. 2001).

CONCLUSIONS

(1) The distribution of Local-Supercluster galax-
ies is nonuniform in the entire sample volume. There
is a power-law decrease in density with increasing
distance from the sample galaxies. The formal fractal
dimensions for the northern and southern parts are
D ≈ 2.4 and D ≈ 2.3, respectively. These values are
larger than those for nearby (<7 Mpc) galaxies of
the Local Volume (D ≈ 1.8; Tikhonov et al. 2001),
which implies a weaker clustering of objects in the
volume up to 43h−1 Mpc and corresponds to the
fraction of the empty space in the Local Volume and
the Local-Supercluster volume (the fraction of the
galaxy-free space is much larger in the immediate
vicinity of our Galaxy).

(2) More luminous and, generally, more massive
galaxies are clustered more strongly than less lumi-
nous galaxies. Galaxies fainter than Mabs ≈ −20m

show the same type of distribution. A segregation in
luminosity arises for galaxies brighter than Mabs ≈
−20m. 5.

(3) Using information on the groups of galax-
ies does not significantly change the results of the
gamma analysis for the northern and southern sam-
ples. This implies that the velocity dispersion in clus-
ters has no significant effect on the results for the
galaxy samples covering larger volumes (e.g., CfA2
and SSRS2 ) either.
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Abstract—Analysis of recent observations of the elliptical galaxies NGC 4472 and NGC 4649 with the
Chandra X-ray space telescope has revealed faint soft X-ray sources at their centers. The sources are
located at the galactic centers, to within 1′′, and are most likely associated with the radiation from the
supermassive black holes that are assumed to be at the optical centers of these galaxies. Interest in these
and several other similar objects stems from the unusually low luminosity of the supermassive black hole
embedded in a dense interstellarmedium. The sources have soft energy spectra in the Chandra energy range
0.2–10 keV. The source is detected at a 3σ confidence level only in the range 0.2–0.6 keVwith a luminosity
of∼6 × 1037 erg s−1 in NGC 4649 and in the range 0.2–2.5 keV with a luminosity of∼1.7 × 1038 erg s−1

in NGC 4472. c© 2003 MAIK “Nauka/Interperiodica”.

Key words: elliptical galaxies NGC 4472 and NGC 4649, supermassive black holes, X-ray radiation,
Chandra telescope.
INTRODUCTION

Supermassive black holes, whose masses in mas-
sive galaxies can reach ∼108–1010M�, are currently
assumed to be at the centers of many galaxies. This
assumption is observationally confirmed by numerous
studies of the stellar dynamics in central galactic
regions (see, e.g., Magorrian et al. 1998; Gebhardt
et al. 2000; Kormendy and Richstone 1995). Accord-
ing to these studies, the measured stellar velocity dis-
persions at the centers of most galaxies are too high
and can be explained by the existence of supermassive
black holes. Being embedded in a dense medium,
these objects must actively accrete the surrounding
material, resulting in a considerable luminosity of the
central galactic region. Quasars, blazars, and radio
galaxies are believed to be different manifestations of
the activity of the central supermassive black hole.

The dilemma known for several years is that,
despite the predicted tremendous masses of the black
holes at the galactic centers, the relatively high
density of the interstellar matter at the galactic center,
and, accordingly, the high accretion rate, the lumi-
nosities of the nuclei of many galaxies aremany orders
of magnitude lower than those predicted by standard
disk accretion models. For instance, in the elliptical
galaxies NGC 4472 and NGC 4649 discussed below,
optical observations indicate the existence of black
holes with masses ∼3 × 109M� and ∼4 × 109M�,

*E-mail: sold@hea.iki.rssi.ru
1063-7737/03/2905-0298$24.00 c©
respectively (Magorrian et al. 1998). The luminosity
of the nuclei of these galaxies calculated using the
formula of Bondi (1952) with a 10% efficiency of
energy release of the total accreted mass and with the
parameters of the interstellar medium derived below is
∼5 × 1044 erg s−1 for NGC 4472 and ∼7 ×
1044 erg s−1 for NGC 4649. Actually, however, the
luminosities of the nuclei of these galaxies are much
lower.

X-ray observations of these galaxies with the
ROSAT telescope (Irwin and Sarazin 1996; Trin-
chieri et al. 1997) and their optical observations
with the Hubble Space Telescope (Byun et al. 1996)
found no evidence of activity of the central source
whatsoever. Radio observations (Condon et al 1991;
Wrobel 1991) provide the only evidence of galactic
nuclear activity. They revealed radio sources at the
centers of these galaxies and radio lobes in the galaxy
NGC 4472.

There are theoretical models that explain such
a low luminosity of the accreting black holes in
galaxies with low-luminosity nuclei: the model with
an advection-dominated accretion flow (Narayan and
Yi 1995a, 1995b; Abramowicz et al. 1995) and the
model with a convection-dominated accretion flow
(Narayan et al. 2000; Quataert and Gruzinov 2000).
The strictest predictions of these models refer to
the radio and X-ray ranges, in which the theory
is tested observationally (Di Matteo et al. 1999).
Therefore, of considerable interest are the data that
2003 MAIK “Nauka/Interperiodica”
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have recently been obtained with the Chandra X-
ray space telescope, which appreciably surpasses the
preceding ROSAT and ASCA X-ray telescopes in its
parameters.

Here, we analyze the data obtained with the
Chandra telescope, which detected faint soft X-ray
sources at the centers of the massive elliptical galax-
ies NGC 4472 and NGC 4649. The most plausible
interpretation of the nature of these sources is a
manifestation of the activity of the central black hole.
To all appearances, this is the first observation of X-
ray radiation from supermassive black holes that are
embedded in a relatively dense interstellar medium
and that are in quiescence.

DATA ANALYSIS

To analyze the image of the galaxy NGC 4472, we
used the observations carried out on June 12, 2000,
with an exposure of ∼40 000 s and data of the same
duration obtained on April 20, 2000, for the galaxy
NGC 4649. The ACIS S3 detector was used in all
observations. Our exposures were corrected with an
allowance made for the most recent calibration data.
Subsequently, we applied a filtering procedure, which
rejected most of the events associated with charged
particles. We also corrected the effective area of the
ACIS S3 detector by taking into account the degra-
dation of the quantum efficiency of the instrument,
which is particularly pronounced at energies below
1 keV.1

During the observations, we recorded an enhance-
ment of the charged-particle background with a du-
ration of ∼7000 s for NGC 4472 and ∼8000 s for
NGC 4649. The bulk of the charged-particle flux
was removed by the filtering procedure. However, the
remaining flux during the background enhancement
can be comparable to the total photon flux from the
observed galaxies. Since below we are concerned only
with a small region in the central, bright part of the
galaxy, the background enhancement will in no way
affect the results of our measurements.

At low energies, the Chandra angular resolution
deteriorates from 0.5′′ to ∼1′′. Since one pixel on the
ACIS S3 detector corresponds to 0.5′′, faint soft X-
ray sources are most noticeable when the image is
grouped twice. Accordingly, the size of one image
pixel becomes 1′′. The subsequent analysis was car-
ried out only for such images.

In the Chandra energy range (0.2–10 keV), the
radiation from elliptical galaxies is mainly attributable
to the thermal radiation from a hot interstellar gas.
The radiation from low-mass binary systems with a

1asc.harvard.edu/cal/Links/Acis/acis/Cal.prods/qeDeg/
index.html
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compact object gives a smaller contribution. In addi-
tion, the radiation from an active central supermas-
sive black hole can be observed; it can be comparable
to all of the remaining radiation from the galaxy. In
the galaxies NGC 4472 and NGC 4649 under study,
the gas radiation is symmetric relative to the galactic
center (Fig. 1) and no typical manifestations of the
galactic nuclear activity are observed, although there
is a small displacement of the central, bright region
of galactic gas in NGC 4472 to the north from the
optical center of the galaxy.

Our subsequent analysis of the radiation from the
central galactic regions is performed in the energy
ranges 0.2–0.6, 0.6–1.2, 1.2–2.5, and 2.5–10 keV.
This breakdown of the energy range is explained by
different contributions from different interstellar gas
radiation mechanisms. In the first and third ranges,
bremsstrahlung and free–bound transitions on ions
of heavy elements mainly contribute to the gas radia-
tion. In the second range, bound–bound transitions
on ions of heavy elements mainly contribute to the
spectrum. The bulk of the interstellar gas radiation at
a temperature T ∼ 1 keV is accounted for precisely
by these lines in the range 0.6–1.2 keV. In the fourth
range 2.5–10 keV, there is virtually no interstellar gas
radiation.

Analyzing the brightness profiles in the ranges
0.2–0.6, 0.6–1.2, and 1.2–2.5 keV (Fig. 2), we can
conclude that there is a faint soft X-ray source with
an angular size of∼1′′ at the galactic centers. Indeed,
the brightness profile of the interstellar gas in the
ranges 0.6–1.2 and 1.2–2.5 keV is well described
by the so-called beta model (Cavaliere and Fusco-
Femiano 1976):

I(r) =
I0

(1 + r2/r2
c )

3β−0.5
, (1)

where I0 is the surface brightness at the galactic
center, β and rc are some parameters of the fit, and r
is the distance to the galactic center. For a spherically
symmetric gas distribution, the gas density and sur-
face brightness are uniquely related. Consequently,
the gas surface brightness in the range 0.2–0.6 keV
is also described by model (1) and the peak in the
brightness profile at the galactic center is not asso-
ciated with the gas radiation.

However, we can assume that the gas brightness
profile is described not by model (1) but by a similar
model with a pronounced peak at the galactic center.
The peaks observed at the galactic center in the range
0.6–1.2 keV are then not attributable to the radi-
ation from the central object but represent ordinary
interstellar gas radiation. In this case, the absence
of a central peak in the range 0.6–1.2 keV can be
explained by the resonant scattering of radiation by
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Fig. 1.Detector images of the galaxies NGC 4472 (a) and NGC 4649 (b) in the range 0.2–0.6 keV. The image pixel size is 1′′.
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Fig. 2. Surface brightness profiles for the galaxies NGC 4472 (a) and NGC 4649 (b) in the energy ranges 0.2–0.6, 0.6–1.2,
and 1.2–2.5 keV.
ions of heavy elements—an expected effect that re-
sults in a blurring of the central gas region and an
illumination of the peripheral regions. However, this
assumption can be rejected, because no central peak
is observed in the 1.2–2.5-keV brightness profile,
where the contribution from resonance lines is small.
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Fig. 3. Radio (dots) and X-ray (lines) fluxes from the central sources in the galaxies NGC 4472 (a) and NGC 4649 (b) and
upper limits on the optical luminosity (arrows).
The observed sources are located at the centers of
the X-ray images of the galaxies. To identify the X-
ray center with the optical center, we can compare the
positions of point X-ray sources and optical globular
clusters obtained by the Hubble Space Telescope. In
general, point X-ray sources are low-mass accreting
binary systems, a considerable fraction of which are
located in globular clusters. For instance, in one of the
galaxies studied, NGC 4472, about 40% of the point
X-ray sources are associated with globular clusters
(Kundu et al. 2002). Comparison of the optical and
X-ray images shows that the X-ray and optical cen-
ters of the galaxies coincide to within 1′′.

THE SOURCE LUMINOSITIES

The galactic gas luminosity in the central pixel
can be determined either by describing the surface
brightness of the galactic nucleus by model (1) with
the exception of the center itself or by determining
the mean luminosity from the eight pixels adjacent
to the center. In turn, knowing the gas luminosity
at the galactic center, we can determine the source
luminosities.

The flux from the central sources themselves is
low. Over the entire period of our observations in the
range 0.2–0.6 keV, it was 22−6

+7 detector events for
NGC 4472 and 11−5

+6 events for NGC 4649, where
the errors are given for a 68% confidence interval
(Gehrels 1986). In both cases, the statistical signif-
icance of the detection is not lower than 3σ. In the
range 0.6–2.5 keV, the flux is statistically significant
at a 3σ level only for the source in NGC 4472 and is
29−11

+12 for the entire period of our observations. In the
ASTRONOMY LETTERS Vol. 29 No. 5 2003
range 2.5–10 keV, the total flux from the entire central
1′′ region in the galaxies is only a few events. Such a
low flux from the sources does not allow an accurate
judgment about their spectra to be made.

The effective area of the ACIS detector in the
range 0.2–0.6 keV is small and has a sawtooth shape
with sharp dips. Therefore, the most accurate method
of determining the source 0.2–0.6 keV luminosities
is to model the detector response to an appropriate
spectral model. A reasonably expected spectrum in
the range under study is a power law. By model-
ing the detector response to a power-law spectrum
in the XSPEC code with an allowance made for
galactic absorption, we can determine the conversion
factor from the number of detector events from the
source to its luminosity. Similarly, we can derive the
event number–luminosity conversion factor for the
range 0.6–2.5 keV by using the same power-law
model parameters as those in the 0.2–0.6 keV band.
As regards the 2.5–10-keV luminosity, the thermal
radiation from the galactic gas with a temperature
T ∼ 1 keV is weak here. Given the smooth shape of
the effective area at energies 2.5–10 keV, the fluxes
can be calculated directly by dividing the photon en-

Luminosities of the central sources

Object
L0.2–0.6,

1037 erg s−1
L0.6–2.5,

1037 erg s−1
L2.5–10.0,

1037 erg s−1

NGC 4472 9.2+2.8
−2.4 7.3+2.9

−2.6 <3.4

NGC 4649 6.0+3.2
−2.6 <3.4 4.6+4.7

−3.1
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ergy by the effective area. The results of our calcula-
tions are presented in the table; in our calculations,
the distance to the two galaxies was assumed to be
15.3 Mpc (Faber et al. 1997). If the ratio of the 0.6–
2.5 and 0.2–0.6-keV fluxes is described by an effec-
tive power-law slope, then we obtain the following
photon indices: 2.5±0.4 for NGC 4472 and >2.2 for
NGC 4649. Figure 3 shows the power-law models
with the derived parameters of the photon index and,
for comparison, the source radio luminosities at a
frequency of 4.3× 1010 Hz and the upper limits on the
optical flux at 5.45 × 1014 Hz taken from Di Matteo
et al. (1999).

In conclusion, we can give the interstellar-gas
parameters required to estimate the accretion rate:
the gas temperature and density. The gas density
at the galactic centers can be determined by using
model (1) for the galactic-gas surface brightness
and by describing its spectrum by the mekal model
of radiation from an optically thin plasma (Mewe et
al. 1985, 1986; Kaastra 1992; Liedahl et al. 1995) in
the XSPEC code (for details, see Voevodkin et al.
(2002)). Our calculations yield the gas densities
ρg = (1.0 ± 0.1) × 10−24 g cm−3 at the center of
NGC 4472 and ρg = (1.1 ± 0.1) × 10−24 g cm−3

at the center of NGC 4649. The gas temperature
within 2′′ is 0.66±0.02 keV in NGC 4472 and
0.86±0.02 keV in NGC 4649.

CONCLUSIONS

Wehave analyzed the data on the elliptical galaxies
NGC 4649 and NGC 4472 that have recently been
obtained with the Chandra orbiting X-ray telescope.
Our analysis of the surface brightness of these galax-
ies suggests the presence of faint X-ray sources at
their centers. The most plausible interpretation of the
luminosities of these sources is the activity of a super-
massive black hole at the galactic center, because the
X-ray radiation from the material being accreted onto
the massive center must be observed. The sources
that we observe are located at the optical centers of
the galaxies with the minimum possible error. Note
that the spectra of the central sources are consider-
ably softer than those for most of the other objects
in the immediate vicinity, which are compact binary
sources. Meanwhile, we cannot completely rule out
the interpretation of the observed central sources as
being radiation from binary systems. In this case, our
analysis remains of current interest: if we take the
measured fluxes from the sources as an upper limit
on the flux from a supermassive black hole, then the
derived bounds will be an order of magnitude lower
than those obtained previously from ROSAT data (Di
Matteo et al. 1999).
A peculiar feature of the central sources in the
galaxies under study is their low luminosity for
supermassive black holes embedded in a dense
medium. Our main result is the very detection of such
faint sources at the centers of the elliptical galaxies
NGC 4472 and NGC 4649 by the Chandra telescope.
In the observable range 0.2–10 keV, the sources are
detected at a 3σ confidence level only in the 0.2–
0.6-keV band in NGC 4649 with a luminosity of
∼6 × 1037 erg s−1 and in the 0.2–2.5 keV band in
NGC 4472 with a luminosity of ∼1.7 × 1038 erg s−1.
At present, these sources provide the most dramatic
evidence of the discrepancy between predictions of
standard accretion models and X-ray observations.
It is hoped that analysis of the X-ray data on these
galaxies will be useful for testing theories that explain
the deficit of the luminosity in the nuclei of some
galaxies.
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Peculiar Features of the Velocity Field of OB Associations
and the Spiral Structure of the Galaxy
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Abstract—Some of the peculiar features of the periodic velocity-field structure for OB associations can
be explained using the Roberts–Hausman model, in which the behavior of a system of dense clouds is
considered in a perturbed potential. The absence of statistically significant variations in the azimuthal
velocity across the Carina arm probably results from its sharp increase behind the shock front, which
is easily blurred by distance errors. The existence of a shock wave in the spiral arms and, at the same
time, the virtually free motion of OB associations in epicycles can be reconciled in the model of particle
clouds with a mean free path of 0.2–2 kpc. The velocity field of OB associations exhibits two appreciable
nonrandom deviations from an ideal spiral pattern: a 0.5-kpc displacement of the Cygnus- and Carina-arm
fragments from one another and a weakening of the Perseus arm in quadrant III. However, the identified
fragments of the Carina, Cygnus, and Perseus arms do not belong to any of the known types of spurs.
c© 2003 MAIK “Nauka/Interperiodica”.

Key words: kinematics and dynamics, Milky Way Galaxy, spiral pattern, OB associations.
INTRODUCTION

Here, we analyze some of the peculiar features
or defects of the periodic velocity-field structure for
OB associations (Melnik et al. 2001). First, we found
no statistically significant variations in the azimuthal
residual velocity across the Carina arm, although
we clearly see its variations across the Cygnus and
Perseus arms. Second, OB associations exhibit the
features of both collisional and collisionless motions.
Third, the displacement of individual arm fragments
from one another such that they do not form a single
smooth spiral arm and the gaps in the spiral structure
should be explained.

Some of the peculiar features listed above can be
explained by using the model of Roberts and Haus-
man (1984), in which the behavior of a system of
dense clouds is considered in a perturbed poten-
tial. There is ample theoretical and observational evi-
dence for the existence of small, unaccounted molec-
ular gas condensations, from which giant molecu-
lar complexes are formed at certain times (Solomon
et al. 1985; Pringle et al. 2001).

The response of a subsystem of elementary par-
ticle clouds to the propagation of a density wave
over the stellar disk was first considered by Levinson
and Roberts (1981). They assumed that clouds could
collide inelastically with each other and coalesce in

*E-mail: anna@sai.msu.ru
1063-7737/03/2905-0304$24.00 c©
some cases. In contrast to a continuous gaseous
medium, which responds to a potential perturbation
by an abrupt density jump, a subsystem of dense
particle clouds exhibits smoother variations in gas-
dynamical parameters across spiral arms (Levinson
and Roberts 1981).

Roberts and Hausman (1984) considered the be-
havior of a subsystem of clouds with a velocity dis-
persion of ∆u = 6 km s−1 and showed that the local
cloud–cloud collision frequency increases sharply in
spiral arms due to the crowding of cloud orbits in
arms. This increase inevitably gives rise to a shock
wave even in systems with a large cloud mean free
path (see case G, p = 2 kpc in the above paper).

The study of molecular clouds in the Galaxy is
complicated by the fact that, in general, we do not
know their distances and observe their distribution
in the (l, VLSR) plane. However, the spiral structure
of the Galaxy is difficult to analyze in the (l, VLSR)
plane and virtually impossible in the inner regions
(Kwan and Veides 1987; Adler and Roberts 1992).
Constructing and analyzing the velocity field of young
stars, which, on average, have the same velocities as
their parent molecular clouds, give a unique opportu-
nity for studying the velocity field of molecular clouds
and the Galactic spiral structure.
2003 MAIK “Nauka/Interperiodica”
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ANALYSIS OF THE VELOCITY FIELD
OF OB ASSOCIATIONS

The Periodic Velocity-Field Structure
of OB Associations

Analysis of the velocity field of OB associations
within 3 kpc of the Sun revealed periodic variations
in the radial residual velocity component VR along
the Galactic radius vector with a scale length of
λ = 2 ± 0.2 kpc and amplitude fR = 7 ± 2 km s−1

(Melnik et al. 2001). Figure 1a shows the distribution
of the radial residual velocities VR of OB associa-
tions along the Galactocentric distance. The filled
and open circles represent the associations located
in the regions 0◦ < l < 180◦ and 180◦ < l < 360◦,
respectively. This was done in order to separate the
initial parts of the arms in quadrants I and II from their
extensions in quadrants III and IV. The periodic vari-
ations of the two velocity components were assumed
to be in the shape of sine waves. The parameters of the
sine waves were determined by solving the equations
for the line-of-sight velocities and proper motions
of OB associations in two regions: 30◦ < l < 180◦
and 180◦ < l < 360◦ (for more details, see Melnik
et al. 2001). The minima in the radial residual ve-
locity (Fig. 1) distribution determine the kinematical
locations of the arm fragments, which we call the
Carina (open circles, R = 6.5 kpc), Cygnus (filled
circles, R = 6.8 kpc), and Perseus (filled circles,
R = 8.2 kpc) arms.
In Fig. 1a, we see no second minimum in the radial

velocity distribution in the region 180◦ < l < 360◦
(open circles). This second minimum should have
corresponded to the extension of the Perseus arm in
quadrant III. The local decrease in VR is observed at
a Galactocentric distance of R = 8.5 kpc, but it does
not reach negative values.
As regards the azimuthal velocity field, periodic

variations in the azimuthal residual velocity com-
ponent Vθ with an amplitude of fθ = 7 ± 2 km s−1

are observed in the region 30◦ < l < 180◦, where the
Cygnus and Perseus arms are located (Fig. 1b). The
positions of the minima in the distributions of the
radial (Fig. 1a) and azimuthal (Fig. 1b) residual ve-
locities, which determine the kinematic locations of
the Cygnus and Perseus arms, coincide within the
error limits. At the same time, no significant varia-
tions in the azimuthal residual velocity were found in
the region 180◦ < l < 360◦ where the Carina arm lies
and where the imaginary extension of the Perseus arm
could be located.
The interarm distance of λ = 2 kpc yields a mean

arm pitch angle of i = 5◦ for the two-armed model
of the spiral pattern. The Galactocentric distance of
the Sun was assumed to be R0 = 7.1 kpc (Ras-
torguev et al. 1994; Dambis et al. 1995; Glushkova
et al. 1998).
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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Fig. 1. The distribution of the (a) radial (VR) and (b)
azimuthal (Vθ) residual velocities of OB associations in
Galactocentric distance R. OB associations located in
the regions 0◦ < l < 180◦ and 180◦ < l < 360◦, which
are represented by filled and open circles, respectively.
The sine-wave parameters were determined by solving
the equations for line-of-sight velocities and proper mo-
tions in two regions: 30◦ < l < 180◦ (solid line) and
180◦ < l < 360◦ (dotted line).

The Profiles of Cloud-Velocity Variations
in a Shock Wave

The coincidence of the positions of the minima in
the radial and azimuthal velocity distributions in the
Cygnus and Perseus arms suggest the existence of
a shock wave and cloud–cloud collisions. In a shock
wave, extremely negative values of the perturbations
of the two velocity components must be reached at the
same phase at the shock front (Roberts 1969; Roberts
and Hausman 1984), while for a collisionless system
the minima in the radial and azimuthal velocity dis-
tributions must be shifted by π/2 in the wave phase
(Lin et al. 1969). For λ = 2 kpc, a phase change
of ∆χ = π/2 corresponds to a 0.5-kpc displacement
across the arm and can undoubtedly be detected.
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Fig. 2. Variations in the cloud velocity components perpendicular (U⊥) and parallel (U‖) to the shock front with spiral-wave
phase χ for cloud systems with a mean free path of (a) p = 0.2 kpc and (b) p = 1.0 kpc (b) (Roberts and Hausman 1984,
Fig. 13).
Consider the variations in the two components of
the mean cloud velocity perpendicular (U⊥) and par-
allel (U‖) to the shock front with the wave phase, as
obtained by Roberts and Hausman (1984) for models
of cloud subsystems with different mean free paths:
p = 0.2 kpc and p = 1.0 kpc (Figs. 2a, 2b). For tightly
wound arms, the Galactic radius vector is almost per-
pendicular to the spiral arms. Therefore, the variation
in the mean velocity of a particle ensemble perpen-
dicular to the shock front (U⊥), which is commonly
used in gas dynamics, is identical to the variations in
the radial residual velocity, implying that VR = U⊥ +
const. A similar relation also holds for the velocity
component U‖ parallel to the shock front whose vari-
ation corresponds to the variation in the azimuthal
residual velocity Vθ = U‖ + const. The wave phase
changes in the direction perpendicular to the spiral
arm and for tightly wound arms this direction vir-
tually coincides with the direction of the Galactic
radius vector. A change in thewave phaseχ from 0◦ to
360◦ corresponds to an increase in the Galactocentric
distance R by an amount close to λ.

As we see from a comparison of Figs. 2a and
2b, the profiles of the cloud-velocity variations be-
come more symmetric and the positions of the min-
ima in the radial and azimuthal velocity distributions
are shifted from one another with increasing mean
free path (i.e., with decreasing importance of colli-
sions). Cloud–cloud collisions cause the asymmetric
changes in the profiles of the radial and azimuthal
velocities, leading to the coincidence of their minima
at the shock front (Roberts and Hausman 1984).

Behind the shock front, where the star formation
is most intense, the azimuthal velocity varies with
Galactocentric distance twice as fast as the radial ve-
locity (Fig. 2a). Indeed, at the shock front (χ = 180◦),
the two velocity components reach their minima and
at the conditional outer arm boundary (χ = 270◦),
the azimuthal component already reaches its maxi-
mum, whereas the radial component increases only
to zero (the mean between the peaks in Fig. 2a).
Since the abrupt velocity variations with distance
are easily blurred by distance errors, the variations
in the azimuthal component behind the shock front
are more difficult to detect. This may be the reason
why we found no statistically significant variations
in the azimuthal residual velocity across the Carina
arm, although the variations in the radial component
across this arm are clearly seen. The variations in
the azimuthal velocity across the Carina arm can be
simply blurred by distance errors. This removes the
serious logical contradiction, because the absence of
variations in azimuthal velocity across the Carina arm
cannot be explained by any theoretical models.

The fact that we, nevertheless, see the variations
in the azimuthal velocity across the Cygnus and
Perseus arms can be explained by their privileged po-
sitions. The Perseus arm is located in the outer region
of the Galaxy where objects with erroneous distances
have greatly different line-of-sight velocities and
can be eliminated from the sample. This cannot be
done for objects of the Carina arm (l = 280◦–310◦),
because the line-of-sight velocity variations with dis-
tance in this direction are small. The same difficulty
also concerns the Cygnus arm (l = 75◦–100◦), but it
is, on average, closer to the Sun than the Perseus and
Carina arms, which significantly facilitates its study.
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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The Location of the Corotation Radius

The fact that radial residual velocities of most
(70%) of the rich OB-associations are directed to-
ward the Galactic center definitely indicates that the
region under study is located within the corotation
radius (Melnik et al. 2001). We considered OB as-
sociations with more than 30 stars in the catalog of
OB associations by Blaha and Humphreys (1989)
to be rich. The model of particle clouds allows us
to easily explain the logical relationship between the
kinematics of rich OB associations and their loca-
tions relative to the corotation radius. Let us as-
sume that the star formation in rich OB associations
was more intense precisely because of the increase
in the frequency of cloud–cloud collisions. The lo-
cations of rich OB associations must then coincide
with the location of the shock front. And only within
the corotation radius does the location of the shock
front correspond to the minimum in the cloud radial
velocity distribution. Therefore, all of the region under
study must be located within the corotation radius or,
in other words, the corotation radius in the Galaxy
must lie beyond the region under study, i.e., beyond
the Perseus arm. This implies that the angular ve-
locity of the spiral pattern Ωp must be lower than
the mean angular velocity of the Galactic rotation
at the Perseus-arm distance. Taking the rotation-
curve parameters from Melnik et al. (2001), we ob-
tain the following constraint on Ωp in absolute units:
Ωp < 25 km s−1 kpc−1.

The Mean Free Path of Molecular Clouds
and the Axial Ratio of the Velocity Ellipsoid

for OB Associations

An analysis of the kinematics of OB associa-
tions (Dambis et al. 2001) shows that the axial ra-
tio of the velocity ellipsoid for OB associations in
the radial and azimuthal directions in the Galaxy is
σu : σv = 8.2 : 5.8 = 1.4. This value is close to the
ratio of the amplitudes of the radial and azimuthal
velocities for epicyclic motion, 2Ω/κ = 1.6, where κ
is the epicyclic frequency. An axial ratio of the velocity
ellipsoid close to the Lindblad ratio 2Ω/κwas also ob-
tained for young clusters (Zabolotskikh et al. 2002),
implying that the clouds out of which young stars are
born move almost freely in epicycles. Therefore, the
clouds collide only at the shock front, whereas behind
the front and in the interarm space they undergo no
collisions and move ballistically. This implies that the
cloud mean free path behind the shock front must be
larger than the epicycle scale size. For a subsystem
with a velocity dispersion of ∆u = 6 km s−1, the
epicycle radius in an unperturbed region of theGalac-
tic disk is X ≈ 0.2 kpc. Therefore, for a mean free
path p > 0.2 kpc, cloud–cloud collisions will occur
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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mostly at the shock front, which is also confirmed
by the direct computations of cloud orbits performed
by Hausman and Roberts (1984). Note that the local
mean free path depends on cloud density and its val-
ues in the arm and the interarm region can differ by
more than a factor of 6 (Levinson and Roberts 1981).

Deviations from an Ideal Spiral Pattern

Figure 3 shows the velocity field of OB associa-
tions in projection onto the Galactic plane. The circu-
lar arcs in this figure correspond to the minima in the
radial (solid line) and azimuthal (dashed line) residual
velocity distributions and determine the kinematic
positions of the Carina, Cygnus, and Perseus arms.
Both deviations from an ideal spiral pattern—the dis-
placement of the Cygnus and Carina arm fragments
relative to each other such that they do not form
a single, smooth spiral arm and the absence of the
Perseus arm extension in quadrant III—are clearly
seen in Fig. 3. The extension of the Perseus arm in
quadrant III shows up neither in kinematics nor in an
increase in the density of young stars.
The kinematic position of the Carina arm (R =

6.5 ± 0.1 kpc) is displaced relative to the Cygnus arm
(R = 6.8 ± 0.1 kpc) by 0.3 kpc. This displacement
was obtained for the model of ring arms. Its statis-
tical significance is 2σ. The displacement increases
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to 0.5 kpc for the model of trailing spiral arms even
with a small pitch angle i = 5◦. Its statistical signif-
icance also increases. In contrast, the displacement
decreases for the model of leading arms. The problem
is that a trailing arm cannot be drawn through the
complexes of young objects in Carina and Cygnus,
but these complexes fall nicely on a leading arm
(Fig. 3).

SPIRAL ARMS AND SPURS

The main puzzle of the Galactic spiral structure in
the solar neighborhood lies in the appreciable non-
random deviations from an ideal spiral pattern. The
images of other galaxies often show deviations from
a smooth spiral pattern on short and intermediate
scales, which are usually called spurs. The element
of chaos introduced by spurs into the spiral struc-
ture of galaxies can also be used, in principle, to
explain the defects in the Galactic spiral pattern. Let
us use the definition of a spur given by Roberts and
Hausman (1984) as a region of intense star formation
located far from the line of minimum potential and
consider various spur generation mechanisms.
Roberts and Hausman (1984) showed that the

possible long delay of star formation behind the shock
front leads to a blurring of the spiral arms identified
by a concentration of young stars and to the ap-
pearance of spurs. The successive star formation in
theGalaxy produced by supernova explosions (Gerola
and Seiden 1978) also facilitates the formation of
spurs. However, in the presence of a density wave,
the cloud velocity field has a characteristic periodic
structure and neither the successive formation nor
the delay of star formation has any effect on this
field (Roberts and Hausman 1984). Moreover, they
could facilitate the detection of a periodic velocity-
field structure by revealing the cloud velocities and
distances at different spiral-wave phases. The frag-
ments of the Carina, Cygnus, and Perseus arms that
we identified cannot be spurs of this type, by any
means. A comparison of their kinematics with the
computed velocity field (Roberts and Hausman 1984)
clearly indicates that they are located near the line
of minimum potential. The complex of young objects
in Sagittarius whose kinematics or, more specifically,
the radial residual velocity of young stars directed
away from the Galactic center (Fig. 3) is suggestive
of its interarm location must be called a spur by the
definition of Roberts and Hausman.
Roberts and Stewart (1987) found another spur

generation mechanism. They showed that for a large
mean free path, individual fragments of the spiral
pattern can temporarily shift in phase from each other,
while the global spiral pattern of the cloud subsystem
can exhibit ruggedness and gaps. The shift of the
cloud density maximum (collective sloshing) relative
to the potential minimum is produced by the tuning
of the epicyclic motions of individual clouds (Roberts
and Stewart 1987). For collisionless models, the dis-
placement of individual arm fragments relative to each
other can reach 20% of the interarm distance, while
for a system with a mean free path of p = 0.2 kpc it
does not exceed 5%. However, the collective sloshing
mechanism can no longer explain the 0.5 kpc dis-
placement of the kinematic positions of the Carina
and Cygnus arm fragments. The Galactic cloud sys-
tem is undoubtedly collisional and, consequently, this
mechanism cannot produce large deviations from a
smooth spiral pattern.

Weaver (1970) found another type of spur similar
to the branches at the outer arm edges. Elmegreen
(1980) found their mean pitch angle to be 60◦ ± 10◦.
Weaver (1970) and Elmegreen (1980) believe that the
Orion region is such a spur in our Galaxy. Strong
gas compression in the spiral arm, which can trig-
ger the growth of perturbations in a direction al-
most perpendicular to the arm, can be responsible
for the appearance of such spurs (Balbus 1988; Kim
and Ostriker 2002). However, the Carina, Cygnus,
and Perseus arm fragments that we identified do not
belong to this type of spurs either. First, no other
spiral arms from which these fragments could ap-
pear as spurs are observed. Second, the Cygnus and
Perseus arm fragments are definitely elongated in the
azimuthal direction (Fig. 3).

Yet another type of spurs in the interarm space
was found by Contopoulos and Grosbell (1986, 1988)
when studying the nonlinear effects in high-order
resonances between the epicyclic frequency and the
relative rotation rate of the spiral pattern. The spurs
and gaps in the spiral structure near corotation are
produced by nonlinear effects, which lead to a dif-
ference in the shapes and orientations of the pe-
riodic orbits inside and outside the 4/1 resonance
(κ/(Ω − Ωp) = 4/1). The orbits outside the 4/1 reso-
nance can be oriented in such a way that the max-
imum of their crowding may not coincide with the
spiral arm. However, nonlinear effects arise in the
case of high potential perturbation amplitudes and
must be observed in galaxies with large arm pitch
angles i > 30◦ (Contopoulos and Grossbell 1986).
The tightly would spiral pattern of ourGalaxy (i = 5◦)
cannot, in principle, undergo nonlinear effects near
corotation.

Thus, none of the spur type listed above can ex-
plain the peculiar features of theGalactic spiral struc-
ture, more specifically, the deviations from an ideal
spiral pattern. The potential perturbation itself is,
probably, not an ideal monochromatic spiral wave.
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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Some authors (Byrd 1983; Byrd et al. 1984) con-
sider the spurs produced by the gravitation of a mas-
sive complex rotating in the galactic disk (gravita-
tional spurs). However, such spurs differ from the
spiral-arm fragments only in their length and per-
turbation amplitude. Both are produced by a gravita-
tional potential perturbation and are located near the
potential minimum.

CONCLUSIONS

Some of the peculiar features of the periodic
velocity-field structure for OB associations (Melnik
et al. 2001) can be explained by using the model
of Roberts and Hausman (1984), in which the be-
havior of a system of dense clouds is considered in
a perturbed potential. The absence of statistically
significant variations in the azimuthal velocity across
the Carina arm probably results from its sharp in-
crease behind the shock front, which is easily blurred
by distance errors. The existence of a shock wave
in spiral arms and, at the same time, the virtually
free motion of OB associations in epicycles can be
reconciled in the model of particle clouds with a
mean free path of 0.2–2 kpc. The velocity field of
OB associations exhibits two appreciable nonrandom
deviations from an ideal spiral pattern: a 0.5-kpc dis-
placement of the Cygnus- and Carina-arm fragments
from one another and a weakening of the Perseus arm
in quadrant III. Nevertheless, the identified fragments
of the Carina, Cygnus, and Perseus arms in this paper
do not belong to any of the known types of spurs. The
perturbation of the Galactic potential is probably not
a monochromatic spiral wave.

The spiral arms of our Galaxy are often compared
with those of the Andromeda galaxy. Both galax-
ies have a tightly wound spiral pattern and similar
streaming motions. The mean interarm distance of
λ = 3 kpc observed in the Andromeda galaxy at dis-
tances R = 6–16 kpc corresponds to a mean pitch
angle of i = 7◦ (Arp 1964; Braun 1991). The spiral
pattern of the Galaxy in the solar neighborhood has
similar parameters, λ = 2 kpc and i = 5◦ (Melnik
et al. 1999, 2001). The change in the velocity of
neutral and molecular hydrogen clouds across the
spiral arms in the Andromeda galaxy is 10–20 km s−1

(Braun 1991; Neininger et al. 2001), which is close
to the velocity of the streaming motions of young
stars in our Galaxy. In addition, the distribution of
H II regions in the Andromeda galaxy also exhibits
deviations of the individual arm fragments from an
ideal monochromatic spiral pattern (Considere and
Athanassoula 1982; Braun 1991).
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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The Line-of-Sight Velocities of ОВ Associations and Molecular Clouds
in a Wide Solar Neighborhood: The Streaming Motions of Stars and Gas

in the Perseus Arm
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Abstract—We compare the line-of-sight velocities of stars in ОВ associations within 3 kpc of the Sun
and the molecular clouds closest to them. The Perseus arm is used as an example to show that the line-of-
sight velocity ranges in which ОВ---association stars, molecular clouds, and Н II regions ionized by these
association stars are observed overlap. The streaming motions produced by density waves in the (l, VLSR)
plane were found to lead to an inversion of the distances to objects of the Perseus arm and the interarm
space beyond this arm. c© 2003 MAIK “Nauka/Interperiodica”.

Key words: Galactic structure, ОВ associations, molecular clouds, line-of-sight velocities, residual
motions.
INTRODUCTION

Here, we compare the available line-of-sight ve-
locity observations for stars of the ОВ associations
within 3 kpc of the Sun with the distribution of
CO emission in the (l, VLSR) plane.

It is undoubtedly of considerable interest to com-
pare the currently available line-of-sight velocity
(VLSR) observations for young stars and molecular
clouds. The interstellar medium is difficult to study
because there are no direct distance estimates in-
dependent of the line-of-sight velocity (the observed
gas parameter). The simplest way of localizing the
gas in space is to assume that the Galactic rotation
is circular. However, Burton (1971) pointed out that
the streaming gas motions produced by spiral density
waves should be taken into account, because a purely
circular rotation did not describe the observations of
neutral hydrogen in the (l, VLSR) plane.

Thus, disregarding streaming motions when es-
timating the kinematic distances can lead to errors
in the localization of clouds. At the same time, due
to the residual motions, the identification of clouds
in the (l, V ) plane becomes controversial, because
a molecular cloud observed in some velocity range
∆VLSR can be a superposition of disk clouds that are
located at different distances along the line of sight
and that have different residual velocities Vres (e.g.,
Liszt and Burton 1981; Adler and Roberts 1992).

Our analysis of the CO-emission distribution per-
formed below is based on the possible physical and

*E-mail: sitnik@sai.msu.ru
1063-7737/03/2905-0311$24.00 c©
genetic relationship between molecular clouds and
the OB associations closest to them, whose distances
and residual velocities are known. To a first approxi-
mation, the bright CO emission features were taken
as clouds (Dame et al. 2001). Previously (Sitnik
et al. 2001), we analyzed the residual line-of-sight
motions of molecular clouds in the Cygnus arm. Be-
low, we attempt to determine the changes made by
streaming motions to the distribution of molecular
clouds in the outer Galaxy.

The results of previous residual-velocity studies
for OB associations that will be used below are de-
scribed in the section entitled “A Short Distance
Scale....” In the section entitled “The Line-of-Sight
Velocity Distribution...,” we perform a comparative
analysis of the observed line-of-sight velocities for
stars of the OB associations and the molecular clouds
closest to them and investigate the effect of resid-
ual motions on the positions of these outer Galac-
tic objects in the (l, VLSR) plane. In conclusion, we
summarize our results and draw conclusions about
the changes made by streaming motions to the large-
scale (l, VLSR) distribution of molecular clouds.

THE SHORT DISTANCE SCALE,
ROTATION CURVE,

AND RESIDUAL VELOCITIES
OF ОВ ASSOCIATIONS

The propagation of density waves in the disks
of rotating galaxies gives rise to streaming motions
of young stars and gas and produces a peculiar
field of residual velocities Vres (Lin et al. 1969;
2003 MAIK “Nauka/Interperiodica”
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Fig. 1. (a) The observed residual velocity field of the ОВ associations within 3 kpc of the Sun. The dashed lines represent the
radial (VR) and azimuthal (Vθ) residual space velocities. The numbers correspond to the association numbers in Table 1. The
X axis is directed toward the Galactic center. (b) The expected residual velocity field in a shock spiral density wave within
the corotation radius. The vectors VR and Vθ indicate changes in the radial and azimuthal residual velocities, respectively; the
angular velocityΩ indicates the sense of Galactic rotation.
Roberts 1969). The residual velocities are determined
relative to the frame of reference that uniformly rotates
with the linear velocity Vgal (the mean circular rota-
tion velocity of the Galaxy at a given distance from its
center) and are calculated as Vres = Vobs − Vgal − Vap,
where Vobs is the observed heliocentric velocity and
Vap is the velocity of the Sun toward the apex.
The field of residual space velocities Vres for the
OB associations within 3 kpc of the Sun is shown
in Fig. 1a (Melnik et al. 1998, 2001; Sitnik and
Melnik 1999). The detected streaming motions of
the OB associations are in good agreement with
predictions of the theory of shock spiral density waves
(Fig. 1b).

In studying the streaming motions of molecu-
lar clouds and their localization in space, we rely
on the photometric distances and residual line-of-
sight velocities Vr,res of neighboring ОВ associations.
Columns 1–15 of Table 1 give, respectively, the as-
sociation numbers and names; Galactic coordinates;
photometric distances; Galactocentric distances; the
median line-of-sight velocities of theОВ associations
(VLSR); residual line-of-sight velocities (Vr,res); stel-
lar line-of-sight velocity dispersions (σVLSR); residual
space velocities along the Galactic radius, VR, in
the azimuthal direction, Vθ, and perpendicular to the
Galactic plane, VZ ; the number of association stars
with measured radial velocities (nr) and proper mo-
tions (nl); and the total number of association stars
(N ). For a convenient comparison, the line-of-sight
velocities of OB-association stars (as well as the
interstellar gas) were corrected for the solar motion
toward the standard apex. A detailed description of
how the median residual velocities of the OB asso-
ciations were determined was given by Melnik et al.
(1998, 2001) and Sitnik and Melnik (1999). The
initial data—the line-of-sight velocities and proper
motions of OB-association member stars (Blaha and
Humphreys 1989)—were taken from the catalog of
Barbier-Brossat and Figon (2000) and the Hipparcos
catalog.

The Rotation Curve
The residual velocities of the OB associations

given in Table 1 were determined by Melnik et al.
(2001). These authors used the Galactic rotation
curve obtained by analyzing the space velocities of
OB associations. The rotation curve has the fol-
lowing parameters: the angular velocity of the disk
at the solar distance is Ω(R0) = 30 km s−1 kpc−1;
the first and second derivatives of the angular ve-
locity with respect to the Galactocentric distance
are Ω′(R0) = −5.0 km s−1 kpc−2 and Ω′′(R0) =
1.5 km s−1 kpc−3. The velocity components of the
Sun relative to the centroid of the OB associations
are VX = −7.5 km s−1 and VY = 11.2 km s−1. The z
velocity component of the Sun relative to the centroid
of young stars was taken to be VZ = 7 km s−1

(Rastorguev et al. 1999).

The Distance Scale
We used the short distance scale that was ini-

tially obtained for Cepheids (Berdnikov 1987; Berd-
nikov et al. 1996) to study the residual velocities
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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Table 1

Association l b r, kpc Rgal
VLSR,
km s−1

Vr,res,
km s−1

σVLSR ,
km s−1

VR,
km s−1

Vθ,
km s−1

VZ ,
km s−1 nr nl N

1 Sgr OB1 7.6 −0.8 1.3 5.8 1.8 −8.1 12.1 7.3 −5.4 1.0 37 29 66

2 Ser OB1 16.7 0.1 1.5 5.7 8.9 −12.5 20.0 13.0 −0.9 1.4 17 12 43

3 Ser OB2 18.2 1.6 1.6 5.6 10.4 −13.4 14.5 13.7 −1.9 −3.7 7 5 18

4 Sct OB2 23.2 −0.5 1.6 5.7 4.0 −24.0 20.0 26.3 −2.3 4.9 6 6 13

5 Vul OB1 60.4 0.0 1.6 6.5 21.1 −5.0 14.7 6.4 −3.3 6.1 9 8 28

6 Cyg OB3 72.8 2.0 1.8 6.8 8.0 −7.4 9.5 −14.5 −7.8 −4.0 30 18 42

7 Cyg OB1 75.8 1.1 1.5 6.9 3.6 −8.1 8.9 −3.9 −8.3 1.2 34 14 71

8 Cyg OB9 77.8 1.8 1.0 7.0 −2.5 −11.7 8.6 −5.8 −12.2 0.2 10 8 32

9 Cyg OB8 77.9 3.4 1.8 7.0 −3.9 −13.3 11.0 −3.9 −13.9 12.8 9 10 21

10 Cyg OB7 89.0 0.0 0.6 7.1 5.8 2.5 9.3 2.5 2.4 3.7 21 28 29

11 Cep OB2 102.1 4.6 0.7 7.3 −3.9 −0.8 6.7 −3.2 −0.1 2.8 37 47 59

12 Cep OB1 104.2 −1.0 2.8 8.2 −46.2 −16.8 7.4 −8.7 −14.3 3.1 17 24 58

13 Cas OB2 112.0 0.0 2.1 8.1 −39.9 −13.8 11.0 −19.0 −3.3 6.2 7 5 41

14 Cep OB3 110.4 2.6 0.7 7.4 −12.0 −6.0 3.9 −3.9 −4.9 0.5 18 15 26

15 Cas OB5 116.1 −0.5 2.0 8.2 −36.8 −10.0 7.2 −12.7 −2.7 −11.2 16 13 52

16 Cas OB4 120.1 −0.3 2.3 8.5 −29.1 3.0 8.6 3.4 0.8 −6.4 7 7 27

17 Cas OB8 129.2 −1.1 2.3 8.7 −29.5 3.4 9.9 2.3 2.5 −3.7 14 9 43

18 Per OB1 134.7 −3.2 1.8 8.5 −40.2 −13.2 7.0 −7.8 −12.2 −5.5 81 63 167

19 Cas OB6 135.0 0.8 1.8 8.4 −39.1 −13.1 8.2 −11.2 −6.8 −3.8 12 13 46

20 Cam OB1 141.1 0.9 0.8 7.7 −9.3 3.2 9.4 −0.4 6.2 0.3 30 33 50

21 Per OB2 160.3 −16.5 0.3 7.4 15.0 19.2 4.5 16.0 9.6 −0.9 7 7 7

22 Aur OB1 173.9 0.1 1.1 8.2 −10.2 −4.8 14.0 −4.9 0.8 −2.7 26 20 36

23 Ori OB1 206.9 −17.7 0.4 7.4 8.3 7.1 7.9 8.2 0.5 0.3 62 59 70

24 Gem OB1 189.0 2.2 1.2 8.3 4.1 1.7 5.0 2.2 5.2 3.9 18 17 40

25 Mon OB1 202.1 1.1 0.6 7.6 8.6 5.8 13.0 6.3 0.5 1.8 7 7 7

26 Mon OB2 207.5 −1.6 1.2 8.2 6.3 −4.7 12.5 −0.4 10.9 −0.5 26 18 32

27 CMa OB1 224.6 −1.6 1.1 7.9 16.5 3.6 16.1 7.2 3.5 −7.0 8 10 17

28 Col 121 238.5 −8.4 0.6 7.4 10.8 6.7 7.0 5.9 −4.1 0.1 10 13 13

29 Vel OB2 262.1 −8.5 0.4 7.2 6.9 8.7 9.7 2.2 −8.7 0.8 13 12 13

30 Vel OB1 264.9 −1.4 1.5 7.4 7.0 1.7 4.4 −0.5 −1.9 −2.5 18 18 46

31 Car OB1 286.5 −0.5 2.0 6.8 −16.6 −3.3 8.2 0.8 3.4 −2.2 39 18 126

32 Car OB2 290.4 0.1 1.8 6.7 −18.8 −1.8 8.5 −4.3 2.2 0.3 22 12 59

33 Cru OB1 294.9 −1.1 2.0 6.5 −14.8 8.0 8.9 −13.5 −6.1 −0.2 33 19 76

34 Cen OB1 304.2 1.4 1.9 6.2 −25.6 5.0 14.5 −16.8 0.6 −2.4 32 32 103

35 Ara OB1A 337.7 −0.9 1.1 6.1 −32.9 −18.2 20.6 15.4 10.0 −3.8 8 10 53

36 Sco OB1 343.7 1.4 1.5 5.6 −23.2 −7.1 15.3 6.0 4.2 1.1 28 16 76

37 Sco OB2 351.3 19.0 0.1 7.0 5.4 4.2 2.3 −3.3 −3.1 0.7 10 10 10
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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of OB associations. Using the short distance scale
made it necessary to reconcile the distance scales for
Cepheids and OB stars. The distances to the asso-
ciations were assumed to be r = 0.8rBH (Sitnik and
Melnik 1996; Dambis et al. 2001), where rBH are
the photometric distances from the catalog of Blaha
and Humphreys (1989). In general, the short distance
scale agrees with the photometric distances to the
ОВ associations in the Galactic northern hemisphere
estimated by Garmany and Stencel (1992). It should
be noted that the difference between r and rBH is no
larger than the error in the photometric distances to
associations. The distance to the Galactic center was
assumed to be R0 = 7.1 ± 0.5 kpc (Rastorguev et al.
1994; Dambis et al. 1995; Glushkova et al. 1998).

The Streaming Motions of ОВ Associations

The following conclusions can be drawn from the
analysis of Table 1 (see also Melnik et al. 1998, 2001;
Sitnik and Melnik 1999).

(1) Three regions are confidently identified in the
solar neighborhood: the fragments of the Perseus
(Cep OB1; Per OB1; and Cas OB2, OB5, and
OB6), Cygnus (Cyg OB1, ОВ3, ОВ8, and ОВ9;
and Cep OB2 and OB3), and Carina (Сеn OB1,
Cru OB1, Car OB2) arms in which the radial residual
velocity of theОВ associations, VR, is directed toward
the Galactic center and is from approximately –19 to
–4 km s−1 (Fig. 1a, Table 1). The streaming motions
toward the Galactic center are a distinctive feature
of the wave arms within the corotation radius (Lin
et al. 1969; Roberts 1969). Therefore, there is reason
to believe that the Perseus, Cygnus, and Carina arms
observed near the Sun were produced by density
waves and are within the corotation radius.

(2) The azimuthal velocities of the above associa-
tions change their magnitude and direction inside the
arms: from Vθ from approximately –14 to –7 km s−1

near the inner boundary (opposite to the Galactic
rotation) to Vθ ∼ +2 km s−1 near the outer boundary
(along the Galactic rotation), as expected in theory
(Lin et al. 1969; Roberts 1969).

(3) Almost a third of the rich OB associations
(N > 30) have the kinematics characteristic of the in-
terarm space, i.e., the radial residual velocity directed
away from the Galactic center (with the azimuthal
velocity along the Galactic rotation). The interarm
associations include Ori OB1, Gem OB1, Per OB2,
Mon OB1 and OB2, Cma OB1, Coll 121, Sco OB1,
Sgr OB1, and Ser OB1 and OB2 (usually assigned to
the Orion and Sagittarius arms), as well as Cas OB8
and OB4, Car OB1, Vul OB1, Ara OB1a, and
Sco OB1 (Fig. 1b; see also Sitnik and Melnik 1999;
Melnik et al. 2001). For the overwhelming majority
of these associations, VR ≤ 5 km s−1.
It should be noted that, in general, associations
with small radial residual motions are difficult to un-
ambiguously assign to an arm or the interarm space
because, within the error limits and depending on the
adopted rotation curve and distance scale, their VR
can be directed both toward and away from the
Galactic center (Sitnik and Melnik 1999). Therefore,
such associations would be more appropriate to call
associations near the outer boundary of the arm.

The Line-of-Sight Residual Velocities
of OB Associations

Since the proper motions of interstellar clouds
are not known, below we consider the streaming
motions of associations and clouds only along the
line of sight (Vr,res = VLSR − Vgal, where VLSR is the
observed line-of-sight velocity relative to the local
standard of rest). In most directions, the line-of-sight
residual velocity Vr,res is a superposition of the radial
and azimuthal residual velocities (Fig. 1a).

In the range 30◦ < l < 330◦, the observed line-of-
sight velocity dispersion for the overwhelming major-
ity of the associations is σ < 10 km s−1 (Table 1).
The mean line-of-sight velocity dispersion for the
ОВ associations in this range that have at least ten
stars with measured VLSR is σ ∼ 8.5 km s−1.

The largest line-of-sight velocity dispersion for
OB-associations stars, σ ∼ 10–20 km s−1, is ob-
served toward the Galactic center (330◦ < l < 30◦).
Several factors contribute to the dispersion: the ex-
isting velocity dispersion in the parent clouds, errors
in the individual line-of-sight velocities, and local-
ization errors. In the latter case, stars at different
distances can be combined into a single association.
This may be the reason why the line-of-sight velocity
dispersion of theOB associations toward theGalactic
center is large (Melnik et al. 1998).

Whereas the residual line-of-sight velocities of the
OB associations in the inner Perseus, Cygnus, and
Carina arms are larger than or of the order of the dis-
persion, Vr,res ≥ σVLSR (Table 1), these velocities Vr,res

of the associations near the outer boundaries of the
arms are generally smaller than the dispersion. This
is partly because the residual velocity Vres in the arms
decreases in magnitude with increasing distance from
the spiral shock front while changing its direction. At
the same time, the line-of-sight velocity dispersion is
largely determined by the initial conditions—the line-
of-sight velocity dispersion in the parent clouds.

In the part of the Galaxy under study (except for
the direction toward the Galactic center), the largest
(in magnitude) line-of-sight streaming velocities are
observed in the associations of the inner Perseus and
Cygnus arms (Table 1). It is in these regions that
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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Fig. 2. The distributions of CO emission summed in the range of Galactic latitudes from –2◦ to +2◦ and OB associations
in the (l, VLSR) plane. The associations are represented by rectangles with the sides equal to the angular size and the stellar
line-of-sight velocity dispersion of the association (see Table 1). The family of curves determines the heliocentric distances for
different line-of-sight velocities of the Galactic rotation (the distances, in kpc, are indicated by numbers near the curves). The
line-of-sight velocities of molecular clouds, OB associations, and Galactic rotation were corrected for the solar motion toward
the standard apex. The CO-emission isophotes correspond to the following levels of log

∫
Tmbdb: 0.2, 0.1–0.2, and from –1.5

to 0.1 K arcdeg (a, b) and 0.2 and from –1.5 to 0.1 K arcdeg (c, d) (Dame et al. 2001). The brightest CO-emission regions
correspond to the darkest shaded features.
the possible displacements of interstellar clouds in the
(l, VLSR) plane due to spiral density waves should be
searched for.

THE LINE-OF-SIGHT VELOCITY
DISTRIBUTION OF MOLECULAR CLOUDS

AND ОВ-ASSOCIATION STARS

The line-of-sight velocity distributions of CO
emission (Dame et al. 2001) and OB associations
in the range of Galactic longitudes l ∼ 0◦–360◦ are
ASTRONOMY LETTERS Vol. 29 No. 5 2003
shown in Fig. 2. (The CO emission was summed in
a b = ±2◦ strip; 10 of the 37 associations in Table 1
are outside of this layer.) Also shown in the figure is
the family of curves that determine the line-of-sight
velocity of the Galactic rotation V ∗

r,gal at each longi-
tude for various heliocentric distances. To compare
VLSR and Vr,gal, we applied a correction attributable
to the difference between the velocity of the standard
solar motion (VX = 10 km s−1, VY = 15 km s−1,
VZ = 7 km s−1) and the solar velocity obtained by
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analyzing the motion of OB associations (see above).
Therefore, the line-of-sight velocities VLSR of molec-
ular clouds andOB-association stars shown in Fig. 2,
as well as V ∗

r,gal = Vr,gal + ∆Vap, were corrected for
the solar motion toward the standard apex.

We see fromFig. 2 that, in general, the distribution
of OB associations in the (l, VLSR) plane matches
the distribution of CO emission. Most of the associ-
ations (Cyg OB1, OB3, ОВ8, and OB9; Cen OB1;
Сru OB1; Сер ОВ1 and ОВ3; Cas OB2 and ОВ6)
with the residual motions characteristic of the inner
arms are projected onto giant molecular clouds. Note
that some interarm associations (Cas OB8 and OB4,
Car OB1, and Cma OB1) and the Car OB2 associa-
tion in the outer arm are located in regions of reduced
СО emission.

Molecular clouds have been repeatedly associated
with OB associations (see, e.g., Dame et al. 1986).
Giant molecular clouds near OB associations within
3 kpc of the Sun were identified by Efremov and
Sitnik (1988). The boundaries of the bright CO emis-
sion features near the Perseus arm associations in
the (l, VLSR) plane and the level of brightness from
which they were determined according to the data
of Dame et al. (2001) are given in columns 2–4 in
Table 2. The molecular clouds of the Cygnus arm
identified by the data of Leung and Thaddeus (1992)
were studied in detail by Sitnik et al. (2001). In order
not to lose the molecular clouds near far associations,
they were identified at a lower level (see Fig. 2b and
Table 2). Unfortunately, the available data do not
allow the molecular clouds to be properly identified at
the same level at which the velocity dispersion of OB-
association stars was determined. In addition, molec-
ular clouds are destroyed during star formation and
under the ionizing radiation and winds fromOB stars.
Therefore, only cloud remnants are observed near
associations. We only see from Fig. 2 that the line-
of-sight velocity (VLSR) dispersion of OB-association
stars and the velocity spread in bright parts of the
nearest molecular clouds are at least of the same order
of magnitude.

Since the stars of several OB associations move
mainly with the same VLSR as the molecular clouds
onto which they are projected, the clouds and the
associations may be assumed to be at the same or,
at least, close Galactocentric distances. However, as
was noted above, different molecular clouds that are
located at different distances (Vr,gal) and, accordingly,
have different Vr,res can be observed at the same
velocity VLSR (VLSR = Vr,gal + Vr,res). Therefore, to
assign photometric distances to molecular clouds, we
used the H II regions that result from the propaga-
tion of ionization fronts in the interstellar medium.
If an H II region was produced by OB-association
stars and is projected onto a molecular cloud in the
(l, VLSR) plane, then we can assume with confidence
that the cloud is also located near this association.
Columns 5–8 of Table 2 give Galactic coordinates
and line-of-sight velocities of the H II regions ion-
ized by stars of the associations in the second quad-
rant (Georgelin and Georgelin 1976; Sharpless 1959;
Blaha and Humphreys 1989). We see from Tables 1
and 2 that, in general, the H II regions around the
stars of an association are observed in the same line-
of-sight velocity range as the stars of this association
and the nearest molecular clouds.

Thus, to a first approximation, we can assign the
photometric distances and residual line-of-sight ve-
locities of the neighboring associations to the molec-
ular clouds.

Figure 2 shows the distributions of CO emission
and OB associations for the entire solar neighbor-
hood, while we study in detail only the behavior of
molecular gas in the Perseus arm.

The Effect of Streaming Motions on the Localization
of Molecular Clouds in the Perseus Arm

(Second Quadrant)

The spiral arms in the CO-emission distribu-
tion can be best traced in the range l ∼ 90◦–180◦
(Fig. 2b) (Cohen et al. 1980; Casoli et al. 1984;
Dame et al. 1986). Here, two chains of molecular
clouds with OB associations projected onto them are
observed at kinematic distances Rkin ≤ 1–1.5 kpc
and Rkin ∼ 2–5 kpc. The near molecular clouds and
the Cyg OB7 and Cep OB2 and OB3 associations
are attributed to the Cygnus–Cepheus arm; the
far molecular clouds and the Per OB1, Cas OB6,
Cas OB2 and OB5, Cep OB1, and Aur OB1 asso-
ciations are attributed to the Perseus arm.

Because of the large streaming line-of-sight mo-
tions (Vr,res ∼ from –15 to –10 km s−1), which co-
incide in direction with the Galactic rotation veloc-
ity V ∗

r,gal, the OB associations in the inner Perseus
arm are observed at line-of-sight velocities that cor-
respond to larger kinematic distances from the Sun
than the kinematic distances to Cas OB4 and ОВ8
(Fig. 2b, Table 1). In contrast, the photometric dis-
tances to Cas OB4 and ОВ8, which, besides, have
the residual kinematics typical of the objects near the
outer boundary, are larger. Thus, these far Cas OB4
and ОВ8 associations with small residual motions at
Vr,res ∼ 3 km s−1 (against V ∗

r,gal) are displaced only
slightly in the (l, VLSR) plane and, curiously, are lo-
cated in the interarm space between the Perseus and
Local arms rather than beyond the Perseus arm.

However, the molecular clouds of the Perseus
arm in the (l, VLSR) plane must also be displaced
by streaming motions toward larger distances. At
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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Table 2

Association ∆lCO ∆VLSR, km s−1 log
∫

Tmbdb,
K arcdeg [12]

H II region l b VLSR, km s−1

Cep OB2 – – – S131 99.3 3.8 −2.2

−14.3

S140 106.8 5.3 −10.0

Cep OB1 108.0–109.0 −58 to−48 ≥0.1 S132 103.0 0.7 −50.9

S142 107.1 −0.9 −35.8

Cep OB3 S155 110.2 2.6 −15.1

Cas OB2 109.5–112.0 −60 to−35 ≥0.1 S157 111.2 −0.7 −37.7

S157A 111.3 −0.7 −46.0

S162 112.2 0.2 −42.3

Cas OB5 113.5–114.5 −50 to−40 ≥0.1

Cas OB4 117.5–119 −40 to−30 <0.1 S173 119.4 −0.9 −37.0

Cas OB8 128.5–129.5 −40 to−30 <0.1

Cas OB6 133.5–134.0 −50 to−40 ≥0.1 S190 133.7 1.0 −38.7

−40.7

−46.0

−44.0

136.5–137 −42 to−36 ≥0.1 S199 137.5 1.1 −36.6

−36.9

Cam OB1 S202 140.6 1.9 −18.9

S205 148.5 −0.2 −18.2
the same time, the clouds of the interarm space
beyond this arm must be displaced toward smaller
distances, although only slightly. As a result, the
clouds of the Perseus arm and the interarm space
beyond it can “switch places,” as was the case with
the associations. Therefore, the observed (l, VLSR)
distribution of molecular clouds in the Perseus arm
cannot be treated as a concentration of molecular
clouds toward the outer edge of this arm, as follows
from a comparison of only the photometric distances
to the associations with kinematic distances to the
clouds.

There is also independent evidence that the bright
molecular–dust clouds of the Perseus arm are not
farther than the associations, as it may seem from
a kinematic distance estimate Rkin ≥ 2.5 kpc (see
Fig. 2b). According to Neckel and Klare (1980), the
interstellar extinction in the direction l ∼ 90◦–140◦ is
highest in the Local arm (i.e., within 1 kpc). In several
directions (in particular, toward Cas OB2 and OB6,
with which the molecular clouds are associated), a
second increase in the interstellar extinction AV is
ASTRONOMY LETTERS Vol. 29 No. 5 2003
observed at a distance up to Rphot ∼ 2 kpc, indicating
that the clouds are localized in front of these associ-
ations. According to Blaha and Humphreys (1989),
a small increase in AV is observed for the stars that
are located near the molecular–dust clouds associ-
ated with Cas ОВ2 and OB6 (Rphot ≤ 2 kpc). Un-
fortunately, there are no stars of these associations
toward the clouds. Studies of the dust distribution
toward the H II regions IC 1795 and IC 1805 ionized
by Cas ОВ6 stars also showed that the bulk of the
extinction is attributable to foreground dust clouds
(Kolesnik 1987, 1988).

Thus, if the distribution of molecular clouds in
Fig. 2b is considered in terms of a purely circular
Galactic rotation, then the kinematic distances to the
molecular clouds of the Perseus arm turn out to be
much larger than not only the photometric distances
to the associations associated with them but also
the kinematic distances to the molecular clouds onto
which the interarm associations beyond this arm are
projected. A correction for the streaming motions
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(and the interstellar extinction) displaces the molecu-
lar clouds, along with the associations of the Perseus
arm, into the inner part of this arm and the molecular
clouds onto which the far interarm associations onto
which they are projected into a region near the outer
boundary or beyond the Perseus arm.

A similar inversion of the near and far molecular
clouds in the (l, VLSR) plane was previously found in
the Cygnus arm (Sitnik et al. 2001). A correction for
the streamingmotions of stars and gas here decreased
the distance by ∼2 kpc (by a factor of 3) to one of
the clouds and changed their relative positions with
respect to the Sun.

Molecular Clouds in the Outer Galaxy (Third
Quadrant)

The spiral structure in the third quadrant is identi-
fied neither by the spatial distribution of associations
nor by their residual motions (Fig. 2a). All of the asso-
ciations Gem OB1, Mon OB1 and OB2, Cma OB1,
Vela OB1, and Ori OB1, with the possible exception
of Coll 121 and Vela OB2, have kinematics typical of
the interarm space (see Table 1) and do not belong to
the extension of the Perseus arm expected in the third
quadrant. However, all of the above associations are
observed within R ≤ 1.5 kpc, whereas the Perseus
arm lies much farther.

Most of the associations in the third quadrant
completely or partially lie outside the CO-emission
layer shown in Fig. 2a (Table 1). Therefore, compar-
ing the distributions of OB associations and molec-
ular clouds, we note only the following. The bulk
of the CO emission in the region l ∼ 180◦–270◦ is
emitted in the range∆VLSR ∼ 0–30 km s−1 (Fig. 2a).
The stars of all of the associations shown in Fig. 2a,
including GemOB1, MonOB1 and OB2, CmaOB1,
and Vela OB1 located, at least partially, within−2◦ ≤
b ≤ 2◦ (Table 1) move with the same line-of-sight
velocities. Because of the small residual velocities
(Vr,res ∼ 2–4 km s−1) compared to the line-of-sight
velocity dispersion, the displacement of Gem OB1,
Cma OB1, Vela OB1, and the interarm clouds as-
sociated with them in the (l, VLSR) plane is invisi-
ble (Fig. 2a). A large line-of-sight velocity disper-
sion (σ ∼ 13 km s−1) is observed in the Mon OB1
and OB2 associations, which are located at differ-
ent distances (0.6 and 1.2 kpc) but are projected
onto each other both in the plane of the sky and the
(l, VLSR) plane. This dispersion, as well as the same
median line-of-sight velocities, of these associations
located at different distances from the Sun may be at-
tributable to the erroneous assignment of stars in the
near association to the far association and vice versa.
Therefore, the isolated and, at first glance, clearly
identifiable molecular clouds in Fig. 2a onto which
MonOB1 and OB2 are projected can actually be both
a superposition of the clouds at different distances
along the line of sight associated with each of the
associations and a separate cloud near one of them.
The analysis of the optical extinction by Neckel and
Klare (1980) gave no unique answer.

CONCLUSIONS

Our analysis of the streaming motions of OB as-
sociations and associated molecular clouds has in-
dicated that spiral density waves can significantly
change the distribution of these objects in the
(l, VLSR) plane. The observed distribution depends
on the relationship between V ∗

r,gal and Vr,res. In
turn, the magnitude and direction of Vr,res depend
on the position of the object being studied in the
arm cross section or in the interarm space, on the
orientation of the arm or the interarm space relative
to the line of sight. A knowledge of the line-of-
sight velocities and distances for OB associations,
as well as their residual space velocities, allowed the
residual motions of the molecular clouds near these
associations to be estimated. The most favorable
conditions for studying the residual motions were
found in the Perseus and Cygnus arms, because Vr,res
for the ОВ associations and molecular clouds in the
inner parts of these arms is at a maximum.

The spiral arms in the Galaxy are often identi-
fied by the spatial concentration of OB associations,
Н II regions, molecular clouds, or clouds of neutral
hydrogen. However, since peculiar streaming mo-
tions are characteristic of the wave arms, a wave arm
must be identified primarily by its kinematics. Studies
of the streaming motions of associations showed that
only two thirds of the OB associations are in the
arms (Melnik et al. 2001). These associations are
associated with giant molecular clouds by which, ac-
cording to many researchers (e.g., Dame et al. 2001),
the spiral structure can be traced in the (l, VLSR)
plane. Nevertheless, not only OB associations but
also many molecular clouds identified by the CO-
emission distribution are observed outside the arms
as well (e.g., in the third quadrant).

The following main conclusion can be drawn from
our comparative analysis of the (l, VLSR) distributions
of OB assocuiations and molecular clouds in a large-
scale solar neighborhood. In general, the line-of-sight
velocity ranges in which the stars of an OB associa-
tion, the H II regions ionized by stars of this associa-
tion, and the nearest molecular clouds are observed
overlap (Tables 1 and 2; Fig. 2; see also Sitnik et
al. 2001). This result is to be expected, because it
is a consequence of the physical and genetic rela-
tionship between these objects. Note also that the
large stellar line-of-sight velocity dispersion (σVLSR ∼
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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13–20 km s−1) for a number of associations (SerOB1
and OB2, Sct OB2, Vul OB1, Aur OB1, Mon OB1
and OB2, Cma OB1, Cen OB1, Ara OB1A, and
Sco OB1) can imply that not all of the stars are
members of these associations.

The streaming motions in the Perseus arm at-
tributable to density waves made the following
changes to the (l, VLSR) distribution of CO emission
(Fig. 2).

(1) The distances to objects of the Perseus arm
and the interarm space are inverted. For example,
the Perseus arm associations are observed at line-
of-sight velocities that correspond to larger kinematic
distances than the kinematic distances to the actually
far interarm associations beyond this arm. Thus, in
the (l, VLSR) plane, not only the associations of the
Perseus arm and the interarm space beyond it but also
themolecular clouds associated with them can switch
places. In this case, the population of the Perseus
arm proves to be displaced toward larger distances
by ∼ 2 kpc because of streaming motions, while the
far interarm OB associations beyond the Perseus arm
and the molecular clouds associated with them fall
into the region between the Perseus and Cygnus–
Cepheus arms.

(2) It may seem from comparison of the distances,
the photometric ones to OB associations and the
kinematic ones to molecular clouds, that the molecu-
lar clouds are concentrated in the (l, VLSR) plane to
the outer boundary of the Perseus arm. (This con-
clusion has previously been reached repeatedly, in-
cluding by the author.) However, the equal line-of-
sight velocities of the OB associations and the asso-
ciated molecular clouds, as well as the corrections for
streaming motions and interstellar extinction, sug-
gest that these objects are at the same distances.

(3) An anomalously large CO surface density con-
trast (25 : 1) is observed in the Perseus arm and
the interarm space in front of this arm (Digel et al.
1996). The region of reduced CO surface density
in the range l ∼ 120◦–140◦, VLSR ∼ 20–30 km s−1

(Fig. 2b), could be formed in part due to the inversion
noted in (1). This means that the СО clouds (along
with the associations) of the Perseus arm were swept
out of this region in the (l, VLSR) plane by streaming
motions toward larger distances, while the far clouds
that must fall here are either few in number or the
CO emission from these clouds is below the sensi-
tivity threshold of the survey by Dame et al. (2001).

Previously, Sitnik et al. (2001) detected the
streaming motions of OB stars, molecular clouds,
and ionized hydrogen in the Cygnus arm, which
also led to an inversion of the distances to the two
complexes of stars and gas identified here. Thus,
one of the molecular cloud complexes was displaced
toward larger distances by ∼2 kpc, while the other
ASTRONOMY LETTERS Vol. 29 No. 5 2003
complex was displaced only slightly. Given the line-
of-sight velocities of the Galactic rotation and the
residual line-of-sight velocities of the Cen OB1
and Cru OB1 or Sgr OB1, Ser OB1 and OB2,
and Sct OB2 associations, one might expect the
molecular clouds associated with these associations
in the (l, VLSR) plane to be brought closer to the
Sun by streaming motions with Vr,res ∼ 5–8 km s−1

and Vr,res ∼ (−24)–(−8) km s−1, respectively (see
Table 1, Figs. 2a and 2d).

Thus, our comparative analysis of the (l, VLSR)
distributions of OB associations and molecular
clouds suggests a significant effect of streaming
motions and confirms that they should be taken into
account when transforming the observational data for
interstellar clouds in the (l, VLSR) plane into a spatial
distribution. The observed large-scale distribution of
CO emission in the (l, VLSR) plane can be explained
in terms of the theory of spiral density waves based on
the detected large-scale periodicity of the variations
in the residual velocities of OB associations in space
because of streaming motions. I would like to note
that the radial or azimuthal expansions of the large-
scale (comparable to the arm cross section) gaseous
envelopes around young associations with a velocity
no higher than 20 km s−1 could actually result from
the residual motions produced by density waves.
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Abstract—We investigate the nonlinear growth stages of the bending instability in stellar disks with
exponential radial density profiles. We found that the unstable modes are global (the wavelengths are larger
than the disk scale lengths) and that the instability saturation level is much higher than that following from
a linear criterion. The instability saturation time scales are of the order of one billion years or more. For
this reason, the bending instability can play an important role in the secular heating of a stellar disk in the
z direction. In an extensive series of numericalN-body simulations with a high spatial resolution, we were
able to scan in detail the space of key parameters (the initial disk thickness z0, the Toomre parameterQ, and
the ratio of dark halo mass to disk massMh/Md). We revealed three distinct mechanisms of disk heating in
the z direction: bending instability of the entire disk, bending instability of the bar, and heating on vertical
inhomogeneities in the distribution of stellar matter. c© 2003 MAIK “Nauka/Interperiodica”.

Key words: galaxies, groups and clusters of galaxies, intergalactic gas.
STELLAR RELAXATION IN THE DISKS
OF SPIRAL GALAXIES

According to the theory of stellar evolution, the
correlation between the spectral types of stars in the
solar neighborhood and their kinematic parameters
found more than half a century ago (Parenago 1950)
is the reflection of another correlation—between the
stellar age and the random velocity dispersion (for a
review of the currently available data, see, e.g., Fuchs
et al. 2000). The latter correlation has the following
pattern: the velocity dispersion for old stars is, on
average, larger than that for young stars. All stars are
born with a small spread in random velocities (about
5–10 km s−1). In this case, the increase in the velocity
dispersion with time (dynamic heating) is the reflec-
tion of a random scattering of stars (continuous or
occasional) by massive objects or large-scale density
inhomogeneities.

Two pioneering studies (Spitzer and Schwarzshild
1951, 1953), in which large gaseous structures dis-
covered twenty years later as giant molecular clouds
(GMCs) from CO observations were postulated as
scattering objects, were based on this idea. Subse-
quently, other relaxation mechanisms, for example,
interaction with close satellites, were also suggested.
The latter mechanism relies on observational data,
according to which the disks of galaxies in interacting
systems are a factor of 1.5 or 2 thicker than the disks
of isolated galaxies (Reshetnikov and Combes 1997).

*E-mail: NS2217@NS2217.spb.edu
1063-7737/03/2905-0321$24.00 c©
Its efficiency is confirmed by numerical simulations
(Walker et al. 1999; Velazquez and White 1999).

For isolated galaxies, apart from scattering by
GMCs, the heating on inhomogeneities in the dis-
tribution of stellar matter that arise during the de-
velopment of internal instabilities in the disk itself is
commonly considered. The heating can be produced
by transient spiral arms or a growing bar and by
bending instability.

In suggesting a particular dynamic heating mech-
anism, the following two well-established observa-
tional facts should be borne in mind.

(1) The stellar velocity dispersion depends on
time as σtot ∝ tα, where σtot is the three-dimensional
velocity dispersion and α ≈ 0.33–0.5 (Fuchs et al.
2000; Binney et al. 2000).

(2) The ratio of the vertical and radial stellar veloc-
ity dispersions is σz/σR < 1.

The second fact requires an explanation. It is well
known that in an equilibrium axisymmetric galaxy in
the absence of the third integral of motion, σz and σR

must be equal at a given point of the disk (see, e.g.,
Saslaw 1985). Observational data indicate that this
is not the case. The σz/σR ratio for stars in the solar
neighborhood does not depend on their spectral type
(and, hence, on their age) and is σz/σR = 0.53± 0.07
(see, e.g., Dehnen and Binney 1998). Until recently,
no similar data have been available for external galax-
ies. At present, this ratio is known for two more
2003 MAIK “Nauka/Interperiodica”
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nearby galaxies:1 σz/σR = 0.70 ± 0.19 for NGC 488
(morphological type Sb) (Gerssen et al. 1997) and
σz/σR = 0.85 ± 0.1 for NGC 2985 (morphological
type Sab) (Gerssen et al. 2000); i.e., it increases as
one passes to earlier-type galaxies.

Spitzer and Schwarzshild (1951, 1953) showed
that when stars are scattered by GMCs, the stellar
velocity dispersion increases as σtot ∝ t1/3; i.e., the
exponent corresponds to the lower limit of this quan-
tity, which is still in agreement with observational
data. If, however, we take into account the fact that
the GMCs are confined in a thin layer and the stars lie
outside this layer most of the time, then the efficiency
of the relaxation mechanism associated with GMCs
becomes even lower: σtot ∝ t0.25 (Lacey 1984). At
the same time, GMCs are capable of effectively con-
verting the energy of random motions in the disk
plane into the energy of random motions in the per-
pendicular direction. Lacey (1984) found that when
stars are scattered by GMCs, a ratio σz/σR ≈ 0.8 is
rapidly established. This ratio is much larger than the
value observed for the solar neighborhood, although
it is close to that obtained for the galaxy NGC 2985.
However, no CO-line emission was detected for this
galaxy (see, e.g., Merrifield et al. 2001).

As regards the spiral arms, numerical simulations
(the first numerical results were obtained by Sellwood
and Carlberg 1984) and analytical calculations (Bin-
ney and Lacey 1988; Jenkins and Binney 1990; Jenk-
ins 1992) show good agreement between the theoret-
ical and observational age–velocity dispersion rela-
tions. However, the following should be remembered:
in the above theoretical studies, the spiral arms were
assumed to effectively scatter stars only in the disk
plane. Additional mechanisms are commonly invoked
to convert part of the energy in the disk plane into
the energy of vertical motions. The combined effect
from spiral arms and GMCs yields a result that is in
good agreement with observational data (Binney and
Lacey 1988), but this does not rule out other verti-
cal disk heating mechanisms. For isolated galaxies,
bending instability can serve as such a mechanism. In
addition, as we show below, spiral arms are capable of
producing density inhomogeneities in the z direction.
The interaction of stars with these density enhance-
ments also result in an increase of σz .

Here, we study in detail the nonlinear growth
stages of bending instability and show that it can
be responsible for the secular increase of the stellar
velocity dispersion in the vertical direction.

1In both cases, we give galaxy-averaged data.
BENDING INSTABILITY AS A MECHANISM
OF THE SECULAR HEATING OF STELLAR

DISKS

The Linear Theory

Stellar disks are known to be unstable against
the formation of spiral arms and bars. In addition,
conditions for the growth of bending instability exist
in thin equilibrium disks. This instability arises in
systems with highly anisotropic particle motions and
is similar to the fire-hose instability in plasma.

The bending instability of an infinitely thin grav-
itating layer with a nonzero velocity dispersion was
first investigated by Toomre (1966). Toomre is be-
lieved to have been sceptical about his results. There-
fore, they were published in a barely accessible paper
and only several years ago did they become widely
known after their detailed presentation by Merrit and
Sellwood (1994). The bending instability of flat stellar
systems has been rediscovered several times. Kulsrud
et al. (1971) independently obtained a result similar
to that of Toomre (1966). As regards equilibrium
cold disks (with a zero velocity dispersion), Hunter
and Toomre (1969) showed that they (in contrast to
hot disks) are stable against the growth of bending
perturbations. This fact had long been misused as
an argument against any astrophysical applications
related to bending instability. Only in 1977 did Po-
lyachenko and Shukhman construct an exact linear
theory for a homogeneous thin layer with a nonzero
stellar velocity dispersion. A more realistic model of
a thin layer with the vertical density profile described
by the function sech2(z/z0) was analyzed by Ara-
ki (1985).2

Toomre (1966) was the first to derive the dis-
persion relation for long-wavelength (λ = 2π/k � h,
where 2h is the layer thickness) bending perturba-
tions

ω2 = 2πGΣ|k| − σ2
xk

2, (1)

where Σ is the surface density of the layer stars and σ2
x

is the velocity dispersion along a particular coordinate
in the layer plane. It follows from Eq. (1) that per-
turbations with wavelengths λ > λJ ≡ σ2

x/GΣ are
stable, because ω2 > 0 in this range.

Short-wavelength perturbations

λ < λ2 ≈ h
σx

σz
= hα,

where

α ≡ σx/σz (2)

2The presentation of the results of this analysis by Sellwood
and Merritt (1994) made it accessible for a wide circle of
researchers.
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is the control parameter of the bending instability,
must also be stable. In this case, the time of one ver-
tical stellar oscillation, t⊥ = h/σz , is longer than the
time it takes for the star to traverse one wavelength,
t‖ = λ/σx. Therefore, the star traverses a distance of
several wavelengths in the time t⊥. As a result, a mis-
match in the coherent particle motion arises, causing
the perturbation to decay. Intermediate-wavelength
(λ2 < λ < λJ ) perturbations are unstable; the bend-
ing only grows.

When λ2 = λJ , the instability region disappears
and the disk becomes stable against bending per-
turbations of any wavelengths. The following an-
alytical estimate is valid for the parameter α de-
fined by formula (2) in the linear approximation
(Toomre 1966; Kulsrus et al. 1971; Polyachenko and
Shukhman 1977; Araki 1985)

λ2 = λJ for α = αcr ≈ 3.0

or
(σz/σx)cr ≈ 0.3. (3)

The instability is completely suppressed for σz/σx >
0.3 and grows for σz/σx < 0.3.

Stars are born out of a gaseous medium and ini-
tially have low random velocities. The increase of the
velocity dispersion in the radial and azimuthal direc-
tions through scattering by spiral density waves can
lead to an anisotropy of the particle motions in the
plane and in the vertical direction. As a result, bend-
ing instability can develop in the disk; this instability
causes an increase in σz to the level corresponding to
instability saturation and an increase in the stellar-
disk thickness. The linear criterion gives a low insta-
bility saturation level (3). However, as was mentioned
above, σz/σR ≈ 0.5 in the solar neighborhood. That
is why Toomre was sceptical about his discovery.
However, the following two things should be remem-
bered. First, (σz/σR)cr ≈ 0.3 was obtained from a
linear analysis. Numerical studies of the nonlinear
growth stages of bending instability (Raha et al.
1991; Sellwood and Merritt 1994; Merrit and Sell-
wood 1994; and our numerical results) show that the
instability is saturated at much larger σz/σR. Second,
the growth rate of the instability is very low. The
saturation time scales are several billion years.

For these two reasons, bending instability can play
an important role in the secular disk heating in the
z direction.

The Numerical Model

A high spatial resolution in the z direction is re-
quired to properly simulate the growth of bending
instability in numerical simulations. In the N-body
problem, this is possible only for a large number of
ASTRONOMY LETTERS Vol. 29 No. 5 2003
gravitationally interacting particles. In the first nu-
merical models, N was taken to be 100 000 (Raha
et al. 1991; Sellwood and Merritt 1994; Merrit and
Sellwood 1994). We used a considerably larger num-
ber of particles, N = 300 000–500 000, which made
it possible to reach a higher resolution and to trace
the evolution of the stellar disk on time scales of
about 5 Gyr. In addition, our model of a disk galaxy
is much more realistic: we considered a rotating disk
with an exponential density profile and assumed the
existence of an additional spherical component (a
dark halo). Finally, we scanned in detail the space of
control parameters (see the next section) and found
many of the growth features of bending instability that
were overlooked in both the linear analysis and the
numerical simulations.

In our numerical simulations, we simulated the
evolution of an isolated disk galaxy by using an al-
gorithm that is based on the data structuring in the
form of an hierarchical tree3 (Barnes and Hut 1986).
Its implementation was taken from the NEMO pack-
age (http://astro.udm.edu/nemo; Teuben 1995). The
package was adapted to personal computers and sig-
nificantly expanded by including original data analy-
sis and visualization programs.

In specifying a galaxy model, we separated two
subsystems: the stellar disk and the spherically sym-
metric component (a dark halo). Star formation was
disregarded. The disk was represented as a system
of gravitating bodies with R and z density profiles,
which corresponds to the observed brightness profiles
for spiral galaxies:

ρd(R, z) =
Md

4πh2z0
exp

(
−R
h

)
sech2

(
z

z0

)
, (4)

where h is the exponential disk scale length, z0 is the
typical scale of density variation in the z direction, and
Md is the total disk mass.

The spherical component was described in terms
of the external static potential

Φh(r) = −v
2
∞
2

ln(r2 + a2
h), (5)

where ah is the typical scale and v∞ is the velocity of a
particle on a circular orbit in this potential for r → ∞
(v∞ can be expressed in terms of the halo mass within
a sphere of a given radius and parameter ah).

We specified the initial particle velocities (the ro-
tation velocity and the random component) on the
basis of equilibrium Jeans equations using a standard
technique with a specified dependence σ2

R ∝ Σ(R),
where Σ(R) is the disk star surface density (see, e.g.,
Hernquist 1993).

3This scheme is called a tree method.
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Initial parameters of the numerical models

Mh(4h)/Md(4h) z0, kpc
Q

1.5 2.0 2.2

3.0 0.1 9_1 12

1.5 0.1 24 27_1 33

0.85 0.1 22 23 31

0.25 28 29, 29_1

0.6 0.1 8, 8_1 11, 11_1, 20

11_2, 11_3

0.25 21

0.3 26, 26_1

0.4 30

0.5 32

All of the parameters specified in a numerical sim-
ulation can be divided into three groups: input param-
eters of the algorithm for solving theN-body problem,
parameters of the initial model, and control parame-
ters of the problem (the parameters that significantly
affect the processes under consideration).

(1) Parameters of the algorithm are as follows:
δt = 0.5 × 106 yr (occasionally, 0.25 × 106 yr) is the
integration step; Tend = 3000–5000 Myr is the total
integration time, θ = 0.7 is the parameter respon-
sible for the accuracy of calculating the force (see,
e.g., Hernquist 1987); in addition, in our computa-
tions, we took not one but the first two terms in the
Laplace expansion of the potential: the monopole and
quadrupole terms (Hernquist 1987); ε = 0.02 kpc is
the potential smoothing parameter.

(2) Parameters of the initial model are as follows:
h = 3.5 kpc is the exponential disk scale length; ah =
2 kpc is the dark-halo scale parameter; and Md =
(4–8) × 1010M� is the disk mass.

(3) Control parameters of the problem. Let us
consider them in more detail.

(A) z0 = 0.1–0.5 kpc is the initial disk half-
thickness (this quantity can be related to the initial
velocity dispersion σz by assuming that the system
is vertically isothermal, σ2

z = πGz0Σ(R)). Since we
are concerned with the increase of the stellar velocity
dispersion in the z direction, we constructed an
initially thin equilibrium galaxy with a small value
of z0. This, in turn, implies a small velocity dispersion
in the z direction. Next, we observed the development
of bending instability, which leads to stellar relax-
ation. By varying z0, we were able to determine the
instability saturation level independent of the initial
conditions.

The assumption that the system is isothermal
and the dependence σ2

R ∝ Σ(R) taken from empirical
considerations yields the relation σz/σR = const for
the initial time. The ratio σz/σR has always been
lower than the value that follows from the linear
criterion for bending instability. As a result, we were
able to subsequently analyze the instability saturation
level for variousR.

(B) Q8.5 = 1.5–2.2 is the Toomre parameter
(Toomre 1964) at Rref = 8.5 kpc (this quantity char-
acterizes the initial radial velocity dispersion at this
radius Rref). It follows from the dependence σ2

R ∝
Σ(R) that

Q = σR/σ
cr
R ∝ Σ1/2 κ

Σ
∝ κ(R) exp(R/2h),

where κ is the epicyclic frequency; i.e., in contrast to
σz/σR,Q is not constant for the entire disk. The func-
tion Q(R) for an exponential disk has a broad maxi-
mum in the range h < R < 3h (see Fig. 1 in Hern-
quist 1993). Specifying Q at Rref ≈ 2.5h ≈ 8.5 kpc
gives the condition Q(R) ≥ Q8.5. This condition, in
turn, ensures a level of stability against perturbations
in the disk plane that is not lower than the level
specified at Rref.

We were concerned with two cases:
— a large value of Q8.5 ≈ 2.0 or, in other words,

a large initial radial velocity dispersion at which the
formation of a bar in the disk is suppressed; this allows
the development of bending instability to be traced in
pure form (without the influence of a bar).

— a moderate value ofQ8.5 ≈ 1.5; in this case, the
disk is unstable against the growth of a bar mode and
we were able to investigate the influence of a bar on
the relaxation in the z direction.

(C) Mh(4h)/Md(4h) = 0.6–3.0 is the ratio of
dark-halo mass to disk mass within a sphere of
radius 4h. The spherical component is a stabilizing
factor during the development of bending instabil-
ity; we consider its influence on the secular galaxy
heating in the section entitled “Stellar relaxation in
models....”

For our computations, we used PC-compatible
computers of the Astronomical Institute of St. Pe-
tersburg State University. Some of the numerical
simulations were carried out in cluster mode. The
table gives the numbers of all of the models analyzed
below.4

4The models with equal control parameters have different ran-
dom realizations of the initial conditions—particle positions
and random velocities.
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Results of the Numerical Simulations

We carried out a large series of stellar-dynamics
simulations and studied the growth of bending insta-
bility in thin stellar disks as a function of the control
parameters of the problem. Analysis of the results of
our computations revealed three distinct mechanisms
of stellar relaxation in the vertical direction. The fol-
lowing system of units is used in all of the figures that
illustrate our conclusions: the unit of time is 1 Myr,
the unit of velocity is 978 km s−1, and the unit of
length is 1 kpc.

Large-scale bending instability of the disk.
The large-scale bending instability of the entire disk is
the first galaxy heating mechanism. It is most typical
of galaxies with low-mass spherical components that
are initially hot in the plane, i.e., of galaxies in which
the formation of a bar was suppressed (for bar-mode
suppression mechanisms, see, e.g., the monograph of
Binney and Tremaine 1987).

Below, we describe the scenario for the develop-
ment of bending instability using Model 26_1 as an
example. All of the key evolutionary features of the
stellar disk that were shown by this model were also
observed in other hot models.

If we decompose z(R) (the mean particle devia-
tion from the z = 0 plane) into Fourier harmonics,
z̄m(R) = Am exp (−imϕ), then we can calculate
the amplitudes of the first three harmonics (m = 0
is the axisymmetric bending or, alternatively, the
bell mode; m = 1 is the bending mode; and m =
2 is the saddle-type mode). The change of Am

with time describes the various bending formation
stages shown in Figs. 1 and 2 (left panels). These
stages are more clearly distinguished in the color
two-dimensional histograms that can be found at
http://www.astro.spbu.ru/staff/seger/articles/warps
_2002/fig1_web.html. In these histograms, the mean
disk particle deviation from the z = 0 plane is rep-
resented by different colors (the shades of yellow
and blue indicate upward and downward deviations,
respectively). We see in Figs. 1 and 2 (as in the two-
dimensional histograms) that a large-scale bending
is produced in the galaxy at a time t ≈ 200 Myr. At
t ≈ 400 Myr, the bending amplitude reaches its local
maximum. The bending perturbation wavelength (the
radial extent) is comparable to the disk scale length.
The bending is not axisymmetric; the amplitude of the
zero mode, i.e., the mode with the azimuthal number
m = 0, is small, at least less than the amplitudes
of other harmonics. This relationship between the
harmonic amplitudes is preserved until t ≈ 800 Myr.

Next, a steadily growing axisymmetric bending
mode (m = 0) is clearly revealed, while all of the still
large (in amplitude) nonaxisymmetric modes (m = 1
and m = 2) are displaced to the galactic periphery.
ASTRONOMY LETTERS Vol. 29 No. 5 2003
Subsequently (t = 800–1200 Myr), the nonaxisym-
metric bending modes are gradually damped, while
the axisymmetric bending reaches its maximum (t =
1000 Myr).

For the subsequent 1500 Myr of its evolution,
the disk freezes in a shape similar to the shape of
circles on water. A similar vertical disk structure, with
box-shaped iosphotes in central regions, was also
observed in the numerical simulations of Sellwood
and Merritt (1994) for initially hot Kuzmin–Toomre
disk models and in other simulations in which the
bar formation was suppressed through a large Toomre
parameter Q (Patsis et al. 2002). In our compu-
tations, the amplitude of the axisymmetric bending
slowly decreased and, to all appearances, the bending
must subsequently disappear altogether.

Two evolutionary stages of the bending can be
separated in this model: the initial stage with a non-
axisymmetric bending and the main stage with an
axisymmetric bending.

Let us turn to the plot of the vertical (σz) and
radial (σR) velocity dispersions against time (Fig. 3a).
The value of σz approximately doubled in time t =
3000 Myr. Two times of rapid increase in the ve-
locity dispersion σz can be distinguished: one at
t ≈ 500 Myr (the time the amplitude of the initial
nonaxisymmetric bending reaches its maximum) and
the other at t ≈ 1000–1200 Myr (the time the am-
plitude of the main axisymmetric bending reaches its
maximum). As we see, the two times of change in σz

are closely related to the characteristic growth stages
of bending instability. Such a relationship exists in
all of the models without bars in which bending
instability developed. Thus, we can conclude that
in this model, the bending instability is responsible
for the increase in σz ; when the bell (m = 0) mode
appears, the energy of the random stellar velocity in
the disk plane is converted most effectively into the
energy of random vertical motions.

Note that the integrated quantities σz and σR cal-
culated for the entire galaxy were used to construct
the plots in Fig. 3. These quantities allow us to judge
only the general run of the processes in the disk.
Figure 4 shows the radial profiles of the azimuthally
averaged σz for various times. We see that the relax-
ation effect is most pronounced for central regions.

In Fig. 5, the σz/σR ratio is plotted against R
for several times (here, we also averaged σz/σR in
concentric rings). We can conclude from our data
that the saturation level of the bending instability in
a region of about two exponential disk scale lengths
in size (about 7–7.5 kpc) is much higher than its level
predicted by the linear criterion (3). For these regions,
σz/σR ≈ 0.4–0.8.



326 SOTNIKOVA, RODIONOV

 

0.2

0

0.2

0

0.4

0.2

0

0.2

0

0.4

 

m

 

 = 0

 

m

 

 = 1

 

m

 

 = 2

 

0.2

0

0.2

0

0.4

 

m

 

 = 0

 

m

 

 = 1

 

m

 

 = 2

 

0.2

0 5 10 15 20

0

0.2

0

0.4

 

m

 

 = 0

 

m

 

 = 1

 

m

 

 = 2

 

R

t

 

 =
 8

00

 

t

 

 =
 6

00

 

t

 

 =
 4

00

 

t

 

 =
 2

00

 

|

 

A

 

m

 

|

 

3.75

2.50

1.25

0

–1.25

–2.50

–3.75

3.75

2.50

1.25

0

–1.25

–2.50

–3.75

3.75

2.50

1.25

0

–1.25

–2.50

–3.75

3.75

2.50

1.25

0

–1.25

–2.50

–3.75

 

m

 

 = 0

 

m

 

 = 1

 

m

 

 = 2

 

–15 –10 –5 0 5 10 15

 

X

Z

Fig. 1. Model 26_1. Early evolutionary stages of the bending. The left frames: the radial distribution of the amplitude of the first
three harmonics (m = 0, 1, 2) for the bending perturbation for several times. The right frames: an edge-on view of the galaxy—
the isophotal distribution. The horizontal and vertical frame sizes are 40 and 10 kpc, respectively; i.e., the vertical scale was
increased by a factor of 4!
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Fig. 2. Model 26_1. The same as Fig. 1 for late evolutionary stages.
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Fig. 4. Model 26_1. σz versus R for several times.
In Figs. 1 and 2 (right panels), the edge-on image
of a model galaxy is represented by isophotes for
several times. The image was vertically magnified
by a factor of 4. As a result, the disk bending is
clearly seen. Note that the galactic evolution at late
stages gives rise to a family of X-shaped orbits in
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Fig. 5. σz/σR versus R for several times: Models 26_1 and 8_1.
central regions of the disk (t = 1200, 1400, 3000;
the left frames; the X-shaped structures are more
clearly seen on the pseudoimage of the model galaxy,
ttp://www.astro.spbu.ru/staff/seger/articles/warps_
2002/fig1_web.html). The main axisymmetric bend-
ing may be saturated at a galaxy thickness at which
a resonance arises between the frequencies of the
stellar oscillations across the disk and in the rotation
plane. This resonance can produce X-shaped orbits,
which have repeatedly been observed in numerical
ASTRONOMY LETTERS Vol. 29 No. 5 2003
simulations (Combes et al. 1990; Pfenninger and
Friedli 1991; Patsis et al. 2002).

In other models, the initial and main bends mani-
fested themselves differently that those inModel 26_1.
The behavior of all models can be assigned to one of
the following cases.

(1) Both the initial and main bends arose almost
simultaneously. In the long run, only the axisymmet-
ric bending survived. Abrupt disk heating took place
at the time the bending amplitude was increasing.
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This scenario was observed for initially thin galaxies,
i.e., for the models that started from initial conditions
far from the linear saturation level. Almost all of the
models with Q8.5 = 2.0 and z0 < 0.3 kpc show such
a pattern of evolution.

(2) The occurrences of the initial and main bends
were well separated in time, as for Model 26_1 de-
scribed in detail.

(3) There was no initial bending at all, while the
main bending could be observed at very late evo-
lutionary stages. This scenario is characteristic of
initially thick disks, i.e., of the models that started
from conditions close to the instability saturation
limit. This result closely corresponds to the following
theoretical result: at a given ratio of the masses of
the spherical and disk components, the mode with
the azimuthal number m = 1 becomes stable earlier
than the other modes as the disk thickness increases
(Fridman and Polyachenko 1984). As the disk thick-
ness increases further, the m = 2 mode is ultimately
saturated and the m = 0 mode remains at the fore.
Note that the results of our numerical simulations
and the theoretical calculations of Fridman and Po-
lyachenko (1984) are inconsistent with the conclu-
sions of Merrit and Sellwood (1994). These authors
argue that the m = 0 mode is primarily stabilized in
thick (radially hot) disks and the m = 1 mode must
remain at the fore. In our numerical simulations, as
the disk thickened, the growth rate of them = 0 mode
decreased sharply. A low-amplitudem = 1 mode was
initially observed against the background of a slowly
growingm = 0 mode; after them = 1 mode displaced
to the periphery, an axisymmetric bending clearly
showed up. The vertical velocity dispersion in thick
models began to increase only after the axisymmetric
bending developed. Thus, for example, the disk bend-
ing in Model 32 was observed only 3000 Myr after the
beginning of the evolution.

(4) In some of the models in which a bar was
formed, only a small increase in the vertical velocity
dispersion was associated with the initial bending of
the entire disk. This applies to all of the models with
Q8.5 = 1.5 and z0 < 0.3 kpc. For thicker galaxies,
no initial bending of the entire disk whatsoever was
observed. In all of the models with Q8.5 = 1.5, the
bending instability of the bar itself, which is investi-
gated in the next subsection, was the leading heating
mechanism.

The bending instability of the bars. The sec-
ond vertical disk heating mechanism revealed by our
numerical simulations is related to the bending in-
stability of the bars. A bar bending was first detected
by Raha et al. (1991) in three-dimensional numeri-
cal simulations. Its appearance was explained by the
development of fire-hose instability in the bar. In our
simulations, this instability was responsible for the
secular disk heating almost in all of the models with
bars.5

Consider the disk evolution scenario using
Model 8_1 as an example. The main evolutionary
stages of the bending in this initially moderately hot
model are shown in the color two-dimensional his-
tograms located at http://www.astro.spbu.ru/staff/
seger/articles/warps_2002/fig6_web.html and
http: // www.astro.spbu.ru / staff / seger / articles/
warps_2002/fig7_web.html. At early stages (t ≈
200–400 Myr), the initial bending of the entire disk
comes to the fore (the group of frames in the middle
column). Gradually, the initial bending perturbation
reaches its saturation level, is drifted to the galactic
periphery, and decays (t ≈ 600 Myr). A distinct bar
has already been formed in the galaxy by this time
(Figs. 6 and 7; the group of left frames; all images
were oriented in such a way that the bar major axis
was horizontal). At t ≈ 800 Myr, the bending is
already generated in the bar. At t ≈ 1000 Myr, its am-
plitude reaches a maximum, after which the bending
perturbation rapidly decays (t ≈ 1200–1600 Myr).

The bar bending effect becomes understandable if
we look at the group of right frames in Figs. 6 and 7.
The shades of gray in these figures indicate the disk
thickness in different disk regions. The thickness was

calculated as
√
z2(R,ϕ) − z(R,ϕ)

2
. We see that the

bar was much thinner than the rest of the galaxy,
which can be explained as follows. Since most of
the disk stars were captured into the bar, it has a
high surface density. Self-gravity causes the disk to
become thinner in the bar region, which gives rise to
a bending.

If we look at the plot of the vertical velocity dis-
persion against time (Fig. 3b), then we will see the
curve rises twice: first at t ≈ 200 Myr, which is clearly
associated with the appearance of the initial bending
of the entire disk, and, second, at t ≈ 1000–1200 Myr,
which coincides with the time the amplitude of the bar
bending reaches its maximum.

In Fig. 5, σz/σR is plotted against R for several
times. We see that for relatively cold disks (as in the
case of hot disks; Fig. 5, Model 26_1), the general
saturation level of the bending instability is higher
than the linear level (3). Merrit and Sellwood (1994)
pointed out that moderately hot models (Q ∼ 1) be-
have virtually as predicted by the linear theory. Large

5In some of the models that started from Q8.5 = 2.0, despite
the large velocity dispersion in the disk plane, a distinct bar
was formed at late stages. However, by this time, the vertical
velocity dispersion was so large (because of the relaxation
associated with the bending instability of the entire disk) that
no bending was formed in the bar.
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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Fig. 6. Model 8_1. The evolution of a disk with Q8.5 = 1.5 (early stages). In each row: the first frame shows the galaxy seen
face-on (the image brightness corresponds to the logarithm of the number of particles per pixel); the second frame shows the
two-dimensional galaxy thickness distribution (the thickness is indicated by the shades of gray: the lighter is the disk region,
the thicker it is; the thickness ranges from 0 to 1 kpc; the filled circle means that the thickness in this region is outside the
range). All pictures are oriented in such a way that the bar was located along the X axis. The frame size is 40 × 40 kpc.
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deviations take place only for hot models. In our sim-
ulations, we observed a similar picture. The satura-
tion level of the bending instability associated with
the entire disk in the models with Q8.5 = 1.5 is close
to the linear level (see Fig. 5, t = 800, Model 8_1).
However, when the bending instability of the forming
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the two-dimensional σz distribution over the galaxy; σz is indicates by the shades of gray (the velocity dispersion is larger in
brighter regions). We see that in the region of the spiral arms, the galaxy is thinner but the vertical velocity dispersion is larger.
This effect is most pronounced for the two arms located in the lower right corner.
bar came into effect, the final vertical disk heating was
almost the same as that for the models with Q8.5 =
2.0 (see Fig. 5, t = 3000, Models 26_1 and 8_1).

For the remaining models with Q8.5 = 1.5 and a
low dark-halo mass (Mh(4h)/Md(4h) < 1), we ob-
served the same growth stages of bending pertur-
bations as those in Model 8_1. If a bar was formed
in the disk, then bending instability sooner or later
began to develop in it. The bending amplitude rapidly
increased and the instability was ultimately saturated
(all of these processes took place on time scales of the
order of one billion years). Note that even the bend-
ing shape was in each case similar to that observed
in Model 8_1. The models differed only by the bar
formation time and by the duration of the stage that
preceded the onset of bending formation in the bar
itself. The larger the dark-halo mass, the later the bar
formed and the farther the time of bending generation
in the bar from this time. The larger the initial disk
thickness, the later the bar formed.

Stellar relaxation in models with a massive
halo. Consider the stellar relaxation for models with
a massive halo. A massive spherical component is
known to effectively suppress the growth of bar-like
instability (Ostriker and Peebles 1973) and to have
a stabilizing effect on the growth of bending per-
turbations (Zasov et al. 1991; Sellwood 1996). The
stellar relaxation in such models (if it takes place)
must be produced by some other factors. Let us trace
the evolution of the vertical structure of a stellar disk
embedded in a massive halo using Model 9_1 as an
example.

Because of the presence of a massive spheroidal
component in the galaxy, the bending instability of its
ASTRONOMY LETTERS Vol. 29 No. 5 2003
disk was suppressed. No bar was formed either (at
least on a time scale of 5 Gyr). Since a massive halo
primarily stabilizes the disk against the growth of per-
turbations in the disk plane with azimuthal numbers
m ≤ 2, higher-order modes come to the fore. They
manifest themselves in the form of multiple short-
lived spiral waves and persist in the disk for several
disk rotations (see, e.g., the left frame in Fig. 8 and in
the figure at http://www.astro.spbu.ru/staff/seger/
articles/warps_2002/fig8_web.html). Their ampli-
tude is initially large but the spiral pattern is blurred
almost completely by the time t = 3000 Myr.

Transient spirals are produced by collective pro-
cesses and they are responsible for the heating of the
disk in its plane. This relationship was first pointed
out by Sellwood and Carlberg (1984). In Fig. 3c, the
radial (σR) and vertical (σz) velocity dispersions are
plotted against time. As would be expected, the rate
of increase in the radial velocity dispersion slowly de-
creases with decreasing amplitude of the spiral arms
and, after t = 1500 Myr, the stellar relaxation in the
disk plane related to transient spiral perturbations
becomes ineffective. At the same time, for all five
billion years of evolution, σz slowly increases, al-
though the rate of increase gradually decreases. The
observed vertical secular disk heating is not the result
of numerical pair relaxation, because the levels and
the patterns of increase of σz and σR differ greatly
(σR is almost constant at late evolutionary stages).
The cause of the increase of σz in our simulations is
completely different.

Let us analyze the vertical disk structure in more
detail. Figure 8 shows three frames for one of the
times: the galaxy seen face-on, the two-dimensional
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disk thickness map, and the two-dimensional vertical
velocity dispersion map. We clearly see from these
frames that the disk thickness in the regions where
the spiral arms are located is smaller than the disk
thickness in the interarm space. In other words, in-
homogeneities in the distribution of stars in the plane
produce inhomogeneities in the vertical distribution of
stars. The effect is similar in nature to the bar thinning
described in the preceding section: a self-gravitating
disk is thinner where the surface density is higher.

We assume that the observed increase of the ver-
tical velocity dispersion is related to the scattering of
stars by inhomogeneities in the distribution of matter
in the z direction. Apart from the above explanation,
there are two more additional facts that are indicative
of this.

If we look at the two-dimensional σz distribution
(Fig. 8), then we can see that σz in the spiral arms is
higher than that in the interarm space. In addition,
it follows from our computations that the decrease
in the rate of increase of σz correlates well with the
decrease in the intensity of transient spirals.

Thus, we believe that the slow increase of the ver-
tical velocity dispersion in our described models is at-
tributable to the scattering of stars by transient spiral
perturbations. The latter produce inhomogeneities in
the vertical distribution of matter due to self-gravity.

Vertical secular disk heating mechanisms.
During our numerical stellar-dynamics simulations,
we scanned the space of the control parameters
(the initial disk half-thickness, the degree of disk
heating in the disk plane, and the relative mass of
the spheroidal subsystem). A detailed analysis of our
numerical results revealed three distinct mechanisms
of secular disk heating in the z direction.

(1) The large-scale bending instability of the entire
disk.

(2) The bending instability of bars.
(3) The heating due to inhomogeneities in the

vertical distribution of stars produced by matter in-
homogeneities in the plane.

The action of a particular heating mechanism de-
pends on the control parameters. If the bar mode
is suppressed in the galaxy, then the heating is at-
tributable to the large-scale bending instability asso-
ciated with the entire disk. This is the case of a hot
disk (Q8.5 > 1.5) and/or a moderately massive halo.
In this case, the heating of the central regions is par-
ticularly strong. The saturation level of the bending
instability in these regions is almost a factor of 2.5
higher than the level that follows from the linear the-
ory. The bending mode with the azimuthal number
m = 0 plays a key role in the secular heating. The
time of its occurrence depends on the initial disk
thickness: the thicker the disk, the farther in time
the secondary rise in disk temperature related to the
growth of the bell mode.

If a bar mode develops in the disk, then the bending
instability of the bar gives the largest contribution
to the heating. Until a bar is formed, the maximum
value of σz/σR is 0.37 in the central regions and 0.3
on the periphery. This is the level that the bending
instability associated with the entire disk reaches. It
is in good agreement with the linear criterion. After
the formation of a bar, at the time of its bending in the
central regions, σz/σR rises to 0.7–0.8. The heating
on vertical bar bending perturbations dominates in
initially moderately hot disks (Q8.5 = 1.5) with a low-
mass halo.

The heating on vertical inhomogeneities take
place when the bending modes and the bar mode
were suppressed. This was observed for moderately
hot models (Q8.5 = 1.5) with a massive halo. Note
that the secular disk heating in all directions in
similar simulations has been observed more than
once. However, we are probably the first to associate
the increase of σz with the scattering of stars by
vertical inhomogeneities.

CONCLUSIONS

We have numerically analyzed the nonlinear
growth stages of bending instability in stellar disks
with exponential radial density profiles and found
significant deviations from the linear theory.

(1) All of the observed modes are global; i.e., the
scale of unstable perturbations is larger than the typi-
cal scale of density variations in the disk. Our conclu-
sion agrees with the conclusions of Sellwood (1996).
It implies that, although the dispersion relation (1)
derived for a homogeneous layer is also locally valid
for inhomogeneous disks (in particular, exponential
disks, as in our numerical simulations), it would be
inappropriate to use this relation to analyze the sat-
uration level of long-wavelength perturbations. This
also suggests that bending instability will develop in
inhomogeneous disks differently in different parts of
the galaxy.

(2) The value of (σz/σR)cr ≈ 0.3 was obtained
from a linear analysis. As our numerical computations
show, the saturation level of large-scale bending per-
turbations is a factor of 2 or 3 higher than the linear
level. The differences are best seen in central regions
of the stellar disk. The lower the dark-halo mass, the
higher the instability saturation level and the larger
the ratio of the vertical and radial velocity dispersions
averaged within two exponential disk scale lengths.
A similar dependence was pointed out by Mikhailova
et al. (2001), although without discussing the under-
lying mechanisms. Early-type spiral galaxies have, on
average, a smaller dark-to-luminous mass ratio and,
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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as follows from the observational data given above,
a larger value of (σz/σR), in agreement with our
computations.

(3) The instability saturation time scales are sev-
eral billion years.

(4) Our numerical simulations revealed three dis-
tinct mechanisms of the secular heating of stellar
disks in the z direction. We confirmed the existence
of bar bending instability that was first detected by
Raha et al. (1991). For a large series of models, we
showed that the bar bending is an inevitable stage of
its evolution.

Thus, we can conclude that bending instability can
play an important role in the secular disk heating in
the z direction.
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Abstract—We present the results of our study of the poorly known B[e] star AS 160 = IRAS 07370–
2438. The high-resolution spectrum obtained with the 6-m BTA telescope exhibits strong emission in
the Hα line with a two-component profile, indicating that the gaseous envelope of the star is non-
spherical. Previously nonanalyzed photometric data suggest the presence of a compact dust envelope.
The fundamental parameters of the star (log L/L� = 4.4 ± 0.2, v sin i = 200 km s−1) and its distance
(3.5 ± 0.5 kpc) have been determined for the first time and are in agreement with published estimates
of the MK spectral type of the object (B1.5 V:). Analysis of the object’s properties leads us to suggest
that this is a binary system that belongs to our recently identified type of Be stars with warm dust.
c© 2003 MAIK “Nauka/Interperiodica”.
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INTRODUCTION

B[e] stars represent a group of B-type stars whose
spectra exhibit emission lines (including forbidden
ones) along with large near-infrared (1–5 µm) con-
tinuum excesses. Sixty-five such objects were first
identified by Allen and Swings (1976) in the Milky
Way. They noted a correlation between the presence
of forbidden lines and the presence of infrared ex-
cesses and offered three possible explanations of this
phenomenon: the formation of a planetary nebula, the
interaction of a hot star with a late-type companion,
and direct mass ejection from a massive star. Sub-
sequent studies of B[e] stars indicated that objects at
known and well-studied evolutionary stages (young
Herbig Ae/Be stars, luminous blue variables (LBVs),
symbiotic stars, protoplanetary and planetary nebu-
lae (Miroshnichenko 1998a)) constitute almost half
of the initial list. However, until recently about 30
B[e] stars have been studied inadequately and their
evolutionary status has been unclear.

We began to investigate individual B[e] stars with
an uncertain status in the mid-1980s by using long-
term series of multicolor photometric observations
(Bergner et al. 1995) and low-resolution spectra

*E-mail: anatoly@physics.utoledo.edu
1063-7737/03/2905-0336$24.00 c©
(Miroshnichenko 1995). These investigations re-
vealed photometric variability in most of the objects
studied and no photospheric lines in their spectra. In
addition, we found that a large group of B[e] stars
with very strong emission-line spectra occupies an
unusual position in the IRAS color–color diagram.
Such colors (−0.5 ≤ log(F25/F12) ≤ 0.1, −1.1 ≤
log(F60/F25) ≤ −0.3, where F12, F25, and F60 are the
fluxes from the object in the IRAS photometric bands
at 12, 25, and 60 µm, respectively) are typical of dust
envelopes around cool stars or envelopes without dust
hotter than ∼200 K. Our subsequent studies of stars
from this group (which presently contains 19 objects
and which we call Be stars with warm dust) have led
us to conclude that these are fairly evolved objects
most of which are interacting binaries. The latter
accounts for the presence of a large amount of cir-
cumstellar matter (seeMiroshnichenko et al. 2002a).
Although these objects share common properties,
each of them is individual. Therefore, we present
the results of our investigation either for individual
objects or for small groups of them.

In this paper, which is a continuation of our series
of papers including Miroshnichenko et al. (2000,
2001, 2002b, 2002c), we present our photomet-
ric and spectroscopic observations of the B[e] star
AS 160 from the list of Allen and Swings (1976).
2003 MAIK “Nauka/Interperiodica”
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Table 1. The IRTF infrared photometry for AS 160

HJD K L M N

2451599.92 7.54 ± 0.02 5.84 ± 0.02 5.50 ± 0.05 2.88 ± 0.02
An emission-line spectrum of the star was discov-
ered during a spectroscopic survey of the sky at
the Mount Wilson observatory (Merrill and Bur-
well 1950). UBV and HKL photometry was ob-
tained by Drilling (1991) and Allen (1973), respec-
tively. Infrared radiation from the object was detected
by the IRAS and MSX satellites. Based on data
published by then, Lamers et al. (1998) concluded
that the evolutionary status of AS 160 could not
yet be determined. Cidale et al. (2001) provided
spectrophotometry of the star in thewavelength range
3500–4600 Å. They found its spectral type from the
Balmer discontinuity to be B1, while its luminosity
class (V) was determined unreliably, which does not
add information on the nature of the object. The
IRAS colors (log(F25/F12) = −0.09, log(F60/F25) =
−0.71) allow us to include AS 160 in the group of
Be stars with warm dust in their envelopes.

OBSERVATIONS

Infrared KLMN photometry of AS 160 was ob-
tained on February 24–25, 2000, with a germanium–
gallium bolometer attached to the 3-m IRTF NASA
telescope (Mauna Kea, Hawaiian Islands, USA). The
observations were carried out with a 10′′ aperture; the
background was subtracted at a distance of 15′′ in
the north–south direction with a frequency of 11 Hz.
Four 20-s exposures were taken in each photometric
band. The results were reduced to Johnson’s broad-
band photometric system using standard stars from
the IRTF list (HR 2574, HR 2943, HR 3314, and
HR 3903).
Spectroscopy of the star was obtained on the night

of November 30/December 1, 2001, with the LYNX
echellè spectrometer (Panchuk et al., 1999) attached
to the 6-m BTA telescope in the wavelength range
λ5030–6680 Å with a resolution of λ/∆λ = 25000.
Two 53-min exposures were taken sequentially to re-
liably remove cosmic-ray particle hits. Observations
of this star with such a resolution have been obtained
for the first time. The mean signal-to-noise ratio in
the continuum is close to 50.

RESULTS

Our infrared photometry for the star (see Table 1)
confirms the presence of a large infrared excess, which
was discovered by Allen (1973) in the early 1970s.
ASTRONOMY LETTERS Vol. 29 No. 5 2003
The excess is clearly variable, because, while the re-
sults match in the L band, our magnitude estimate
in the K band is 25% fainter than Allen’s estimate,
which significantly exceeds the accuracy of the two
measurements (∼2%). The flux at λ = 12 µm mea-
sured by the IRAS satellite in 1983 exceeds the flux
measured by the MSX satellite in 1996 by roughly
the same amount (see Fig. 1). On the other hand,
our result for the N (10.4 µm) band is in excellent
agreement with the IRAS data. Since only two in-
frared magnitude estimates at different wavelengths
are available for the object, we cannot discuss the
causes of its variability. We can only say that this
picture is typical of other Be stars with warm dust
(Miroshnichenko et al. 2002b), as is the spectral en-
ergy distribution (SED) of AS 160 in general (Fig. 1).
In particular, its SED is almost identical to the SED
of Hen 3–1398, one of the hottest stars in this group
(Miroshnichenko et al. 2001). The large infrared ex-
cess of AS 160 cannot be explained by the free–free
emission from circumstellar gas alone. ISO spectro-
scopic observations indicate that circumstellar dust
is present in the envelopes of such objects (Waters
et al. 1998). At the same time, the rapid decrease in
the observed flux toward longer wavelengths, starting
from λ = 10 µm, suggests that the dust envelope is
compact. It may have formed recently.
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spectrum computed with the SYNSPEC code (Hubeny et al. 1995) for Teff = 20 000K, log g = 4.0, and v sin i = 200 km s−1.
The shallow absorption features in the spectrum with the He I and Na I D1,2 lines are telluric.
The lines that we identified in our high-resolution
spectrum of AS 160 are listed in Table 2. The spec-
trum contains mostly permitted and forbidden emis-
sion lines of singly ionized iron and diffuse interstellar
bands (DIBs). The Balmer spectrum is represented
by a strong Hα line. The only detected line of neu-
tral helium, λ5876 Å, has a purely absorption profile.
No lines of ionized helium, for example, λ5412 Å,
were detected. The state of the helium lines indi-
cates that the spectral type of the object is not earlier
than B1, because neutral helium in hotter B[e] stars
is usually observed in emission. The observed ab-
sorption profile of the λ5876 Å line agrees with its
theoretical profile for an effective temperature Teff =
20000 K, log g = 4.0, and v sin i = 200 km s−1 (see
Fig. 2). Since there are no other photospheric lines
in the observed spectral range, we cannot estimate
the fundamental parameters of the star more accu-
rately. However, the result presented above agrees
with previously published data (Drilling 1991; Cidale
et al. 2001).
The optical photometry of AS 160 obtained by

Drilling (1991) and its spectrophotometry by Cidale
et al. (2001) suggest that this is a moderately red-
dened early-B star. Assuming that the reddening is
mainly interstellar (see the discussion below), we
can estimate its value from the observed color in-
dex B − V = 0m. 48 (Drilling 1991) and the normal
color B − V = −0m. 25 for the corresponding spectral
type (Strajzhys 1977), AV = 2m. 3. Approximately the
same value, AV = 2m. 5 ± 0m. 3, can be obtained from
the intensities of the DIBs observed in the object’s
spectrum (Herbig 1993).
The kinematic distance to AS 160 can be es-

timated from the mean iron-line velocity (+62.0 ±
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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Table 2. The lines identified in the spectrum of AS 160

Line λ, Å I/Ic RVem, km s−1 RVabs, km s
−1 EW , Å

Fe II (35) 5154.50 1.05 67.1 – 0.07

[Fe II] (19F) 5158.81 1.14 60.7 – 0.10

Fe II (42) 5169.03 1.28 63.0 62.9 1.43

Mg I (2) 5183.60 1.10 62.2 68.0 0.29

Fe II (49) 5234.62 1.17 63.5 63.5 0.44

Fe II (48) 5316.78 1.37 52.5 58.3 2.68

[Fe II] (19F) 5333.65 1.09 59.9 – 0.06

[Fe II] (34F) 5746.96 1.07 63.0 – 0.04

[N II] (3F) 5754.80 1.23 52.6 – 0.22

DIB 5780.41 0.80 – 47.7 0.45

DIB 5797.03 0.83 – 50.2 0.17

DIB 5849.80 0.93 – 48.4 0.06

He I (11) 5875.63 0.88 – 6.4 0.75

Na I (1) 5889.95 0.25 – 47.1 0.75

Na I (1) 5889.95 0.18 – 60.9

Na I (1) 5895.92 0.23 – 47.6 0.66

Na I (1) 5895.92 0.33 – 60.4

DIB 6195.96 0.90 – 42.8 0.07

DIB 6203.08 0.94 – 37.9 0.10

DIB 6269.73 0.93 – 47.7 0.08

DIB 6283.85 0.82 – 46.2 0.76

[O I] (1F) 6300.30 2.72 61.4 – 1.90

Fe II () 6317.99 1.15 59.3 – 0.40

Si II (2) 6347.10 1.12 59.6 – 0.57

[O I] (1F) 6363.78 1.52 60.5 – 0.63

Si II (2) 6371.36 1.08 63.2 – 0.04

DIB 6379.29 0.81 45.8 0.27

H (1) 6562.82 55.70 63.0 53.2 235.30

[N II] (1F) 6583.45 1.23 61.3 0.20

DIB 6613.56 0.79 52.9 0.30

Note. The chemical element (with an indication of the multiplet number) or the interstellar band with which a given spectral feature is
identified are listed in column 1; the laboratory wavelengths are listed in column 2; the intensities, in units of the adjacent continuum,
are listed in column 3; the heliocentric radial velocities of the emission and absorption line components are listed in columns 4 and 5,
respectively (measured by matching the erect and inverted profiles in velocity space); and the equivalent widths are listed in column 6
(measured for the line as a whole).
2.5 km s−1), which is commonly taken as the center-
of-mass velocity of the star–envelope system (Hum-
phreys et al. 1989), by using the calibration of Du-
ASTRONOMY LETTERS Vol. 29 No. 5 2003
bath et al. (1988). The result 3.5 ± 0.2 kpc agrees
with the object’s position in the Carina arm and gives
an estimate of the visual absolute magnitude, MV =
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Fig. 3. Profiles of the oxygen forbidden lines in the spec-
trum of AS 160 at λ6300 Å (1) and 6363 Å (2). The ve-
locities are given on the heliocentric scale; the intensities
were reduced to the local continuum.

−4m. 1 ± 0m. 1, for the observed visual magnitude of
the star V = 10m. 94 (Drilling 1991) and AV = 2m. 3.
The derived luminosity corresponds to the MK spec-
tral type B1.5 III–IV (Strajzhys and Kuriliene 1981),
which is in agreement with the remaining data on
the star given above. Taking the bolometric correc-
tion BC = −2m. 2 (Miroshnichenko 1998b), we ob-
tain the luminosity log L/L� = 4.4 ± 0.1. The inter-
stellar reddening law toward AS 160 determined by
Neckel and Klare (1980) indicates a linear and slow
increase in AV to ∼1m as the distance from the Sun
increases to ∼3 kpc followed by its sharp increase at
distances of 3–3.5 kpc, which is consistent with our
kinematic distance estimate.

The deep sodium lines (λ5889 and 5895 Å) split
up into two components with radial velocities of +47
and +61 km s−1. This splitting is almost invisible on
the scale of Fig. 2, because the components are close.
The position of the blue component coincides with the
mean DIB radial velocity, while the position of the red
component is close to the mean radial velocity of the
emission lines in the spectrum. The blue component
probably originates in the Carina spiral arm, suggest-
ing that the object is far from the Sun, while the red
component originates in the circumstellar medium.
The absence of the component associated with the
local spiral arm can be explained by the low density
of the interstellar medium, which is confirmed by a
small increase in the reddening of stars with distance
in this direction up to the Carina arm (Neckel and
Klare 1980).
DISCUSSION

We determined the kinematic distance to AS 160
and its error by assuming that the metal-line veloci-
ties reflect the object’s velocity in its Galactic orbit (in
other words, the peculiar velocity is low) and that the
Galactic rotation curve toward the object has no sig-
nificant systematic errors. The above distance depen-
dence of interstellar reddening determined by Neckel
and Klare (1980) indicates that these assumptions are
valid. It shows that the lower limit of the distance to
AS 160 cannot be less than 3 kpc. Otherwise, much of
the object’s reddening would be circumstellar. Below,
we show that this is unlikely. In addition, since the
object is close to the Galactic plane (b = −1◦.4), the
reddening will be higher than the observed one when
it is farther (∼4 kpc ormore). This will give rise to new
components in interstellar lines that are unobservable
in the object’s spectrum. These considerations allow a
more realistic distance estimate of 3.5 ± 0.5 kpc to be
obtained, which also slightly increases the error in the
luminosity estimate, log L/L� = 4.4± 0.2. The equal
velocities of the emission and absorption components
in metal lines (and forbidden lines), indicating that
both the emission and absorption features originate in
the envelope, confirm the interpretation of their mean
velocity as the velocity of the system. In addition,
the kinematic distances estimated for other similar
objects observed in different directions under this as-
sumption are generally in good agreement with the
distances calculated from their spectroscopic paral-
laxes (Humphreys et al. 1989; Miroshnichenko et al.
2000, 2001, 2002b).
The above distance estimate for AS 160 agrees

with the interstellar reddening estimate provided that
the circumstellar reddening is low. It can be shown
that the effect of the object’s gas–dust envelope on
its optical SED is actually small. The emission-line
profiles in the spectrum of AS 160 have either one or
two peaks. In the latter case, the peaks are separated
by a distinct absorption component. Such profiles
are characteristic of nonspherical gaseous envelopes
in the shape of highly flattened disks (Hummel and
Vrancken 2000). In this case, the symmetry plane of
the AS 160 envelope is inclined to the line of sight
in such a way that we see it almost edge-on, but
the optical depth on the line of sight is small. This
orientation is evidenced by the absence of completely
absorption Fe II line profiles and by the fact that
only one line exhibits an absorption component with
the minimum intensity below the continuum level
(Fig. 2).
The symmetric emission profiles of the optically

thin oxygen forbidden lines (Fig. 3) also indicate that
the envelope is highly flattened. Theoretical calcu-
lations in terms of the model of an axisymmetric
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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constant-velocity polar wind (Edwards et al. 1987)
predict such profiles for winds with strong focusing
(the wind cone angle is no more than 30◦) and with
an inclination of the symmetry axis no less than 60◦
to the line of sight. We do not see double-peaked
profiles of these lines, because the spectral resolu-
tion of our observations is insufficient. The presence
of strong oxygen forbidden lines and weak nitrogen
lines (λ6583 Å) makes it possible to estimate the
matter density in the formation region of these lines.
At a temperature of 104 K typical of this region in
B[e] stars (Lamers et al. 1998), the maximum den-
sity at which the collisional and radiative processes
become balanced is ∼106 cm−3 for the [O I] λ6300 Å
line and ∼105 cm−3 for the [N II] λ6583 Å line (Os-
terbrock 1989). Thus, the sought-for density must be
slightly below 105 cm−3.
The absence of an emission or absorption band

in the object’s spectrum near λ = 10 µm indicates
that the dust envelope is also nonspherical. The flat
infrared spectrum in this wavelength range sug-
gests either a large optical depth (100 ≤ τ ≤ 10), if
the envelope consists of silicate grains (Yorke and
Shustov 1981), or the presence of predominantly
amorphous carbon in the envelope. In the latter case,
the optical depth can take on any value, because
amorphous carbon has no spectral features near
λ10 µm. However, this chemical composition of
the envelope suggests that the object has strongly
evolved off the main sequence (MS) and that the
carbon produced by nuclear reactions in the stellar
core has already reached the stellar surface. Since the
spectrum of AS 160 contains no lines characteristic
of such evolved stars, it would be natural to assume
that the circumstellar dust has a nearly interstellar
composition. The envelope is then most likely opti-
cally thick and nonspherical, with a symmetry axis
that does not pass through the line of sight. The
infrared excess at wavelengths up to 60 µm accounts
for about 1% of the stellar luminosity and is a lower
limit for the amount of energy reradiated by the
circumstellar dust. This estimate is consistent with
the assumption that the dust envelope is optically
thick only if it is highly flattened.

The velocity of the He I λ5876 Å line (+6 km s−1)
differs greatly from the velocities of the remaining
lines and may suggest that the stellar velocity is pe-
culiar. In particular, this difference may result from
orbital motion in the binary system. We observed
a change in the velocity of this line, while the po-
sitions of the emission lines were stable, in other
members of the group of Be stars with warm dust
(e.g., MWC 657; Miroshnichenko et al. 2000), to-
gether with other evidence of the binary nature. For
example, lines of the late-type star are observed along
ASTRONOMY LETTERS Vol. 29 No. 5 2003
with emission lines of the hot component in such
members of the group as MWC 623 (Zickgraf and
Stahl 1989), AS 381 (Miroshnichenko et al. 2002b),
and V669 Cep (Miroshnichenko et al. 2002c). No
lines that could be attributed to the secondary stellar
component of the system were detected in the spec-
trum of AS 160.

Assuming that the velocity difference between the
helium and metal lines (∆Vr = 57 km s−1) is com-
parable to the half-amplitude of the radial-velocity
curve for the primary component due to orbital mo-
tion, we can roughly estimate the parameters of the
possible secondary component. It follows from the
derived luminosity and temperature of the primary
component (25 000 K; Cidale et al. 2001) that its
radius is ∼10 R�. It thus follows that the minimum
orbital period of the binary system is ∼10 days. With
this orbital period, the primary component fills its
Roche lobe and the binary component mass ratio is
∼3. In this case, distinct eclipses would be observed
at the above orbital inclination. In addition, such close
(Algol-type) binary systems do not exhibit strong
emission-line spectra, because the intrasystem re-
gion is too small to accumulate a large amount of
circumstellar matter. The eclipsing binary RY Sct
with a period of ∼12 days and an infrared excess
similar to that observed in AS 160 (Smith et al. 2002)
serves as an example. Therefore, the orbital period of
the binary must be longer (possibly, of the order of
several months) and the mass ratio must be closer
to unity (∼2 for a period of two months). Systematic
spectroscopic observations for one year could signifi-
cantly refine the estimates obtained.

The large near-infrared (λ2–10 µm) excess, to-
gether with the sharp decrease in the infrared flux
toward longer wavelengths, imposes constraints on
the possible evolutionary status of the object. For
example, AS 160 cannot be at a pre-MS evolutionary
stage, because the infrared SEDs for such objects are
much flatter and the hot dust emitting in the near
infrared dissipates earlier than the cold dust as they
evolve toward the MS (Miroshnichenko et al. 1996).
AS 160 cannot be at a post-AGB evolutionary stage
either; i.e., it cannot be a protoplanetary nebula for
the following reasons. First, the dust envelopes in
such objects are formed at a previous evolutionary
stage and their dust temperature is below ∼100 K.
Second, the luminosity of AS 160 is close to the upper
luminosity limit for planetary nebulae (Blöcker 1995).
Such objects are rare, because they traverse the entire
path from a red giant to a planetary nebula in several
tens of years. We have no evidence of any change
in the brightness or temperature of AS 160 in the
50 years elapsed since its discovery. In addition, the
rotational velocities for objects at such an advanced
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evolutionary stage are low because of the loss of an-
gular momentum.
The luminosity of AS 160 also indicates that this

star is not a supergiant, which can intensely lose
its mass at a critical evolutionary stage, showing
a strong emission-line spectrum (e.g., LBV-type
stars). Nor can it be a Wolf–Rayet star, because its
spectrum exhibits no characteristic emission lines of
CNO-group elements. For a single star that is not far
from theMS, a strong mass outflow is not typical at a
relatively low rotational velocity (see above). Classical
Be stars are the objects that are most similar to
AS 160 in observed properties (Harmanec 2000).
However, while the latter have a higher mean rota-
tional velocity, their emission-line spectra are weaker
than those of AS 160. In addition, more andmore data
suggesting that many Be stars (particularly those
with strong emission-line spectra) are binary systems
have recently appeared (Gies 2000).
Thus, in our opinion, the most plausible expla-

nation for the combination of the object’s low lumi-
nosity and its strong emission-line spectrum can be
mass transfer in a high-mass binary system (Van den
Heuvel 1994). The more massive components of such
binaries do not go far from the main sequence, where-
as their secondary components can have a much
lower mass (and/or brightness), with their tempera-
ture range being wide. Indeed, among binary Be stars
with warm dust, the secondary components are gen-
erally fainter than the primary components (B type
stars) by 2m–3m. At the same time, the secondary
components are detected in objects whose envelopes
are inclined at a large angle to the line of sight.
For example, the plane of the MWC 623 envelope
is seen nearly face-on, while the narrow and mainly
single-component emission-line profiles of AS 381
and V669 Cep suggest a large inclination of their
envelope planes to the line of sight. Thus, it will
apparently be difficult to detect secondary lines in the
spectrum of AS 160 even at a higher spectral reso-
lution and a higher signal-to-noise ratio. However,
the amplitude of the radial-velocity variations due to
orbital motion for the observed envelope orientation,
which usually coincides with the orbital plane, must
be larger for AS 160 than that for the binaries men-
tioned above.
Modeling the observed characteristics of AS 160

is beyond the scope of our study because of un-
certainties in the parameters of the binary system
in general (characteristics of the possible secondary
component) and its envelope in particular (details of
the geometry, sizes, etc.). To address this problem re-
quires further observations, includingmulticolor pho-
tometry, spectroscopy with a higher resolution and a
higher signal-to-noise ratio, speckle interferometry,
and polarimetry.
CONCLUSIONS

Our new high-resolution spectroscopic observa-
tions of the B[e] star AS 160 have allowed its lu-
minosity and distance from the Sun to be reliably
determined for the first time. These results agree with
previous photometric data and spectrophotometric
estimates of the MK type of the object. Our infrared
photometry of AS 160 and analysis of (IRAS and
MSX) satellite data show that its brightness in the
wavelength range λ2–10 µm varied within no more
than 20–25% compared to the 1970s–1980s data.
The strong emission-line spectrum of the object, to-
gether with its peculiar infrared SED (a rapid de-
crease in the flux toward longer wavelengths from
λ = 10 µm), allow us to put AS 160 in the group of
Be stars with warm dust that has recently been identi-
fied and described by Miroshnichenko et al. (2002a).
This group is among the few groups of early-type
stars that show evidence of circumstellar dust in their
envelopes. Our working hypothesis about the nature
of such objects is that most of their observed proper-
ties can be explained by mass transfer in a binary sys-
tem. However, the secondary components are difficult
to detect because of the large magnitude difference
between the components (2m–3m). A further study of
AS 160 primarily requires spectroscopic observations
with a time resolution from several weeks to several
months, which can impose constraints on the proba-
ble orbital period of the binary system. In addition, a
comprehensive investigation using various observing
techniques will make it possible to refine the parame-
ters of the circumstellar medium.

ACKNOWLEDGMENTS

This work was supported by the Russian Foun-
dation for Basic Research (project no. 02-02-1685)
and the U.S. Civilian Research and Development
Foundation (CRDF) (grant no. RP1-2264). We wish
to thank S.A. Lamzin for a critical analysis of the
manuscript and for helpful remarks.

REFERENCES
1. D. A. Allen, Mon. Not. R. Astron. Soc. 161, 145
(1973).

2. D. A. Allen and J.-P. Swings, Astron. Astrophys. 47,
293 (1976).

3. Yu. K. Bergner, A. S. Miroshnichenko, R. V. Yudin,
et al., Astron. Astrophys., Suppl. Ser. 112, 221
(1995).
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Abstract—An extension of the Gylden–Meshcherskii problem when the mass depends both on time and
distance between two bodies is considered. Certain mass loss laws as well as the Meshcherskii position
vector and time transformation are used to convert the problem into the cases with equations of motion
arising from integrable potentials. c© 2003 MAIK “Nauka/Interperiodica”.
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INTRODUCTION

An isotropic and intense mass loss when the latter
does not affect the system dynamics represents a
special case of the two-body problem with a vari-
able mass. Traditionally, it is called the Gylden–
Meshcherskii problem formulated by the vectorial
equation

r̈ = −µ(t)
r
r3

. (1)

Along with this mathematical problem, the Edding-
ton–Jeans law emerged:

ṁ = −αmn; (2)

it tried to describe the mass loss caused by stellar
radiation. Here, α and n are two positive real num-
bers, the first being close to zero and the latter being
between 0.4 and 4.4.

The well-known exact solutions of the problem
represented by Eq. (1) given by Meshcherskii corre-
spond to law (2) when n = 2, 3. According to this law,
the semimajor axis is the unique orbital element that
presents a secular variation.

On the other hand, the statistical data collected
on the basis of the orbital elements for visual double
stars seem to indicate a trend when, on average, a
higher eccentricity corresponds to a higher orbital
period. Dommanget (1981, 1982, 1997) suggested
that such a trend could be related to the stellar mass
loss. Martin (1934) and Chiara (1957) showed that
under the assumption of a mass-loss dependence on

∗This article was submitted by the authors in English.
**E-mail: oadoco@usc.es
1063-7737/03/2905-0344$24.00 c©
the distance between two components, a secular in-
crease in eccentricity can be produced, while, on the
other hand, no distance dependence implies a merely
periodical behavior. For example, applying Martin’s
law,

ṁ = −α
mn

r2
, (3)

it can be proved (Docobo and Prieto 1998; Docobo
et al. 1999a), in turn, that the higher the initial ec-
centricity, the larger its increase.

Nevertheless, when examining new catalogs of vi-
sual double stars (Hartkopf and Mason 2001: Docobo
et al. 2001), this relationship between e and P is
not globally observed. However, in the case of certain
close binaries, some authors (e.g., Soker 2000) at-
tribute the detected increase in orbital eccentricity to
enhanced mass loss due to the gravitational effect at
the periastron passage. This increase is occasionally
even stronger than the tidal forces, which tend to
circularize the orbit.

Apart from that, a number of papers where the re-
lationship between components’ position on the orbit
and their colliding-wind disturbance become plausi-
ble were published (St. Louis 1996; Rauw et al. 1996;
Moffat 1998).

All these facts forced us (Docobo et al. 1999b;
Andrade and Docobo 2001a, 2001b) to study prob-
lem (1) when an additional dependence of the mass on
distance is considered, with the aim of investigating a
phenomenon that could be called a “periastron effect”
and its possible influence on the secular variation of
some orbital elements such as e and ω. In any case,
we have shown recently (Docobo and Andrade 2002;
2003 MAIK “Nauka/Interperiodica”
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Fig. 1. (a) Time dependence of the semimajor axis, eccentricity, and pariastron passage for Case 1; (b) the same dependence
for Case 2.
Andrade and Docobo 2002) that not all of the distant-
dependent mass-loss laws produce a secular increase
in eccentricity.

Here, we present a family of mass-loss laws (de-
pending both on time and distance) leading to inte-
grable cases.

INTEGRABLE CASES

Let us assume the gravitational constant G =
1 and the total mass m = m1 + m2 such that µ =
G(m1 + m2) = m.

It is well known that by introducing the following
change of coordinates and time:

R =
r

1 + αt
and τ =

t

1 + αt
, (4)
ASTRONOMY LETTERS Vol. 29 No. 5 2003
where α ∈ R
+, the equations of motion (1) are trans-

formed into

R′′ = −µ(τ)
1

1 − ατ

R
R3

(5)

or

R′′ = −µ(t)(1 + αt)
R
R3

,

where (′′) denote the second derivative with respect to
the new time τ and R = |R|.

Let us now consider a more general law of mass
loss, namely, the one given by

µ(t, r) =
1

1 + αt
+

m∑
i=n

(−1)kiβi

(
1
r

)i

(1 + αt)i−1,

(6)
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where α and βi are positive (or with some βi even-
tually equal to zero) real parameters; n and m are
integers, with n ≤ m and ki being 0 or 1.

The above change of variables (4) and (6) converts
the equations of motion (1) into

R′′ = − R
R3

+
m∑

i=n

(−1)kiβi
R

Ri+3
, (7)

which represents the motion of a particle in a central
force field derived from the potential function

V = − 1
R

+
m∑

i=n

(−1)ki
βi

(i + 1)
Ri+1 (8)

and which is integrable, because it is a problem with
one degree of freedom. For instance, for n = m = 2,
we obtain a potential similar to the one explaining the
perihelion relativistic advance in planetary orbits. The
motion is planar and the vector R describes the pre-
cession ellipse; this precession effect is an increasing
monotonic function of the parameter β2.

The trajectory that describes the vector r is also
planar and it is a spiral (more closed corresponding to
the smaller α) that also precesses.

It is noteworthy that, in general, the parameters α
and βi have not to be small. When βi � α, we obtain
a Gylden–Meshcherskii perturbed problem.

Under these latter conditions and taking into
account the aforementioned, one might expect this
mass-loss law (n = m = 2) and, in general, other
suggested laws to produce a secular variation both
in semimajor axis and in periastron argument but not
in eccentricity.

Another different integrable case is obtained when
the mass-loss law is given by

µ(t, r) =
r3

(1 + αt)4
. (9)

Indeed, with this law, Eq. (5) converts into

R′′ = −R,

which represents a harmonic oscillator.

NUMERICAL EXAMPLES

To put into practice the aforementioned, let us
consider two special cases of law (6):

µ1 =
1

1 + αt
− β2

r2
(1 + αt), (10)

µ2 =
1

(1 + αt)
+

β3

r3
(1 + αt)2 − β4

r4
(1 + αt)3. (11)
In the first case, the parameters were chosen to be
α = 10−6 and β2 = 10−8, while in the second case,
they are α = 10−6, β3 = 10−8, and β4 = 10−9.

In both cases, the initial values of the orbital ele-
ments and mass were the following: µ0 = 1
(distance unit)3/(time unit)2, f = 0, e = 0.5, a = 1
distance unit, and ω = 0.

We performed a numerical integration with a
fourth-order Runge–Kutta method within a time
span of 100 time units. Our results are shown in
the figure. It can be seen that the semimajor axis,
eccentricity, and periastron argument show the trends
suggested above. Therefore, in these cases, the tra-
jectories will be spirals in rotation.

CONCLUSIONS

Should all of the coefficients βi in expression (6) be
zero, we deal with one of the Meshcherskii solutions;
e.g., the trajectory should be conical in the plane R
and spiral in the plane r.

Laws (6) represent an extension of the previous
situation that gives rise to the integrable cases where
both the periastron argument and the semimajor axis
present a secular variation. Thus, the aforementioned
spirals are now in rotation but the orbital eccentricity
presents no secular variation.

Actually, with the aim of giving a mathematical
response to the physical suggestion mentioned in the
Introduction, we are working on the characteristic
mass-loss laws that produce a secular increase in
eccentricity.
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FORMULATION OF THE PROBLEM
A rotationally symmetric potential is the most

widespread form of potential in nature. The gravi-
tational fields of the Earth, other planets and their
satellites, stars, globular clusters, and elliptical and
spiral galaxies are exactly or almost exactly rotation-
ally symmetric. There are grounds for believing that
rotationally symmetric force fields are also widespread
in the microworld.

In a rotationally symmetric potential, the infinite
trajectory of a mass point fills a torus, all of whose
meridional cross sections are identical. To determine
the laws of motion of a particle in a rotationally sym-
metric potential, it will suffice to study the patterns
of its motion in the meridional (comoving) plane that
passes through the particle and the axis of the rota-
tionally symmetric potential.

THE BASIC EQUATION
Denote the angle between the tangent to the tra-

jectory in the meridional plane and the x axis in this
plane by f .

Based on some obvious properties of the third
integral of motion and using the Boltzmann equation,
we previously (Agekyan 1972) derived the following
equation of the trajectory in the meridional plane:

∂f

∂R
cos f +

∂f

∂z
sin f +

1
2(U + I)

(1)

×
(

∂U

∂R
sin f − ∂U

∂z
cos f

)
= 0,

where U(R, z) is the potential in the meridional plane
defined by the equality

U(R, z) = Φ(R, z) − J2

2R2
,

*E-mail: vor@astro.spbu.ru
1063-7737/03/2905-0348$24.00 c©
where Φ(R, z) is the rotationally symmetric potential,
J is the area integral, and I is the energy integral.
Sidorova (2000) showed that Eq. (1) can be de-

rived more easily by excluding time from the equa-
tions of motion.
Given U(R, z), I, and the angle f at some point

(R, z) in the meridional plane, Eq. (1) defines the
orbit that is filled with the turns of the infinite particle
trajectory. In this case, the value of the third integral
of motion is fixed, although it remains unknown.
Figure 1 shows the results of our numerical inte-

gration of Eq. (1) over a long time interval for

U(R, z) = −1
2
(R2 + z2) − Rz2 +

1
3
R3,

I = 0.051.

The coordinate origin is at the circular point. The
points closer to the rotation axis of the system then
have negative coordinates R. The angle f was speci-
fied at some initial point (R0, z0).
In the regions of the orbit where the two conjugate

trajectory turns with the angles f and α intersect at
each point, the equation

∂α

∂R
cos α +

∂α

∂z
sin α +

1
2(U + I)

(2)

×
(

∂U

∂R
sin α − ∂U

∂z
cos α

)
= 0

defines the same orbit as Eq. (1).
In the regions where four or more turns pass

through each point (there are three such regions in
Fig. 1), the turns each time break down into pairs of
conjugated turns. We can always consider the pairs
of conjugate equations (1) and (2).
Here, there is an uncertainty. Whereas the angle f

is known exactly at the point of intersection, this is
2003 MAIK “Nauka/Interperiodica”
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Fig. 1. The trajectory of a particle in the potential of
Hénon and Heiles (1964). The energy integral is equal
to I = 0.051. The coordinates of the staring point are
R0 = −0.15, z0 = 0.

not the case for the angle α. The uncertainty should
be removed by assuming that f is conjugate to such
an angle α at which the same orbit, the same (un-
known) value of the third integral of motion, corre-
sponds to Eq. (2) .

When differentiated with respect to f and α,
Eqs. (1) and (2) preserve the orbit and the third
integral of motion.

AN EQUATION VALID
ON THE CONTOURS OF THE ORBIT

AND THE FOLDS OF
THE DIRECTION FIELD

The derivative of the angle f along the normal
to the trajectory (∂f/∂n) has a peculiar property.
Agekyan and V’yuga (1973) and Saginashvili (1975),
who considered the problem in the fields of quasi-
Newtonian and quasi-Hooke potentials, respectively,
showed that ∂f/∂n = ±∞ on the contours of the
orbit and the folds of the direction fields. This property
is valid for any rotationally symmetric potentials.

Previously (Agekyan 1974), we derived the follow-
ing equation for ∂f/∂n:

∂

∂l

∂f

∂n
+

(
∂f

∂n

)2

+
1

2(U + I)
(3)

×
(

∂U

∂R
cos f +

∂U

∂z
sinf

)
∂f

∂n
+

3
4(U + I)2
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Fig. 2. The shape of the orbital contours and the velocity-
field folds for the particle trajectory shown in Fig. 1.

×
(
−∂U

∂R
sin f +

∂U

∂z
cos f

)2

+
1

2(U + I)

×
(
−∂2U

∂R2
sin2 f + 2

∂2U

∂R∂z
sin f cos f

− ∂2U

∂z2
cos2 f

)
.

In general, this equation is approximate, because it
is derived by using differentiation along the normal to
the trajectory.

Agekyan and Yakimov (1976) showed that, if one
numerically integrates Eq. (1) and simultaneously
integrates Eq. (3) along the trajectory turns obtained
and mark the points at which ∂f/∂n = ±∞, then the
contours of the orbit and the folds of the direction field
can be accurately outlined. In this case, there is no
need to plot the trajectory turns; the picture of the
contours of the orbits and the folds of the direction
field is well defined in close agreement with what is
obtained when numerically integrating Eq. (1). This
is shown by Fig. 2.

Pit’ev (1980, 1981), Agekyan (1992), Myullyari
and Orlov (1993), and Dubinina (2001) confirmed
the accuracy of the described method. Agekyan and
Orlov (2002) showed that this method is accurate,
because Eq. (3) is exact on the contours of the orbits
and the folds of the direction field; on these contours,
differentiating along the normal to the trajectory does
not change the orbit or the third integral of motion.
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ADDITIONAL EQUATIONS

Let us denote

h(R, z) = U(R, z) + I,

a1 =
∂2f

∂z2
− ∂f

∂R

∂f

∂z
+

1
2h

∂f

∂z

∂U

∂z
+

1
2h

∂2U

∂R∂z

− 1
2h2

∂U

∂R

∂U

∂z
,

a2 =
∂2f

∂R∂z
−

(
∂f

∂R

)2

+
1
2h

∂f

∂R

∂U

∂z
+

1
2h

∂2U

∂R2

− 1
2h2

(
∂U

∂R

)2

,

a3 =
∂2f

∂R∂z
+

(
∂f

∂z

)2

+
1
2h

∂f

∂z

∂U

∂R
− 1

2h
∂2U

∂z2

+
1

2h2

(
∂U

∂z

)2

,

a4 =
∂2f

∂R2
+

∂f

∂R

∂f

∂z
+

1
2h

∂f

∂R

∂U

∂R
− 1

2h
∂2U

∂R∂z

+
1

2h2

∂U

∂R

∂U

∂z
,

a5 =
∂2f

∂z2
+

1
2h

∂f

∂R

∂U

∂R
+

1
2h

∂2U

∂R∂z
− 3

4h2

∂U

∂R

∂U

∂z
,

a6 = 2
∂2f

∂R∂z
− 1

2h
∂f

∂z

∂U

∂R
− 1

2h
∂f

∂R

∂U

∂z

+
1
2h

∂2U

∂R2
− 1

2h
∂2U

∂z2
− 3

4h2

(
∂U

∂R

)2

+
3

4h2

(
∂U

∂z

)2

,

a7 =
∂2f

∂R2
+

1
2h

∂f

∂z

∂U

∂z
− 1

2h
∂2U

∂R∂z
+

3
4h2

∂U

∂R

∂U

∂z
,

b1 =
∂2α

∂z2
− ∂α

∂R

∂α

∂z
+

1
2h

∂α

∂z

∂U

∂z
+

1
2h

∂2U

∂R∂z

− 1
2h2

∂U

∂R

∂U

∂z
,

b2 =
∂2α

∂R∂z
+

(
∂α

∂z

)2

+
1
2h

∂α

∂z

∂U

∂R
− 1

2h
∂2U

∂z2

+
1

2h2

(
∂U

∂z

)2

,

b3 =
∂2α

∂R∂z
−

(
∂α

∂R

)2

+
1
2h

∂α

∂R

∂U

∂z
+

1
2h

∂2U

∂R2
− 1
2h2

(
∂U

∂R

)2

,

b4 =
∂2α

∂R2
+

∂α

∂R

∂α

∂z
+

1
2h

∂α

∂R

∂U

∂R
− 1

2h
∂2U

∂R∂z

+
1

2h2

∂U

∂R

∂U

∂z
,

b5 =
∂2α

∂z2
+

1
2h

∂α

∂R

∂U

∂R
+

1
2h

∂2U

∂R∂z
− 3

4h2

∂U

∂R

∂U

∂z
,

b6 = 2
∂2α

∂R∂z
− 1

2h
∂α

∂z

∂U

∂R
− 1

2h
∂α

∂R

∂U

∂z

+
1
2h

∂2U

∂R2
− 1

2h
∂2U

∂z2
− 3

4h2

(
∂U

∂R

)2

+
3

4h2

(
∂U

∂z

)2

,

b7 =
∂2α

∂R2
+

1
2h

∂α

∂z

∂U

∂z
− 1

2h
∂2U

∂R∂z
+

3
4h2

∂U

∂R

∂U

∂z
.

Differentiate Eqs. (1) and (2) with respect to f and α:
a1 tan f tan α + a2 tan f + a3 tan α + a4 = 0, (4)

b1 tan f tan α + b2 tan f + b3 tan α + b4 = 0,

a5 tan2 f + a6 tan f + a7 = 0,

b5 tan2 α + b6 tan α + b7 = 0.

Eliminating tan f and tan α from Eqs. (4), we obtain
(−a1a5b4 + a1a6b2 + a2a5b3 − a2a6b1 (5)

− a3a5b2 + a4a5b1)(−a1a7b4 + a2a7b3

+ a3a6b4 − a3a7b2 − a4a6b3 + a4a7b1)

+ (a1a7b2 − a2a7b1 − a3a5b4 + a4a5b3)2 = 0,

(−b1b5a4 + b1b6a3 − b2b5a3 − b3b6a1 (6)

+ b3b5a2 + b4b5a1)(−b1b7a4 + b2b6a4

− b2b7a3 + b3b7a2 − b4b6a2 + b4b7a1)

+ (b1b7a3 − b2b5a4 − b3b7a1 + b4b5a2)2 = 0.

Equations (5) and (6) contain derivatives only up
to the second order with respect to f and α. The
system of equations and equalities that defines the
motion in the field of a rotationally symmetric poten-
tial has the following form:
(I) In the region of possible motions in the merid-

ional plane, f and α are the angles of conjugate
trajectories. Equations (1), (2), (5), and (6) are valid.
(II) On the contours of the orbit and the folds of

the direction field, f = α, ∂f/∂n = ±∞, and Eq. (3)
is valid.
(III) When Eqs. (1) and (3) are simultaneously

numerically integrated, the points at which ∂f/∂n =
±∞ accurately outline the contours of the orbit and
the folds of the direction field.
ASTRONOMY LETTERS Vol. 29 No. 5 2003
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