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Abstract—We present our B, V , Rc, and Ic observations of a 3
′
.6 × 3

′
field centered on the host galaxy

of GRB 000926 (α2000.0 = 17h04m11s, δ2000.0 = +51◦47′9
′′
.8). The observations were carried out on

the 6-m Special Astrophysical Observatory telescope using the SCORPIO instrument. The catalog of
galaxies detected in this field includes 264 objects for which the signal-to-noise ratio is larger than 5 in
each photometric band. The following limiting magnitudes in the catalog correspond to this limitation:
26.6 (B), 25.7 (V ), 25.8 (R), and 24.5 (I). The differential galaxy counts are in good agreement with
previously published CCD observations of deep fields. We estimated the photometric redshifts for all of
the cataloged objects and studied the color variations of the galaxies with z. For luminous spiral galaxies
with M(B) < −18, we found no evidence for any noticeable evolution of their linear sizes to z ∼ 1.
c© 2004 MAIK “Nauka/Interperiodica”.
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INTRODUCTION

In recent years, significant progress has been
made in studying the properties and evolution of dis-
tant galaxies. An important role in this progress has
been played by detailed studies of several so-called
deep fields—relatively small areas imaged (generally
in several color bands) with long exposure times.
The best-known deep fields include the northern and
southern fields of the Hubble Space Telescope (Fer-
guson et al. 2000), Subaru (Maihara et al. 2001),
VLT FORS (Heidt et al. 2003), and the most recent
and deepest (in the history of optical astronomy)
survey conducted as part of the GOODS (Great
Observatories Origins Deep Survey) project with the
Hubble Space Telescope (Giavalisco et al. 2003).
In addition to surveys covering an appreciable part
of the sky (2MASS, 2dF, SDSS, and others), but
limited to relatively low redshifts (z ≤ 0.3), deep fields
allow the properties of high z galaxies to be studied
and provide information about the evolution of the
integrated parameters of galaxies.

Our primary objective was to study in detail the
faint galaxies distinguished in the deep field obtained
with the 6-m Special Astrophysical Observatory
(SAO) telescope as part of our program of optical
identification of gamma-ray bursts (GRBs). In recent

*E-mail: timur@sao.ru
**E-mail: resh@gong.astro.spbu.ru
1063-7737/04/3005-0283$26.00 c©
years, investigators have increasingly pointed out
that, with the accumulation of observational data,
GRBs with their afterglows and host galaxies are
becoming a useful tool in observational cosmology
(see, e.g., Djorgovski et al. 2003; Ramirez-Ruiz
et al. 2001; Trentham et al. 2002; and references
therein). Thus, a comparative analysis of the prop-
erties of GRB host galaxies with the properties of
galaxies at the same redshifts is now of relevant
interest. One of the methods for solving this problem
is to study the population of faint galaxies in the deep
fields of GRB host galaxies.

OBSERVATIONS AND THEIR REDUCTION

We carried out our photometric observations of
the field of the host galaxy of GRB 000926 on
July 24 and 25, 2001, using the 6-m SAO tele-
scope. The observing conditions were photomet-
ric with 1.3-arcsec seeing, measured as the full
width at half maximum (FWHM) of the images of
starlike objects in the field. The field was centered
on the coordinates of the host galaxy α2000.0 =
17h04m11s and δ2000.0 = +51◦47

′
9′′
.8, which corre-

spond to the Galactic latitude and longitude b =
37◦21

′
and l = 77◦45

′
, respectively. According to the

infrared maps taken from the paper by Schlegel et
al. (1998), the Galactic reddening toward the field
being studied is E(B–V ) = 0.023. In our obser-
vations, we used the SCORPIO (Spectral Camera
2004 MAIK “Nauka/Interperiodica”
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Fig. 1. Reproduction of the field of GRB 000926. The field sizes are 3
′
.6 × 3

′
.

with Optical Reducer for Photometrical and In-
terferometrical Observations; for a description, see
http://www.sao.ru/moisav/scorpio/scorpio.html) in-
strument mounted at the prime focus of the 6-m
SAO telescope. The detector was a TK1024 1024 ×
1024 CCD array. The pixel size was 24 µm, which
corresponded to an angular scale of 0′′

.289 per pixel.
The CCD response curve and the SCORPIO broad-
band filters reproduced a photometric system close
to the standard Johnson–Cousins BV RcIc sys-
tem (Bessel 1990). We took five frames in each
of the B and V bands with total exposure times
of 2500s and 1500s, respectively; ten frames in Rc
(1800s); and fifteen frames in Ic (1800s). The absolute
photometric calibration of the data was performed
using the observations of standard stars from the
lists by Landolt (1992) and Stetson (accessible
at http://cadcwww.dao.nrc.ca/cadcbin/wdb/astro-
cat/stetson/query) on the same nights.

The primary data reduction was performed using
the ESO-MIDAS software package.1 It included de-
biasing, flat fielding, defringing in Rc and Ic, and
cosmic-ray hit removal (for a detailed description,
see the dissertation by Fatkhullin 2003). All of the

1This package is supported and distributed by the European
Southern Observatory.
frames taken in one color band were coadded. The
coadded frames were reduced to the same orientation
and to a single coordinate system. The sizes of the
region where the coadded images overlapped in all
bands were 3′

.6 × 3
′
. This region was used for the

subsequent analysis (Fig. 1).

LARGE-SCALE PHOTOMETRY
OF OBJECTS IN THE FIELD

Extracting Objects

We used the SExtractor (Source Extractor) (Bertin
and Arnouts 1996) package to extract objects in the
field and to perform their photometry. This package
is unique in that it allows us to extract objects
and construct their isophotes on one image and to
calculate the fluxes within these isophotes on another
image. Thus, we can determine the fluxes in all bands
for a given object within the same region of the image.
On the other hand, this technique makes it possible
to find all of the objects in the field from its common
image for all bands, which allows problems with the
identification of the same object in different bands to
be avoided.

There are several methods for constructing a com-
mon image (i.e., the detection field). For example, the
field obtained by coadding the frames in different color
bands is often used to extract objects. We used a
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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relatively new method, that of constructing a χ2-field.
The χ2-field is a common image for all bands, and it
is used to extract objects and to construct a common
catalog of objects for all bands. The idea of themethod
is that probabilistic methods are used to analyze the
distribution of image pixel values and to determine
the optimum detection limit for objects above the
background level (Szalay et al. 1999).

Schematically, the process of constructing the
χ2-field can be described as follows. The mean
and rms deviation (σb) of the sky background (the
distribution of sky background values is assumed
to be Gaussian) are determined from the images in
each color band. Subsequently, the corresponding
background value is subtracted from each image, and
the resulting frame is divided by σb. As a result, we
obtain a transformed image for each band inwhich the
sky background is specified by a Gaussian with a zero
mean and a unit variance. If we consider the combined
transformed images, each pixel of the common field
may be represented as a vector with the number of
elements equal to the number of bands. The resulting
χ2-field is an image, each pixel of which is equal to
the square of the length of the corresponding vector
of the common field.

If the observed region contained no objects and
displayed only the sky background, then the probabil-
ity distribution function for χ2-field values would cor-
respond to χ2 with the number of degrees of freedom
equal to the number of bands. However, an actual field
contains objects, and, therefore, the distribution of
χ2-field values is distorted. By analyzing the χ2-fields
for the observed region and for the sky background,
we can determine the optimum detection limit for
objects in the actual field; this limit turns out to be
lower than that in the method of coadding the frames
in different color bands.

The detection conditions were specified in such
a way that objects that occupied an area of no less
than five pixels were extracted at fluxes in these pix-
els exceeding 3σ above the background level. For
detection, we also used filtering based on a wavelet
analysis using a mexhat-type filter with a FWHM
that corresponded to the quality of our images, i.e.,
1′′
.3. This filtering allowed us to effectively extract ob-

jects in frames with a large image density and around
bright extended galaxies as well as to separate the
components of multiple objects.

Object Extraction Results and Photometry

More than 550 objects satisfied the detection cri-
teria. However, to eliminate problems related to in-
accurate photometry due to the defects of the objects
themselves, we excluded those which turned out to be
ASTRONOMY LETTERS Vol. 30 No. 5 2004
near the image boundaries and in two regions around
very bright objects (an overexposed star and a large
interacting system of galaxies). Thus, slightly more
than 400 objects remained.

To increase the reliability of the subsequent anal-
ysis, we included in the final catalog only those
objects for which the signal-to-noise ratio was larger
than 5 in each band. There were 285 such objects.
The following limiting magnitudes in the catalog
corresponded to this limitation: 26.6 (B), 25.7 (V ),
25.8 (R), and 24.5 (I).

For each object, we determined the total appar-
ent magnitudes and the corresponding color indices
using the so-called best magnitudes generated by
the SExtractor package. These values are the best
fits to the asymptotic magnitudes of extended objects
(Bertin and Arnouts 1996).

The SExtractor package allows the objects to be
separated into starlike and extended ones by assign-
ing a corresponding starlikeness index from 0 (ex-
tended) to 1 (star) to each of them. For the sub-
sequent analysis, we selected only those objects for
which the starlikeness index was less than 0.7 inB (in
this band, the stellar disks and spiral arms of galaxies
are separated relatively better). There were 264 such
objects. We attributed the objects with an index larger
than 0.7 (their number was 21) to stars.

ESTIMATING THE REDSHIFTS

Determining the spectroscopic redshifts for sev-
eral hundred faint objects extracted in deep fields
is a complicated and time-consuming observational
problem. Fortunately, for many problems (e.g., for
estimating the evolution of the galaxy luminosity
function), the so-called photometric redshifts esti-
mated from multicolor photometry turn out to be
quite acceptable. The accuracy of these z estimates
is about 10%, which is high enough for statistical
studies of the properties of distant objects. The main
idea of the photometric redshift estimation is very
simple: an object’s multicolor photometry may be
considered as a low-resolution spectrum that is used
to estimate z (Baum 1963).

In practice, we estimated the photometric redshifts
for the extended objects of our sample using the Hy-
perz software package (Bolzonella et al. 2000). The
input data for Hyperz were: the apparent magnitudes
of the objects in four bands, the internal extinction law
(we used the law byCalzetti et al. (2000) for starburst
galaxies, which is most commonly used for studies
similar to our own), the redshift range in which the
solution is sought (we considered z from 0 to 1.3), and
the cosmological model (we used a flat model with
Ωm = 0.3, ΩΛ = 0.7, and H0 = 70 km s−1 Mpc−1).
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Fig. 2. Color distribution for starlike objects in the two-
color diagram. The solid line represents the color se-
quence for main sequence stars.

The observed spectra of the galaxies were compared
with the synthetic spectra for E, Sa, Sc, Im, and
starburst galaxies taken from the GISSEL98 library.

Apart from the redshift estimate, the Hyperz pack-
age yielded the following basic parameters for each
object: the spectral type of the galaxy (based on the
similarity between the spectral energy distribution of
the object and one of the synthetic spectra), the age,
the absoluteB magnitude, and a number of others.

RESULTS AND DISCUSSION

Our catalog of extended objects (N = 264) has the
following integrated parameters:

(1) the mean absolute magnitude of the galaxies is
〈MB〉 = −17.4 ± 2.7(σ);

(2) the mean photometric redshift is 〈z〉 =
0.53 ± 0.39;

(3) the starlikeness index in the B band is 0.08 ±
0.12, i.e., extended objects dominate in the catalog;

(4) the apparent flattening of the galaxies varies
between 0.22 and 1.00 with a mean value of 〈b/a〉 =
0.80 ± 0.20.

Irregular and starburst galaxies (126 of the 264
objects or 48%) constitute about one half of the cata-
log. Sa–Sc spiral galaxies are encountered in almost
a third of the cases (79 objects or 30%). The contri-
bution of elliptical galaxies is 22% (59 objects).

The mean angular size of the objects (FWHM)
corrected for the FWHM of the stars varies between
1′′
.0 in R to 1′′

.2 in I (the errors of the means are
±0′′

.5). At the mean redshift, a linear size of ≈ 7 kpc
corresponds to this angular size. If we restrict our
analysis to relatively near galaxies at z ≤ 0.5 (in this
case, the mean redshifts of the galaxies of various
spectral types are close), the expected dependence of
the linear sizes on the galaxy type shows up. Thus, the
mean FWHM for elliptical galaxies corresponds to a
linear size of 3.4 kpc, while starburst galaxies exhibit
а more extended brightness distribution with FWHM
≈4.7 kpc.

Starlike Objects

We used a fairly stringent criterion to separate
galaxies and stars: we attributed objects with a
starlikeness index in B of less than 0.7 to galaxies
(a less stringent limitation, e.g., 0.9–0.95 (Arnouts
et al. 2001), is commonly used).

The number of stars found in the field (21 stars
with apparent magnitudes B ≤ 24.5) is in good
agreement with the prediction of Bezanson’s Milky
Way model (for a description of this model, see,
e.g., Robin et al. 2000). In a field with an area
of 0.003 square degrees located at the Galactic
coordinates that correspond to our region, this model
predicts 24 stars with B ≤ 24.5. Given the small size
of the field under study, such a close coincidence is,
of course, partly accidental. However, it is indicative
of the relatively small number of stars that could be
erroneously attributed to galaxies.

Figure 2 shows the distribution of stars in the two-
color diagram. The solid line in the figure represents
the color sequence for main sequence stars (Sparke
and Gallagher 2000). Most of the stars exhibit colors
typical of main-sequence dwarfs.

Galaxy Counts

The differential galaxy counts normalized to
1 sq. degree and found within 0m. 5 bins are shown
in Fig. 3 (circles). These counts were not corrected
for observational selection and represent the actu-
ally observed numbers. The crosses in the figure
indicate similar counts for the VIRMOS survey
(Le Fevre 2003; McCracken et al. 2003). Clearly, our
counts are in excellent agreement with this survey.
For apparent magnitudes B < 25, V < 24.5, Rc <
24, and Ic < 24, the difference in the numbers of
galaxies observed in one magnitude bin, on average,
does not exceed 20%. For fainter magnitudes, obser-
vational selection, which manifests itself in the form
of bends in the curves of differential counts in Fig. 3,
strongly affects our data.
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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Fig. 3.Differential galaxy counts in the field of GRB 000926 (circles) in different bands. The crosses indicate similar counts for
the VIRMOS survey (McCracken et al. 2003). The solid and dashed lines represent the B-band counts for the northern and
southern deep fields of the Hubble Space Telescope, respectively (Metcalfe et al. 2001).
The slopes of the curves shown in Fig. 3 are also in
good agreement. According to our data, these slopes
are

0.47 ± 0.09 (B ≤ 25), 0.47 ± 0.04 (V ≤ 24),
0.38 ± 0.03 (Rc ≤ 24) and 0.29 ± 0.04 (Ic ≤ 24).

A similar variation in the slopes of the curves of dif-
ferential counts when passing from B to Ic was also
pointed out by McCracken et al. (2003).

On the other hand, the VIRMOS data are in ex-
cellent agreement (to within ∼10%) with previous
CCD galaxy counts (McCracken et al. 2003). As an
example, Fig. 3 shows the counts for the northern and
southern deep fields of the Hubble Space Telescope
(Metcalfe et al. 2001). Near B ∼ 25, the ground-
based and space counts join to form a single depen-
dence that is currently traceable toB ∼ 29. A detailed
interpretation of this dependence (apart from the fact
ASTRONOMY LETTERS Vol. 30 No. 5 2004
that this is a classical cosmological test) can yield
important information about the evolution of galaxy
properties (Gardner 1998).

In Fig. 4, the observed colors of our field galaxies
are plotted against their apparent magnitude. The
figure clearly shows a trend well known from previ-
ous studies: fainter galaxies have, on average, bluer
colors. The dashed lines in the figure indicate similar
dependences for the VIRMOS galaxies (McCracken
et al. 2003) that are in satisfactory agreement with
our data.

The agreement between the counts in our field
with the data for other deep fields is remarkable, be-
cause our field is very small and contains a relatively
small number of galaxies. For example, the previously
mentioned VIRMOS catalog contains ≈105 galax-
ies; this number exceeds the size of our sample by
several hundred. This agreement suggests that our
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versus apparent magnitude Ic (1), and color index B–V
versusB (2). The dashed lines represent similar diagrams
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field is representative and reflects well the average
properties of the galactic population, at least up to
z ∼ 1.

The z Distribution

Figure 5a shows the redshift distribution of the
catalogued galaxies. This distribution exhibits a peak
at z = 0.2–0.3 and a long, gently sloping tail up to
z = 1.3. The z distribution of the galaxies is distorted
by selection effects. One of the strongest selection
effects is our requirement that the signal-to-noise
ratio for an object be larger than five in all four bands.
As a result of this condition, such objects were mostly
detected at a relatively low z because of the decline in
the spectral energy distribution of early-type galaxies
at short wavelengths. This effect is clearly seen from
Fig. 5a, where the dashed and heavy solid lines indi-
cate the distributions of E–Sa and Sc–Im galaxies,
respectively.

Figure 5b shows the distribution of the catalogued
galaxies in the “absolute magnitude B (M(B))—
redshift” plane. The galaxy distribution in this plane
is also determined by selection effects; we extract
mostly luminous objects among the more distant ob-
jects. As an example, the dashed line in the figure
indicates the selection curve for an Sc spiral galaxy
with the apparent magnitude B = 26 (the observed
magnitude distorted by the k-correction). If all of the
galaxies of this type brighter than 26m were included
in our sample of objects, they would lie below the
dashed line in the figure. The fainter galaxies with
B > 26 would lie above this line. Clearly, the mag-
nitude limitation explains well the galaxy distribution
in theM(B)–z plane.
The strong selection in absolute magnitude in our
sample makes it difficult to directly compare the pa-
rameters of nearby and distant galaxies. However,
if we restrict our analysis only to luminous objects
(say, with M(B) < −18), then the selection effect is
weaker for them, and such galaxies are confidently
extracted up to the limiting z of our sample (Fig. 5).
Spiral and starburst galaxies dominate (≈90%) in
this sample.

Figure 6 shows variations in the angular sizes (the
FWHM corrected for the FWHM of the stars) of
luminous (M(B) < −18) galaxies in theRc band (the
seeing was best during observations in this band).
Note that the FWHM values depend on the cos-
mological decline in brightness much less strongly
than do the isophotal diameters. Therefore, they may
be used as rough estimates of the galaxy sizes. The
barred circles in Fig. 6 represent the mean values
and the corresponding dispersions for the redshift
ranges 0–0.5, 0.5–1.0, and 1.0–1.3, while the dashed
lines indicate the lines of constant linear sizes (the
lower and upper curves correspond to linear sizes
of 3 and 15 kpc, respectively). The angular sizes of
the extended objects from our sample are located, on
average, between the two curves of constant linear
sizes. For the luminous galaxies under consideration,
the mean FWHM in linear measure changes only
slightly with increasing z, and is 8 kpc (the solid curve
in Fig. 6). The dotted curve in Fig. 6 indicates the
expected variation in the observed angular size of an
object 8 kpc in diameter, as predicted by the model
by Mao et al. (1998) (in this model, the galaxy size
varies as∝ (1 + z)−1). Clearly, our data for the galax-
ies with M(B) < −18 are inconsistent with such a
strong evolution of their sizes. This conclusion agrees
with the conclusion by Lilly et al. (1998) that the lin-
ear sizes of large and luminous spiral galaxies change
little to z ∼ 1. A similar conclusion was reached by
Simard et al. (1999) and Takamiya (1999).

In the redshift range 0.3 to 0.5, where faint and
luminous objects are represented almost equally,
we compared the linear sizes for the galaxies with
M(B) > −18 and M(B) < −18. The luminous
(M(B) ≈ −19) spiral and elliptical galaxies turned
out to be a factor of about 1.5 to 2 larger than the
fainter (M(B) ≈ −17) galaxies. The expected change
in size for a galaxy with an exponential brightness
distribution and a constant central surface brightness
is ∆ logD ∝ 0.2∆M . Therefore, when the absolute
magnitude of a spiral galaxy changes by 2m, its size
will change by a factor of ≈2.5. The observed change
in galaxy size is smaller than this estimate, proba-
bly because the disks of many distant galaxies are
poorly described by an exponential law (Reshetnikov
et al. 2003).
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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The variation in the observed colors of extended
objects with z roughly corresponds to the expected
variation for local galaxies at the corresponding z.
As an example, Fig. 7 shows the galaxy positions
in the two-color diagrams for two redshift ranges.
The solid line in each of the panels represents the
color sequence for normal galaxies at z = 0.2 (a) and
z = 0.8 (b), as constructed by Fukugita et al. (1995).
The colors of galaxies at z = 0.7–0.9 are in satisfac-
tory agreement with the expected distribution in the
two-color diagram (all of the objects in this z range
brighter thanM(B) = −18); the agreement is poorer
for z ≈ 0.2. However, the agreement becomes much
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better if we consider only the luminous galaxies with
M(B) < −18 at z ≈ 0.2 (the crosses in Fig. 7a).

The color variations of Sa–Im spiral galaxies with
z are shown in a more detailed form in Figs. 7c and
7d. The solid lines in these figures represent the ex-
pected dependences for the accretion model of spiral
galaxy formation (Westera et al. 2002; Samland and
Gerhard 2003). According to Westera et al. (2002),
the galactic disk is formed inside a dark halo through
ongoing external gas accretion. In this model, the
star formation rate is a nonmonotonic function of
time: it reaches its maximum at z ≈ 1 and remains
significant down to z = 0. The dashed lines indicate
the dependences for the model of a single collapse. In
this scenario, the disk has been formed through the
contraction of a protogalactic cloud at z > 1. We see
from Figs. 7c and 7d that, in general, the accretion
model satisfactorily describes the general pattern of
variation in the observed colors of galaxies with z. The
collapse model is in much poorer agreement with our
data, predicting much redder colors at each z.

The Host Galaxy of GRB 000926

What is the host galaxy of the GRB whose region
is studied here?2 The apparent magnitudes of the
galaxy corrected for extinction in the Milky Way are
B = 26.01 ± 0.17, V = 25.76 ± 0.22, Rc = 25.88 ±
0.28, and Ic = 24.65 ± 0.40 (Fatkhullin 2002); its
redshift is z = 2.0379 (Castro et al. 2003). Given the
k-correction for an Sc spiral galaxy (Poggianti 1997),
the absolute magnitude of the host galaxy isM(B) =

2An image of this galaxy and more information can be found
at SAO RAS http://www.sao.ru/hq/grb/host-obs.html.
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dependences for the accretion model of disk galaxy formation and for the model of a single collapse (Westera et al. 2002),
respectively.
−19.1. Consequently, it is a relatively faint, but not
dwarf object. The galaxy mass was roughly esti-
mated by Castro et al. (2003) to be ≈1010M�. This
value yields an estimate of the mass-to-light ratio
M/L(B) ≈ 1.5 (in solar units), which is typical of
objects of late morphological types with violent star
formation.

The observed colors of the host galaxy were com-
pared with the colors of faint (B > 25) galaxies in this
field by Fatkhullin (2002). The galaxywas found to be,
on average, bluer than other faint extended objects.
This conclusion is also confirmed by a direct com-
parison of the observed colors for the host galaxy of
GRB 000926 with the colors of objects at z ≈ 2 in our
field. Note, however, that, because of observational
selection (see Fig. 5), the galaxies that we extracted
at z ≈ 2 are, on average, much more luminous than
the host galaxy being discussed. A proper compari-
son of the colors requires studying the parameters of
galaxies at z ≈ 2with a luminosity comparable to that
of the GRB 000926 host galaxy. Since such objects
are located near the magnitude limit of our field, this
is very difficult to do using our data. However, certain
conclusions can still be reached. That the colors of
the host galaxy are bluer than the colors of galaxies at
lower z can be explained by the fact that the specific
star formation rate in the Universe increases with
redshift (see, e.g., Madau et al. 1998); hence, bluer
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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colors are expected, on average, for the galaxies (see,
e.g., Fig. 3 from the paper by Rudnik et al. 2003).
Therefore, the host galaxy may well be a typical spiral
galaxy for an epoch of z ≈ 2. This explanation is
consistent with the conclusion previously reached by
several authors that the host galaxies of GRBs are
normal blue galaxies similar in properties to galaxies
at the same redshifts (Sokolov et al. 2001; Le Floc’h
et al. 2003; Djorgovski et al. 2003).

CONCLUSIONS

We have presented the results of our detailed pho-
tometric study of a small (3′

.6 × 3
′
) region in the field

of GRB 000926 (Fig. 1). The observations were car-
ried out on good photometric nights, which allowed
us to reach a limiting magnitude of 26.6 in theB band
under fairly stringent conditions.

In the field under study, we extracted 264 ex-
tended objects and 21 starlike objects. The number of
presumed stars agrees with the expected number in
Bezanson’s Milky Way model. The stellar colors are
typical of main sequence dwarfs (Fig. 2).

The differential galaxy counts in the field toB ≈ 25
are in good (to within 20%) agreement with previous
CCD surveys of several deep fields (Fig. 3). We have
confirmed the existence of a general tendency in the
observed colors of the field galaxies with their appar-
ent magnitude (Fig. 4).

An analysis of the images of luminous (M(B) <
−18) galaxies has led us to conclude that there is no
strong evolution of their linear sizes at z ≤ 1 (Fig. 6).

In general, the color variations of spiral galax-
ies with z agree with the predictions of the accre-
tion model, in which galactic disks are formed within
dark halos through long-term external gas accretion
(Fig. 7).

One of the important results of our study is that
in the cases where we can compare our data with
previously published data for other (often deeper and
larger) fields, they are in good agreement. This im-
plies that investigating relatively small deep fields is a
quite efficatious method of studying the evolution of
galaxies.
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Abstract—We have studied the influence of the presupernova structure and the degree of 56Ni mixing
on the bolometric light curve of SN 1987A in terms of radiation hydrodynamics in the one-group
approximation by abandoning LTE and by taking into account nonthermal ionization and the contribution
of spectral lines to its opacity. Our study shows that moderate 56Ni mixing at velocities ≤2500 km s−1

can explain the observed light curve if the density of the outer layers of the presupernova exceeds the value
obtained in the evolutionary model of a single nonrotating star severalfold. Abandoning LTE and allowing
for nonthermal ionization when solving the equation of state and calculating the mean opacities and the
thermal emission coefficient leads to a significant difference between the gas temperature and the radiation
temperature in the optically thin layers of the supernova envelope. We demonstrate the fundamental role of
the contribution of spectral lines to the opacity in an expanding envelope and of the accurate description
of radiative transfer in reproducing the observed shape of the bolometric light curve. We have found that
disregarding the contribution of spectral lines to the opacity introduces an error of∼20% into the explosion
energy, and that a similar error is possible when determining the mass of the ejected matter. The resonant
scattering of radiation in numerous lines accelerates the outer layers to velocities of ≈36 000 km s−1;
this additional acceleration affects the outer layers with a mass of ≈10−6M�. Proper calculations of the
supernova luminosity require that not only the delay effects, but also the limb-darkening effects be taken
into account. c© 2004 MAIK “Nauka/Interperiodica”.

Key words: supernovae and supernova remnants.
INTRODUCTION

Supernova (SN) 1987A, which exploded in the
Large Magellanic Cloud (LMC), still provides exten-
sive astrophysical information. Nevertheless, it holds
many secrets, offering a unique opportunity to study
in depth this grandiose event and the preceding evo-
lution of the exploded star. One of the surprises was
the fact that the exploded star (presupernova) turned
out to be a blue supergiant rather than a red su-
pergiant, as expected for type-II supernovae with a
plateau (SN IIP). The explosion of the blue super-
giant confirmed the far-sighted conclusion reached
by Shklovsky (1984) several years earlier that, since
the irregular galaxies (to which the LMC belongs)
are metal-poor, the formation of extended stellar en-
velopes is hampered in presupernovae; therefore, su-
pernovae with properties similar to those shown by
SN 1987A must explode in these galaxies instead
of ordinary SN II. Indeed, the underabundance of
heavy elements in the LMC matter compared to the

*E-mail: utrobin@itep.ru
1063-7737/04/3005-0293$26.00 c©
cosmic composition favors the formation of blue su-
pergiants (Arnett 1987; Hillebrandt et al. 1987). In
the case of SN 1987A, however, it cannot explain
the high nitrogen abundance that was revealed in the
circumstellar matter by an analysis of ultraviolet lines
(Cassatella 1987; Lundqvist and Fransson 1996). In
addition to standard assumptions, either a modifi-
cation of convective mixing through the meridional
circulation induced by rotation of the star during
its evolution (Weiss et al. 1988), or limited semi-
convection at a low abundance of heavy elements
(Woosley et al. 1988), or invoking evolutionary ef-
fects in a close binary system (Podsiadlowski and
Joss 1989; Hillebrandt andMeyer 1989) is required to
interpret these two facts in evolutionary calculations.

All of these possibilities were equally promising
until the ESO ground-based New Technology Tele-
scope (Wampler et al. 1990) and the NASA/ESA
Hubble Space Telescope (Jakobsen et al. 1991) dis-
covered intricate ring structures around SN 1987A.
The existence of these structures imposes severe con-
straints on the pattern of evolution of the presuperno-
2004 MAIK “Nauka/Interperiodica”
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va, necessitating deviations from spherical symme-
try, at least shortly before the supernova explosion.
For a single star, this suggests at least including
rotation effects. However, including these effects and
using new OPAL opacities has not freed the evolu-
tionary calculations from problems in explaining the
observed properties of the presupernova, requiring a
more thorough development of the physics of rotating
stars and convective mixing (Woosley et al. 1997). In
contrast, the evolution of stars in a close binary is so
rich in possibilities that it admits not only the model
of accretion of a substantial amount of matter from
the secondary component onto the presupernova, but
also the model of a complete merger with it (Podsiad-
lowski 1992).

Since the structure of the presupernova and the
chemical composition of its outer layers (which are
unaffected by explosive nucleosynthesis, being the
end result of the entire evolution of the star) in
many respects determine the pattern of supernovae
explosion, the incompleteness of the picture outlined
above and the absence of decisive arguments for a
particular evolutionary scenario of the presupernova
prompt us to analyze the light curve of SN 1987A
once again. Interest is also stirred by the fact that
the light curve is shaped mainly by radioactive decays
of 56Ni and 56Cowhose distribution in the supernovae
envelope is a clear trace left by the explosion mecha-
nism. The hydrodynamic models of SN 1987A based
on evolutionary calculations of the presupernova
necessitated strong 56Ni mixing up to velocities of
∼4000 km s−1 to reproduce the observed bolo-
metric light curve (Woosley 1988; Shigeyama and
Nomoto 1990; Blinnikov et al. 2000). On the other
hand, the hydrodynamic modeling of the SN 1987A
explosion that uses nonevolutionary presupernova
models and that proceeds from the best agreement
with observations has shown the possibility of mod-
erate 56Ni mixing up to velocities of ∼2000 km s−1

(Utrobin 1993). Note that Blinnikov et al. (2000) not
only solved the system of radiation hydrodynamics
equations in the multigroup approximation, but also
took into account the contribution of spectral lines
to the opacity, while other researchers restricted their
analyses to the simple approximation of radiative heat
conduction.

Our goal here is to investigate the influence of the
presupernova structure and the degree of 56Ni mixing
on the bolometric light curve of SN 1987A in terms
of radiation hydrodynamics in the one-group approx-
imation by abandoning local thermodynamic equilib-
rium (LTE) and by taking into account nonthermal
ionization and the contribution of spectral lines to
the opacity. Our results have confirmed the previous
conclusions listed above, provided that the density of
the outer layers of the nonevolutionary presupernova
model is several times higher than the density in the
evolutionary model of a single nonrotating star. We
give the system of radiation hydrodynamics equations
in the one-group approximation with the equation of
state for an ideal gas in a nonequilibrium radiation
field and for nonthermal ionization with appropriate
mean opacities and thermal emission coefficient. We
describe the numerical method for solving this system
of equations and consider the hydrodynamic models
studied. We compare the evolutionary and nonevolu-
tionary presupernova models, analyze the behavior of
the gas temperature and the radiation temperature in
the supernova envelope, and study the role of non-
thermal ionization, the contribution of spectral lines
to the opacity, limb-darkening effects, and the chemi-
cal composition of the surface layers in the supernova
explosion. In conclusion, we discuss our results and
their possible implications.

RADIATION HYDRODYNAMICS
The CRAB software package has been developed

for hydrodynamic studies of supernovae. This pack-
age models an unsteady one-dimensional spherically
symmetric gas flow in the fields of gravity and nonsta-
tionary nonequilibrium radiation in Lagrangian vari-
ables. The time-dependent radiative transfer equa-
tion, written in a comoving frame of reference to
within terms on the order of the ratio of the matter
velocity to the speed of light, can be solved as a
system of equations for the zeroth and first moments
of the radiation intensity in angular variable. To close
this system of moment equations, we use a variable
Eddington factor that can be calculated by directly
taking into account the scattering of radiation in the
medium. The satisfaction of the LTE conditions when
solving the equation of state and determining the
mean opacities and the thermal emission coefficient is
not assumed. In the inner, optically thick layers of the
supernova envelope where thermalization takes place,
the diffusion of equilibrium radiation is described in
the approximation of radiative heat conduction. We
have performed our study with a simplified version
of radiation hydrodynamics in the one-group (gray)
approximation, in which the nonequilibrium radiation
field can be parametrized by an appropriate blackbody
temperature.

Radiation Hydrodynamics in the One-Group
Approximation

According to Mihalas and Mihalas (1984),1 the
system of radiation hydrodynamics equations in the

1 See also an independent derivation of the ensuing equations
by Imshennik (1993) based on the book by Imshennik and
Morozov (1981).
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one-group approximation comprises the following:
the continuity equation

∂r

∂t
= u,

∂r

∂m
=

1
4πr2ρ

, (1)

the equation of motion

∂u

∂t
= −4πr2∂(Pg + Q)

∂m
− Gm

r2
+

1
c
χ0

FF 0, (2)

the energy equation for the gas

∂Eg

∂t
= −(Pg + Q)

∂

∂t

(
1
ρ

)
+ cκ0EE0 − 4π

η0t
ρ

+ ε,

(3)

the equation for the total radiative energy density

∂E0

∂t
= −4πρ

∂

∂m
(r2F 0) − 4πρ(1 + f 0) (4)

× E0 ∂

∂m
(r2u) +

u

r
(3f 0 − 1)E0 + 4πη0t − cρκ0EE0,

and the equation for the total radiative energy flux

∂F 0

∂t
=
(

2
u

r
− cρχ0

F − 8πρ
∂

∂m
(r2u)

)
F 0 (5)

− c2
(

4πr2ρ
∂

∂m
(f 0E0) +

1
r
(3f 0 − 1)E0

)
.

Here, t is the time in the comoving frame of refer-
ence; m is the mass of the gas within the sphere of
radius r; u is the gas velocity; ρ is the gas density; Pg
and Eg are the pressure and specific internal energy
of the gas, respectively; Q is the artificial viscosity;
E0 is the total radiative energy density related to
the radiation temperature Tr by E0 = aT 4

r ; F
0 is the

total radiative energy flux; χ0
F is the mean opacity

weighted in radiative energy flux (true absorption and
scattering); κ0E is the mean opacity weighted in radia-
tive energy density (true absorption); η0t is the total
thermal emission coefficient; ε is the rate of change
in internal energy, for example, due to the deposition
of gamma rays produced by radioactive decays; f 0

is the variable Eddington factor equal to the ratio of
the radiation pressure P 0

r to the total radiative energy
density E0. The radiation characteristics, the mean
opacities, and the thermal emission coefficient refer
to the comoving frame of reference and are denoted
by the superscript 0.

Initial data and boundary conditions must be
specified to properly formulate the problem of radi-
ation hydrodynamics described by hyperbolic equa-
tions: the radius r, the velocity u, and the total
radiative energy flux F 0 at the inner boundary and the
total radiative energy flux F 0 and a zero gas pressure
(Pg = 0) at the outer boundary.
ASTRONOMY LETTERS Vol. 30 No. 5 2004
Ionization Balance and the Equation of State

If the stationarity condition is satisfied, the equa-
tion of state for an ideal gas in a nonequilibrium
radiation field and for nonthermal ionization requires
solving the problem of the populations of excited
atomic and ionic levels and the ionization balance. In
the absence of LTE, the distribution in excited atomic
and ionic levels and in ionization states is determined
by the balance of all possible elementary processes,
and the general solution of the problem must include
an infinite system of algebraic equations for the entire
set of levels and processes. This is a very complicated
problem because of both the mathematical difficulties
and the lack of reliable physical data on the required
elementary processes. This circumstance and the ne-
cessity of multiple calculations of the equation of state
in hydrodynamic calculations force us to disregard
the excited atomic and ionic levels and to restrict our
analysis only to the ground atomic and ionic states
and, hence, to their ionization balance. Of greatest
interest in the establishment of ionization balance
in supernova envelopes are the following elementary
processes: photoionization and radiative recombina-
tion, electron ionization, three-particle recombina-
tion, and nonthermal ionization.

To simplify the system of balance equations, we
take into account only three ionization states for all
elements. The ionization balance equation for a Z0

atom and a Z+ ion in which the photoionization,
electron ionization, and nonthermal ionization rates
are balanced out by the radiative and three-particle
recombination rates is

RZ0NZ0 + qZ0NeNZ0 + ΓZ0NZ0 (6)

= αZ+NeNZ+ + χZ+N2
e NZ+ ,

where RZ0 is the photoionization probability of the
Z0 atom in a radiation field that is not necessarily
in equilibrium; αZ+ is the radiative recombination
coefficient; qZ0 is the electron ionization rate for the
Z0 atom for a Maxwellian energy distribution; χZ+

is the coefficient of the corresponding three-particle
recombination; ΓZ0 is the nonthermal ionization rate
for the Z0 atom; and Ne, NZ0 , and NZ+ are the num-
ber densities of the electrons, Z0 atoms, and Z+ ions,
respectively. A similar equation can also be written
for the Z+ and Z++ ions and for hydrogen, the only
difference being that the negative hydrogen ion will
act as the third ionization state.

The analytic fits to the cross sections for pho-
toionization from the ground state for various atoms
and ions required to calculate the photoionization
probability and the radiative recombination coeffi-
cient were taken from the papers by Verner and
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Yakovlev (1995) and Verner et al. (1996). The pho-
toionization cross section for the negative hydro-
gen ion was calculated by Wishart (1979). The
fitting formulas for the electron ionization rates
of various atoms and ions are given in the pa-
per by Voronov (1997). The radioactive nuclides
produced by explosive nucleosynthesis emit mostly
gamma rays with an energy of about 1 MeV, which
lose their energy through Compton scattering by free
and bound electrons. In turn, the Compton electrons
lose their energy through the heating of free electrons
and the ionization and excitation of atoms and ions.
Kozma and Fransson (1992) accurately solved this
complicated problem and calculated the nonthermal
ionization and excitation rates for atoms and ions.

Now, to find the ionization balance for a mixture
of chemical elements, for example, composed of H
and elements from He to Fe, we close the system of
balance equations described above by the equations
for the conservation of the number of particles and
electrical plasma neutrality. Given the gas density,
the electron temperature, the nonequilibrium radia-
tion and nonthermal ionization properties, and the
parameters of the elementary processes, the derived
system of equations can be easily reduced to a nonlin-
ear equation for the unknown degree of ionization xe.
Note that the physical conditions in the supernova
envelope at the expansion phase concerned are char-
acterized by the equality between the electron and ion
temperatures, which are designated as the gas tem-
perature Tg. Solving this equation for the degree of
ionization xe yields all of the required relative atomic
and ionic number densities xH0 , xH+ , xH− , xZ0 , xZ+ ,
and xZ++ .

The pressure Pg and the internal energy Eg of an
ideal gas in the equation of state for a mixture of
chemical elements are

Pg =
kTg
muA

(1 + Axe)ρ, (7)

Eg =
3
2

kTg
muA

(1 + Axe) (8)

+
XH

muAH
(IHxH+ − IH−xH−)

+
Fe∑

Z=He

XZ

muAZ

(
IZ0xZ+ +

(
IZ0 + IZ+

)
xZ++

)
,

where XZ is the mass fraction of the Z element; AZ
is the atomic mass of the Z element (AMU); IZ0 and
IZ+ are the ionization potentials for the Z0 atom and
the Z+ ion, respectively; and A is the mean atomic
mass (AMU) defined by the identity

1
A

=
XH

AH
+

Fe∑
Z=He

XZ

AZ
. (9)

The ionization balance and the equation of state were
considered in more detail previously (Utrobin 1998).

The Mean Opacities and the Emission Coefficient
The relative atomic and ionic number densi-

ties that were calculated, as described above, in
the absence of LTE, but without allowing for any
excited states, determine the corresponding mean
opacities and the thermal emission coefficient. As
the mean opacity χ0

F weighted in radiative energy
flux, we use the Rosseland mean that includes the
contributions both from bound–free and free–free
absorption and from Thomson scattering by free
electrons and Rayleigh scattering by neutral hy-
drogen. The mean opacity κ0E weighted in radiative
energy density is calculated as the Planck mean
with a radiation temperature Tr that includes only
the contributions from bound–free and free–free ab-
sorption. Accordingly, the total spontaneous thermal
emission coefficient η0t includes bound–free and free–
free processes. The free–free absorption by atoms and
ions was calculated using the Gaunt factor (tabulated
by Sutherland 1998) averaged over the Maxwellian
distribution, and the free–free absorption coefficient
for the negative hydrogen ion was taken from the
paper by Bell and Berrington (1987).

Apart from the processes in the continuum, we
also took into account the contribution of bound–
bound processes to the opacity. Slightly more than
500 000 spectral lines were chosen from the exten-
sive atomic line database compiled by Kurucz and
Bell (1995). To calculate the corresponding opacity,
we solved the special problem of the populations of
excited atomic and ionic levels and the ionization
balance for a mixture of chemical elements from H
to Zn with all ionization stages at given density and
temperature using the Boltzmann and Saha formulas.
We averaged the contribution of spectral lines in a
mediumwith a velocity gradient using the generalized
formula by Castor et al. (1975) at the early expan-
sion phases of the supernova envelope and using the
formula by Blinnikov (1996) after the passage to free
expansion. The line opacity in an expanding medium
calculated in this way was treated as pure scattering.

The Numerical Method
We used the standard method of lines (see, e.g.,

Berezin and Zhidkov 1962; Blinnikov and Bar-
tunov 1993) to numerically solve the system of radi-
ation hydrodynamics equations (1)–(5). The essence
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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of this method is that the system of partial differential
equations is reduced to a system of ordinary differen-
tial equations by an appropriate substitution of finite-
difference fits for the derivatives with respect to the
spatial coordinates. In all of the computed models,
we broke the star down into 300 computational mass
bins. The derived system of ordinary differential equa-
tions is stiff, but there are well-developed algorithms
for its integration. One of themost efficient methods is
the implicit method by Gear (1971) with an automatic
choice of both the time integration step and the order
of accuracy of the method. The implementation of
Gear’s method involves calculating the correspond-
ing Jacobi matrix and inverting the large and sparse
matrix derived from it. Zlatev’s efficient algorithm
(Österby and Zlatev 1983) that was speciallymodified
by Blinnikov and Bartunov (1993) was used to invert
such a large and sparse matrix of arbitrary structure.

The system of time-dependent frequency-
integrated moment equations—the equation for the
total radiative energy density (4) and the equation
for the total radiative energy flux (5)—is closed by
introducing a variable Eddington factor f 0. The latter
can be determined by solving the time-independent
transfer equation for a spherically symmetric expand-
ing medium (Mihalas and Mihalas 1984) written si-
multaneously in the laboratory and comoving frames
of reference to within terms on the order of u/c,

µ
∂I

∂r
+

1 − µ2

r

∂I

∂µ
=
(
1 − µ

u

c

)
ρ(κ0a + κ0s)(S − I),

(10)

with the source function that explicitly includes the
contribution of scattering,

S =
(
1 + 5µ

u

c

) η0t /ρ + κ0sJ
0

κ0a + κ0s
, (11)

where µ = cos θ and θ is the angle between the di-
rection of propagation of the radiation and the radius
vector r. The frequency-integrated specific radiation
intensity I refers to the laboratory frame of reference,
while the frequency-integrated mean radiation inten-
sity J0, the opacity of true absorption κ0a, and the
opacity of scattering κ0s are calculated in the comov-
ing frame of reference and are denoted by the super-
script 0. The formal solution along the characteristics
(individual rays) in the absence of externally incident
radiation on the outer boundary is used in solving the
transfer equation (10). The frequency-integrated mo-
ments of the radiation intensity are transformed from
the laboratory frame to the comoving frame using the
Lorenz transformations (Mihalas and Mihalas 1984),
and the corresponding Eddington factor f 0 is then
calculated. In addition, the solution obtained allows
us to also calculate the variable Eddington factor at
ASTRONOMY LETTERS Vol. 30 No. 5 2004
the outer boundary, which relates the total radiative
energy flux to the mean frequency-integrated radia-
tion intensity.

The bolometric luminosity calculated by taking
into account the delay and limb-darkening effects is
given by the formula

L(tobs) =

1∫
0

4πR2(t)πI(R(t), µ)2µdµ, (12)

where tobs is the time in the observer’s frame of ref-
erence; R(t) is the outer radius of the supernova
envelope at time t; I(R(t), µ) is the specific radiation
intensity at the outer boundary of the envelope at the
same time derived from the solution of the transfer
equation (10) with the angular dependence and with
the appropriate source function (11). It would be
natural to measure the time tobs from the detection
time of the neutrino signal that emerges during the
supernova explosion and that reaches an observer at
distance D in time D/c. In this case, the relation
between the times tobs and t is given by

tobs = t− R(t)µ
c

. (13)

The deposition of gamma rays produced by radioac-
tive 56Ni and 56Co decays can be determined from
the solution of the gamma-ray transfer problem by
assuming that the gamma rays interact with matter
through absorption at opacity κγ = 0.06Ye cm2 g−1,
where Ye is the number of electrons per baryon. The
gamma-ray transfer was modeled by the transfer
equation (10) with appropriate opacity κγ and source
function.

HYDRODYNAMIC MODELS

First, recall that the presupernova is Sanduleak
−69◦202, a blue B3 Ia supergiant (Gilmozzi
et al. 1987; Panagia et al. 1987; Sonneborn et al.
1987) with an apparent magnitude of 12m. 24 (Rousseau
et al. 1978), an effective temperature of about 16 300K,
and a bolometric correction of about −1.15
(Humphreys and McElroy 1984). At the distance
modulus m−M = 18.5 for the LMC, the color ex-
cess E(B–V ) = 0.15, and the interstellar extinction
AV = 3.1E(B–V ) (Pun et al. 1995), the radius of
the blue supergiant is about 46.8R�. We take this
value as the presupernova radius R0.

Important information about the chemical compo-
sition of the surface layers in the presupernova can be
obtained by analyzing the spectra of its circumstellar
matter. Studying emission lines from the circumstel-
lar matter around SN 1987A,Wang (1991) estimated
the ratio n(He)/n(H) ∼ 0.20. Investigating narrow
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Fig. 1. Initial density distributions in mass (a) and ra-
dius (b) for the evolutionary model Е (1) and the nonevo-
lutionary model N (2).

ultraviolet and optical emission lines from the in-
ner circumstellar ring around SN 1987A, Lundqvist
and Fransson (1996) obtained n(He)/n(H) ∼ 0.25.
Being aware of the uncertainty in these estimates,
we take a ratio of 0.20. This value together with
the data by Dufour (1984) on the metallicity in the
LMC yields a relative mass fraction of X = 0.555 for
hydrogen, Y = 0.441 for helium, and Z = 0.004 for
heavy elements. We take this chemical composition
as the chemical composition of the surface layers
in the presupernova. According to Dufour (1984),
a chemical composition with X = 0.743, Y = 0.251,
and Z = 0.006 is characteristic of the LMC.

Here, we investigate the evolutionary and nonevo-
lutionary models of the presupernova. The evolution-
ary models were constructed frommodel l20n2ae that
was computed by Woosley et al. (1997) without
allowing for mass loss and rotation and with a col-
lapsing core mass of 1.58M�, a helium core mass of
5.85M�, an ejected envelope mass of 17.80M� , a to-
tal mass of 19.38M�, and an outer radius of 64.2R�.
For convenience and agreement with observations
of the presupernova, model l20n2ae was rescaled to
a hydrostatic presupernova model with the ejected
envelope mass Menv = 18.0M�, the total mass M =
19.58M� , and the initial radius R0 = 46.8R�; the
outer layers were broken down into smaller compu-
tational mass bins that were in both hydrostatic and
radiative equilibrium at the observed presupernova
bolometric luminosity of −8m. 12. Strictly speaking,
after this restructuring and after specifying a chem-
ical composition of the outer layers identical to the
observed presupernova composition, the model can
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Fig. 2.Chemical composition of the evolutionarymodel E
(a) and the nonevolutionary model N (b): 1—hydrogen
mass fraction, 2—helium mass fraction, 3—heavy-
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hardly be called evolutionary. Nevertheless, a very
important property of the evolutionary model l20n2ae,
the pattern of density distribution at the explosion
time (Fig. 1), is preserved. Below, we denote these
models by the letter E.

The nonevolutionary presupernova models have
the same ejected envelope mass Menv, total mass M ,
and initial radius R0 as the evolutionary models, but
differ from them in initial density distribution (Fig. 1).
The latter is chosen from the condition of good agree-
ment between the computed and observed bolometric
light curves for moderate 56Ni mixing, by analogy
with the construction of the previous hydrodynamic
model for SN 1987A (Utrobin 1993). Just as in the
evolutionary presupernova models, the outer layers
of the nonevolutionary models are in hydrostatic and
radiative equilibrium at the observed presupernova
bolometric luminosity and have the observed chem-
ical composition of the presupernova, unless specified
otherwise, while the inner layers have the chemical
composition of model l20n2ae (Fig. 2). We denote
these models by the letter N.

The supernova explosion is triggered by an in-
stantaneous energy release near the stellar center at
the initial time. The explosion energy E is specified
as the excess above the total energy of the initial
envelope configuration. In all of the models under
consideration, except for the specially specified ones,
the mass of the radioactive nickel nuclide MNi is
0.073M� . Basic parameters of the computed hydro-
dynamic models are given in the table. Apart from the
basic models E and N and the similar models Enn
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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Parameters of the hydrodynamic models

Model Menv,M� R0, R� E, 1051 erg MNi,M� Note

E 18 46.8 1.0 0.073 –

Eni 18 46.8 1.0 0.073 56Ni profile, as in model N

Enn 18 46.8 1.0 0 Without 56Ni

N 18 46.8 1.0 0.073 –

Nnn 18 46.8 1.0 0 Without 56Ni

Nnt 18 46.8 1.0 0.073 Without nonthermal ionization

Nlo 18 46.8 1.0 0.073 Without line opacity

Nld 18 46.8 1.0 0.073 Without limb darkening

Ncc 18 46.8 1.0 0.073 LMC chemical composition

Nce 18 46.8 1.2 0.073 LMC chemical composition
and Nnn, but without 56Ni, we present the following:
model Eni shows moderate 56Ni mixing in the evo-
lutionary model; model Nnt was computed without
including nonthermal ionization; model Nlo shows
the role of line opacity in the expanding medium;
model Nld indicates the importance of limb darkening
in calculating the emergent flux from the superno-
va envelope; models Ncc and Nce have a chemical
composition of the surface layers characteristic of the
LMC.
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RESULTS

The Evolutionary and Nonevolutionary
Presupernova Models

Woosley (1988), Shigeyama and Nomoto (1990),
and Blinnikov et al. (2000) have convincingly shown
that in the explosion of the presupernova model
obtained through evolutionary calculations, good
agreement with the observed bolometric light curve
is achieved only under the assumption of strong 56Ni
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Fig. 4. Bolometric light curves for model E (1), model Eni
(2) (model Е with the 56Ni profile in velocity space as
in model N), model Enn (3) (model Е without 56Ni), the
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the observational data (5) by Hamuy et al. (1988).
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mixing up to velocities of ∼4000 km s−1. Indeed,
moderate (at velocities u ≤ 2500 km s−1) 56Ni mixing
in the evolutionary model Eni similar to the mixing in
the nonevolutionary model N (Fig. 3) gives rise to a
local minimum in the light curve in the interval 15–
30 days (Fig. 4). In the evolutionary model, this deficit
of bolometric luminosity, as was pointed out above,
can be removed only through strong 56Ni mixing,
which is demonstrated by model E (Figs. 3 and 4).

The local minimum of the bolometric luminosity
in the evolutionary model Eni arises as follows: En-
ergy release in the central regions of the presuper-
nova gives rise to a strong shock that propagates
toward the stellar surface. After the shock passage
through the star, the matter heats up, and the radia-
tive energy density increases. Concurrently, the mat-
ter acquires an outward-increasing velocity that ev-
erywhere exceeds the local parabolic velocity. In about
0.0823 days, the shock emerges on the surface and
heats the outer stellar layers—the effective tempera-
ture rises to ∼4.6×105 K, the color temperature rises
to∼1.1×106 K, and the luminosity increases sharply.
After the emergence of the shock, an expansion of the
star begins; this expansion leads to rapid cooling of
the surface layers and to the same rapid decrease in
luminosity. As a result, a narrow peak is formedwhose
luminosity at maximum is ∼3.5 ×1044 erg s−1 and
which is partially shown in the bolometric light curve
(Fig. 4).

The subsequent expansion of the envelope grad-
ually creates conditions under which a special ra-
diative cooling regime of the matter arises—a cool-
ing wave (CW). Remarkably, even the first hydrody-
namic models of supernovae constructed and studied
by Imshennik and Nadyozhin (1964) revealed this
cooling regime for compact presupernovae, to which
the case of SN 1987A belongs. The CW proper-
ties were studied in more detail by Grassberg and
Nadyozhin (1976). After about 10 days, this regime
for the ejected matter completely determines the su-
pernova luminosity; the photosphere is located with-
in the CW front, and the subphotospheric, optically
thick layers are cooled almost adiabatically. In the ab-
sence of 56Ni in the supernova envelope, the internal
energy of the matter and the radiative energy stored in
these layers after the shock passage and then partially
lost during expansion continue to radiate away for a
relatively short period. In the evolutionary model Enn,
which is similar to E and which contains no 56Ni
in the envelope, the supernova luminosity begins to
decrease already after ∼13 days, and the energy store
in the envelope is depleted by∼40 days (Fig. 4).

Clearly, if 56Ni is distributed in the deep layers
whose time of gamma-ray diffusion remains larger
than the characteristic envelope expansion time for
a long period, then the gamma-ray diffusion begins
to be involved in shaping the light curve with a long
delay when the luminosity already begins to fall; as a
result, a local minimum of the bolometric luminosity
is formed. Moderate 56Ni mixing in the evolutionary
model Eni has the property described above (Fig. 4).
To obtain a monotonic light curve without any local
minimum of the bolometric luminosity in the inter-
val 15–30 days, the following simple solution sug-
gests itself: strong 56Ni mixing up to velocities of
∼4000 km s−1 at which the local gamma-ray depo-
sition compensates for the energy loss through enve-
lope expansion and prevents the undesirable decrease
in luminosity. This effect, which is demonstrated by
model E (Fig. 4), helped Woosley (1988), Shigeyama
and Nomoto (1990), and Blinnikov et al. (2000) to
reproduce the observed bolometric light curve in their
hydrodynamic calculations.

A more radical method of obtaining a monotonic
light curve even at moderate 56Ni mixing is to con-
struct a model of the presupernova with a density of
its outer layers much higher than the density in the
evolutionary model l20n2ae. In such a presupernova,
more internal energy of the matter and more radia-
tive energy is stored in the outer, denser layers after
the passage of a strong shock through the envelope;
this energy may prove to be enough to maintain the
increasing luminosity even after 13 days. A proper
density distribution in the now nonevolutionary pre-
supernova model (denoted by the letter N) is ob-
tained from agreement between the theoretical and
observed bolometric light curves; the density ratio
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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in the outer (15–40R�) layers lies within the range
2.4–4.9 (Fig. 1). Indeed, this density distribution in
the presupernova even without 56Ni in the envelope
causes an increase in luminosity until ∼25 days, as
shown by model Nnn (Fig. 5). Finally, moderate 56Ni
mixing in model N (Fig. 3) proves to be enough to
explain the observed behavior of the bolometric light
curve (Fig. 5), just as in our previous hydrodynamic
model (Utrobin 1993).

Both in the evolutionary model E after ∼13 days
(Fig. 4) and in the nonevolutionary model N after
∼25 days (Fig. 5), the subsequent run of the bolo-
metric light curve is entirely determined by gamma-
ray energy deposition and by the subsequent repro-
cessing of this energy by the envelope matter and
its reradiation in the form of soft thermal photons.
The ascending branch of the light curve and its peak
were reconciled with observations by an appropri-
ate specification of the chemical composition in the
transition region between the surface layers and the
helium core (Fig. 2). Here, the crucial factor is deep
hydrogen mixing into the helium core up to veloc-
ities of ∼980 km s−1. This role of hydrogen mix-
ing in reproducing the bolometric light curve was
previously noted by Woosley (1988), Shigeyama and
Nomoto (1990), Utrobin (1993), and Blinnikov et al.
(2000). The quasi-exponential decline in luminosity
after the maximum is caused by radioactive decays of
56Ni and 56Co whose mass is 0.073M� .

The Gas and Radiation Temperature Profiles

According to Eqs. (3) and (4), abandoning LTE
when solving the equation of state and determining
the mean opacities and the thermal emission coeffi-
cient will affect the pattern of energy exchange be-
tween matter and radiation. The results of this ap-
proach can be best studied from the behavior of the
gas temperature and the radiation temperature in the
envelope. Using the main model N as an example, let
us trace the evolution of the radial distributions of the
gas temperature and the radiation temperature in the
comoving frame of reference at the most character-
istic times shown in Fig. 6. Clearly, from the center
to the subphotospheric layers in an optically thick
medium under conditions close to LTE, the radiation
temperature is virtually equal to the gas temperature
(Figs. 6a–6c). This state exists until t ∼ 115 days.
Subsequently, however, the envelope rapidly becomes
optically thin, and the gas temperature turns out to be
lower than the radiation temperature because of the
weakening interaction between matter and radiation
against the background of the increasing role of adia-
batic losses (Fig. 6d).

In contrast, the gas temperature above the photo-
sphere differs from the radiation temperature even in
ASTRONOMY LETTERS Vol. 30 No. 5 2004
the initial state due to non-LTE conditions. Subse-
quently, when the shock emerges on the surface and
several days later, this difference gradually increases
and then becomes significant (Fig. 6). The bolometric
luminosity in the surface layers in the comoving frame
of reference is almost constant: L0 = 4πr2πF 0 ≈
const (Fig. 7). This fact may be expressed in the
following approximate dependence for the radiation
temperature distribution in the outer layers: Tr ∝
(E0)1/4 ∝ (F 0)1/4 ∝ r−1/2. However, the high ex-
pansion velocity of these layers and the delay effect
lead to a deviation from this simple dependence.
During the explosion, the bolometric luminosity
decreases outward; it “remembers” the earlier and
bright phase only after the liminosity peak in the
interval t ≈ 120–140 days and increases toward the
envelope surface (Fig. 7). The described behavior
of the bolometric luminosity is consistent with the
calculations by Blinnikov et al. (2000). Accordingly,
during the explosion, the radiation temperature curve
runs below the fitting straight line (Figs. 6a–6c),
except for the interval t ≈ 120–140 days when the
radiation temperature is higher (Fig. 6d).

In turn, the gas temperature in the surface layers in
the almost complete absence of interaction between
radiation and matter and of any heating sources de-
creases adiabatically as Tg ∝ t−2 (Fig. 6) even since
the first days. A “frozen-in” structure, a temperature
trace from the thin, dense layer formed when the
shock emerges on the presupernova surface, arises
at the outer edge of the envelope. The dense layer
itself is produced by the transition from the adiabatic
regime of propagation of a strong shock in the sur-
face layers to the isothermal regime. This layer was
first observed in hydrodynamic models of SN II with
extended progenitors similar to supergiants (Grass-
berg et al. 1971). For SN 1987A, Imshennik and
Nadyozhin (1988) analytically considered the emer-
gence of a shock wave on the presupernova surface.
In the hydrodynamic modeling of SN 1987A, a dense
layer is formed only when abandoning the approxima-
tion of radiative heat conduction, which is too rough
to describe the radiative transfer in the surface layers
(Blinnikov and Nadyozhin 1991; Ensman and Bur-
rows 1992; Blinnikov et al. 2000). The temperature
trace is subsequently observed all of the time (it is
not shown in Figs. 6c and 6d). Until t ∼ 115 days, a
transition from the optically thick medium where the
gas and radiation are described by a single temper-
ature to the transparent layers where the gas cools
down adiabatically occurs in the region between the
photosphere and the surface layers. In this case, the
complex interaction between the heating and cooling
processes in the near-photosphere layer manifests
itself in the form of a thin structure in the gas tem-
perature distribution (Figs. 6a, 6c, and 6d).
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The Role of Nonthermal Ionization

After tobs ∼ 30 days, the luminosity of SN 1987A
is produced mainly by 56Ni and 56Co decays, and the
pertinent question regarding the role of nonthermal
ionization in the supernova explosion arises. To study
this question, we computed model Nnt, in which the
ionization balance was found without allowing for
nonthermal ionization in Eq. (6), but with the energy
deposition from radioactive 56Ni and 56Co decays
retained in Eq. (3). The bolometric light curve for
model Nnt turned out to be almost coincident with
that for model N, exhibiting only a small luminosity
deficit as the maximum is approached in the interval
tobs ≈ 40–70 days (Fig. 8). This deficit owes its origin
to an increase in opacity in the absence of nonther-
mal ionization. Thus, it should be recognized that
nonthermal ionization plays a minor role in shaping
the bolometric light curve of SN 1987A. A much
larger effect of nonthermal ionization was found in
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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SN 1993J (Utrobin 1996). This finding can be ex-
plained by themuch lower hydrogen abundance in the
SN 1993J envelope than that of the SN 1987A enve-
lope and, as a result, by the larger relative contribution
of other elements to the opacity when nonthermal
ionization is taken into account.

Before the envelope becomes optically thin, the
behavior of the gas temperature and the radiation
temperature with nonthermal ionization (Fig. 6) dif-
fers little from the case without nonthermal ionization
(Fig. 9). However, at t = 120 days, a radical differ-
ence arises in the inner layers in which the main
energy deposition from radioactive 56Co decays takes
place: the gas temperature is lower than the radiation
temperature in the former case and vice versa in the
latter. The enhanced ionization of the matter caused
by nonthermal ionization increases the importance
of bremsstrahlung processes in the energy exchange
between matter and radiation and even leads to the
dominance of these cooling processes over the non-
thermal gas heating. In the absence of nonthermal
ionization, the gas cooling by bremsstrahlung pro-
cesses becomes much weaker, and the nonthermal
heating dominates, causing the gas temperature to
exceed the radiation temperature.

The Influence of Line Opacity

The decrease in opacity due to disregarding the
line contribution in model Nlo causes the bolometric
luminosity to increase from the first few days and until
the luminosity peak (Fig. 10), which is equivalent
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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Fig. 8. Same as Fig. 4 for model N (solid line) and
model Nnt—model N without nonthermal ionization
(dashed line).

in action to a decrease in opacity due to the re-
duction in hydrogen abundance (Utrobin 1989). The
corresponding behavior of the light curve also shows
up when increasing the hydrogen abundance in the
outer layers (Fig. 11). These facts lead us to the firm
conclusion that disregarding the contribution of lines
to the opacity introduces an error of ∼20% into the
explosion energy E (see the table). Since an increase
in explosion energy E by a factor of 1.5 at the CW
phase increases the bolometric luminosity by ∼1.5
and since an increase in envelope mass Menv by the
same factor decreases the luminosity by a factor of
∼1.3 (Utrobin 1989), a similar error is also possible
when determining the mass of the ejected matter. Re-
call that this dependence of the bolometric luminosity
at a fixed initial radius of the presupernova makes it
difficult to estimate the explosion energy E and the
ejected envelope mass Menv, and the observed lu-
minosity actually determines only their ratio E/Menv
(Woosley 1988; Utrobin 1993).

After the luminosity peak, the bolometric lumi-
nosity in model Nlo decreases more rapidly than the
observed luminosity, which emphasizes the funda-
mental role of the line contribution to opacity, along
with the proper description of the radiative transfer,
in reproducing the observed shape of the bolometric
light curve (Fig. 10). Due to the disregard of the line
contribution to the opacity and without a proper al-
lowance for the radiative transfer, we failed to achieve
reasonable agreement with the observed light curve
near and after the peak in the hydrodynamic modeling
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Fig. 9. Same as Fig. 6 for model Nnt.
of SN 1987A using the approximation of radiative
heat conduction (Utrobin 1993).

Lines are also of the same importance in forming
the gas flow in the outer layers of the expanding su-
pernova envelope (Fig. 12). After the shock emerges
on the presupernova surface at t = 0.0823 days, an
expansion of the envelope begins, and it rapidly (dur-
ing the first few days) passes to free expansion. In
model N, the resonant scattering of radiation in nu-
merous lines accelerates the outer layers up to veloc-
ities of ≈36 000 km s−1, while in model Nlo, which
disregards the line opacity, the velocity of the outer
layers does not reach even 30 000 km s−1. Additional
line-induced acceleration takes place in the outer-
most layers with a mass of≈10−6M�.

Limb Darkening

The solution of the radiation hydrodynamics equa-
tions (1)–(5), which contain only the angular mo-
ments of the radiation intensity, yields the behavior of
these moments in time and space, while the solution
of the time-independent transfer equation (10) yields
the limb-darkening law. Using the derived angular
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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Fig. 10. Same as Fig. 4 for model N (solid line) and
model Nlo—model N without line opacity (dashed line).

dependence of the intensity of the radiation emerging
from the supernova envelope in calculating the bolo-
metric luminosity with the delay effect from formu-
las (12) and (13) proves to be a very important factor,
as shown by a comparison with the isotropic radiation
in model Nld (Fig. 13). During the first ∼25 days,
when a well-defined photosphere exists, particularly
at the CW formation phase, the emitted radiation is
nearly isotropic, and the bolometric light curves for
models N and Nld almost coincide. As the envelope
expands and becomes optically thin, the continuum
formation region gradually becomes more extended,
while the degree of anisotropy of the emergent radi-
ation increases. The increase of the latter with time
clearly shows the difference between the light curves
for models N and Nld, which reaches particularly
large values after the luminosity peak.

Interestingly, the bolometric luminosity calculated
by taking into account the limb-darkening law is
higher and lower than the luminosity for isotropic ra-
diation before and after the luminosity peak (Fig. 13),
respectively. To explain this behavior of the bolometric
luminosity, let us simplify formula (12) by assum-
ing that the envelope is expanding freely, R(t) ≈
uoutt ≈ uouttobs(1 + uoutµ/c), and by fitting the emer-
gent anisotropic radiation as I(R(t), µ) ≈ I(µ) ∝ µα,
where uout is the velocity of the outer boundary of the
supernova envelope, and α is a positive number that
specifies the degree of anisotropy of the emergent
radiation. Note the following two limiting cases:
isotropic radiation (α = 0) and a point radiation
source (α → ∞). The above assumptions allow us to
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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Fig. 11. Same as Fig. 4 for model Nce—model N with
the LMC chemical composition and the explosion energy
E = 1.2× 1051 erg (solid line) and model Ncc—model N
with the LMC chemical composition (dashed line).

estimate the ratio of the bolometric luminosity L(α)
calculated by taking into account the limb-darkening
law described by the parameter α to the luminosity for
isotropic radiation L(0) at time tobs:

L(α)
L(0)

≈ 1 +
uout
c

(
α + 2
α + 3

− 2
3

)
∂lnL(0)
∂lntobs

. (14)

As would be expected, this ratio depends on both the
delay effect and the limb-darkening law. The correc-
tion on the right-hand side of formula (14) is on the
order of uout/c; it increases with increasing degree of
anisotropy of the emergent radiation, while its sign
is determined solely by the time derivative of the
bolometric luminosity. The latter property entirely ex-
plains the observed behavior of the bolometric lumi-
nosity with an allowance made for the limb-darkening
law before and after the luminosity peak.

Influence of the Chemical Composition of the Outer
Layers

The hydrodynamic models considered above have
a chemical composition of the surface layers of the
presupernova similar to that of the circumstellar mat-
ter. How do the basic parameters of the supernova
explosion change if we substitute the chemical com-
position of the surface layers with the LMC chemi-
cal composition, which is characterized by a higher
hydrogen abundance? Models Ncc and Nce, which
have this property (see the table), give an answer to
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at the time the shock emerges on the surface t =
0.0823 days, at t = 0.0845 days and, subsequently, at
explosion times t ≥ 1 days, when the envelope is already
expanding freely. The mass is measured from the envelope
surface.

this question. Model Ncc shows that the passage to
the LMC chemical composition in the surface layers
accompanied by the corresponding increase in opac-
ity causes the bolometric luminosity to decrease in
the interval tobs ≈ 5–80 days (Fig. 11). In contrast,
agreement with the observations of SN 1987A is
achieved in model Nce, which has a higher explosion
energy, E = 1.2 × 1051 erg, and a slightly modified
chemical composition of the inner layers compared to
model Ncc.

DISCUSSION

Our study of the influence of the presupernova
structure and the degree of 56Ni mixing on the bolo-
metric light curve of SN 1987A in terms of radiation
hydrodynamics in the one-group approximation by
abandoning LTE and by taking into account non-
thermal ionization and the contribution of lines to
the opacity leads us to the following important con-
clusion: moderate (at velocities u ≤ 2500 km s−1)
56Ni mixing can explain the observed light curve if
the density of the outer layers in the presupernova
exceeds that in the evolutionary model of a single
nonrotating star severalfold. Moderate 56Ni mixing
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is supported by the modeling of infrared emission
lines at late stages, in the interval 200–700 days. Li
et al. (1993) showed that the intensity of iron, cobalt,
and nickel emission lines and their evolution with
time are attributable to 56Ni mixing up to velocities
of ∼2500 km s−1, while the same observations led
Kozma and Fransson (1998) to conclude that the
iron synthesized during the explosion was mixed to
velocities of∼2000 km s−1.

A similar serious constraint on the 56Ni mixing
scales follows from an analysis of the so-called
Bochum event in SN 1987A if the interpretation of it
offered below is correct. This event consists in the for-
mation of two peaks, blue and red, in theHα profile af-
ter ∼20 days (Hanuschik and Dachs 1988). The blue
peak can be explained by the nonmonotonic, spheri-
cally symmetric population distribution of the second
hydrogen level in the atmosphere with the excita-
tion minimum at velocities of ∼4000–5000 km s−1

(Chugai 1991), which is the result of nonstationary
hydrogen recombination with a significant role played
by the hydrogen neutralization processes involving
H− and H2 (Utrobin and Chugai 2002). The red
peak is the result of a local enhancement of the
hydrogen excitation from an asymmetric 56Ni ejection
in the far hemisphere (Chugai 1991) with an absolute
velocity of ∼4600 km s−1 (Utrobin et al. 1995). The
spherically symmetric nonmonotonicity of the hydro-
gen excitation is very sensitive to the nonthermal
excitation produced by 56Ni, and its existence for
∼20–40 days implies that the 56Ni mixing at that
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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time was within the photosphere and, accordingly,
did not extend in velocity farther than∼2500 km s−1.

Thus, moderate 56Ni mixing in the envelope of
SN 1987A receives confirmation both in spectro-
scopic observations at the photospheric phase and
in nebular observations. The above analysis of the
bolometric light curve convincingly shows that the
outer layers of the presupernova have a density that
is several times higher than that in the evolutionary
model of a single nonrotating star. This important
conclusion has the following direct implication: the
presupernova structure required for the explosion of
SN 1987A can be produced during the evolution of a
single star in which, apart from the mass of the star
on the main sequence and its chemical composition,
stellar rotation may play a key role, or during the
evolution of the presupernova in a close binary during
the merger with the secondary component.

As must be the case, abandoning LTE and al-
lowing for nonthermal ionization when solving the
equation of state and determining the mean opacities
and the thermal emission coefficient result in a sig-
nificant difference between the gas temperature and
the radiation temperature in the optically thin layers of
the supernova envelope compared to the equilibrium
case. This stresses the importance of the correct de-
scription of the energy exchange between matter and
radiation when modeling supernova explosions.

Our study shows how important an allowance for
the contribution of lines to the opacity is in the hydro-
dynamic modeling of SN 1987A. First, it has become
clear that the contribution of lines to the opacity in
an expanding envelope and the accurate description
of the radiative transfer play a fundamental role in re-
producing the observed shape of the bolometric light
curve. Second, it has been established that disregard-
ing the contribution of lines to the opacity introduces
an error of ∼20% into the explosion energy, and that
a similar error is possible when determining the mass
of the ejected matter. Third, the resonant scattering
of radiation in numerous lines accelerates the outer
layers up to velocities of ≈36 000 km s−1, while the
velocities of these layers without an allowance for
lines do not reach even 30 000 km s−1; the additional
line-induced acceleration affects the outer layers with
a mass of≈10−6M�.

The next important conclusion is that proper cal-
culations of the observed supernova luminosity re-
quire taking into account both the delay effects and
the limb-darkening effects; the importance of the lat-
ter increases with time as the anisotropy of the emer-
gent radiation increases. This conclusion is confirmed
by our analytic estimate of the bolometric luminosity
that includes the delay effects and the limb-darkening
law. Accordingly, this estimate contains a explicit
ASTRONOMY LETTERS Vol. 30 No. 5 2004
dependence on the time derivative of the bolometric
luminosity and the degree of anisotropy of the emer-
gent radiation.

In conclusion, let us note that substituting the
chemical composition of the surface layers, which is
similar to that of the circumstellar matter, with the
LMC chemical composition, which is characterized
by a higher hydrogen abundance, causes the bolo-
metric luminosity to decrease in the interval tobs ≈
5–80 days, and good agreement with the observa-
tions of SN 1987A is achieved with a higher explosion
energy, E = 1.2 × 1051 erg.
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Abstract—We investigate the unsteady column accretion of material at a rate 1015 g s−1 ≤ Ṁ ≤
1016 g s−1 onto the surface of a magnetized neutron star using a modified first-order Godunov method with
splitting. We study the dynamics of the formation and evolution of a shock in an accretion column near the
surface of a star with a magnetic field 5 × 1011 ≤ B ≤ 1013 G. An effective transformation of the accretion
flow energy into cyclotron radiation is shown to be possible for unsteady accretionwith a collisionless shock
whose front executes damped oscillations. The collisionless deceleration of the accreting material admits
the conservation of a fraction of the heavy nuclei that have not been destroyed in spallation reactions. The
fraction of the CNO nuclei that reach the stellar atmosphere is shown to depend on the magnetic field
strength of the star. c© 2004 MAIK “Nauka/Interperiodica”.

Key words: plasma astrophysics, hydrodynamics and shock waves, accretion, neutron stars.
INTRODUCTION

The accretion onto compact objects has been
considered as an effective source of hard X-ray
radiation for about forty years (see Zel’dovich 1964;
Salpeter 1964; Shakura and Sunyaev 1973).

Several analytical, semianalytical, and numerical
models of accretion onto neutron stars (NSs) and
black holes have been constructed (see, e.g., Frank
et al. 2002). However, some of the important ques-
tions formulated even in pioneering papers have no
clear answers as yet. One of the fundamental ques-
tions is the nature of the accreting material: Is it a
gas of interacting particles (hydrodynamic regime) or
a collection of separate noninteracting particles (free-
fall regime)? Zel’dovich (1967) and Zel’dovich and
Shakura (1969) considered these two regimes and
showed that the radiation spectrum near the stellar
surface depends significantly on the accretion regime
under consideration.

Up to now, the authors of themodels have provided
circumstantial qualitative evidence to substantiate a
particular regime in the hope that a realistic model
supported by experimental evidence can a posteriori
justify the choice of a regime, at least for a certain
domain of parameters of the accretion system. Under
which conditions collisionless shocks that decelerate
the material as it moves toward the stellar surface
arise in an accretion flow is another related question.

Bisnovatyi-Kogan and Fridman (1969) pointed
out that a collisionless shock could appear in the

*E-mail: byk@astro.ioffe.ru
**E-mail: kra@astro.ioffe.ru
1063-7737/04/3005-0309$26.00 c©
flow accreting onto a NS if the star possesses a dipole
magnetic field of B ∼ 108 G.

The shock that decelerates the flow accreting
onto a NS in a binary system plays a key role in
the model by Davidson and Ostriker (1973). In their
models, Shapiro and Salpeter (1975), Basko and
Sunyaev (1976), Langer and Rappoport (1982), and
Braun and Yahel (1984) considered the accretion onto
a NS under various assumptions about the magnetic
field strength of the star and found steady-state
solutions of the system of hydrodynamic equations
for the accretion flow. The models by Shapiro and
Salpeter (1975) and Langer and Rappoport (1982)
postulate the existence of a stationary collision-
less shock at a certain height above the surface,
which is a parameter of these models. Basko and
Sunyaev (1976) demonstrated the accretion regime
with a radiative shock in the NS atmosphere. In
their model, Braun and Yahel (1984) showed that a
stationary collisionless shock could exist above the
surface of a magnetized NS only when the accretion
rate is low enough (more specifically, does not exceed
a few percent of the Eddington value).

Detailed models for the two-dimensional unsteady
radiation-dominated super-Eddington accretion
onto a magnetized NS have been developed by Arons,
Klein, and coauthors (see Klein and Arons 1989;
Klein et al. 1996; and references therein). The authors
of these models show that, if the accretion rate is
high enough (more specifically, if the accretion is es-
sentially super-Eddington one), then nonstationary
radiation-dominated shocks appear and evolve in
the column. An important peculiarity of these studies
2004 MAIK “Nauka/Interperiodica”
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Fig. 1. Geometry of the accretion column.

is that the existence of a shock in the column is not
postulated, but is the result of model evolution of the
system.

In this paper, we present a numerical model for the
sub-Eddington one-dimensional unsteady hydrody-
namic (in the above sense) accretion onto a magne-
tized NS. As in the paper by Klein and Arons (1989),
we do not postulate the existence of a shock in the
column from the outset. Our study is unique in that
we construct a hydrodynamic code based on the Go-
dunov method, which allows us to deal with discon-
tinuous flows and, in particular, to describe the shock
dynamics.

The model consistently takes into account the ki-
netics of electron–ion beams in a strong magnetic
field. The magnetic field in the column is assumed
to be known, but the related processes of matter–
radiation interaction play a crucial role in the evolu-
tion of the accretion flow.

In Section 1, we present our hydrodynamic model
of the accretion flow. In Section 2, based on model
profiles of the flow in the column, we consider the
destruction probability of CNOnuclei in the accretion
flow. The results obtained are discussed below.

1. ACCRETION FLOW HYDRODYNAMICS

Formulation of the Problem

We consider the time evolution of the accretion
flow in the magnetic column above the polar cap of a
magnetized NS at distances of no larger than several
NS radii from its surface. We assume that the ac-
cretion is hydrodynamic, because the growth time of
magnetohydrodynamic (MHD) instabilities is short
under the conditions in question. Under the condi-
tions of strong initial anisotropy of the accretion flow,
the multistream instabilities can have characteristic
growth rates comparable to the ion plasma frequency,

ωpi ∼ 1.2 × 1012n
1/2
18 s−1. Such growth rates are typ-

ical of the particle isotropization processes in colli-
sionless shocks. Note that the cyclotron frequencies
are much higher for typical magnetic fields. The char-
acteristic propagation velocity of MHD disturbances
is VA ≈ c(1−α), where α = 10−11n18B

−2
12 � 1. This

estimate can be obtained from general relations (see,
e.g., the book by Velikovich and Liberman 1987).
Since there are currently no microscopic simulations
of instabilities under typical conditions of NS mag-
netic fields, we study the accretion flow by assuming
that instability grows in a subrelativistic flow at a
rate ωpi. The simulations can be used to interpret the
observations of X-ray pulsars.

The electrons and ions move in the accretion flow
with the same mean (flow) velocity, but have different
temperatures.

The NS is assumed to have a constant dipole
magnetic field on the time scales under consideration.
The geometry of the accretion column is shown in
Fig. 1.

Basic Parameters and Equations

The basic model parameters include the mass
(M�) and radius (R�) of the NS as well as the
magnetic field strength (B�) at its magnetic pole
and the accretion rate per unit area of the accretion
column base (Ṁ/A0).

The system of hydrodynamic equations that de-
scribe the evolution of the flow may be written as

∂ρ

∂t
+ div(ρu) = 0, (1)

∂(ρuα)
∂t

+
∂p

∂xα
+

∂

∂xβ
(ρuαuβ) = Fα,

∂

∂t

[
ρs(Es +

u2

2
)
]

+div
[
ρsu(Es +

u2

2
) + psu

]
= Qs,

where ρ = ρe + ρi, p = pi + pe, F and Qs denote the
momentum and energy sources, and s = i, e is the
type of particles.

We supplement this system with the equations of
state for each type of particles. We use the equation
of state for an ideal gas, Es = ps/[ρs(γs − 1)]. For
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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xs = kBTs/(msc
2) � 1, the adiabatic index γs may

be written as γs ≈ γ0s(1 − xi) (de Groot et al. 1980),
where γ0i = 5/3 is a typical nonrelativistic value for
particles with three degrees of freedom, and γ0e = 3,
since the electrons in the strong fields under consid-
eration are quasi-one-dimensional.

The electron momentum distribution is one-
dimensional, because the characteristic relaxation
time of the electron Landau levels is ∼10−15B−2

12 s,
whereB12 = B/1012 G (see, e.g., Bussard 1980), and
it is the shortest time in the system under considera-
tion after the cyclotron time. The radiative decay time
of the excited ion Landau levels is ∼5 ×10−9B−2

12 s,
and is appreciably longer than the collisionless relax-
ation time of the ion momenta ∝ ω−1

pi . Therefore, in
this case, the ions are at highly excited Landau levels
and may thus be considered three-dimensional and
be described quasi-classically.

We consider the one-dimensional motion of the
accreting plasma along the dipole lines of a strong
NS magnetic field. In this geometry, system (1) may
be rewritten as

r3∂ρ

∂t
+

∂

∂r
(r3ρu) = 0, (2)

r3∂(ρu)
∂t

+
∂

∂r
[r3(p + ρu2)] = r3F + 3r2p,

r3 ∂

∂t

[
ρs(Es +

u2

2
)
]

+
∂

∂r

(
r3

[
ρsu(Es +

u2

2
) + psu

])
= r3Qs.

The system of equations (2) should be supplemented
with initial and boundary conditions. As the initial
condition, we consider a column filled with a cold,
freely falling gas. The boundary condition in the upper
part of the column is the condition for the inflow of a
cold supersonic stream, while the boundary condition
in the lower part of the column is the condition for the
absence of a stream flowing into the star.

Physical Processes in the Accretion Flow

Here, we describe the processes that contribute to
the terms F and Qs of system (2).

Since we are considering a single-stream flow, the
forces acting on the ions and electrons add up in one
force term:

F = F i + F e, F i = F i
grav − Fatm,

F e = F e
grav − Fnonres − Fres,

where F i
grav and Fatm denote the gravity and the vis-

cous force of resistance to the flow (which is effective
ASTRONOMY LETTERS Vol. 30 No. 5 2004
only in the NS atmosphere); and F e
grav, Fnonres, and

Fres denote the gravity and the nonresonant and res-
onant radiation pressure forces, respectively.

The gravitational force acting on a unit volume is

Fgrav = F e
grav + F i

grav = (nmi + Znme)
GM�

r2
, (3)

where n is the ion density.
To calculate the nonresonant radiation pressure

force, we use the following formula from the book by
Zheleznyakov (1997):

Fnonres = ne
σT
c

σSTT
4
γ

1 + τT
, (4)

where ne is the electron density, σST is the Stefan–
Boltzmann constant, Tγ is the local temperature of
the radiation field, and τT is the nonresonant optical
depth.

To calculate the resonant radiation pressure force,
we numerically integrate the equation of radiative
transfer in the cyclotron line, find the energy den-
sity of the photon field Uphot, and determine Fres as
dUphot/dr. Since the column in the cyclotron line is
optically thick, the transfer equation may be written
as the diffusion equation

∇ · Jphot = Sphot +
1
3
u · ∇Uphot, (5)

where Sphot are the cyclotron photon sources, and
Jphot = 4

3uUphot − κ∇Uphot is the photon diffusion
flux in the line. Since the diffusion of cyclotron
photons across the magnetic field is severely ham-
pered (see, e.g., Arons et al. 1987), we consider
only the parallel component of Eq. (5), which may
be written as

1
r3

∂

∂r

{
r3

[
4
3
Uphotu− κ||

1
r3

∂

∂r

(
r3Uphot

)]}
(6)

= Sphot +
1
3
u

1
r3

∂

∂r

(
r3Uphot

)
,

where κ|| is the diffusion coefficient parallel to the
magnetic field. This equation can be integrated by
the shooting method. The boundary conditions for
it are the following: the cyclotron photons freely
escape from the upper boundary of the column, and
their number on the stellar surface corresponds to a
blackbody spectrum with temperature Teff.

To calculate the friction force exerted on the flow
from the NS atmosphere, we use the following stan-
dard expression for the Coulomb stopping in a dense
environment:

Fatm =
4πnanie

4Z2 ln Λ
meu2

, (7)
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where Λ is the Coulomb logarithm, na is the electron
density in the NS atmosphere, and u is the velocity
of the accretion flow. A similar expression was used
in the paper by Bildsten et al. (1992) devoted to
the collisional destruction of CNO nuclei in the NS
atmosphere.

The forces acting on the flow work on it, and this
work is effectively redistribited between the ions and
electrons.

Let the external force F i act on the ions and the
external force F e act on the electrons. It then follows
from local electrical neutrality (if the frequencies of
the external-force variations are much lower than the
characteristic plasma frequencies) that the fluxes of
both types of particles are equal, i.e.,

(F e − eE)
ne

meνei
= (F i + ZeE)

ni

miνei
,

where E is the ambipolar electric field, and νei is
the effective electron–ion relaxation frequency. Since
ne = Zni,

eE = F e 1
ξ + 1

− F i ξ

Z(ξ + 1)
,

where ξ = me/mi, and the resulting effective force
acting on the ions is

F i
eff = (F i + F eZ)

1
ξ + 1

,

while the resulting effective force acting on the elec-
trons is

F e
eff = (F i + F eZ)

ξ

Z(ξ + 1)
.

The ion energy changes through the following pro-
cesses:

the small-angle scattering in Coulomb collisions
with electrons Hie;

the collisional excitation of electron Landau levels
Qcyc;

the collisional relaxation on electrons of the NS
atmosphere Qrelax;

the work done by the effective force, F i
effu.

The cyclotron ion cooling was taken into account
in the model. Its effect is noticeable if the dipole
magnetic field exceeds 5 × 1011 G and if the system
is transparent to photons in the proton cyclotron line.

The electron energy changes through the follow-
ing processes:

the small-angle-scattering in Coulomb collisions
with ions Hei;

the bremsstrahlung cooling in collisions with ions
and electrons, Brei and Bree;
the excitation of Landau levels in collisions with
ions and electrons, Cycei and Cycee;

the Compton processes Qcompt;
the work done by the effective force F e

effu.
For details on the calculations of these terms, see

the Appendix.

The Method of Numerical Solution

A multicomponent accretion flow onto the NS
surface can have discontinuities and, in particular,
shocks. For this reason, we chose the standard Go-
dunov method (Godunov 1959; Godunov et al. 1976)
to solve the problem.

The Godunovmethod is directly applicable to one-
component1 systems that are described by equa-
tions without any sources. To include the sources in
Eqs. (2) in the numerical scheme, we use an approach
based on the works by Le Veque (1997). It consists in
splitting system (2) into two parts: one part describes
the conservation of the fluxes along dipole lines and
can be integrated using a modified Godunov method,
and the other part describes the presence of energy
and momentum sources and can be integrated by the
Gear method.

The necessity of using this approach stems from
the multicomponent nature of the system, which con-
tains two types of particles that interact with each
other, with the external magnetic and gravitational
fields, and with the radiation field in a complicated
way.

We make system (2) dimensionless by multiply-
ing F by CF = t�

ρ�u�
and Qs by CQ = t�

ρ�u2
�
, where t�,

u�, and ρ� are the characteristic time, velocity, and
density scales, respectively.

Equations (2) in the column are integrated by a
combinedmethod that allows theGodunov scheme to
be generalized to systems with energy and momen-
tum exchange between its components (the sources
in system (2)). We break down the accretion column
into spatial cells centered on points xi−1/2. From
the initial state at time t = 0 to the state at the
current time t, the integration is performed over the
steps ∆t in each of which the following operations are
performed:

(1) The integration of the equations without
sources corresponding to the conservation of the
fluxes along dipole lines:

r3∂ρ

∂t
+

∂

∂r
(r3ρu) = 0, (8)

1The currently available multitemperature methods were de-
scribed, for example, by Zabrodin and Prokopov (1998).
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r3∂(ρu)
∂t

+
∂

∂r
[r3(p + ρu2)] = 0,

r3 ∂

∂t

[
ρs(Es +

u2

2
)
]

+
∂

∂r

(
r3

[
ρsu

(
Es +

u2

2

)
+ psu

])
= 0.

At this stage, we integrate the system simultaneously
in the entire column, i.e., in all cells xi−1/2.

(2) The integration of the equations with the mo-
mentum and energy sources written for the quantities
averaged over the spatial cell:

∂(ρiui)
∂t

= CFFi +
3
ri
pi, (9)

∂

∂t

[
ρsi(Esi +

u2
i

2
)
]

= CQQsi ,

where qi are the values of the physical quantities
averaged over cell i, independently in each of the
cells xi−1/2. At each of the two stages, the integration
is performed over the same time interval specified by
the Courant condition at the first stage.

Since system (9) is stiff, we use the standard
LSODE subroutine (Hindmarsh 1983), in which ver-
sion B of the Gear method (see, e.g., Gear 1971)
is implemented, for its integration. Note that many
popular methods for integrating stiff systems that are
based on the modified Bulirsch–Stoer method (Press
et al. 1983) require an explicit specification of the
Jacobian of the system. In our case, this leads to
significant complications, because system (9) has a
complex structure of its right-hand parts that in-
cludes the terms specified only in numerical form.

To integrate system (8), we used the capacitive
modification of the Godunov method of the first order
suggested by LeVeque (1997). The essence of this
method is that, if the conservation law for the physical
quantity q(x, t) is written in generalized form instead
of the classical divergence form,

κ(x)
∂q(x, t)

∂t
+

∂f(q(x, t))
∂x

= 0,

where κ(x) is a given function of the spatial coordi-
nate that denotes the effective capacity of the region
of space under consideration (e.g., the porosity of the
medium), then the conventional Godunov difference
scheme is inapplicable, and instead of the Godunov
standard expression for the grid function q at time
t0 + ∆t

q̃i = qi −
∆t

∆xi
(Fi − Fi+1) ,
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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Fig. 2. Evolution of the accretion flow: (a) shock height
versus time; (b) evolution of the flow velocity profile.

where Fi is the q flux flowing from cell i into cell i− 1,
we may write

q̃i = qi −
∆t

κi∆xi
(Fi − Fi+1) ,

where ∆xi is the size of cell i, and κi is the value of
κ(x) averaged over cell i.

Results

We have implemented the complex scheme of
computations2 described above and investigated the
evolution of the accretion flow for various model
parameters.

We have found that strong shocks develop in the
column on time scales of ∼10−5 s. These shocks
execute stable oscillations about their equilibrium po-
sitions with periods of∼10−5 s that are damped out in
a time of ∼10−3 s. A typical example of the evolution
of the shock front and the flow velocity profile is shown
in Fig. 2.

2Some of the computations were carried out under the sup-
port of the St. Petersburg Branch of the Interdepartmental
Supercomputer Center (http://scc.ioffe.ru/).
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Fig. 3. Dependence of the flow profiles at τ = 1.3 ×
10−3 s on the magnetic field strength.

The model flow profiles shown in Figs. 3 and 4
exhibit stable and strong shocks that decelerate and
heat the accretion flow. The ions at such shocks heat
up much more strongly than the electrons, because
they contain the bulk of the flow kinetic energy. How-
ever, as the heated ions move further toward the sur-
face, they give up much of their energy to the elec-
trons, which, in turn, release their energy in the form
of cyclotron and bremstrahlung photons and give it up
to the nonresonant photons in Compton collisions.

In most cases, the compression ratio at the shock
fronts slightly exceeds 4 (themaximum value for non-
relativistic single-fluid shocks) because of the mildly
relativistic changes in the adiabatic index of the ions
heated to several tens of MeV.

An important property of the model is the transfor-
mation of a substantial fraction of the flow energy into
the energy of photons in an optically thick electron
cyclotron line. This fraction is plotted against the NS
magnetic field strength in Fig. 5. The pressure of the
trapped cyclotron radiation is dynamically significant
for the deceleration of the accretion flow. The cy-
clotron ion cooling is significant for magnetic fields
stronger than 5 × 1011 G. In this case, the accretion
regime depends significantly on the structural fea-
tures of the magnetic fields in the NS atmosphere
at heights of less than 103 cm from the surface. At
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Fig. 4. Dependence of the flow profiles at τ = 5 × 10−4 s
on the accretion rate.

these heights, the field can differ greatly from a dipole
field due to the local fields of higher multipolarity. A
nonuniform field structure makes the column trans-
parent to optical and X-ray photons of the proton
and electron cyclotron radiation. Figure 6 shows the
accretion regimes in the optically thin case where
the ion cyclotron radiation freely escapes from the
column. Allowing for the cyclotron ion cooling leads
to the shock front approaching the NS surface if
the dipole magnetic field exceeds 5 × 1011 G. In this
case, the radiation spectrum of the system exhibits
a prominent optical/ultraviolet proton cyclotron line.
Because of the strong deceleration and effective cool-
ing of the flow in the column in the optically thin case,
only about half of the accretion flow energy reaches
the stellar surface (see Fig. 7).

If the magnetic field has a regular structure, the
proton cyclotron line can become optically thick at
heights of ∼103 cm from the NS surface. In this
case, the accretion regimes are similar to those in
Fig. 3, since the collisionless relaxation with a high
frequency restores the isotropy of the ion distribution
function faster than does the radiative change in the
transverse (with respect to the field) temperature.

It should be noted that the difference in the shapes
of the flow profiles at low and high magnetic field
strengths (Fig. 3) stems from the fact that the elec-
tron temperature downstream of the shock front is
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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Fig. 5. Logarithm of the fraction of the flow free-fall
energy converted into the energy of cyclotron radiation
versus magnetic field strength.

lower for weak fields. Therefore, the gradient in the
energy density of the photons trapped in the cyclotron
line increases toward the surface, providing a radia-
tive pressure that contributes to a more effective flow
deceleration.

2. THE DESTRUCTION OF CNO NUCLEI
IN THE ACCRETION COLUMN

The chemical composition of the material that
reaches the NS surface is an important question in
the theory of accretion flows. This question is im-
portant, in particular, for the theory of X-ray bursts,
because the CNO nuclei are the catalyst for the ther-
monuclear hydrogen burning reaction on the NS sur-
face (see Lewin et al. (1993) and references therein).
It is well known that the spallation reactions of nuclei
with energies of several tens of MeV per nucleon
or higher in the accretion flows of compact sources
may lead to the destruction of nuclei and to a sig-
nificant decrease in the gamma-ray fluxes in lines
(see, e.g., Aharonian and Sunyaev 1984; Bildsten
et al. 1992). This question was considered by Bild-
sten et al. (1992) for the case where the accretion
flow decelerates in a dense NS atmosphere through
Coulomb losses. These authors conclude that almost
all of the CNO nuclei will be destroyed before they
reach the NS surface. However, they note that this
conclusion may be invalid in cases where the flow
decelerates in the column above the atmosphere.
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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the column is optically thin for the cyclotron photons
emitted by ions.

There is a fundamental possibility of collisionless
flow deceleration through collective plasma effects
and effective energy removal by electron radiation in
a magnetic field. In this case, the thickness of the
material traversed by a nucleus as it decelerates to
energies of ∼10 MeV per nucleon can be appreciably
smaller than the thickness traversed by a nucleus in
the case of its purely Coulomb deceleration to the
same energy. Having constructed the model density,
velocity, and ion temperature profiles in the column,
we can answer the question of how effective the de-
struction of CNO nuclei in the accretion flow is and
where they are destroyed.

To quantitatively verify this effect, we calculated
the destruction probability of a carbon nucleus that
was accreting together with the flow (since the nitro-
gen and oxygen destruction cross sections are close
to the carbon destruction cross section, the destruc-
tion of these nuclei will be similar).

We numerically integrated the cross section for the
destruction of carbon nuclei by protons determined by
Read and Viola (1984) and obtained the frequencies
of the destroying collisions per unit volume. We then
calculated the dependences of the optical depths with
respect to destruction and the destruction probabili-
ties on the distance to the NS surface.
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The destruction probability of a carbon nucleus
is plotted against the distance to the NS surface in
Fig. 8 for a set of magnetic field strengths at the NS
pole. It follows from this figure that, for moderately
strong magnetic fields, a significant fraction of the
nuclei can reach the stellar surface and, hence, can
be the catalyst for X-ray bursts.

CONCLUSIONS

We have constructed a numeral model for the
unsteady accretion of material in a one-dimensional
column above the polar region of a magnetized NS.
The model gives a two-fluid description of the plasma
accretion flow in a strong dipole magnetic field. The
model is unique in that it uses the Godunov method
for numerically integrating the flows of matter with
discontinuities in the form of shocks. Using this
method, we have been able to reveal and investigate
the time evolution of the shocks in the plasma ac-
cretion flow. A steady flow with an accretion shock
is established after a period on the order of several
plasma free-fall times. The ion temperature abruptly
increases at the shock front to∼1011 K, which weakly
depends on the magnetic field strength and the accre-
tion rate. Depending on the magnetic field strength,
the electron temperature reaches (3–5) × 108 K.
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Fig. 8. Destruction probability of a 12C nucleus versus
distance to the stellar surface.

Part of the accretion flow energy transforms into
the energy of cyclotron radiation in an optically thick
line whose pressure affects significantly the plasma
flow deceleration. In this case, a substantial fraction
of the flow kinetic energy is released in the form of
optically thin radiation without reaching the bottom of
the column. It is commonly assumed that the kinetic
energy of the flow and the radiation from the optically
thin part of the column that reach the bottom of
the column transform into blackbody radiation in the
optically thick region of theNS atmosphere. The radi-
ation of the accretion flow energy in the optically thin
part of the column leads to a tangible decrease in the
effective temperature of the blackbody radiation from
the polar spot Teff. In general, the a priori dependence
Teff ∝ Ṁ1/4 breaks down, since the fraction of the
energy radiated in the optically thin part of the column
is a complex function of Ṁ.
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APPENDIX

THE RATES OF PARTICLE–FIELD ENERGY
EXCHANGE

(1) We use the cooling rates in the case of small-
angle scattering Hei (and Hie = −Hei) from Langer
and Rappoport (1982):

Hei = 2

√
2
π
r0nenξ

Ti − Te

Te + ξTi
Z2

√
mec2

kB(Te + ξTi)
Λ,

(A.1)

where Λ is the Coulomb logarithm, and r0 =
4πr2

emec
3 is the characteristic energy loss scale in

this process.
(2) To calculate the cooling rates Qcyc and Cycei,

we numerically integrated the total quantum-electro-
dynamic cross section for the collisional excitation
of electron Landau levels in a strong magnetic field
from Langer (1981). To obtain an acceptable result
over wide ranges of temperatures and magnetic field
ASTRONOMY LETTERS Vol. 30 No. 5 2004
strengths, we took into account the excitation of the
first ten Landau levels in the integration.

(3) To calculate Cycee, we used a fitting formula
from Langer and Rappoport (1982):

Cycee = 2.04r0n
2
eB

−1/2
12

√
kBTe

�ωB
(A.2)

× exp

{
− mec

2

kBTe
(
√

1 + 0.04531B12 − 1)

}

×
(B12

5

)(
kBTe

9597 keV )
0.2

.

(4) To calculate the bremsstrahlung cooling rate
Bree, we numerically integrated the cross section
from Haug (1975) and derived the fitting formula

Bree ≈ 2.5410 × 10−37T 1.45811
e n2

eg(B,Te), (A.3)

where g(B,Te) = (0.409 − 0.0193B12 −
0.00244B2

12)× (kBTe/10 keV)0.25 is the Gaunt factor
from Langer and Rappoport (1982).

(5) To calculate the bremsstrahlung cooling rate
Brei, we numerically integrated the cross section
from the book by Berestetskii et al. (1980) for high
electron temperatures and used the fit from Langer
and Rappoport (1982) for low electron temperatures:
Brei ≈
{

0.36αr0(Te/T
b
e )0.5neniZ

2g(B,Te), Te < T b
e

0.36αr0(Te/T
b
e )1.2neniZ

2g(B,Te), Te ≥ T b
e ,

(A.4)
where T b
e = 5 × 108 K.

(6) Qrelax denotes the Coulomb relaxation of the
accretion flow on electrons of the thin and dense NS
atmosphere. We used the simple model of an isother-
mal atmosphere and determined Qrelax as

Qrelax = −νei
kBni

γi − 1
(Ti − Tatm), (A.5)

where νei is the Coulomb collision frequency.
(7) Qcompt denotes the electron cooling in single

Compton scatterings. For moderately hard photons
( γEγ

mec2
� 1) that scatter nonrelativistic electrons, the

energy lost by an electron in a single nonresonant

scattering is ∆E = − E2
γ

mec2
+ 4kBTeEγ

mec2
. Since 〈Eγ〉 =

3kBTγ , 〈E2
γ〉 = 12kBT 2

γ ,

Qcompt = nenγ〈σTvrel∆E〉H(B,Tγ) (A.6)

= 12nenγσTckBTγkB
Te − Tγ

mec2
H(B,Tγ),
whereH(B,Tγ) = (1+ 0.0165(�ωB/kBTγ)2.48)/(1+
0.0825(�ωB/kBTγ)2.48) is the Gaunt factor for the
process under consideration fromArons et al. (1987);
and nγ and Tγ are the local density and temperature
of the photon field, respectively.
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Abstract—We have performed a spectral analysis of the quasi-periodic low-frequency modulation of
microwave emission from a flare on the star AD Leo. We used the observations of the May 19, 1997 flare
in the frequency range 4.5–5.1 GHz with a total duration of the burst phase of about 50 s obtained in
Effelsberg with a time resolution of 1 ms. The time profile of the radio emission was analyzed by using
the Wigner–Ville transformation, which yielded the dynamic spectrum of low-frequency pulsations with
a satisfactory frequency–time resolution. In addition to the noise component, two regular components
were found to be present in the low-frequency modulation spectrum of the stellar radio emission: a quasi-
periodic componentwhose frequency smoothly decreased during the flare from∼2 to∼0.2Hz and a periodic
sequence of pulses with a repetition rate of about 2 Hz, which was approximately constant during the flare.
We consider the possibility of the combined effect of MHD and LCR oscillations of the radio source on
the particle acceleration in the stellar atmosphere and give estimates of the source’s parameters that follow
from an analysis of the low-frequency modulation spectra. c© 2004 MAIK “Nauka/Interperiodica”.

Key words: stars: properties, classification; flares, radio emission, low-frequency modulation, dy-
namic spectrum.
INTRODUCTION

The flare radio emission from the active red dwarf
AD Leo, which is 4.85 pc away from the Solar system
and has the radiusR = 3.5 × 1010 cm (approximately
half the solar radius), has been repeatedly observed
with large radio telescopes at frequencies of 1.3–
5GHz. The observations revealed quasi-periodic pul-
sations with periods of 1–10 s against the continuum
background (Güdel et al. 1989; Bastian et al. 1990;
Abada-Simon et al. 1995; Stepanov et al. 2001).
Themodulation depth in the pulsations can occasion-
ally reach 50%; the radio brightness temperatures lie
within the range 1010–1013 K and provide evidence
for coherent mechanisms of radio emission from the
star during its flares. Phenomenologically, the radio
pulsations of AD Leo are, to some extent, similar to
pulsed type-IV solar radio bursts. This has prompted
attempts to explain the pulsations of AD Leo by
pulsed modes of plasma instabilities (Güdel et al.
1989) and byMHD oscillations of magnetic arches in
the stellar corona. The pulsation frequency drift from

*E-mail: za130@appl.sci-nnov.ru
1063-7737/04/3005-0319$26.00 c©
high to low frequencies (Stepanov et al. 2001) pro-
vides evidence for the quasi-periodic injection of fast
electron beams from the lower stellar atmosphere into
the radio source. Zaitsev (1999) attributed the accel-
eration of electrons to the electric fields that resulted
from convective motions at the feet of magnetic loops
in the stellar atmosphere, while the modulation of the
acceleration process was attributable to oscillations
of the loop magnetic field. However, it remains un-
clear what specific types of free oscillations of coronal
magnetic loops (CML) affect the modulation of the
radio emission most strongly.

In this paper, we analyze the quasi-periodic low-
frequency (LF) modulation of the microwave emis-
sion fromADLeo during its flare of May 19, 1997. We
applied the Wigner–Ville transformation to the time
profile of the radio emission to obtain the dynamic LF
pulsation spectra with a high spectral–temporal res-
olution. We found two regular components in the LF
modulation of the radio emission: a harmonic com-
ponent whose frequency gradually decreased during
the flare and a periodic sequence of pulses with an
approximately constant repetition rate. In Section 1,
we present the results of our spectral analysis of the
time profile for the microwave emission of the flare
2004 MAIK “Nauka/Interperiodica”
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Fig. 1. (a) Time profile of the radio emission from AD Leo at 4.85 GHz in right-hand circular polarization (May 19, 1997,
∼18.945 UT). (b) Dynamic low-frequency (0–9 Hz) modulation spectrum for the microwave emission from AD Leo obtained
by using the Wigner–Ville transformation.
of May 19, 1997, from AD Leo. In Section 2, we
interpret the dynamic spectra and features of the LF
pulsations that modulate the microwave emission. In
Section 3, we discuss the diagnostic possibilities of
the LF pulsations using the flare of May 19, 1997, as
an example.

1. OBSERVATIONAL DATA

We studied the flare from the red dwarf ADLeo de-
tected onMay 19, 1997 (18.945 UT), in the frequency
range 4.6–5.1 GHz with the 100-m Effelsberg radio
telescope. Figure 1a shows the time profile of the
radio emission at 4.85 GHz. The emission with a
flux of 300 mJy at the burst peak is present only in
right-hand circular polarization. The total duration of
the burst phase is about 50 s. The time resolution
of the digital record is 1 ms. The time profile shows
fluctuations of the radio flux with a modulation depth
from several to 10%; in the dynamic spectrum of the
burst in the range 4.6–5.1 GHz, they have the pattern
of irregular pulsations with a large frequency drift rate
(Stepanov et al. 2001). A preliminary Fourier anal-
ysis revealed several maxima in the pulsation spec-
trum; however, it is difficult to draw any conclusions
about the nature of the LF modulation from them
(see Fig. 4 from Stepanov et al. 2001). We applied
the Wigner–Ville transformation (see Wigner 1932;
Ville 1948) to the time profile of the burst to study
the evolution of the LF spectrum with time. The
Wigner–Ville transformation is the Fourier transfor-
mation of the symmetric shape of the local autocor-
relation function for the analytic signal produced by
the real signal under study with the signal realization
shifted relative to itself (i.e., the integration is over
the shift time). This makes it possible to determine
the energy distribution of the signal in the time–
frequency plane, i.e., the dynamic spectrum of the
signal. Although the Wigner–Ville transformation
has been known for more than 50 years, it has come
into use for processing nonstationary signals only
relatively recently (see the review by Cohen 1989).

Figure 1b shows the dynamic LF modulation
spectrum of the right-hand-polarized emission. We
see from Fig. 1b that, in addition to the noise compo-
nent, narrow-band (∆ν/ν ≤ 0.1) drifting signals in
the frequency bands 0.5–2, 1.5–3, 2.5–4, 3.5–5, and
4.5–6 Hz appear in the region where the intensity
of the first radio burst decreases. The signals in the
dynamic spectrum are nearly equidistant with a band
separation of about 1 Hz. Each of the signals exhibits
a negative frequency drift. Initially, the frequency drift
rate is relatively high (dν/dt ≈ −0.3Hz s−1) and then
decreases sharply to dν/dt ≈ −0.05 Hz s−1. In the
flat segments of the dynamic spectrum, the signals
show a frequency splitting δν ≈ 0.2–0.3Hz.

Figure 2 shows the dynamic spectrum of the drift-
ing LF signals described above on an enlarged scale.
Similar LF modulation signals are also excited on the
descending branch of the second radio pulse, but their
parameters (the duration and frequency drift rate) dif-
fer slightly. This may be interpreted as a “fault” in the
parameters of the LF oscillations. The physical cause
of this phenomenon could be either a change in the
CML parameters after the first emission peak (e.g.,
through the evaporation of chromospheric plasma) or
the turning-on of enhanced emission from another
coronal loop. A detailed analysis of this mechanism
is beyond the scope of this paper.

2. DISCUSSION

The observed LF oscillations are probably not the
natural oscillations of the 100-m radio telescope with
a period of ≈1 s, because there is a clear correlation
of the occurrence time of the pulsations with the
time profile of the radio emission, while the observed
frequency drift and the pulsation frequency differ from
the eigenfrequency of the radio telescope.
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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2.1. Interpretation of the Dynamic Spectra

Here, we will determine what types of distur-
bances yield the dynamic LF pulsation spectra shown
in Fig. 2. Since the Wigner–Ville transformation
used to obtain these spectra is nonlinear, we need
an algorithm that would allow the correspondence
between the observed dynamic spectra and the type
of LF modulation to be established. In general, this
algorithm is worked out by finding the Wigner–Ville
diagram from various known signals and comparing
their dynamic spectra with the observed spectra.
This method was used, in particular, by Zaı̆tsev
et al. (2001a, 2001b) to analyze the LF pulsations
of solar microwave bursts. Our modeling shows
that the dynamic spectra of Fig. 2 correspond to
the simultaneous action of two types of modulation
on the radio source: (1) modulation by a narrow-
band (∆ν/ν ≤ 0.1) harmonic signal whose frequency
gradually decreases from ∼2 to 0.3–0.5 Hz (ν1 =
2 → 0.5 Hz), which is here called an LFM (linear
frequency modulation) signal for short; and (2) mod-
ulation by a periodic sequence of short pulses with
a repetition rate ν2 ≈ 2 Hz. The periodic sequence
of pulses, whose spectrum is a system of equidistant
bands (spaced by ∼ν2/2), interacts with the LFM
signal described above and also generates a system of
equidistant bands shifted relative to the first system
by a frequency ν1/2. This is because the Wigner–
Ville transformation is nonlinear (see, e.g., Shkelev
et al. 2002).

Thus, we consider below the causes of the simul-
taneous appearance of two types of modulation in the
radio source of AD Leo. The first type is a quasi-
harmonic wave with a frequency ν1 = 2 → 0.5 Hz.
The second type is a periodic sequence of short pulses
with a repetition rate ν2 ≈ 2Hz.

2.2. Modulation Mechanisms

The analysis of the mechanisms of the radio emis-
sion from the flare of May 19, 1997, carried out by
Stepanov et al. (2001) has shown that, of the two
coherent mechanisms (the plasma and maser cy-
clotron ones), the plasma mechanism of radio emis-
sion from CML with a plasma density n � 2.3 ×
1011 cm−3, temperature T = 3× 107 K, andmagnetic
field B ≈ 730–810 G is most likely.1 These values
are consistent with the available data on the coro-
nas of red dwarfs. Thus, for example, the observed

1 Here, we use the term “coherent” in the sense that, in this
case, the observed emission is related to plasma instabilities,
and not to the thermal emission of plasma, as suggested by
the high (up to 1013 K) effective temperatures of the emission
from the active region on the star.
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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Fig. 2. A portion of the dynamic low-frequency mod-
ulation spectrum obtained for times at the descending
branch of the time profile for the first radio pulse. Nearly
equidistant, frequency-drifting narrow-band signals with
frequency splitting are seen.

emission measures of the soft coronal X-ray emis-
sion (Schmitt 1997; Schmitt et al. 1990; Hawley
et al. 1995) yield temperatures T > 2 × 107 K, the
estimated plasma densities lie within the range 3 ×
1012 cm−3 to 5 × 109 cm−3 (Monsignori Fossi and
Landini 1994; Katsova et al. 1987), and the photo-
spheric magnetic fields on AD Leo can reach 3800 G
and occupy up to 75% of the stellar surface (Saar and
Linsky 1985). The coronas can be highly nonuniform
and can include magnetic loops of various scales and
intrinsic parameters (White et al. 1994). The pres-
ence of external convection zones in red dwarfs can
probably lead to the generation of powerful electric
currents inside magnetic loops, much as is the case
in flare CMLs on the Sun (Zaitsev et al. 1998).

Below, in analyzing the modulation of the radio
emission from AD Leo, we use the above plasma
parameters determined by Stepanov et al. (2001) for
the event of May 19, 1997. For these parameters,
the Alfvén velocity in CML is VA = B(4πnmi)−1/2 ≈
3.5× 108 cm s−1, wheremi is the ionmass. Therefore,
we may immediately exclude from our analysis the
Alfvén and kink CML oscillations as well as the non-
linear generation modes of plasma waves. For the first
two types of oscillations, the frequency is of the order
of νA ≈ νk ≈ VA/2� ≈ 2 × 10−2 Hz for a loop length
� ≈ 1010 cm. This value is approximately an order of
magnitude lower than the observed modulation fre-
quency. In contrast, the nonlinear generation modes
of plasma waves yield frequencies (Güdel et al. 1989)
of the order of νN ≈ 0.1νei ≈ 10 Hz, which are much
higher than the observed modulation frequency (here,
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Fig. 3. Modeling of the low-frequency modulation of
the radio emission from AD Leo by the Wigner–Ville
transformation for signals of two types: the superposition
of a periodic sequence of pulses (repetition period 0.5 s)
and a sine wave with a frequency of 0.4 Hz (a) and the
same sequence of pulses modulated in amplitude by an
oscillation with a frequency of 0.4 Hz (b).

νei ≈ 102 Hz is the effective frequency of electron–ion
collisions in the radio source of AD Leo).

The best agreement with the observational data
is given by radial fast magnetosonic (FMS) CML
oscillations with the frequency

νFMS =
VA
r0
, (1)

where 2r0 is the loop diameter, and by oscillations
of the loop as an equivalent electric circuit with the
frequency (Zaitsev et al. 1998)

νLCR ≈ 1√
πΛ

(
1 +

c2r20B
2
z

4I2
z

)1/2
Iz

2cr20
√
πnmi

, (2)

where

Λ = ln
4�
πr0

− 7
4
, (3)

Iz is the total electric current flowing along the loop
through its cross section, c is the speed of light, and
Bz is the magnetic field strength along the loop axis.
The dependence of νLCR on the current Iz stems
from the fact that the equivalent capacity of the loop
is determined not only by Bz, but also by the Bϕ

component of the magnetic field in the loop.

If a flare process takes place in the loop, then
the current Iz decreases with time. In this case, the
frequency νLCR also decreases. When the current
satisfies the inequality Iz 
 cr0Bz/2, which corre-
sponds to the condition of weak magnetic field twist-
ing in the loop, Bϕ 
 Bz , the frequency νLCR de-
pends weakly on the current. Thus, at a certain time,
the frequency drift rate dνLCR/dt must experience a
break and decrease sharply. This occurs when the
condition Iz(t) < cr0Bz/2 is satisfied. The dynamic
spectra in Fig. 2 exhibit a similar time dependence of
the frequency drift rate. This circumstance, as well as
the possibility of associating the negative frequency
drift with a specific physical process (the dissipation
of the electric current in the magnetic loop during a
flare), allows us to assume that the drifting bands in
Fig. 2 are related to the modulation produced by the
excitation of oscillations of the magnetic trap as an
equivalent electric circuit. Therefore, we assume that

ν1(t) = νLCR(t). (4)

It is easy to verify that the frequency νLCR is al-
ways lower than the FMS oscillation frequency νFMS.
Therefore, we will associate the higher of the observed
modulation frequencies (more specifically, the repeti-
tion rate of short pulses) with the FMS oscillations of
the magnetic loop and assume that

ν2 = νFMS. (5)

Thus, we assume that precisely this frequency deter-
mines the separation between the “equidistant” lines
of the dynamic LF pulsation spectrum in Fig. 2.

2.3. Modulation Modes

Two distinct modes of modulation of the radio
emission originating in CML are possible:

(1) an independent combined modulation by a pe-
riodic sequence of short pulses with frequency νFMS
and by a harmonic LCR oscillation with frequency
νLCR (the superposition of oscillations);

(2) a modulation by short pulses with a repetition
rate νFMS, the amplitude of which periodically varies
with frequency νLCR (the amplitude modulation of
pulses).

To determine which of these modes was realized
in the event of May 19, 1997, we have compared the
Wigner–Ville transformations for these two cases.
Figures 3a and 3b present the results of this com-
parison. Figure 3a shows the dynamic spectrum for
the former case (the superposition of oscillations) at
νFMS = 2 Hz and νLCR = 0.4 Hz, and Fig. 3b shows
the dynamic spectrum for the latter case (the ampli-
tude modulation of pulses) at the same frequencies.
We see that the Wigner–Ville transformation yields
a frequency splitting into two components for the
equidistant lines of the spectrum of periodic pulses
in the former case and a splitting of a more complex
pattern in the latter case. Since we observed a double
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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splitting in the experiment (see Fig. 2), we conclude
that, in the event of May 19, 1997, there was an inde-
pendent modulation by a harmonic oscillation and by
a periodic sequence of short pulses (the superposition
of two oscillations).

3. PARAMETERS OF THE FLARE
MAGNETIC LOOP IN THE CORONA

OF AD Leo

Let us consider the diagnostic possibilities pro-
vided by the dynamic LF pulsation spectra of the
microwave emission from flares on AD Leo. In Sec-
tion 2.2, we have already mentioned that our analysis
of the mechanism of the microwave emission from
the flare of May 19, 1997, led us to conclude that
the source of radio emission is probably a CML,
with the plasma mechanism and high polarization
yielding a ratio of the gyrofrequency to the plasma
frequency inside the loop ωBe/ωp ≈ 0.5. Thus, the
Alfvén velocity is

VA = 7 × 108ωBe

ωp
= 3.5 × 108 cm s−1.

Therefore, the value of ν2 = νFMS � 2 Hz found from
the dynamic spectra allows us to determine the CML
radius:

r0 =
VA
νFMS

� 1.75 × 108 cm. (6)

In this case, the loop thickness, d ≈ 3.5 × 108 cm, is
comparable to that of the solar flare magnetic loops
(Bray et al. 1991).

Formulas (2)–(4) allow us to estimate the mag-
netic loop length �, because the LCR oscillation fre-
quency depends on it via the equivalent loop induc-
tance. It follows from (2) that the break in the fre-
quency drift rate occurs at

νLCR(Iz = cr0Bz/2) =
1√
2πΛ

VA
r0
. (7)

The frequency of the lower (main) LFM signal at the
break time is ∼ 0.4 Hz (see Fig. 1b). Assuming that
νLCR = 0.4Hz and approximating the loop by a circle
of radius R = �/2π, we obtain from (7)

� = 4.2 × 1010 cm. (8)

The loop height, h ≈ 2R = 1.36 × 1010 cm, is more
than a third of the stellar radius, which is much larger
than the solar flare magnetic loops. Note that the
VLBI monitoring of red dwarfs confirms the presence
of extended CMLs with sizes of the order of the stellar
radius in stars of this type.

Taking νmaxLCR ≈ 2Hz (see Fig. 1b), we can estimate
the electric current in the magnetic loop at the times
ASTRONOMY LETTERS Vol. 30 No. 5 2004
corresponding to the peak of the first microwave pulse
of the flare from AD Leo (Fig. 1a):

Imaxz ≈ 2πcr20ν
max
LCR

√
nmiΛ ≈ 4.5 × 1012 A. (9)

In this case, the energy of the electric current stored
in a magnetic loop with inductance (Alfvén and Car-
lquist 1967)

L ≈ R

(
ln

8R
r0

− 7
4

)
≈ 4R � 2.7 × 1010 cm

is

W =
LI2

z

2c2
≈ 5.5 × 1033 erg. (10)

This energy is released in a time of ∼1 min (the total
duration of the burst phase), which yields an estimate
of the rate of energy release Ẇ � 1032 erg s−1. This
value is two to three orders of magnitude larger than
the rate of energy release in solar flares.

Thus, we may conclude that the sources of flare
microwave emission on the red dwarf AD Leo are
in many aspects similar to the sources of solar mi-
crowave bursts. These are coronal magnetic loops
that carry an electric current, which is the source of
free energy for flares. The free oscillations of the mag-
netic loop as an MHD system and, at the same time,
an equivalent electric circuit modulate the microwave
emission, making it informative with regard to the
geometrical sizes of the loop and the electric current
inside the loop. The stored energy and the rate of
energy release during the flares onADLeo can exceed
the corresponding values for the Sun by two to three
orders of magnitude. The cause of this excess may be
stronger magnetic fields on the surfaces of red dwarfs
and more active surface convection.
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Abstract—We present spectroscopic evidence that the luminosity of HD 183143 is higher by one magni-
tude than thought previously. The star is yet another B6–8 Ia-0 white hypergiant of the Galaxy. Its absolute
visual magnitude is close to −8m, and its distance is close to 2 kpc. We describe spectroscopic manifesta-
tions of the nonstationary behavior of its atmosphere and wind. c© 2004 MAIK “Nauka/Interperiodica”.
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INTRODUCTION

White hypergiants, the most luminous late B and
early A stars, are very rare. Only several such ob-
jects are known in our Galaxy: Cyg OB2-12 (B5 Ia-
0), HD 168625 (B6 Ia-0), HD 168607 (B9 Ia-0),
HD 92207 (A0 Ia-0), HD 223960 (A0 Ia-0), 6 Cas
(A2.5 Ia-0), and two LBV variables, HR Car and
HD 160529, at certain phases. A candidate for ad-
dition to this list is HD 183143 (MWC 317, HT Sge),
a bright, highly reddened (V = 6m. 8, (B–V ) = 1m. 2)
B7-type star of a very high luminosity. Since its spec-
trum is rich in diffuse absorption bands of interstellar
nature (DIBs), it was used as an introduction to the
DIB problem (Herbig 1975, 1995) and has been re-
peatedly included in spectroscopic DIB atlases (Jen-
niskens and Desert 1994; Galazutdinov et al. 2000;
Tuairisg et al. 2000). In our view, however, the star
itself has not received proper attention.

Half a century ago, HD 183143 was suggested as
a standard B7 Ia star in theMK system (Johnson and
Morgan 1953). This estimate, which is quite accurate
with respect to the spectral type but doubtful with
respect to the luminosity class, has since been used
in the overwhelming majority of papers. The problem
is that it is based on low-dispersion spectrograms
taken on blue-sensitive plates; this did not allow the
peculiarities of the spectrum to be noticed. However,
20 years earlier, the star was presented in the first
part of the MWC catalog, which contained stars with
emissions in the hydrogen lines (Merrill and Bur-
well 1933). If we also consider the second part of
the MWC catalog (Merrill and Burwell 1943), then
we will find, in addition to HD 183143, only three
supergiants of the luminosity class Ia in the range of
spectral types B5–B8 in these catalogs: HD 34085,

*E-mail: echen@sao.ru
1063-7737/04/3005-0325$26.00 c©
HD 166937, and HD 199478. They all show emis-
sions only in the Hα line; these emissions are much
weaker than those in HD 183143 (Andrews 1968).
According to the existing relationship between the
intensity of the Hα emission and the absolute mag-
nitude for B supergiants (Andrews 1968; Rosend-
hal 1973), HD 183143 is brighter than the above stars
by a whole magnitude. This alone makes it possible
to classify it as a hypergiant (luminosity class Ia-0).
Moreover, the spectrum of HD 183143 also exhibits
emission in the Hβ line; the β index corresponds to
Mv < −8m. 0, i.e., again to the luminosity of a hy-
pergiant (Lindemann and Hauck 1973; Neckel and
Klare 1976).

An enhanced level of photometric and spectral
variability, a natural result of enhanced luminos-
ity, has been noted for HD 183143. According to
HIPPARCOS photometry, the amplitude of the
brightness variations in HD 183143 is twice the
average amplitude for B supergiants of the lumi-
nosity class Ia (Adelman et al. 2000). Long-term
moderate-dispersion spectroscopy of HD 183143 has
revealed variations of its Hβ profile, from absorption
to emission-flooded, as well as variability of the
profiles of some of the absorptions (Copeland and
Heard 1963).

Unfortunately, the luminosity of HD 183143 is
difficult to estimate from its trigonometric parallax or
from the star’s membership in a cluster (association)
because of its large distance and its position in the
Galaxy.

According to the HIPPARCOS catalog
(ESA 1997), the parallax of HD 183143 is 2.7± 0.8×
10−3 arcsec. However, if the star is the corresponding
370 pc away, then, given interstellar extinction, it
falls into the luminosity class Ib or even II (Mv =
−5m)! Such a low luminosity is incompatible with the
2004 MAIK “Nauka/Interperiodica”
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Log of spectra and heliocentric radial velocities

Date R ∆λ, Å
Vr, km s−1

r → 1 He I 5876 Å Hα

May 5, 1993 64 000 5650–6870 15 20 −45, 25

May 14, 1997 40 000 4100–8900 13 20 −10

June 11, 1997 40 000 4100–8900 13 18 −70;−25, 50

August 30, 1997 45 000 4100–10 000 18 28 −120,−25

June 5, 1999 25 000 5160–6720 10 17 −47

June 7, 2001 15 000 4550–7840 9 14 −55, 75

July 29, 2002 70 000 4560–5980 20 11

September 24, 2002 64 000 5450–6700 11 20 −21
peculiarities of the star’s spectrum described below;
moreover, it would certainly have been noticed by the
creators of the MK system. However, the HIPPAR-
COS data are not accurate enough for stars farther
than 0.5–0.6 kpc. This can be seen from the survey of
nearby associations by de Zeeuw et al. (1999), but is
particularly clearly demonstrated using supergiants
of the Perseus arm: their distance of at least 2 kpc
is confirmed by the splitting of interstellar lines by
40 km s−1 (see the classic paper by Munch 1957).
Let us compare, for example, HD 14143 (B2 Ia) and
HD 14331 (B0 III), on the one hand, with HD 13841
(B2 Ib) and HD 13866 (B2 Ib), on the other hand.
They all belong to the Per OB1 association, which is
2.3 kpc away (Humphreys 1978), but the ESA (1997)
catalog gives parallaxes of 0.69 ± 0.78 × 10−3 and
0.02± 1.03× 10−3 arcsec for the first pair of stars and
1.83 ± 0.92 × 10−3 and 2.92 ± 0.83 × 10−3 arcsec for
the second pair, respectively. In this case, the last
supergiant turns out to be a subdwarf! The parallaxes
of the two white hypergiants in the Galaxy’s second
quadrant, HD 168607 and HD 168625, which are
2 kpc away, were also overestimated in ESA (1997):
2.0 ± 1.2 × 10−3 and 2.4 ± 1.2 × 10−3 arcsec.

HD 183143 is located between the local Orion–
Cygnus arm and the Carina–Sagittarius arm (its
Galactic coordinates are l = 53◦.3 and b = 0◦.6), and
it cannot be attributed to any particular group:
there are no associations within 30◦ < l < 59◦ in the
Humphreys catalog (1978).

However, the distance to HD 183143 can be
judged from the radial velocities of the star itself and
the interstellar clouds on its line of sight as well as
from the relation between the distance and interstellar
extinction.
Below, we provide spectroscopic evidence that al-
lows us to classify HD 183143 as a white hypergiant.

SPECTROSCOPIC DATA AND ITS
REDUCTION

We used eight spectra of HD 183143, all of which
were taken with high-resolution CCD echelle spec-
trographs. The dates onwhich they were obtained, the
spectral resolutions, and the covered spectral ranges
are given in the first three columns of the table. We
used the PFES spectrograph at the prime focus of
the 6-m BTA telescope at the Special Astrophysical
Observatory (Panchuk et al. 1998) on June 7, 2001,
the LYNX spectrograph at the Nasmyth focus of the
same telescope (Panchuk et al. 1999) on June 5,
1999, and the NES spectrograph, its replacement
(Panchuk et al. 2002), on July 29, 2002. The spec-
trographs at the coudè foci of the 1-m Special Astro-
physical Observatory telescope (Musaev 1996) and
the 2-m Mt. Terskol Observatory telescope (Musaev
et al. 1999) were used in 1997: the first onMay 14 and
June 11 and the second on August 30, 1997. Finally,
the spectra of May 5, 1993, and September 24, 2002,
were taken at the McDonald Observatory using a
spectrograph at the Cassegrain focus of the 2.1-m
telescope (McCarthy et al. 1993).

After the extraction of one-dimensional spec-
tra from two-dimensional images, the reduction of
the spectra, which included the continuum place-
ment, the construction of dispersion curves (from
the spectra of a hollow-cathode Th–Ar lamp or
radial-velocity standard stars), spectrophotometric
and position measurements, was performed using
the DECH20 software package (Galazutdinov 1992).
In particular, this package, allows the positions
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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Fig. 1. Relations between the heliocentric radial velocity Vr for the line core and its central residual intensity r (a, b) and the
corresponding profiles of He I 5875 Å (1) and Fe II 5169 Å (2) in the spectra of August 30, 1997 (a, c) and July 29, 2002 (b,
d). Each symbol corresponds to an individual line: the filled circles are He I, C II, N II, Al III absorptions; the open circles are
Fe II lines; the dots are S II lines; and the horizontal bars are Fe II emissions in the 1997 spectrum. The vertical bars indicate
the direction and magnitude of the shifts in the wings relative to the cores. The dashed straight lines indicate the star’s center-
of-mass velocity.
of individual features in lines to be determined by
matching the direct and mirror profile images. The
instrumental shifts between the comparison spectra
and the spectra of the object being studied were
removed using the telluric O2 and H2O lines. An
estimate of the residual systematic errors, which is of
relevant interest in comparing the data obtained with
different instruments over nine years, was also made
using interstellar Na I lines and narrow DIBs. For
the lowest-resolution spectrum taken with the PFES
suspension spectrograph, the disregarded shift does
not exceed 2 km s−1, and the possible shifts of the
remaining spectra are within 1 km s−1. The system
of laboratory (for close blends, effective) wavelengths
used in measuring the radial velocities is the same as
that in the atlas by Chentsov et al. (2003).

SPECTROSCOPIC PECULIARITIES
AND SPECTRAL VARIABILITY OF HD 183143

The spectrum of HD 183143 in the range 4800–
6700 Å is presented in graphical and tabulated forms
in the atlas by Chentsov et al. (2003); it was obtained
by averaging two of the eight spectra used in this
paper. The radial velocities measured from individual
lines in the spectrum of HD 183143 and the profile
ASTRONOMY LETTERS Vol. 30 No. 5 2004
shapes of the strongest of them vary with the line
intensity and time. The pattern of the former and
the latter variations is illustrated by the last three
columns of the table and Figs. 1 and 2.

In this paper, we use only the heliocentric radial
velocities Vr. Their values, which are given in the table
and shown in Figs. 1a and 1b, were measured from
the cores of absorptions or the absorption compo-
nents of Hα. By this we mean the bottom parts of the
profiles, where the intensity gradient is still fairly high.
For example, for the He I 5876 Å line (Figs. 1c and
1d), they are limited to the range of residual intensities
0.65 < r < 0.7.

Figures 1a and 1b show sample Vr(r) relations.
The filled circles, which represent the weak C II, N II,
Al III lines and the deeper He I lines, form distinct
chains. These chains are horizontal formain sequence
stars and even for Ib supergiants; they acquire a slope
for higher-luminosity supergiants (Chentsov 2000).
The Vr values in the fourth column of the table were
obtained by extrapolating the left ends of the chains to
r = 1.0, i.e., to the continuum level. The fifth column
gives the Vr values for the deepest absorption in the
He I 5876 Å line (the circles at the right ends of the
chains in Figs. 1a and 1b).
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Fig. 2. Hα profiles in the spectra of HD 183143 taken,
from top to bottom, onMay 5, 1993,May 14, 1997 (dotted
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In the spectrum taken on August 30, 1997, the
FeII and SII absorptions (the open circles and the
dots, respectively) also fit well into the chain out-
lined by these lines; the scatter of symbols in Fig. 1a
is mainly attributable to measurement errors. The
deeper the absorption, the higher the velocity derived
from it: the right end of the chain is higher than its left
end. Such a slope of the Vr(r) relation is encountered
in seven of the eight cases; the chain slope is the op-
posite only in the spectrum of July 29, 2002 (Fig. 1b).

The center-of-mass velocity of a star (also called
the systemic velocity Vsys) is of great importance in
analyzing the atmosphere kinematics and in estimat-
ing its distance. For HD 183143, it can be found from
the near-infrared Fe II emissions (7496 Å, 7513 Å,
and others; the horizontal bars in Fig. 1a) and from
the parts of the Hα profile undistorted by absorption
components (see Fig. 2). The value found in this
way, Vsys = 15 ± 2 km s−1, is indicated by the dashed
straight lines in Figs. 1 and 2.

The Vr values for the weakest absorptions, which
carry information about the deepest observable atmo-
spheric layers, deviate from Vsys toward both lower
and higher values, possibly because of the pulsations
experienced by these layers. The variations of the ve-
locity with time for these lines are smaller than those
for the strongest lines formed in the upper atmosphere
and at the base of the wind. The mean velocity from
the fourth column of the table (14 km s−1) is equal to
Vsys, within the error limits.

The positive shifts of strong lines relative to weak
lines are indicative of the compression of the atmo-
sphere, but they can also result from the existence of a
system of upflows and downflows in it. Recall that we
are dealing with the cores of strong absorptions, while
the line asymmetry provides evidence for expansion:
the upper parts of the profiles are blueshifted relative
to their lower parts. This can be immediately seen
from Figs. 1c and 1d and is indicated by the vertical
line segments in Figs. 1a and 1b. The velocity derived
from the upper part of the FeII 5169 Å profile in the
spectrum of August 30, 1997 is several km s−1 lower
than Vsys; the velocity measured from the extended
blue wing is lower by almost 100 km s−1. The atmo-
spheric expansion of HD 183143 shows up even more
clearly in the spectrum of July 29, 2002 (Figs. 1b,
1d): not only the wings, but also the cores of strong
absorptions exhibit negative shifts; even the weak S II
lines, not to mention the Fe II lines, formed above the
C II and N II lines are blueshifted relative to them. It
should be noted that late-B Ia supergiants also show
an increase of the velocity with line intensity, but their
characteristic type of asymmetry is opposite to that
observed for HD 183143: the wings are redshifted
relative to the cores (Chentsov 2000). The described
combination of differential line shifts and their profile
shapes is encountered only in hypergiants.

The anomalous intensity of the emissions in the
first terms of the Balmer series for HD 183143
has already been noted in the Introduction. Fig-
ure 2 shows the features of the Hα profile and the
detected profile variations; both make HD 183143
similar to the B5–B6 hypergiants Cyg OB2-12 and
HD 168625 (Klochkova et al. 2003). Apart from
the high emission intensity, all three stars are char-
acterized by broad Thomson wings, comparatively
low wind velocities, and the frequent occurrence of
unshifted or even redshifted components, in addition
to the blueshifted components. The change of the
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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direct P Cyg profile to the inverse profile, as well
as the coinciding of their features in the same line,
has recorded in some of the LBVs at the phases of
maximum visual brightness, i.e., when their spectra
become similar to those of white hypergiants (Wolf
and Stahl 1990; Stahl et al. 2003).

The summer of 1997 is the only season when three
Hα-containing spectra were taken. Their profiles are
superimposed on each other without a vertical shift in
Fig. 2. Here, we can see the sequential phases of the
formation of absorption components near the top of
the profile and their gradual recession from it, slipping
down along the blue wing: within three and a half
months, Vr decreased from−10 to−120 km s−1. This
effect, which was originally discovered at P Cyg, is
also known only for a few blue and white hypergiants.

The depths and equivalent widths of the absorp-
tions in the spectrum of HD183143 vary with time, as
do their positions, and this variation is anomalously
large for a B supergiant. The quantitative spectral
classification based on our spectra has revealed vari-
ations of the spectral type within B6–B8. They are
seen from Fig. 3, for which two pairs of neighboring
lines were selected: He I 5015 Å with Fe II 5018 Å and
Fe II 5316 Å with S II 5320 Å. The intensity ratios of
the lines in these pairs are good classification criteria:
in the spectra of supergiants, the S II absorptions are
deepest near the B6 subtype, the He I absorptions
become weaker toward the later subtypes, while the
Fe II absorptions become stronger. However, Fig. 3
also shows that the spectral variability of HD 183143
can hardly be reduced only to a response to a change
in effective temperature. Whereas for the comparison
ASTRONOMY LETTERS Vol. 30 No. 5 2004
stars (whose spectra are shown in Fig. 3), its decrease
is accompanied both by a strengthening of the Fe II
lines and by a weakening of the He I and S II lines, the
latter remain almost constant for HD 183143. Only
the Fe II lines exhibit significant variations; they may
be affected by a nonstationary stellar wind.

Clearly, almost all of the above effects require de-
tailed study; this demands more frequent, preferably
weekly observations. HD 183143 is a very promising
object for spectroscopic monitoring.

LUMINOSITY AND DISTANCE

The set of spectroscopic peculiarities described
above, which makes HD 183143 similar to a few hy-
pergiants rather than to numerous B supergiants (the
large amplitudes of the radial-velocity and spectral-
type variations, the large differential line shifts, the
extended blue wings of strong absorptions, the strong
Hα emission, and the low-velocity wind Hα absorp-
tions, including the “moving” dips in its blue wing)
suggests that the luminosity of HD 183143 is very
high, exceeding the luminosity of a B7 Ia supergiant.

As was noted in the Introduction, the intensity of
the emissions in the first Balmer lines corresponds
to Mv < −8m, i.e., to the luminosity class Ia-0
(Humphreys and McElroy 1984). Mv can also be
estimated from the luminosity dependences of the
amplitude of the temporal Vr variations and the
mutual line shifts for supergiants and hypergiants
(Chentsov 1978). Substituting our values, 11 and
20 km s−1, respectively, in these dependences, we
again obtain Mv < −8m. Finally, the luminosity
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6196 Å band in the spectrum of HD 183143 at spectral
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level of a hypergiant is also evidenced by the large
equivalent width of the OI 7773 Å triplet: 1.75 Å as
estimated by Faraggiana et al. (1988) and 1.85 Å as
estimated from our data.

The luminosity determinations from the depen-
dence of interstellar extinction Av on distance d and
from the kinematic distance are also consistent with
these estimates.

The first method yields only a lower limit for the
distance. In the survey by Neckel and Klare (1980),
the Milky Way field containing HD 183143 is very
large (about 40 square degrees), and the extinction in
it is nonuniform. However, a refinement of the Av(d)
plot using stars in a smaller (8 square degrees) field
near HD 183143 did not change the estimate. Based
on the color excess E(B–V ) = 1m. 28 (Herbig 1993)
and the corresponding extinction Av = 4m. 0, we ob-
tained d > 1.0 kpc.

The differences in the spectral resolutions are
not very significant when comparing the profiles of
fairly broad spectral lines obtained on different dates,
but they appreciably affect the profiles of interstellar
lines. The mean kinematic distance to interstellar gas
clouds on the line of sight to HD 183143 can also
be estimated by using moderate-resolution spectra,
but the contribution from the farthest (and most
interesting to us) clouds will not be taken into
account in this case. The Na I and K I lines in the
moderate-resolution spectra taken on June 5, 1999,
and June 7, 2001, are not resolved into components
and yield Vr = −2 km s−1. However, we see from
Fig. 4 that the profiles of not only these lines but
also the narrow DIBs obtained with a sufficiently high
resolution are split. However, the separation between
the components is much smaller than that in the
Galaxy’s second quadrant, only about 13 km s−1. The
velocity toward HD 183143 increases with distance,
at least up to 2 kpc (Brand and Blitz 1993); whereas
the Vr value derived from the profile as a whole is
also −2 km s−1, yielding d = 1.0 kpc, the position
of the red component corresponds to d = 1.5 kpc.
Finally, the velocity of the star itself (15 km s−1)
corresponds to its distance close to 2.0 kpc. Of
course, an individual star can have a peculiar velocity
component along the line of sight. In our case, an
allowance for the Vr overestimation by 10 km s−1

decreases the distance to 1.5 kpc. According to the
above estimate, a distant clump of interstellar matter
lies at this distance from us (but certainly closer than
the star).

Given the interstellar extinction Av = 4m. 0,Mv =
−7m. 2, −8m. 0, and −8m. 7 correspond to d = 1.0, 1.5,
and 2.0 kpc for HD 183143, respectively. Thus,
HD 183143 must have the luminosity of a hypergiant
even at a distance of 1.5 kpc.

CONCLUSIONS

The spectroscopic history of HD 183143 in the
last decades has been dramatic and instructive. Many
investigators have devoted their attention only to the
interstellar matter on the line of sight to the star.
At the same time, the star itself as a unique object
with an extremely high luminosity and pronounced
instability has been ignored.

Spectroscopy provides various and quite convinc-
ing bits of evidence that HD 183143 may be consid-
ered yet another Galactic white hypergiant. The star’s
luminosity exceeds the luminosity of ordinary Ia su-
pergiants by a whole magnitude. This follows from
the various spectroscopic instability manifestations
pertaining both to the stellar atmosphere and to the
stellar wind. The pattern and degree of these mani-
festations allow us to reliably distinguish a supergiant
from a hypergiant and to attribute HD 183143 to the
latter. This is also confirmed by the distance to the
ASTRONOMY LETTERS Vol. 30 No. 5 2004



HD 183143: A HYPERGIANT 331
star estimated using the only method currently avail-
able, i.e., from the differential rotation of the Galaxy.

Note also that HD 183143 is one of the visually
brightest stars among the white hypergiants of the
northern sky; it is accessible to high-resolution spec-
troscopy even with moderate-size telescopes. Thus,
it is hoped that, in the near future, it will become
a very helpful and actively used object in studies of
the evolution of massive stars and their mass-loss
mechanisms.
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Abstract—CCD spectra taken with the PFES and CEGS echelle spectrographs attached to the 6-m
Special Astrophysical Observatory (Russian Academy of Sciences) telescope and the 2-m Shamakha
Astrophysical Observatory (National Academy of Sciences of Azerbaijan) telescope, respectively, were
used to study the line-profile variations in the spectrum of the hot supergiant αCam. No fast (≤1.5 h)
line-profile and radial-velocity variations were found. Some of the systematic effects that cause spurious
variability are considered. The Hα-profile variability appears symmetric relative to the radial velocity of the
star’s center of mass and is attributable to variable blueshifted and redshifted emission and/or absorption
components superimposed on a variable photospheric profile. The Hα line shows evidence of a large-scale
mass ejection from the stellar surface, which is also traceable in other spectral lines. The Не II 4686 line
exhibits an inverse P Cyg profile, while the red wing of the Не I 5876 line shows weak and variable emission.
The fast (on characteristic time scales of shorter than an hour) variability of the Не II 4686 profile that was
previously revealed by our observations (Kholtygin et al. 2000) is called into question. A comparison of
the observational data on the variability of ultraviolet and optical line profiles for the supergiant αCam
suggests that nonradial motions are mainly responsible for the radial-velocity and line-profile variability.
c© 2004 MAIK “Nauka/Interperiodica”.

Key words: stars—variable and peculiar; supergiant stars.
INTRODUCTION

Short-term (on the order of a day) variability of the
envelopes of some of the OB stars was first revealed
by extraatmospheric studies of their UV spectra (see,
e.g., Prinja and Howarth 1986). The introduction of
highly efficient optical detectors, the advent of tele-
scopes specially designed for spectroscopic monitor-
ing, and the ensuing large-scale observations of hot
OB stars (Fullerton 1991; Kaper et al. 1996, 1997,
1999; Wolf et al. 1999; Rauw et al. 2003) have
shown that line-profile variability on characteristic
time scales from several hours to several days is a
common property of these objects.

Evidence of a nonstationary and inhomogeneous
stellar wind shows up both in line-profile variability (a
change in the slope of the blue wing or even a shift in
the blue part of the line core) and in the appearance
of discrete absorption components (Underhill 1975),
their development and migration away from the core
to the blue part of the line (Chentsov 1995).

*E-mail: abid@sao.ru
1063-7737/04/3005-0332$26.00 c©
The current mass-loss models (Cherepashchuk
1990; Lepine et al. 1996; Kostenko and Kholty-
gin 1998; Fullerton 1999; Kaper et al. 1999) are also
critical, in particular, to the characteristic variability
time scale in the spectra of OB stars. The choice
between models and their further improvement are
related to an increase in the amount of observational
data for specific objects and to the extension of
detailed spectroscopic studies of hot stars to other
spectral subtypes and luminosity classes. It is also
important to estimate the minimum characteristic
time scale of the spectroscopic variability. Whereas
special-purpose small-diameter spectroscopic tele-
scopes with optical-fiber spectrographs are effectively
used to study the variability on time scales of longer
than a day (see, e.g., Mandel 1988), it is desirable
to use larger telescopes to search for fast variability.
The multipurpose 6-m BTA telescope is equipped
with instrumentation (Panchuk et al. 2002) that, in
particular, allows the fast line-profile variability to
be investigated over the range of spectral resolutions
R = 4000−75 000.

The star αCam is a typical O9.5 Iaf supergiant
with a high rotational velocity, v sin i ≈ 85 km s−1
2004 MAIK “Nauka/Interperiodica”
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(Conti and Ebbets 1977). This runaway star (Blaaw
1961; Stone 1979) also arouses considerable interest
because it may be a close binary with a degenerate
secondary component. Having analyzed its radial-
velocity variations, Lee (1913), Bohannan and Gar-
many (1978), and Zeı̆nalov and Musaev (1986) each
suggested different periods (≈7, 47, and 4 days,
respectively). However, the hypothesis about periodic
radial-velocity variations has not been confirmed
(Stone 1982; Musaev and Snezhko 1988). The
radial-velocity variability is now interpreted as a
result of the object’s physical variability that distorts
the line profiles.

Numerous observations performed in several
stages with spectral resolutions of R ∼ 16 000 and
32 000 and a signal-to-noise ratio of no lower than
S/N = 200 have revealed the variability of the Hα
and He I 6678 line profiles (Ebbets 1980, 1982). The
minimum time scale on which the Hα profile was
suspected to be variable is 3 h, while variability on
the 6-h time scale was recorded with confidence.
Significant profile variations were found only a day
later. In the He I 6678 line, (mainly) the slope of the
blue wing varied.

The UV spectra of αCam taken in 1978 over 72 h
(Lamers et al. 1988) revealed variability in the reso-
nance lines on a characteristic time scale of about 7 h.
This variability was explained in terms of stellar-wind
inhomogeneities. Based on the UV spectra taken
in 1991 over 5 days, Kaper et al. (1996) found no
significant variations in the line profiles. Significant
Hα-profile variability was found in the optical (R =
22000) spectra that accompanied the UV observa-
tions (Kaper et al. 1996). The emission and absorp-
tion components of the P Cyg Hα profile exhibited
significant variations over 4 days (Kaper et al. 1997),
but the variations on a time scale of 3–6 h discovered
by Ebbets (1980) have never been confirmed.

Photographic spectra are also suitable for study-
ing the variability on a time scale of a day or more.
Based on the spectrograms taken with the coudè
spectrograph of the 2-m Shamakha Astrophysical
Observatory telescope over several years, Zeı̆nalov
et al. (1986) found variability of theHα andНе I 5876
lines. Weak emission was detected in the red wing of
the Не I 5876 line.

Fullerton et al. (1996), who studied 30 bright
early-type O stars, including αCam, showed that
variability of the profiles and radial velocities of the
C IV λ5801, 5812 Å, and Не I 5876 lines on a time
scale from several hours to several days was a com-
mon property for most of the O stars.

Based on 65 CCD spectra taken over a year with a
resolution of R = 15000 (10 of them were obtained
with R = 22000), Markova (2002) investigated the
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variations in the Hα and He I 6678 profiles. No fast
Hα-profile variations were found. It was noted that
the Hα profiles were similar in shape and intensity
to the profiles obtained by Ebbets (1980) and Kaper
et al. (1997). Variations were observed in the central
parts of the Hα and He I 6678 profiles over velocity
ranges of ±300 and ±200 km s−1, respectively, and
were symmetric about the line center. An analysis
of the variability of these two lines provided clear
evidence for continuous wind activity. This evidence
implied a deviation from spherical symmetry and the
presence of large-scale short-term wind density per-
turbations that could be modulated by rotation. The
variability patterns and periods differ for different ob-
serving seasons (summer and winter) and require an
explanation that includes various forms and scales of
wind perturbation.

Our goal here is to study the fast line-profile vari-
ability in the spectrum of αCam using CCD spectra
taken with the 6-m Special Astrophysical Obser-
vatory (SAO) telescope. The rationale and scientific
aspects of this study were clearly explained byKholty-
gin et al. (2003). CCD spectra taken with the 2-m
Shamakha Astrophysical Observatory (ShAO) at the
coudè focus have also been used for this purpose.

OBSERVATIONS AND DATA REDUCTION

As part of our program of searching for fast vari-
ability in the spectra of hot stars (an application by
A.F. Kholtygin), one of us (V.E. Panchuk) carried out
observations with the 6-m SAO telescope in Febru-
ary 1997. In particular, 20 spectra of α Cam were
obtained with the prime-focus echelle spectrograph
(PFES) equipped with a 1160 × 1040-pixel CCD ar-
ray (Panchuk et al. 1998) over 1.5 h. A comparison
spectrum was taken only at the beginning and at the
end of the series of spectral exposures for the star. The
spectral resolution was R = 15000, and the interval
between neighboring exposures was 2.5–3 min; each
echelle image was read off for 100 s. The simultane-
ously recorded spectral range was 4330–8300 Å. The
signal-to-noise ratio was S/N ≥ 150 and S/N ≥ 350
for the blue (near H γ) and red (near Hα) spectral re-
gions, respectively. To take into account the influence
of the telluric spectrum, we additionally obtained the
spectra of a rapidly rotating hot star. These observa-
tional data were primarily studied by the applicant;
the reduction of one echelle order (the wavelength
range 4658–4720 Å) led Kholtygin et al. (2000) to
conclude that there was fast variability in the spectral
intervals from 0.5 to 50 Å. Below, we present the
results of our analysis of these observational data that
are based on our reduction of the spectra in 2003.
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Heliocentric radial velocities of the lines in the spectrum of α Cam

Vr, km s−1

Line or group of lines Feb. 24, 1997 Oct. 15, 1999 Oct. 16, 1999 Aug. 1, 2000 Aug. 28, 2000

I∗а I∗a15 I∗а16 I∗a01 I∗а28

Hαb 90.0 ± 1.2 150.0 ± 0.7 133.0 ± 1.0 96.5 ± 1.5 111.0 ± 1.0

Hαc – −168.0 ± 2.0 −170.0 ± 1.5 −170.5 ± 2.0 −184.0 ± 2.5

−95.5 ± 0.8

Hβ −31.9 ± 2.0 −27.0 ± 1.2 −18.0 ± 0.9 −27.0 ± 1.0 −19.0 ± 2.0

Hγ −39.2 ± 3.5 −24.0 ± 1.5 −23.8 ± 1.2 −37.0 ± 1.5 −30.0 ± 1.8

He I 6678 −5.0 ± 0.7 5.0 ± 1.0 5.4 ± 0.9 6.0 ± 0.7 7.7 ± 0.5

Не I 5876b – 170.0 ± 2.0 170.6 ± 2.6 170.3 ± 0.5 169.1 ± 1.8

He I 5876c −26.1 ± 1.2 −7.4 ± 0.9 −6.5 ± 0.8 −9.3 ± 0.9 −1.0 ± 1.0

He I 13.0 ± 2.0 11.6 ± 0.5 13.3 ± 1.0 13.3 ± 2.0 20.0 ± 2.5

He II 4686b −100.6 ± 3.0 – – – –

He II 4686c 31.0 ± 2.0 – – – –

He II 18.0 ± 1.5 10.0 ± 1.5 28.0 ± 1.0 30.0 ± 2.0 22.0 ± 1.5

C III 5695b 12.9 ± 1.1 11.2 ± 0.9 15.0 ± 0.9 14.3 ± 1.1 14.4 ± 0.7

C III 21.3 ± 2.0 14.0 ± 0.8 20.0 ± 2.0 26.0 ± 2.0 17.0 ± 2.1

C IV 22.2 ± 0.9 20.0 ± 1.5 29.0 ± 1.0 25.0 ± 1.0 13.0 ± 1.0

Interstellar lines −7.4 ± 0.7 – – – –

Interstellar lines −5.3 ± 2.2 −6.3 ± 2.0 −5.4 ± 1.5 −5.0 ± 2.2 −4.8 ± 2.0
∗a Introduced to denote the line profiles in the figures.
b Emission line.
c Absorption line.
To estimate the variability on characteristic time
scales shorter than one hour, we used the spectra
taken by one of us (A.Kh. Rzayev) with the CEGS
echelle spectrograph equipped with a 580× 530-pixel
CCD array and mounted at the coudè focus of the
2-m ShAO telescope (Musaev 1993). At least two
spectra were obtained on each night with a resolution
of R = 36000 (see the table). The exposure time was
10–15 min; the signal-to-noise ratio was S/N ≥ 150
and S/N ≥ 100 for the red and blue spectral regions,
respectively.

The reduction of the BTA echelle images (dark-
current subtraction, stray-light removal, pixel-to-
pixel nonuniformity correction, etc.) was performed
using the MIDAS software package. This package
was adapted by Klochkova (1994) to the different
echelle spectrographs designed in the Laboratory of
Stellar Spectroscopy at SAO and modified to elim-
inate the relative shifts of individual echelle frames
(Yushkin 2002). These shifts arise mainly from insta-
bilities of the spectrograph and the optical detector.
For PFES, the flexure effects of the suspension
spectrograph dominate over the position instability of
the detector proper (Panchuk et al. 2001). The indi-
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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vidual echelle spectral orders (vectors) were reduced
using the DECH20 software package (Klochkova
and Galazutdinov 1991; Galazutdinov 1992).

Peculiarities of the reduction procedure for the
coudè echelle spectra taken with the 2-m ShAO
telescope and results of our study of the accuracy
of photometric and position line measurements can
be found in the papers by Rzayev et al. (1999a,
1999b). The technique for measuring the radial
velocities of spectral lines was described previously
(Rzayev 2002). Since most of the stellar lines in
the spectrum of αCam are asymmetric, their radial
velocities were measured at different levels of the
line profile. When averaged over the entire profile,
these determinations correspond to the level at half
the line depth. The radial velocities estimated from
the interstellar Na I D1 and D2 doublet lines and
the К I 7699 line are in good agreement. The radial
velocities determined from diffuse interstellar bands
(DIBs), even from such intense bands as those at
λ5780 and 5797 Å, show a noticeable scatter and,
in comparison with interstellar lines, yield systematic
velocity differences, on average, about 2 km s−1 (see
the table). This scatter is probably attributable to the
new effective DIB wavelengths (Galazutdinov et al.
2000) that we used.

We checked the systematic errors of the line
radial-velocity measurements by using our measure-
ments of the H2O and O2 telluric lines. The rms
deviation from the mean determined from 40 telluric
lines is −0.2 ± 0.6 and 0.4 ± 0.9 km s−1 for the
spectra taken with the coudè echelle spectrograph of
the 2-m ShAO telescope and the prime-focus echelle
spectrograph the 6-m SAO telescope, respectively.

Detecting weak and (or) extended spectral fea-
tures is related to the continuum placement pro-
cedure. The placement of the continuum level was
checked by comparing it with the continuum level in
the neighboring orders. The initial data for such com-
parisons was the echelle spectrum of an incandescent
lamp.

In general, the reduction of echelle spectra (partic-
ularly those obtained with suspension spectrographs)
requires a deeper understanding of the spectrum
observation and reduction processes with allowance
made for the design and operational features of
the telescope and the spectrograph. Ignoring this
circumstance may lead to erroneous results and hasty
conclusions.

RESULTS OF THE OBSERVATIONS

In the visible wavelength range, the Не I λ6678,
5875 Å, He II 4686, and Hα line profiles are known
to be most sensitive to stellar-wind variations in hot
stars. Our measurements, based on all of the 20
ASTRONOMY LETTERS Vol. 30 No. 5 2004
PFES spectra obtained over 1.5 h, suggest that (to
within the accuracy of the continuum placement)
these lines exhibit no fast radial-velocity and profile
variations. To study the remaining lines, we selected
the 11 spectra with the largest signal-to-noise ratios.
In order not to overload the table and the figures, we
present the results obtained only from these 11 spec-
tra. We found no fast variations in the coudè spectra
taken over 30–40 min either. Therefore, the coudè
spectra taken during one night were subsequently
averaged. The table and the figures present the results
averaged over the coudè spectra for each night.

The lines and groups of lines studied are listed in
the table. For the PFES spectra, the group desig-
nated as He I includes the λ4387, 4471, 4713, 4921,
5015, 5047, and 7065 Å lines. All of the lines from
this group show the same radial velocity. The ve-
locities measured from the He I λ6678 and 5876 Å
lines, which differ significantly from the mean radial
velocity for the He I group, are presented in the table
separately. The He II group includes the λ4541, 4686,
and 5411 Å lines. Each of the C III and С IV groups
includes two lines, λ4647, 4650 and 5801, 5811 Å,
respectively.

The dimensions of the CCD array (580 × 530 pix-
els) in the coudè spectrograph of the 2-m ShAO tele-
scope are too small to cover the entire spectral range,
both in the direction of crossed dispersion and in the
length of one order (Rzayev et al. 1999a). Therefore,
some of the lines measured with PFES lie outside the
CCD frame of the coudè spectrograph, and they are
marked by a dash in the table.

The PFES profiles of the selected lines obtained
over 1.5 h for the 11 spectrograms are shown in
Figs. 1a–4a and Fig. 5. Variations no larger than
1.0% of the mean profile level are seen in the Hα
profile. In the list of 11 spectra, we specially included
two spectra (of the 20 spectra with the smallest S/N
ratios taken at the beginning and at the end of our
observations) that exhibited the apparent spurious
systematic variations at a radial velocity of about
−250 km s−1 to be considered in the next section.
Neither do the variations in the profiles of other lines
exceed 1%. Before comparing our results with those
of other authors, let us consider the influence of some
of the factors (atmospheric dispersion and turbulence,
telescope behavior, spectrograph flexure, signal noise,
and spectrum reduction peculiarities) on the radial-
velocity and equivalent-width determinations and on
the above profile variations.

SYSTEMATIC EFFECTS

Let us estimate the effect of atmospheric disper-
sion using 0.04 arcsec at 100 Å in yellow light for a
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zenith distance of 45◦ as a guide. At the wavelengths
at the edges of one echelle order (180 Å in length
for Hα), the effective centers of the stellar image can
be separated by atmospheric dispersion by no more
than 0.07 arcsec. Given the image scale at the prime
focus (8 arcsec mm−1) and the wide spectrograph
slit (1.43), this value corresponds to the change in
the separation between the lines at the edges of the
spectral order by 6.3 µm. At a reciprocal linear dis-
persion of 11 Å mm−1 for Hα, the mismatch between
the radial velocities determined from these lines is
3 km s−1. For the opposite wings of a line that occu-
pies 3–4% of the length of the echelle order, the effect
reduces to 0.1 km s−1. The estimate was made for the
limiting case where the directions of the atmospheric
dispersion and echelle dispersion vectors coincided.
The slit width during the PFES observations was
0.45 arcsec at 2-arcsec seeing, and the mean zenith
distance was 33◦; the slit was directed along the
atmospheric dispersion vector. Thus, the insignificant
effect of atmospheric dispersion on the profile shape of
a broad line was virtually eliminated.

The diameter of the telescope objective is much
larger than the correlation radius of the amplitude
fluctuations in a plane perpendicular to the direction
of wave propagation; i.e., as a result of atmospheric
turbulence, the total luminous flux fluctuates only
slightly. The averaging action of the objective of a
large telescope eliminates the effect of atmospheric
turbulence both on the positions of spectral lines and
on the shape of the energy distribution.Our numerical
estimates show that this assertion is also valid for
the case where the location of the focal plane of the
telescope differs from the location of the slit plane.

As any electromechanical construction, the BTA
has a spectrum of eigenfrequencies. Even in the ab-
sence of telescope motion corrections, quasi-periodic
shifts in the centers of the stellar images with an
amplitude of 0.3–0.4 arcsec are observed in the fre-
quency range 0.7–0.9 Hz (Balega et al. 1990). The
problem of holding the center of the stellar image on
the spectrograph slit was solved by creating a local
corrector (Ivanov et al. 2001), but no such correction
was applied in the 1997 observations under consid-
eration. The exposure time on PFES was 30–40 s;
during this time, the center of the stellar image made
about ten oscillations, which, incidentally, further re-
duced the atmospheric dispersion effect. Apart from
the oscillations, there is also a systematic slippage of
the average position of the stellar center from the slit,
which was eliminated only in 1999 (Shergin 2000).
In our observations, we compensated for this slip-
page bymanual correction; this generated oscillations
with the dominant harmonics at frequencies 0.8–
1.0 and 0.4 Hz for the azimuth and zenith distance
axes, respectively. At the minimum correction rate,
the amplitude of these oscillations reaches 1 arcsec
and the decay time is 25 s; i.e., it is almost equal to the
exposure time. Therefore, the position of the telescope
was corrected at the beginning of the signal readout
from the CCD array, i.e., between the exposures. Let
us estimate the effect of oscillations in the position of
the stellar disk relative to the slit center on the shifts
of spectral lines by assuming that there were 9 and
10 oscillations symmetric about the slit center during
the neighboring exposures. Whereas one oscillation
shifts the effective center of slit illumination by a third
of the slit width, which corresponds to a change in
radial velocity by 6.6 km s−1, ten oscillations reduce
the effect by at least an order of magnitude. Thus, the
fact that the stellar image oscillations are not identical
can provide a radial velocity difference between the
neighboring exposures of several tenths of km s−1. As
in the case of the atmospheric dispersion effect, the
effect of oscillations decreases as the seeing deterio-
rates.

The spectral line shift due to the flexure of the
PFES suspension spectrograph is a linear function
of the zenith distance Z (Panchuk et al. 2001); a
change in Z by one degree corresponds to а sys-
tematic radial-velocity shift by 0.6 km s−1. The time
of our observations of α Cam was chosen in such
a way that the change in Z between the centers
of the neighboring exposures did not exceed 0◦.01,
which corresponds to a systematic error of only
0.006 km s−1. The systematic errors due to the
instabilities of the detector unit used were studied by
Klochkova et al. (1999) and Panchuk et al. (2001);
their value is about 0.05 km s−1 for the neighboring
exposures of α Cam.

Construction flexures can also affect the filling
pattern of the spectrograph optics, which, in principle,
distorts the energy distribution along the order. Since
the flexures were eliminated almost completely in our
observations, this effect is also negligible.

At a high level of the accumulated signal and
for fairly broad lines, the measurement errors of the
line equivalent widths and residual intensities are de-
termined mainly by the accuracy of the continuum
placement. These errors do not exceed 4% for the
PFES spectra, where the energy concentration with-
in the order changes greatly, and 2% for the coudè
spectra, where the energy distribution along the order
is flatter.

Variations from spectrum to spectrum also show
up in the intensities of telluric lines. Near Hα, the tel-
luric spectrum is represented mainly by weak water-
vapor lines. We will estimate the possible intensity
variations of these lines by using the results of a daily
monitoring of the water content in the atmosphere
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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Fig. 1.Hα profiles in the spectrum ofαCam: (a) obtained
on February 25, 1997, with the PFES spectrograph of
the 6-m SAO telescope; (b) obtained with the CEGS
spectrograph of the 2-m ShAO telescope, and the mean
of the 11 profiles (I∗) shown in Fig. 1a. The notation of the
profiles is the same as that in the table; (c) the differences
between the individual CEGS profiles and the mean of
the 11 (PFES) profiles. Apart from the profile difference
(I15−I∗), all of the curves in Fig. 1c were spaced apart
along the vertical axis.

above the 6-m BTA telescope performed by one of us
(V.E. Panchuk) over 11months (Bergner et al. 1978).
Let us assume that the change in the intensities
of water-vapor lines from spectrum to spectrum is
real, i.e., is not the result of errors in the continuum
placement. In this case, the typical changes in the
line depth are a factor of 1.5 to 2. Based on both the
line intensities and the precipitated water level in the
atmosphere (1–2 mm) characteristic of February at
SAO, we find that these lines are definitely located in
the linear segment of the curve of growth. This implies
that the line intensity and the number of water vapor
molecules change proportionally. We conclude that
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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Fig. 2. He I 6678 line profiles in the spectrum of αCam:
(a) and (b) same as Figs. 1a and 1b; (c) I∗, same as
Fig. 1b: I∗∗, the mean of the four profiles shown in
Fig. 2b. Curves (b) and (c) were displaced downward
along the vertical axis.

the total water vapor content will change by several
tens of percent in 2 to 3 min, whereas the maximum
rate of change of the water content recorded at SAO
is 20–25% per hour (Bergner et al. 1978). Conse-
quently, the change in the intensities of water-vapor
lines from spectrum to spectrum (Fig. 1a) results
mainly from the errors in the continuum placement;
we estimated these errors from telluric lines (≈1%).
Thus, the fast intensity variations (∼1%) on the line
profiles in the spectrum of αCam are systematic in
origin.

SPECTROSCOPIC VARIABILITY

The hydrogen lines and all of the Не I lines show
a common trend over 1.5 h: a decrease in the radial
velocity, on average, by about 4 km s−1. For the
Hβ and Hγ lines, this decrease is 5 and 6 km s−1,
respectively. The large errors of the mean radial ve-
locities estimated from the Hβ and Hγ lines (see
the table) are attributable precisely to this decrease.
Other lines (C III, C IV, He II, etc.) exhibit no radial-
velocity variations, which indirectly confirms that the
systematic errors considered above are insignificant.
Thus, given the measurement errors, no fast radial-
velocity variations (from spectrum to spectrum) have
been found.

The Hα emission wings in all our spectra extend
to ±1200 km s−1 (Fig. 1a). The Hα profiles obtained
at the coudè focus of the 2-mShAO telescope and the
mean PFES profile (in what follows, we mean the av-
erage of 11 spectra) are shown in Fig. 1b. The PFES
spectra taken on the same date exhibit a pure emis-
sion profile that resembles the profiles obtained by
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Fig. 3. Same as Fig. 2 for the Не I 5876 line.

Markova (2002; Fig. 1, January–February), while the
coudè spectra for all four dates exhibit direct P Cyg
profiles with variable emission and absorption com-
ponents. To reveal the main Hα variability regions,
we subtracted the mean PFES profile from these
four profiles; the corresponding profile differences are
shown in Fig. 1c. No variations are observed in the
wings where |Vr| ≥ 500 km s−1, as in the papers
by Ebbets (1980) and Markova (2002). Changes in
the absorption component occur at radial velocities
of −180 ± 20 and −70 ± 10 km s−1, while changes
in the emission component occur near 200 ± 20 and
90 ± 10 km s−1. The time difference between the
October 15 and 16, 1999 exposures is 23 h; the Hα
profile changed appreciably over this period (Fig. 1b).
Figure 1c shows the difference between these neigh-
boring profiles. We see that the main changes occur
at radial velocities of−180 and 150 km s−1. Note that
the feature at a radial velocity of −60 km s−1 is not
the remnant of a telluric line, but is evidence of real
variability; see Fig. 1c (I16 − I15).

The variability pattern and range (on the radial-
velocity scale) confirm the results of the pioneering
study by Ebbets (1980), who found the main changes
in the Hα profile in the ranges from −300 to −100
and from 100 to 200 km s−1 for the absorption and
emission components, respectively. Such changes in
the Hα profile were pointed out by Kaper et al. (1997)
and Markova (2002).

The He I λ6678 and 5876 Å line profiles are shown
in Figs. 2 and 3, respectively. No fast (≤1.5 h) profile
and radial-velocity variations with time have so far
been found. In the coudè spectra, He I 6678 (with-
in the limits outside the measurement errors) ex-
hibits intensity and width variations, while the slope
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Fig. 4. Same as Fig. 2 for the C III 5695 line.

of its blue wing remains constant. Symmetric, highly
blueshifted absorption profiles are observed for the
Не I 5876 line in the PFES spectra (Fig. 3a). In con-
trast, the coudè spectra (as in the paper by Fullerton
et al. 1996) exhibit a P Сyg profile with variable
absorption and emission components (Fig. 3b). As in
the case of the He I 6678 line, the line intensity and
width vary, while the slope of its blue wing remains
constant. The mean PFES and coudè profiles of these
two He I lines are compared in Figs. 2c and 3c. We
see that the slopes of the blue and red halves of the
absorption profile also change on a long time scale.
Since the red wing of the He I 6678 line is blended
with the He II 6683 line, the presence of an emission
component cannot be judged (Fig. 2).

C III-5695, the second strongest emission line in
the spectrum of αCam after Hα, is probably also sen-
sitive to stellar-wind variations. The PFES spectra
of this line are shown in Fig. 4a. No fast profile and
radial velocity variations over time have so far been
found. Two small bulges that correspond to mean ra-
dial velocities of−8.0± 5.0 and 60.0± 5.0 km s−1 are
clearly seen in the profile. The coudè spectra exhibit
small profile and radial velocity variations (Fig. 4b).
The amplitude of the radial velocity variations was
estimated from our data to be about 4 km s−1. The
profile varies at radial velocities of −5.0 ± 5.0 and
90.0 ± 10 km s−1. On August 1, 2000, when the
most intense emission was observed in the Hα line
(Fig. 1b), the intensity of the C III-5695 line was also
at a maximum (Fig. 4b). The mean PFES and coudè
profiles are compared in Fig. 4c. From them, we may
conclude with confidence that the equivalent width
on long time scales varies primarily through the line
width rather than the line intensity. Note that the be-
havior of the two unidentified emission features in the
ASTRONOMY LETTERS Vol. 30 No. 5 2004



LINE VARIABILITY IN THE SPECTRUM 339
spectrum of αCam is similar to that of the C III 5695
emission line. Assuming that these emission lines
originate in the same atmospheric layers and show the
same radial velocity, we have determined the effec-
tive wavelengths for them. The effective wavelengths
derived from the 11 PFES spectra in this way are
λ4485.836±0.011 and 4504.178 ± 0.021 Å. From the
table by Kaufmann and Martin (1993), they corre-
spond to the S IV 4485.609 and S IV 4504.095 lines.

The He II 4686 line exhibits an inverse P Cyg
profile. According to Kholtygin et al. (2000), after
the reduction of these spectra, this line has a direct
P Cyg profile that shows fast variations over time.
We emphasize that the He II 4686 line is located
in a segment of the PFES echelle frame where un-
reliable continuum placement without an additional
check can lead to noticeable changes in the profile
from spectrum to spectrum. As we see from Fig. 5,
no fast (less than 1.5 h) profile variations are ob-
served in our data. The small variations (r ≤ 0.005)
are most likely related to the continuum placement
procedure. In analyzing these observations of αCam,
Kholtygin et al. (2000) used a variety of frequency
filtering, theWPSmethod that was successfully used
to analyze the wind inhomogeneities in Wolf–Rayet
stars (Lepine et al. 1996). This method works with
the spectroscopic signal obtained by subtracting the
individual spectra from the mean spectrum; thus, the
continuum placement procedure is unnecessary. The
method provides information about the square of the
amplitude of the mean deviation at a selected fre-
quency; i.e., it allows the dominant spatial frequency
to be isolated. Kholtygin et al. (2000) isolated three
variable components from the power spectrum con-
structed for the wavelength range λλ4658–4720 Å: a
small-scale component with the dominant frequency
corresponding to the 0.25 Å interval; a medium-scale
component with an interval of about 4 Å; and a large-
scale component with an interval of about 50 Å. We
associate the dominant spatial interval of the noise
component with the sampling step (the reciprocal
linear PFES dispersion in the order under consid-
eration is 0.11 Å pixel−1) and with the presence of
a defective array column in the spectral range being
studied. In our opinion, the large-scale component
contains information only about the length of the part
(62 Å) of the spectral order in which the energy dis-
tribution can slightly vary from spectrum to spectrum
due to the nonideal repetition of the procedure for
“cutting” the vectors out of the echelle frame. The
medium-scale component corresponds to an interval
that almost coincides with the full width of the P Cyg
profile, which is direct as implied by the data from
Kholtygin et al. (2000) and inverse as implied by our
data. Kholtygin et al. (2003), who carried out a study
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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Fig. 5. He II 4686 line profiles taken on February 25,
1997, with the PFES spectrograph of the 6-m SAO
telescope.

with a spectral resolution of R = 40000, provided no
information about the shape and variability of the
He II 4686 line profile in the spectrum of α Cam.
Therefore, we believe that the physical interpretation
of the medium-scale component is premature.

DISCUSSION

Based on a detailed analysis of the variations in
the C IV λ5801, 5812 Å, and Не I 5876 line profiles,
Fullerton et al. (1996) established that these lines
originated in different atmospheric layers (the first two
lines originated in deep photospheric layers, while the
last line originated in the layers where the stellar wind
flows out), and that the patterns and behaviors of their
variability were identical. This means that the profile
variability of these lines was caused by the same pro-
cesses. By comparing the parameters of these vari-
abilities and their distributions in the H–R diagram,
they showed that these variabilities were caused by
nonradial pulsations. Independent simulations also
showed that the observed line profile variabilities were
caused by nonradial pulsations (Fullerton et al. 1996;
Fig. 1).

The Не I 5876 and He I 6678 profile variabilities
that we found (Figs. 2b and 3b) as well as the profiles
of other absorption features listed in the table are
very similar to those found by Fullerton et al. (1996;
Figs. 1 and 2). Therefore, the line profile variability in
the atmosphere of α Cam is attributable to nonradial
pulsations.

The radial velocities of theНе I 5876 andHe I 6678
lines are even more negative than those for the group
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of He I lines (see the table). This suggests that the
absorption components of these lines originate in
layers that are continuously expanding relative to
the underlying atmospheric layers. These facts for
the Не I 5876 and He I 6678, respectively, were also
pointed out by Fullerton et al. (1996) and Marko-
va (2002). In contrast to these authors, who ana-
lyzed two or three lines, our data cover a wide spec-
tral range, which allows us to study various lines or
groups of lines. A comparison of their radial velocities
in the table indicates that the radial velocity is strati-
fied in the atmosphere of α Cam; i.e., the expansion
velocity increases from lower to upper atmospheric
layers. As we see from the table, the radial velocities
themselves, their mean values and amplitudes differ
for different atmospheric layers (where these lines
originate), suggesting that the pulsation parameters
probably differ for different atmospheric layers.

If we take 11 km s−1 (Gies and Bolton 1986) as
the radial velocity of the star’s center of mass, we
find that variations in the absorption and emission
components of theHα line, on average, occur at radial
velocities that are symmetric relative to the radial ve-
locity of the star’s center of mass. OnAugust 1, 2000,
when the emission was strongest in the Hα line, we
observed not only an enhancement of the emission
in the C III 5695, S IV 4485, and S IV 4504 lines,
but also the lowest intensities for all of the absorption
lines. A large-scale mass ejection may have been
observed at this time; this ejection is also traceable
in other spectral lines.

At this time, the blue wing of the Hα line exhibited
two absorption components with radial velocities of
about −171 and −96 km s−1 (see Fig. 1b and the
table). Fullerton et al. (1996) pointed out that the
nonradial pulsations of lower atmospheric layers ac-
companied the changes in the wind structure. The
presence of a second low-velocity (since this takes
place in the layers where the stellar wind originates)
component is probably consistent with this explana-
tion.

The samples of Hα profile variability that were
obtained by us and by Markova (2002) are as follw:

June–July: cases with alternations of strength-
ened and weakened emission components relative to
the star’s center of mass;

December–January: two wavelike variabilities,
one with a strengthened emission component and the
other with a weakened emission component;

the sudden appearance of a blueshifted strength-
ened emission component (June–July) and a blue-
shifted strengthened absorption component
(December–January);

others closely resemble the samples of V/R vari-
ability observed for BA supergiants (Kaufer et al. 1996).
Therefore, we have concluded that the Hα profile
variability in the spectrum of the supergiant α Cam
is symmetric relative to the radial velocity of the
star’s center of mass and is the result of variable
blueshifted and redshifted emission and/or absorption
components superimposed on a variable photospheric
profile.

Glatzel et al. (1999) showed that there are strange-
mode instabilities in a massive star similar to α Cam
that generate perturbations at the base of the wind.
These instabilities provide the star with nonradial os-
cillations and generate large-scale wind structures of
various geometries that can bemodulated by rotation.
Consequently, as was pointed out by Fullerton et al.
(1996), the observed changes in the structure of the
wind from α Cam could be attributed in part to the
nonradial pulsations of the underlying atmospheric
layers.

CONCLUSIONS

It should be noted that, due to its high luminos-
ity and position in the sky (δ = 66◦), the supergiant
αCam is a convenient object for observations, and
in many cases it has been included in the list of
hot O stars being studied. However, the line profile
variability in the spectrum of this star differs from that
of other O stars.

In the ultraviolet, the line profile variability pattern
for αCam also differs greatly from that for similar
O stars. For example, the UV spectrum of the similar
supergiant 19 Cep (О9.5 Ib) clearly shows discrete
absorption components, their variability and migra-
tion over the profile (Kaper et al. 1997). At the same
time, based on the UV spectrograms obtained for
α Cam over five days, the above authors not only
detected no discrete absorption components, but also
found no significant variations in the broad line pro-
files.

Gathier et al. (1981) recognized that their evi-
dence for the presence of narrow discrete absorption
components in the Si III, Si IV, NV, and OVI line
profiles (based on Copernicus data) was unreliable.
On the other hand, based on the same IUE data,
de Jager et al. (1981), Prinja and Howarth (1986),
and Lamers et al. (1988) provided conflicting evi-
dence for the profile variability of intense resonance
lines.

The foregoing indicates that, in contrast to other
O stars, no clear evidence for the existence of discrete
absorption components and line profile variability has
been found in the UV spectrum of αCam.

Our studies have revealed no fast line profile and
radial velocity variations in the spectrum of αCam.
Significant variability is observed only on a time scale
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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of a day or more. TheHα profile variability is symmet-
ric relative to the radial velocity of the star’s center
of mass and is the result of variable blueshifted and
redshifted emission and/or absorption components
superimposed on a variable photospheric profile. A
large-scale mass ejection from the stellar surface is
occasionally observed; this ejection is also traceable
in all spectral lines.

The data on the profile and radial velocity vari-
ability obtained from optical spectra suggest that
the line profile variations in the spectrum of αCam
are probably attributable to nonradial pulsations. As
Ledoux (1951) showed, rapid rotation is a necessary
condition for the existence of stable pulsations. The
pulsation parameters probably differ for different at-
mospheric layers.
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Abstract—In experiments that were regularly carried out in 1999–2002 with Pushchino radio telescopes
(Russian Academy of Sciences), the study of the radial dependence of the scattering of radio emission from
compact natural sources was extended to regions of circumsolar plasma farther from the Sun. Based on a
large body of data, we show that, apart from the standard transonic acceleration region located at distances
of 10–40R� from the Sun, there is a region of repeated acceleration at distances of 34–60R� attributable
to the equality between the solar wind velocity and the Alfvénic velocity. The repetition in the trans-Alfvénic
region of the characteristic features of the radial stream structure observed in the transonic region (the
existence of a precursor, a narrow region of reduced scattering that precedes a wide region of enhanced
scattering) suggests that the main characteristic features of the resonant acceleration of solar wind streams
are preserved up to distances of the order of 60 R�. c© 2004 MAIK “Nauka/Interperiodica”.

Key words: Sun, circumsolar plasma, solar wind, transonic and trans-Alfvénic solar wind regions.
INTRODUCTION

Studying the sources and formation processes of
solar wind streams is one of the pressing problems
in modern solar physics. Experimental studies of
the circumsolar-plasma acceleration mechanisms are
related mainly to the potentialities of the sounding
method and to scintillation or radio-wave scattering
observations. In both cases, the emission from com-
pact natural sources is used. Attention is focused on
regions at small distances from the Sun where the
stream structure is formed and where the solar wind
streams are accelerated.

An important result of previous studies was the
detection of the transonic transition region, whose
existence was not predicted by the theory, where the
main acceleration takes place and where the solar-
wind stream becomes supersonic (Lotova et al. 1985,
1998; Lotova 1988, 1992). The transition region is
located at radial distances of ∼10–40R� from the
Sun, where R� is the solar radius. In the transition
region, the flow is mixed: the subsonic and supersonic
streams coexist and interact in space. Of unquestion-
able interest is the extension of studies to regions of
interplanetary plasma farther from the Sun in order to
clarify the subsequent fate of the flow and its stream
structure. In 1999–2002, regular studies of the solar

*E-mail: helen@izmiran.rssi.ru
**E-mail: solter@izmiran.rssi.ru
1063-7737/04/3005-0343$26.00 c©
wind were extended to radial distances up to 60–
70R�. A considerable amount of data to be discussed
below were accumulated in these experiments.

THE REGIONS OF INTENSE SOLAR WIND
ACCELERATION

The following radio wave scattering parameters
are studied in radio-astronomical experiments: the
scattering angle 2θ(R) and the scintillation index
m(R) (Lotova et al. 1985; Lotova 1988). The tran-
sition region is detected here as an extended region of
enhanced scattering. Figure 1 shows examples of the
transition region localization, as determined from the
radial dependence of the scattering angle 2θ(R); the
scale is logarithmic on both axes. Figure 1a shows the
observations of the sources 3C215 (�) and 3C225
(©) at λ = 2.7 m in August 2001. Figure 1b shows
the observations of the sources 3C133 (©), 3C 154
(�), 3C 162 (�), and 3C172 (�) at λ = 2.9 m in
June 1991. The open symbols in Fig. 1 correspond
to the phase at which the source approaches the Sun
(eastern hemisphere), and the filled symbols corre-
spond to the recession phase (western hemisphere).
In Fig. 1, we clearly see a wide region of enhanced
scattering; it is revealed by a comparison with the
asymptotic dependence, 2θ(R) ∼ R−1.6, typical of the
subsonic solar wind region (Lotova et al. 1997).

An important structural feature of the radial de-
pendence of scattering is the precursor of the tran-
sition region—a narrow region of sharply reduced
2004 MAIK “Nauka/Interperiodica”
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Fig. 1. Localization of the transonic transition region of the solar wind.
scattering that precedes the wide region of enhanced
scattering (Fig. 1). The precursor region is observed
both when studying the radial dependence of the scat-
tering angle 2θ(R) and when measuring the scintilla-
tion index m(R). The width of the precursor region
is small. In a typical series of daily scattering mea-
surements, the precursor region corresponds to one-
day observations, a result of the measurements being
reduced by more than a factor of 2 compared to the
scattering level in the subsonic region. This reduction
in scattering is real and exceeds significantly the order
of magnitude of the possible deviations related to
instrumental measurement errors. The observations
of the subsequent days yield a result that exceeds the
scattering level in the subsonic region. Fast changes
in scattering in the precursor region correspond to
fast changes in the state of the matter and to fast
changes in the solar wind stream velocity. Rough
order-of-magnitude estimates of these changes can
be obtained by using the standard continuity equation
constructed by assuming that the flow is spherically
symmetric (Muhleman and Anderson 1981). As ap-
plied to the processes without significant changes
in the distance from the Sun, the equation has the
following simple form:

N(R)V (R) = const,

where N is the electron plasma density, and V is the
solar-wind flow velocity. Thus, a rapid doubling of
the flow velocity and then a rapid decrease in velocity
when the initial scattering level is recovered follow
from the twofold decrease in scattering in the precur-
sor region.
Of course, the mechanism of the rapid variations
in the state of the circumsolar plasma in the pre-
cursor region requires further detailed study. Since
the available experimental data tell us little about the
particular features of the process, the problem appears
to be difficult. In the complex problem of studying the
formation of supersonic solar wind streams, the very
existence of the precursor effect turned out to be quite
useful. The small width of the precursor region allows
us to use the quantity Rp—the distance from the Sun
at which this effect arises—in determining the inner
boundary of the transition region. The location of this
boundary is used as a parameter that describes the
intensity of the solar wind acceleration (Lotova et al.
1995a, 1995b).

Previously, we considered the parameters of the
solar wind flow at relatively short distances from the
Sun, R ∼ 10–30R�. Our study of the radial depen-
dence of the flow velocity over a wider distance range
shows that the solar wind acceleration is not contin-
uous and monotonic. This conclusion was first drawn
by Muhleman and Anderson (1981) from experimen-
tal data on the delay of radio signals and, accordingly,
on the distribution of matter along the path con-
necting the Viking spacecraft to the ground-based
station. The deviation of the electron density from
the inverse-square dependence on the radial distance
from the Sun made it possible to reveal two zones
of intensive solar wind stream acceleration, near 20
and 50R�. The complex, nonmonotonic pattern of the
acceleration process was subsequently confirmed by
direct methods of measuring the solar wind velocity
(Yakovlev et al. 1980, 1988; Efimov et al. 1990;
Tokumaru et al. 1995; Efimov 1994). More complete
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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Fig. 2. Examples of the radial dependence of the scattering angle.
diagnostics of the solar wind acceleration requires
continuous series of data on the radial dependence
of the solar wind velocity over a wide range of radial
distances, R ≈ 3–80R�, compared with radio wave
scattering data. Figure 2 shows the results of our
experiments, examples of the radial dependence of the
scattering angle 2θ(R) measured over a wide range
(R ≈ 5–70R�). The symbols used here for various
sources are: in Fig. 2a, for the observations of the
sources 3C2 (©), 3C5 (�) in March 2000; in Fig. 2b,
for the observations of 3C144 (©), 3C166 (♦) in
June 2000; in Fig. 2c, for the observations of 3C2
(©), 3C5 (�) in March 2001; and in Fig. 2d, for
the observations of 3C138 (©) in June 2000. The
open and filled symbols, as in Fig. 1, distinguish the
observations referring to the phase when the source
RONOMY LETTERS Vol. 30 No. 5 2004
approaches to and recedes from the Sun. We see
from Fig. 2 that, apart from the known transition
region, enhanced scattering is repeated in regions
farther from the Sun, at distances R ∼ 40–70R�;
the same structural features that determine the flow
acceleration in the transition region are repeated here:
the narrow region of reduced scattering that precedes
the wide region of enhanced scattering.

The results of our observations in the period 1999–
2002 are summarized in the table. The table lists the
experiment number, the sounding source, the date on
which the transition-region precursor was observed,
and its coordinates: the sounded hemisphere (E/W),
the distance from the Sun Rp1

, and the heliolatitude
ϕ1; and the date of detection of the second precursor
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Positions of the scattering minima Rp1
and Rp2

in the transonic and Alfvénic regions in the solar-wind acceleration
process

N Source E/W Date Rp1
/R� ϕ1, deg Date Rp2

/R� ϕ2, deg

1 3C2 E Mar. 18, 1999 15.5 −12 Mar. 13, 1999 34.0 −6.5

2 3C5 E Mar. 20, 1999 16.5 −6.7 Mar. 15, 1999 35.0 −4.2

3 3C2 E Mar. 17, 2000 17.5 −11.1 Mar. 11, 2000 38.0 −5.9

4 3C2 W Mar. 24, 2000 17.5 −7.0 Apr. 1, 2000 38.0 −2.0

5 3C5 E Mar. 19, 2000 18.0 − Mar. 13, 2000 36.0 −4.1

6 3C5 W Mar. 28, 2000 19.0 − Apr. 3, 2000 38.0 0.3

7 3C133 W June 20, 2000 23.5 30.5 June 21, 2000 47.5 18.1

8 3C138 W June 15, 2000 28.0 −51.2 June 24, 2000 52.0 −0.6

9 3C144 W June 21, 2000 22.5 −5.0 June 29, 2000 50.5 1.9

10 3C154 E June 18, 2000 23.0 17.9 June 12, 2000 43.0 6.0

11 3C166 E June 26, 2000 21.5 −23 June 19, 2000 46.0 −14.1

12 3C207 W Aug. 6, 2000 25.5 −40 Aug. 15, 2000 54.0 −14.6

13 3C208 W Aug. 10, 2000 26.0 −25.3 Aug. 19, 2000 56.0 −8.8

14 3C212 W Aug. 11, 2000 27.0 −18.2 Aug. 18, 2000 48.0 −8.2

15 3C228 W Aug. 23, 2000 21.0 8.2 Aug. 30, 2000 44.0 7.7

16 3C2 E Mar. 16, 2001 21.0 −9.3 Mar. 9, 2001 45.0 −5.3

17 3C5 E Mar. 18, 2001 22.0 −5.5 Mar. 11, 2001 45.0 −3.8

18 3C154 E June 20, 2001 18.0 26.3 June 14, 2001 38.0 8.1

19 3C172 E – ∼18.0 − June 25, 2001 38.0 7.8

20 3C207 W Aug. 4, 2001 21.0 −53.6 Aug. 13, 2001 46.0 −18.0

21 3C208 W Aug. 8, 2001 19.0 −37.6 Aug. 15, 2001 42.0 −12.3

22 3C275 W Oct. 10, 2001 21.5 −6.4 Oct. 17, 2001 47.5 −4.6

23 3C279 W Oct. 14, 2001 21.5 −3.1 Oct. 21, 2001 46.0 −3.3

24 W31(2) E Dec. 21, 2001 17.0 56.3 Dec. 30, 2001 26.0 22

25 W31(2) W Dec. 27, 2001 17.5 40.3 Jan. 1, 2002 34.0 15

26 3C2 E Mar. 17, 2002 18.5 −10.5 Mar. 11, 2002 38.0 −6.0

27 3C5 E Mar. 19., 2002 18.5 −6.2 Mar. 15, 2002 38.0 −4.0

28 3C207 W Aug. 1, 2002 18.0 −79.5 Aug. 8, 2002 36.0 −24.0

29 3C208 E Aug. 1, 2002 17.5 −52.0 Aug. 13, 2002 36.0 −16.0

30 3C215 W Aug. 13, 2002 23.0 5.4 Aug. 19, 2002 45.0 4.6

31 3C225 E Aug. 11, 2002 18.0 −2.0 Aug. 24, 2002 33.0 3.2

32 3C225 W Aug. 22, 2002 21.5 3.4 Aug. 28, 2002 43.0 3.1

33 3C228 W Aug. 22, 2002 16.0 17.3 Aug. 27, 2002 34.0 9.4

34 IRC-20431 W Dec. 29, 2002 18.0 7.0 Jan. 2, 2003 34.0 0.0

35 W28 A2(1) W Dec. 27, 2002 18.0 −14.0 Dec. 31, 2002 34.0 −11.0

36 W31(2) W Dec. 28, 2002 20.0 32.0 Jan. 3, 2003 40.0 12.0
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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Rp2
and its coordinates: E/W, Rp2

, and ϕ2. The data
in the table show that there are persistent regions of
intense acceleration with identical structural features
in the circumsolar plasma. In the transitional region,
these features were related to the flow acceleration
near the critical sonic point and to the subsequent
flow deceleration (Lotova et al. 1992, 1993). Based
on the repetition of structural features of the transi-
tion region in more distant regions of the medium,
it would be natural to associate the second region
with the recurrent, additional flow acceleration near
the Alfvénic critical point. Thus, the solar wind flow
acceleration is not continuous and monotonic: in the
discrete regions determined by the critical points, the
above rapid changes in velocity of both signs arise.

CORRELATION BETWEEN THE TWO
REGIONS OF FLOW ACCELERATION

The data of the table show that the positions of
the Rp1

and Rp2
precursors change over wide ranges:

Rp1
≈ 16–27R� and Rp2

≈ 34–56R�. These data
allow us to study the correlation between the spatial
positions of the flow acceleration regions. In Fig. 3,
the position of theRp2

precursor is plotted against the
position of theRp1

precursor: �= the fast flows asso-
ciated with the streamer periphery or with local coro-
nal holes; • = the slow flows identified with the main
body of the streamer; © = the slower flows identified
with the ray structure of the white corona (LASCO,
C2, SOHO); and ♦ = the slowest flows identified with
equatorial coronal holes. The flow types were deter-
mined from the correlation diagram that relates the
position of Rin, the inner boundary of the transition
region, to |BR|, the magnetic field strength on the
source surface, R = 2.5R�. The correlation analysis
that reveals various branches in the Rin(|BR|) de-
pendence was complemented with calculations of the
coronal magnetic field topology and with SOHO data
on the white-corona structure (Lotova et al. 2002).
Figure 3 shows that a common Rp2

(Rp1
) correlation

is observed for the flows of different types. The slowest
flows (©) dominate in the upper part of this depen-
dence, while the fast flows (�) dominate in its lower
part.

DISCUSSION AND RESULTS

Our study of the radial dependence of radio-
wave scattering by two independent methods of
observations—using the scattering angle 2θ(R) and
the scintillationsm(R)—over the wide range of radial
distances (R ≈ 5–70R�) where the supersonic solar
wind is formed reveals persistent discrete regions in
which the main and additional intense flow acceler-
ation takes place. The positions of these regions on
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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Fig. 3. Spatial position of the Rp2 precursor as a function
of the Rp1 position.

the radial distance scale are defined as the positions
of narrow regions with sharply reduced scattering
(precursors) followed by wide regions with enhanced
scattering. These regions arise when the flow velocity
is equal to the magnetic sound velocity or the Alfvénic
velocity, which leads us to conclude that intense flow
acceleration results from the resonant interaction
between waves and plasma particles. The existence
of a common correlation independent of the flow type
between the spatial positions of the regions of main
and additional acceleration suggests that the flow
type determined by the initial conditions in the solar
corona, the magnetic field structure and strength at
the base of the streamline is preserved in the complex
acceleration process up to distances of ∼60–70R�.
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Abstract—We study the regions of finite motions in the vicinity of three simple stable periodic orbits in
the general problem of three equal-mass bodies with a zero angular momentum. Their distinctive feature
is that one of the moving bodies periodically passes through the center of mass of the triple system. We
consider the dynamical evolution of plane nonrotating triple systems for which the initial conditions are
specified in such a way that one of the bodies is located at the center of mass of the triple system. The initial
conditions can then be specified by three parameters: the virial coefficient k and the two angles, ϕ1 and ϕ2,
that characterize the orientation of the velocity vectors for the bodies. We scanned the region of variation
in these parameters k ∈ (0, 1); ϕ1, ϕ2 ∈ (0, π) at steps of ∆k = 0.01; ∆ϕ1 = ∆ϕ2 = 1◦ and identified the
regions of finite motions surrounding the periodic orbits. These regions are isolated from one another in the
space of parameters (k, ϕ1, ϕ2). There are bridges that correspond to unstable orbits with long lifetimes
between the regions. During the evolution of these metastable systems, the phase trajectory can “stick” to
the vicinity of one of the periodic orbits or move from one vicinity to another. The evolution of metastable
systems ends with their breakup. c© 2004 MAIK “Nauka/Interperiodica”.

Key words: celestial mechanics, three-body problem, periodic orbits.
INTRODUCTION

The search for periodic solutions plays an impor-
tant role in studying the dynamics of triple systems
(see, e.g., Davoust and Broucke (1982), the review
by Hadjidemetriou (1984), and the book by Mar-
chal (1990)). According to the KAM theory, stable
periodic orbits must be surrounded by finite-motion
trajectories.

It is of interest to study the location of finite-
motion regions in the space of initial conditions
(masses, coordinates, and velocities of the compo-
nents). The space considered has a large number
of dimensions, D = 21, making it impossible to
search for stability regions via direct scanning of
the entire space. The center-of-mass integrals allow
the dimension of the space to be reduced down to
D = 15. Restricted motions appear to be possible
only in systems with negative total energy E < 0.
This fact imposes additional constraints on the part
of the space of initial conditions to be considered;
however, the number of dimensions remains too large.

At the same time, we can analyze various sections
of the region of initial conditions by invoking some

*E-mail: vor@astro.spbu.ru
1063-7737/04/3005-0349$26.00 c©
additional considerations, e.g., the information about
the known periodic solutions.

Consider, e.g., the general problem of three equal-
mass bodies with zero total angular momentum.
Three types of stable periodic orbits are known for this
problem (see von Schubart (1956); Broucke (1979);
Moore (1993), and Chenciner and Montgomery
(2000)).

The first orbit was found in the rectilinear three-
body problem, and Hénon (1977) proved its stability.

Broucke (1979) numerically discovered several
periodic orbits in the isosceles problem of three equal-
mass bodies. One of these orbits is surrounded by a
“tube” consisting of finite-motion trajectories (Zare
and Chesley (1998); Orlov et al. (2002)) and appears
to be stable.

The third of the orbits mentioned above has the
shape of the figure eight. Its stability was proved by
Simó (2002). Orlov et al. (2003) analyzed a series of
sections in the vicinity of the figure eight and con-
firmed that this orbit is surrounded by finite-motion
trajectories.

Thus the general three-body problem with equal-
mass components and zero angular momentum has
at least three likely stable periodic orbits surrounded
2004 MAIK “Nauka/Interperiodica”
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by tubes of finite-motion trajectories. A question
arises whether these tubes are interconnected or
whether they are isolated manifolds. We analyze this
problem in our paper.

METHOD OF SIMULATIONS

We first point out that all three orbits under study
(Fig. 1) have a common property: in the course of the
motion one of the bodies (or each of the three bodies)
passes periodically through the center of mass of the
triple system. We can use this property to reduce the
dimension of the set of initial conditions. In partic-
ular, let us analyze such trajectories in the three-
body problem with zero angular momentum, where
the evolution starts with one of the bodies located at
the center of mass of the triple system.

We use the system of units where the masses of
bodies are equal to m1 = m2 = m3 = 1, the gravita-
tional constant is G = 1, and the total energy of the
triple system is equal to E = −1. All the bodies move
in theXY plane.

For such systems, the following relations are sat-
isfied at the initial time instant:

3∑
i=1

ri = 0, (1)

3∑
i=1

ṙi = 0,

3∑
i=1

[ri × ṙi] = 0,

1
2

3∑
i=1

ṙ2
i −

∑
i<j

1
rij

= −1.

Here, ri (i = 1, 2, 3) is the radius-vector of i-th body
in the barycentric coordinate system and rij are the
mutual distances between the bodies.

Suppose that body m3 is at the center of mass of
the system. In this case we have r3 = 0. We can turn
the coordinate system so as to align all three bod-
ies along the X-axis. All bodies have equal masses
and therefore x1 + x2 = 0. The fact that the angu-
lar momentum of the triple system is equal to zero,
combined with the condition of the immobility of the
center of mass, implies that ẏ1 = ẏ2, ẏ3 = −2ẏ1, ẋ3 =
−ẋ1 − ẋ2.

As a result, we have only four quantities
{x1, ẋ1, ẋ2, ẏ1} so far left undetermined. Let us sub-
stitute them into the energy integral to obtain

ẋ2
1 + ẋ2

2 + ẋ1ẋ2 + 3ẏ2
1 − 5

2|x1|
= −1. (2)
Let us assume, for the sake of definiteness, that body
m1 is located left of the central body, i.e., x1 < 0. Then

x1 = −5
2
(ẋ2

1 + ẋ2
2 + ẋ1ẋ2 + 3ẏ2

1 + 1)−1. (3)

As a result, three velocity components {ẋ1, ẋ2, ẏ1}
determine completely the initial conditions. We can
use instead of these velocities other parameters,
which vary within finite intervals.

One such parameter is the virial coefficient, which
is equal to the kinetic-to-potential energy ratio k ∈
{0, 1}. The cases k = 0, 1 correspond to triple colli-
sions, and we do not consider them here.

Another two parameters determine the directions
of motion of the two outer bodies m1 and m2. Let us
introduce two angles ϕ1 and ϕ2 such that

tanϕ1 =
ẏ1

ẋ1
, tanϕ2 =

ẏ2

ẋ2
=
ẏ1

ẋ2
. (4)

Because of the symmetry of motions, it is sufficient
to analyze the velocity vectors directed into the upper
half-plane, i.e., ϕ1, ϕ2 ∈ [0◦, 180◦]. We can then write
velocities {ẏ1, ẋ1, ẋ2} in terms of the parameters in-
troduced

ẏ1 =

√
k/(1 − k)

3 + 1
tan2 ϕ1

+ 1
tan2 ϕ2

+ 1
tan ϕ1 tg ϕ2

, (5)

ẋ1 =
ẏ1

tanϕ1
,

ẋ2 =
ẏ1

tanϕ2
.

The remaining velocity components can be ex-
pressed in terms of the condition of the immobility of
the center of mass and the area integral:

ẏ2 = ẏ1, (6)

ẏ3 = −2ẏ1,

ẋ3 = −ẋ1 − ẋ2.

The coordinates x1 and x2 can be found from Eq. (3)
and the integral of center of mass (recall that x3 = 0).

Note that equations (5) become singular at ϕ1 =
90◦ and ϕ2 = 90◦. At ϕ1 = 90◦ we set

ẏ1 =

√
k/(1 − k)
3 + 1

tan2 ϕ2

, (7)

ẋ1 = 0.

We correspondingly obtain for ϕ2 = 90◦

ẏ1 =

√
k/(1 − k)
3 + 1

tan2 ϕ1

. (8)

ẋ2 = 0
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Fig. 1. Von Schubart (a), Broucke (b), and figure-eight (c) orbits in barycentric coordinates.
The remaining components of velocities and coordi-
nates can be computed in the same way as above.

Note also that the cases

ϕ1 + ϕ2 = 180◦ (9)

correspond to triple collisions, and we do not consider
them here.

As a result, we scan the region of initial conditions

k ∈ (0, 1); ϕ1, ϕ2 ∈ (0◦, 180◦); ϕ1 + ϕ2 �= 180◦
(10)

in steps ∆k = 0.01 and ∆ϕ1 = ∆ϕ2 = 1◦ in order
to identify the finite-motion regions around stable
periodic orbits and analyze how the shapes and sizes
of these regions vary in response to the variation of
parameters (10).

For each variant of initial conditions, we perform
computations until the maximum mutual distance
rmax exceeds 5d, where d is the mean size of the triple
STRONOMY LETTERS Vol. 30 No. 5 2004
system

d =
m1m2 +m1m3 +m2m3

|E| = 3, (11)

or until the evolution time exceeds 1000τ , where τ is
the mean crossing time

τ =
(m1 +m2 +m3)5/2

(2|E|)3/2
=

9
√

3
2
√

2
. (12)

We assumed that a system with a lifetime of >1000τ
may have finite motions. In the systems of the first
kind, we fixed the time T , when condition rmax > 5d
was satisfied. After this, the evolution of the triple
system passes into the “triple encounter–ejection”
mode (see, e.g., Orlov et al. (2001)), which ends with
the breakup of the system—the escape of one of the
bodies into a hyperbolic orbit.
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Fig. 2. The structure of relief T (ϕ1, ϕ2) at k = 0.1.
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Fig. 3. The structure of relief T (ϕ1, ϕ2) at k = 0.2.
RESULTS

It is convenient to represent the results of a three-
dimensional scanning of the region of initial condi-
tions in the space of parameters (k, ϕ1, ϕ2) as two-
dimensional sections (ϕ1, ϕ2) at fixed k. Figures 2–
6 show the evolution of sections as a function of
increasing virial coefficient. The figures have the form
of reliefs: “highland” areas correspond to longer evo-
lution of the system until the criterion rmax > 5d is
satisfied. The upper plateaus correspond to systems
where this condition was not satisfied during time
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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Fig. 5. The structure of relief T (ϕ1, ϕ2) at k = 0.46.
1000τ . Such systems may have finite motions in the
vicinity of stable periodic orbits.

The figures must be symmetric with respect to the
line of triple collisions, ϕ1 + ϕ2 = 180◦. This symme-
try provides an additional check for the accuracy of
the computations.

We found no triple systems with T > 1000τ at
small k (Fig. 2). It appears that at such k, there
RONOMY LETTERS Vol. 30 No. 5 2004
are no regions of initial conditions under which mo-
tions remain for a long time within the region where
rmax < 5d. At k ≈ 0.15 finite-motion regions appear
in the lower left and upper right corners. The regions
stretch out toward each other along the main diago-
nal ϕ1 = ϕ2 (Fig. 3). At k ≈ 0.25 the regions sepa-
rate from points {ϕ1, ϕ2} = {0◦, 0◦} and {ϕ1, ϕ2} =
{180◦, 180◦} and become rounder with increasing k.
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Fig. 6. The structure of relief T (ϕ1, ϕ2) at k = 0.5.
It may be assumed that these finite-motion regions
are associated with the stable periodic orbit of von
Schubart (1956).

The further increase of the virial coefficient results
in a gradual disruption of the regions associated with
the von Schubart orbit and is accompanied by the
simultaneous formation of three new regions; one
of these emerges in the central part at {ϕ1, ϕ2} =
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Fig. 7. The trajectories of the motion of bodies in the
vicinity of Broucke’s orbit.
{90◦, 90◦} and extends along the diagonal ϕ1 + ϕ2 =
180◦, while the other two form arcs that are symmetric
with respect to this diagonal (Fig. 4).

Five isolated finite-motion regions coexist in a
small interval of k values about k ≈ 0.4. Two re-
gions are associated with the von Schubart orbit; two
regions, with the figure-eight orbit; and the central
region, with the Broucke orbit (see below).

These regions are connected to each other by a
“bridge” of trajectories, which remain for a long time
within rmax < 5d, but then cease to satisfy this con-
dition. The evolution of these systems appears to end
with their breakup.

As k increases, the central region breaks up into
two parts separated by a thin bar (Fig. 5). The bar
then breaks and a ringlike structure forms that con-
sists of systems where motions remain finite for a
long time (Fig. 6). The regions generated by the von
Schubart orbit are adjacent to the upper and lower
boundary of the ring along the main diagonal. As
virial coefficient increases, the ring “dissolves” and
the “debris” of the region of the von Schubart orbit
continues to exist in a certain interval of k values.
However, they too disappear in the end.

The trajectories of bodies that we constructed here
with initial conditions taken in the aforementioned re-
gions confirm the conclusions made above (Figs. 7–
9). The trajectories in transition regions reproduce the
features of those finite-motion orbits that are closest
to the initial conditions.

By the behavior of their motion, trajectories in
transition regions resemble the metastable systems
ASTRONOMY LETTERS Vol. 30 No. 5 2004
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Fig. 8. Trajectories of bodies in the vicinity of the figure-
eight orbit.

earlier found in the general three-body problem with
zero initial velocities (Martynova et al. 2003). There
is, however, an important difference: The trajectories
considered by Martynova et al. (2003) pass into the
metastable mode (sometimes very long) sometime
after the start of the evolution. In this paper, the initial
conditions for transition regions are already selected
in regions of metastability.

DISCUSSION

In this paper, we have considered the dynamics
of triple systems with equal-mass components and
zero angular momentum. The initial conditions were
chosen in such a way that all of the bodies are on
one straight line, with one of the bodies being halfway
between the other two. Such conditions are realized
in three stable periodic orbits.

Each of the orbits is surrounded by a region of
trajectories with finite motions, i.e., stable according
to Lagrange. We were interested in the question of
whether these regions of stability are connected with
each other. The answer proved to be negative; the
stability regions are isolated in the phase-space sec-
tion considered here. However, we cannot rule out the
possibility of their joining in other dimensions.

Another result obtained here is the discovery of
a “bridge” of long-lived but unstable systems con-
necting the stability regions. Typical motions in these
systems resemble those in neighboring regions of
stability, but triple encounters and ejections of bodies
begin some time after the onset of evolution. As a
result, the triple system breaks up.
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Fig. 9. Trajectories of bodies in the vicinity of the von
Schubart orbit.

The structure of the region of initial conditions
corresponding to the trajectories with finite motions
evolves with increasing virial coefficient k as follows:

(1) the emergence and growth of the region gener-
ated by the von Schubart orbit;

(2) the roughly simultaneous appearance of re-
gions around the figure-eight and the Broucke orbit;

(3) the coexistence of the regions generated by all
three orbits connected by the “bridge” of long-lived,
but breaking-up systems;

(4) the breakup of the region generated by the
Broucke orbit into two parts connected by a thin bar;

(5) the formation of a ring of long-lived trajectories
with two protrusions generated by the von Schubart
orbit;

(6) the disruption of the ring structure;
(7) the disappearance of the “ruins” of the re-

gion of long-lived trajectories connected with the von
Schubart orbit.

Thus, the regions of stable motions generated by
the von Schubart orbit are observed over a wider
range of virial coefficients than the stability regions
associated with the other two orbits. The smallest
stability region is that surrounding the figure-eight
orbit.

In conclusion, let us note that the pattern of mo-
tions in long-lived but breaking-up systems resem-
bles the dynamics of metastable systems that we
identified previously.

Since the regions of initial conditions correspond-
ing to the trajectories with finite motions have a
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nonzero dimension, such motions can in principle
take place in actual triple systems of stars or galaxies.
Some of the observed nonhierarchical triple stars and
triplets of galaxies can have similar motions if they
had initial formation conditions in the vicinity of one
of the stable periodic orbits.
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5. M. Hénon, Celest. Mech. 15, 243 (1977).
6. C. Marchal, The Three-Body Problem (Elsevier,

Amsterdam, 1990).
7. A. I. Martynova, V. V. Orlov, and A. V. Rubinov, Mon.

Not. R. Astron. Soc. 344, 1091 (2003).
8. C. Moore, Phys. Rev. Lett. 70, 3675 (1993).
9. V. V. Orlov, A. V. Petrova, and A. I.Martynova, Pis’ma

Astron. Zh. 27, 549 (2001) [Astron. Lett. 27, 470
(2001)].

10. V. V. Orlov, A. V. Petrova, and A. I. Martynova, Mon.
Not. R. Astron. Soc. 333, 495 (2002).

11. V. V. Orlov, A. V. Rubinov, and A. D. Chernin, Pis’ma
Astron. Zh. 29, 148 (2003) [Astron. Lett. 29, 126
(2003)].

12. C. Simó, Preprint (Univ. of Barcelona, Spain, 2002).
13. J. von Schubart, Astron. Nachr. 283, 17 (1956).
14. K. Zare and S. Chesley, Chaos 8, 475 (1998).

Translated by A. Dambis
ASTRONOMY LETTERS Vol. 30 No. 5 2004


	283_1.pdf
	293_1.pdf
	309_1.pdf
	319_1.pdf
	325_1.pdf
	332_1.pdf
	343_1.pdf
	349_1.pdf

